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DEDICATION
in grateful appreciation
we dedicate this series and these volumes
to Cecilia Payne-Gaposchkin, who, with Sergei, set the spirit of empiri-
cal-theoretical atmospheric modeling by observing:
"All true variable stars have variable atmospheres, but a
variable atmosphere is probably the property of all stars,
whether obviously variable in brightness or not [as witness
the solar envelope] ";
and who, by her intimate knowledge of particular stars, pioneered in the
recognition of the fundamental importance of "individuality of stellar
atmospheric characteristics."
to Daniel Chalonge, who sought, by ingenious meticulous observations,
to make quantitative the features of qualitative classical taxonomy,
thereby laying the foundations of showing the inadequacy of its two-
dimensional, single-region atmospheric, character;
and who always opposed the spirit of a distinguished theoretical col-
league's remark:
"Don't show me those new observations of yours; they
inhibit the range of my speculations."
PERSPECTIVE
Publication of Volume 4 (December 1983) marked the halfway point for the projected
eight volumes sponsored by NASA and CNRS in our series of monographs on nonthermal
phenomena in, and structures of, stellar atmospheres. The interlude of nearly 3 years be-
tween the publication of that volume and of the present Volume 5 arose from a variety of
circumstances beyond our control, but the delay and its causes make appropriate a restate-
ment of a Perspective on the series and its objectives. We divide it into three parts: a science
perspective on the series as a whole, a science perspective on this particular M-star volume,
and an organizational perspective on the series. We introduced each of the first four volumes
by a short, general, continuing sequential preface to put the volume into perspective relative
to the preseries environment. In each of the remaining four volumes, we begin with a Perspec-
tive on the contribution of that volume to the currently evolving pictures of stellar
atmospheres--to which these volumes seem to be contributing, judging by their reviews. We
stress not only the evolution of stellar atmospheric modeling, but also its relation to the ther-
modynamic character, and eventual modeling, of the whole star. We also try to draw on
the perspective gained from editing the entire series, to suggest to editors/authors of a par-
ticular volume those questions/problems which we hope that the volume, focusing on only
a few stellar types, might clarify. But we emphasize that we can hardly dictate their response
in this observationally centered monograph series. Hopefully, our authors know better than
anyone else what the data demand and where their present incompleteness leaves ambiguity.
But we have found the interaction stimulating and educational. The reader can judge its
productivity.
SCIENCE PERSPECTIVE ON THE SERIES
The combination of eclipse, coronagraphic, high-resolution limb, and rocket-borne studies
of the Sun during the 1940's through the 1960's made unambiguously clear for the Sun what
a century of studies of various kinds of peculiar stars--including the Sun--had implied for
all these stars called peculiar. While the great majority of stars appeared to have atmospheres
dominated by quasi-thermal photospheric phenomena and structure, when studied by only
low-resolution disk spectra, there were strong exceptions. Since the 1860's, the Be stars had
joined the Sun in revealing the existence of outer atmospheres many radii in extent. The Wolf
Rayet stars had exhibited the same, together with evidence for a dynamic mass outflow which
could provide both that atmospheric extent and an aerodynamic energy dissipation to pro-
duce the superionization observed in their spectra. Successively, as observations improved
over the years, these particular types of peculiar stars had been joined by others, enlarging
the observed classes of stars showing extended, nonradiatively heated atmospheres with mass
outflow--phenomena all contrary to accepted stellar atmospheric theory.
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Theclassical,speculativetheoretical,thin, static,quasi-equilibriummodelof a stellar
atmospherewas,historically,far from realityfor suchpeculiarstarsgenerally.Justhowto
modify thetheoryto includesuchpeculiaritywas,however,uncertain.In the 1940-1960's,
this increasingvarietyof solardataexhibitedin detailpreciselywhatwerethe speculative
theoreticalmisconceptionsfor at leastthat star--which ispeculiaressentiallybecauseof its
proximity. Thesedatashowedgrosslythat the Sunis not a closedthermodynamicsystem
(i.e., onewithnomassoutflow),norhasit aradiativelycontrolled,thermalouteratmosphere.
All thesenowbroadlyobservedthermodynamicpropertiesareforbiddenbythethen-current
speculativetheoreticalmodels.Therefore,obviously,theorymustbemodifiedto permit at
leastsomestarsto beopen--asopposedto closed--thermodynamicsystems,with nonther-
malenergymodes.Thecentralquestioniswhetherall or only some(e.g.,thepeculiar)stars
areto beallowedthis freedom,and is suchfreedomthe mark of peculiarity?We needed
moreobservationaldetailon avarietyof stars,bothnormalandpeculiar.Obviously,em-
piricism,not speculation,mustguidethereformationof theory,thusreturningthefunction
of theoryto its historic,pragmaticrole: first, to representreal-worldobservations,andsec-
ond, to "explain" the phenomena.
TheSunispeculiarbecauseitsproximityallowsdetectionof small-amplitudephenomena
that areunobservablein moredistantstars.For thesephenomenato beseenin otherstars,
withcomparableinstruments,theiramplitudesmustbemuchlarger.Thebasicquestionwas/is
whetherstellar"peculiarity" representsexceptionalphenomenanot commonto all starsor
simplyexceptionallylargeamplitudesof commonphenomenathat areanomalousonly in
themagnitudeof theirdeparturefromthepredictionsof classicaltheory.Indeed,moremodern
observationswith moresensitivedetectorsandcoveringdifferent spectralregionsincreas-
ingly showedtheSun'scommunityof anomalywithmorestrikinglypeculiarstars.Thesim-
ple commonanomalyof the 1860'swasgreatlyextendedatmospheres,that of the 1940's
wasnonradiativeheating,andthat of the1950-1960'swasaerodynamicmassloss:all these
features,foundfirst in thestarsandthendetailedin theSun,haveenlargedobservationally
to includeevenfinerdetails.Suchempiricalorientationandguidance,impossibleto obtain
underonly low-resolutionvisualspectralstudy,standsout underthehigh-resolution,time-
resolved,panspectralcapabilityof moderngroundplusspatialfacilities.Soin askinghow
generalaresuchsmall-amplitudesolaranomaliesand large-amplitudestellarpeculiarities,
onecanonlybeguidedbyincreasinglyrefinedsystematicobservations,notsimplybyspecula-
tion from a few "snapshotobservations."
Thus,for anormalstar--astheSunwouldbeclassifiedatnormalstellardistances--the
requiredobservational, not speculative, details are not only those on such gross nonthermal
phenomena as strictly radial pulsation and catastrophic or nova-like mass ejection. They also
include the observed small-amplitude photospheric motions, the not-always small-sized in-
homogeneities and the sometimes associated magnetic fields--both small and large. All these
are symptomatic of nonthermal phenomena, which amplify nonlinearly in the upper stellar
atmosphere to produce that anomalous exophotospheric structure that so strongly contrasts
with the predictions of classical thermal theory: a sequence of thermodynamically distinct
regions instead of the only single-region quasi-thermal upper photosphere.
In principle, it is those almost inconspicuous photospheric anomalies in a quasi-thermal
photospheremnot a pulsating or nova-ejected photosphere--that demand the most widespread
change in "theory." Quasi-thermal, pulsating, or ejected photospheres alike demand a basic
change in the thermodynamics postulated in classical atmospheric modeling. "Peculiar" stars
may demand more extensive varieties of change from classical modeling, but there are simply
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many more stars having quasi-thermal, rather than blatantly nonthermal, photospheres.
Therefore, any changes required in normal star modeling are felt more sweepingly. They
cannot be simply dismissed as "peculiar"--star or phase of stellar evolution.
To understand the thermodynamics of such quasi-thermal photospheres and the regional
exophotosphere they produce, we must delineate the details of structure of, and phenomena
in, those photospheres which are only quasi-thermal, not fully nonthermal. Then we ask what
kind of subatmospheric structure--and its thermodynamic state--can produce the quasi-
thermal photosphere. But we recognize that we are able to observe directly only these at-
mospheric phenomena and structures. A knowledge of subatmospheric and deep interior struc-
ture and thermodynamic state can come only by inward, theoretical extrapolation from sur-
face conditions. As evidenced by the inability of existing theory to predict atmospheric struc-
ture, one had/has little confidence in its completeness. So we recognize that it, also, must
be modified, in parallel w_th our observational modification of the picture of a real-star at-
mosphere. It is too often not understood that an observed anomalous atmospheric structure
implies an erroneous thermodynamic basis for that theory of the subatmosphere and interior
relative to whose atmospheric predictions the observations are anomalous. So while we can
observe only the atmosphere, and thus obtain empirical guidance in making a theory for
its modeling, it is not only atmospheric theory which needs reexamination/modification, and
in this aspect, we have no direct empirical guidance. But we do recognize that demands for
such expanded theory focus more on a broadened basic thermodynamics--nonlinear, non-
equilibrium thermodynamicsmthan on studies of linearized nonequilibrium thermostatics,
programmed in endless arithmetic, but not thermodynamic, detail. And these nonlinear ef-
fects are most evident in the boundary and, hence, observable regions. Therefore, we have
indirect methods to study interior conditions--a focus on nonlinear effects toward the bound-
ary. We study the quasi-thermal photospheric regions directly by studying linear effects there,
and we probe the subphotosphere by studying the breakdown of linearity in the upper
photosphere.
The need for thermodynamic/aerodynamic rather than thermostatic studies in stellar
atmospheres had been put into perspective by a decade of Workshops, jointly between
aerodynamicists and astronomers, extending the theme of the previous decade's focus on
such phenomena in the interstellar medium. Topics discussed, initiated by expanded obser-
vations, had ranged from solar atmospheric oscillations to stellar pulsations, from the solar
wind to low-velocity mass loss from M giants, from adiabatic mixing-length modeling of
convection to radiation-dominated gas dynamics, from spectroscopic diagnostics based on
"astrophysical turbulence" to those focused on systematic mass motions, ranging from pulsa-
tion to simple outflow.
The 1972 Goddard Space Flight Center (GSFC) conference on stellar chromospheres
put into clear perspective the realization that leadership in delineating the variety of extended,
nonthermal, exophotospheric structure of stellar atmospheres generally--not simply of peculiar
stars--would not come from then-accepted theory. The same realization applied to phenomena
of mass outflow and nonradiative heating. What theory had been developed to try to repre-
sent the existence of chromospheres/coronae and of mass outflows called "winds" focused
on solar-like stars alone. Similar phenomena of atmospheric extent and mass outflow in much
hotter stars were treated as something completely different from the solar case. In each of
the two extremes--cool stars and hot stars--interest focused on exceptional circumstances.
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For cool stars, a convective instability was assumed to produce acoustic waves, which dissipate
to produce chromospheres/coronae, thence the hot wind by thermal expansion of the hot
corona. Winds in hot stars were/are assumed to produce cool winds by a radiation-pressure
origin and acceleration. The super-hot Wolf Rayet stars were dismissed as simply too peculiar
to warrant discussion by theoreticians. The 1976 reunion on the less hot Be stars reaffirmed
that their conjectured, equatorial only mass outflow to produce the observed subionized exo-
photospheric envelope is caused by rotational instability. Cyclically occurring symposia on
planetary nebulae reiterated that these cool distant envelopes--long ago regarded as extreme
examples of Be envelopes by McLaughlin--were the last gasp of late-stage stellar evolution,
a one-time mass ejection that prevented the star from becoming a supernova. The various
kinds of mass outbursts from the variety of nova-like objects were conjectured to originate
in a mass transfer in close binaries, one of which is degenerate. All this was dogma imposed
by the inadequate speculative theory of the early and mid-1970's. The spatial observations
of the 1960-1970's showed how profoundly fact contradicted theory. The solar-wind velocity
varies and at times greatly exceeds thermal theoretical values. Hot-star winds were as hot
as the solar. All B stars, not just Be, have mass outflow; the distinguishing characteristic
of Be-star winds is their variability, not their existence. Presently existing mass-outflow pat-
terns in Be and planetary-nebular stars show close resemblance. Wolf Rayet stars are not
unique in the existence of mass outflow or superionization but in size of mass loss, that size
ensuring that their photospheres are nowhere quasi-thermal.
The spatial observations of the 1960-1970's gradually demonstrated the pervasiveness
of extended multiregional, nonradiatively heated, mass-outflowing exophotospheric atmo-
spheric structure. The earliest spatial observations--from rockets, hence observing only the
brightest stars--had echoed the Wolf Rayet paradigm: superionized, superthermal, and
superescape mass outflow from hot supergiants. But many features of supergiants had long
relegated them to quasi-peculiar status.
Probably the most abruptly shocking result was the observation of mass outflow in
superionized lines at superescape velocities in what had been a standard reference star in
classical thermal atmospheric modeling: z Sco, a normal B0 main-sequence star. This obser-
vation, via the Copernicus satellite, was followed rapidly by similar identifications of mass
outflow in superionized spectral lines across the HR plane. So apparently those gross ther-
modynamic features of many peculiar stars, including the Sun--which demand the removal
from stellar theory of the conditions of being closed thermal systems--were more prevalent
than generally admitted among even normal stars. Nonradiative heating and nonthermal mass
loss were apparently prevalent across the HR plane. But "theoretical" modeling remained
peculiar to each stellar type, its own peculiarity in understanding why classical theory failed.
The "solar/stellar connection" referred only to the similarity between the Sun and cool stars
later than about spectral type F. And one would understand models of such stars by study-
ing how the Sun predicted stars to be, not by studying the stars to delineate phenomena not
exhibited by the Sun (e.g., the cool exocoronal envelope exhibited by Be, T Tauri, and an
increasing number of other varieties of peculiar stars). Stellar peculiarity as a key to understand-
ing the breadth of stellar atmospheric structure was still suspect unless it were that variety
of peculiarity exhibited by the Sun.
Again, after spatial observations of all stars just as before them, when only peculiar
stars were considered anomalous relative to theory, it was clear that revision of modeling
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theory would not come from simply "bending" current theory by its practitioners, not even
solar-stimulated modified theory. Only much more data--high resolution, panspectral, time-
sequenced--could stimulate the search for unifying features and, hence, empirical theory
all across the HR plane. Fortunately, at this epoch, the IUE was on the threshold, and many
observing astronomers were poised to exploit it on the basis of the tantalizing rocket obser-
vations on the one hand, Copernicus results on the other, and many years of accumulated
visual/spectral data that emphasized discord and anomaly with classical speculative theoretical
models. We had no great problem convincing NASA--with much thanks to GSFC's Scien-
tific Directorate (George Pieper, Jack Brandt) and Headquarters support (Harold Glaser;
later, Dave Bohlin and Ed Weiler)--of the utility of assembling the best modern ground-
based, space-based, visual, far-infrared, radio, and far-ultraviolet data in a series of
monographs, and then comparing these data to the results of current theoretical prediction.
Hopefully, such comparison would both put into focus just how large is the discrepancy
between speculative and real worlds and suggest how theory might be modified. Even more
important, there should be a continuous process of data compilation, then preliminary ex-
amination to assess its adequacy, and the institution of new observational programs to fill
in the gaps--preparatory to next-approximation assessment of how to construct better
theorymor at least empirical/theoretical modeling algorithms. Clearly, such an effort should
not be parochial, and clearly, the European-U.S.A. collaboration on IUE had been a major
factor in its fruition. The French CNRS agreed to cosponsor with NASA some volumes in
our proposed monograph series. Their focus was to be precisely as stated: a critical compila-
tion of the best and most modern observations over as broad a spectral region as possible
from the X ray to the radio. All these observations were to be encradled in the century-long
accumulation of data on stellar "normality and peculiarity," inspired by the solar/stellar
connection, asking if the stellar/solar were not the most productive future orientation.
The first four monographs have appeared and have been reviewed. Readers can judge
for themselves the project's present success in terms of its objectives. We first make a few
comments on the overall situation, as it seems to us, mainly to place future work in perspec-
tive. We do not comment on the remaining four volumes only, but also on future observa-
tional programs and the state of "theory" capable of representing the data. Then we try
to place the present M-star volume into this same perspective.
Overall, we recognize progress in clarifying three gross questions in this program of ex-
ploring nonthermal, nonlinearly nonequilibrium phenomena and structures of stellar at-
mospheres: first, the generality of the historic atmospheric three-fold peculiarity; second,
the adequacy of the Sun in exhibiting the full range of exophotospheric structures among
stars having quasi-thermal photospheres; third, the relation between stars with, and those
without, quasi-thermal photospheres.
First, there is finally a general recognition of the ubiquitous character of the historically
outstanding features characterizing some bright peculiar stars, including the Sun: extended
exophotospheres, nonradiative heating, mass outflow. Thermodynamically, these are all
related: given a mass outflow (i.e., an open system, gravitationally bound) the others follow.
This thermodynamic generalization, however, is not yet generally accepted. However, obser-
vationally, all three features seem generally present to some degree in all stars. The literature
is full of debates on whether all stars can be considered to have chromospheres/coronae,
but such controversy is essentially semantics. To many, a chromosphere/corona must have
the solar range of T to be such. To insist on some stellar exophotospheric regions being
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solar-identical before calling them chromosphere/corona simply confuses community of ther-
modynamic class with identical thermodynamic state. The same remarks hold on the prac-
tice of considering mass outflow from hot stars as "cool winds" because "theory" places
their origin in radiative acceleration, while "hot solar-type winds" originate, again in theory,
via a thermal expansion of a corona. Both "types" of wind are observed to be superther-
mal, superescape, and superionized, but sometimes in some stars, all these wind characteristics
hold only in some exophotospheric regions. This distinction, not differences in thermal state,
implies an atmospheric structural pattern differing from the solar and one that cannot be
studied empirically from an observational focus on solar-type stars alone.
Second, therefore, the monographs thus far have demonstrated that the full range of
exophotospheric regional structure in stars with quasi-thermal photospheres is indeed not
exhibited by study of only the cool-star part of the solar/stellar connection. At least one
variety of such atmospheres was brought into focus via the Be stars, but seems common
to many other stellar types once called peculiar. These include the T Tauri and symbiotic
stars, both to be summarized in detail in forthcoming volumes. These stars have in common
postcoronal regions in which the mass outflow seems to be decelerated and becomes subionized.
The term Local Stellar Environment (LSE) has been applied to such subionized postcoronal
regions, and via the Be stars, theirs is a long observational history. The planetary nebulae
appear to be included among them. When we ask the distinction between stars with and without
a prominent LSE, we appear to find the distinction linked to the presence of a variability
in the mass outflow. All stars have winds to some degree, but not all have strongly variable
winds. The extreme example of such will be treated in the eighth volume of the series--The
Cataclysmic Stars, which, from the IUE observations, are now recognized to have a con-
tinuous mass outflow as well as one abruptly larger at some epochs. As we prepare to read
the discussion of M stars in the present volume, therefore, we recognize several aspects in
which these stars may help to clarify this distinction between solar-type and nonsolar-type
postcoronal regions: the great atmospheric extent of regions so cool as to produce dust, their
often-identified evolutionary parentage of the planetary nebulae, and their dominating char-
acteristics of variability. We return to these aspects below. Here, we simply stress the unam-
biguous establishment of classes of stars for which the Sun cannot be taken as an empirical
thermodynamic model. At the same time, we stress the greater range of stars--cold and hot--
for which the solar atmospheric structural pattern can be a guide if one does not confuse
identity of thermal state with community of thermodynamic character.
Third, stimulated by solar observations, the first attempts at quantitative thermodynamic
modeling of exophotospheres were for stars with quasi-thermal photospheres. On one hand,
for chromospheric/coronal accelerated expanding regions, one models solar-similar stars.
On the other hand, for stars with extended cool postcoronal regions, one models Be stars.
Even current radiative-acceleration models of hot stars--ms, g, sg, but excluding Wolf Rayet--
join the other two types in having very small velocities in photospheric regions producing
the visual continuum. Apparently, all models of such stars converge in representing the sub-
thermal outflow as amplification of an initial small velocity by the density gradient of a
hydrostatic-equilibrium photosphere. We recognize, however, that some of the strongest ex-
amples of stellar peculiarity--relative to adequacy of classical modeling--were stars with
pulsating or abruptly ejected photospheres. In such stars, very large photospheric velocities
occur. At least first-approximation treatments of the motion of an equivalent photosphere
to represent the behavior of the visual continuum exist. Treatments of nonradiative energy
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dissipation from large differential velocity gradients, including shock waves, are less com-
plete. Indeed, in such stars, especially the pulsating ones, one can say that nonthermal modeling
of the subatmosphere is more complete than that of the atmosphere, but again stimulated
by far-ultraviolet observations, one would expect an improvement in the situation. Since the
compilation in our B-Be star volume, such observations of the _ Ceph stars have already
stimulated tentative models that differ from the photosphere-only ones and emphasize com-
parison between superionized and photospheric spectral lines. We hope that this problem
of photospheric and exophotospheric structure and behavior in stars with distinctly nonthermal
photospheres can be clarified in this and following volumes. When we consider the M and
the cataclysmic stars--even the symbiotic, often linked to the M stars--we recognize that
the photospheres are not obviously quasi-thermal and that exophotospheric structure is con-
troversially vague. We hope for clarification. The increasing focus on nonradial pulsation--
ranging from solar to hot-star studies--provides a transition from quasi-thermal to strongly
nonthermal, as one considers the transition from nonradial to radial pulsation modes. And
we note the shift in source of nonradiative energy fluxes to nonradial pulsational from tur-
bulent convective nonthermal modes among those theorizing in the field equally in solar-
like and solar-different stars. In abstract, while we have many examples of nonthermal
photospheres and some observations and exploratory theory on what kinds of exophotospheric
regions may result, we have, as yet, no really good picture of either photospheric or exo-
photospheric thermodynamics for such stars.
We recognize this M-star volume as the first in the series, apart from the preceding general
volume, in which at least some of the considered stars may have nonthermal, rather than
only quasi-thermal, photospheres. That is, some of the stars have photospheres in which
macroscopic velocities are already so large as to invalidate hydrostatic equilibrium to deter-
mine the density distribution and/or differential velocities may be such as to introduce a
nonradiative energy dissipation invalidating radiative equilibrium. So, for such stars, we must
be prepared to find a quite thermodynamically different set of atmospheric regions--
photospheric and exophotospheric--than those existing in stars with quasi-thermal
photospheres. We simply must be prepared to identify such regions operationally in terms
of thermodynamic definitions that are as equally based on empirical properties as those in-
troduced for stars having quasi-thermal photospheres.
We emphasize that the operational definition of the lowest atmospheric region--the
photosphere--has nothing to do with its thermodynamic character or state, only with its opac-
ity; it is the deepest stellar region from which a photon of some wavelength can escape directly
to the observer. Only in trying to model its thermodynamic and spectroscopic states do the
various assumptions on these states, which characterize the model, enter. And the basic series
objective is to use the best modern data to test such models and, hence, such assumptions,
and to try to infer what can better replace them in terms of better representations of data
and more thermodynamic consistency.
An example of such evolution of models begins with the historic attempts to represent
the photospheres of pulsating cepheids by classical hydrostatic- and radiative-equilibrium
models of supergiants, but with phase-dependent effective gravity and effective temperature.
These static-atmosphere boundary regions--"tacked on" to the sinusoidally pulsating sub-
atmosphere, which provided the effective radii, gravity, and luminosity--were then "diag-
nosed" to compare observation and theory, as well as to infer chemical composition. But
conceptually, in sequence, one recognized that: (1) such standing-wave pulsation must become
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running waves in the upper atmospheric regions, with such waves steepening into shocks for
sufficiently extended (nonclassical) atmospheres, both extending and nonradiatively heating
the atmosphere; and (2) these phenomena provide the possibility of mass ejection. Not only
does the classical thermal caricature of the atmosphere suppress observable photospheric
phenomena, it thermodynamically excludes the development of exophotospheric features.
Therefore, one tried to explore the physics of these suppressed effects by replacing the "top"
of the subphotospheric pulsation by an equivalent piston and studying the outward propagation
of its compression/rarefaction-wave interaction with the overlying atmosphere. Much useful
insight has resulted, but sometimes the origin of the phenomenon is forgotten in its iden-
tification as a "shock-wave model" of the atmosphere. The various shock waves arising in
various phases and at various locations in such a pulsation/piston model are derivative, not
causative, features of such a representation. Observationally, identifying their presence, loca-
tion, and particular characteristics provides valuable diagnostic information on the pulsa-
tion/equivalent piston that produces them.
We emphasize, especially in the study of stars with nonthermal photospheres, that the
major objective of these monographs is: (1) to collect sufficient data to ask whether some
particular model reproduces them with sufficient accuracy, and (2) to ask whether any ther-
modynamc inconsistency of the representation suppresses some of the consequences of a non-
thermal photospheric configuration on exophotospheric structure. For example, does it sup-
press nonradiative heating, mass outflow, acceleration or deceleration of such outflow, super-
cooling and "snowing" (i.e., particle condensation), or any other potentially important non-
thermal phenomena?
SCIENCE PERSPECTIVE ON THIS M-STAR VOLUME
In the preceding, we emphasized a distinction between solar-like and solar-unlike stars,
which is not based on cool versus hot photospheres, but on exophotospheric structural pat-
tern: absence or presence of a cool, decelerated, very extended postcoronal region. In this
empirical picture, chromosphere and corona are similar in being nonradiatively heated and
dissimilar in being effectively hydrostatic versus significantly expanding, respectively. The
solar-unlike postcoronal cool region is variable in existence and appears to be associated with
variable mass outflow. The situation for photospheres more nonthermal than "quasi" re-
mains to be explored for both chromosphere/corona and any cool postcorona. That
nonradiative heating exists somewhere in the atmosphere is clear; the question is how low
it begins. The same question holds for a hydrostatic versus aerodynamically controlled den-
sity distribution and for a monotonic outward acceleration of any mass outflow versus an
eventual deceleration. All these questions remain to be put in perspective and resolved. Hope-
fully, some of the M stars can help.
The M stars exhibit a m61ange of all the observational phenomena/anomalies stimulating
the above-summarized reexamination of stellar atmospheric modeling. It is not simply that
their range in luminosity and radius exceeds that in any other spectral class: the brightest
M supergiant has absolute visual magnitude about -8, the faintest M dwarf about + 17;
photospheric radius--if such is meaningful--can reach 4.10 4R O for an M-sg and descend
to 0.1 R e for an M-d. But what is provocative is the range of quasi-thermal and strongly
nonthermal photospheres and exophotospheric structures encompassed by the M stars. There
are apparently mildly varying sg whose atmospheres exhibit both nonradiative heating and
very extended cold, dusty external regions, pulsating M-g include the long-period and
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semiregular variables, as well as the R CorBor stars with apparently abruptly ejected or col-
lapsing dust envelopes, and M-d characterized by superflares. In addition, there are apparently
"quiet" stars. We make a few remarks of perspective on what detailed study of particular
kinds of these stars may ultimately contribute to our empirical/theoretical mapping of real-
star atmospheric structural patterns and to understanding whence they arise. The reader can
evaluate our perspective and assess how much the present volume contributes toward that
objective--or toward something else.
One kind of star, called "Miras" after their prototype Mira Ceti, M7 IIIe, is a peculiar
star, as equally historic as those discussed above because of its variable luminosity. It was
the prototype long-period variable, interpreted as pulsating, thus with nonthermal photosphere.
Like the Be stars and some other variable stars representing yet other kinds of nonthermal
photospheres--like the dwarf nova SS Cyg--it is rich in long-time coverage of its visual-
region behavior. To these data, the far ultraviolet and far infrared contribute another dimen-
sion of knowledge. An empirical determination of its atmospheric structural pattern, and
those of other stars like it, should give us guidance on how at least this variety of pulsation
perturbs both the photosphere and the exophotospheric pattern over what we have found
them to be in stars with quasi-thermal photospheres.
We note that, although the Mira-type variables occupy a fairly definite region in the
HR diagram, there are also a number of other stars (giants in luminosity class) in that same
region which do not show such variable luminosity. Therefore, just as we proceed in trying
to understand the thermodynamic distinction between other pairs of differing stars lying in
a common HR region (e.g., the B and Be stars and those pulsating and nonpulsating stars
lying in the Cepheid instability strip), we seek any empirical delineation in atmospheric struc-
tural patterns between pulsating and nonpulsating stars in this M-star region.
This distinction between pulsating and nonpulsating stars lying in the same region of
the HR diagram should be more useful than in simply delineating atmospheric structure as
such. Presumably, the particular type of nonthermal mode that occurs, or does not occur,
reflects the subatmospheric structure/thermodynamic state. So the presence of these two ap-
parently different kinds of stars in the same HR region implies that its two-dimensional
specification--luminosity and spectrum--is insufficient to specify the star. The problem is
not novel; witness the Be and Cepheid examples cited above. The question is whether the
particular situation reflects a particular circumstance of origin, state of evolution, or something
else. As we have stressed repeatedly (cf. the frontispiece of each volume), the first essential
is to specify in as much detail as possible precisely what is the phenomenon, which again
explains our focus on the directly observable--the atmosphere. We always try, however, to
keep the various "explanations" in mind simply to ask whether some particular atmospheric
observation might be particularly illuminating in deciding between them.
Then we note that the question of internal structure and evolution has always been a
major focus in interpreting why such a large variety of stars are grouped in the spectral class
M and what does the great difference between M-d and the M-g, M-sg reflect. Presumably,
the M-d, the faintest stars on the main sequence, simply represent the smallest masses that
can exist as stars with nuclear energy generation. Their dominant number among stellar types
presumably reflects the long time they spend in the hydrogen-burning evolutionary phase
because of their low central temperatures. On the other hand, the M-g and M-sg are thought
to represent the late stages of stellar evolution for essentially all stellar masses: hydrogen
shell, He, et seq burning. Without a significant mass expulsion, the above statement applies
to all of these stars; late-evolutionary-stage stars should remain in this M-star domain until
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they leave it to enter white-dwarf or supernova stages, depending on their particular mass.
Therefore, it was conjectured, even before it was observed, that some mass loss must occur,
given the observed supernova and white-dwarf frequency of occurrence. The planetary nebulae
were considered as the graphic evidence of a drastic mass ejection. An M-g that, by losing
about one-fourth of a solar mass, could end up as a hot subdwarf of less than a solar mass
was a possible candidate for the process. Presumably, more massive stars must either become
supernovae or find other mass-ejection processes.
Again, the modern far-ultraviolet observations, with their demonstration of the univer-
sality of some size of mass loss everywhere on the HR diagram, change the picture very
drastically. One does not need such "catastrophic" single-event mass loss for either the evolu-
tionary picture or for the production of the planetary nebulae. At the same time, however,
one is not at all sure as to the relative roles of a slowly varying mass flux of moderate size
versus one enhanced for limited time intervals. A combination of these has been suggested
for both the origin of planetary nebulae and for the distinction between Be and B stars. Its
significance for the M stars lies in its making less clear what role the planetary nebulae can
play as evidence for something in regard to those late stages of evolution conventionally
associated with the M stars. The several "active" late-type stars, such as V 1016, sometimes
interpreted as "incipient" planetary nebulae, may eventually cast light on this problem of
a continuous mass outflow, perturbed by an enhanced mass outflow, in its relation to all
these questions.
For all the preceding reasons, evolutionary theorists have rushed to compute evolutionary
tracks with mass loss. Unfortunately, mass-loss rates determined from observations are pres-
ently crude, and only statistical values seem to be trusted--even these being represented by
crude empirical formulae based on the assumption that mass loss can be specified in terms
of the gross parameters of thermal modeling: mass, radius, luminosity, effective temperature,
etc. The validity of this assumption has never been established; the increasing evidence for
variability of mass-loss rate in a given star and wide differences between stars in the same
HR location put it strongly in question. Clearly, much remains to be done both observa-
tionally and diagnostically to clarify this empirical stellar-atmospheric contribution to
"theoretical" modeling of interior and its evolution. At present, we can only realize that
evolutionary models with mass loss are completely tied to thermal models; those attempts
at representing the origin of mass loss in nonthermal modes are not yet integrated with struc-
tural modeling and its evolution. Clearly, the process of such integration will result in changes
at the interface between subatmosphere and atmosphere, and thus in the details of how deep
in the atmosphere the mass outflow has an effect, as well as in the details of the variety of
atmospheric regions and the structural patterns in which they occur.
Finally, the observational demonstration of mass loss at all evolutionary stages--and
the uncertainty as to its possible enhancement at certain evolutionary phases and nonevolu-
tionary epochs--has introduced other changes in ideas on late-stage evolution. And these
changes strongly link the contents of this M-star volume to the following one on the hot
early stars, O and Wolf Rayet, in that part of the book edited by Conti (to whom, and to
Kudritski, we are much indebted for orientation on these evolutionary questions). For a suf-
ficiently large mass outflow/expulsion, it is argued that the star can be stripped to an He,
even carbon, core and leave the M region, to return as an OB-sg to the hot-star HR regions.
The dividing line between remaining in the M-star region or returning to the OB is currently
set at some 30-40 M e . But for the reasons mentioned--mass-losing evolutionary models
are still thermal--this limiting mass seems highly uncertain at this moment. The proponents
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of these ideas cite, as observational support, the presence of blue sg with much larger lumi-
nosity (presumably reflecting higher mass) than is found for the brightest red sg. One recalls
current discussions on the upper mass limit under which stars can exist and the arguments
that, instead of radiative disruption, one simply obtains pulsational instability, with amplitudes
limited by aerodynamic dissipation in chromospheric-like exophotospheres. Unless one pro-
poses to restrict such supermassive stars to the main-sequence evolutionary phases, the presence
of such pulsational instability from a radiative instability should be an observational
discriminator in precisely these hot sg. So again, we come to examples in which differential
atmospheric behavior between hot and cold extremes of the HR diagram should provide in-
sight into nonthermal, subatmospheric, and atmospheric structure.
Under these evolutionary arguments and caricature, the difference between M-g, M-sg,
and M-d is therefore mainly that they do not refer to stars of the same mass, whereas in
the OB regions, those stars on the MS have essentially the same initial masses as the g and
sg stars. Any discrepancies reflect an aerodynamic mass loss. This does not mean, of course,
that stars initially on the OB-MS always remain in the OB region as they evolve. Giants and
supergiants in the regions between OB and M reflect a m61ange of evolutionary phases and,
hence, masses. In principle, under such evolutionary modeling, one should search for the
origin of discrepancies between two unlike stars in the same HR region in terms of intersect-
ing evolutionary tracks. Obviously, substituting nonthermal evolutionary models for thermal
should broaden the range of such intersecting tracks. But at present, all such interpretations
are largely speculative, mainly due to the great uncertainty in the correct values of mass loss
for any given star in any stage of evolution, but also strongly--and linked--is the uncer-
tainty of just what are the nonthermal modes of importance for a given star. And we recognize
that the best hope, today, to obtain more correct mass-loss rates and to identify nonthermal
modes is observational. Our theoretical understanding of the broad structure of nonlinear,
nonequilibruim thermodynamics of open systems is still miniscule.
Therefore, a very profound linkage exists between the major contemporary problems
of atmospheric structure and those of subatmospheric and internal structure and evolution
for stars generally, but particularly for these M-type stars because of the wide range of stars
they embrace. Always the atmosphere's exophotospheric structure, and sometimes its
photospheric structure, are fixed by the particular details of the mass outflow. In turn, this
is linked to the nonthermal modes of the photosphere and subphotosphere, probably to those
of the interior. We also know that, in some stars, it is the time history of the mass outflow
which controls the structure of the cool outermost layers. While the planetary-nebular, Be,
and T Tauri stars are the most unambiguous examples, the symbiotic stars and presumably
some of the extended-atmosphere M stars are also examples, even if as yet less well defined.
One set of observations, on the Mira X Cyg by Hinkle, Hall, and Ridgway, merits par-
ticular comment in this connection; it is mentioned several times in this volume's chapters;
it is suggestive of the general picture emerging from both Be and B Ceph modeling as abstracted
in the preceding section Science Perspective on the Series. The Mira observations are diagnosed
as suggesting four atmospheric regions: (I) a pulsating nonthermal photosphere; (2) a non-
radiatively heated infalling region lower bounded by a shock formed as outgoing material
from the current pulsation ejection collides with material infalling from previous ejection
phases; (3) an effectively static cool reservoir layerwthe source for both the infalling material
of layer (2) and that of an "escaping" layer; and (4), which is a much colder layer expanding
at a velocity of 0.5-0.25 the pulsation value. The common possibility of a cool "quasi-static
reservoir layer" existing in both quasi-thermal (Be) and pulsating nonthermal (Mira, and
maybe Cepheid) photosphered stars, whose existence and structure depends on interaction
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between present and previous phases of lower-atmosphere mass outflow and which serves
as a "mass-loss valve," is intriguing.
The linkage between mass and nonradiative energy fluxes is presently ill-defined, although
we know we cannot have the former without some size example of the latter. But again,
the controversy over cool-but-large versus hot-but-small mass outflows, which erupts already
in the K stars, carries over strongly into the M stars. All these problems of the mass outflow
are ultimately linked to subatmospheric structure, and, as mentioned above, the problems
of the origin and the effect of such mass loss are completely coupled. Today, we continue
to live under empirical iteration in regard to modeling and understanding. In the following
chapters, the authors explore these problems for the M stars. We trust that many of the above
points, on which we have commented very naively, will be clarified.
A few comments on the organization of this volume, essentially coming from the men-
tioned variety of stars covered, follow. For each monograph in the series, we aim at an overall
structure that broadly consists of three parts: an extensive survey of the observational material
for all kinds of stars covered in the volume; an attempt to place existing theoretical model-
ing of such stars into perspective--what are the models, and how well do they represent the
observations; some attempt to improve the model and/or instigate further observational pro-
grams to guide such improvement. Overall, given that existing modeling across the HR diagram
is largely thermal and that we focus on improving such modeling, we try to put into perspec-
tive the observational evidence for nonthermal phenomena and what kind of quasi-thermal
and nonthermal modeling features they suggest exploring. When such nonthermal models
are already being explored for some stellar types--as already mentioned for pulsating stars
in the preceding discussion--we hoped the authors would equally explore their promise.
Then relative to the approach adopted in earlier volumes, in which normal MS stars
were discussed first, the present volume considers first the g and sg population of this M-
star class; a discussion of the M-d comes only in the last two chapters. The focus is on those
stars which are M type, not because they were "born" there, but because they are its most
striking members. They are striking not only because they are the most luminous and most
easily observed, but also because of their nonthermal characteristics--greatly extended at-
mospheres, variability, pulsation, strong individuality in nonradiative heating, and mass loss.
So it is that the first two chapters, summarizing the observational background, focus ex-
clusively on the giants and supergiants. The same focus holds for the following four chapters
on circumstellar radio molecular lines, grain formation in circumstellar shells, mass loss,
and circumstellar chemistry, respectively, each summarizing another aspect of the observa-
tional situation, reviewed in the context of the adequacy of current modeling. The discus-
sion of thermal modeling in Chapter 7 again focuses on its application to stars whose at-
mospheres may or may not be distended simply by low-gravity but thermal effects. The follow-
ing Chapter 8 discusses both thermal non-LTE effects and quasi-thermal, as well as broader
nonthermal effects on such modeling. Not until Chapter 9 do we turn to the observational
situation with respect to native-born low-mass M stars, which are difficult to observe because
of their low intrinsic luminosity, but nonthermally striking because of the large number that
exhibit flaring-type luminosity enhancement. Chapter I0 concludes the volume with a sum-
mary of the relation between classical thermal and nonclassical modeling of such M-d and
MS stars in other parts of the HR plane. Again, it stresses unique features of the M-type
stars: that they should be the outstanding example of convective effects and that the "neo-
classical" production of nonradiative energy fluxes by such convection is inadequate. The
chapter explores current thinking on alternatives. The focus of the volume really rests on
°°°
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nonclassical stars as the norm, not the exception--a viewpoint gradually emerging all across
the HR diagram.
SOME ORGANIZATIONAL PERSPECTIVE
As mentioned above, the possibility of organizing, writing, publishing, and diffusing
this series of monographs arose from: (a) the enthusiastic collaboration of a number of col-
leagues, and (b) the generous commitment to support the project by NASA and CNRS. Our
primary objective was a homogeneous collection of observations--both within and outside
the visual/spectral range--sufficient to provide a sound empirical basis for a critical look
at the adequacy of present-day stellar atmospheric modeling over the entire HR diagram.
Such an examination of the thermodynamic adequacy of atmospheric models also raises ques-
tions on the adequacy of present models for interiors and evolution.
Because, in the decade preceding the monograph project, it was already becoming clear
how basic were spectral observations in the far ultraviolet to such a program, a parallel ob-
jective of our monograph project was the use of its results, as they became available, toward
planning observing programs from space. Clearly, such planning requires a consideration
of the necessary characteristics of space vehicles, the instruments they can carry, and the
kinds of observing programs they can support in order to conduct the specific programs on
particular stars that the results of our project suggest. Moreover, as the results of this pro-
gram accumulate, one increasingly appreciates the need for coordinated ground and space
programs. Any surprise at the new thermodynamic characteristics exhibited by real stars
becomes equaled in considering the new kinds of observing programs required to detail them.
An excellent example of this is immediately obvious in the continuous stream of results
in all fluxes, for a variety of stellar types, both hot and cold, that exhibit the importance
of stellar variability. In the early days of the IUE, variable stars were a priori excluded from
observing programs to avoid tying up too much observing time. By contrast, "snapshot"
surveys of a large variety of stars were favored. Indeed, so unexpected to most of the astro-
nomical community were many of the results that the catchword became "serendipitous"
exploration. However, as the observations multiplied, it became clear that variability is a
common, rather than a peculiar, property of stars. The focus is now shifting to establishing
its details, especially simultaneously in different spectral and, hence, different atmospheric,
regions. Many of us involved in these monographs, hence increasingly conscious of ther-
modynamic similarities across the HR diagram, advocate future space vehicles adopted for,
and programs focused on, just these problems of stellar variability over very long times, a
decade or more, accompanied by dedicated ground-based instruments to ensure simultanei-
ty of observations across the accessible spectrum.
Therefore, it is that our own outlook as organizers and editors of the monographs rests
on applying literally the Fontenelle maxim featured on the frontispiece of each volume as
the prime focus of the project and as the objective of collecting the data. We remain equally
committed to an empirical/theoretical, as opposed to a speculative, approach to the use of
these data in revising the thermodynamic basis for modeling and to revising the models
themselves. We also hold the viewpoint that a major goal of the monograph project should
be its use in planning and demanding new observing facilities and programs oriented around
this continuous iteration between new data and new theory.
Finally, we wish to thank the respective agencies, NASA and CNRS, for their continu-
ing help in completing the volumes of this series. Any project of this duration is exposed
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to changes in personnel and sometimes policies and procedures inevitable in government agen-
cies. There have indeed been some problems and delays in the production of this volume
and its immediate successor on O and Wolf Rayet Stars. Hopefully, these have now been
resolved, and we are confident that the final four volumes will be written in the spirit under
which the series was concluded. Throughout, we have enjoyed the steadfast commitment
of several key individuals to this project. For this support and the constructive attitude toward
science that it reflects, we are grateful.
R. N. Thomas
Boulder, Paris, December 1986
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RESUME
D'une certaine mani_re, l'atmosph_re d'une 6toile comprend la totalit6 de la r6gion
qui s'6tend entre le noyau producteur d'6nergie et l'espace interstellaire. De ce point de vue,
l'atmosph_re comporte pr6cis6ment ce que l'on appelle d'habitude l'enveloppe, la photo-
sphere, la chromosphere, la couronne, la totalit6 de la r6gion circumstellaire, et la mati_re
quittant l'6toile; est seulement exclue de cette liste la mati_re qui a quitt6 r6ellement l'6toile
et qui est devenue partie int6grante du milieu interstellaire. Garder _t resprit cette perspec-
tive permet de mettre en valeur l'unit6 de ces r6gions qui sont quelquefois trait6es comme
des parties s6par6es d'une 6toile. Une telle insistance est particuli_rement n6cessaire pour les
6toiles 6tudi6es darts ce volume, qui ont une tendance h pr6senter une si large vari6t6 de
ph6nom_nes et de dimensions que la compartimentalisation s'impose plus facilement.
L'une des caract6ristiques distinctives des 6toiles M, S, et C est en fait l'6tendue tr_s
large des ph6nom_nes variables avec le temps qu'on peut y observer. MOne les 6toiles naines
de type M, d6crites dans les chapitres terminaux, apparaissent, vu l'importance de leur chro-
mosphere et la violence de leurs 6ruptions, 8tre plus que simplement les contres-parties plus
froides des 6toiles du haut de la s6rie principale. Les g6antes froides montrent, de faqon fr6-
quente, des aspects aussi fascinants que des raies d'6missions, des raies d'absorptions d6plac-
6es ou multiples, un exc_s d'6mission infrarouge du aux poussiSres, des 6missions d'ondes
radio dues _t l'effet maser ou thermiques-et souvent ces caract6ristiques varient de faqon
p6riodique ou irr6guli_re. Au point de rue de l'6toile, ces ph6nom_nes doivent _tre carac-
t6ris6s par une zone convective profonde, et une photosph6re relativement calme, _t travers
laquelle passe n6anmoins l'6nergie m6canique n6cessaire _t alimenter la chromosph6re en
6nergie. L'6nergie n6cessaire _t la pulsation de la photosphere est produite dans les profond-
eurs de l'6toile elle-mSme. Pourtant, beaucoup de ces 6toiles varient seulement de fa_on
semi-r6guli_re, ou mSme d'une fa_on erratique. Tout mouvement organis6 dans la photo-
sph6re doit donner lieu h des ondes de choc qui, lorsqu'elles traversent l'immense atmos-
phere ext6rieure, produisent du rayonnement /t partir des gaz excit6s au fur et _t mesure de
leur dissipation lente, et soutiennent peut-_tre les gaz en une r6gion stagnante, localis6e
plusieurs rayons solaires au dessus de la surface de la photosph6re. Des grains doivent se
former quelque part peut-_tre sous la forme de grains "propres" dans certaines des photo-
sph6res les plus froides, et ceux-lh sont alors pouss6s vers l'ext6rieur par la pression de rad-
iation, entratnant avec eux les gaz et devenant "sales" au fur et h mesure de leur progres-
sion. Peut-&re les grains se forment-ils au contraire dans la r6gion des gaz stationnaires, tr6s
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au-dessus de la photosphere, et leur effet, en alimentant le riot mati_re vers l'extErieur de
l'Etoile, commence-t-il l_t. De toute fagon, de tr_s grandes pertes de masse sont observEes, suf-
fisantes pour contaminer l'espace intersteUaire par l'atmosph_re (qui est peut-_tre actuelle-
ment enrichie en ElEments lourds), et peut-_tre aussi suffisante pour modifier l'Evolution
ultErieure de l'Etoile. Dans les gaz EloignEs de l'Etoile, des Emissions de micro-ondes (aussi
bien thermiques que produites par l'effet Naser issu du radical OH et de la molecule H20)
sont frEquemment observEes dans celles des variables riches en oxyg_ne de type Mira, qui
ont la pEriode la plus grande et l'amplitude la plus importante. L'Emission de type maser
produite par le radical SiO se produit beaucoup plus pros de l'Etoile, peut-_tre m_me dans la
photosphere. Ent'm un certain nombre d'Etoiles, parmi les plus froides, aussi bien des Etoiles
riches en oxyg_ne que riches en carbone, sont entourEes par des enveloppes de poussi_res ou
par des nuages optiquement Epais dans l'infrarouge; et ces nuages sont des sites favorables _t
la richesse d'une chimie molEculaire et atomique.
Un autre aspect des Etoiles les plus froides nous appara_t quelquefois surprenant, c'est
l'Etendue des conditions physiques. I1 est facile d'oublier qu'un changement de temperature
effective de 4000 K h 3000 K est en fait un changement Enorme, et que des Etoiles ayant ces
temperatures effectives peuvent ne pas _tre du tout semblables entre elles. I1 pourrait _tre
utile de classer les _toiles en trois groupes: les Etoiles chaudes, les Etoiles tildes et les Etoiles
froides. Les Etoiles chaudes sont les Etoiles O, B, et A; les Etoiles tildes sont les Etoiles sol-
aires F, G, et K et les Etoiles froides sont les Etoiles de type M, S, et C, celles qui sont con-
cern_es par cet ouvrage. Cette division correspond grossi_rement h la forme la plus abon-
dante sous laquelle se trouve l'hydrog_ne, celle qui domine la thermodynamique de l'objet:
dans le cas des Etoiles chaudes, l'hydrog_ne est sous la forme H II (hydrog_ne ionisE), dans
les Etoiles tibdes, c'est de l'hydrog_ne neutre (H I) et dans les Etoiles froides c'est la molecule
d'hydrog_ne (H 2) qui domine.
,Aprbs cet examen d'ensemble des Etoiles M, S, et C (auxquelles nous nous rEf_rerons
simplement sous le nom de gEantes rouges ou encore Etoiles GR (en anglais RG)), on rap-
peUe au lecteur les observations qui constituent la base de notre discussion.
Le volume dEbute par un Chapitre sur Les Propri_t_s de Base et la Variabilit_ des
dtoiles gdantes et superg_antes M, S, et C. Ce chapitre insiste surtout sur la variabilit6 de ces
Etoiles, d'autant plus que la variabilitE est due _tdes processus non thermiques.
Les proprietes fondamentales des variables M, S, et C sont dEcrites. On expose d'abord
les principes de la classification des diffErents objets; une rapide description des principaux
types d'Etoiles est donnEe, en rEservant la description de donnEes plus spEcifiques pour le
paragraphe suivant. La classification courante est bas6e sur des rapports d'abondance: le rap-
port C/O (<1, =0, >1) indique le type spectral de la majeure partie des Etoiles (M, S, et C
respectivement). Les abondances des mEtaux et/ou des ElEments issus du processus s distin-
guent des types plus particuliers-les Etoiles aux fortes bandes molEculaires de CN ou aux
fortes raies du Ba II, les Etoiles dEficientes en hydrog_ne, etc. Pour mieux comprendre la
grande variEtE de ces Etoiles rouges qui sont si voisines dans le diagramme HR, plusieurs
autres classifications basEes sur d'autres crit_res physiquement significatifs sont proposEes.
La plus connue repose sur ramplitude et le prot'd des courbes de lumi_re des variables.
Les propriEtEs intrins_ques des gEantes rouges sont ensuite rEsumEes. En bref, ces
Etoiles sont caractErisEes par des temperatures telles que 3.3 _< log /'eft _< 3.5, des luminos-
ities telles que 3 _< log £/£o _< 5 ou encore -7 <_Mbo t <_+3, des _ges d'environ 107 _t 1010
ans, et par une Echelle Etendue en masses d'environ 1 Mo h/> 20 Mo.
Les mouvements et la distribution dans l'espace des gEantes froides sont dEcrits. La
distribution apparente et la distribution spatiale au voisinage du Soleil sont bien connues
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grace aux anciennes revues sur la question. Les recherches plus r6centes 6tudient la distribu-
tion des g6antes rouges dans la direction des r6gions centrales de notre Galaxie et d'autres
galaxies proches (par exemple, le Grand et le Petit Nuage de Magellan). Le rapport du
nombre d'6toiles C au nombre d'6toiles M est longuement discut6 h cause de son importance
dans les 6tudes d'6volution stellaire sur la branche asymptotique des g6antes et dans la com-
pr6hension des propri6t6s fondamentales galactiques.
Le paragraphe suivant d6veloppe le sujet principal du Chapitre 1 par une revue des ob-
servations et des interprgtations des diffdrents types de variabilit_ des g6antes et super-
g6antes rouges. Toutes ces 6toiles peuvent 8tre assimil6es soit h des variables pulsantes, soit
des variables 6ruptives. Dans le groupe des 6toiles pulsantes, trois types sont reconnus.
(1) Les Miras sont des 6toiles _t longue p6riode: de fagon g6n6rale elles ont une p6riodicit6
bien exprim6e et une bonne r6gularit6 (elles sont aussi appel6es variables _t longue p6riode,
soit LPV en anglais). (2) Les variables semi-r6guli_res (ou encore SR) ont des variations en
amplitude visible plus faibles et des courbes de lumi_re plus irr6guli_res que les Miras. (3)
Les vraies variables irr6gulidres sont appel6es Lb (ce sont des g6antes) ou Lc (ce sont des
superg6antes). Les 6toiles RCB forment le groupe 6ruptif; elles sont de classes spectrales F,
G, K, et R. La classe R concerne les 6toiles carbon6es chaudes, les seules 6toiles 6ruptives qui
nous int6ressent dans ce volume. La distribution tr6s diff6rente des divers types de varia-
bilit6 au sein des trois classes spectrales M, S, et C est comment6e.
Les caract6ristiques de chaque groupe de variables sont ensuite d6crites. Par "Miras",
c'est un type de courbe de lumidre qui est distingu6 et non un type spectral stellaire, comme
la confusion existe souvent dans la litt6rature. Des g6n6ralit6s sont not6es. Dans quelques
6toiles, l'amplitude de la variation dandle visible avec 1a phase est tr6s forte (par exemple
dans X Cyg). La plupart des changements sont cycliques avec une p6riode 6gale h celle de la
courbe visible. Cependant, quelquefois la p6riode des cycles de lumi_re individuels diff_re
de la p6riode moyenne stellaire par quelques pour-cent, et les propri6t6s observables ne se
r6p_tent pas exactement d'un cycle h rautre. Le flux de quelques Miras d6vie d'un corps
noir de faqon significative au-del_t de 8/am en pr6sentant un grand exc_s infrarouge dd h une
enveloppe de poussi_re; ces 6toiles sont appel6es Miras IR. On trouve les masers OH parmi
les Miras de type spectral M; quelques exemples de changements du type OH I au type OH II
sont d6crits (R Leo et U Ori).
Notre description des Miras se continue par l'expos6 des propri6t6s sp6cifiques h leur
variabilit6. Le ph6nom_ne de retard de phase est discut6 en premier. I 1 s'agit d'un d6calage
en phase entre les courbes de lumi_re de diff6rentes couleurs (on stipule que l'6poque de la
phase z6ro se rapporte au maximum visuel). De faqon typique, le maximum en infrarouge
est en retard de 0.1 h 0.2 p6riodes sur le maximum visible. Des d6calages de phase sont aussi
observ6s entre les courbes de lumi_re radio (raies OH, SiO, H20) et infrarouges. Le com-
portement du retard de phase n'est pas le m_me dans toutes les Miras et, de plus, son com-
portement avec la phase peut ne pas _tre exactement le mSme au cours des diff6rents cycles
d'une mSme 6toile.
L'amplitude des variations de lumi_re change dans les Miras d'une longueur d'onde /t
l'autre. Elle est beaucoup plus grande dans le visible que dans l'infrarouge. GAn6ralement, les
amplitudes de variation [Fma x/Fsn _ ] d6croissent dans rinfrarouge avec les longueurs d'onde
croissantes de 1.2 _t 3.5/am et sont h peu pr6s constantes entre 3.5 et 10/am. Dans de nom-
breuses Miras les diff6rences d'un cycle _t rautre ne sont pas erratiques: brillants et faibles
maxima tendent h alterner, et les maxima brillants tendent h se produire avant la date pr6-
dire. Dans tousles cas, le minimum ne peut pas 8tre consid6r6 comme l'6tat normal d'une
Mira.
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Lescourbede lumibredesMiras pr6sentent un grand choix de profils dans le visible
(forme en dents de scie ou en sinuso'i'dale liss6e, pr6sence d'6paulements, de points d'inflex-
ion, etc.). Dans les courbe de lumi_re des Ctoiles Met S, tr6s semblables, la mont6e vers le
maximum est quelque peu plus rapide que le d¢clin vers le minimum. Les courbes de lumi_re
des 6toiles C sont plus graduelles et plus sym6triques. Toutes ces courbes de lumidre aux
formes diff6rentes pourraient 8tre le reflet des variations de l'opacit6 et de la densit6 dans les
diff6rentes couches atmosph6riques, variations caus6es par la propagation d'ondes de choc.
Des exemples montrent que la forme de la courbe de lumi_re visible est conserv6e dans
d'autres longueurs d'onde. Quelques 6toiles ont des courbes de lumi_re avec deux maxima et
deux minima par p_riode; ce curieux comportement a aussi 6t¢ trouv6 th¢oriquement lors
d'un essai pour produire une forte valeur de la vitesse d'apr6s-choc dans le cas d'un modSle
pulsant isotherme.
Pendant le cycle d'une Mira, des variations dans les indices de couleur apparaissent. De
fac_n g6nCrale, l'6toile devient plus rouge lorsqu'elle devient plus faible en V (elle va vers le
minimum). Puisque l'index mol6culaire (TiO+VO) autour de 1 /am est corr616 _t la temp6ra-
ture observ6e, chaque Mira M se d6place sur le plan [index de couleur/tempCrature] au
cours de la p6riode. On montre aussi que le type spectral de chaque Mira varie pendant la
p6riode. De nombreux effets contribuent h la variation temporelle des indices de couleur:
la temp6rature, l'opacit¢ mol6culaire, etc.-quelques uns d'entre eux ne sont pas compl_te-
ment ind6pendants.
On a d6jh parl6 de quelques changements dans la forme des courbes de lumi_re entre
deux ou plusieurs p6riodes cons6cutives. D'autres sortes de changements de p6riode sont
observ6es dans les Miras: (1) une 6volution s6culaire par une augmentation ou une d6crois-
sance r6guli_re de la longueur de la p6riode ou bien par une variation sinuso'_dale de cette
derni_re, (2) des changements de la forme de la courbe de lumi_re entre deux ou plusieurs
p6riodes cons6cutives, (3) un changement soudain de la longueur de la p6riode et des d6cal-
ages soudains du maximum (fluctuations de phase). Quelques-uns de ces changements de
p6riode sont utilis6s comme confirmation observationnelle directe de la th6orie du "flash"
de l'h¢lium. Dans la majorit6 des Miras observ6es, on d¢termine des pdriodes multiples. En
g6n6ral, la p6riode la plus courte P1 est associ6e avec la plus grande amplitude de la varia-
tion. I 1 est sugg6r6 que cette p6riode principale P1 est la p6riode de pulsation, alors que la
p6riode de modulation P2 peut _tre due hun mode non radial ou _ des taches froides sur la
surface stellaire. D'autres interpr6tations sont proposCes, tel le temps de retournement con-
vectif de cellules g6antes. La valeur du rapport P2/P1 est d'environ 9 pour les variables de
type Met de 12 pour les 6toiles de type C.
Dans les Miras, des fluctuations h courte 6chelle de temps sont illustr6es par: (1) une
6volution rapide de la temp6rature effective de o Cet sur 12 jours, (2) des effets remar-
quables de d6pendance de phase dans la forme et l'intensit6 des raies d'6mission maser SiO,
(3) des variations sur une nuit des vitesses radiales de raies d'absorption et d'6mission, inter-
pr6tCes comme le r6sultat de l'int6raction d'ondes de choc avec des couches atmosph¢riques
non uniformes ou d'6ventuelles 6ruptions ("flares").
Des corrdlations entre les diffFrentes quantitds d6crites, telles la longueur de la p6riode,
la forme de la courbe de lumidre, l'excks infrarouge, les diagrammes de couleur (visible et
IR), sont ensuite discut6es. Les relations les plus signiflcatives sont r6sum6es. (1) Une rela-
tion statistique existe entre la forme de la courbe de lumidre d'une Mira et la pCriode. (2)
Une corr61ation est not6e entre la difference en magnitude de deux maxima successifs et
l'intervalle de temps qui s6pare les deux maxima. (3) Les variables Miras ayant les p¢riodes
les plus courtes sont des 6toiles de la Population II, alors que ceUes de p6riodes plus longues
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appartiennent _t des populations plus interm6diaires: ceci sugg_re que l'amplitude de la
p6riode d'une Mira peut _tre une fonction de l'abondance m6tallique. (4) Le lien entre la
longueur de la p6riode et la variation d'amplitude a 6t6 6tudi6. On v6rifie que les 6toiles qui
ont les p6riodes les plus longues, ont les amplitudes les plus grandes, et ceci dans de nom-
breuses longueurs d'onde. Des relations sont aussi observ6es entre l'amplitude de la p6riode
et les diff6rents index de couleur IR; quelques conclusions en sont tir6es, telles que la hau-
teur du fair spectral h 10 /am, dfi aux silicates, paraisse augmenter avec l'amplitude de la
p6riode, ou bien que la relation entre l'index [8.7/am] -[ 11.4/am] et la p6riode indique que
la masse de poussi_re observ6e dans une thermosphere donn6e est presque une fonction
lin6aire de la p6riode. D'autres corr61ations impliquent des raies radio. (1) Les masers OH _t
1612 MHz et les variations IR montrent une corr61ation compatible avec un pompage radia-
tif des masers vraisemblablement h 2.8 ° 35 - 53 - 80 et 120 /am. (2) Le maser H20
1.35 cm et le flux IR h 2.2/am peuvent _tre li6s soit par une relation exponentielle, soit par
une relation lin6aire une fois que le flux infrarouge a atteint son seuil. (3) La vitesse d'ex-
pansion donn6e par les Miras OH de types Iet II est en corr61ation directe avec la variation
d'amplitude _t 1.04/am et en corr61ation inverse avec la longueur de la p6riode.
Le paragraphe se continue par les semi-r_gulibres. On donne d'abord quelques g6n6ral-
it6s sur ces variables. Trois groupes sont d6finis: (1) les variables dites SRa sont des g6antes
et en g6n6ral ne different des Miras que par l'amplitude des variations de lumi_re qui est plus
faible; n6anmoins, leur courbes de lumi_re montrent fr6quemment de fort_s variations d'un
cycle h l'autre; (2) les variables dites SRb, aussi des g6antes, pr6sentent une pierre p6riod-
icit6 avec des variations irr6guli_res lentes que, par moment, remplacent des changements
p6riodiques; (3) les variables dites SRc sont des superg6antes avec un comportement de SRb;
les variations de lumi_re visible sont en g6n6ral de l'ordre d'une magnitude ou m_me moins.
Presque la moiti6 des semi-r6gulidres connues sont des 6toiles N, le reste 6tant de classe M;
tr6s peu de semi-r6guli_res de types Set R sont connues.
Diff_rentes dchelles de temps dans les variations de lumiOre des semi-r_gulikres ont 6t6
d6couvertes h partir d'estimations visuelles de la brillance. Les courbes visuelles sont tout
fair individuelles, c'est h dire ne pr6sentent pas la forte similarit6 not6e pour les courbes des
Miras. Elles pourraient _tre caract_ris6es par une sorte de p6riodicit6 cach_e par des varia-
tions irr6guli_res en brillance. Parmi les semi-rfguli_res, les variables SRa sont le plus sem-
blables aux Miras (6mission Balmer autour de quelques maxima, changements de p6riode,
etc.). Les 6toiles SRb sont plus irr6guli_res que les SRa. Dans ces 6toiles, des variations sur
une 6chelle de temps d'environ une heure ont 6t6 d6tect6es, comme dans R Crt. L'exemple
de l'6toile C, TW Hor, analys6e par photom6trie h larges bandes, montre que rindice U-B
varie de faqon oppos6e aux indices V-R, V-I et B-V; il pr6sente de fortes oscillations rapides
entre les phases 0.8 et 0.9, probablement en relation avec l'int6raction d'ondes de choc avec
la mati_re inhomog_ne de la chromosphere. Sur un si_cle, quelques SRc ont leur 6clat au
maximum qui d6croit jusqu'h 2 magnitudes; comme les amplitudes de variation de lumi_re
des superg6antes sont _ leur maximum h la limite de Hayashi du diagramme HR, on en con-
clut que les 6toiles SRc ne restent pas plus d'une centaine d'ann6es pr6s de cette limite. Des
variables SRc appel6es hyperg6antes (ou super-superg_antes) sont vraiment tr6s 6tendues;
elles peuvent avoir une magnitude bolom6trique de -7 h -9. Elles pr6sentent des perturba-
tions h long terme (sur plusieurs ann6es), avec de grandes variations en luminosit6 et en
classes spectrales (par exemple, 0 Cas), probablement dues h une forte quantit6 de mati_re
6ject6e. De plus, on observe des variations d'une nuit _ rautre, dont la cause est peut-_tre
l'6jection de petites bouff6es de mati_re ou des mouvements locaux dans l'atmosph_re.
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Des corr61ations entre les quantit6s telles que les pseudo-p6riodes, les magnitudes
absolues, les classes spectrales et les retards de phase sont moins 6videntes dans les vari-
ables SR que dans les Miras. N6anmoins, des relations sont mentionn6es: (1) plus longue est
la pseudo-p6riode, plus rouge est le spectre; (2) aucun couplage m6canique ne semble exis-
ter entre la photosphere qui endure quelques variations p6riodiques, et les r6gions des masers
qui ont des vitesses radiales tout h fait constantes (seules des variations photosph6riques plus
fortes qu'un certain seuil induisent des variations masers); (3) une 6rude de plusieurs 6toiles
SRc de types Ia, lab et II dans le f'dtre V montre que, pour un type spectral donn6, plus
l'amplitude de brillance est grande, plus lumineuse est la superg6ante; (4) et encore, plus la
luminosit6 de la superg6ante est importante, plus jeune est le type spectral; (5) une relation
entre la p6riode et la luminosit6 a 6t6 6tablie pour des superg6antes rouges dans le Grand
Nuage de Magellan. Finalement, on insiste sur la n6cessit6 de longues s6ries d'observations
interrompues, par satellites, de variables choisies, qui aideraient efficacement h d6brouiller
les ph6nom_nes pr6sents sur diff6rentes 6chelles de temps dans ces 6toiles. En fait, il s'agit
de d6cider si les courbes de lumikre des semi-rdgulikres sont multip_riodiques, chaotiques ou
r_ellement aldatoires. Dans les derni_res d6cades, des analyses sur les multip6riodes ont 6t6
d6velopp6es, et de nombreuses irr6gularit6s apparentes sont expliqu6es par un m61ange com-
plexe de deux ou plusieurs oscillations individuelles, g6n6ralement identifi6es par une anal-
yses sur les multip6riodes ont 6t6 d6velopp6es, et de nombreuses irr6gularit6s apparentes
sont expliqu6es par un m61ange complexe de deux ou plusieurs oscillations individuelles,
g6n6ralement identifi6es par une analyse harmonique des observations. Aujourd'hui, des
techniques math6matiques utilis6es pour expliquer le comportement des courbes de lumi_re
des semi-r6guli_res et des irr6guli_res sont propos6es: (1) un proc6d6 dit de hasard off les
6v_nements sont en grande partie ind6pendants les uns des autres et od les pr6dictions d'un
ensemble quelconque de variations sont impossibles, (2) un proc6d6 dit chaotique off les
variations observ6es refl_tent les mouvements instables produits par le comportement collec-
tif et coop6ratif de la mati_re soumise h des forces agissantes amplifi6es.
Quant aux variables irrdguli_res, les 6toiles Lb et Lc (respectivement g6antes et super-
g6antes), elles varient lentement sans qu'il y ait trace de p6riodicit6. Les irr6guli_res M sont
en majorit6 concentr6es aux types M5 et M6; aucune d'entre elles n'est plus tardive que M7.
De nombreuses variables irr6guli_res de la classe M sont rattach6es aux associations d'6toiles
0 jeune de Population I. On trouve les carbon6es irr6guli_res surtout dans les sous-classes les
plus jeunes. Comme l'intervalle de temps entre les maxima successifs est tr6s long (de quel-
ques centaines de jours h quelques milliers), il n'est pas facile d'affecter une superg6ante soit
_t la classe SRc, soit _ la classe Lc. Un crit_re bas6 sur l'amplitude des variations est appliqu6.
Dans les superg6antes h faible amplitude, le maximum moyen est d'environ 1.1 magnitudes
au-dessus du minimum et la dispersion d'environ 0.2 h 0.3 magnitudes. Des exemples de
superg6antes h grande amplitude montrent un maximum h environ 4.2 magnitudes du mini-
mum et une dispersion d'environ I. 1 magnitude.
Des variations de lumikre sur diff_rentes dchelles de temps sont observ6es dans les
irr6guli_res. Quelques 6toiles ont des changements rapides de brillance (sur quelques jours);
d'autres ont des variations p6riodiques sur quelques intervalles de temps, suivies d'une
p6riode pendant laquelle la brillance est tout _ fair constante. Leurs variations peuvent beau-
coup plus r6sulter de processus chaotiques ou dos au hasard (cons6quences d'irr6gularit6s
de surface telles des taches ou des boucles magn6tiques, etc.) que de processus harmoniques.
Cependant, ce point de vue est discutable; la superg6ante _a Cep est un bon exemple dans
lequel certains attribuent les variations de lumi_re de l'6toile h des perturbations temporaires
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et distribu6es au hasard _ la surface stellaire et off d'autres les expliquent par la superposi-
tion de termes p6riodiques. Dans a Ori observ6e pendant pr6s de soixante ans, les courbes de
lumi_re sont caract6ris6es par des variations de lumi_re _ long terme avec une p6riode d'en-
viron 5.8 ans et une amplitude moyenne d'environ 0.4 magnitudes, sur lesquelles sont super-
pos6es des variations irr6guli_res _ court terme avec des ascensions ou des d6clins sur des
6chelles de temps de quelques semaines _ quelques mois. Dans le proc6d6 chaotique appli-
qu6 aux irr6guli_res, les 6ruptions ("flares") qui sont observ6es dans ces 6toiles, pourraient
repr6senter les variations h plus courtes p6riodes.
On d6crit ensuite les dtoiles carbondes ddficientes en hydrogene, bri_vement nomm6es
6toiles HdC. Elles constituent une classe d'6toiles compl&ement diff6rente des autres 6toiles
carbon6es (des types R et N). Ce sont des superg6antes (Mbo l = --4 h -6) et leur abondance
en hydrog_ne est d6flciente d'un facteur pouvant aller jusqu'h 105 ou plus, compar6e au
rapport solaire H/Fe. Elles ont un exc_s de carbone (d'un facteur 3 h 10) et d'h61ium en
comparaison avec le soleil. Elles se partagent en trois sous-classes: les 6toiles dites RCB, les
6toiles HdC non variables et les 6toiles _ h61ium.
Les dtoiles RCB, les plus connues et les plus nombreuses parmi les 6toiles HdC, sont
pour la plupart des 6toiles R caract6ris6es par des baisses abruptes de brillance suivies par
une remont6e plus lente, baisses que l'on suppose &re dues g_une 6jection soudaine de mat-
i&e fortement absorbante. _, l'occasion, on les a imagin6es prog6niteurs de supernovae de
type I, de novae, de n6buleuses plan6taires, d'6toiles _t h61ium et de naines blanches! L'6toile
prototype est R CrB. Comme dans les autres variables, le type spectral change pendant les
variation de brillance. L'6chelle de temp6rature couverte par routes les 6toiles RCB est tout
fair 6tendue (des temp6ratures des 6toiles F aux 6toiles R). Bien que les variations dans le
spectre et les couleurs de ces 6toiles 6ruptives soient tr6s complexes, un comportement g6n-
6ral est d6crit. La perte de masse se continue pendant le maximum de lumi_re _ travers une
chromosph&e permanente. De nombreux modules ont 6t6 propos6s pour donner une illus-
tration coh6rente du ph6nom_ne RCB. Le module de base actuellement accept6 est le sui-
vant. Le gaz est 6ject6 radialement du sommet de ceUules convectives au travers d'une partie
importante de la surface stellaire et traverse les couches profondes de l'atmosph&e. Le gaz
s'6tend, se refroidit et des particules de graphite se condensent. Les nuages ou les conden-
sations de poussi_re qui en r6sultent, s'6tendent pouss6s par la pression de radiation, et
obscurcissent la lumi&e photosph6rique permettant de voir les raies 6troites d'6mission
chromosph6rique. Quand ces nuages (6ject6s _t haute vitesse) rencontrent l'enveloppe cir-
cumstellaire, de larges raies d'6mission apparaissent sur le spectre. La collision a lieu avec un
retard de phase de 30 _t 70 jours qui permet, 6galement avec l'aide des vitesses radiales des
raies circumstellaires, d'estimer la distance de l'enveloppe de grains et de gaz h environ 4
8 Unit6s Astronomiques de l'6toile.
Quelques 6toiles RCB ont un exc_s d'6mission infrarouge. Cette 6mission est de 40%
60% de la luminosit6 totale de l'6toile. Une explication possible de cette 6mission infra-
rouge est que les particules 6ject6es sont des particules de Platt de dimensions de 3 _t 30 A.
De telles particules absorberaient la radiation visible beaucoup mieux que les particules de
graphite, mais ne la re-rayonnerait pas dans l'infrarouge. L'6mission IR est observ6e quand
les particules grossissent par accr6tion jusqu'_ des dimensions de 104 h 10 -5 cm, ce qui cor-
respond au temps n6cessaire/i la croissance des particules.
Apr6s cette vue g6n6rale sur les 6toiles RCB, l'accent est mis sur leurs courbes de lumi-
_re. Etonnamment, les 6toiles RCB sont les seules variables dont l'6tat normal est la brillance
au maximum de lumi&e. La dur6e de cet 6tat est variable, jusqu'h atteindre plusieurs ann6es.
I1 existe aussi des moments off le maximum n'est jamais atteint. La vitesse du d6clin (c'est/_
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dire dm/dt) est aussi variable. Cependant, les drclines sont toujours beaucoup plus abrupts
que les mont6es vers le maximum, bien qu'une mSme forme de la courbe ne soit pas conser-
vre h chaque minimum. L'amplitude, la frfquence et la durre des minima sont impr6visibles.
Des variations sur diffrrentes 6chelles de temps sont connues dans les 6toiles RCB.
D'abord, le fait frappant est le drclin sur plusieurs magnitudes, appel6 aussi drclin "d'obscur-
itr", d'une dur6e imprrvisible. Ensuite, il y a des oscillations semi-rrguli_res, appelres oscil-
lations "pulsationneUes", avec une pseudo-prriode entre 19 et 120 jours. Elles ont une am-
plitude visible de 0.2 h 0.4 magnitudes. De plus, des oscillations trrs courtes, non perma-
nentes, sur des 6chelles de temps de une h deux heures, sont drtectres dans quelques RCB et
peuvent alterner avec des phases stellaires calmes. Finalement, une prriodicit6 _ long terme
(c'est _t dire avec une pseudo-prriode de 1100 jours) apparait dans l'exc_s IR, g6nrralement
dans le f'dtre L, peut-Stre due h une pulsation naturelle de l'enveloppe de poussi_re circum-
stellaire.
Pour finir, le paragraphe sur les 6toiles RCB traite de quelques corrrlations entre les
quantitrs observres. L'rtoile RY Sgr donne de bons exemples de corrrlations. Nous notons
que le drbut du drclin "d'obscuritr" est autour de la phase 0.8 de la pulsation, qui est une
phase stratrgique darts les Miras; cette coincidence sugg_re que le minimum "d'obscuritr"
est le rrsultat d'une oscillation pulsationnelle plus forte que les autres. L'indication la plus
importante pour comprendre le phrnom_ne RCB pourrait 8tre le fair que, pendant que
l'rtoile descend vers le minimum profond, l'exc_s IR n'est pas affect6: on ne note ni change-
ment dans le flux 6mis par l'enveloppe de poussi_re, ni changement sur la phase de la courbe
L. L'enveloppe circumstellaire et l'atmosph_re stellaire semblent 8tre d6onnect6es dyna-
miquement.
Les 6toiles carbonres drficientes en hydrog_ne sont considrrres habitueUement comme
des gtoiles HdC non variables. Cependant, cette conclusion pourrait n'Stre que la consr-
quence d'observations sur des 6chelles de temps insuffisamment courtes (l'rchelle de temps
explor6e est la semaine). On doit remarquer que ces 6toiles ne poss_dent pas un quelconque
exc_s IR et que l'6toile HdC chaude, non variable, HD 182040 n'a pas d'enveloppe, ce qui
sugg_re l'absence d'un phrnom_ne de forte perte de masse; de plus, dans cette 6toile, aucune
raie d'rmission chromosphrrique n'est drtectre.
Le dernier sous-groupe d'rtoiles HdC concerne les dtoiles _ h_lium. De faqon grnrrale,
elles sont aussi considrrres comme non variables. Cependant, comme pour les 6toiles HdC
"non variables", la cause pourrait en 8tre un manque d'observations. En fait, l'exemple de
HD 160641 qui a montr6 une brillance 6vidente d'environ 0.1 magnitude pendant 7 heures
d'observation, drmontre que des variations _ courte 6chelle de temps existent dans les 6toiles
h_lium.
Quelques 6toiles apparaissent comme un lien d'rvolution entre deux classes d'rtoiles,
telle MV Sgr avec ses variations de lumi_re semblables h celles des RCB, et son spectre sem-
blable h celui de l'rtoile _ hrlium HD 124448.
Quelques mots sont dits sur les 6toiles "rrellement" non variables ou encore normales
parmi les 6toiles Met S: une preuve des plus valables qu'on a affaire h une 6toile M normale,
est la non variabilit6 de la force des bandes d'absorption molrculaires et des raies atomiques,
ainsi que des maxima adjacents du flux. Ces 6toiles vont des types M0 _ M8 avec des classes
de luminosit6 de lab h III. Quelques 6toiles jeunes R sont aussi des 6toiles non variables.
Le dermer paragraphe du Chapitre 1 se propose d'rtudier les changements irreversibles
et l'dvolution rapide qui se produisent dans les variables rouges. D'abord, on s'attache _ con-
sidrrer les Miras _ travers l'exemple de l'objet complexe, 6volur, R Agr, longuement com-
mentr. C'est une 6toile binaire qui est formre d'une Mira (M7e) et d'un compagnon bleu
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(dont le type n'est pas fermement d6fini) et qui baigne dans une n6buleuse dense, compacte,
haute excitation. Le tout d6finit l'objet central spatialement non r6solu. Celui-ci est en-
tour6 par une n6buleuse en forme de lentille convexe de 2 arc-minutes. Un jet interne avec
une structure apparente changeante et des noeuds discrets variables est observ6 /t 10 arc-
secondes de l'6toile. L'6ventualit6 d'un contre-jet est _ consid6rer. Les spectres de la n_bu-
leuse la plus interne montrent de remarquables variations temporelles et refl_tent une ac-
tivit6 continue dans l'objet central.
On donne ensuite des exemples de changements irrdversibles dans les dtoiles SR et L.
De nombreuses 6toiles des classes Met C montrent des changements rapides et d6finitifs en
une ou plusieurs d6cades. V 1016 Cyg est un syst_me binaire avec une variable it longue p6r-
iode et une 6toile chaude qui excite une n6buleuse. L'analyse du spectre UV, fiche en raies
d'fmission, amine h conclure _ une 6jection soudaine de l'enveloppe et h la formation d'une
n6buleuse plan6taire de tr6s grande excitation. L'6toile carbon6e HD 59643 est un autre
exemple d'6volution irr6versible et rapide. L'examen de donn6es spectroscopiques obtenues
depuis plusieurs d6cennies sugg_re que l'activit6 de l'6toile est d'origine r6cente. L'6mission
UV ne peut pas venir de la photosphere, mais doit 6maner d'une enveloppe chaude circum-
stellaire. Entre 1979 et 1983, les raies UV d'ions de tr6s diff6rentes ionisations ont vari6es
et le continu de 2200 _ 1200/_ a balss6 de fagon significative. Une autre 6toile carbon6e, la
variable SRb, UU Aur, a vraisemblablement subi une augmentation de la profondeur optique
des couches absorbantes situ6es au minimum de temp6rature, qui att6nue tousles faits spec-
traux en absorption venant de couches plus basses et qui laisse l'6mission chromosph6rique
apparaitre.
L 'dvolution irrdversible des diffdrentes dtoiles RCB est propre /t chaque 6toile. On d6-
taille l'6volution d'6toiles choisies. L'6toiles RY Sgr 6volue lentement. Elle a le comporte-
ment d'une c6ph6ide, h cecipr_s qu'une d6croissance de la longueur de la p6riode de pulsa-
tion (1.1 jour en 80 arts) a 6t6 confirm6e par plusieurs 6tudes. Cependant, il apparait une
modulation dans le taux lin6aire de changement de la p6riode de pulsation, sur une 6chelle
de temps de 100 h 200 p6riodes. Ce taux est h rapprocher du taux pr6dit pour une 6toile
d6ficiente en hydrog_ne de 1 M o et de 6900 K de temp6rature effective, qui 6voluerait
rapidement de l'6tape de g6ante rouge vers celle de naine blanche.
Au contraire de RY Sgr, l'6toile RCB, S Aps, change rapidement de p6riode. Entre
1922 et 1960, la p6fiode 6tait de 120 jours. Apr6s le minimum "d'obscufit6" de 1967, la
p6fiode de pulsation instantan6e passe /l 135 jours; ensuite, apr6s le d6clin d'obscurit6 sui-
rant de 1971, l'6toile d6veloppe de fagon surprenante une oscillation de p6riode de pulsa-
tion moyenne de 37.5 jours. Lors du maximum de 1979, la p6riode 6tait d'environ 40 jours.
Un tel ph6nomdne est-il li6 hun changement du mode de pulsation (du mode fondamental
quelque harmonique)? I1 n'existe pas de module d'6volution d'6toiles d6ficientes en hydro-
g_ne autorisant un tel changement rapide de la p6riode, bien que l'6volution d'une 6toile
d6ficiente en hydrog_ne vers une naine blanche soit rapide. Quelques 6toiles RCB qui subis-
sent de tels changements de leur p6fiode de pulsation, montrent en plus un amortissement
de l'amplitude des variations de la pulsation.
La vafiabilit6 des 6toiles M, S, et C dont le Chapitre 1 nous a montr6 l'incidence sur
les courbes de lumidre en particulier, se manifeste/t l'6vidence sur les fairs spectraux (sur
leur intensit6, leur forme, leur vitesse radiale). Le Chapitre 2 a pour principal but de ddcrire
les faits marquants en relation avec les processus non thermiques. Pour trois des premiers
paragraphes, les raies spectrales sont pass6es en revue par type de raies, comme un observa-
teur peut les d6couvrir d'un coup d'oeil sur des spectres de l'ultraviolet h l'infrarouge: nom-
breuses raies d'absorption, quelquefois des raies d'6mission, et aussi des raies d'absorption au
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profil P-Cygni ou assym6trique ou aux multiples composantes. Chaque type de raies est le
r6sultat des conditions d'excitation qui r_gnent dans les couches stellaires od il se forme.
Aussi, en fm de chaque paragraphe, on tire des enseignements qualitatifs sur la r6gion de
formation des raies-par exemple sur sa structure, sa dynamique-qui pourront servir de con-
traintes h une mod61isation. De faqon g6n6rale, chacun des paragraphes successifs viendra
naturellement compl6ter les enseignements du pr6c6dent.
Parmi les remarques pr61iminaires, la plus importante pour la compr6hension de la
dynamique stellaire est la notion de vitesse radiale du centre de masse du syst_me (tir6e de
raies radio thermiques), vitesse constante par d6f'mition et, par cons6quent, base de r6-
f6rence des vitesses radiales de raies, c'est h dire du sens des mouvements de mati_re (en ex-
pansion vers le milieu interstellaire ou retombant vers l'6toile).
Les variations, avec la phase, des intensit6s et des vitesses radiales des raies d'absorption
qui peuvent 8tre qualifi6es de "classiques", c'est _ dire form6es sans ambiguit6 dans la photo-
sphere de l'6toile, sont d6cfites. Les examples les plus abondants concernent les Miras Met
S. Le fait le plus frappant est qu'une distinction apparait entre les vitesses radiales des raies
atomiques ou mol6culaires de faible potentiel d'excitation X (_1 eV) et celles de X 61ev6
('--2.5 eV ou plus). Les premieres ne pr6sentent pas de changements significatifs avec le cycle
de lumi_re, alors que les deuxi_mes pr6sentent une courbe discontinue en forme de "S",
d'amplitude totale d'environ 25-30 kin/s, avec un doublement des raies autour du maximum
de lumidre. Ce sont 1_ les caract6ristiques de l'influence du passage d'une onde de choc
travers les couches de formation des raies du haute excitation. En notant que dans la photo-
sphere des 6toiles froides plus le potentiel d'excitation de la raie est 61ev6, plus sa couche de
formation est profonde, ce sont les couches profondes de la photosphere qui sont ainsi per-
turb6es par une pulsation radiale de l'6toile variable. Cette pulsation est li6e _ des ondes
acoustiques qui d6veloppent des ondes de choc d_s leur 6mergence darts la photosphere de
la Mira. Les raies de faible excitation, aussi bien les raies infrarouges que les raies bleues, ne
subissent pas cette influence. On peut dire que les raies de haute excitation appartiennent
pleinement _ la photosphere de l'6toile (la partie pulsante), alors que les raies de plus faible
excitation appartiennent aux couches sup6rieures de la photosphere ou plutdt h des couches
interm6daires vers les couches circumstellaires. En fait, les raies infrarouges de divers poten-
tiel d'excitation r6v_lent plusieurs couches stellaires ou composantes de l'atmosph_re d'une
Mira, par exemple pour X Cygni (_t partir de raies IR du CO): (1) la photosphere pulsante
dont nous venons de parler, dans laquelle la temp6rature d'excitation des raies peut varier de
2200 _ 4000 K par le passage du front d'onde de choc, (2) une composante h 1500 K dont
la mati_re tombe sur l'6toile, (3) une couche de vitesse stationnaire (au centre de masse)
d'environ 800 K form6e rapidement et disparaissant en 3 cycles, (4) une composante avec
T _ 300 K appartenant _ une couche circumstellaire en expansion. D'autres couches de
l'atmosph_re peuvent 8tre mises en 6vidence par l'6tude d'autres mol6cules IR que CO,
telles H20 et OH, et des raies IR atomiques. Par exemple, dans la Mira R Leo, _t c6t6 de la
photosphere (3000 K < T > 4500 K) on distingue: (1) une couche de transition photo-
sph_re-enveloppe circumstellaire (T "_ 1700 K) plus faiblement pulsante que la photosphere,
montrant un couplage m6canique plus faible avec la pulsation profonde, (2) une couche _t
1100 K dont la variation de vitesses radiales duplique celle d'une couche h 1000 K de 16 km/s
d'amplitude totale, _ la limite interne de la couche circumstellaire, avec un couplage
m6canique encore significatif avec la photosphSre. Quant au spectre visible-r6gion bleue-
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violette _ 4000 A--forme surtout de raies d'absorption de faibles X, il ne pr6sente pas de
changement significatif en vitesses radiales. Darts X Cygni, sa vitesse radiale moyenne est en
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accord avec celle de la couche de CO tombant sur l'6toile: ceci sugg_re que les raies d'absorp-
tion atomiques visibles ne se forment pas dans la photosphere pleinement pulsante, mais au-
dessus d'elle. I1 devrait y avoir un 16ger doublement des raies au maximum de lumi_re;
cependant, le continuum au-delh de 6000 _, est tel qu'il empSche d'observer la composante
en expansion et donne l'illusion que les couches gazeuses responsables du spectre dans le
bleu retombent constamment sur l'6toile. Quelques donn6es sur des Miras de type C mon-
trent que leur photosphere se comporte comme celle des Miras M ou S, sauf que l'amplitude
de la courbe des vitesses radiales en fonction de la phase est moins importante (15-20 km/s).
Int6ressantes sont les rares observations sur des semi-r6guli_res M et C dont la photo-
sphere pr6sente le mSme ph6nom_ne de pulsation que les Miras, avec cependant des ampli-
tudes plus faibles (_<10 km/s).
Le paragraphe se termine par la pr6sentation d'histogrammes de vitesses radiales de
raies d'absorption dans des Miras; ils soul,vent le probl_me de la pr6sence d'un ou deux
chocs au mSme moment dans l'atmosph_re de l'6toile pour expliquer les observations.
Les raies d'dmission atomiques sont le fair primordial des spectres de Miras M, S, et C
autour du maximum de lumi_re. I1 apparait que ces raies, aussi bien dans le visible que dans
l'ultraviolet observ6 par satellite, varient en intensit_ 0usqu'_ dispara]tre pour certaines
autour du minimum de lumi_re) et en vitesse radiale au cours du cycle. Une s61ection de
raies d'6mission caract6fistiques est pr6sent6e et leur profil 6tudi6 pour des Miras et des
semi-r6guli_res. Chaque raie (d'616ments neutres ou ionis6s, de fluorescence, etc...) form6e
dans des conditions physiques particuli_res apporte sa contribution h la connaissance de la
structure de l'atmosph_re stellaire.
Dans le cas des Miras, on montre comment les raies d'6mission viennent s'ins6rer dans
le module d'onde de choc mis clairement en 6vidence par les raies d'absorption infrarouges
et le conforter. Les vitesses radiales des diff6rentes raies d'6mission sont un indicateur des-
vitesses h l'arfi_re du choc. La question de la pr6sence d'un seul choc au maximum de lumi_re
dans l'atmosph_re de l'6toile ou de la pr6sence de deux chocs au mSrne moment (l'un local-
is6 dans la basse photosphere, l'autre dans les couches plus hautes) pour rendre compte de
l'excitation des raies d'6mission observ6es et de leur vitesse radiale, pourrait 8tre r6solue par
l'6tude de la structure du front d'onde lui-m_me et des conditions d'excitation diff6rentes
qui y r_gnent.
Dans le cas des g_antes et superge'antes semi-rdgulibres, trois exemples sont comment6s.
Darts la superg6ante M # Cep, une s6rie d'observations indique que les raies de Balmer se
comportent comme dans une Mira, sugg6rant une onde de choc produite d_s les couches les
plus basses de la photosphere. D'autres observations _t des dates diff6rentes semblent d6nier
un tel comportement et 8tre expliqu6es par le d6veloppement de chocs seulement quand
l'onde atteint les hautes couches de l'atmosph_re de l'6toile (il s'agit de la chromosphere de
l'6toile), et la th6orie de Ulmschneider et de ses collaborateurs s'appliquerait alors. Ce sont
ces chocs qui excitent l'6mission de raies telles que Mg II h and k ou Fe II autour de 3280/_.
La semi-r6guli_re carbon6e TW Hor illustre pleinement ce m6canisme dans lequel l'amor-
tissement radiatif de l'6nergie des ondes pendant leur trajet dans la photosphere joue un role
pr_pond6rant. Enfln, la superg6ante M, a Ori, poss_de sans ambiguit_ une chromosphere
6tendue jusqu'h 1.8 R. avec une temp6rature d'excitation moyenne d'environ 8500 K.
Alors que sa photosphere pulsant h la maniSre d'une Mira, mais avec une amplitude totale
faible ('6 km/s) caract6ristique des semi-r6guli_res, prouverait le passage d'ondes acousti-
ques, les raies d'6mission seraient excit6es par la dissipation de leur 6nergie sous forme
d'ondes de choc au niveau chromosph6rique, comme dans les deux exemples pr6c6dents,
/s Cep et TW Hor. Cependant, le mouvement de 16vitation de la matiSre puis sa retomb6e d_s
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ramortissement de l'onde, dont on s'attend qu'il soit grossi_rement r6gulier dans le temps,
est perturb6 par la pr6sence d'un compagnon observ6 h environ 2.5 R. de l'6toile. En effet,
la variation temporelle des vitesses radiales de raies d'6mission prouve l'influence de ce com-
pagnon sur les hautes couches chromosph6riques: la matidre est attir6e par un effet de mar6e
et retombe h vitesse supersonique d_s que le compagnon n'a plus d'influence sur les couches
observ6es, si bien que les raies d'6mission sont vues non seulement dans du gaz en 6jection,
mais encore dans du gaz retombant sur la surface stellaire. Les vitesses radiales d'une s61ec-
tion de raies montrent que les mouvements de matidre dfis au compagnon ne semblent pas
atteindre la couche appel6e interm6diaire (au-dessus de la photosphere) par analogie avec les
Miras, ni la photosphere elle-mSme, dans la limite des erreurs de mesure.
Pour conclure sur /a cindmatique de l'atrnosphbre, un m6canisme de chauffage des
couches stellaires commun aux 6toiles froides, quelque soit leur type de variabilit6, est sug-
g6r6 par les observations: il s'agit d'ondes acoustiques produites darts la zone convective pro-
fonde, qui se transforment en ondes de choc h des niveaux g6om6triques diff6rents de l'at-
mosph_re de chaque 6toile et mSme h des niveaux variables dans le temps pour une 6toile
donn6e (mSme les Miras peuvent voir l'amplitude de leurs ondes tellement amortie dans la
photosphere que les raies d'6mission de l'hydrog_ne peuvent ne pas 8tre excit6es, cas excep-
tionnel il est vrai). Ces ondes acoustiques sont 6videmment responsables de la pulsation de
l'6toile avec une amplitude plus ou moins large. La question est pos6e de comprendre la
cause physique qui expliquerait pourquoi, dans les Miras, les ondes se dissipent sous forme
de choc en g6n6ral d_s leur entr6e dans la photosphere, alors qu'un tel comportement
semble exceptionnel dans les semi-r6guli_res. L'amortissement radiatif dans la photosphdre
joue un rdle, mais il ne semble pas 8tre le seul 616ment de discrimination.
Les trois derniers paragraphes du Chapitre 2 concernent les enveloppes des 6toiles
froides. Un paragraphe traite des raies circumstellaires (en bref, raies CS) et en cons6quence
des propridtOs des couches gazeuses circumstellaires. Les raies CS montrent un profile P-
Cygni ou un coeur en absorption d6plac6 vers le bleu. Leur potentiel d'excitation est bas
(<1 eV); ce sont souvent des raies de r6sonance. La variation dans le temps du profil d'une
s61ection de raies est pr6sent6e, ainsi que leur variation avec les types spectraux et les classes
de luminosit6. La haute r6solution spectrale a permis de d6tecter dans le coeur des raies CS
des composantes multiples. L'6tude de ces composantes sont gtla base de notre connaissance
des couches circumsteUaires, en particulier de leur vitesse d'expansion, de leur temp6rature,
de leur distance. Cependant certaines hypotheses sont en g6n_ral adopt6es dont les plus
douteuses sont les suivantes: (1) les vitesses sont en g6n6ral reli6es _t une vitesse photo-
sph6rique et non _ la vitesse du centre de masse de l'6toile, (2) les temp6ratures d'excitation
ne sont souvent pas des temp6ratures cin6tiques, puisque les processus radiatifs dominent
sur les processus collisionnels, (3) les 6carts h I'ETL ne sont pas pris en compte dans la d6ter-
mination du ces temp6ratures, (4) l'interpr6tation des temp6ratures d'excitation des couches
en terme de leur distance _t l'6toile est entach6e d'erreur h cause de l'hypoth_se d'6quilibre
du gazet de la poussi_re dans la couche. En gardant ces hypotheses pr6sentes h l'esprit et en
se basant sur les 6toiles pour lesquelles un ensemble d'observations sur le domaine optique,
proche-IR et radio existe-c'est h dire la superg6ante a Ori, des Miras dont X Cyg et aussi la
carbon6e envelopp6e de poussi_re IRC + 10216, on met en 6vidence diff6rentes couches qui
composent l'enveloppe circumstellaire (couches en expansion). Par exemple, une couche
200 K qui est aussi bien d6tect6e par des raies atomiques optiques que par des raies CO infra-
rouges, semble commune _ ces 6toiles. Pour les Miras, un 6chantillon probant montre la
pr6sence d'une couche stationnaire _ 800 K. Dans le cas de X Cyg couvert par un large nom-
bre d'observations sur plusieurs ann6es, cette couch s'est constitu6e rapidement pour dispar-
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a_tre doucement en trois cycles: elle est une candidate valable pour 8tre un r6servoir de mat-
i_re h la fois pour la formation de couches plus froides en expansion, sous rimpulsion de la
pression de radiation sur les grains de poussidre qui pourraient s'y former, et aussi pour la
formation de mat6riel retombant sur la photosphere. La question rests intacte quant _t la
pr6sence formelle d'une telle couche dans les superg6antes, mSme pour a Ori. Davantage
d'observations sont n6cessaires.
La pr6sence de couches multiples pour lesquelles il n'y a pas de corr61ation entre leur
vitesse d'expansion, la quantit6 d'hydrog_ne ou de CO ou de poussi_re, peut laisser penser
que la mati_re subit des 6jections multiples, 6pisodiques. Cependant, une distribution con-
tinue de matidre peut aussi produire une telle structure multiple h condition que la vitesse
du flux change lentement avec la distance. Le cas d'IRC +10216 pr6sent6 _ la lumi_re
d'observations r6centes, est un exemple.
Dans le courant du paragraphe, sont mentionn6es quelques m6thodes d'analyse des pro-
f'fls circumstellaires et sont revues les mesures d'extension de l'enveloppe circumstellaire par
cartographie directe qui d6tecte la lumi_re 6mise par l'enveloppe dans une raie CS, l'6toile
centrale 6rant occult6e. L'6toile-type est a Ori. Des 6carts h la sym6trie sph6rique sont mis
en 6vidence.
L'exploration des enveloppes stellaires se poursuit par l'6tude de/a poussibre circum-
stellaire. Sa d6tection se fait soit par les mesures d'exc_s infrarouges, soit par celles de polari-
sation. En premier lieu est d6crite la distribution d'6nergie spectrale dans les 6toiles M et les
6toiles C, ainsi que les signatures des exc_s d'6mission, soit principalement les silicates et le
graphite respectivement. Quant h la variabilit6 temporelle des exc_s IR, elle n'est pas signifi-
cative, semblant prouver que la quantit6 de grains dans les enveloppes circumstellaires ne
change pas beaucoup dans le temps. N6anmoins, sur l'exemple de la Mira M, o Cet, l'6mis-
sion IR et en particulier l'exc_s h 10/am sont clairement d6pendants de la phase: la pous-
sidre est vraisemblablement chauff6e cycliquement par les changements p6riodiques de la
luminosit6 stellaire. Un ensemble d'6toiles M, S, et C de tout type de variabilit6 et d6crivant
un large spectre en taux de perte de masse montre que le rapport poussi_re/gaz est pratique-
ment constant dans les enveloppes circumstellaires. Ce r6sultat est en accord avec un m6can-
isme de perte de masse par pression de radiation sur les grains.
La pr6sence de poussi_re est aussi d6tect6e par les observations en polarisation optique,
la polarisation lin6aire intfins_que est caract6ris6e par la vafiabilit6 dans le temps du pour-
centage et de l'angle de polarisation, ainsi que de leur d6pendance en longueur d'onde. Quel-
ques corr61ations entre la polarisation et d'autres param_tres sont revues. Une remarque
importante est qu'il n'y a pas de relation entre la variation de la polarisation et les change-
ments de la courbe de lumi_re avec la phase, en particulier dans les Miras. Quant au lien avec
le flux infrarouge, on conclut que: (1) pour un exc_s IR donn6, une forte ou faible polarisa-
tion peut apparaTtre suivant l'6toile consid6r6e, (2) aucune variation temporelle du flux IR
n'est observ6e dans les 6toiles off la polarisation varie beaucoup. La polarisation pourrait
produire des effets localis6s plutdt que globaux dans des nuages 6pars de poussidre. I1 a 6t6
trouv6 que la lumi_re bleue dans le continu est lin6airement polaris6e de 550 _t 3300 R.
autour de la superg6ante a Ori.
Les propri6t6s caract6ristiques de la polarisation sont d6crites sur l'exemple de quel-
ques 6toiles sp6cifiques telles la Mira o Cet, la semi-r6guli_re V Cvn, les superg6antes/a Cep
eta Ori, en mettant l'accent sur les observations h bandes 6troites. Par exemple, la varia-
tion temporelle du pourcentage est li6e ou non li6e _ la variation de l'angle de rotation, la
d6pendance de la polarisation (du taux et de l'angle) avec la longueur d'onde est complexe,
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quelquefois avec une croissance du taux dans certaines raies atomiques ou bandes molrcu-
laires et une drcroissance dans d'autres fairs spectraux au m_me moment. Des changements
temporels de la polarisation sur des 6chelles de temps courtes (de l'ordre du mois) ont 6t6
drtectrs dans la majorit6 des 6toiles, indiquant une grande anisotropie prrs de l'rtoile.
Les interprrtations actuelles des faits observrs sont ensuite indiqures. La drpendance
en longueur d'onde ainsi que les variations dans le temps de l'angle et du pourcentage de
polarisation sont considrrres comme pouvant _tre dues h la combinaison de plusieurs mrcan-
ismes actifs dans la m_me 6toile, _ la condition de la prrsence concomittante d'une atmo-
sphere assymrtrique. Les modules throriques expliquent l'origine de la polarisation par les
proprirtrs diffusantes soit de grains circumstellaires distriburs assymrtriquement et/ou du
gaz photosphrrique. C'est le mrrite des observations h haute rrsolution d'avoir mis en relief
la contribution possible du gaz de la photosphdre h la polarisation. Le module grnrralement
retenu pour expliquer les variations de la polarisation photosphrrique h travers les bandes
molrculaires (TiO) ou les raies d'absorption atomiques (Ca I h 4427/_) est bas6 sur le fait
que la radiation 6mise sur la ligne de visre prrs du limbe stellaire de l'atmosph_re en pulsa-
tion est polarisre par diffusion Rayleigh. Une augmentation ou une diminution de la polari-
sation dans les faits spectraux est lire _t la profondeur optique h laquelle la diffusion Ray-
leigh (par hydrog_ne atomique et molrculaire) domine sur l'absorption (par TiO et H-). Une
polarisation variant h la fois en degr6 et angle h travers chacune des bandes TiO (par ex-
emple dans t_ Cep) sugg_re, _ cdt6 de la diffusion Rayleigh photosphrrique, une diffusion de
Mie par les grains circumstellaires. Cependant, dans le cas de la Mira o Cet, le haut degr6 de
polarisation continue ne semble pas pouvoir _tre expliqu6 par la diffusion de Mie dans une
enveloppe assymrtrique, car il semble que les 6carts h la symrtrie sphrrique de l'enveloppe
ne soient pas suffisants. Un champ magnrtique est prrfrr6 pour obtenir l'orientation des par-
ticules avec un changement systrmatique dans l'alignement des grains en fonction de la dis-
tance h l'rtoile conduisant hun changement dans la gromrtrie de la diffusion. La prrsence
possible de champs magnrtiques dans les 6toiles froides est revue dans un contexte grnrral.
Une autre source d'assymrtrie due h l'effet dynamique d'un systdme binaire est illustrre
par la supergrante a Ori.
Le Chapitre 2 se termine par l'examen de la mesure "directe" du diametre angulaire
des 6toiles et/ou de/a cartographie de la distribution de la poussikre et du gaz circumstellaire
par occultation lunaire ou par les diverses techniques d'interfrromrtrie. Deux prototypes
d'_toiles sont plus particuli_rement _tudires: la superg_ante M, a Off, et l'_toile carbonre
enveloppre de poussi_re, IRC + 10216.
Au sujet d'a Ori, de nombreuses mesures _ diffrrentes longueurs d'onde optiques
donnent une estimation du diamStre apparent photosphrrique, par exemple _ environ 0.037
quand on observe dans le continu _ 5350 _,. Les longueurs d'onde infrarouges sont, elles,
approprires _ la drtermination de l'extension de l'enveloppe circumstellaire; des 6carts h la
symrtrie sphrrique sont 6vidents, comme ils avaient drjh 6t6 mentionnrs _ partir des profils
de raies CS obtenus en occultant l'rtoile centrale. Brtelgeuse (a Ori) est l'rtoile pour laquelle
la structure des couches circumstellaires proches de sa surface et leur dynamique ont 6t6
directement observres: le disque stellaire est accompagn6 d'un nuage brillant assymrtrique,
en forme de croissant de lune, situ6 h 2.5 R. (soit 0"05) du centre stellaire et large d'en-
viron 1 R.. De plus, l'image reconstiture de Frvrier 1982 rrv_le la prrsence d'un compagnon
situ6 h 0'74 - 0'.'5 (soit 20-25 R.) _t 80 ° (modulo 180 °) par rapport au Nord, vers l'Est. Un
autre compagnon, plus proche de l'rtoile (situ6 _ environ 2 R., c'est/t dire _ environ 0'.'04
en Novembre 1980) aurait une orbite excentrique avec une prriode d'environ 2.1 ans d'aprrs
les interprrtations de mesures de polarisation. On peut suggrrer que le nuage de poussi_re en
°..
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forme de croissant de lune est dfi /t un effet de mar6e du compagnon proche. D'apr6s la
th6orie de Draine, des grains de poussi_re "propres" sont capables de se former tr6s proche
de l'6toile, vraisemblablement dans la basse chromosphere off la temp6rature est relative-
ment peu 61ev6e. Ensuite, ils pourraient _tre 6ject6s par pression de radiation et _tre alors
responsables de l'6mission IR d6tect6e _ 45 R. (0'? 9) de la photosphere d'a Ori.
Au sujet de l'6toile carbon6e poussidreuse, IRC +10216, un r6sum6 des mesures d'ex-
tension spatiale de cet objet/_ diverses longueurs d'onde est pr6sent6. Le nuage de poussi_re
a 6t6 d6tect6 jusqu'h un rayon de 1200 R, (soit 27") autour de l'6toile. Les couches sont
assym6triques et leur degr6 d'assym6trie varie avec la longueur d'onde et le rayon de la
couche; des contour elliptiques sont 6vidents. La r6gion gazeuse (en CO) 6met jusqu'/_ un
rayon d'au moins 8000 R. (soit 3') autour de l'6toile; elle pr6sente une g6om_trie sph6fique.
Le m61ange de morphologie-un disque h faible inclinaison pour rendre compte de la g6o-
m6trie des nuages de poussi_re, plus une sph_re-s'expliquerait par la pr6sence d'un com-
pagnon proche, parmi d'autres interpr6tations. D'autres structures composites observ6es
dans des 6toiles C extrSmes, constitu6es par un tore 6quatorial poussi6reux et des lobes
polaires diffusant la lumi_re, pourraient _tre un lien 6volutif avec les n6buleuses bipolaires.
Compl6tant la description des faits observ6s commenc6e dans les chapitres pr6c6dents,
le Chapitre 3 traite des raies radio moldculaires qui sont des raies circumstellaires. En fait, les
enveloppes 6tendues des 6toiles froides rouges (les 6toiles identifi6es dans le domaine visible
comme celles qui n'ont pas de contre-partie visible) 6mettent aussi des raies d'6mission
mol6culaires aux longueurs d'onde centim6triques et millim6triques. Des transitions mol6c-
ulaires appropri6es qui ont lieu /i diff6rents rayons stellaires (des masers SiO dans les couches
proches de l'6toile, aux 6missions du CO thermique ou des cyanopolynes dans les couches
circumstellaires lointaines) peuvent 6chantillonner les diverses couches et servir de r6v61ateur
de leurs conditions physiques.
Les premidres d6tections radio de mole'cules circumstellaires conduisirent _t la d6cou-
verte de raies masers OH et H20 dans des 6toiles des derniers types riches en oxyg_ne, prin-
cipalement des Miras et des superg6antes rouges. On donne une liste des mol6cules circum-
stellaires connues de nos jours dans les 6toiles froides (environ une soixantaine). Leurs raies
sont caract6ris6es par des largeurs importantes qui refl_tent l'expansion h grande 6chelle de
l'enveloppe (d'environ 5 _ 50 km s1 ).
Les 6missions radio de OH, H20, SiO, et SiS pr6sentent des caract6ristiques de pro-
cessus non thermiques. Les masers sont des sources variables dont les intensit6s sont cor-
r616es avec celles observ6es dans le proche infrarouge, ns ont un haut degr6 de polarisa-
tion (par exemple OH, SiO). Une inversion de population peut _tre obtenue par un pompage
par la radiation infrarouge, de grains de poussi_re circumstellaires "tildes" ou de l'6toile
centrale. Des d6tails sur les m6canismes de pompage sont donn6s dans la th6orie simplifi6e
d'un maser h deux niveaux et dans la th6orie du transfert radiatif pour un maser _t plusieurs
niveaux.
Ensuite sont d6finies les caract6ristiques des masers circumstellaires. L'6mission maser
est souvent caract6ris_e par un spectre _ double pic (par exemple OH). Cette forme peut
s'expliquer par un module sph6rique dans lequel le parcours d'amplification est maximum
dans la direction de la ligne de vis6e. On montre des exemples de spectres de masers et on
discute le pompage appropri6 fi un maser donn6.
L'_mission thermique par SiO, CO, CN, et CS et leurs isotopes est d6tect6e dans les
6toiles M, S, et C. I1 existe aussi des mol6cules h cha_e carbon6e lin6aire (HNC, HCN,
HCzn+I N, etc.) dans les enveloppes stellaires fiches en carbone. Les spectres d'6mission
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thermique s'6tendent sur l'enveloppe enti_re et donnent des informations sur ses para-
m_tres physiques (perte de masse, densit6s de gaz et de poussi_re, etc.). L'excitation mol6c-
ulaire met en jeu des processus collisionnels et radiatifs. Les collisions, essentiellement avec
H2, tendent h thermaliser les raies. Les diff6rents profils de raie (rectangulaires, paraboliques,
pics doubles, etc.) s'expliquent en relation avec la nature de l'enveloppe circumstellaire
(optiquement 6paisse ou mince, r6solue ou non r6solue, etc.). Une asymdtrie des raies est
observ6e (l'aile d6plac6e vers le bleu est plus faible que l'aile d6plac6e vers le rouge): comme
l'enveloppe la plus interne est davantage excit6e et plus chaude que l'enveloppe plus externe,
il en r6sulte que, le long de la ligne de vis6e, dans l'h6misph_re frontal la mati_re ext6rieure
froide absorbe la radiation 6mise par les couches internes plus chaudes, alors qu'une telle
absorption n'affecte pas l'h6misph_re arfi_re. Dans ce cas, la temp6rature de briUance de la
source doit 8tre calcul6e s6par6ment pour l'h6misph_re frontale et pour l'h6misph_re arri_re.
Des variations temporelles de la lumi_re infrarouge influencent aussi la forme des raies
mol6culaires masers. Au maximum de la courbe de lumi_re infrarouge, les photons IR qui
s'6chappent de la source de chaleur centrale agissent sur l'enveloppe externe et font 61argir
les aries des raies.
Les conclusions du Chapitre 3 soulignent combien les raies radio mol6culaires sont
utiles pour sonder l'environnement stellaire, du voisinage imm6diat de la photosphere stel-
laire aux enveloppes externes.
Comme un chapitre pr6c6dent (Chapitre 2) le montre, l'astronomie infrarouge 6tablit
la pr6sence indubitable de poussi_res autour d'un grand nombre de g6antes et superg6antes
rouges. Le Chapitre 4 d6taille /a formation de grains et le transfert radiatif dans les envel-
oppes circumstellaires.
En ce qui concerne/a formation des grains, le formalisme g6n6ralement adopt6 dans la
litt6rature est la th6orie de la nucKation homogkne. On en rappelle les id6es de base et les
r6sultats principaux. On donne les d6finitions de quantit6s importantes comme le rayon
critique du noyau, le taux de nuc'16ation et le rapport de supersaturation. Comme le gaz cir-
cumstellaire est un m61ange complexe off de nombreuses esp_ces sont capables de se con-
denser et off des nuages de toutes sortes peuvent agir comme noyaux de condensation pour
d'autres mat6riaux, la nucl6ation h6t6rog_ne est mentionn6e et un exemple 6voqu6.
Les 6quations de la th6orie de nucl6ation homog_ne impliquent l'6quilibre thermody-
namique dans lequel gaz, nuages et grains ont la m_me temp6rature. Dans les enveloppes cir-
cumstellaires, la pr6sence d'une forte radiation stellaire et d'une densit6 gazeuse basse sont
des contraintes _t la th6orie. Ses principes sont d6crits. Le cas particulier de l'influence d'une
chromosphere sur l'existence et la condensation des grains (en particulier les silicates propres)
est soulev6.
La structure amorphe ou cristalline des grains circumstellaires peut-elle 8tre pr6dite par
la th6orie de nucl6ation et de croissance? La structure des nuages contenant de quelques
atomes h plusieurs dizaines d'atomes n'est pas connue. Les arguments en faveur de graphite
amorphe ou cristallin dans les 6toiles froides carbon6es sont analys6s.
Le probl_me de la formation des grains ne peut 8tre r6solu que si la densit6 et la tem-
p6rature du gaz, la composition et la temp6rature des nuages sont connues en chaque point
de renveloppe et h chaque moment. Une nucldation et une croissance dependant du temps
sont n6cessaires. C'est l'6chelle de temps de saturation qui gouverne la situation. Des sc6nar-
ios de l'6volution dynamique de l'enveloppe influenc6e par la pression de radiation sur les
grains sont pr6sent_s.
Les conclusions du paragraphe sur la formation des grains mettent l'accent sur les d6-
ficiences de la th6orie de nucl6ation homog_ne appliqu6e aux enveloppes circumstellaires
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r6elles: (1) incertitudes sur les param_tres physiques des solides et sur la croissance des grains
dans un gaz en expansion; (2) hypoth_se erron6e de l'6quilibre thermodynamique dans un
gaz contenant un grand nombre d'esp_ces capables de se condenser ou de se d6poser sur
d'autres grains; (3) possibilit6s de condensations locales ou de fortes variations en densit6
permettant h la nucl6ation de commencer, alors que la densit6 moyenne semblait trop basse;
(4) temp6rature des grains li6e _t un rayon stellaire photosph6rique bien d6fini et _t la radia-
tion du corps noir h la temp6rature effective de l'6toile, bien qu'il soit connu que la radiation
h diff6rentes longueurs d'onde ne vienne pas des mSmes niveaux photosph6riques.
Le paragraphe suivant du Chapitre 4 concerne le transfert radiatif dans les enveloppes
de poussi_re circumstellaires qui est en g6n6ral trait6 ind_pendamment de la formation des
grains.
La r6solution de l'6quation de transfert dans une enveloppe sph6rique (atmosphere
6tendue) tente de d6crire correctement le champ de radiation en chaque point de l'envel-
oppe. Pour d6fmir un module, il est n6cessaire de fixer les caract6ristiques stellaires (tem-
p6rature effective, rayon), la g6om6trie de l'enveloppe (rayon interne et rayon externe, den-
sit6) et les propri6t6s des grains (dimension, propri6t6s optiques). Les limites de l'enveloppe
sont plus particuli_rement discut6es. Le module de grains utilis6 est la source principale
d'incertitude. Par exemple, les propri6t6s optiques des grains de graphite qui entrent dans les
modules d'enveloppes d'6toiles carbon6es, ne sont pas toujours correctement d6crites.
Avant de consid6rer la construction de modules pour diff6rents types d'6toiles, on rap-
pelle des r6sultats g6n6raux. (1) La loi d'extinction circumstellaire n'a pas la forme de la loi
d'extinction interstellaire aux longueurs d'onde or) la diffusion est efficace. (2) On note
l'existence th6orique d'un maximum 6troit du flux d'6nergie dans la direction de la fronti_re
interne de l'enveloppe. Cet anneau brillant correspond au maximum d'abondance des grains
qui est atteint quand le param_tre d'impact est 6gal au rayon interne de l'enveloppe. Si
l'anneau 6tait d6tect6 par les mesures h haute r6solution angulaire, la limite interne de
l'enveloppe pourrait _tre flx6e et l'6quilibre radiatif des grains mieux compris.
Diff6rents modules d'enveloppes d'6toiles oxyg6n6es sont pass6s en revue. Parmi eux,
un module, largement utilis6 par la suite, implique les silicates "sales" pour rendre compte
de la courbe de flux th6orique et du profll des bandes d'6mission entre 0.25 et 8/am; d'autres
modules 6tudient le profil de la bande h 10/am dans un ensemble de g6antes et de super-
g6antes et montrent la possibilit6 d'une augmentation du rayon des grains avec la latitude
galactique, alors qu'une grille 6tendue de modules d'enveloppes sph6riques en expansion
(avec de petits grains de silicates et une densit6 en r -2) conduit, dans la plupart des cas, _t
une temp6rature des grains les plus internes sup6rieure _ 1000 K. Quelques autres modules
sont d6velopp6s pour un objet particulier, comme a Ori. On pr6sente ensuite des modules
d'enveloppes d'6toiles carbon6es dans lesquels les grains introduits sont des grains de graph-
ite. Une bonne repr6sentation de la courbe de flux est obtenue avec une enveloppe sph6r-
ique en expansion et de petits grains de graphite; les grains les plus chauds sont h 1000-
1300 K. Quelques modules qui tentent de rendre compte de l'6toile particuli_re carbon6e,
IRC +10216, sont r6sum6s.
Finalement, les enveloppes non sphe'riques sont discut6es; elles sont n6cessaires, comme
il est mentionn6 dans le Chapitre 2, pour interpr6ter les taux de polarisation intrins_que des
6toiles. Le traitement complet du transfert de la radiation stellaire diffus6e dans une envel-
oppe ellipso'idale a 6t6 fair sans approximation. La simulation num6rique souligne plusieurs
ponts. (1) Une enveloppe _t densit6 constante ne peut pas produire un taux de polarisation
sup6rieur h 12 pour-cent. (2) MSme si l'opacit6 est modifi6e, la rotation de 90 ° de l'angle
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de polarisation h une longueur d'onde fix6e est maintenue. En fait, il s'agit d'une prop-
ri6t6 individuelle des grains. La rotation dispara_t quand les grains sont de forts absorbants,
comme le graphite. (3) On ne peut obtenir des taux importants de polarisation et la varia-
tion abrupte observ6e de l'angle de polarisation que si la lumi_re stellaire directe est att6n-
u6e le long du plan 6quatorial et diffus6e principalement pr6s des r6gions polaires de l'envel-
oppe (on pare de modSle de n6buleuse bipolaire).
Quant aux m6canismes physiques responsables de la perte de sym6trie sph6rique, on
invoque le plus souvent la rotation et les champs magn6tiques. Cependant, la forme de
l'enveloppe peut aussi 8tre en rapport avec les processus qui induisent l'6jection de mati_re
la surface stellaire.
L'importance de l'hypothSse de sph6ricit6 sur plusieurs quantit6s physiques est 6valu6e
en traitant le transfert de la radiation infrarouge 6mise dans une enveloppe ellipsoidale, dans
le cas de densit6 constante. De plus, des simulations num6riques ont montr6 que la r6parti-
tion spatiale du flux est tr6s asym6trique _ chaque longueur d'onde quand l'opacit6 est
faible.
Dans le futur proche, le probl_me du transfert devrait 8tre fortement li6 h l'6tude de
l'6volution dynamique de l'enveloppe.
La perte de masse, discut6e en d6tail au Chapitre 5, a 6t6 remarqu6e il y a un demi-
si_cle, mais le d6veloppement de ce domaine dut attendre des instrumentations plus mod-
ernes; et la quasi-totalit6 de nos connaissances sur la perte de masse et ses cons6quences pour
l'6volution stellaire et la pollution interstellaire, s'est mise en place seulement au cours de
la derni_re d6cennie. Une vue d'ensemble g6n6rale du d6veloppement historique des id6es,
aussi bien de celles li6es _ l'observation que de celles bas6es sur la th6orie et concernant la
perte de masse stellaire, constitue la base de notre compr6hension actuelle du ph6nom_ne.
La nouveaut6 du domaine, et le caractSre tr_s incomplet des modules th6oriques actuelle-
ment disponibles de la perte de masse, sont ainsi mis en 6vidence d'une fa9on tr_s naturelle.
Des ddterminations empiriques des taux de pertes de masse, d6duites des spectres du
domaine de 0.2 h 5 microns, pour diff6rents types d'6toiles, sont ensuite consid6r6es dans
leurs d6tails. Les spectres eux-mSmes sont d'abord d6crits, et nous somme conduits, pas
pas, dans l'analyse des raies pour en d6duire la densit6 columnique et les vitesses d'expan-
sion. Les incertitudes consid6rables li6es aux calculs de l'6quilibre d'ionisation n6cessaires
pour obtenir la densit6 columnique des atomes d'un 616ment particulier sont discut6es, et
les contradictions s6v_res entre les r6sultats obtenus, par diff6rents auteurs, et pour diff6r-
ents 616ments, sont mis en 6vidence.
Le taux de perte de masse d6pend bien entendue de la densit6, du carr6 du rayon, et
de la vitesse. Si la densit6 d6cro_t vers l'ext6rieur comme l'inverse du carr6 de la distance,
la perte de masse d6pend directement de la densit6 columnique, de la vitesse terminale, et du
rayon int6rieur de l'enveloppe circumstellaire.
Les difficult6s bien connues rencontr6es dans la d6duction du rayon int6rieur de l'en-
veloppe circumstellaire, sont d6crites, ainsi que le sont aussi les m6thodes utilis6es par les
diff6rents chercheurs et les r6sultats obtenus. Les estimations conduisent h des r6sultats
raisonnables dans le cas de quelques 6toiles, et h des r6sultats m6diocres pour d'autres. Reste
la question naturellement plus s6rieuse, qui est de savoir s'il y a g6n6ralement un rayon int6r-
ieur bien d6fini pour l'enveloppe circumstellaire dans toutes les 6toiles. Dans l'6toile a Ori,
par exemple, il y a au moins deux enveloppes bien d6fmies. Dans de nombreuses 6toiles, il
est clair que la perte de masse a un caract_re 6pisodique, ce qui rend tout-h-fait incertain
tout effort pour d6duire des observations, la perte de masse sous la forme d'un processus
suppos6 stationnaire. Au moins quelques-unes des incertitudes rencontr6es dans l'estimation
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du rayon int6rieur de l'enveloppe circumstellaire, peuvent 8tre 6vit6es, en principe, grace
l'observation de syst_mes binaires; de nombreux syst_mes bien connus ont 6t6 6tudi6s de
cette faqon, notamment les syst_mes du type _"Aurigae.
De nombreuses idges nouvelles sont issues de l'6tude des variables de type Mira au
tours de leur cycle de variation. En particulier, quatre r6gions circumstellaires s6par6es ont
pu 8tre observ6es dans l'6toile Mira (de type S) X Cyg: (1) une photosphere en pulsation,
(2) un gaz froid (1500 K) retombant sur la photosphere, (3) une r6gion stagnante encore
plus froide (800 K), et (4) un gaz tr_s froid (350 K) en mouvement vers l'ext6rieur, l'envel-
oppe circumstellaire elle-m_m'e. La m_me structure semble avoir 6t6 trouv6e aussi dans la cas
d'autres 6toiles de type Mira. Ces observations compl_tent et amplifient les observations qui
indiquent une enveloppe semblable, stationnaire dans a Ori, ce qui sugg_re un m6canisme de
perte de masse commun aux Mira et aux superg6antes. La r6gion stationnaire, vraisemblable-
ment soutenue par la dissipation de l'6nergie d'un choc, constitue en r6servoir de mati_re
pour la formation de grains (les calculs montrent que les grains pourraient se former lh), et
pour la matidre que l'on observe en chute vers l'6toile.
I1 est maintenant bien connu qu'une perte de masse de 0.2 masse solaire sur la branche
des g6antes rouges, et une autre de 0.1 masse solaire sur la branche asymptotique des g6antes,
sont n6cessaires pour que la distribution calcul6e des 6toiles sur le diagramme HR soit en
accord avec les observations men6es dans les amas globulaires. La pr6sence de la raie Ha
dans le spectre des g6antes rouges des amas globulaires, a 6t6 consid6r6e comme l'indication
de l'existence d'une perte de masse, et de nombreux calculs de perte de masse, bas6s sur
l'id6e que cette 6mission provient d'une enveloppe circumstellaire, ont 6t6 men6s. I1 est
cependant encore douteux que l'6mission en Ha vienne n6cessairement d'une enveloppe cir-
cumstellaire, ou exige n6cessairement une perte de masse.
La fr6quence d'un exc_s d'6mission _ 10 microns dans les 6toiles riches en hydrog_ne,
et _ 11 microns dans les 6toiles riches en carbone, est comprise de faqc_n g6n6rale en l'attri-
buant _t la temp6rature de la poussi_re (par cons6quent _tsa distance h l'6toile, si elle est en
6quilibre thermique), /i sa profondeur optique et h sa composition. Ces trois param_tres ne
peuvent pas 8tre d6termin6s de faqon unique et quelques hypotheses sont faites d'habitude
en ce qui concerne la composition des grains, ou la profondeur optique. Une r6gion spectrale
plus favorable pour ce genre d'6tude est le domaine submillim6trique, off la poussi_re devient
optiquement mince, et off le rayonnement se forme dans la portion Rayleigh-Jeans du
spectre. Les observations dans ce domaine en sont juste h leur commencement.
Des observations de profils de raies mol6culaires, notamment d'oxyde de carbone CO
dans les domaine millim_trique, apportent une information compl6mentaire et plusieurs
6tudes de telles donn6es sont d6crites. I1 est tenu compte des 6carts par rapport _ l'6quilibre
thermodynamique local (ETL). Les modules supposent que la perte de masse est provoqu6e
par la pression de radiation dans une g6om6trie _t sym6trie sph6rique. Ces 6tudes relative-
ment sophistiqu6es ont quelquefois 6t6 combin6es avec l'information issue d'autres r6gions
spectrales.
Dans les 6toiles infrarouges OH (OH-IR), comportant des enveloppes poussi6reuses
6paisses, les 6quations usuelles prennent des formes nettement plus simples et les taux de
perte de masse pour ces objets sont d6termin6s avec une bonne pr6cision, au-moins dans
quelques cas. L' un des d6veloppements les plus int6ressants au cours des r6centes ann6es est
la d6couverte des liens entre les 6toiles de type Mira, et les 6toiles OH-IR, et l'indication
qu'il s'agit d'une s6quence 6volutive conduisant _t la formation de n6buleuses plan6taires.
Une table des taux de pertes de masse, pour des 6toiles choisies de tousles types, est
ensuite donn6e et discut6e; on esp_re que ceci constituera une liste de r6f6rences commodes
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pour tousles chercheurs travaillant dans ce domaine. On notera que: (1) parmi les 6toiles de
type M les moins froides, le taux de perte de masse pour les superg6antes exc_de d'un ordre
de grandeur celui correspondant aux g6antes; (2) les taux de perte de masse pour les n6bu-
leuses plan6taires et les 6toiles Mira sont comparables h ceux affectant les superg6antes
chaudes; (3) les 6toiles M et S montrent une dispersion beaucoup plus large dans leur vitesse
d'expansion que ne le font les 6toiles carbon6es C.
Des arguments continuent h s'accumuler en faveur du caract_re 6pisodique de la perte
de masse d'au moins quelques 6toiles; des cas nombreux sont examin6s. Une fois de plus a
Ori est l'exemple le mieux cormu.
De nombreux mdcanismes ont 6t6 propos6s pour rendre compte de la perte de masse; il
semble improbable qu'un seul m6canisme puisse suffire h rendre compte de la perte de masse
pour routes les 6toiles. Les m6canismes usuels d'une perte de masse stationnaire sont pass6s
en revue: pression thermique gazeuse (qui semble 8tre trop faible pour les 6toiles froides en
g6n6ral), pression de radiation sur les grains de poussi_re, onde de choc (particuli_rement
dans les 6toiles de type Mira), et onde d'Alfv6n. Un flot entrain6 par la poussi_re est la solu-
tion la plas populaire, eta 6t6 aussi la plus intens6ment 6tudi6e et appliqu6e. Les traitements
de plus en plus 61abor6s de ce m6canisme sont d6crits. Quelques auteurs ont commenc6 en
utilisant la r6gion stationnaire d6couverte par l'observation des 6toiles de type Mira, pour le
calcul de la formation des grains, et sa position comme une valeur initiale de la distance
partir de laquelle le gaz est pouss6 vers l'ext6rieur par la pression de radiation sur les grains,
et le transfert de moment au gaz qui s'en suit. Les r6sultats que l'on trouve d6pendent forte-
ment du module, et les modules les plus 61abor6s tendent h donner les taux les plus bas de
perte de masse.
Souvent l'hypoth_se _ 6t6 faite que toute la perte de masse trouvait son origine dans la
pression de radiation excerc6e sur les grains; ceci est pourtant loin d'Stre prouv6. Des argu-
ments maintenant disponibles indiquent que ce m6canisme est presque certainement respon-
sable de la perte de masse dans les g6antes les plus froides de type Met Set dans les super-
g6antes, y compris les 6toiles de type Mira; mais ceci n'est pas prouv6, et semble quelque peu
douteux dans le cas des superg6antes les plus chaudes de type Met des 6toiles carbon6es. Les
ondes de choc ont attir6 une attention consid6rable comme l'un des processus susceptibles
de d6clencher une perte de masse dans les 6toiles de type Mira. I1 semble qu'une combinaison
de chocs (isotherme, et adiabatique) puisse jouer un r61e essentiel, au-moins en soutenant
l'atmosph_re et peut-Stre mSme en provoquant la perte de masse elle-mSme, au-moins
jusqu'h la distance de formation des grains. Les ondes de Alfv6n ont requ une attention
relativement moindre, bien que quelques auteurs aient attir6 l'attention sur de nombreux
aspects tr_s s6duisants de cette th6orie. Certainement ils peuvent soutenir par chauffage des
atmospheres 6tendues. Qu'ils puissent apporter une 6nergie suffisante pour soutenir l'atmo-
sphere sans provoquer simultan6ment l'6mission d'une quantit6 de rayonnement beaucoup
plus grande que ne l'indiquent les observations, cela semble pour l'instant assez incertain.
Plusieurs m6canismes de perte de masse 6pisodique sont aussi pass6s en revue; mais ce
domaine est beaucoup moins bien d6velopp6 que celui de le perte de masse stationnaire.
Ce chapitre se termine par une discussion des consdquences evolutives de la perte de
masse. Quatre aspects sont pass6s en revue: (1) l'6volution et la fr6quence des supernovae,
(2) le diagramme HR des amas globulaires, (3) la composition de la mati_re interstellaire,
et (4) la formation des n6buleuses plan6taires.
La chimie circumstellaire d6crite dans le Chapitre 6 est un domaine nouveau et tr_s
actif de l'astrophysique. En fait, ceci est l'une des premieres 6tudes d'ensemble du progr_s
X//V
accompli dans ce domaine. En liaison 6troite avec l'6tude des nuages mol6culaires inter-
stellaires, la chimie circumstellaire traite des r6actions mol6culaires atomiques se produisant
dans la matidre expuls6e par l'6toile, qui forme une enveloppe circumstellaire 6tendue et en
expansion. I1 est h noter que les enveloppes circumstellaires, sont _ bien des 6gards, plus
faciles _ traiter que les nuages mol6culaires interstellaires, et quelque compr6hension de ce
dernier probl_me peut donc _tre acquise par l'6tude des enveloppes circumstellaires.
Apr_s une introduction h l'histoire br_ve de la recherche sur la chimie circumstellaire,
des consid6rations g6n6rales sont donn6es sur les domaines de tempe'rature, de vitesse, de
dimensions, de densite pertinentes h l'6tude de la chimie circumstellaire. Les vitesses des
vents sont basses, +10 km/s, les dimensions sont grandes, jusqu'/l 1018 cm par rapport au
rayon stellaire, et les taux de perte de masse sont substantiels (10 -7 h 10 4 masse solaire/an).
Acette distance, les densit6s vont de 106 cm "3 h 102 cm 3 . Puisque ces valeurs sont si pro-
fond6ment diff6rentes de celles qui caract6risent les photosph_res et les chromospheres des
6toiles en consid6ration, il est clair que la mati_re dolt passer par un grand intervalle de con-
ditions physiques dans son mouvement de la photosphere _t l'enveloppe circumstellaire. En
cons6quence, nous devons nous attendre hce que diff6rents processus physiques l'empor-
tent h diff6rentes distances de l'6toile. Bien que les processus thermiques puissent dominer
au voisinage de l'6toile (et il y a quelque bons arguments en faveur de cette conclusion), la
mati_re doit s'61oigner des conditions d'6quilibre h mesure que la densit6 s'effondre h une
certaine distance de l'6toile; d'autres processus peuvent devenir alors importants. La photo-
dissociation et la photoionisation dues au rayonnement galactique ultraviolet doivent l'em-
porter dans les confins de l'enveloppe circumstellaire.
Comme c'est naturel dans un nouveau domaine, ce sont les observations qui montrent
le chemin. Comme peut-_tre dans aucun autre domaine, la chimie stellaire profite d'une
fagon vitale de l'information d6duite de l'6tude de chaque r6gion spectrale. Les observations,
d'une extr6mit6 du spectre h l'autre, ont pourtant 6t6 faites seulement pour un tr_s petit
nombre d'objets, et il vaut mieux en discuter individuellement, tout sp6cialement puisqu'il
n'y a pas de preuve que ces objets proches et bien observ6s soient typiques, en tant que
groupe coh6rent d'objets, des enveloppes circumstellaires.
Bien que l'hydrog_ne soit l'_16ment le plus abondant, il n'a pas 6t6 d_tect6, ni sous la
forme neutre, ni sous la forme mol6culaire dans une enveloppe circumstellaire entourant une
6toile centrale froide. La sensibilit6 des limites sup6rieures est tout juste suffisante pour per-
mettre d'envisager l'6tude astrophysique d'un ou deux objets. Dans IRC +10216, la limite de
l'abondance fractionnelle de l'hydrog_ne atomique, d6termin6e par l'absence de la raie _t
21 cm, commence _ avoir une certaine influence sur les pr6dictions th6oriques. Dans a Ori,
la limite sup6rieure au taux de perte de masse, impliqu6e par l'absence d'un rayonnement
21 cm, est proche du taux de perte de masse total pr6dit par quelques uns des modules.
L'hydrog_ne est naturellement observ6 dans les n6buleuses plan6taires, et ces objets con-
stituent une condition limite utile pour les recherches concernant la mati_re circumstellaire.
Un grand int6r_t s'attache aux observations des mol6cules contenant du carbone, de
l'azote et de l'oxyg_ne dans les enveloppes circumstellaires, mais les observations sont tr_s
ponctuelles, sauf peut-_tre pour un ou deux objets. Est particuli_rement bien 6tudi6 l'objet
IRC +10216, od plus de 20 mol6cules ont 6t6 d6tect6es. Des tables d'abondance sont dis-
ponibles, et l'on en donne dans ce chapitre un r6sum6; mais elles sont incertaines par un fac-
teur de l'ordre de 3, m_m'e dans les meilleurs cas, en raison des difficult6s de l'interpr6ta-
tion d'une observation donn6e. L'accroissement significatif de la mol6cule HCN par rapport
ce qui se passe dans les nuages mol6culaires et la grande abondance de radicaux tels que
CN et C 2H, posent d'int6ressants probl_mes et donnent des indices significatifs.
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Dans les enveloppes circumsteUaires d'6toiles Met S, les observations les plus intensives
ont 6t6 celles des raies de OH, H20, et SiO susceptibles de provoquer un effet maser. L'inter-
pr6tation de ces observations concerne seulement en partie la chimie circumstellaire. Alors
qu'il n'y a pas de contrepartie _ l'objet 10216 pour les 6toiles M, les mol6cules CO, H20,
SiO, OH, et NH 3 sont observ6es dans quelques sources. Des observations 6tendues de K I,
de grandes distances de l'6toile a Ori, ont permis dans certaines mesures une mod61isation,
comme il est d6cfit dans le Chapitre 6.
Des id6es tr_s valables sur les processus impliqu6s dans les enveloppes circumstellaires
peuvent 8tre d6duites de la comparaison entre les 6chelles de temps dynamiques, et celles
caract6risant les processus radiatifs, les r6actions chimiques ordinaires, et les collisions
3 corps. I1 semble clair que, sauf au voisinage imm6diat de l'6toile, ces processus peuvent
l'emporter sur les conditions d'6quilibre. Dans les r6gions ext6rieures de l'enveloppe, c'est la
photochimie qui l'emporte.
Deux modules de chimie circumstellaire ont g6n6ralement 6t6 appliqu6s: l'gquilibre
thermique et la photochimie. L'6quilibre thermique est appliquable seulement au voisinage
de l'6toile, et semble d6crire de fagon ad6quate (_ un facteur 2 h 5 pros) l'abondance de mol-
6cules aussi simples que CO, C2 H 2 , HCN, et CH 4 . Le module 6choue dans le cas de NH 3 qui
est observ6 comme surabondant, par un tr_s grand facteur. SiS et SiO sont observ6s comme
sous-abondants, peut-_tre parce qu'ils sont incorpor6s dans les grains de poussi_re. Tous les
radicaux sont surabondants par de grands facteurs, les cas les pires 6rant ceux de CN et de
C 2H. MSme les succ_s apparents des modules en 6quilibre thermique, doivent _tre consid6r6s
avec quelque r6serve, puisque la formation de poussi_res n'y a pas encore 6t6 incluse. Les
r6actions chimiques, influengant aussi bien les atmospheres riches en oxyg_ne que les at-
mospheres riches en carbone, sont discut6es. Bien que des solutions soient disponibles pour
les atmospheres riches en oxygdne, aucune ne convient encore pour les atmospheres fiches
en carbone.
Des chocs sont observ6s dans les 6toiles variables de type Mira, et peuvent 8tre impor-
tants aussi dans d'autres types d'6toiles variables. G6n6ralement, ils ont 6t6 discut6s comme
une source d'6nergie et de moment dans le processus de perte de masse. Mais cependant ils
causent aussi une excitation suppl6mentaire, et pourraient bien avoir une certaine impor-
tance dans le diagnostic des r6gions qui en sont affect6es.
La photochimie peut 8tre importante partout dans le nuage circumstellaire, car si le
rayonnement ultraviolet de la chromosphere peut 8tre une source voisine de l'6toile, le
champ de rayonnement galactique sera en revanche important _t grande distance. L'atten-
tion, jusqu'_ pr6sent, a surtout _t6 apport6e aux molecules abondantes H 2 et CO, et _ la
formation de radicaux lourds _ partir des mol6cules parentes correspondantes. Les modules
photochimiques d6montrent cependant que les mol6cules ne peuvent plus survivre dans les
portions ext6rieures des enveloppes circumstellaires. Ceci est en contradiction avec ce qui se
passe pour les grains qui peuvent parfaitement survivre au voyage h travers l'enveloppe cir-
cumsteUaire.
Les observations remarquables des 6toiles g6antes rouges d6crites dans les chapitres
pr6c6dents sont un d6fi _ l'imagination du plus audacieux des constructeurs de module
d'atmosph_re. Pourtant, dans le Chapitre 7, l'on discute les modbles beaucoup plus simples,
thermiques, et statiques.
Les principes physiques des atmospheres stellaires classiques sont rassembl6s et d6crits:
l'6quilibre hydrostatique, dans une g6om6trie plan-paralldle et horizontalement homog_ne.
Des g6n6raiisations possibles de ces modules sont envisag6es, bien que l'addition d'une con-
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vection dans le cadre de la th6orie de la longueur de m61ange et de la g6om6trie sph6rique
soient les seules g6n6ralisations probables dans un avenir proche.
En liaison avec une discussion de l'opacit6 des atmospheres des g6antes rouges, on
d6crit sp6cialement les effets des raies spectrales. Toute raie spectrale, ind6pendamment de
son mode de formation, ou de la situation dans le spectre, ou de la r6gion de formation,
bloque le rayonnement, et ce ph6nom_ne est appel6 le "bloquage" dans les raies (line block-
hag). Puisque nous exigeons que le flux d'6nergie soit conserv6/i chaque profondeur, l'6ner-
gie bloqu6e dans la raie doit appara_tre dans quelque autre partie du spectre. Transporter ces
flux suppl6mentaires h travers l'atmosph_re exige un gradiant de temp6rature 16g_rement
plus rapide et cette modification est appel6e l'effet de "serre" (backwarming). Que la raie
refroidisse ou chauffe les r6gions ext6rieures de l'atmosph_re est discut6 h la fois h partir
d'une intuition physique et d'un traitement math6matique, en tenant compte des 6carts par
rapport _t l'6quilibre thermodynamique et de l'effet des m6canismes divers de formation des
raies.
Dans les 6toiles les plus chaudes, les raies spectrales, relativement peu nombreuses,
peuvent 8tre trait6es individuellement, alors que dans les g6antes rouges, des millions de raies
spectrales doivent 8tre trait6es collectivement ou statistiquement. Les m6thodes statistiques
de traitement de cette forSt de raies sont d6crites, depuis les m6thodes relativement gross-
i_res, telle la moyenne lin6aire ou la moyenne harmonique utilis6e pour le calcul des opac-
it6s, jusqu'aux m6thodes modernes les plus puissantes, telles que celles utilisant une fonction
de distribution de l'opacit6 ou un 6chantillonnage d'opacit6. Apr_s une revue rapide de
chacune de ces m6thodes, y compris la m6thode VAEBM (un d6veloppement de la m6thode
de fonction de distribution des opacit6s), les avantages et d6savantages relatifs de chacune de
ces m6thodes sont d6crits. Une fois qu'une fonction de distribution de l'opacit6 est con-
struite, des modules sont obtenus rapidement. Cependant, la fonction de distribution des
opacit6s doit 8tre calcul6e/_ nouveau pour chaque changement important des param_tres du
module. Cette m6thode est donc particulidrement bonne lorsque l'on dispose de grilles de
modules pour lesquels tousles param_tres du module sont connus d_s le d6part. Par con-
traste, puisque la m6thode de l'6chantillonnage d'opacit6 n'utilise pas de moyenne des
opacit6s, de quelque nature que ce soit, elle est tout _t fait flexible et peut facilement pren-
dre en compte toutes les modifications jug6es d6sirables des param_tres initiaux. Cette flexi-
bilit6 signifie cependant que le calcul de chaque module est relativement lent. Un travail
r6cent fair par le groupe su6dois, et qui permet de combiner les fonctions de distribution des
opacit6s pour diff6rentes mol6cules, r6sout avec pr6cision et rapidit6 une difficult6 majeure
de la fonction de distribution des opacit6s. Nous admettons h priori que les deux m6thodes
sont capables de d6veloppements ult6rieurs, et nous pr6voyons que le calcul de grilles d'at-
mosph_res prenant en compte beaucoup d'opacit6s mol6culaires nouvelles, et des millions
de raies suppl6mentaires, sera un d6veloppement important dans l'avenir.
Les modules publies pour les dtoiles ggantes rouges sont pr6sent6s, et discut6s en deux
cat6gories, les 6toiles riches en oxyg_ne et les 6toiles riches en carbone. Les modules BEGN
largement utilis6s sont discut6s dans la mesure ot_ les 6toiles les plus froides sont concern6es
par ces moc_les. Bas6e sur une fonction de distribution des opacit6s des mol6cules CO, CN,
CH, NH, OH, MgH et des raies atomiques, la grille couvrait le domaine, en temp6rature
effective, de 3750--6000 K, en log g de 0.75-3.00, et, en abondances m6talliques, de la valeur
solaire h 1% de cette valeur. La convection est prise en compte. En rant que fonction de dis-
tribution des opacit6s simplifi6es, Tsuji a introduit la m6thode VAEBM et l'a utilis6e pour
calculer une grille de module d'6toiles rouges superg6antes. Ces modules ont 6t6 alors utilis6s
pour une discussion de l'6toile B6telgeuse. Un jeu de 22 modules a 6t6 ensuite calcul6 pour
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des g6antes rouges. Tsuji a trouv6 que la dlstribution du flux pr6dite par lui dans l'infrarouge
suffit h repr6senter les dorm6es photom6triques et spectrophotom6triques disponibles des
g6antes K et M assez bien pour qu'une calibration de l'6chelle de temp6rature de ces 6toiles
soit possible. Ult6rieurement, af'm de mieux exploiter les modSles, Tsuji les a utilis6s avec la
photom6trie dans la bande L de 22 6toiles g6antes de type K et M, pour en d6terminer la
temp6rature effective par la m6thode de la photom6trie infrarouge.
Sur la base d'un programme d'ordinateur ATLAS 5 et d'opacit6s OS pour un grand
nombre de mol6cules, mais en traitant la mol6cule H20 en utilisant les opacit6s SM, le groupe
de l'Indiana a calcul6 40 moddles, pour des 6toiles g6antes rouges et superg6antes rouges.
On peut _tre rassur6 par l'accord de bonne qualit6 entre les modules issus des trois groupes.
Pour des moddles d'6toiles carbone6s, nous commencerons avec les modules obtenus
par le groupe frangais. Sur la base des fonctions de distribution de l'opacit6, ce groupe cal-
cule un total de 35 modules, avec des compositions diff6rentes, de fagon _ inclure h la fois
les processus d'61aboration des 616ments selon le cycle CNO, selon les r6actions du type
triple-alpha. Ces modules n'ont 6t6 utilis6s qu'avec un succ_s mod6r6, dans la d6duction de
la temp6rature effective et des abondances de carbone et d'azote, dans le cas des 6toiles UU
Aur et TX Psc.
Un jeu de 27 modules des 6toiles M, Set C a 6t6 6tabli par Johnson; il est pr6sent6 et
discut6. Comme ces modules forment un ensemble uniforme, ils sont utilis6s pour 6tudier la
variation de la structure atmosph6rique lorsqu'on modifie le rapport carbone/oxyg_ne. Un
moddle od le rapport carbone/oxyg_ne est 6gal _ l'unit6 est semblable dans sa structure _t
un module solaire, od l'on n'a pas tenu compte de l'effet de serre, et caract6ris6 par les
m_mes param_tres, ce qui souligne la faiblesse de l'opacit6 dans les 6toiles S.
Des modules nouveaux encore non publi6s, calcul6s par le groupe su6dois, sont d6crits;
ils incluent pour la premiere fois l'opacit6 des mol6cules HCN et C 2H 2 .
Enfin, des modSles d'6toiles R ont 6t6 calcul6s h la fois par le groupe su6dois, et par le
groupe de l'Indiana;ils sont en excellent accord.
Des modules sph6riques sont vraisemblablement n6cessaires pour la description de cer-
taines 6toiles superg6antes, et de certaines 6toiles de type Mira. Bien que les modules actu-
ellement disponibles aient 6t6 calcul6s avec des opacit6s tr_s simplifi6es (d'habitude des
opacit_s SM), certaines caract6ristiques de sph6ricit6 sont d6j_ 6videntes. I1 est montr_
par exemple (par des groupes de chercheurs en Allemagne, au Japon et en Lettonie) qu'une
extension de l'atmosph_re conduit toujours _ une d6croissance de la temp6rature et de la
densit6 dans les r6gions ext6rieures de l'atmosph_re. On montre aussi que la plupart des
_toiles de masse m = 1 passeront par une 6tape d'extension atmosph6rique, _ un moment ou
un autre durant leur vie. Ces conclusions ont 6t6 confirm6es, et se sont g_n6ralis6es, au fur
et h mesure que l'on a dispos6 d'opacit6s plus pr6cises. Par exemple on peut noter que, bien
que la densit6 de la plupart des mol6cules suivent la d6croissance g6n6rale de la densit6 dans
l'atmosph_re, certaines d'entre eUes, par exemple H20, se comportent d'une fagon diff6r-
ente. Le rayon de l'6toile aussi a augment6 de faqon significative dans celles de ces bandes
mol6culaires sensibles h une telle extension. Un troisi_me param_tre de l'observation a 6t6
donc cherch6 et des suggestions int6ressantes de telles observations sont donn6es: ainsi la
couleur, entre 1 et 4 microns, pourrait fournir la temp6rature effective, certaines raies d'ions
m6talliques pourraient donner la gravit6 superficielle, et les raies rouges TiO peuvent 8tre
sensibles h l'extension atmosph6rique. Enfin nous passons en revue les effets des abondances
de m6taux et de C, N, et O, sur la structure atmosph6rique, toujours dans le cadre de l'6tude
des 6toiles M. Pour finir, nous d6crivons le premier module calcul6 d'6toiles riches en car-
bone, et nous exposons la d6couverte selon laquelle, h cause de la plus grande sensibilit6 h la
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temp6rature de la composition des 6toiles fiches en carbone, l'6toile carbon6e est moins
6tendue qu'une 6toile M par ailleurs comparable.
La convection, qui constitue une autre g6n6ralisation possible des 6quations de base de
l'atmosph_re stellaire classique, est rapidement discut6e. De nombreux essais de construire
une meilleure th6orie que la th6orie de la longueur du m61ange, sont d6crits. I1 semble que
quelques progrds soient accomplis, mais mSm'e une th6orie coh6rente, op6rationnelle, peut
encore appartenir hun futur lointain. Pendant que l'on attend cette th6orie, les chercheurs
essaient de d6terminer d'une meilleure faqon les param_tres de la th6orie de la longueur de
m61ange. On remarque que la convection ne devrait pas 8tre importante dans la d6termina-
tion de la structure des photosphdres des g6antes rouges, au contraire, elle peut Stre impor-
tante pour de nombreux autres probl_mes dont la liste est donn6e. Les h6t6rog6n6it6s
restent un probldme h l'horizon de ces recherches. Alors que leur existence mSme est g6n-
6ralement encore en question, quelques effets possibles en sont soulign6s.
Les comparaisons sont faites entre les pr6visions du modble th6orique et les observa-
tions, lorsque celles-ci sont disponibles. Pour les 6toiles M, la pr6vision correcte de la relation
empirique entre la temp6rature effective et la temp6rature de couleur mesur6e sur le syst_me
Wing, grace h des modules th6oriques, par trois groupes ind6pendants de chercheurs, a per-
mis d'6tablir une solide base de confiance dans le fait que, pour des 6toiles M aussi froides
que M5, des modules pr6cis sont disponibles.
Pour les 6toiles Set pour les 6toiles carbon6es, la situation n'est pas aussi rassurante.
Les observations h large bande sont repr6sent6es de fagon mod6r6ment satisfaisante par des
modules de QQT, bien que l'on s'en soit servi, en liaison avec la photom6trie dans la bande
L, dans les m6thodes infrarouges pour en d6duire la temp6rature des 6toiles carbon6es, qui
est en accord raisonnable avec les quelques temp6ratures que l'on peut d6duire et de la
mesure des diam_tres angulaires. Repr6senter correctement des spectres stellaires est une
op6ration dont on montre qu'elle n'est pas un crit_re tr_s fort de la qualit6 d'un module
d'atmosph_re. Pour les 6toiles S, les modules conviennent suffisamment bien pour 6tablir
une 6chelle de temp6rature, _ la fois par l'adaptation du module au donn6es spectrophoto-
m6triques et par la m6thode de la photom6trie infrarouge.
Nous terminons ce chapitre par la discussion des caract6ristiques spectrales qui pour-
raient 8tre particulidrement sensibles h des variables telles que la temp6rature effective, la
structure thermique, la gravit6 superficielle, la composition, la pression, l'6tendue de l'at-
mosph_re, les chromospheres et la perte de masse.
A la suite de cette 6tude des modules strictement thermiques du chapitre pr6c6dent,
qui 6taient bas6s sur les concepts de l'_quilibre hydrostatique, de l'_quilibre radiatif (quel-
que fois en tenant compte de la convection) et de l'dquilibre thermodynamique local, nous
examinons dans le Chapitre 8 des theories et des modbles qui renoncent ces hypothkses.
Apr_s une courte introduction, nous analysons: (a) les 6carts h l'6quilibre thermodynamique
local dans les photosph_res thermiques, (b) la chromosphere des 6toiles g6antes rouges, (c)
l'a6rodynamique du choc et l'application de cette 6rude h ces 6toiles.
Les atmospheres des 6toiles g6antes rouges sont tout _t fait diff6rentes des atmo-
spheres des 6toiles plus chaudes et plus compactes. Les densit6s et les temp6ratures, plus
basses garantissent une formation abondante de mol6cules. La photosphere surmonte une
zone convective profonde, off de l'6nergie m6canique sous diff6rentes formes, est disponible,
et peut se dissiper dans l'atmosph_re ext6fieure. Les 6chelles de hauteur sont fr6quemment
tr_s grandes et les effets de la sph6ricit6 sont souvent importants. Les h_t_rog_n6it_s, peut-
8tre li6es h la convection, peuvent 8tre assez communes. Toutes les 6toiles g6antes rouges
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sont variables de quelque faqon, et des ondes de chocs sont souvent li6es aux pulsations qui
doivent sous-tendre la variabilit6. La perte de masse est un ph6nom_ne banal.
I1 est commode de commencer par /a photosphbre, qui est aussi la r6gion la plus
6tudi6e. Les 6carts par rapport _t l'6quilibre thermodynamique dans une photosphere ther-
mique donn6e sont discut6s d'abord. Les 6quations de l'6quilibre statistique et du transfert
radiatif sont d6crites aim de rappeler au lecteur quels sont les termes importants et la nature
des couplages. La nature exploratoire du travail dans le domaine des fascinantes 6toiles
g6antes rouges, est soulign6e avec 61oquence par le petit nombre de recherches poursuivies
dans cette direction. La formation de la raie de Li I, diagnostic tr_s sensible de l'histoire
thermique et convective de la mati_re, est d6crite dans les 6toiles g6antes M comme dans les
6toiles carbon6es, et li6e aux abondances. Dans les 6toiles M, aucun effet d'6carts h I'ETL
plus grands que 0.1 dex n'a pu 8tre trouv6. Dans les 6toiles carbon6es, les 6carts h I'ETL, qui
seraient beaucoup plus sensibles h l'abondance que le champ de rayonnement ultraviolet
(d'ailleurs mal connu) produisent des raies quelque peu plus faibles que dans le cas de
l'6quilibre thermodynamique local.
Un int6r_t consid6rable s'attache _ la formation des raies mol6culaires, puisque la
plupart de notre information vient de l'analyse de ces raies. Pour les bandes de vibration
rotation, au sein d'un 6tat fondamental 61ectronique (ce que l'on trouve usuellement dans
les plus importants des spectres mol6culaires infrarouges), les raies sont form6es en "absorp-
tion pure", en raison de la dominance des processus collisionnels; cependant que les transi-
tions 61ectroniques excit6es sont g6n6ralernent contr616es par le rayonnement et que les
raies correspondant aux transitions entre ces 6tats et l'6tat fondamental sont essentiellement
form6es par "diffusion". La fluorescence de nombreuses raies de la mol6cule CO, provo-
qu6e par des raies atomiques de l'ultraviolet lointain, est mentionn6e.
Une examen plus g6n6ral des 6carts _ I'ETL dans les photosph_res implique la solution
des 6quations de l'6quilibre statistique pour les principaux fournisseurs d'61ectrons (Na, Mg,
A1, K, et Ca), combin6es avec les 6quations d'6quilibre atmosph6rique pour de nombreuses
6toiles froides. Bien que la temp6rature des modules "hors-ETL" diff_re peu de celle des
modules ETL qui ont constitu6 le point de d6part, la densit6 61ectronique est plus basse, et
de faqon significative, dans les modules hors-ETL pour les 6toiles les plus froides (un fac-
teur 14, _ 2500 K). Des valeurs comparables, pr61iminaires, sont donn6es pour les 6toiles
carbon6es.
I1 est clair que la plupart des 6toiles froides ont des chromosph&es "tildes" et sont
affect6es par une perte de masse. Mais il n'existe aucune trace de raies issues de la r6gion
de transition entre couronne et chromosphere, et aucune trace de couronne non plus. Au
lieu de ces r6gions plus chaudes, de nombreuses g6antes froides semblent avoir des chromo-
spheres "tiddes" 6normes. Comment ces r6gions ont elles 6t6 cr66es? Comment sont-elles
soutenues, et chauff6es? A cause des temp6ratures basses impliqu6es, un soutien thermique
est certainement inefficace, et il faut faire appel h d'autres m6canismes g6n6rateurs de pres-
sion, comme la turbulence, le magn6tisme, ou les ondes de choc; -peut-_tre coupl6es aux
pulsations. L'argument en faveur de l'existence de ces r6gions 6tendues vient des estimations
relatives aux r6gions responsables des raies d'6mission de C II. Les effets g6om6triques de ces
zones 6tendues ont une influence importante sur le traitement de la formation des raies.
D'autres probl_mes sont mentionn6s. I1 semble possible que l'hydrog_ne soit sous-
abondant dans certaines de ces g6antes rouges et assez froides. Peut-_tre ces 6toiles ont-elles
commun6ment des atmospheres inhomog_nes ou _t structure double, dans lesquelles une
matidre "tilde" responsable de l'6mission de raies d'atomes ionis6s coexisterait avec une
mati_re froide produite par des agents refroidissants, par exemple la mol6cule CO.
Bien q'une activit6intensede recherche ait 6t6 consacr6e aux 6toiles g6antes Get K,
tr_s peu d'efforts ont 6t6 faits en ce qui concerne les 6toiles les plus froides, _ l'exception
possible de a Ori. La plupart de ce travail a 6t6 d'une nature semi-empirique, c'est-h-dire que
les profils des raies Mg II et Ca II ont 6t6 calcul6s pour un jeu de chromospheres arbitraires,
et les modules ad6quats ont 6t6 choisis de mani_re _ rendre le meilleur compte des observa-
tions. Un travail de nature purement th6orique est encore dans le futur. Les modules de
a Ori-l'6toile froide qui ales faveurs de tous-sont pr6sent6s et d6crits. Ils sont discut6s
6galement dans le Chapitre 5.
Les 6toiles carbon6es de type N, montrent aussi des raies d'6mission de Fe II, Mg II
et C II, ce qui prouve la pr6sence d'une inversion de temp6rature et des chromospheres
"tildes". Dans le spectre de quelques 6toiles, ces raies sont variables. A partir des observa-
tions h basse r6solution, il semble que les chromospheres des 6toiles N soient, beaucoup plus
faibles que celles des 6toiles M correspondantes, et cette diff6rence constitue un probl_me
fascinant mais non r6solu. La premiere fagon simple de construire des modules de chromo-
sphere des 6toiles carbon6es a commenc6 par des modules produisant au moins l'6mission en
Mg II, mais sans exciter les raies de Balmer, qui ne sont pas observ6es. Pr6dire les raies de
C II sera un d6fi encore plus difficile h tenir. Les modules pr6disent aussi une caract6ristique
forte d'absorption due h Mg I, h 2850/_, qui n'est pas observ6e. On pense que cette struc-
ture pourrait 8tre naturellement compens6e, dans le spectre de l'6toile, par l'6mission issue
d'une r6gion froide, ext6rieure et 6tendue.
Un choc peut jouer un r61e significatif dans les _toiles Mira (peut-Stre m&ne dans
routes les 6toiles g6antes rouges), et ces effets sont discut6s en d6tail. Les 6quations de
Rankine-Hugoniot sont 6tablies, et appliqu6es/_ des cas simples. On prend en consid6ration
les conditions r6gnant dans les r6gions ant6rieures et post6rieures aux chocs. Les raies d'emis-
sion dans les 6toiles Mira sont class6es en groupes, les raies primaires et les raies secondaires.
Les raies primaires, Mg II, Ca II, Fe II, et Ti II, sont vraisemblablement form6es dans la
r6gion post6rieure au choc, et les raies secondaires dans la r6gion ant6rieure au choc, par des
ph6nom_nes de fluorescence associ6s aux raies primaires.
L'influence des chocs sur la structure thermique de l'atmosph_re pourrait 8tre consid6r-
able, mais aucun calcul suffisamment d6taill6 n'est actuellement disponible pour permettre
d'61ucider compl_tement ce point.
Une discussion des caract6ristiques de pulsation des 6toiles M conclut ce chapitre. Les
arguments en faveur d'une pulsation, soit dans le mode fondamental, soit dans le premier
harmonique, sont d6cfits. De toute 6vidence, cette question est encore en pleine controverse.
Dans les deux derniers chapitres, nous quittons les fascinantes 6toiles g6antes rouges et
rattachons le "stellaire au solaire" par une analyse des dtoiles M naines. Le Chapitre 9 rds-
ume les tr'es nombreuses observations des dernibres ann_es, en particulier celles obtenues par
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satellite, et d_crit les phenomenes, prdvus et tmprevus, que manifestent _t la fois les 6toiles
naines M normales (appel6es dM) et celles qui prdsentent des raies d'iznission (appel6es dMe
et qui se distinguent plus sp6cifiquement des pr6c6dentes par la pr6sence de la raie Ha en
6mission).
La plupart des naines M qui ont 6t6 suffisamment observ6es, sont tout _t fair proches;
par cons6quent, leurs parallaxes trigonom6triques sont sfires et leur luminosit6s absolues
pr6cises. Comme de nombreuses 6toiles dM et dMe sont aussi des membres de syst_mes bi-
naires, leurs masses peuvent souvent 8tre d6termin6es: elles vont d'environ 0,06 masses sol-
aires (la limite inf6rieure pour la combustion de l'hydrog_ne) h environ 0,60 masses solaires.
(Dans le cas des 6toiles CM Dra et YY Gem, les rayons et les masses peuvent 8tre d6termin6s
avec pr6cision, car elles sont des binaires /t la fois spectroscopiques et h 6clipse.) Ces objets
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de faible masse subissent une forte convection; cette demi_re doit fournir l'6nergie qui
donne aux 6toiles dMe leurs caract6ristiques inhabituelles. Sont pass6s en revue: les m6-
rhodes et les r6sultats aff6rents _ la d6termination des masses des naines M, leur situation et
leur densit6 dans la Galaxie, leur _ge, leur temp6rature effective, leur rayon, leur gravit¢
superficielle, et les ph6nom_nes plus exotiques r6v616s par les donn6es sur les domaines de
l'ultraviolet, des rayons × et radio. Plusieurs corr61ations rigoureuses entre la temp6rature
effective, la correction bolomCtrique, la magnitude absolue visuelle, et plusieurs indices de
couleur, sont d¢crites.
Bien que la masse d'une Ctoile M naine soit faible, ces 6toiles sont si abondantes qu'eUes
constituent une composante substantielle de la masse de la Galaxie; en fait, de toutes les
6toiles, elles pourraient y contribuer le plus. Leur contribution au gaz interstellaire est en-
core sujette _t d6bat, mais il est possible qu'elles contribuent aussi de fa_on importante _ la
perte de masse des 6toiles.
A cause des temp6ratures extrSmement basses des naines M, leur spectre optique est
domin¢ par de fortes bandes mol6culaires de TiO et de CaOH; de nombreux autres faits plus
faibles, tant mol6culaires qu'atomiques, sont pr6sents. La mol6cule H20 produit aussi de
fortes bandes, en particufier darts l'infrarouge, bandes dont l'intensit¢ augmente fortement
et de faqon monotone avec une d¢croissance de la temp6rature. Dans de nombreuses 6toiles
dMe non binaires, la raie Ha montre un renversement central tr6s 6troit que l'on suppose dO
des ph6nom_nes pr6sents en surface.
Environ 75% des 6toiles naines M sont des objets h raies d'¢mission. La fraction d'6toiles
dMe cro]t d'autant plus que le type spectral est tardif, jusqu'h atteindre presque 100 pour-
cent au type M5. Cependant, il y a quelques 6toiles des types spectraux les plus tardifs qui
ne pr6sentent pas de rales d'¢mission: ce fait pourrait 8tre en relation avec un ph6nomdne,
encore inconnu, se produisant dans l'atmosph_re externe.
Une analogie pertinente entre les 6toiles dM et dMe est la plage solaire. Comme les
Ctoiles dM sont caractCris¢es par un fort flux magn¢tique, on suppose qu'il en est de m_me
pour les 6toiles dMe. La source de flux nonradiatif et le champ magn¢tique pourralent, tous
les deux, _tre renforcCs dans les naines M, avec, pour cons6quence, la forte 6mission qui y
est observ6e. Une dynamo auto-excit6e dans la zone convective est, en general, acceptCe
comme m¢canisme de base de la g6n6ration du champ magn6tique dans les 6toiles actives. La
dynamo est actionn6e par la rotation diff6rentielle qui est due, _ son tour, h l'int6raction de
la convection et de la rotation. Ceci est compatible avec le fait que les 6toiles dMe paraissent
avoir des vitesses rotationneUes plus ¢lev6es que les naines M n'en ont en g6n6ral. Ces der-
nitres sont alors suppos6es avoir leur chromosphere et leur couronne plus froides et plus
6nerg6tiques que dans le Soleil. Les chromospheres des ¢toiles dMe sont moins Ctendues,
plus chaudes et plus denses, et montrent des inhomogCn6it6s en surface plus importantes
que dans le Soleil. Les temperatures 61ectroniques des chromospheres des Ctoiles dMe se
situent entre 10000 et 140000 K.
Les observations dans l'ultraviolet ont rCv616 un ensemble de fortes raies d'6mission qui
permettent de mieux p6n6trer la physique des atmospheres des naines rouges. Les rfsultats
d'observation les plus importants sont les suivants. (1) Les pertes radiatives dans les seules
raies d'6mission du Ca II sont trop fortes pour rendre compte de la dissipation des flux
acoustiques. (2) Les flux du Mg II et les 6missions coronales de rayons X mous sont ind6pen-
dants de la gravit6 et de la temp6rature effective, h l'inverse de ce que l'on attend d'un
chauffage par dissipation d'ondes acoustiques; des ondes magn6tohydrodynamiques de
faible mode, dans des tubes de force, pourraient pallier cette difficult6. (3) Les flux de rales
d'6mission provenant de la surface de l'6toile, rapport6s aux temp6ratures de formation des
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raies dans des naines calmes G h M se comportent qualitativement comme dans le Soleil
calme, alors que dans les 6toiles dMe ils sont comparables ou d'un ordre de magnitude sup6ri-
eurs _t ceux des r6gions tr6s actives du Soleil. (4) Les 6toiles qui montrent des r6gions ac-
rives de transition chromosph_re-couronne, ne sont situ6es que dans des parties restreintes
du diagramme HR; on les distingue par l'existence de nombreux tubes ferm6s de flux mag-
n6tique. (5) L'augmentation bien connue des pertes radiatives chromosph6riques avec la
vitesse de rotation et leur d6croissance avec la racine carr6e de l'_ge sont v6rifi6es aussi bien
pour les flux de la r6gion de transition chromosph6rique que pour ceux de la couronne.
(6) Les luminosit6s des rayons X mous sont proportionnelles aux temp6ratures coronales et
inversement proportionnelles h la gravit6 superficielle de l'6toile. (7) Une 6mission radio
d'6toiles calmes a 6t6 d6tect6e sur des 6toiles actives dMe avec un tr6s grand radiot61escope
(en anglais, VLA).
Des variations de flux photom6triques _t larges bandes, de basse amplitude, p6riodiques
ou quasi-p6riodiques ont 6t6 observ6es dans plusieurs naines et sous-g6antes proches de types
K h M _t raies d'6mission, dont la plupart sont membres de syst_mes binaires. I1 appara_t que
ces variations sont dues h des taches ou autres inhomog6n6it6s, qui, de faqon typique, couv-
rent 10 _t 40 pourcent du disque stellaire apparent et sont plus froides de 400 _t 1500 K
que la photosphere. De plus, ces taches stellaires immenses demandent une dynamo 6ton-
namment efficace. Les h6t6rog6n_it6s apparaissent se continuer dans la chromosphdre et la
couronne. Plusieurs programmes sont en cours pour rechercher la p6riode et les caract6ris-
tiques des cycles d'activit6 steUaire et de la modulation rotationnelle.
Les ph6nomdnes les plus pro6minents de l'activit6 stellaire sont les e'ruptions. Bien que
ces demidres soient d6tectables _t travers route la r6gion spectrale, c'est seulement dans le
domaine optique qu'elles ont 6t6 suffisamment observ6es pour qu'une 6tude significative
soit engag6e. La marque usuelle d'une 6ruption est la forte intensification des raies de H I,
Ca II, et He I. Dans l'ultraviolet, on observe un continu 61ev6 et les raies de la r6gion de
transition relativement plus intenses. Pour comprendre les 6ruptions stellaires, les efforts
portent sur des observations conjugu6es en longueurs d'onde optiques, ultraviolettes et radio,
plus particulidrement sur des 6toiles tr6s actives commes les 6toiles RS CVn. Si le niveau
d'activit6 des 6ruptions solaires suit de pr6s le cycle solaire, il semble qu'il n'en soit pas de
m_me dans les _toiles dMe.
La Chapitre 10 propose un examen d'ensemble soigneux des essais d'interprdtation des
phgnom_nes d'activitd et des cycles d'activitg darts les _toiles haines M, gr_tce soit h des
modules thermiques, soit _t des modbles non thermiques.
En raison des densit6s 61ev6es de l'atmosph_re des 6toiles naines M (par comparaison
aux g6antes), des moddles thermiques y sont construits, incorporant la double complexit6
introduite par la formation des mol6cules et par la convection dans des gaz de profondeur
optique faible. Bien que ces probl_mes ne soient pas nouveaux, ils ont 6t6 en fait discut6s en
quelque d6tail dans un chapitre ant6rieur sur les modules thermiques des 6toiles g6antes
rouges (Johnson, mSm'e volume), leur difficult6, qui a consid6rablement gSn6 le calcul des
modules, et la construction de meiUeurs modules thermiques est encore un but dont on
attend beaucoup dans le futur.
Les meilleurs modules disponibles tiennent compte de l'opacit6 H20 comme d'une
sorte d'opacit6 moyenne, et traitent la convection dans le formalisme usuel de la longueur
de m61ange. Les ailes observ6es de certaines raies fortes et les couleurs h large bande RIJHKL,
peuvent 8tre reproduites relativement bien, au moins pour quelques-unes des 6toiles naines
M normales. Des observations h des longueurs d'onde plus courtes et plus grandes ne sont
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pas, elles, repr6sent6es correctement par ces modules. Une autre question bien gSnante con-
cerne la vitesse microturbulente qu'il faut introduire dans les modules pour comprendre la
convection qui s'y d6veloppe.
Des observations 6tablissent l'existence de taches obscures (taches stellaires) sur au
moins la photosphere des 6toiles M _t6mission (dMe). Ces taches sont suffisamment froides,
et couvrent une surface suffisamment grande de l'6toile, pour affecter le spectre observable
de l'6toile. Alors qu'aucun module h deux composantes n'est encore disponible, quelques
unes des caract6ristiques des taches ont 6t6 d6duites de l'observation, et l'on a 6tudi6 le rble
possible de ces taches dans le stockage ou la redistribution des 6nergies radiatives stellaires.
Bien qu'aucun argument direct ne soit disponible, les arguments indirects, d6duits de
la polarisation circulaire des 6missions radio, sugg_rent la pr6sence de champs magn6tiques
de l'ordre du kilogauss _ la surface des naines M, et l'on d6cdt l'6tude des effets des tubes de
flux magn6tique sur la structure thermique de l'atmosph_re d'une naine Met sur les bilans
d'6nergie qui la caract6rise. L'adaptation des modules d'atmosph_re aux modules de l'int6ri-
eur stellaire est particuli_rement importante dans le cas des naines M, off c'est par une con-
vection complete que l'on peut caract6riser l'6toile. Ces divers aspects sont r6sum6s.
La puissance d'interpr6tation des modules thermiques est bien entendu limit6e aux
courbes de flux continu 6mergent et _ certaines raies d'absorption. Les modules compren-
nent une augmentation de tempgrature ehrornosph_rique permettant de rendre compte de
l'6mission caract6ristique dans les raies de H Iet de Ca II. Nous visions h mettre en oeuvre
une th_ofie coh6rente qui decrirait la structure chromosph6fique _ partir des propri_t6s
disponibles des flux m6caniques. Mais, jusqu'_ ce qu'une telle th6orie soit disponible, nous
devons nous limiter _t une technique semi-empirique de construction de modules. Des
modules limit6s h une couche isotherme, ou h deux plateaux de temp6rature, sont d6crits.
Si le plateau le plus 61ev6 est _ 20000 K, les noyaux des raies d'6mission du Ca I sont en ac-
cord avec les observations dans un domaine relativement limit6 de densit6 61ectronique. Aux
densit6s plus 61ev6es des chromospheres des 6toiles M naines, les processus collisionels
peuvent dominer les processus radiatifs, et la raie Ha peut 8tre observ6e en 6mission h des
temp6ratures relativement basses. Si les taux de chauffage chromosph6rique restaient sans
subir de modification le long de la s6rie principale, les raies de Balmer appara]traient in-
6vitablement en 6mission dans les 6toiles les plus froides.
Quelques modules plus d6taiU6s, permettant de prendre en consid6ration un chauffage
de la photosphere 61ev6e et un plateau de temp6rature/_ 8000 °, ont r6ussi _t rendre compte
des prof'fls de la raie K du Ca, mais sont moins heureux avec les raies de Balmer. Une 6tude
plus d6taill6e des raies de Balmer, prenant en compte un atome h 5 niveaux, sont capables
de reproduire ces profils. I1 est int6ressant de noter qu'alors qu'on ajoute la chromosphere,
l'absorption dans la raie Ha commence h augmenter, et c'est seulement ensuite que la raie
devient une raie d'6mission. On doit 8tre tr_s prudent en consid6rant la distinction entre les
6toiles dM et dMe comme celle qui s6pare les 6toiles sans chromosphere des 6toiles h chrom-
osphere. Ce r6sultat pourrait 8tre utilis6 comme un argument en faveur du fait que les
chromospheres des 6toiles dM sont moins denses que celle des 6toiles dMe.
Contrairement au cas du Soleil, il semble, au moins dans le cas des 6toiles M les plus
chaudes, que la fraction de flux issue de la couronne est plus grande que celle de la chromo-
sphere. C'est-_-dire que le probl_me de chauffage coronal est le problSme majeur, la chrom-
osphere pouvant en revanche 8tre chauff6e _ partir de la couronne.
Les modkles d'e'ruption sont tr_s nombreux, et, au cours des ans, on a pu observer une
croissance r6guli_re dans l'61aboration de ces modules. Pourtant ils ne sont pas encore com-
pldtement coh6rents, et restent semi-empiriques: on suppose simplement qu'une nouvelle
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entit6 a fait son apparition dans l'atmosph_re des 6toiles M, et l'on essaie de calculer la(les)
signature(s) empirique(s) d'une telle entit6. Cette entit6, dans quelques modules, est le vol-
ume du gaz "coronal" chaud, h des temp6ratures de plusieurs millions de degr6s. Dans
quelques autres modules, il s'agit seulement d'une entit6 "chromosph6rique" _tdes temp6ra-
tures de l'ordre de 104 degr6s. Dans d'autres modules encore, c'est une r6gion de la photo-
sphere qui est consid6r6e comme chauff6e de "seulement" quelques centaines ou milliers de
degr6s, et la signature spectroscopique est alors domin6e par les propri6t6s optiques de l'ion
n6gatif H-. Dans tous les cas, l'hypoth_se est que la cr6ation de cette "entit6" est due, de
routes faqons _t la lib6ration d'une 6nergie non thermique, quelque part dans l'atmosph_re
de l'6toile et avec une constante de temps tr_s courte. Mais, dans aucun des modules connus
jusqu'_t present, les d6tails de ce processus n'ont _t_ encore _labor6s avec une pr6cision suf-
fisante pour que l'on puisse garantir qu'il s'agit de moddles r6alistes, "vrais" d'une 6ruption
stellaire. Les efforts futurs _t mener pour am61iorer cette situation d6pendront trds profond6-
ment de la relation entre les 6toiles et le Soleil.
Alors que les estimations du chauffage acoustique dans les 6toiles naines M sont relative-
ment grossi_res, il nous semble que le flux acoustique est certainement moindre que dans le
Soleil. Pourtant le flux chromosph6rique, seul, est 6gal h celui du Soleil et le flux coronal est
10/_ 100 fois plus grand. D'autres pr6visions issues de la th6orie des ondes acoustiques sont
6galement en d6saccord avec les observations. A moins qu'il n'y air une erreur fondamentale
dans notre compr6hension de la production d'6nergie par les ondes acoustiques, on peut en
conclure que celles-ci doivent 8tre 61imin6es comme la source de l'6nergie chromosph6rique
et coronale dans les 6toiles dM.
De nombreux chercheurs ont examin6 la faqon dont les effets magndtiques pourraient
_tre incorpor6s aux 6quations d'6nergie s'appliquant aux chromospheres d'6toiles M. Une
possibilit6 est celle d'ondes /_ mode lent. En imposant un flux donn6 _ la base de l'atmo-
sphere, et en 6quilibrant les gains et les pertes d'6nergie h tousles niveaux, on peut aboutir _t
une structure thermique. D'autres recherches ont pris en consid6ration des ondes de magn6t-
ohydrodynamique (MHD). La plupart de ces travaux sont bas6s sur une analogie avec le
Soleil. Si les densit6s dans les couronnes et les chromospheres d'6toiles M sont dix fois plus
grandes que dans le Soleil, le taux de dissipation par effet Joule est cent fois plus grand, et
ceci peut aider h expliquer la rapide croissance de l'6clat des 6ruptions stellaires. Une _tude
soigneuse du chauffage des boucles magn6tiques coronales par des ondes, soul_ve des ques-
tions int6ressantes en ce qui concerne les fr6quences ad6quates. Dans le Soleil la p6riode des
ondes convectives est de l'ordre de 500 s, alors que la p6riode typique de r6sonance des
boucles est de l'ordre de 5 s. Dans les 6toiles dM, cependant, les p6riodes convectives peuvent
8tre beaucoup plus courtes que 500 s, alors que les p6riodes de r6sonance des boucles
peuvent _tre, elles, plus longues que 5 s. Par cons6quent, il semble qu'une intersection puisse
avoir lieu entre ces 2 groupes de p6riodes, peut-_tre dans les plus chaudes des 6toiles dM. Si
c'est le cas, on doit s'attendre hun chauffage fortement accru, pour ces 6toiles, et il semble
bien que l'observation vienne h l'appui de cette pr6vision. Malheureusement, il peut y avoir
d'autres processus, encore inconnus, qui affecteraient la production d'6nergie, sa propaga-
tion et sa dissipation.
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SUMMARY
In some sense, the atmosphere of a star comprises the entire region that connects the
energy-producing core to interstellar space. From this viewpoint, the atmosphere properly
includes what is usually called the envelope, photosphere, chromosphere, corona, the entire
circumstellar region, and the outflowing matter, excluding only that which has escaped the
star and become part of the interstellar medium. Keeping this perspective in mind emphasizes
the unity of what are sometimes treated as separate parts of a star. Such emphasis is more
necessary for the stars discussed in this book, which tend to be so large in variety of phenomena
and size that compartmentalization comes more easily.
One of the distinguishing characteristics of the M, S, and C stars is, in fact, the wide-
ranging, time-varying phenomena they display. Even the M dwarf stars described in the final
chapters, appear, in the strength of their chromospheres and the violence of the flares, to
be more than simply cooler counterparts of earlier main-sequence stars. The cool giants com-
monly display such fascinating features as emission lines, shifted or multiple absorption lines,
excess infrared dust emission, and microwave maser and thermal emission--and these often
vary periodically or irregularly. From the point of view of the star, it must be characterized
by a deep convective zone and a relative quiet photosphere through which nevertheless passes
the mechanical energy to power the chromosphere. Energy for the pulsating photospheres
arises deep within the star itself, yet many of these stars vary only semiregularly or even er-
ratically. Any organized motion in the photosphere must give rise to shock waves that then
traverse the immense outer atmosphere, producing radiation from excited gases as they slowly
dissipate and perhaps levitating gases to a stagnant region several stellar radii above the
photospheric surface. Grains must form somewhere, perhaps as clean grains in certain of
the coolest photospheres, and these are then pushed outward by radiation pressure, dragging
the gases along and becoming "dirty" as they flow. Perhaps the grains form in the region
of stationary gases far above the photosphere, and their effect in powering outflow of mat-
ter begins there. In any case, large outflows of mass are observed--sufficient to contaminate
interstellar space with the atmosphere (possibly now enriched with an extra load of heavy
elements) and perhaps sufficient to alter the future evolution of the star. In the gases far
from the star, microwave emission--both thermal and maser--from OH and H20 are com-
monly seen in the oxygen-rich Mira variables of longest period and largest amplitude. Maser
emission from SiO arises much nearer the star, perhaps even in the photosphere. Finally,
a number of the coolest stars, both oxygen-rich and carbon-rich, are surrounded by dust
shells or clouds optically thick in the infrared, and these clouds are sites for rich molecular
and atomic chemistry.
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Another feature of the coolest stars sometimes surprises us--the range of conditions.
It is easy to forget that a change of effective temperature from 4000 to 3000 K is an enor-
mous change, and stars with these effective temperatures may not be at all similar. It might
be helpful to classify stars into three groups: hot, warm, and cool. The hot stars are the
O, B, and A stars, the warm stars are the solar types of F, G, and K, and the cool stars
are the stars of M, S, and C types (the stars discussed in this book).
This volume begins with a chapter on the basic properties and the variability of the giant
and supergiant M, S, and C stars. Because of the diversity of these objects, several classification
schemes have been used--by spectra, chemical composition, photometry, or variability type.
Each of the recognized groups--M, MS, S, SC, C, R, Ba, and others--is identified and de-
scribed. The current classification is based on abundance ratios, the C/O ratio (<1; 0; >1)
indicating the spectral type of the bulk of the stars (M, S, and C, respectively). The metal
and/or the s-process abundances distinguish more particular types: stars with strong CN
molecular bands or with strong Ba II lines, hydrogen-deficient stars, etc. To better under-
stand the large variety among these stars, which lie so close together in the HR diagram,
several other classifications based on other criteria are proposed with the aim to be physically
meaningful. The most famous of these leans on the light-curve amplitude and profile of the
variables.
One of the goals in delineating the properties of red-giant stars is the desire to under-
stand the fascinating evolutionary history behind them. Each of these objects was once a
main-sequence star, and its interesting color, luminosity, variability, and composition arose
as a consequence of its fascinating past. In a similar way, most of these stars will eventually
become planetary nebular and white dwarfs.
Broadband photometry serves to outline the energy-flux curve, and narrowband
photometry provides a sharper tool. Results for M, S, and C stars are described. Newer results
from ultraviolet studies are already yielding important insights into the chromospheres of
these objectives, which lie on the warm chromosphere and mass-loss side of the famous
chromospheric dividing lines.
The space motions and space distribution of the cool giants are described. The apparent
and the space distribution in the solar neighborhood are well known through the early reviews
on the question.
More recent investigations study the distribution of late-type red giants in the direction
of the central regions of our Galaxy and other nearby galaxies (e.g., Large Magellanic Cloud
(LMC) or Small Magellanic Cloud (SMC)). The number density of C stars relative to the
number density of M stars is specifically discussed due to the importance of this ratio for
asymptotic giant-branch evolutionary purposes and for understanding fundamental galactic
properties. Values of such intrinsic properties as temperature, radius, and luminosity of these
stars are given. In brief, these stars are characterized by temperatures such as 3.3 _-<log Tef f
=< 3.5; luminosities, 3 =< log L/L o =< 5 or -7 =<M hot =<3; ages, -10 7 to 101° yr; and a
broad range of masses from - 1 to >_-20 M o .
Chapter 1 concludes with a summary of observations of M, S, and C stars in the LMC
and SMC. There the supergiants are distinguished from the long-period variables, and the
latter are observed up to the theoretical luminosity limit. The evolutionary sequence M --
S _ C is clearly delineated. A complete HR diagram can be obtained.
The next section emphasizes the main topic of Chapter 1 through a survey of observa-
tions and interpretations of the various variability types of the red giants and supergiants.
All these stars can be identified either as pulsating or eruptive variables. In the pulsating
group, three types are recognized: (1) Miras are long-period stars--generally, they have a
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well-expressed periodicity and a good regularity (they are also called long-period variables
(LPV's)); (2) the semiregular (SR) variables have smaller visible amplitude variations and
more irregular light curves than Miras; and (3) the true irregular variables are called Lb (giants)
or Lc (supergiants). The RCB stars constitute the eruptive group; they are of spectral classes,
F, G, K, and R. The latter concerns the hot carbon stars, the only eruptive stars of interest
in this volume. The very different distribution of the different types of variability for the
three spectral classes M, S, and C is noted.
The general characteristics of each group of variables is then described. By "Miras"
is meant a distinctive type of light curve and not a stellar spectral type, as is often confused
in the literature. Some generalities are noted. In some stars, the amplitude of the variation
in the visible with phase is very large (e.g., x Cyg). Most of the changes are cyclic with a
period equal to that of the visual curve. However, the period of individual light cycles
sometimes differs from the mean period of the star by several percent, and the observable
properties are not exactly repeated from cycle to cycle. Fluxes of some Miras show a signifi-
cant deviation from a blackbody beyond 8 #m with a great IR excess due to the presence
of a dust envelope; they are called IR Miras. OH masers are found among Miras of M spec-
tral type. Some examples of changes from OH type I to OH type II Miras are described (e.g.,
R Leo and U Ori).
Our descriptions of Miras continues with properties specific to their variability. First
of all, the phase lag phenomenon is discussed. It is a phase delay (or shift) between light
curves of various colors, setting that the epoch of zero phase refers to the visual maximum.
Typically, the IR light maximum lags the visual by 0.1 to 0.2 period. Phase delays are also
observed between radio (OH, SiO, and H20 lines) and infrared light curves. The behavior
of the phase lag is not the same in all observed Miras; moreover, the behavior with phase
may not be exactly the same in all the cycles of the same star.
The amplitude of light variations differs in Miras from one wavelength to another. It
is much larger in the visible than in the infrared. Generally, the amplitudes of variations
[Fax/Fin ] decrease in the infrared spectral range with increasing wavelengths from 1.2 to
3.5 #m and are roughly constant between 3.5 and 10 #m. For many Miras, the cycle-to-cycle
differences are not erratic; bright and faint maxima tend to alternate, and bright maxima
tend to occur before the predicted date. In all the cases, the Mira minimum cannot be con-
sidered as the normal state of the Miras.
Mira light curves present a great choice of visual profiles (sawtooth or smoothed sinusoidal
shape, humps, inflection points, etc.). In M and S star light curves, both very similar, the
rise to maximum is somewhat more rapid than the decline to minimum. The C light curves
are more gradual and more symmetric. All the differently shaped light curves might reflect
the interaction of the opacity and density variations in the different atmospheric layers caused
by the propagation of shock waves. Examples show that the shape of the visible light curve
persists in other wavelengths. Some stars have light curves with two maxima and two minima
per period; this curious behavior has also been found theoretically in an attempt to produce
a large postshock velocity maximum in an isothermal pulsation model.
During the Mira light cycle, variations in color indices appear. Generally, as the star
becomes fainter in V (as it moves toward the minimum), it becomes redder. Because the
molecular (TiO + VO) index around 1/_m is correlated to the observed temperature, each
M Mira moves on the color index/temperature plane during the period. Also, the spectral
type of each Mira is shown to vary during the period. Numerous effects contribute to the
variation of the color indices during the period: temperature, molecular opacity effects, etc.;
some of them are not fully independent.
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That the shape of some of the light curves changes between two or several consecutive
periods has already been noted. Other kinds of Mira period changes are observed: (1) a secular
evolution by smooth increasing or decreasing of the length of the period or by a sine or cosine
variation of the latter, (2) shape of light-curve changes between two or several consecutive
periods, (3) an abrupt change of period length and abrupt shifts of maximum (fluctuations
of phase). Some of these period changes are used to provide direct observational confirma-
tion of the theory of helium shell flashes. For the majority of the observed Miras, multiple
periods are determined. In general, the shorter period, P_, is associated with the larger
amplitude of variation. It is suggested that the primary period P_ is the pulsational period,
while the modulating period P2 may be derived from a nonradial mode or from cold spots
on the surface. Other interpretations are investigated--such as convective turnover time of
giant cells. The ratio P2/P_ is around 9 for the M-type variables and 12 for the N-type stars.
In Miras, some short-term fluctuations are illustrated by: (1) a rapid evolution in the
o Cet effective temperature on 12 days, (2) outstanding phase-dependence effects in line shape
and intensity of SiO maser emission lines, and (3) nightly variations in emission and absorption-
line radial velocities, interpreted as the interaction of shock waves with nonuniform at-
mospheric layers or as linked to eventual flares.
Correlations between the various quantities previously described, such as period length,
light-curve shape, IR excess, and visible and IR color diagram, are then discussed. The most
significant relationships are summarized as follows: (1) A statistical relationship exists be-
tween the shape of the Mira light curve and the period. (2) A correlation is noted between
the difference in magnitude of two successive maxima and the time interval separating the
two maxima. The outward propagating shock wave takes more or less time to reach the star
surface, this time being a function of the energy carried. (3) The shorter period Mira variables
are Population II stars, while those of longer periods belong to more intermediate popula-
tions; this suggests that the period amplitude of Miras may be a function of the metal abun-
dance. (4) The link between period length and amplitude variation has been investigated.
A tendency for larger period stars to have greater amplitudes is verified in many wavelengths.
Relations are also observed between the period, amplitude, and various IR color indices.
Some conclusions are drawn, such as that the height of the silicate feature at 10/_m appears
to increase with the period amplitude or the [8.7/_m]-[11.4/_m] index versus period relation
indicates that the observed mass of dust in a given thermosphere is an almost linear function
of the period. Other correlations involve radio lines: (1) The OH 1612-MHz masers and the
IR variations show a correlation consistent with a radiative pumping of the masers, possibly
at 2.8, 35, 53, 80, and 120 _m. (2) The 1.35-cm H20 maser and the 2.2-_m IR flux may
be related either by an exponential rate or by a linear relation above a threshold of the IR
flux value. (3) The expansion velocity given by the type I and II OH Miras directly correlates
with the amplitude variation at 1.04 _m and inversely with the period length.
The section continues by looking at the semiregulars and firstly by giving some generalities
about these variables. Three groups are defined: (l) SRa variables are giants and generally
differ from the Miras only in the smaller amplitude of light variations; nevertheless, they
frequently show strong variations in their light curve from one cycle to another; (2) SRb
variables, also giant stars, have a poorly expressed periodicity with slow irregular variations
that temporarily replace the periodic changes; and (3) SRc variables are supergiants with a
SRb behavior; the visual light changes are generally of the order of 1 magnitude or less. Almost
half of the known semiregulars are N stars, the remainder being of M class; very few
semiregulars of S and R classes are known.
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DifferenttimescalesinSRlightvariationshave firstly been secured from visual estimates
of the brightness. Visual curves are quite individual (i.e., without the strong similarity found
in Mira curves). These may be characterized by a form of periodicity hidden by irregular
variations in brightness. Among the semiregulars, SRa variables are most similar to Miras
(Balmer emission around some light maxima, changing period, etc.). The SRb stars are more
irregular than the SRa. In these stars, variations with a time scale of about 1 hour have been
detected, as in R Crt. On the example of the C star, TW Hor, analyzed by broadband
photometry, the U-B index varies oppositely to V-R, V-I, and B-V; it presents strong and
rapid oscillations between _b = 0.8 and _b = 0.9, probably connected with the interactions
of the shock waves and the inhomogeneous matter of the chromosphere. Over a century,
some SRc may exhibit changes up to 2 mag. As at the Hayashi limit in the HR diagram that
the amplitudes of light variation of the supergiants are at their maximum, it may be con-
cluded that the SRc stars stay no more than 100 years near the limit. Some SRc stars, called
hypergiants (or super-supergiants), are really very extended; they may have Mbo _ around -7
to -9. They present long-term disturbances over several years with large variations in luminosity
and spectral classes (e.g., 0 Cas), probably due to large amounts of ejected matter. Moreover,
night-to-night variations are observed, perhaps caused by small puffs or local motions in
the atmosphere.
Correlations between quantities such as periods, absolute magnitudes, spectral classes,
and phase lags are less obvious in the SR variables than in Miras. Nevertheless, some rela-
tionships are reported such as: (1) the longer the period, the redder the spectrum; (2) no
mechanical coupling seems to exist between the photosphere, which suffers some periodic
variations, and the masing regions, which have definitely nonvariable radial velocities and
are induced only when the photospheric variations become stronger than a certain threshold;
(3) an investigation of several SRc of type Ia, Iab, and II in the V filter shows that, for a
given spectral type, the larger the brightness amplitude, the more luminous the supergiant;
(4) also, the higher the luminosity of the supergiant, the earlier the spectral type; and (5)
from surveys of red supergiants in the LMC, a period-luminosity relation is deduced. Finally,
it is stressed that long series of uninterrupted observations of selected variables by satellites
should be an enormous step to disentangling the various time-scale phenomena involved in
these stars. In fact, the question is raised to decide if the semiregular light curves are
multiperiodic, random, chaotic, or truly unpredictable. In the last decades, multiperiodic
analyses have been developed, and many apparent light-curve irregularities are explained by
a complex mixing of two or more individual oscillations, generally separated by a harmonic
analysis of the observations. Today, mathematical techniques are used to explain the behavior
of the semiregular and irregular light curves: (1) the random process where the events are
largely independent of each other and where predictions of any range of variations are im-
possible, and (2) the chaotic process where the observed variations reflect the unstable mo-
tions produced by a collective and cooperative behavior of the matter submitted to amplified
acting forces.
As for the irregular variable Lb and Lc stars (i.e., giants and supergiants, respectively),
they are slowly varying without any trace of periodicity. The M irregulars are mainly con-
centrated at M5 and M6 types, with none later than M7. Many M-class irregular variables
are connected with young O-associations of Population I. The carbon irregulars are chiefly
found in the earlier subclasses. As the time interval between successive maxima is very long
(from a few hundreds to a few thousands of days), it is not easy to decide if a supergiant
belongs to class SRc or Lc. Another criterion based on the amplitude variations have been
investigated. In the small-amplitude supergiants, the mean maximum is - 1.1 mag, and the
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dispersion is about 0.2 to 0.3 mag. Examples of large-amplitude ones show a mean maxi-
mum amplitude of -4.2 mag and a dispersion of -1.1 mag.
Different time-scale light variations are observed. Some stars have rapid changes of
brightness (over a few days); other stars have periodic variations during some intervals of
time, and just after, they show a very constant brightness. Their variations may result more
from chaotic or random than harmonic processes (surface irregularities: spots, loops, etc.).
However, this point of view is debatable; the supergiant, # Cep, is a good example, in which
a few workers ascribe the starlight variations to temporary and random surface disturbances
and others explain them by the superposition of periodic terms. In a Ori, monitored over
60 years, the light curves are characterized by long-term light variations with a period of
about 5.8 years and a mean amplitude of -0.4 mag, on which is superposed short-term ir-
regular variations with rise or decline time scales of a few weeks to some months. In the
chaotic scheme applied to the irregulars, flares which are observed in these stars should repre-
sent the shortest time variations.
The hydrogen-deficient carbon stars, concisely named HdC stars, are reviewed. They
form a class of stars completely different from the other carbon stars (R and N types). They
are supergiants (Mbo _ = -4 tO -6), and their abundance of hydrogen is deficient by a factor
up to 105 or more compared to the H/Fe ratio in the Sun. They have a surplus of carbon
(by a factor 3 to 10) and of helium compared to the Sun. They split into three subclasses:
the RCB stars, the nonvariable HdC stars, and the helium stars.
The RCB stars, the most well known and numerous among the HdC stars, are mostly
R stars characterized by abrupt drops in brightness followed by a longer climb back to nor-
mal light, suggested to be due to the sudden ejection of highly absorbent matter. Occasionally,
they are thought to be progenitors of type I supernovae, novae, planetary nebulae, helium
stars, and white dwarfs. The prototype star is R CrB. As in the other variables, the spectral
type changes during the brightness variations. The temperature range covered by all the RCB
stars is quite large (from F to R stellar temperatures). Although the changes in spectra and
colors of these eruptive stars are very complex, a general pattern is described in detail. The
mass loss continues during the maximum light through a permanent chromosphere. Many
models have been stressed to give a coherent picture of the RCB phenomenon. The currently
accepted basic model is as follows. The gas is radially ejected at the top of 10 to 100 convec-
tive cells through a fairly large area of the stellar surface and crosses the deeper layers of
the stellar atmosphere. The gas expands and cools and graphite particles condense. The resul-
tant dust clouds or dust blobs expand, moved away by radiation pressure, and obscure the
photospheric light, allowing the sharp chromospheric emission lines to be seen. When the
new shell (ejected at high velocity) collides with the circumstellar envelope material, broad
emission lines are formed. The collision happens with a phase lag of 30 to 70 days that allows,
when taken together with the radial velocities of the circumstellar lines, an estimate of the
distance of the shell of gas and grains of about 4 to 8 AU from the star. Some RCB stars
have an excess of infrared emission. The IR emission is up to 40 to 60 percent of the star's
total luminosity. A possible explanation of the infrared emission might be that the ejected
particles have the form of Platt particles of 3 to 30 ._ size. Such particles would absorb the
visible radiation better than graphite particles, but would not reradiate in the IR. The IR
emission is observed when the growth of particles by accretion leads to a size of 10 -6 tO 10 -5
cm, which corresponds to the time elapsed from the visual minimum by the growth period
of the particles.
After this general view on the RCB stars, focus is put on the RCB light curves. Surpris-
ingly, the RCB stars are the only class of variables for which maximum brightness is the
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normal state. The duration of this normal state is variable, up to several years. Epochs also
exist where the maximum is never reached. The speed of the decline (i.e., dm/dt) is also
variable. However, the declines are always much more abrupt than the rises to the maximum,
although their respective shape is not kept the same at each minimum. The amplitude, the
frequency, and the duration of minima are unpredictable.
Different time-scale variations are known in RCB stars. First, the decline of many
magnitudes, also called "obscurational" decline, with an unpredictable duration, is a strik-
ing feature. Then, there are semiregular oscillations, called "pulsational" oscillations, with
a pseudoperiod between 19 and 120 days. They have a visual amplitude of 0.2 to 0.4
magnitudes. Further, very short nonpermanent oscillations with time scales of 1 or 2 hours
are detected in some RCB stars and may alternate with quiet stellar phases. Finally, a long-
term periodicity (e.g., with a pseudo-period of 1100 days) is noted in the IR excess, generally
in the L filter, perhaps due to a natural pulsation of the circumstellar dust shell.
Finally, the RCB star section looks at some correlations between observed quantities.
The star, RY Sgr, gives good examples of correlations. We note that the beginning of the
RY Sgr obscurational decline might be around phase 0.8, which is a "strategic" phase in
Mira variables, coincidence raising the suggestion that the obscurational minimum is the result
of one pulsational oscillation stronger than the others. The most important clues to the RCB
phenomenon might be that, when the star drops into the deep minimum, the infrared excess
is not affected: no change in the emitting flux of the dust shell and no change on the phase
of the L curve. The CS envelope and the stellar atmosphere seems to be dynamically
disconnected.
The hydrogen-deficient carbon stars are usually considered as nonvariable HdC stars.
However, this conclusion might be linked to insufficient short time-scale observations (shorter
than the explored week time scale). It is to be remarked that these stars do not possess any
infrared excess and the hot, nonvariabe HdC star, HD 182040, has no envelope, suggesting
no large mass-loss phenomenon; in addition, no chromospheric emission lines are detected
in this star.
The last HdC subgroup concerns the helium stars. Generally, they are also considered
as nonvariable stars. However, as for the "nonvariable" HdC stars, this might be an obser-
vational defect. In fact, the example of HD 160641 showing an evident brightening of the
star by about 0.1 mag during 7 hours of observation demonstrates that short time-scale varia-
tions exist in helium stars.
Some stars appear as an evolutionary link between two classes of stars, such as MV
Sgr with its light variations like those of RCB stars and its spectrum similar to the helium
star, HD 124448.
Some words are given on "really" nonvariable or normal stars among M and C stars.
One of the most valuable proofs that we are dealing with a normal M star is the nonvariability
of the strength of the absorption molecular bands and atomic lines and of the adjacent flux
peaks. They extend from M0 to M8 types with a luminosity class going from lab to III. Some
early R Stars are also nonvariable stars.
The last section of Chapter 1 proposes to study irreversible changes and rapid evolution
in red variables. Firstly, Miras are considered through the example of the evolved complex
object, R Agr. It is a binary star formed by a Mira (MTe) and a blue companion (the type
of which is not conclusively resolved) and imbedded in a dense compact high-excitation nebula.
This defines the spatially unresolved central object. The latter is surrounded by a convex
lens-shaped nebula of 2 arc-minutes. An inner jet with an apparent changing structure and
discrete variable knots is observed within 10 arc-seconds of the star. A counterjet is also
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possible. The spectra of the inner nebula show striking changes in time and reflect a continu-
ing activity in the central object.
Examples of irreversible changes in the SR and L stars are then given. Many M and
C class stars showed rapid and definitive changes in one or more decades. V1016 Cyg is a
binary system with a long-period variable and a hot star exciting a nebula. The analysis of
the UV-rich emission-line spectrum indicates a sudden shell ejection and the formation of
a planetary nebula with a very large excitation. The carbon star, HD 59643, provides another
example of nonreversing and rapid evolution. Spectroscopic data examined over several decades
suggest that the star activity is of recent origin. The UV emission cannot come from the
photosphere; rather the radiation must emanate from a hot circumstellar envelope. From
1979 to 1983, UV lines from ions of a great range in ionization varied, and the continuum
from 2200 to 1200 ._ decreased significantly.
Another carbon star, the SRb variable, UU Aur, likely suffered an increase of the op-
tical depth of the absorbing layers located at the temperature minimum, which smears out
all the absorption features coming from layers situated beneath, and the chromospheric emis-
sion appears.
The irreversible evolution of the various RCB stars is not exactly the same. The detailed
evolution of some selected stars is presented. The star, RY Sgr, is a slowly evolving one.
It has a cepheid-like behavior, but a decrease of the pulsational period length (1.1 day in
80 years) has been confirmed by several studies. However, there appears to be some modulation
in the linear rate of change of the pulsational period, with a time scale of 100 or 200 pulsa-
tional periods. This rate is close to that expected for a hydrogen-deficient star with M =
1 M o and Tff _-- 6900 K, evolving rapidly from the red-giant to the white-dwarf stage.
Contrarily to RY Sgr, the RCB star, SAps, is rapidly changing its period. From 1922 to
1960, the period is about 120 days. After the 1967 obscurational minimum, the instantaneous
pulsational period becomes about 135 days; then surprisingly, after the next obscurational
decline in 1971, the star develops an oscillation of a 37.5-day mean pulsational period. At
the 1979 maximum, the period was about 40 days. Is such a phenomenon linked to a change
of pulsational mode from the fundamental tone to some overtone? There is no model of
evolution of hydrogen-deficient stars allowing such a rapid period change, although the evolu-
tion of a hydrogen-deficient star to a white-dwarf stage is rapid. In addition, it appears that
a fading of the amplitude of the pulsational variations occurs in some RCB stars suffering
such changes in pulsational period.
Variability in M, S, and C stars of which Chapter 1 shows the consequence particularly
on light curves, evidently manifests itself on the spectral features (on their intensity, their
shape, and their radial velocity). The main aim of Chapter 2 is to describe striking features
in relation to nonthermalprocesses. For three of the first sections, the spectral lines are reviewed
by line type as an observer may discover them by glancing on spectra from the UV to the
IR range: numerous absorption lines, sometimes emission lines, and also P Cygni or asym-
metric, or multiple component absorption-line profiles. Each type of line results from the
excitation conditions in the stellar layers in which it forms. Therefore, at the end of each
section, qualitative results are drawn on the line-forming region (e.g., on its structure and
its dynamics) that could serve to constrain a modeling. Generally speaking, each successive
section naturally completes what is learned from the previous ones.
Among the preliminary remarks, the most important for understanding the stellar
dynamics is the notion of center-of-mass velocity of the star (drawn from thermal radio lines),
a constant velocity by definition and consequently the basic reference for line radial velocities
inferring material motions (outfall to the interstellar medium or infall to the star).
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Absorption lines that can be termed "classical" (i.e., unambiguously formed in the stellar
photosphere) are described for their intensity and radial velocity variations with phase. The
most numerous examples concern M and S Miras. The most striking feature is the distinc-
tion appearing between the radial velocities of atomic or molecular lines of low excitation
potential X (- 1 eV) and of high x (-2.5 eV at least). The first do not show significant change
with the light cycle, whereas the last show a discontinuous S-shaped curve and a line doub-
ling around the light maximum.
There are the characteristics of a shock wave crossing through the high-x line-forming
region. In the cool-star photosphere, the higher the line excitation potential, the deeper the
line-forming layer is. Therefore, there are the deep photospheric layers which are disturbed
by the stellar radial pulsation linked to acoustic waves that develop shock waves as soon
as they emerge in the photosphere of the Mira. The low-x molecular infrared, as well as blue
atomic lines, do not suffer such an influence. It can be said that the high-x lines definitely
belong to the stellar photosphere (the pulsating part), while the low-x lines belong to higher
photospheric layers or rather to intermediate circumstellar layers. In fact, infrared lines of
various excitation potentials reveal several stellar layers or atmospheric components in a Mira,
as for example, in X Cyg (from IR CO lines): (1) the pulsating photosphere we just discussed,
in which the line excitation temperature varies from about 2200 to 4000 K because of the
shock front running through it; (2) a 1500 K component, the material of which is observed
falling down the star; (3) a layer at a stationary velocity (i.e., at the center-of-mass velocity)
and of about 800 K, rapidly formed and vanishing; and (4) a 300 K component belonging
to an outfalling circumstellar layer.
Other atmospheric layers can be shown by IR molecules other than CO, such as H20
and OH, or by IR atomic fines. For example, in the Mira, R Leo, besides the photosphere
(3000 K < T< 4500 K), there appears: (1) a layer intermediate between the photosphere and
the circumstellar layers, with T x - 1700 K, more weakly pulsating than the photosphere
(i.e., showing a weaker mechanical coupling with the deep pulsation); and (2) a layer at 1100
K, the radial velocity variations of which duplicate those of a 1000 K layer located at the
inner limit of the circumstellar shell and showing a 16-km/s total amplitude, which still shows
significant mechanical coupling with the photosphere. As for the visible spectrum--the blue-
violet region around 4000 ,_,--chiefly presenting low-x atomic absorption lines, it does not
show significant radial-velocity changes. In X Cyg, its mean radial velocity agrees with that
of the CO infalling layer; this suggests that the visible atomic absorption lines do not form
in the fully pulsating photosphere, but above it. There ought to be a slight line-doubling
at maximum light; however, the effect of the continuum beyond 6000 A is such that it obscures
the outfalling component and gives the illusion that the gaseous layers responsible for the
blue spectrum are always infalling. A few data on C-type Miras show that their photospheres
behave like those of the M or S Miras, but the amplitudes of the radial-velocity curves in
the function of phase are weaker (15 to 20 km/s).
Interesting are the scarce observations on the M and C semiregulars in which the
photosphere shows the same pulsation phenomenon as that in the Miras, but with still weaker
amplitudes (_<10 km/s).
The section ends by displaying absorption-line radial-velocity histograms in Miras; they
raise the question of whether one or two shocks present at the same time in the stellar at-
mosphere explain the observations.
The atomic emission lines are the outstanding features in the spectra of M, S, and C
Miras around the maximum light. It appears that these lines, in the visible as well as in the
ultraviolet observed by satellites, change their intensity (even disappearing in some cases around
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the light maximum) and their radial velocity during the cycle. Selected characteristic emis-
sion lines are introduced and their profiles studied in Miras and semiregulars. Each line (from
the neutral or ionized state, or fluorescent line, etc.) is formed in particular physical condi-
tions and contributes to the understanding of the stellar atmospheric structure. In the case
of Miras, it is shown how the emission lines fit into the shock-wave model clearly suitable
to the infrared absorption lines and confirm it.
The radial velocities of the various emission lines are indicative of the velocities behind
the shock. The question raised in the section Absorption Lines about the presence of only
one shock at the maximum light in the stellar atmosphere or of two shocks at the same time
(one located low in the photosphere, another in higher layers) to account for the excitation
of the observed emission lines and for their radial velocity should be resolved by looking
at the shock-front structure itself and at the different excitation conditions found there. In
the case of giant and supergiant semiregulars, three examples are discussed. In the M super-
giant,/_ Cep, time-series observations indicate that the Balmer lines behave as in a Mira with
a shock wave effective right from the lower photospheric layers. Other observations on other
dates seem to contradict such behavior and to be explained by shocks that develop only when
the wave reaches the highest layers of the stellar atmosphere. (This is really the chromosphere
of the star, and the theory of Ulmschneider and coworkers is then valid.) There are such
shocks that excite the emission of lines such as Mg II h and k or 3200 A Fe II. The semiregular
carbon star, TW Hor, nicely illustrates this mechanism in which the radiative damping of
the waves occurs preponderantly while they are progressing through the photosphere. Finally,
the M supergiant, _ Ori, unambiguously shows a chromosphere extended up to about 1.8
R. with a mean excitation temperature of about 8500 K. Although its photosphere pulsates
as a Mira but with a weaker total amplitude (-6 km/s) characteristic of the semiregulars
and one would expect acoustic waves progressing through it, the emission lines are excited
by the energy dissipated as shock waves at the chromospheric level such as in the previous
examples of/_ Cep (at times) and TW Hot. However, the levitating motion of the matter,
followed by its infalling as soon as the wave fades, is disturbed by the presence of a close
companion observed at about 2.5 R. from the a Ori center. The temporal variation of the
emission-line radial velocities proves such a presence on the high chromospheric layers: material
is attracted by a tidal effect and falls down at supersonic velocities as soon as the companion
has no more effect on the observed layers, so that the emission lines are seen not only in
outfalling gas but also in infalling gas. The radial velocities of selected lines show that the
material motion caused by the companion does not seem to reach the layer called intermediary
(above the photosphere) by analogy with Miras, or the photosphere itself in the limit of the
measurement errors.
To summarize atmospheric kinematics, a heating mechanism common to cool stars,
whatever their variability type, is suggested by the observations. That is, acoustic waves
generated in the deep convective layer are transformed into shock waves at geometric at-
mospheric levels that are different in each star and even variable with time in a given star--
even Miras may have their wave amplitudes so damped in the photosphere that the Balmer
emission lines are not excited, an exceptional case in fact. It is obvious that the acoustic waves
are responsible for the pulsation of the star with a more or less large amplitude. The ques-
tion is raised as to why the waves in the Miras usually dissipate in shocks as soon as they
enter the photosphere, although such behavior seems exceptional in the semiregulars. Although
the radiative damping in the photosphere plays a role, it might not be the only discriminating
element.
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The last three sections of Chapter 2 concern the envelopes of cool stars. A section deals
with circumstellar (CS) lines, and consequently with the properties of the gaseous circumstellar
layers. The CS lines show a P Cygni profile or a blue-shifted absorption core. Their excita-
tion potential is low (<1 eV); often they are resonance lines. The temporal variation of selected
line profiles is displayed, as well as the line-profile variations with spectral types and luminosity
classes. The high spectral resolution allows one to detect multiple components in the CS-line
cores. The modeling of these components is at the root of our knowledge of circumstellar
layers, particularly of their expansion velocity, their temperature, and their distance. However,
some assumptions are usually adopted, the most drastic of which are the following: (1) the
velocities are generally linked to a photospheric velocity and not to the stellar center-of-mass
velocity, (2) the excitation temperatures are often not kinetic temperatures since the radiative
processes dominate over collisional processes, (3) non-LTE effects are not taken into account
to determine these temperatures, and'(4) interpreting the excitation temperatures in terms
of layer distances is erroneous due to the hypothesis that the gas and the dust are at equilibrium
in the layer. Keeping these hypotheses in mind and looking at stars for which many observa-
tions are available over the optical, the near-infrared, and the radio ranges--such as the
supergiant, o_Ori, Miras such as X Cyg, and the dust-enshrouded carbon star, IRC + 10216,
various layers (expanding layers) forming the circumstellar envelope are described. For ex-
ample, a 200 K layer detected through optical atomic lines as well as through infrared CO
lines appears to be common to these stars. For the Miras, a convincing sample shows a sta-
tionary layer at 800 K. In the case of X Cyg, a star carefully observed over several years,
this layer has been rapidly built to vanish quietly in three cycles: it is a valuable candidate
for a reservoir of matter both to form cooler expanding layers upon the impulsion of radia-
tion pressure on dust grains that should be formed there and to form material infalling on
the photosphere. The question is not fully resolved as for the presence of such a stationary
layer in supergiants, even for o_Ori. More observations are needed.
The multiplicity of the layers, for which there is no relationship between their expan-
sion velocity, their hydrogen, or CO or dust rate, should lead us to believe that the material
suffers multiple episodic ejections. However, a continuous distribution of matter can also
produce such a structure, on the condition that the flux velocity slowly changes with the
distance. Recent observations of IRC + 10216 show that this star is indeed such a good
example.
The section mentions some methods of analysis of the CS-line profiles and reviews the
measurements of extension of the circumstellar envelope by direct mapping from light emit-
ted by the envelope in a given CS line, the central star being occulted. The typical star is
ot Ori. Deviations from spherical symmetry are evident.
The description of stellar envelopes is carried on through the circumstellar dust. The
latter is detected by either the infrared excesses or the polarization measurements. First, the
spectral energy distribution is described in M and C stars, emphasizing the excess emission
signatures, mainly silicates and graphite, respectively. The temporal variability of the IR ex-
cesses is not significant, meaning that the grain rate in the circumstellar envelopes does not
change very much with time. Nevertheless, the M Mira, o Cet, shows that the IR emission
and particularly the 10-#m excess are clearly phase-dependent: dust is likely cyclically heated
by periodic changes in stellar luminosity. Observations of many stars from M, S, and C spectral
types and all variability types, covering a wide range in mass-loss rate, indicate that the dust-
to-gas ratio is roughly constant in the circumstellar envelopes. This result is in agreement
with a mass-loss mechanism by radiation pressure on grains.
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The presence of dust is also detected from optical polarization observations. The linear
intrinsic polarization is characterized by the change with time of its percentage and the rota-
tion of its position angle, as well as of its wavelength dependence. Some correlations be-
tween the polarization and other parameters are looked for. An important remark is that
there is no relationship between the polarization variations and the light changes, particu-
larly in the Miras. As for the link to the infrared excess, it is concluded that: (1) for a given
IR excess, either a weak or a strong polarization may appear, according to the considered
star, and (2) no time variation of IR flux is observed in stars in which the polarization varies
greatly. The polarization should produce localized rather than global effects in clumpy dust
regions. Linearly polarized blue continuum light has been found from 550 to 3300 R. around
the supergiant, _ Ori.
Characteristic properties of polarization are described in the case of specific stars, em-
phasizing narrowband observations, in the Mira, o Cet, the semiregular, V CVn, and the
supergiants, # Cep and a Ori. For example, the time change in percentage is either related
or not related to the rotation angle variation--the wavelength dependence of the percentage
and position angle of polarization is complex--sometimes with an increase in percentage across
some atomic lines or molecular bands and a decrease across other spectral features at the
same time. Temporal variability of polarization on short time scales (months) has been detected
in the majority of stars, indicating considerable anisotropy near the star.
Present interpretations of the polarization features are then reviewed. The wavelength
dependence, as well as temporal changes of the position angle and of the percentage of polariza-
tion, suggests that these could be caused by several active competing mechanisms in the same
star, providing that a concomitant asymmetric envelope is present. The theoretical models
explain the origin of polarization by the scattering properties either of asymmetrically
distributed CS grains and/or of photospheric gas. The merit of the higher wavelength resolution
observations has been to emphasize the possible contribution of the photospheric gas to the
polarization. The model generally favored to explain the variation of photospheric polariza-
tion across the molecular bands (TiO) or atomic absorption lines (Ca I at 4227 _.) rests on
the fact that the radiation emitted into the line of sight from near the stellar limb of the
pulsating atmosphere is polarized by Rayleigh scattering. An increase or a decrease of the
polarization in the molecular bands is related to the optical depth at which the Rayleigh scat-
tering (by atomic and molecular hydrogen) dominates over the absorption (by TiO and H-).
A polarization varying in both degree and position angle across each of the TiO bands (e.g.,
in # Cep) suggests Mie scattering from circumstellar grains besides the photospheric Rayleigh
scattering. However, in the case of the Mira, o Cet, the high degree of continuum polariza-
tion does not appear to be explained by Mie scattering in an asymmetric envelope because
departures from spherical symmetry are low. A magnetic field is invoked to orientate the
particules; a systematic change in the grain alignment with a distance from the star is needed
to obtain a change in the scattering geometry. The possible presence of magnetic fields in
cool stars is discussed in a general scheme. Another source of asymmetry due to the dynamic
effects of a binary system is depicted by the supergiant, a Ori.
Chapter 2 closes by surveying the "direct" approach to measure the angular diameters
of stars and/or to map the distribution of circumstellar dust and gas by lunar occultation
techniques or by the numerous interferometry techniques. Two prototype stars are studied:
the M supergiant, a Ori, and the dusty carbon star, IRC + 10216.
For o_Ori, multimeasurements at various optical wavelengths evaluate the photospheric
apparent angular diameter (e.g., to be about 0"037) when observing in the continuum at
5350/i,. Infrared wavelengths are suited for determining the excitation of the circumstellar
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shell and for showing departures from spherical symmetry, previously mentioned from CS-
line profiles off the stellar disk. Betelgeuse is a star for which the structure of the circumstellar
layers near its surface has been directly observed: the stellar disk is surrounded with a bright
half-moon asymmetric cloud located at about 2.5 R. (i.e., 0"05) from the stellar center and
about 1 R. large. Moreover, the reconstructed image observed in February 1982 indicates
the presence of a companion located at 0"4 to 0"5 (i.e., 20 to 25 R,) at 80 ° (modulo 180 °)
with respect to the North in the East direction. Another companion, closer to the star (located
at about 2 R. (i.e., -0"4 in November 1980) would have an eccentric orbit with a period
of about 2 years according to interpretations of polarization measurements. It may be sug-
gested that the patchy dust cloud is caused by a tidal effect by the close companion. Follow-
ing Draine's theory, "clean" dust grains are able to form near the star, probably in the low
chromosphere where the temperature is relatively low. They should then be ejected by radia-
tion pressure, so that they are responsible for the IR emission detected at 45 R. (0 "9) from
the o_ Ori photosphere.
Data on multispectral spatial mapping of the dusty carbon star, IRC + 10216, are sum-
marized. The dust cloud has been mapped up to a radius of 1200 R. (27 "); it is quite asym-
metric, with the amount of asymmetry varying with wavelength and radius. Elliptic contours
are evident. The gaseous (CO) emitting region has been mapped up to a radius of at least
8000 R, (3 '); the cloud is circularly symmetric about the center of the star. We deal with
a mixed morphology (a disk viewed at low inclination to account for the circumstellar dust
geometry plus a sphere) that might be explained by a close binary system, among other in-
terpretations. Other mixed structures observed in extreme C stars formed by a dusty equatorial
torus and polar scattering lobes might show their evolutionary link with bipolar nebulae.
Completing the description of observed features begun in the previous chapters, Chapter
3 deals wth circumstellar radio molecular lines. In fact, the extended shells of both visible
and unidentified infrared cool stars also emit molecular emission lines at centimeter and
millimeter wavelengths. Appropriate molecular transitions occurring at various stellar radii
(from SiO masers near the star to thermal CO or cyanopolyne emissions in the outermost
circumstellar layers) can sample different shell layers and serve to probe their physical
conditions.
The first radio detections of circumstellar molecules were of OH and H20 maser lines
in oxygen-rich late-type stars, mainly Miras and red supergiants. A list of the presently known
circumstellar molecules in cool stars is given (about 60). Their lines are characterized by their
broad line width, which reflects the large scale expansion of the shell (-5 to 50 km/s).
The radio emission from OH, H20, SiO, and SiS presents characteristics of nonthermal
processes. Masers were variable sources whose intensities are correlated with those observed
in the near-infrared. They present a high degree of polarization (e.g., OH and SiO). Popula-
tion inversion can be achieved through pumping by infrared radiation from warm circumstellar
dust grains or from the central stars. Details of the pumping mechanisms are illustrated by
a simplified maser theory in a two-level maser and by the description of radiative transfer
for a multilevel maser.
Characteristics of circumstellar masers are then defined. The maser emission is often
characterized by a double-peaked spectrum (e.g., OH). This shape is explained in terms of
a spherical model in which the amplification path is maximum in the direction of the line
of sight that intersects the central star. Examples of maser spectra are shown, and the pump-
ing appropriate to a given maser is discussed.
Thermal emission from SiO, CO, CN, and CS and their isotopes is detected in M, S,
and C stars. Linear carbon chain molecules (HNC, HCN, HC2n+IN, etc.) also exist in the
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carbon-rich stellar shells. Thermal emission spectra extend over the whole envelope and give
information on the physical parameters of the entire shell (mass loss, gas and dust densities,
etc.). Molecular excitation involves collisional and radiative processes. Collisions, essentially
with H 2, tend to thermalize the lines. The various line profiles (rectangular, parabolic,
double-peaked, etc.) are explained in relation to the nature of the circumstellar shell (op-
tically thick or thin, resolved or not, etc.). Line asymmetry (blue-shifted wing weaker than
red-shifted one) is observed: because the inner shell is more excited and hotter than the outer
shell, the result is that, along the line of sight, the outer colder material is absorbing emis-
sion from the hotter inner layers in the front hemisphere but such absorption does not affect
the back hemisphere. In this case, the brightness temperature of the source must be calculated
separately for the front and back hemispheres.
The time variation of infrared light also influences the maser molecular line shape. At
the IR light-curve maximum, infrared photons escaping from the central heating source can
affect the outer shell and enhance the line wings.
The conclusions of Chapter 3 emphasize how the radio molecular lines are useful as
probes into the stellar environment, from the immediate vicinity of the stellar photosphere
to the external envelopes.
As shown in a previous chapter (Chapter 2), infrared astronomy firmly established the
presence of dust around a large number of red giants and supergiants. Chapter 4 details the
formation of grains and radiation transfer in the circumstellar shells.
Concerning the grain formation, the formalism generally adopted in the literature is
the theory of homogeneous nucleation. Its basic ideas and main results are recalled. Defini-
tions are given for important quantities such as the critical nucleus radius, the rate of nuclea-
tion, and the supersaturation ratio. Because the circumstellar gas is a complex mixture in
which many species are able to condense and clusters of one kind can act as condensation
nuclei for another material, the heterogeneous nucleation is mentioned, and an example of
this complicated problem is evoked.
The equations of the homogeneous nucleation theory imply thermodynamic equilibrium
in which gas, clusters, and grains have the same temperature. In the circumstellar shells, the
presence of a strong stellar radiation and a low gas density constrains the theory, and its
principles are described. The particular case of the influence of a chromosphere on the ex-
istence and the condensation of grains (particularly clean silicates) is also raised.
Is the structure of the circumstellar grains (amorphous or crystalline) predictable by the
theory of nucleation and growth? The structure of clusters containing few atoms or several
tens of atoms is not known. Arguments in favor of amorphous or crystalline graphite in
cold carbon stars are analyzed.
The problem of the formation of grains can be solved only if the density and the
temperature of the gas and the composition and the temperature of the clusters are known
at every point in the shell and at each moment..4 time-dependent nucleation and growth
is needed. It is the saturation time scale which governs the situation. Scenarios are presented
for a dynamic evolution of the shell influenced by radiation pressure on the grains.
Conclusions of the section Grain Formation emphasize the deficiencies of the theory
of homogeneous nucleation applied to real circumstellar shells: (1) uncertainties in the physical
parameters of the solids and the kinetics of the growth of grains in the expanding gas; (2)
the erroneous hypothesis of thermodyanmic equilibrium in a gas containing a wide number
of species able to condense or deposit onto other grains; (3) possibilities of local condensa-
tions or strong variations in the density allowing nucleation to begin even where the average
density seems too low; (4) propagation of shock waves in the shells, perhaps influencing the
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evolution of grains; and (5) temperature of grains linked to a well-defined photospheric stellar
radius and to the blackbody radiation at the stellar effective temperature, although it is known
that the radiation at different wavelengths does not arise from the same photospheric levels.
The next section is about the radiative transfer in circumstellar dust shells, which is gen-
erally treated independently of the formation of grains.
The solution of the transfer equation in a spherical shell (extended atmosphere) attempts
to correctly describe the radiation field at each point in the shell. To define a model, it is
necessary to fix the stellar characteristics (effective temperature and radius), the geometry
of the shell (inner and outer radii and density), and the properties of grains (size and optical
properties). The shell boundaries are discussed in more detail. The model of grains used is
the main source of uncertainty. For example, optical properties of graphite grains entering
in carbon-star shell models are not always correctly described.
Before considering models built for various type stars, some general results are noted:
(1) the circumstellar extinction opacity law does not have the shape of the interstellar extinc-
tion law at wavelengths where scattering is efficient; and (2) the theoretical existence of a
sharp maximum of the energy flux from the direction of the shell inner boundary is pointed
out. This bright ring corresponds to the maximum of the column density of grains reached
when the impact parameter is equal to the internal radius of the shell. If it is detected through
measurements of high angular resolution, the inner limit of the shell can be fixed, and the
radiative equilibrium of grains can be better understood.
Various models of shells around oxygen stars are reviewed. Among them, a model in-
volving dirty silicates, widely used afterward, fits the theoretical flux curve and the profile
of the emission bands between 0.25 and 8 #m, and another model fits the 10-/_m-band pro-
file in a set of giants and supergiants, showing the possibility of an increase in the radius
of the grains with the galactic latitude. An extended grid of expanding spherical shell models
(with small silicate grains and a density in r -E)gives inner grains hotter than 1000 K in most
cases. Some other models are developed for a particular object, as for oLOri. Models of shells
around carbon stars are then presented, in which the involved grains are carbon grains. A
good representation of the flux curve is obtained with an expanding spherical shell and small
carbon grains. The hotter grains are at 1000 to 1300 K. Some models attempting to fit the
particular carbon star, IRC ÷ 10216, are summarized.
Finally, nonspherical shells are discussed; as mentioned in Chapter 2, they are needed
to interpret efficient, intrinsic polarization of stars. The complete treatment of the transfer
of the scattered stellar radiation in an ellipsoidal shell has been done without approxima-
tion. The numerical simulation highlights several points:
1. A shell with a constant density cannot produce a polarization higher than 12 percent.
2. Even if the opacity is modified, a rotation of 90 ° of the polarization angle at a fixed
wavelength is maintained. In fact, it is an individual property of grains. The rotation
disappears when the grains are strong absorbers, such as the graphite.
3. High polarization rates and the observed steep variation of the polarization angle can
be obtained only if the direct stellar light is attenuated along the equatorial plane and
scattered mainly near the polar regions of the shell (bipolar nebula model).
Concerning the physical mechanisms responsible for the loss of spherical symmetry, rota-
tion and magnetic fields are most often invoked. However, the shell shape can also be related
to processes that induce the ejection of matter at the stellar surface. The importance of the
hypothesis of sphericity on several physical quantities is evaluated through the transfer of
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infrared emitted radiation in an ellipsoidal shell in the constant density case. Numerical simula-
tions have shown that the spatial repartition of flux is very asymmetric at every wavelength
when the opacity is low.
In the near future, the problem of transfer must be tightly linked with the study of the
dynamic evolution of the shell.
Mass loss, discussed in detail in Chapter 5, was noted 50 years ago, but the develop-
ment of the field had to await modern instrumentation, and almost our entire knowledge
of mass loss and its consequences for stellar evolution and interstellar pollution has arrived
in the past 10 years. A general overview of the historical development of both observational
and theoretical ideas on stellar mass loss lays the foundation for our present understanding.
The newness of the field and the incompleteness of our present theoretical modeling of mass
loss are set forth in a straightforward fashion.
Empirical determinations of rates of mass loss from spectra in the range 0.20 to 5.0
#m for various types of stars are considered in detail. The spectra themselves are first described,
and we are led step by step through the analysis of the lines to infer column densities and
the expansion velocities. The considerable uncertainties attached to the calculations of ioniza-
tion equilibrium to obtain the total column density of atoms of a particular element are dis-
cussed, and the severe contradictions between results for different workers and different
elements are displayed.
The rate of mass loss depends on the density, the square of the radius, and the velocity.
If the density falls off as the inverse square of the distance, the mass loss depends on the
column density, the terminal velocity, and the inner radius of the CS shell.
Well-known difficulties in deducing the inner radius of the CS shell are described, as
are the methods used by various workers and their results. The estimates lead to reasonable
results in some stars and poor results in others. There is the more serious question, of course,
as to whether there is generally a well-defined inner radius in all stars. In a Ori, for example,
there are at least two well-defined shells. In several stars, evidence exists for episodic mass
loss, which renders quite uncertain any attempt to infer mass loss in terms of a steady pro-
cess. At least some of the uncertainties in estimating the inner radius can, in principle, be
avoided by considering binary systems, and several well-known systems have been studied
in this way, including systems of the Zeta Aur type.
Several new insights have come from a study of Mira variables over their cycle. In par-
ticular, four separate CS regions could be seen in the S Mira, Chi Cyg: (1) a pulsating
photosphere, (2) a cool gas (1500 K) falling back onto the photosphere, (3) a cooler (800
K) stagnant region, and (4) a very cool (350 K) outflowing gas, the CS shell itself. The same
structure is apparently found in other Miras as well. The observations complement and amplify
observations indicating a similar stationary shell in a Ori, which suggests a common mechanism
for mass loss in both Miras and supergiants. The stationary region, presumably supported
by dissipated shock energy, provides a reservoir of material for grain formation (calcula-
tions show grains would form here) and for the infalling material observed.
It is by now well known that a mass loss of 0.2 solar mass on the red-giant branch (RGB)
and another 0.1 solar mass on the asymptotic giant branch (AGB) are necessary to bring
the calculated distribution of stars on the HR diagram into agreement with the observations
for globular clusters. The presence of Ha in the spectra of globular-cluster red giants has
been taken as indicative of mass loss, and several calculations of mass loss based on the idea
that this emission arises in a CS shell have been made. There is some doubt, however, that
the Ha emission necessarily comes from a CS shell or necessarily requires mass loss.
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The common occurrence of excess emission at 10 #m in oxygen-rich stars and at 11 ttm
in carbon-rich stars is understood to arise from CS dust, and its shape and strength depends
on the temperature of the dust (hence, its distance from the star if in thermal equilibrium),
its optical depth, and its composition. All three parameters cannot be found uniquely, and
some assumptions are usually made regarding grain composition or optical depth. A more
favorable spectral region for study--just now being explored--is the submillimeter range,
in which the dust becomes optically thin and its radiation is in the Rayleigh-Jeans part of
the spectrum.
Observations of molecular line profiles, notably CO, in the millimeter wavelength range
provide additional information, and several studies of such data are described. Allowance
for departure from LTE is made. Models assume that mass loss is by radiation pressure in
spherical symmetry. These relatively sophisticated studies have sometimes been combined
with information from other wavelength regions.
In OH-IR stars with thick dust shells, the usual equations assume somewhat simpler
forms, and mass-loss rates for these objects are often fairly accurate. One of the more in-
teresting developments of recent years is the uncovering of the links between the Miras and
OH-IR stars, and the indication that they constitute an evolutionary sequence leading to the
formation of planetary nebulae.
A tabulation of mass-loss rates for selected stars of all types is given and discussed. It
is hoped this will provide a convenient reference list for all workers in the field. It is noted
that: (1) among early M stars, rates for supergiants exceed those for giants by a factor of
10, (2) rates for planetary nebula and Miras are comparable to those of early-type supergiants,
and (3) M and S stars show a much larger scatter in their expansion velocities than that of
carbon stars.
Evidence that at least some mass loss is episodic continues to accumulate, and several
examples are given. Again, _ Ori is the best studied.
Many mechanisms have been proposed to account for mass loss, and it seems unlikely
that one mechanism is responsible in all stars. The usual mechanisms for steady mass loss
are reviewed: thermal gas pressure (which appears too weak for cool stars in general), radia-
tion pressure on dust grains, shock waves (especially in Miras), and Alfv6n waves. Dust-
driven flow, the popular favorite, has been extensively studied and applied. The increasingly
sophisticated treatments of this mechanism are described. Some workers have begun using
the stationary region found by observation in Miras for calculations of grain formation and
as a starting value of the distance from where the gas is driven outward by radiation pressure
on the grains. The results are found to be strongly model-dependent, and more sophisticated
models tend to give lower rates of mass loss.
Although the assumption that all outflow is driven by radiation pressure on grains is
often made, it is far from proven. Evidence now available indicates that this mechanism almost
certainly is responsible for mass loss in the coolest M and S giants and supergiants, including
Miras. It is unproven, and seems somewhat doubtful, for the warmer M supergiants and
for the carbon stars. Shock waves have received considerable attention as a means for
generating mass loss in Miras. It appears that some combination of isothermal and adiabatic
shocks can play a major role, at least in levitating the atmosphere and perhaps in driving
the mass loss itself, as least out to the point of grain formation. Alfv6n waves have received
relatively less attention, although some authors have pointed to their several attractive features.
Certainly, they can levitate outer atmospheres by heating. Whether they can supply enough
energy to lift the atmosphere without simultaneously producing more emission than is observed
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appears uncertain at present. Several mechanisms for episodic mass loss are also reviewed,
but this field is far less developed than that of steady mass loss.
This chapter closes with a discussion of the evolutionary consequences of mass loss.
Four aspects of mass loss are reviewed: (1) the evolution and frequency of supernovae; (2)
the HR diagram of globular clusters; (3) the composition of interstellar matter; and (4) the
formation of planetary nebulae.
Circumstellar chemistry, described in Chapter 6, is an active new field of astrophysics.
In fact, this is one of the first reviews of progress in the field. Closely allied with the study
of interstellar molecular clouds, CS chemistry treats the molecular, atomic, and ionic reac-
tions occurring in matter expelled from the star, which forms an extended, expanding CS
envelope. It is pointed out that CS shells are in some ways more tractable than interstellar
molecular clouds, and some insight into the latter may be gained by studying CS envelopes.
After an introduction to the short history of research on circumstellar chemistry, general
considerations of the regimes of temperature, velocity, sizes, and densities relevant to the
study of circumstellar chemistry are given. Wind speeds are low (- 10 km/s), dimensions
are large (up to 10 TM cm) compared to the stellar radius, and the mass-loss rates are substan-
tial (10 -7 to 10-4 M o/yr). Densities at these distances range from 106/cm 3 down to 102/cm 3.
Because these values are so vastly different from those in the corresponding stellar photospheres
or chromospheres, it is clear that the matter must pass through a great range in physical
conditions in moving from the photosphere to the CS shell. As a consequence, we must ex-
pect different physical processes to dominate at different distances from the star. Although
thermal processes may dominate close to the star (and there is some evidence that they do),
the material must come out of equilibrium as the density falls away from the star, and other
processes may become important.
Photodissociation and photoionization due to the galactic UV radiation must dominate
in the outer reaches of the CS envelope.
As is natural in a new field, observations lead the way. As in perhaps no other field,
CS chemistry profits in a vital way from information from every spectral region. Yet obser-
vations across the spectrum have been made for only a very few objects, and these are best
discussed individually, especially since there is no proof that these nearby, best-observed ob-
jects are typical of CS shells as a group.
Although hydrogen is the most abundant element, it has not been detected either as H I
or as H 2 in a CS envelope with a cool central star. The sensitivity of these upper limits is
just reaching astrophysical interest for one or two objects. In IRC + 10216, the limit on the
fractional abundance of atomic hydrogen determined by the lack of detectable 21-cm-line
radiation begins to impinge on theoretical predictions. In o_Ori, the upper limit to the mass-
loss rate implied by the lack of detectable 21-cm radiation is close to the total mass-loss rate
predicted by some models. Hydrogen is, of course, seen in planetary nebulae, and these ob-
jects constitute a useful boundary condition for investigations of CS material.
Much interest attaches to the observations of molecules containing C, N, and O in CS
shells, but the observations, except for one or two objects, are spotty. Particulary well studied
is IRC + 10216, where over 20 molecules have been detected. Tables of abundances are
available and a summary is given here, but these are uncertain to a factor of 3 even in the
best cases because of the difficulties in interpreting the observation. The significant enhance-
ment of HCN compared to molecular clouds and the great abundance of such radicals as
CN and C2H are interesting problems and clues.
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In the CS shells of M and S stars, the most extensive observations are those of the mas-
ing lines of OH, H20, and SiO. Interpretations of these observations are only partially rele-
vant for CS chemistry. Although no counterpart to + 10216 for M stars is known, the molecules
CO, H20, SiO, OH, and NH 3 are observed in some sources. Extended observations of K I
at great distances from a Ori have allowed some modeling, as described in Chapter 5.
Valuable insight into the processes involved in CS shells can be gained by comparing
dynamic time scales with those for photoprocesses, ordinary chemical reactions, and three-
body reactions. It seems clear that, except close to the star, these processes can dominate
over equilibrium. In the outer parts of the shell, photochemistry will dominate.
Two models of CS chemistry have generally been applied: thermal equilibrium and
photochemistry. Thermal equilibrium is applicable only close to the star and appears to describe
adequately (within a factor of 2 to 5) the abundances of such simple molecules as CO, C2H 2,
HCN, and CH 4. The model fails for NH 3, which is observed to be overabundant by a large
factor. SiS and SiO are observed to be underabundant, perhaps because they are incorpor-
ated into grains. All radicals are overabundant by large factors, the most extreme cases be-
ing CN and CEH. Even the apparent successes of the thermal equilibrium model must be
viewed with some reservation because dust formation has not yet been included. Relevant
chemical rections for both oxygen-rich and carbon-rich atmospheres are discussed. Although
solutions are available for oxygen-rich atmospheres, none are yet available for carbon-rich
atmospheres.
Shocks are observed in Mira variable stars and may be important in other types of variable
stars as well. Generally, these have been discussed as a source of the energy and momentum
for mass loss. At the same time, however, they cause additional excitation and could be im-
portant for diagnostic purposes.
Photochemistry may be important everywhere in the CS cloud, for the ultraviolet radiation
from the chromosphere may be a source near the star, and the galactic radiation field will
be important farther out. Most attention to date has been given to the abundant molecules
H E and CO and to the formation of heavy radicals from the corresponding parent
molecules. The photochemical models demonstrate, however, that molecules cannot long
survive in the outer portions of CS shells. This is in contrast to grains, which can well sur-
vive the journey through the CS shell.
The marvelous observations of red-giant stars assembled in Chapters 1 and 2 challenge
the imagination of the boldest maker of atmospheric models. In Chapter 7, we examine the
current state of knowledge of thermal static models. The physical principles of the classic
stellar atmosphere--constancy of total (radiative plus convective) energy flux, local thermo-
dynamic equilibrium, and hydrostatic equilibrium in a plane-parallel, horizontally homo-
geneous geometry--are assembled and displayed. Possible generalizations of these are envis-
ioned, although the addition of convection in the local mixing-length theory and spherical
geometry are the only generalizations that seem likely in the immediate future.
In discussing the opacities of red-giant atmospheres, we pay particular attention to the
effects of spectral lines. Any spectral line, irrespective of its mode of formation, location
in the spectrum, or region of formation blocks radiation, and this is called line-blocking.
Since energy flux conservation is imposed at every depth, the energy blocked by the line must
appear in some other part of the spectrum. To drive this extra flux through the atmosphere
requires a slightly steeper temperature gradient, and this change is called backwarming.
Whether the line cools or heats the outer part of the atmosphere is discussed on the basis
of both physical intuition and mathematical formalism, including departures from LTE and
the effects of various mechanisms of line formation.
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In hotter stars, the relatively few spectral lines can be treated individually, while in red
giants, the millions of spectral lines must be treated collectively or statistically. Statistical
methods for treating this forest of lines are described, starting from relatively crude methods
such as the straight mean and the harmonic mean opacities to the powerful modern methods
such as the opacity distribution function (ODF) and opacity sampling (OS). After a brief
review of each of these, including the Voight-Analog-Elsasser-Band model (VAEBM), an
offshoot of the ODF, the relative advantages and disadvantages of each are described. Once
an ODF is computed, models are quickly computed. However, the ODF must be recom-
puted for each important change in input parameters. Thus, it excels in grids of models for
which all input parameters are known at the outset. By contrast, since the OS method uses
no averaging whatever of the opacities, it is entirely flexible and can easily accommodate
any desirable changes in input parameters. This flexibility means, however, that the calcula-
tion of each model is relatively slow. Recent work by the Swedish group that allows ODF's
for different molecules to be combined quickly and accurately overcomes a major drawback
of the ODF. We speculate that both methods are capable of further development and foresee
the calculation of grids of atmospheres including many additional molecular opacities and
millions of additional lines.
Published models for red-giant stars are presented and discussed in two categories: oxygen-
rich and carbon-rich. The widely used BEGN models are discussed because the coolest are
of interest here. Based on ODF opacities of CO, CN, CH, NH, OH, MgH, and atomic lines,
the grid covered the range in Tff from 3750 to 6000 K, in log g from 0.75 to 3.00, and from
solar to 0.001 solar in metal abundance. Convection is treated. As a simplified ODF, the
VAEBM method was introduced by Tsuji and used by him to compute a grid of red supergiant
stars. These models were then used for a discussion of Betelgeuse. A set of 22 models were
later computed for red giants. Tsuji found that his predicted emergent flux curve in the in-
frared sufficiently matched the available photometry and spectrophotometry of K and M
giants to allow a calibration of the temperature scale for these stars. Later, to better exploit
the models, Tsuji used the models and L-band photometry of 22 K and M giant stars to
infer their effective temperatures by the method of infrared photometry. Based on the ATLAS5
computer program and OS opacities for several molecules, but treating H20 by straight
mean (SM) opacity, the Indiana group computed 40 models for red giant and supergiant
stars. We are reassured by the good agreement between models from these three groups.
Models for carbon stars begin with the French group. Based on ODF opacities, they
computed a total of 35 models with various compositions to include both CNO processing
and triple-alpha material. These were used, with only fair success, to deduce effective
temperatures and abundances of C and N for UU Aur and TX Psc. A set of 27 Indiana
models of M, S, and carbon stars is discussed. Because these form a uniform set, they are
used to study the variation of the atmospheric structure as the ratio C/O is changed. A model
with C/O = 1.0 is similar in structure to an unblanketed solar model with the same parameters,
emphasizing the lack of opacity in the S stars. New, unpublished models by the Swedish
group are described. These include for the first time the opacity of HCN and C2H 2. Final-
ly, it is noted that models for R stars computed by both the Swedish group and the Indiana
group are in excellent agreement.
Spherical models are probably necessary for some supergiant stars and most Mira stars.
Although models available at present have been computed with very simple opacities, usually
SM, certain features of sphericity already are clear. It is shown, for example, by groups in
Germany, Japan, and Latvia, that an extension of the atmosphere always leads to a decrease
in the temperature and density in the outer layers of the atmosphere. It is also shown that
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most stars of mass M = 1 M e will pass through a stage of atmospheric extension sometime
during their lifetime. These conclusions have been confirmed and extended in work with in-
creasingly more accurate opacities. For example, it is noted that, although the density of
most molecules follow the general decrease of the atmospheric density, certain ones (e.g.,
H20 ) behave oppositely. The radius of the star also increases significantly in the molecular
bands that are sensitive to the extension. An observational third parameter has been sought,
and the interesting suggestion has been given that 1- to 4-/_m color might give Tff, certain
metal-ion lines can give surface gravity, and the red TiO lines may be sensitive to atmospheric
extension. The effect of metal and CNO abundance on the M-giant atmospheres is review-
ed. Lastly, we describe the first crude carbon-rich model calculated and the finding that,
because of the greater sensitivity of the carbon-rich composition to the temperature, the car-
bon star was less extended than a comparable M star.
Convection, another possible generalization of the basic equation of the classic stellar
atmosphere, is briefly discussed. Several attempts to build a better theory than the local-
mixing-length theory are described. It appears that some progress is being made, but a self-
consistent workable theory may still be in the future. While waiting for that theory, workers
are attempting to better determine the parameters of the mixing-length theory. It is pointed
out that convection is not expected to be important for determining the structure of red-
giant photospheres, but may well be important for several other applications that are listed.
Inhomogeneities remain a miserable problem on the horizon. Although their existence generally
is an open question, some possible effects are pointed out.
Comparisons are made between the predictions of the theoretical models and available
observations. For the M stars, the correct prediction of the empirical relation between effec-
tive temperature and color temperature (on the Wing system) with theoretical models by three
independent groups establishes a cornerstone of assurance that, for M-giant stars as cool
as MS, accurate models are available. For S stars and carbon stars, the situation is not as
comforting. Broadband observations are fit only moderately well by the French models,
although these have been used in conjunction with L-band photometry in the IR method
to deduce temperatures for carbon stars that are in fair accord with the few available from
angular diameters. Fitting a segment of stellar spectra is shown not to be a strong criterion
of the goodness of a model atmosphere. For S stars, models fit sufficiently well to establish
a temperature scale both by model fitting to spectrophotometry and by the method of IR
photometry; further improvement depends on a better knowledge of the CNO composition.
We close with a discussion of spectral features that might be particularly sensitive to
such variables as effective temperature, temperature structure, surface gravity, composition,
pressure, atmospheric extension, and chromospheres and mass loss.
Following the strictly thermal models of the last chapter, which were based on the con-
cepts of hydrostatic equilibrium, radiative equilibrium (sometimes with convection), and local
thermodynamic equilibrium (LTE), we examine in Chapter 8 theories and models that relax
these assumptions. After a short introduction, we analyze: (1) departures from LTE in thermal
photospheres, (2) chromospheres of red-giant stars, and (3) the gas dynamics of shock and
its application to these stars.
Atmospheres of red-giant stars are quite different from the atmospheres of hotter and
more compact stars. Lower densities and temperatures guarantee abundant formation of
molecules. The photosphere overlies a deep convective zone from which mechanical energy
in various forms is available for dissipation in the outer atmosphere. Scale heights are fre-
quently very large, and effects of sphericity are often important. Inhomogeneities, perhaps
linked to convection, may be common. All red-giant stars are variable in some way, and
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shock waves are often linked to the pulsations that must underlie the variability. Mass loss
is a common phenomenon.
It is convenient to begin with the photosphere, which is also the best studied region.
Departures from LTE in a given thermal photosphere are first discussed. The equations of
statistical equilibrium and radiative transfer are displayed to remind us of the important terms
and the nature of the coupling. The pioneering nature of work in the fascinating red giants
is eloquently emphasized by the paucity of previous research. The formation of the Li I line,
a sensitive diagnostic of thermal and mixing history of the material, is described in both ox-
ygen stars and carbon stars and is related to the abundance. In M stars, no effects of depar-
tures from LTE larger than 0.1 dex in Li I could be found. In carbon stars, departures from
LTE, which were more sensitive to the abundance than the (poorly known) UV radiation
field, produced somewhat weaker lines than in LTE.
Considerable interest attaches to molecular line formation, since much of our informa-
tion comes from analyses of these lines. Vibration/rotation lines within the ground electronic
state (found in the infrared for most molecules) are formed in pure absorption due to the
dominance of collisional processes, whereas excited electronic transitions are generally
radiatively controlled, and lines connecting these states to the ground state are mostly scat-
tering. Fluorescence of many CO lines by atomic lines in the far-UV is mentioned.
A more general attack on departures from LTE in photospheres consists of solutions
of the statistical equilibrium equations for the principal electron donors--Na, Mg, Al, K,
and Ca--along with the atmospheric equations for several cool stars. Although the
temperatures of the "non-LTE" models differ little from the LTE models that formed the
starting point of the calculation, the electron density is significantly lower in the non-LTE
models for the coolest stars--a factor of 14 at 2500 K. Similar, exploratory values for car-
bon stars are shown.
It is clear that most cool stars have warm chromospheres and mass loss, but no trace
of transition-region lines and no indication of coronae. |nstead of these hotter regions, many
late-type giants appear to have enormous warm chromospheres. How are these extended
regions created, supported, and heated? Due to the low temperatures involved, thermal sup-
port will certainly be insufficient, and such other pressure-producing mechanisms as turbulence,
magnetic fields, or shockwaves--perhaps coupled to pulsations--must be invoked. Evidence
for the existence of those extended regions comes from estimates of the C II-emitting regions.
Geometrical effects of these extended zones have important influences in problems of line
formation.
Other problems are mentioned. There is evidence of a possible hydrogen deficiency in
some of these cool red-giant stars. Perhaps these red-giant stars commonly have in-
homogeneous or bifurcated atmospheres in which a warm material producing ionic emis-
sions coexists with a cool material produced by important coolants, such as the CO molecule.
Although intensive research has been focused on the G and K giant stars, very little has
been done on any cooler stars, with the possible exception of a Off. Most of this work has
been semiempirical in nature. That is, profiles for Mg II and Ca II have been calculated for
a set of arbitrary chromospheres, and the appropriate model has been chosen as that giving
the best fit to the observations. A purely theoretical approach is still in the future. Models
for a Off--everyone's favorite cool star--are presented and described. (These are also discussed
in Chapter 5.)
N-type carbon stars also display emission lines of Fe II, Mg II, and C II, indicating
the presence of a temperature inversion and a warm chromosphere. In some stars, these lines
are variable. From low-resolution observations, it appears that the chromospheres are much
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weaker, however, than those of corresponding M stars, and that difference presents a challeng-
ing but unsolved problem. The first simple modeling of carbon-star chromospheres has begun
with models that at least produce the Mg II emission but without exciting the Balmer lines,
which are not observed. Predicting the C II lines will be more difficult. Models also predict
a strong absorption feature due to Mg I at 2850 ._, which is not observed, and it is speculated
that this feature is filled in in the star by emission from a cool extended outer region.
Shocks may play rather significant roles in Mira stars (perhaps in all red-giant stars),
and these are discussed in detail. The Rankine-Hugoniot equations are derived and applied
to simple cases. Consideration is given to conditions in the preshock and postshock regions.
Emission lines in Miras have been classified into two groups: primary lines and secondary
lines. The primary lines--Mg II, Ca II, Fe II, and Ti II--are supposedly formed in the
postshock region, and the secondary lines are formed in the preshock region by fluorescence
from the primary lines. The influence of shocks on the thermal structure of the atmosphere
could be considerable, but sufficiently detailed calculations are not presently available to
elucidate this point fully.
A discussion of the mode of pulsation of Mira stars concludes the chapter. The evidence
for either a fundamental-mode pulsation or a first-overtone pulsation is displayed. Apparently,
the matter is still in dispute.
In the final two chapters, we turn from the fascinating red-giant stars to the "solar/stellar
connection" and a discussion of M-dwarf stars. Chapter 9 summarizes the flood of new obser-
vations, especially from spacecraft, over the past few years and describes the expected and
unexpected phenomena displayed by both the normal (dM) and emission-line (dMe) stars,
the latter distinguished by the appearance of Balmer alpha in emission.
Most well-observed M dwarfs are quite near, and their trigonometric parallaxes are
therefore quite reliable, so that accurate absolute luminosities are known. Since many dM
and dMe stars are also members of binary systems, masses can often be determined, and
these range from about 0.06 solar masses (the lower limit for hydrogen burning) up to about
0.60 solar masses. For CM Dra and YY Gem, reliable radii and masses can be determined
because they are both spectroscopic and eclipsing binaries. These low-mass objects support
vigorous convection, and this must be the source of the energy that gives the dMe stars their
unusual characteristics. Methods and results of determinations of mass, location, and densi-
ty in the galaxy, age, effective temperature, radius, surface gravity, and the more exotic
phenomenon that are revealed through ultraviolet X-ray and radio data are reviewed. Several
tight relations involving effective temperature, bolometric correction, absolute visual
magnitude, and several color indices are displayed.
Although the mass of an individual M dwarf is small, these stars are so abundant that
they constitute a substantial mass component of the galaxy; among stars, in fact, they may
be the largest contributors of mass! Although their contribution to interstellar gas is still
a matter of debate, it is possible that they also contribute a substantial amount of the mass
loss from stars.
Due to the extremely low temperatures of M dwarfs, their optical spectra are dominated
by strong molecular bands of TiO and CaOH with many fainter atomic and molecular con-
tributors. H20 also contributes strong bands, especially in the infrared, and these bands in-
crease strongly and monotonically as temperature decreases. In many single dMe stars, the
Balmer alpha line also has a very narrow central reversal, for which a number of surface
features have been suggested as being responsible.
Approximately 75 percent of all M-dwarf stars are emission-line objects. The fraction
of dMe stars increases with advancing spectral type until it reaches almost 100 percent at
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M5. However, a few stars of even later spectral type do not show emission lines, and this
must be related to some as yet unknown feature of the outer atmosphere.
An apt analogy for dM and dMe stars appears to be a solar plage. Since these are
characterized by an enhanced magnetic flux, it is assumed that the same will be true for dMe
stars. Both the source of the nonradiate flux and the magnetic field may be stronger in the
M dwarfs, leading to the enhanced emission observed there. A self-excited dynamo in the
convection zone is generally accepted as the basic mechanism for magnetic field generation
in active stars. The dynamo is driven by differential rotation, which arises in turn from the
interaction of convection and rotation. This is consistent with the fact that dMe stars appear
to have higher rotational velocities than those of M dwarfs generally. The M dwarfs are thus
assumed to be cooler and more energetic analogies of the Sun in their chromospheres and
coronas. The chromospheres of dMe stars are less extended, hotter, and denser and show
larger surface inhomogeneities than the Sun. The electron temperatures of the chromospheres
of dMe stars appear to be somewhere between 10000 and 14000 K.
Ultraviolet observations have revealed an array of strong ultraviolet emission lines that
allow considerable insight into the physics of red-dwarf atmospheres. Major observational
results include the following:
.
,
Radiative losses in the Ca II emission lines alone are too great to be accounted for
by the dissipation of acoustic fluxes.
The Mg II fluxes and the coronal soft X-ray emissions are independent of gravity
and effective temperature, contrary to the expectation of heating by acoustic wave
dissipation. Slow-mode magnetohydrodynamic (MHD) waves in flux tubes may over-
come the difficulty.
o A plot of emission-line surface fluxes versus temperatures of line formation in quies-
cent G-M dwarfs shows qualitative trends similar to the quiet Sun, but in dMe stars,
the emission lines are comparable to or up to an order of magnitude greater than
the very active regions of the Sun.
° Stars with active chromosphere/corona transition regions are located only in restricted
parts of the HR diagram, and they may be distinguished by the existence of many
closed magnetic flux tubes.
. The well-known increase of chromospheric radiative losses with rotational velocity
and decrease with square root of age apply as well to chromospheric transition region
and coronal fluxes.
6. Soft X-ray luminosities are positively correlated with coronal temperatures and are
negatively correlated with stellar surface gravity.
7. Quiescent microwave emission has been detected with the very large array from ac-
tive dMe stars.
Periodic or quasi-periodic, low-amplitude, wide-band photometric flux variations are
observed in several nearby K-M emission-line dwarfs and subgiants, most of which are
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members of binary systems. These variations are apparently due to star spots or other in-
homogeneities. Typically, these areas cover 10 to 40 percent of the projected stellar disk and
are cooler than the photosphere by 400 to 1500 K. Moreover, these huge star spots require
a surprisingly efficient dynamo. The inhomogeneities appear to continue outward into the
chromosphere and the corona. Several programs are now under way to search for and deter-
mine the period and characteristics of stellar activity cycles and rotational modulation.
The most prominent phenomena of stellar activity areflares. Although these occur across
the spectral region, only in the optical domain have sufficient events been observed for mean-
ingful study. Flares are marked by the usual strong intensification of H I, Ca II, and He I
lines. In the ultraviolet region, a strong UV continuum and a stronger relative enhancement
of transition-region lines are observed. Comprehensive efforts are under way to investigate
stellar flares by correlated observations at optical, ultraviolet, and radio wavelengths, especially
in such very active stars as the RS CVn stars. Although the flare activity level on the Sun
closely follows the solar cycle, this does not appear to be the case in dMe stars.
A careful overview of attempts to interpret the activities and activity cycles of M dwarfs
with both thermal and nonthermal models is presented in Chapter 10. Because of the high
densities in the atmospheres of M-dwarf stars (compared to giants), thermal models there
are beset with the double complexities of molecular formation and of convection in an op-
tically thin gas. Although these problems are not new, both having been discussed in some
detail in Chapter 7, their difficulty has greatly hindered the calculation of models, and the
computation of better thermal models is still a greatly anticipated future goal.
The best available models include H20 opacity as some sort of a mean opacity and treat
convection in the usual mixing-length formalism. The observed wings of certain strong lines
and the broadband colors RIJHKL can be matched fairly well, at least for some normal
M-dwarf stars. Observations at shorter and longer wavelengths are not well matched. Another
troublesome question regards the microturbulent velocity to be used in understanding con-
vection in these stars.
Observations establish the existence of dark spots (starspots) on the photospheres of
at least the dMe stars. These spots are cool enough and cover a sufficiently large area to
affect the emergent spectrum of the star. Although no two-component models are yet available,
some of the characteristics of the spots have been deduced from observation, and the possi-
ble role of the spots in storing or redistributing the stellar radiative energy have been
investigated.
Although no direct evidence is available, indirect evidence from circular polarization
of radio emission suggests the presence of kilogauss magnetic fields on the surfaces of M
dwarfs, and the investigation of the effects of magnetic flux tubes on the thermal structure
and energy balance of the M-dwarf atmosphere is described. Fitting of model atmospheres
to interior models is particularly important in M dwarfs, where complete convection may
characterize the star. These aspects are summarized.
The interpretive power of thermal models is, of course, limited to emergent flux curves
and certain absorption lines. Models that include a semiempirical chromospheric temperature
rise to account for the characteristic emission lines of H I and Ca II are described. Ultimately,
one seeks a self-consistent theory, which would predict the chromospheric structure from
the properties of the mechanical fluxes available. Until such a theory appears, semiempirical
modeling must be done. Models with one isothermal slab or two temperature plateaus are
described. If the hottest plateau is at 20000 K, Ca I emission cores agree with the observa-
tions for a restricted range of electron density. At the high densities of M-dwarf chromo-
spheres, collisional processes may dominate radiative processes, and H alpha may be driven
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into emission at relatively low temperatures. If chromospheric heating rates remain unchanged
along the main sequence, the Balmer lines would inevitably go into emission in the coolest stars.
More detailed models, allowing some heating in the upper photosphere and a temperature
plateau of 8000 K, are successful in matching the Ca K profiles, but are less successful with
the Balmer lines. More intensive investigation of the Balmer lines with a five-level atom are
more successful in matching those profiles. Interestingly, as the chromosphere is added, Balmer
alpha first goes more deeply into absorption and only later into emission. Thus, one must
be cautious of viewing the division of dM and dMe as "nonchromospheric" and "chromo-
spheric." This result might be used to argue that chromospheres of dM are less dense than
dMe stars.
Contrary to the Sun, it appears that, at least in the warmer M-dwarf stars, the frac-
tional flux in the corona is greater than that for the chromosphere. That is, the coronal heating
problem is the major problem, and the chromosphere may, in turn, be heated from the corona.
Flare models abound, and the years have naturally seen a steady growth in the sophistica-
tion of these models, yet they are not yet self-consistent, but are semiempirical; one simply
assumes that a new entity has made its appearance in the atmosphere of the M dwarf, and
one attempts to calculate the spectroscopic signature(s) of such an entity. The entity is in
some models a volume of hot "coronal" gas at temperatures of many millions of degrees;
in some models, only a "chromospheric" entity is considered, with temperatures of the order
of 104 degrees; in still others; a region of the photosphere is considered to be heated up by
only a few hundred or a few thousand degrees, and the spectroscopic signature is dominated
by the optical properties of the H- ion. In all cases, the assumption is that the creation of
the "entity" is eventually due to the release of nonthermal energy somewhere in the atmosphere
of the star on a short time scale, but the details of this process have not been specified with
sufficient precision in any of the models published to date to warrant the title of a true model
of a stellar flare. Future efforts to improve the models will probably rely heavily on the
solar/stellar connection.
Although estimates of acoustic heating in M-dwarf stars are relatively crude, it appears
that the acoustic flux is certainly less than that in the Sun. Yet the observed chromospheric
radiative flux alone is equal to that in the Sun, and the coronal flux is 10 to 100 times as
large. Other predictions from the acoustic theory are also in disagreement with observations.
Unless there is a basic misunderstanding of the energy generation by acoustic waves, therefore,
these are ruled out as the source of the chromospheric/coronal energy in dM stars.
Several investigators have examined how magnetic effects might enter the energy equa-
tions for M-star chromospheres/coronae. One possibility is slow-mode waves. A prescribed
flux at the base of the atmosphere and a balance of energy gains and losses at every level
yields a thermal structure. Other investigations have considered MHD waves. Much of the
work is based on analogy with the Sun. If the densities in M-dwarf chromospheres/coronae
are 10 times those in the Sun, the Joule dissipation rate is 100 times greater, and this may
help explain the rapid rise time of stellar flares. Careful consideration of the heating of cor-
onal magnetic loops by waves raises interesting questions regarding matching frequencies.
In the Sun, convective-wave periods are 500 seconds, while loop resonance periods are 5
seconds. In dM stars, however, the convective periods may be much shorter than 500 seconds,
and loop resonance periods may be longer than 5 seconds. It therefore appears that a crossover
may take place, perhaps in the early dM stars. If so, one might expect strongly increased
heating in that case, and there is some evidence for this prediction. Unfortunately, other,
as yet unknown, processes may be affecting the energy generation, propagation, and
dissipation.
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BASIC PROPERTIES AND VARIABILITY
Fran¢ois R. Querci
INTRODUCTION TO GIANT AND
SUPERGIANT M, S, AND C STARS
The most diverse of any spectral class, M
stars range from tiny objects barely able to burn
core H--and some which probably cannot--
to dust-enshrouded supergiants. In mass, they
range from a few hundredths of a solar mass
to several tens of solar masses and, in radius,
from hundreds of thousands of km to several
AU. Spanning the evolutionary spectrum, M
stars range from pre-main-sequence dwarfs to
stars ready to end their asymptotic giant branch
(AGB) stage with a transition to a supernova
or planetary nebula. Atmospheres of M stars
likewise include a wide range of conditions and
phenomena described in this and subsequent
chapters. As unevolved low-mass stars, main-
sequence M stars form a class quite distinct
from the red-giant stars that occupy most of
our attention, and these dwarfs are treated ex-
clusively in Chapters 9 and 10.
Because of the unusual variety of structures
and processes that appear near the end of nu-
clear burning and the additional complications
of binarity, it is not easy to find common char-
acteristics of the M giant and supergiant stars
and their numerous relatives of peculiar chem-
ical composition. The authors prefer to reserve
the term "cool" for these objects, even though
that term is also sometimes applied to the F,
G, and K stars, which are so different that we
would call them by comparison "warm" or
"intermediate" stars. Among these cool giant
and supergiant stars--distinguished firstly by
spectroscopy into the classes M, MS, S, SC, C,
R, N-type, CH, Ba, mild (or marginal) Ba, J
stars, and more--are objects with a wide range
in mass, composition, size, and evolutionary
history. Collectively they are called red giants.
They are red because they are cool (among the
coolest stars known); their photospheres range
in effective temperature from perhaps 5000 K
for the warmest R stars to less than 2000 K for
the coolest Mira-type variables, and some dust-
enshrouded stars may be cooler still. Many
reasons for their becoming giants have been
elaborated in the scientific literature, but most
of these have been shown to be wrong, and the
discussion of that phenomenon continues (cf.
Eggleton and Faulkner, 1981; Renzini, 1984).
Red-giant stars are of considerable interest
for several reasons. Their unusual evolutionary
states provide both a unique means to test, and
a unique reason to generalize, stellar evolu-
tionary theory (cf. Scalo, 1981; Iben and Ren-
zini, 1983; Wood, 1985; Iben, 1984, 1985).
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Their chemical composition is important to our
understanding of nucleosynthesis and mixing
and, coupled with mass loss, to the enrichment
of the interstellar medium. Their outer atmo-
spheres contain unusual regimes of temperature
and pressure that provide a series of nice
challenges to theories of stellar atmospheres,
both static and dynamic. Eventually, such pro-
cesses as grain formation, chromospheric heat-
ing, circumstellar chemical reactions, and mass
loss must be quantitatively understood; the cur-
rent state of affairs in these areas is reviewed
in Chapters 2, 3, 4, 5, 6, and 8.
Ultimately, one would hope to be able to
point to a red-giant star--Betelgeuse or X Cyg
or IRC + 10216--and describe in detail its
characteristics and evolutionary history. Al-
though this desirable goal is presently still out
of reach, some broad outlines and details of
specific processes and phases are available.
Sometime after hydrogen core exhaustion, al-
most all stars, except the most massive, become
red giants or supergiants. Although the exact
cause of this transformation is still a matter of
some dispute, there is no doubt that such stars
develop an inflated atmosphere (including en-
velope) around a compact core.
Most or all of the red giants of interest in
this book are intermediate-mass (1 =< M -< 9
Me ) stars of Population I, and these are also
the best studied. As core hydrogen is exhausted
and the main-sequence stage ends, a compact
helium core develops, and stars move rapidly
to the right in the HR diagram (toward lower
temperatures at approximately constant lumi-
nosity) and then upward on the red-giant
branch (RGB). For the first time, some mixing
to the surface of nuclearly processed material
occurs in all stars (the "first dredge-up").
Rather specific predictions of the results of this
first mixing episode on the observed surface
abundance are available (Iben and Renzini,
1983; Iben, 1984), and observations confirm the
general correctness of these predictions
(Lambert, 1981).
At some epoch, helium ignites in the core,
either by a "helium core flash" in the degen-
erate cores of lower mass stars (M less than 2.3
M e ) or quietly in the nondegenerate core of
more massive objects. Additional mixing (sec-
ond dredge-up) may occur upon core helium ig-
nition in more massive (4 to 9 M e ) stars. In
any case, core helium ignition lifts the degen-
eracy, if any, and the star moves rapidly left-
ward on the HR diagram to a "helium burn-
ing main sequence." After core helium is
burned and a compact, electron degenerate core
of carbon and oxygen is formed, helium burn-
ing continues in a shell, and the star again
moves coolward and then sharply upward
toward higher luminosities--the AGB phase of
a star's life. It is now powered by double-shell
burning--an outer shell of hydrogen burning
and an inner shell of helium burning. As the
helium shell burns outward, it narrows and
flickers (pulses), driving intermittent convection
and leading to a third dredge-up. Cool S- and
N-type carbon stars are presumably formed
during this AGB phase (Iben and Renzini, 1983;
Iben, 1984; Wood, 1985), which is also marked
by dredge-up of heavy metals (s-process ele-
ments) in many stars. Inferring the details of
these remarkable events by careful studies of
elemental and isotopic abundances for all types
of peculiar red-giant stars is presently an area
of intense interest (Lambert, 1981, 1985; Tsuji,
1985b).
Of more direct connection to this series,
mass loss becomes general in AGB stars (see
Goldberg, this volume; Dupree, 1986). Finally,
part or all of the AGB stars develop a super-
wind (Iben and Renzini, 1983) that leads to
rapid mass loss, and the star becomes a plane-
tary nebula. Exactly which stars become plan-
etaries is, however, presently unclear. After the
ejection of a planetary nebula, the remnant
compact core is a white dwarf that simply con-
tinues to cool (forever), although some energy
is released by hydrogen burning in the base of
the atmosphere. A small fraction (25 percent)
of white dwarfs undergo a final helium pulse
and briefly return to the red-giant region of the
HR diagram, perhaps as RCB stars (Iben, 1984,
1985).
Certain red-giant stars do not fit the above
simple scheme for single intermediate-mass
PopulationI stars.Themostnotablemysteries
arethebarium(or BaII) stars,so-calledbe-
causeoftheenhancedlineof bariumat4554_,
in theirspectrum,for theirlowluminosityin-
dicatesaninsufficientlyadvancedevolutionary
stagetohavemixedtothesurfacetheobserved
excessof carbonands-processelements.The
discoveryof their binarynature(McClure,
1983)neatlysolvedtheproblem;thebarium
starswerecontaminatedwithmassthrownon-
tothestarbyitspresentwhite-dwarfcompan-
ionat thetimethatcompanionwasitselfan
AGBstar.Butatleastsomeofthewhitedwarf
companionshavecoolingtimeslongerthanthe
red-giantlifetimeof thesestars,andthesitua-
tionispresentlyunclear.Rstarsposeasimilar
buttougherproblem(Iben,1984anddiscussion
byWing).Aswiththebariumstars,Rstarsare
insufficientlyluminousto havedredgedupsuf-
ficientcarbonto becomecarbonrich(C/O>
1).Yettheseshownomorethanaveragebinari-
ty (McClure,1985),whichwouldappearto
eliminatethatotherwiseattractivehypothesis.
CertainSandMSstarsalsomayproveto be
challengesto thepresenttheory(Iben,1985).
Importantquestionsaboutredgiantsare:
Whatis thesourceof neutronsfor heavyele-
mentformation?Whatarethevariouscorrela-
tionsbetweenthesephysicalpropertiesand
othersuchastheirgalacticdistribution,their
spatialvelocity,their age,their periodsof
variability,andtheshapeof theirlightcurve?
Istheirmasslosssteady,periodic,orsporadic?
Whatmechanismsareresponsible?Howcan
masslossbemeasured?Whatarethemain
criticismsof suchmeasurements?Howtopro-
gressaboutheevolutionofthesevarioustypes
of starsthatareconcentratedontherightside
of the top of theHR diagram?Whatfun-
damentalphysicaldataarenecessaryfor im-
provingthemodelof evolution?Arethesedata
sufficientlyaccurate?Whatconfidencecanwe
haveinsuchmodels?Whatistheplaceof these
starsin present-dayastrophysics?
Clearly,answersto allof thesequestionsare
not yetavailable,andof theremainder,we
mustcarefullyselectourmaterial.In thischap-
ter,afterageneraloverview,westressthevari-
abilitybecausevirtuallyall thestarsthatare
discussedarevariable,andall themoresince
thevariabilityisduetononthermalprocesses,
thesubjectof thisseriesof Monographs.This
chapterwill mainlydiscussphotometric vari-
ability; spectroscopic variability is presented in
the following chapter by M. Querci.
Particular questions that are addressed on
variability include the following: What are the
various characteristic times of the observed
variations? Are they correlated with any other
characteristic period intrinsic to the given ob-
ject? To what radial or nonradial motions of
matter do such variations correspond? How are
the irreversible changes explained? Are the lat-
ter a sure sign of the stellar evolution of these
stars which suffer them?
What should we recommend to people who
want to help to disentangle these fundamental
questions? In the present exploratory state of
our knowledge of the red giants and supergiants
and because the observed variations are so com-
plex, every feature found to be variable must
be noticed and analyzed, and all correlations
must be tested in an attempt to list better the
various motions of matter suffered by the dif-
ferent stellar layers. Simultaneously, we must
endeavor to find the pulsational frequencies
with methods adapted to the necessarily inter-
mittent ground-based observations. Also, the-
oretical studies of the periodic phenomena of
Miras, which seem to be replaced by chaotic or
aperiodic phenomena in the semiregular and ir-
regular variables, are to be pursued. To analyze
the variability both observationally by monitor-
ing some characteristic stars and theoretically
by developing red-giant hydrodynamics (just
beginning) would help to clarify the evolu-
tionary problems raised in this part of the HR
diagram, where many apparently diverse ob-
jects are found.
Basic properties of the M, S, and C vari-
ables-more specifically, abundance classifica-
tion, luminosity, mass, radius, surface gravi-
ty, extension of the outer layers, effective
temperature, abundances, space distribution,
period or pseudoperiod, and shape of the light
curvesandtheir variations--havebeende-
scribedinthepastbymanyreviews:Bidelman
(1956),Blanco(1965),Hack(1967),Beeckmans
(1969),SpinradandWing(1969),Fujita(1970
andreferencestherein),Vardya(1970),Alksne
andIkaunieks(1971,updatedbyBaumertin
1981),Baumert(1972),Rybski(1973),Waller-
stein(1973),BarbaroandDallaporta(1974),
Boyarchuk(1974),Ikaunieks(1975),Keenan
andMcNeil(1976),Johnson(1978),Keenan
andBoeshaar(1980),deJager(1980),Fujita
(1980),Feast(1981),Scalo(1981),Duerbeck
and Seitter (1982),Alksne et al. (1983),
McClure(1984),Jaschek(1985),and Wing
(1985).Eventhis list is far from beingex-
haustive.Somereviewsareespeciallydevoted
toC stars, and others are restricted to M stars,
each author favoring a particular point. A few
recent colloquia or workshops are completely
devoted to such stars: "Physical Processes in
Red Giants," Erice in 1980; "Cool Stars with
Excesses of Heavy Elements," Strasbourg in
1984; and "Mass Loss in Red Giants," Los
Angeles in 1984.
In the following, we present the various
classifications of these red-giant stars, their
photometry and colors, their space motion and
space distribution, and their intrinsic proper-
ties. I must apologize for showing my own
biases and for omitting many important studies
and reviews.
Classificalions
Much more varied than warmer stars, the
M, S, and C stars can be classified in several
ways. Classification by spectra is the most ob-
vious and most common scheme. For the varied
objects found among the red giants, classifica-
tion by chemical composition or key abundance
ratios is important. These objects can also be
classified by photometry and color. Finally,
since almost all red giants are variable in light,
they are classified by type of variability. All of
these must be considered to form a complete
picture of a red-giant star.
Even before a clear understanding of their
nature was available, red-giant stars were classi-
fied on the basis of their spectra. The normal
red giants--the M stars--were classified ac-
cording to the increasing strength of the TiO
bands. In contrast, other stars have spectra
dominated by such carbon-rich molecules as
CN and C 2. Quite early, it was realized that
the tightly bound molecule CO controls the
spectra because CO forms in cool-star atmo-
spheres until the less abundant of either carbon
or oxygen (which are in turn the most abundant
elements after hydrogen and helium) is used up.
Whichever of the two elements is more abun-
dant is then left over to form other molecules,
which dominate the spectrum. The ratio of
these two--the C/O ratio--thus becomes a cru-
cial determinant of red-giant spectra. Other
abundance parameters such as metallicity and
enhancement of s-process elements (those heavy
elements--Sr, Y, Zr, and Ba--produced pri-
marily by slow neutron capture and beta decay)
are also key classification criteria easily deter-
mined from spectra.
A didactic presentation of the M, S, and C
stars and related objects and their classification
through abundance ratios is given in Jaschek
(1985). The relative position of the different
groups of stars can be easily visualized in the
tridimensional representation (Figure 1-1) based
on the C/O ratio, the metal abundances, and
the s-process abundances. The C/O abundance
ratio is the primary criterion differentiating the
oxygen-rich M (C/O < 1) and the S stars (C/O
--_ 0.8 to l) from the carbon-rich stars (C/O
> 1). The second gives the cool stars that are
metal-deficient, such as the CH stars or the
HdC stars, and the third distinguishes the
degree of enhancement in the abundance of s-
process elements.
Before giving a description of the main types
of stars mentioned in Figure l-l, let us recall
that these stars are located between the Hayashi
lines for fully convective stars of various solar
masses (see Figure 40 in de Jager, 1980, adapted
from published HR diagrams: e.g., from Scalo,
1976). Wood 0985) found an evolutionary se-
quence up to the AGB in the M -- S -- C, but
the quantitative agreement between the theory
of shell-flash mixing and observations is still
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Figure 1-1. Main varieties of red giants, according to the three-dimensional representation described 
in the text (from Jaschek, 1985). 
not satisfactory. Additional insight into the ob- 
servational constraints on theories of mixing 
and nucleosynthesis during the advanced red- 
giant stages of evolution can be gleaned from 
several recent reviews (Scalo, 1981; Iben and 
Renzini, 1983; Iben, 1984, 1985). Although we 
have chosen not to discuss in detail the red 
giants in other galaxies, conclusions drawn 
from these stars in the Magellanic Clouds are 
illuminating, particularly with respect to their 
evolution, and a later section provides an 
overview. 
later (cooler) types. In fact, M stars are classi- 
fied from MO to M8 primarily by the increasing 
strength of the bands of the alpha system of 
Ti0 from 4350 to 4950 (e.g., Keenan and 
McNeil, 1976; Wing, 1979; Keenan and Pitts, 
1980). A few stars have even been classified M9 
or M10. In the infrared, M stars are character- 
ized by CO, OH, SiO, and H,O absorption 
bands. The 10-pm region shows the emission 
of silicate grains, which are discussed in Chap- 
ters 2, 4, and 5. Maser lines of CO, OH, H,O, 
and Si0  are observed in the coolest M Mira 
stars. 
The A4 stars, also called oxygen stars in 
parallel with carbon stars because the composi- Among the M variables, some belong to the 
tion is basically oxygen-rich (solar C/O = 0.6), regularly pulsating group of cool stars, the 
are characterized by molecular absorption Miras (see the section on Variability Types). 
bands of such oxygen-rich molecules as T i 0  Although the Miras change their spectral sub- 
and VO in the visible. These bands are very type and magnitude during their light cycle, 
weak in MO stars; their strength increases with they occupy a rather distinct zone around the 
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giantandsubgianttracks.However,nonvari-
ableM giants(seethe sectionNonvariable
Stars), such as _3And (M0 III), also fall in this
region of the HR diagram. The OH/IR stars
(i.e., very red objects with double-peaked 1612-
MHz OH maser emission) are a continuation
of M Mira stars to lower temperatures, larger
masses and luminosities, and longer periods of
pulsation (Duerbeck and Seitter, 1982). Their
evolution is discussed by de Jong (1983); the
most luminous ones (8 to 13 M o) are to be
identified with the core helium-burning super-
giant stars, while those of 3 to 8 M o are AGB
stars. Some of them are OH objects with unde-
tected IR counterparts (Jones et al., 1982). They
pulsate only weakly or not at all, and their
mass-loss rate is as large as 10 -4 M o/yr (Baud
and Habing, 1983); they possibly reach the end
of their evolution on the AGB (Herman, 1983).
This is consistent with the very red colors ob-
served by IRAS (Olnon et al., 1984). If our cur-
rent ideas of stellar evolution are right, these
stars soon produce planetary nebulae (Olnon
et al., 1984).
The C stars (carbon stars) are distinguished
by the presence of C 2 Swan bands in their
spectra (Keenan and Morgan, 1941; Keenan
and McNeil, 1976; Fujita, 1980). They are fur-
ther divided into R-type stars (the hotter ones)
and N-type stars (the cooler ones), the criterion
being the strength of the violet flux, which is
very weak in N-type stars (Shane, 1928)-
weaker than in corresponding M stars and
weaker than blackbodies at the effective
temperature. Historically, the R and N types
were initially used in the HD catalog. The first
to observe N stars was Secchi (1868). Later,
Pickering (1898) identified a small group of C
stars that differed from the N stars in display-
ing sensible flux shortward of 4500 _,, and
Espin (1889, 1898) remarked that none of the
stars observed by Secchi were from this group.
In 1908, Pickering defined the R subtype (i.e.,
the present R type) by the extension of the con-
tinuum shortward of 4700 ._, the earlier stars
having the larger extension. This deficiency of
flux in N-type stars continues into the
ultraviolet. Finally, the R and N types were
unified by the Cx,y classification of Keenan and
Morgan (1941). Let us note that, in the Keenan-
Morgan classification, (Cx,y), the first figure
(0-9) following the "C" is a temperature in-
dex obtained from atomic lines; the second
figure (0-9) is a carbonicity index obtained
from the strength of the C 2 bands. Underlying
the Cx,y classification was the assumption that
x and y (temperature and carbonicity) were in-
dependent. If so, the Cx classification would
have arrayed the carbon stars in a temperature
sequence parallel to that of M stars. Nature is
not so simple, however, and the ambiguity of
this classification has been amply demonstrated
(e.g., Fujita, 1980) both observationally from
variability studies (Eggen, 1972b), infrared
broadband colors (Mendoza and Johnson,
1965), near-infrared narrowband colors
(Baumert, 1972), and infrared spectrophotome-
try (Goebel et al., 1978) and theoretically from
calculations of the effect of carbon enhance-
ment on opacities (Scalo, 1973) and atmo-
spheric structure (Johnson, 1982) and on effec-
tive temperatures (Tsuji, 1981c).
The early R stars (R0 to R4) are termed "or-
dinary R stars" because their hydrogen lines
have strengths similar to those in normal G9
to K2 giants of the same effective temperature.
Vandervort (1958) gives the criteria for the
classification of the R stars between R0 and R8.
In the carbon stars, the visible spectrum con-
tains bands of the carbon-rich molecules CN,
C2, C3, SiC 2, and CH instead of the oxide
bands that characterize the M stars spectra, and
these bands dominate the spectra of cooler
stars--the late R (R5 to R9) and the N stars.
Apart from the CO bands seen in all cool stars
(though unexpectedly weak in the R0 to R4
stars), the infrared (1 to 5/zm) is increasingly
chopped up by bands of CN, C 2, HCN, and
C2H 2 toward later spectral types. Emission at
11/zm due to graphite and SiC grains is often
seen. In the radio frequencies, CO, CN, SiO,
CS, C2H, HNC, HCN, C3N, and complicated
molecules such as the cyanopolyyne family
(HC2n + iN) or CH3CN are detected in the ex-
treme dust-enshrouded C stars.
Thes-processelementsarestrongerin late
carbonstarsthanin M stars(Utsumi,1970),
but the13C-richcarbonstars(J stars)appar-
ently showlittle or no enhancementsof s-
processelementswith respectto Fe(Utsumi,
1985).
ThespectraofN-typestars howastronger
absorptionin theblueandtheultraviolethan
do theR-typespectra.Thisclassicproblem,
termedthe"violet opacity,"isdiscussedfur-
therunderPhotometric Observations. It seems
that this degree of faintness in the ultraviolet
region of N-type spectra is not entirely due to
their lower temperature (de Jager, 1980). The
absorption by molecular bands (particularly
C3) and graphite and silicon carbide particles
could be an important contributor to this
observed faintness. Stars redder than B-V =
3 are nearly always carbon stars, of which the
reddest are the cool N types with B-V _ 5 or
6 (Wing, 1985); for comparison, the solar B-V
value is 0.62, and M0 to M6 giants have B-V
1.55 (Johnson, 1966).
The early R stars, extensively described by
Dominy (1982, 1984), have an abnormal oxy-
gen/carbon ratio relative to the M stars by 0.7
dex; the nitrogen and oxygen are enhanced by
only 0.2 dex. The iron abundance is near the
solar value, except in HD 100764, which has
an iron abundance 0.6 dex lower than the solar
one. The s-process elements such as Y, Zr, Mo,
Ba, La, Ce, Nd, and Sm are not enhanced in
these hotter carbon stars. A bright member of
this class, HD 156074, was well analyzed by
several authors: Greene et al. (1973) for the Fe
abundance, Wyller (1966), Gordon (1967), and
Fujita and Tsuji (1976) for the C12/C13 ratio,
and Yorka (1981) for the N abundance. The ele-
mental abundances in the early R stars are in-
terpreted as products of mixing during the
helium flash (Dominy, 1982; Wood, 1985). On
the other hand, due to uncertainties both in
observations (mainly in luminosity) and in evo-
lution theory, Tsuji (1981c) remarks that it is
difficult to decide whether N stars (N-type
Miras are not considered) are produced just
after the onset of He-shell flash. The carbon-
star evolutionary "mystery," paraphrasing
Iben (1981b), has been studied specifically by
this author (Iben, 1984) and by Lucy et al.
(1986).
Beside these "classical" carbon stars, a class
of stars that are carbon-rich but have the addi-
tional peculiarity of hydrogen deficiency--the
so-called hydrogen-deficient carbon (HdC)
stars--group together, following the convenient
classification of Richer (1975): (a) the R Coro-
nae Borealis (RCB) stars; (b) the helium (He)
stars; and (c) a few supergiant R stars (e.g., HD
182040) (see the section Intrinsic Properties)
that appear to be nonvariable (McKellar and
Buscombe, 1948; Bidelman, 1953; Warner,
1963, 1967) and are called the nonvariable HdC
stars.
The group of HdC stars is deficient in hy-
drogen by a factor up to 105 or more com-
pared to the H/Fe ratio in the Sun. The domi-
nant constituent of their atmosphere is helium,
although it is not spectroscopically dominant
in all the HdC stars. Because no HdC star is
known to be a close binary, the observed abun-
dances can only be due to the ejection of the
outer layers during the natural course of evolu-
tion. The lifetime of the HdC stage appears to
be -103 years; if so, secular changes should
be observable. It is proposed that these super-
giants (see below) quickly evolve to white
dwarfs (Iben, 1981a, 1985,).
The RCB stars are characterized, at maxi-
mum light, by narrow and sharp absorption
lines of metals and very strong molecular ab-
sorptions such as CN in R CrB and RY Sgr,
and C 2 in S Aps and HV 5637. During
minimum light and the subsequent increase,
emission lines of helium (e.g., Querci and Quer-
ci, 1978) and metals usually appear in the spec-
trum. These stars have a surplus of carbon (by
a factor of 3 to 10 (Warner, 1967)), as well as
a surplus of helium, compared to the Sun.
Earlier, Ludendorff (1906), Berman (1935), and
Herbig (1949) remarked on these peculiar abun-
dances in R CrB, and Bidelman (1948) showed
these peculiarities in XX Cam. They are be-
lieved to be due to the loss of the hydrogen
envelope (Sackmann-Juliana et al., 1974).
Some differences exist between them; in XX
Cam,carbonisa littlemoreabundantandhy-
drogenmoredeficientthaninRYSgr(Raoet
al., 1980)--1og[(C/HRy Sgr / (C/H)xx Cam ) --
-1.16. Schonberner (1975) has estimated this
ratio to be -0.9. The abundance in oxygen is
also slightly different; it is 3 times more abun-
dant in R CrB than in RY Sgr. Most RCB stars
are members of the R type; some of them are
known to have earlier type spectra, including
the prototype star itself, which is of spectral
class cGOep. In the HdC group, they are called
cool HdC stars. The RCB are eruptive stars
(and not pulsating stars, such as the "classical"
C stars; see the section Types of Variability)
with long periods; moreover, they are the only
eruptive stars in which the quiescent state is the
state of maximum brightness. Their minima are
interpreted by ejections of obscuring matter
(soot, particles of graphite, etc.).
Helium stars and RCB stars have several
common properties, although the He stars have
a higher temperature (leading to their being also
called hot hydrogen-deficient stars, like BD
+ 13 °3224 (Kilkenny and Lynas-Gray, 1982)),
a larger gravity, and a smaller pulsational pe-
riod than the RCB stars. MV Sgr appears to
be a possible evolutionary link between these
two classes (Hill, 1967) with its light variations
like those of RCB stars and its spectrum like
that of the helium star, HD 124448. Tutukov
and Iben (1985) show theoretical evolutionary
connections between them. Herbig (1964) noted
that the strongest lines in the spectrum of MV
Sgr are from He I and C II. The latter is
somewhat weaker than He I lines, whereas in
BD + 10°2179, the lines of the two atoms are
of the same strength. Warner (1967) analyzed
some nonvariable helium stars and found abun-
dance characteristics like those of the non-
variable HdC stars. Envelopes around the
helium stars were suspected by Hill (1964), such
as around HD 168476, which appears like an
A-type star with many lines of ionized elements
of the iron group. This star shows that the ex-
citation temperature for the ionized elements
is much lower than that for the other elements,
leading Hill to suggest that they are formed in
a low-temperature shell. The immediate pro-
genitors of the helium stars are believed to be
RCB stars (Sch6nberner, 1975). However,
nothing is really known about their common
origin and by what mechanism they have lost
their initial hydrogen-rich atmosphere.
As for the nonvariable HdC stars, the stars
HD 137613, HD 173409, HD 175893, and HD
182040 are hydrogen-deficient by factors of
more than 105 compared to the H/Fe ratio in
the Sun. The deficiency is around a factor of
50 in HD 148839; this last star shows C 2 and
C I enhancement, while CH and Balmer lines
are absent. It represents "an intermediate type
between normal C stars and the more extreme
hydrogen-deficient stars" (Warner, 1967). In
all these stars, the carbon is overabundant by
factors of 3 to 10, but C 13 is not observed at
all. All elements heavier than oxygen have a
roughly solar abundance relative to iron.
Among carbon-rich stars, we note other par-
ticular stars such as the CH stars, which are
G5-K5 giants with strong CH molecular bands
(G band at 4300 .A) and enhanced lines of s-
process elements in their carbon-rich and metal-
poor spectrum. They have high radial velocities
and can be considered Population II carbon
stars. Stars with a strong G band and low spa-
tial velocity are also observed; they are called
CH-like stars. Bidelman and McConnell (1973)
identified a large number of stars with a very
weak or absent G band, the so-called weak G-
band stars; no correlation was found between
the CH faintness and the line strength of metal-
lic lines. The CN-strong stars are carbon stars
with a metal overabundance and a slight en-
hancement of carbon (Schmitt, 1971).
Jaschek (1985) stated that "The S-stars con-
stitute a natural bridge between M and C stars
with all kinds of intermediates." They are late
(K5-M8) giants. These stars contain metals with
roughly the same abundances as the M stars,
but the enhancement of the heavy elements, in-
cluding Zr, Y, Sr, Ba, and La, is very strong
and consequently the ZrO bands are much
more prominent than those of TiO. Oxides of
yttrium, lanthanum, and vanadium are affected
by the change in C/O between M and C stars.
TheC andOatomsarefully trappedinCO;
thisreductioninthefreeoxygensupplyascar-
bonisenhancedexplainsthepresenceof many
atomichydridesintheSstarspectra.TheirB- V
colors are between -2 and -3.
The presence of unstable isotopes such as
99T in the stellar spectrum of some S and C
c
stars (Little-Marenin and Little, 1979; Smith
and Lambert, 1985), indicates that the rising to
the surface of the interior material has occurred
less than about 106 years ago, which corre-
sponds to a few half-lives of the TC 99 isotope,
the longest lived of the Tc isotopes, under con-
ditions representative of interiors of AGB stars
(Iben and Renzini, 1983).
A very few C and S stars (T Sgr, WZ Cas,
HR 8714, WX Cyg, T Ara, etc.) present a very
strong absorption resonance line of lithium at
k6707 (see the surveys of Torres-Peimbert and
Wallerstein, 1966, and Boesgaard, 1969). These
stars are named lithium-rich stars (LRS). The
derived abundance of lithium is up to 105
times the solar value in WZ Cas. To obtain the
Li formation or destruction processes in such
stars, two difficulties must be solved (Scalo,
1981): to infer the Li/Fe ratio and to infer the
6Li/7Li ratio. The first ratio is only tentatively
estimated (Merchant-Boesgaard, 1970; Waller-
stein, 1977; de la Reza and Querci, 1978) be-
cause the k6707 line is largely blended by CN
red-system lines. The knowledge of the second
ratio is not easy to obtain through the analysis
of the lithium resonance atomic line because,
besides the CN blending, the isotopic shift is
smaller than the observed Doppler width of the
stellar line. Some efforts have been made in the
direction of the molecular isotopic shift by the
development of computations of molecular
abundances of LiH, LiOH, and LiO (Mer-
chant, 1967; Querci and Querci, 1977) and of
wavelength measurements in the laboratory
(Plummer et al., 1984). Stellar observations of
lithium hydride must be made to provide the
desired ratio.
Hybrid objects are also observed; for exam-
ple, the CS and SC stars have characteristics
of both C and S stars (Stephenson, 1967b;
Catchpole and Feast, 1971), and the MS stars
are intermediate between M and S types. Kee-
nan and Boeshaar (1980) provide reference stars
in the sequence MS through S and SC (some-
times called D-line stars (Gordon, 1967)) to C
stars with weak C 2 bands.
We conclude this description of the main
types of cool stars by the Ba H stars (also
named Ba or barium stars) that constitute
another family of anomalous giant stars with
strong Ba II features (especially the )_4554 line).
They share with the early R stars (R0 to R4)
the fact of being "warm" or "intermediate-
temperature" stars (see the section on Intrinsic
Properties). Most Ba stars have strengthened
CN absorption (Wing, 1985) relative to normal
G and K stars, although not as strong as in car-
bon stars. The s-process elements, especially
those with 38 < Z < 56, are enhanced (McClure,
1984; Smith, 1984). An estimate of the strength
of the barium lines was added to the spectral
type by Warner (1965). This group has no sharp
boundaries (Jaschek, 1985). So-called semi-
barium stars have s-process element abun-
dances intermediate between those seen in the
pure Ba II stars and the M stars. The stars for
which the enhancement is not obvious are
named "marginal barium stars." To designate
the strength of the Ba II characteristics, Keenan
and Pitts (1980) give a decimal scale that is of-
ten used. Catchpole et al. (1977) and Yamashita
and Norimoto (1981) have reobserved the Ba
II sample of MacConnell et al. (1972) and con-
clude that about one-third of these stars are
weak-line objects, such as the subgiant CH stars
defined by Bond (1974).
The lack of luminosity determinations is the
main difficulty in placing the Ba stars on the
HR diagram, but they are generally believed to
have luminosities of normal giants. Until the
recent discovery of their binarity (McClure et
al., 1980; McClure, 1983), the evolutionary
status of the barium stars was a puzzle because
such apparently low-mass stars should not have
been able to have mixed to the surface nuclearly
processed material. It now appears fairly cer-
tain that the abundance anomalies seen in the
real Ba stars are the result of mass transfer from
formerlymoremassivecompanionswhenthe
companionswerein the asymptoticgiant
branchstageof evolution(Smith, 1984;
Lambert,1985).Whetherthesameholdstrue
for mildormarginalbariumstarsis,however,
stillanopenquestion(McClure,1985).Wood
(1985)suggestshattheBaII stars(andCH
stars) are probably the result of mass transfer
from an N-type star to a white-dwarf compan-
ion in a binary system.
To understand better the large variety of
these giants and supergiants, which lie on the
right side of the HR diagram and cover a large
range on absolute visual magnitude (see the sec-
tion on Intrinsic Properties), several other
classifications based on criteria other than
abundance ratios or temperatures are proposed
(Eggen, 1972b; Feast, 1981; Feast et al., 1982).
The importance of finding physically meaning-
ful, significant classifications dividing the ob-
jects into homogeneous subgroups is stressed.
Of the various attempts to classify these stars,
the most famous classification, based on type
of light variation, is the General Catalogue of
Variable Stars (GCVS) (Kukarkin et al., 1958,
1976), which essentially divides the late-type
variables into Miras, semiregulars (SR), and ir-
regulars (L) according to their light-curve am-
plitude and profile. This point will be discussed
in the section on Variability Types. As noted
by Eggen (1972b), the GCVS is a poor guide
to the type of variation of the N-type red vari-
ables, maybe because of their extreme (B-V)
colors. This author, from an extensive study of
red giants, suggests a subdivision of the vari-
ables on the basis of their place in the lumi-
nosity/temperature plane (i.e., (Mao t, R-I)-
plane, adopting Johnson's (1966) relation be-
tween R-I and log T) and from their space
motions linked to their age.
Feast (1981) sorts out the variables by a
spectroscopic argument--the strength of the
emission lines: (1) the variables with strong
emission lines, called Xe stars, are Miras (i.e.,
large-amplitude variables); (2) the variables
with weak emssion lines at some phases, called
X(e), are semiregulars (i.e., small-amplitude
variables); and (3) the variables that do not
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show emission lines, called X variables, are
semiregulars or irregulars, where X denotes the
spectral type M, S, C, CS, SC, etc. The basic
idea is that the emission-line strength is linked
to the extent to which the stellar layers are
disturbed by the variability (see M. Querci, this
volume). Feast et al. (1982) relate this division
to mean infrared colors and define two
reddening-free parameters b 1, b 2. The b l, b2
colors suggest an evolutionary sequence
M-M(e)-Me that is in fact a sequence of
increasing light amplitude and decreasing tem-
perature. The Mira variables that show OH or
H20 maser emission are at the cold end of the
b I - b2 plot, while the carbon stars show a
large scatter that is also seen in the infrared
photometric indices (Tsuji, 1985). The SC stars
form a tight group, whereas the CS stars are
scattered more widely. The main sources of in-
frared opacity, different in each stellar type,
evidently have a strong effect on the infrared
colors and cause the difference as to the region
occupied by each type, as demonstrated by
Feast et al. (1982).
The main purpose of establishing such em-
pirical relationships is to provide a norm with
which red variables in other galaxies (e.g., the
Magellanic Clouds) or in other regions of our
Galaxy than in the neighborhood of the Sun
(e.g., in the galactic bulge) might be compared.
Photometric Observations
After the pioneer astronomers who were fas-
cinated by the red stars--let us note Espin,
Hale, Kirch, Koch, Maraldi, Pickering, Secchi,
Schjellerup, Shane, and Sidgraves--the first
sustained observations of visual light curves of
red stars began in the late 1930's at the Harvard
College Observatory (Campbell, Hughes,
Payne, Sterne, etc.). For more than 50 years,
amateur astronomers (working together in such
groups as AAVSO, AFOEV, GEOS, etc.) have
joined their observational efforts to those of the
professionals. More recently, the UBV system
and its extension into the infrared have been
extensively used for determining such physical
parameters of the red giants and supergiants as
energydistribution, effective temperature, and
infrared excesses and for showing correlations
among them at various phases of the light
curves (e.g., color/magnitude relation, varia-
tions of various indices such as (B-V), (I-K),
and (8 #m-ll #m) indices with spectral class;
see below). Astronomers who made important
investigations in broadband photometry in-
clude: Bahng, Bergeat, Bessel, Bidelman,
Blanco, Catchpole, Eggen, Feast, Johnson,
Landolt, Leighton, Mendoza, Morgan, Neuge-
bauer, Nicolet, Price, Smak, Stephenson,
Walker, Westerlund, and Wood.
Table 1-1 gives broadband magnitudes and
colors from the ultraviolet to the infrared for
characteristic stars of different spectral and
variability types. For X Cyg, an S Mira, it is
worth noting that the magnitude variations are
much larger in the ultraviolet than in the infra-
red region. (A specific example of variations in
ultraviolet flux for X Cyg is shown in Figure
1-7, and other examples in the visual are given
in Figure 1-8.) With the advent of more sensi-
tive infrared detectors, broadband photometry
across the entire spectrum became possible, and
this material has been published and discussed
in detail. Although readers are probably already
familiar with these observations and it is im-
possible to review them here in any case, we
note a few of those papers containing funda-
mental broadband photometric data for M
giants (Johnson, 1966; Eggen, 1967; Johnson
and Mitchell, 1975), carbon stars (Mendoza and
Johnson, 1965; Eggen, 1972; Walker, 1979;
Bergeat and Lunel, 1980; Noguchi et al., 1981),
and Mira variable stars of all types (Mendoza,
1967; Catchpole et al., 1979). A useful review
of photometry of all types of peculiar red giants
is that of Wing (1985).
A persistent problem threading its way
through the astrophysical literature is the vio-
let flux deficiency of carbon stars. A normal
M6 giant has a value of (U-V) = 2.43
(Johnson, 1966), while a Ori (M2 Iab) has
(U-V) = 3.96 (Table 1-1). By contrast, a
warmer N-type carbon star such as TX Psc has
(U-V) = 6.11 (Table 1-1), and many carbon
stars have even larger values. This rapid drop
of flux toward the violet was noticed long ago
and became the basis for the distinction be-
tween the carbon stars with sensible flux short-
ward of 4700 ,_, (R stars) and those with no
short wavelength flux (N-type stars) (e.g.,
Shane, 1928). On the basis that the flux defi-
ciency was due to an unknown violet opacity,
the phenomenon is termed the "violet opaci-
ty" problem, which is still unsolved. Among
several suggestions for the agent responsible,
the leading candidates are the molecule C a in
the photosphere (McKellar and Richardson,
1955; Bregman and Bregman, 1978) or SiC
grains in a circumstellar shell (Gilra, 1973;
Walker, 1976). Observations with IUE
demonstrate that the violet opacity extends in-
to the ultraviolet as well (Querci et al., 1982;
Johnson and O'Brien, 1983).
The widths of these broadband filters are
too large ( _>1000 ,&), however, for the analysis
of the time behavior of the various bands of
TiO, VO, ZrO, CO, CN, C a, CH, and HCN
in the visible and the near-infrared, and the ob-
served variations are difficult to interpret quan-
titatively in terms of energy dissipated in the
various stellar layers submitted to acoustic/
shock waves. Consequently, intermediate-band
photometries (with filter bandwidths in the
range 200 to 500 ._,), initially developed for in-
vestigations on A to G stars (i.e., with filters
adapted to their spectral features), are used for
the analysis of the warmer stars among M, S,
and C giants and supergiants; such systems are:
DDO, Str6mgren, Geneva, and Vilnius sys-
tems.
In 1966, Wing (1967a) pointed to a spectral
band of 30 ,& width near 1.04/_m that was free
from serious atomic and molecular blanketing
in M, S, and C stars. A new epoch was born:
the variations of the continuum of these late-
type stars could be followed. Narrowband
filters adapted to the M star molecular bands
appeared (Wing, 1971; Lockwood and
McMillan, 1971). White and Wing (1978)
classified M supergiants; Baumert (1972) used
the Wing system to measure the CN absorption
versus the continuum of C stars; Wing and
Stock: (1973) identified carbon stars in stellar
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fields, Piccirillo (1977, 1980) investigated the
S stars with the ZrO and LaO filters, and Yorka
(1983) published data on R stars. However, let
us note that some of the filters adapted to
selected molecules are weakly contaminated by
other molecules.
Unfortunately, the observations on the other
spectral intervals such as X rays and far-UV,
far-IR, and radio frequencies are scarce.
The fingers of one hand suffice to count the
Einstein X-ray satellite observations of red
giants and supergiants (Ayres et al., 1981). For
the M supergiants, ot Ori (M2 Iab) and ct Sco
(M1 Ib + B), values Offx/fbo I are respectively
<0.03 X l0 -7 and <0.02 × l0 -7, and for the
bright giant, _3Peg (MI II-III), this ratio is <0.2
X 10 -7. This is consistent with the IUE obser-
vations and demonstrates that there is no stellar
coronal (T -> l06 K) radiation observed from
such stars. In this frame, perhaps the most im-
portant result of the observations of soft X rays
is the discovery, with the Einstein spacecraft,
of a rather sharp dividing line in the HR
diagram. For giants, those stars hotter than
about V-R = 0.80 (K0 III) emit soft X rays in
detectable amounts, while those cooler do not
(Ayres et al., 1981). This coronal dividing line
(the X rays are presumed to arise from a hot
corona) falls close to the temperature dividing
line defined by the appearance in the ultraviolet
spectra of giant stars warmer than approx-
imately K0 of lines of C IV, indicating the
presence of a plasma with T _-> l0 s K. EX-
OSAT detections are actually made on Miras
with a hot companion (R Aqr and CH Cyg),
individual nonvariable M giants (_ And), Miras
(RS Aqr), and protoplanetary nebulae (V1016
Cyg, HM Sge, and RR Tel). It was
demonstrated by Viotti et al. (1985) that the
weak X-ray emission at Mira maximum is not
correlated with the Mira-type variations. Detec-
tion of X-ray emission in any single M, S, and
C star would certainly warrant further in-
vestigation, since it would clearly be an excep-
tion and so little is presently known about the
chromospheres of these objects.
Only disparate attempts on far-UV flux
measurements exist. The Orbiting Astronomi-
cal Observatory (OAO-2) UV spectrometer ob-
served only the M supergiant, ct Ori: no varia-
tions were detected on the seven scans (Code
and Meade, 1979). On the other hand, Code
et al. (1980) gave UV magnitude between 1330
and 4250 ,_ for five M variable and nonvariable
giants and supergiants. Unfortunately, the large
bandwidth required for OAO-2 photometry by
the rapidly decreasing fluxes toward the
ultraviolet and the complex spectra of these
stars made the flux determination ambiguous.
With the Astronomical Netherlands Satellite
(ANS), Wesselius et al. (1982) have observed
eight M giants and supergiants, some of them
many times. The star a Ori, registered six times,
appears to be variable; however, as the point-
ing prevision was I arc-minute, two or more
stars could be present in the field of view, and
the observed variability cannot be conclusive.
On the basis of three observations, the authors
conclude that HD 100029 (M0 III) is not vari-
able. A probable hot UV-bright companion was
found on HD 216131 (M2 III).
In their comparison between the current UV
photometric and spectrophotometric systems
used for late-type stars, Kjaergaard et al. (1984)
point out: (a) a strong nonlinearity at low flux
level for the TD 12635 ,_ band; (b) a strong color
effect on the TDI 2740 ,_ band, as well as on
the OAO-2 2950 A band, due to red leaks in
the sensitivity functions; and (c) a strong influ-
ence of the scattered light of the late-type stars
on OAO-2 spectrophotometry. Only the ANS
photometry and the International Ultraviolet
Explorer (IUE) LWR spectrophotometry are
found to be without large systematic errors.
Their Table 2 gives several (UV-V) indices for
stars of various spectral types and luminosity
classes. Unfortunately, this table gives no data
for giants with (B-V) > 1.5 (KS) and for
supergiants with (B-V) > 1.8; therefore, it is
applicable only for the hotter R and Barium
stars, keeping in mind uncertainties in the data
as commented by the authors. Moreover, the
presence of emission lines such as Si II )_M808,
1817 or the Mg II doublet may cause uncertain-
ties in these indices. Only the three M giants
or supergiants, HD 6860 (M0 III), a Ori (M1
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Ia), andHD 217906(M2.5II-III), areob-
servedwith thesatellitesTD1, OAO-2,and
ANS;theaccuracyof themeasurementsdoes
notpermitquantitativecomparisons.
A newerainresearchonouteratmospheres
andchromospheresdawnedwiththelaunchof
IUE,forit madepossiblefairlyroutineobser-
vationsof ultravioletspectraineitherashort-
wavelength(1150to 2050_,) or a long-
wavelength(1800to3250._)band.Moststudies
of IUEspectrahavefocused,naturallyenough,
ontheemissionlines,andtheseresultsaredis-
cussedinChapter2(observations)andChapter
8 (chromosphericmodeling).It becameclear
fromtheearliestultravioletobservationsthat,
in thecoolerpartof theHRdiagram,spectra
of giantsandsupergiantswereof twodistinct
types,dependingonthepresenceorabsenceof
linesof stagesof highionization.All starshow
emissionlinesfromsucheasilyionizedelements
asMgII andFeII (thearchetypallinebeing
Mg II )x2800),whicharerepresentativeof a
warmchromosphere(6000to 15000K).Those
starsto theleftof analmostverticalinenear
K0alsoshowlinesfromhighlyionizedelements
(thearchetypallinebeingCIVM550A)repre-
sentativeof ahot(- 105K) plasma;thoseto
therightof this"temperature"dividingline
showno high-ionizationlines(Linskyand
Haisch,1979).Theasymmetryoftheemission
lines(MgII handk) furtherindicatesanout-
flow of materialin thecoolergiants(Stencel
andMullan,1980),andthis"mass-loss"divid-
inglineliescloseto thetemperaturedividing
line.Asdescribedabove,observationswiththe
Einsteinspacecraftof X raysrevealasimilar
dividinglinein theHRdiagrambetweenstars
with(totheleft)andwithout(totheright)soft
X-rayemission(Ayresetal., 1981),whichX-
raydividinglineisalsoclosetothetemperature
dividinglineandthemass-lossdividingline.
Theseobservationsaccordwithandgreatly
expandpreviousknowledgethatvioletemission
linesof FeII (multiplets1,6,and7)areprac-
ticallyubiquitousinthespectraof M giantstars
(BoesgaardandBoesgaard,1976)andareeven
seeninN-typecarbonstars(BidelmanandPy-
per,1963),butarenotseenin warmerstars,
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whilethehigh-excitation10830,_lineof HeI
is almostuniversallyabsentfromsinglered-
giantstars(Zirin, 1982).Thecommoninter-
pretationof theseresults,supportedbymany
observationsandbasedona fair amountof
modeling,isthatgiantstarswarmerthanabout
K0 aresolar-likein havingwarmchromo-
spheresandhotcoronae,whilecoolergiants
havewarmchromospheresandoutflowingmat-
ter(Linsky,1980,1982;Brown,1984;Linsky,
1985).Exceptforbinarystars,then,weexpect
theredgiantsof interesthere,all of which,
exceptperhapsfor thewarmestR stars,lie
clearlyto therightof thedividinglinesin the
HRdiagram,generallyto showMgII inemis-
sioninsomestrengthandevidenceofmassloss
butnospectrallinesfromseveral-times-ionized
elements.
SticklandandSanner(1981)observedthe
far-ultravioletcontinuaof 15lateK andM
giantandsupergiants ars(aslateasM6)with
IUE andobtainedradiationtemperaturesat
1850and1250,_,.Remarkably,theradiation
temperatureat 1850_,of all starswascloseto
3400K.Theyalsodemonstratedthatthisflux
originatesinthechromosphere.Severalstudies
havefoundageneraldecreasein thefraction
of ultravioletflux in bothemissionlinesand
continuum,relativetobolometricflux,asone
goestolaterspectraltypesamongtheM giants.
IUE hasconfirmedanddelineatedthistrend
downto M6for starswithangulardiameters
fromlunaroccultation(Steiman-Cameronet
al., 1985).
AlongwithnumerousGandK giants,sev-
eralM giantsandsupergiantshavebeenob-
servedwith IUE. Representativespectraof
threeM giantsandonesupergiant(o_Ori)are
shownin the valuableatlasby Winget al.
(1983).Whenlineprofilesof MgII areavail-
able,theusualprocedureisto constructatem-
peratureprofile throughthe chromosphere.
Eventhen,noattempthasyetbeenmadeto
reproducebyanyempiricalor theoreticalmodel
thefluxof otherlinesor thecontinuum.Aver-
age properties of the chromospheres can be
deduced from lines of Fe II and C II. A study
of 14noncoronalG8-M3giants,forexample,
leadsto temperaturesof 7000to 9000K and
electrondensitiesof - 108cm-3,andtheseap-
pearto beindependentof spectraltype(Car-
penteret al., 1985).Most of the effort in
warmer(F,G,andK) starshasbeendirected
towardlinkingtheobservedlineemissionto
otherstellarparameterssuchasmass,luminosi-
ty,age,orrotationalvelocity.AlthoughtheM,
S,andC stars of interest here have often been
neglected, progress can best be judged from
several recent reviews (Linsky, 1980, 1982,
1985; Brown, 1984; Bohm-Vitense and Quer-
ci, 1986).
More attention has been given to Betelgeuse
than any other star of interest here; it is often
taken as the archetype red giant. Although
spectral lines are discussed more fully in
Chapter 2, we mention here some of the results
so far derived. Analyses of the Mg II h and k
lines, along with the Ca II H and K lines, leads
to a temperature profile of the upper photo-
sphere and lower chromosphere (Basri et al.,
1981). Chromospheric densities can be deduced
from the relative strengths of the lines in the
C II (UV 0.01) multiplet (Stencel et al., 1981;
Carpenter, 1984). The extent of the chromo-
sphere can then also be deduced from the ab-
solute intensities of the C II lines. For Betel-
geuse, the chromosphere has a temperature of
6000 to 8000 K and a thickness on the order of
the radius of the star. The variation of relative
velocity within the chromosphere can be ob-
tained from a study of the line shifts of the
numerous Fe II lines (Carpenter, 1984).
Ultraviolet observations of other M, S, and
C stars we summarize briefly. Barium stars
show strong emission lines of Mg II similar to
K giants of the same temperature. Early R stars
show no ultraviolet chromospheric indicators,
while later R stars (R8) have weak emission
lines of Mg II and Fe II (Eaton et al., 1985).
S stars apparently show a large range in
strength of chromospheric emission, but very
little has been published. One special use of
IUE is to search for hot companions to M, S,
and C stars. Several types of these peculiar red
giants have been observed in the short-wave-
length region for possible white-dwarf compan-
ions, and a few have been discovered (Dominy
and Lambert, 1983; BOhm-Vitense and
Johnson, 1985).
The first attempt to observe N-type carbon
stars was negative (Querci et al., 1982): neither
emission lines nor continuous flux were re-
corded; the observed flux was lower than
10 -16 erg/cm 2 ,_ (3a flux limit). Later obser-
vations with IUE detected weak UV spectra,
with some continuum down to at least 2850/_,
for seven bright N-type carbon stars (Johnson
and O'Brien, 1983; Querci and Querci, 1985;
Johnson and Luttermoser, 1986). Longward of
2850 .A, the spectrum is basically an absorption
spectrum--apparently the ultravioletward ex-
tension of the photospheric spectrum; short-
ward of 2850 ,_,, only emission lines (C II, Mg
II, AI II, and Fe II) are detected. The contin-
uous flux is, however, much weaker than in M
giants, which implies either that the cool C stars
have weak chromospheres (low temperatures or
densities) or that an important opacity source
is located above the emission-line-forming
region (see the conclusions obtained in this
sense in Chapter 2). Yet the strength of the
chromosphere (e.g., LMg/LBol) decreases rap-
idly with spectral type among the M giants. Will
M7 or M8 giants, which have effective temper-
atures as low as those of N-type carbon stars,
have chromospheres as weak? Why are chro-
mospheres of carbon stars so weak? Is it due
to lower temperatures or different chemical
composition or more overlying absorbing ma-
terial? Observation time on the Space Telescope
is necessary to observe these stars with enough
light signal and at various phases to make
decisive progress on this problem.
A violet-ultraviolet color-color diagram (Mg
II-V vs. IUE-V) has been developed and used
to compare spectrophotometric aspects of IUE-
LWR observations for K, M, S, and C stars
(Eaton et al., 1985), as is shown in Figure 1-2
(see also the section on Intrinsic Properties). As
anticipated, red giants and supergiants have low
UV continuous fluxes and display lines from
only such low ionization stages as Mg II and
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Figure 1-2. A two-color diagram for stars showing an Mg H index (measuring ratio of the flux in
a 30 `4 band at 2800 .4 to the flux at V) against an IUE color (the ratio of flux between 2585 and
3200 .4 (Mg H omitted) to the flux at V). G and K dwarf stars are shown as circled dots, G, K, and
M giants and supergiants as letters, R stars as asterisks, and N stars as open circles (from Eaton et
al., 1985).
Fe II (see Chapter 2), indicating the lack of a
transition region.
On the low-energy side, (i.e., the far-IR),
the opaqueness of the terrestrial atmosphere
necessitates the use of satellites. The outstand-
ing of these--the Infrared Astronomical Sat-
ellite (IRAS), a joint project of the United
States, the Netherlands, and the United King-
dom-produced a wealth of valuable data dur-
ing 1 year of use (Neugebauer et al., 1984).
Another one, the Infrared Space Observatory
(ISO), is planned to be launched by the Euro-
pean Space Agency (ESA) in 1992 to perform
imaging, spectroscopic, photometric, and po-
larimetric investigations in the IR spectral range
from 3 to 200 #m during an operational lifetime
of about 18 months.
The data of IRAS are presently under reduc-
tion; the first results on cool giants were
presented at the University of California at Los
Angeles, meeting, "Mass Loss from Red
Giants," held in June 1984, and at the Calgary
Workshop in 1986. Physical parameters of the
stellar outer layers are deduced. The low-
resolution spectrometer (LRS) made spectra
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between8and22.5#mwithaspectralresolu-
tionvaryingbetween15and30.A continuous
sequenceisfoundbyOlnonetal. (1984)from
classicalMirasto theveryredMiraslikeOH
17.7- 2.0 or OH 26.5 + 0.6, which are very
cool objects (Werner et al., 1980); only the
outermost dust shell is visible at all LRS
wavelengths, and no absorption features are
observed. As it is already known from the radio
observations (Smolinski et al., 1977), Stickland
(1985) found no contribution to the IR excess
from free-free radiations on hypergiants.
Analyzing the IRAS data of many RCB stars,
Schaefer (1985) finds a bimodal distribution
among them (see the section Eruptive
Variables: The RCB Stars). Maps at 60 and 100
#m around M supergiants are also obtained
with IRAS. For _ Ori, "shells" appear that are
not centered on the star. Are these shells ejected
remnants or parent cloud to t_ Ori (Wesselius,
1984)?
Long-term monitoring of a few oxygen-rich
Mira variables has already begun to provide in-
formation about the temporal variation of the
peak intensity and the shape of some radio
maser lines (Barcia et al., 1985); their profile
and their three-peak structure are in agreement
with theoretical calculations (Zhou and Kaifu,
1984). Moreover, the mean intensity ratio be-
tween the v = 1 and v = 2 SiO lines seems to
agree qualitatively with the theoretical predic-
tions of Buj arrabal and Nguyen-Q-Rieu (1981 ).
Let us also point out some scarce radio flares
detected on o Cet (Boice et al., 1981), on R Aql
(Woodsworth and Hughes, 1973; Bowers and
Kundu, 1981), on V Cyg (Querci et al., 1979),
and on a Ori (Kellermann and Pauliny-Toth,
1966; Seaquist, 1967). We stress the importance
of monitoring radio, visible, and far-UV con-
tinuum for the detection of such nonthermal
flares and the analysis of their energy distribu-
tion. The radio continuum spectrum of c_ Ori
obtained with the very large array (VLA) was
fitted by a power law S - v 6witha = 1.32
(Newell and Hjellming, 1982). A model of
chromosphere has been deduced with an elec-
tron temperature of 10000 K and an extension
of 4 R..
In this brief review, we have summarized the
first photometric attempts made in the far-UV
and X rays and in the far-IR and radio frequen-
cies to show the relative lack of monitoring in
these spectral ranges and the urgency in foster-
ing such observations. The reasons for the
paucity of observations are mainly that: (a) the
stellar flux is very low, and it can be registered
with current instruments for only a few bright
stars; and (b) the flux may be strongly variable
(why not?), and the phase of the star's max-
imum has not always been considered.
Space Motion and Space Distribution
Although detection of M, S, and C stars has
mainly been due to objective-prism surveys,
new techniques involving photoelectric spectral
scanners or photography of star fields through
narrowband filters are adopted to identify cool
stars in crowded fields such as the fields of rich
star clusters (Palmer and Wing, 1982). These
filters are selected from Wing's (1971) eight-
color photometry previously used to identify
carbon stars (e.g., Wing and Stock, 1973) or
to classify M supergiants (White and Wing,
1978).
In the solar neighborhood, only 1 percent
of all the stars are giants, and the G, K, M, and
correlated types of giants make up at most 5
percent of this 1 percent (Jaschek, 1985). The
apparent and space distributions in the solar
neighborhood are well known through early re-
views on the question. M stars are found in
large numbers in the galactic center direction
(2000 per square degree according to Blanco,
1965), while the C stars avoid this direction. On
the other hand, the C stars are strongly concen-
trated toward the galactic equator, compared
to the late M stars. The majority of carbon stars
appear to be spiral-arm objects. Among the car-
bon stars, the R stars have smaller concentra-
tion toward the galactic plane than the N stars;
moreover, the R stars are found in great num-
bers where no N stars are present. The disper-
sion of the early R stars above the galactic plane
indicates that they are representative of a pop-
ulation that is older and less massive than the
N stars(Stephenson, 1973). Alksne and Ikau-
nieks (1971) note an apparent concentration of
later (R5-R9) stars toward the galactic equator
similar to that for Mira and semiregular C stars,
while type Lb (irregular variations of light)
variables are concentrated more to the equator.
The radial distribution and hydrogen deficien-
cy appear to be correlated: R stars such as HD
100764 have low radial velocity (5 km/s) and
do not suffer the severe hydrogen deficiency
seen in supergiant R stars such as the high-
velocity star, HD 182040, in which the Balmer
lines are absent (Sanford, 1944).
The nonvariable HdC stars have strong
similarities with the RCB (variable HdC stars):
chemical composition, space distribution ([#J
from 0.008 to 0.024 and I#_l from 0.010 to
0.035). These values of radial velocities and
proper motions are the characteristics of high-
velocity stars. With space velocities in excess of
400 km/s, these stars are members of the halo
population. The He stars (hotter HdC stars)
seem to be spread out farther from the galac-
tic plane than the cooler ones, as is also in-
dicated by their somewhat larger radial veloci-
ties (Warner, 1967). In summary, all the cool
nonvariable HdC stars appear to be closely con-
centrated to the galactic center, whereas the
RCB stars are not noticeably concentrated to-
ward the galactic plane and galactic center. The
He stars are widely distributed.
As for the M stars, if the late types (M7-
M10) are concentrated in directions close to the
galactic center, as quoted above, MS-M6 types
are not as concentrated, and M2-M4 types are
nearly equal in number in the galactic center
and the anticenter directions. Moreover, the
early M types present local groupings along the
galactic equator. It is concluded by several
authors (quoted by Alksne and Ikaunieks,
1971) that half or more of early M-type stars
are members of the galactic spiral arms, while
late M types belong to the disk population. An
illustration is provided by the careful study of
722 M giant stars (with a few S and C stars)
in the Perseus spiral arm (Ichikawa, 1981). As
pointed out by Gehrz et al. (1981), OH/IR stars
are strongly confined to the galactic plane and
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are usually found at such large distances (6 to 8
kpc) (Baud et al., 1981; de Jong, 1983) that in-
terstellar extinction at infrared wavelengths
cannot be neglected. Space densities (n o) and
effective heights of the space distribution (Ze)
from the galactic plane of late-type M giants
in the solar neighborhood observed by various
authors are listed by Mikami and I shida (1981;
see their Table 3). These authors compare them
with their statistical estimates based on the
Two-Micron Sky Survey data (Neugebauer and
Leighton, 1969) and find them to be in good
agreement; moreover, they determine the space
density and distribution of M supergiants
(Table 1-2).
S stars are as numerous in the direction of
the galactic center (like the late M stars) as they
are concentrated in the galactic spiral arms.
Discussing the kinematics and stellar popu-
lation of the Ba II stars, Eggen (1972a) con-
cludes that their space motions resemble those
of an old disk population of 1.0 to 1.5 Me
stars. In their sample of Ba II stars, Catchpole
et al. (1977) found a difference in velocity
dispersion from Ba-strong versus Ba-weak
stars, which is explained by Rocca-Volmerange
and Audouze (1979) as a reflection of an age-
versus-abundance correlation.
Other investigations studied the distribution
of late-type red giants in the direction of the
central regions of our Galaxy and of other near-
by galaxies, the Large and Small Magellanic
Clouds, and other galaxies such as M31. Blan-
co et al. (1978, 1984) survey Baade's Window
(that surrounds the globular cluster, NGC
6522), which constitutes a uniquely complete
sample of the red-giant population of the galac-
tic nuclear bulge. The striking feature is a very
large number of M giants, but no C or S stars
were found, even though they should have been
detected had they existed. Such a result con-
firms a previous survey in the Sagittarius I
region (Baade, 1951), in a direction closer to
the galactic center than Baade's Window.
Therefore, the ratio of the number density of
carbon stars to the number density of M
giants--the C/M ratio--is negligibly small in
the galactic bulge.
Table 1-2
Space Densities and Distributions of Nearby M Giants and Supargiants*
Spectral Member Density Effective Height
Type (10 -6 stars/pc 3) (pc)
KO-K4 40.0 170
K 5-M 1 3.5 200
M2-M4 3.1 310
M5-M6 0.9 390
_>M7 0.6 380
M supergiants 0.054 210
*Adapted from Mikami and Ishida (1981).
The distribution of carbon and M-type
giants in the Magellanic Clouds (Aaronson,
1984) and nearby galaxies is important for in-
terpreting AGB evolution (e.g., Iben, 1984;
Wood, 1985) and for understanding fundamen-
tal galactic properties, such as the metal abun-
dance (C/M is strongly correlated with this
quantity (e.g., Scalo, 1981)), the distance to the
galaxy, and the full AGB luminosity function
for the galactic field studied. Outstanding is the
lack of late-type M stars in the central regions
of the Small Magellanic Cloud (SMC), remind-
ing us of the almost complete lack of C stars
in the bulge of our Galaxy (Blanco et al., 1978).
Also, differences in the C/M ratio between the
SMC and the Large Magellanic Cloud (LMC)
are noticeable. A survey of high degree of com-
pleteness for carbon stars and M-type giants in
the Magellanic Clouds (Blanco and McCarthy,
1983) indicates that the ratio of the surface den-
sity of carbon stars and that of giants of type
M6 or later in the SMC varies from 19.2 _+ 0.8
at the center to 4.7 _+ 0.4 in the periphery, while
the C/M ratio is 2.2 _+ 0.1 throughout the
LMC. It is suggested that the mixture of stellar
populations is roughly uniform across the
LMC, but not in the SMC. Recalling the neg-
ligible value of the C/M ratio in the galactic
nuclear regions, Blanco and McCarthy (1983)
note that their population includes older and
less massive red giants than those observed in
the Magellanic Clouds. A recent review of the
distribution and motions of red giants in the
Magellanic Clouds is by Catchpole and Feast
(1985).
A field in M31 has been investigated by
Richer, Crabtree, and Pritchet as quoted by
Richer (1985) in which C/M is about 0.12, im-
plying a metal abundance higher than that in
either the LMC or NGC 300, but lower than
that in the galactic center. In addition, there ap-
pears to be a deficiency of luminous AGB stars
as in the LMC.
To conclude on the spatial distribution, we
note that carbon stars have been discovered in
all dwarf spheroidal galaxies (Aaronson et al.,
1983).
Intrinsic Properties
Red giants and supergiants (M, S, C, Ba II,
MS, CS, CH, and CN stars, etc.) occur in a
large range of stellar masses and ages because
they are found in halo, old disk, and young disk
populations. The observational data indicate
that they have mixed nuclearly processed ma-
terial from the core to the atmosphere for
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luminositiessuchas-10_-<Mbo I <- + 3, ages
from -107 to 10 l° yr, and a broad range of
masses from -1 Mo to -> 20Mo, with a
mean mass of 1.2 Mo (Scalo, 1976, 1984). A
summary of the physical properties (luminosi-
ties, temperatures, masses, abundance of ele-
ments, population types, etc.) of red giants of
the disk population, as well as their character-
istic spectral features, is given in Table 1-3
(from Scalo, 1981).
Absolute Magnitudes and Colors. The N-type
stars and the various S-, MS-, and CS-type stars
belong to luminosities -4 > Mbo t > -6 (Richer,
1981; Bessel et al., 1983; Lloyd-Evans, 1983).
They are asymptotic giant branch (AGB) stars
where the helium shell flashing occurs in the in-
termediate mass stars. Ishida (1960) gives an
M of -1.5 to -2.0 for the N-type stars. The
RS-R8 stars are also very bright but probably
not well classified (Eggen, 1972a). The hotter
R stars (R0 to R4 types), the Ba II and CH
stars, fall in a fainter range of luminosity ( + 3
=< Mbot <= -3); they are not so high on the
AGB as the N-, S-, MS-, and CS-type stars
quoted above. They are probably older, lower
mass stars. With the well-known relation
among the emission core of Ca II H and K lines
and the luminosity of late-type stars (Stratton,
1925; Wilson, 1959; Wilson and Bappu, 1957;
Warner, 1969), Richer (1975) obtains the range
in M between -0.1 and + 1.1 for the hot R
O
stars. Bright members of this class are HD
182040 with V = 6.99, B-V = 1.07, U-B =
0.65, R-I = 0.55, and I-L = 0.44 and HD
156074 with V = 7.61, B-V = 1.1, R-I = 0.3,
and I-L = 2.2.
Although the great majority of these stars
are variable, we must keep in mind that some
are considered nonvariable, such as the early
R stars, which are predominantly nonvariable
giants (see the section Nonvariable Stars).
Distinctions in absolute magnitudes or in col-
ors are noted between variables and non-
variables of the same type or same class. The
variable R stars are redder than the latest R
nonvariables (Vandervort, 1958). The non-
variable R and N stars both have a continuum
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I104 magnitude M(104) >- -1.2 (Baumert,
1974); they are approximately 1.5 to 5 mag
fainter than the variables, while the early non-
variable R stars are 2 mag fainter than the late
R nonvariable stars. Baumert (1974) notes that
the brightness increases in the sequence non-
variables, irregular Lb giants, semiregular SRb
giants, Miras, and semiregular SRa giants. (See
the section Variability Types of Giants and
Supergiants for the definition of these various
variables.) No clear correlations were observed
between absolute magnitude and CN strength
or temperature.
To conclude on the "classical" carbon stars,
we stress that the early R stars are physically
distinct from the later carbon stars. Such a
dichotomy is not only striking from visible in-
dices, as mentioned above, but also from the
(R-/) index (Eggen, 1972b) and from a far-UV
index (Eaton et al., 1985). From the latter,
the carbon stars seem to be separated into
three groups in the color diagram (Mg
II-V)/(IUE-V) (Figure 1-2). Early R stars fall
into two groups among the late G and early K
giants; late R stars (R5 to R8) distinctly overlap
with the reddest K and M giants, joining
smoothly with the N stars at their bluer end.
The N sequence extends 2.5 mag farther to the
red. On the other side, Figure 1-2 illustrates the
relation between color and chromospheric emis-
sion for C stars and other giants: the fraction
of stellar luminosity radiated in the
chromospheric Mg II lines decreases with ef-
fective temperature. Low chromospheric emis-
sion characterizes the N and R stars (also the
G dwarfs) and a few K stars, whereas most of
the K and M giants are located above the car-
bon sequence by up to 2 mag.
All the properties of the HdC stars are well
summarized by Warner (1967), Wallerstein
(1973), and Hunger (1975).
The atmospheric parameters of the RCB
stars indicate high luminosity; they are as lu-
minous as other HdC stars (Warner, 1967).
These stars are supergiants (Orlov and
Rodriguez, 1977). Herbig (1958) gives Mbo t -
-4.0 to -6.0 for the prototype star, R CrB. In
his Table 20, Glasby (1968) gives 25 RCB stars
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with maximum and minimum magnitudes and
spectral types. Alksne and Ikaunieks (1971)
show the spectral class, Howarth (1976) shows
the maximum magnitude and spectral class, and
Sherwood (1976) adds some stars to Glasby's
list. Among them, four are observed in the
Large Magellanic Cloud: W Men, SY Hyi, HV
5637, and HV 12842, with the absolute mag-
nitude at maximum being -4.8, -6.6, -3.2, and
-4.9, respectively. Duerbeck and Seitter (1982)
give a list of RCB stars with their spectral type,
their V, B- V, and U-B values, and their pulsa-
tional period.
Various estimates have been made concern-
ing the helium stars; they are based on the
strength of interstellar lines and proper mo-
tions. For MV Sgr, Klemola (1961) gives M
O
-2.0 to -4.0, and consequently, Mbo t ---
--4.0 tO -6.0; Herbig (1964) gives a value of -5.0
for Mbo I.
The analysis of the interstellar D lines of the
typically hydrogen deficient C (HdC) non-
variable star, HD 182040, shows that this R star
is highly luminous and confirms Warner's
(1967) conclusion that the HdC stars are super-
giants (Utsumi and Yamashita, 1971). From
observations of the Ca II K emission cores and
the Wilson-Bappu effect, Richer (1975) gives
M _ -4.1 for the three nonvariable HdC
U
stars: HD 137613, HD 173409, and HD 182040.
Because their atmospheric parameters indicate
high luminosity, they are as luminous as their
variable analogs (Warner, 1967). The hydro-
gen-deficient (supergiant) R stars are physical-
ly distinct from the N and "classical" giant R
stars. The He, RCB, and nonvariable HdC
stars have a common range in values of mean
M ° value -2.0 to -5.0.
MacConnell et al. (1972) estimate that 1 per-
cent of the G and K giants are Ba II stars;
therefore, the Ba II are Population I giants
(classical and very weak line objects), and their
absolute magnitudes are Similar to those of G
and K giants (Baumert, 1974). The classical Ba
II stars are all binaries, but this may not be true
for the mild Ba stars. Bond and Neff (1969) and
Gow (1976) showed the excess absorption in the
violet region of the Ba II stars: a controversy
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developed about the reality and the identity of
this feature (McClure, 1984, and references
therein). The difficulty in placing the Ba II stars
in the HR diagram is mainly one of determin-
ing their luminosities and Morgan-Keenan spec-
tral classification. From his analysis of many
studies, McClure (1984) concludes that most Ba
II stars have "normal or slightly above normal
(<Mo> --- 0.0 mag) G and K giant luminosi-
ties." However, the classical bright Ba II star,
Cap, has a very high luminosity: M ° _ -3.
This implies that the star has a large mass or
that it could be in a helium shell flashing stage
of evolution on the second AGB (McClure,
1984).
For the CH stars, we have M(104) = -3.9
as derived by Baumert (1974), who believes that
the CH stars measured by Wing and Stock
(1973) are at the extreme tip of the red-giant
branch.
Among the brightest stars are early M-type
supergiants (M0 to M4 types) with -8 =< Mo =<
-5. Stothers and Leung (1971), Humphreys
(1978, 1979), and Cowley and Hutchings (1978)
collected such bright objects in clusters, nearby
galaxies, and the Large Magellanic Cloud.
Their Mbo t would be -7 to -10 (Glass, 1979),
like the M supergiant near 30 Doradus, the car-
bon stars in NGC 1783 or NGC 2477, or 0 Cas
and VX Sgr (Sargent, 1961). The most lumi-
nous of the nearby supergiants is # Cep. With
its M ° _ -8 and its Mbo ! -_ -10, it is about one
million times brighter than the Sun. All these
stars are also considered to be super-
supergiants, a term introduced by Feast and
Thackaray (1956), otherwise called hypergiants
(Van Genderen, 1979).
For the M Miras, Clayton and Feast (1969)
conclude that the absolute magnitudes vary
smoothly within the period: M m = -3.0 to
-1.0 at maximum light and M 1 = -1.5 to 0.1
at mean light intensity, with periods varying
from - 180 to - 500 days. The shorter period
Miras (- 130 days) deviate from this period/
luminosity relation. They have M m = -1.6
and M 1 = 0.1. Robertson and Feast (1981)
show that the stellar luminosity decreases with
period for the galactic Miras, and Glass and
Lloyd-Evans(1981)reachthesameconclusion
for theMirasin theLargeMagellanicCloud.
Informationoncolorsandluminositiesare
bestdisplayedasanobservationalHRdiagram,
andseveralttemptstoconstructsuchdiagrams
for galacticredgiantshavebeenmade(e.g.,
Scalo,1976;Tsuji, 1981c).A betterresult
comesfromtheMagellanicClouds,wherethe
knowndistancepermitsabsoluteluminosities
to bedetermined(Woodetal., 1983).(Seethe
sectionAspects of Evolution of Long-Period
Variables (LPV's) in the Magellanic Clouds.)
Effective Temperatures. Effective temperatures
can be measured or estimated for at least a few
stars from the relation F = oT4ff, where F is
the integrated energy flux at the stellar surface.
This flux can in turn be derived by any of
several means, all depending on some variation
of the relation between observed energy flux
0c), emitted flux (F), and angular diameter (0):
f = F(02/4), where the flux is either mono-
chromatic or integrated. That is, the effective
temperature can be inferred for any star for
which the angular diameter and total integrated
(bolometric) flux (outside the Earth's atmo-
sphere) can be measured. This latter quantity
is often difficult to obtain for late-type stars
since the bolometric correction is so large. In
fact, the desired information--complete spec-
trophotometry--is seldom available for the M,
S, and C stars (Strecker et al., 1979, for M
stars; Goebel et al., 1980, for a carbon star; and
Augason et al., 1986, for S stars), and fluxes
obtained from broadband colors are used in-
stead (e.g., Ridgway et al., 1980a).
Angular diameters are measured or inferred
by several means:
1. They can be directly measured by lunar
occultation for stars near the ecliptic, and
this is the principal source of our current
data (e.g., Ridgway et al., 1980; Beavers
et al., 1982).
2. For a few stars, values of angular
diameters are available from Michelson
interferometry or from speckle in-
terferometry (e.g., Balega et al., 1982;
Bonneau et al., 1982; see also Chapter 2).
3. Angular diameters can be indirectly in-
ferred from the relation between visual
surface brightness and unreddened (V-R)
color (Barnes and Evans, 1976; Barnes
et al., 1978; Eaton and Poe, 1984) al-
though the validity of this relation for the
coolest giant stars has not been estab-
lished beyond doubt.
4. Substitution of the monochromatic flux
from an appropriate model for the flux
at the stellar surface allows one to infer
the angular diameter of any selected star
for which the monochromatic flux can
be observed (see above formula).
If the integrated flux can be observed, the
effective temperature can also be calculated.
Since the infrared region is often least influ-
enced by molecular bands, it offers the best
choice for application, and the method is gen-
erally called the method of infrared photometry
(Blackwell and Shallis, 1977; Blackwell et al.,
1980). For the coolest red giants generally, this
method provides the best present information
and has been used to define a temperature scale
for M giants (Tsuji, 1981a), for S stars (Auga-
son et al., 1986), and for N-type carbon stars
(Tsuji, 1981b).
A final method of determination of effec-
tive temperature, that of model fitting, does not
depend on the angular diameter. Instead, one
directly compares computed and observed flux
curves and chooses the effective temperature of
the best-fitting model. Widely used in hot and
intermediate stars, the method has not been
much used in cool stars (e.g., Querci et al.,
1974; Bouchet et al., 1983; Steiman-Cameron
and Johnson, 1986) because of the lack of com-
plete spectrophotometry and the deficiencies of
the models, although it has been applied to
calibrate a scale of effective temperatures
for M giants (Tsuji, 1978). As these deficien-
cies are corrected, this method will assume
greater importance. In this scope, the com-
parison between observed and synthetic spec-
tra should give an effective temperature (e.g.,
Querci and Querci, 1976). However, it remains
the problem of uniqueness of the solution.
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Table 1-4
Effective Temperatures (T.) for M Giant Stars*
Spectral
Type
T V-K T. (K)' T,, (K)2 T,, (K)3(Kc) Color
MO 3750 3.78 3895 3900 3800
M1 3640 4.02 3810 3800 3865
M2 3530 4.30 3730 3700 3800
M3 3400 4.64 3640 3600 3640
M4 3250 5.10 3560 3500 3460
M5 3000 5.96 3420 3300 3310
M6 2600 6.84 3250 3200 3280
M8 --- 2300
1. Effective temperature from broadbandcolors and lunar occultation angulardiameters (Ridgway et al.,
1980a,b).
2. Effective temperature from model fitting (Tsuji, 1978).
3. Effective temperature by method of infrared photometry (Mira variablesare not considered)(Tsuji,
1981a).
*Color temperature is on the Wing system (Ridgwayet al., 1980).
In the past, a rough method was to use a
spectroscopic temperature or excitation temper-
ature for the effective temperature.
Results for M giant stars are collected in
Table 1-4. Although these are the best current
values, there is still considerable uncertainty,
and much more work is needed. A graphic
comparison of the results obtained for M stars
by lunar occultation (Ridgway et al., 1980a, b),
by infrared photometry (Tsuji, 1981a), and by
the method of model fitting (Steiman-Cameron
and Johnson, 1986) is shown in Chapter 7
(Figure 7-14). As yet, there is no reliable tem-
perature scale for M giants or supergiants later
than M6, where most stars are Mira variables,
the very red ones being OH-IR objects.
Several obstacles hinder the decisive deter-
mination of effective temperatures for the R
stars. No angular diameters are available, mol-
ecules distort all broadband colors, the method
of infrared photometry fails because of an ex-
cess of flux in the L band compared to G-K
giants, blackbody colors are inconsistent, and
insufficient spectrophotometry is available for
model fitting. These and other problems have
been exhaustively discussed by Dominy (1982,
1984), who finds that effective temperatures for
three R0 stars lie in the range 4500 =< T.n =<
4850 K. However, some R0 stars may be even
hotter. Dominy finds that R5 stars are nearly
as hot as R0 stars. The temperature scale for
the later R stars is presently quite uncertain, and
these stars may not be closely related to the ear-
ly R stars.
Effective temperatures for N-type carbon
stars have been notoriously difficult to obtain,
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andevennowtheyareuncertainexceptfor a
fewstars.Angulardiametershavebeenmea-
suredforsixnon-MiraN-typecarbonstars,of
whichfive(TXPsc,X Cnc,AQSgr,SZSgr,
andTWOph)areirregularvariablesandone
(Y Tau)is anSRavariable(Ridgwayet al.,
1977;Walkeret al., 1979;Ridgwayet al.,
1980b;Ridgwayetal.,1982).Althoughonestar
(TWOph)issoheavilyreddenedthattheef-
fectivetemperatureisunreliable,valuesforthe
otherstarsformthecornerstoneof anyfurther
effort.
Tsuji(1981b)hasobtainedvaluesof effec-
tivetemperaturesof 31N-typecarbonstars
(SRbandLbvariables)bythemethodof in-
fraredphotometry(Blackwellet al., 1980).
Angular diameterswere deducedfrom
previouslypublishedmodels(Querciet al.,
1974;Querci and Querci, 1975) and L band
photometry (Noguchi et al., 1977), corrected
for the effects of molecular bands (however, see
discussion by Bouchet, 1984a). Combined with
complete broadband photometry, these yield
effective temperatures. For the stars in com-
mon, the results of Tsuji agree with those ob-
tained from measured angular diameters, and
we believe that these are the best values current-
ly available. The effective temperatures are all
confined within the range 2400 =< T eff =<3200
K, and most fall between 2600 and 3100 K. It
is well known that the "temperature classes"
of the C star classification are not well cor-
related with effective temperatures (e.g., Tsu-
ji, 1981b); Tsuji (1985a) presents arguments to
explain this situation.
A scale of effective temperature for non-
Mira S stars has been deduced (Augason et al.,
1986) both by model fitting and by the method
of infrared photometry, and the complicating
effect of the unknown C/O ratio is revealed.
There is also no temperature scale for S or C
Mira variables.
Once fundamental effective temperatures
have been determined for a sufficient number
of calibrating stars, it will be useful to calibrate
a color temperature derived from a carefully
chosen set of filters (Wing, 1985). When this
is possible for all types of peculiar red giants,
values of effective temperature can be routine-
ly obtained. Many effective temperature in-
dicators are presently taken into account among
the cool stars. Since the bolometric flux is very
sensitive to temperature variations and the in-
frared monochromatic flux is not, the color in-
dex, mboi-L, can be used as a temperature in-
3 (Tsuji, 1981a,dicator (proportional to Teff)
1981b, 1985a). Another is the I(104)-L(400) in-
dex by Wing and Rinsland (1981) because the
two spectral regions, 104 (1.04 #m) and 400
(4.00/_m), are free from molecular absorptions
in the cooler stars.
For cool carbon stars, Tsuji (1981c) shows
that all broadband photometric colors correlate
fairly well with his effective temperature scale.
Interestingly, although the intrinsic (R-I) col-
or is nearly the same for the N-type irregular
stars, these have a range of temperature, and
(R-I) is therefore an indicator, not of
temperature, but of interstellar reddening. The
(I-L) color is suggested by Tsuji as the best
temperature discriminant for both carbon stars
and M giant stars. Wing (1985) also suggests
the use of the I-K index.
Although the intrinsic infrared colors, (J-K)
and (H-K), for cool carbon stars correlate with
effective temperature and have been used to in-
fer effective temperature, the range in both col-
ors is relatively small (- 0.6), and the scatter
in (J-K) is large. These colors do not appear
to be reliable temperature indicators. One
reason for the scatter might be the imprecision
of the effective temperatures. On the other
hand, the claim has been made, on the basis
of comparative studies of carbon stars in the
Magellanic Clouds and the Galaxy, that the in-
frared colors of carbon stars are primarily
determined by strengths of molecular bands
and only secondarily by effective temperatures
(Cohen et al., 1981). Perhaps the answer lies
somewhere between; infrared colors may well
be influenced both by effective temperature and
by chemical composition.
The temperature range covered by the RCB
stars as a group is very large. For example, RS
Tel has a spectral class as late as R8 with a sur-
face temperature of 2500 K. Two very hot
25
stars--theB star,MV Sgr,andthe09star,
V348Sgr--arealsoconsideredasRCBstarsbe-
causeof theirvariabilitybehavior.
Radii.Thegiants,andchieflythesupergiants,
areenormouslydistended.Mostof themhave
sizesapproachingthat of our solarsystem.
Someexamplesfollow.If weadoptaneffec-
tivetemperatureof 3000K for #Cep,oneof
themostluminousupergiantM stars,wefind
aradiusof some1590timesthesolarvalue;this
meansthatthephotosphericlayersof thestar
fill inourplanetarysystemoutto theorbitof
Saturn!Theextentof the#Cepouterenvelope
layersarenot yetmeasurednowadays.The
photosphereof thesupergiantBetelgeuse(c_
Ori:M2lab)isroughlythesizeof Jupiter'sor-
bit (R --- 650 R o)" Polarimetric observations
give a radius of the a Ori outer envelope of
roughly 3700 R o • (Our planetary system would
be filled out to the Uranus orbit!) Observed
from the Earth, the outer envelope of c_Ori has
an apparent diameter equal to 1/10 of that of
the Sun. When we consider the HR diagram,
we have to bear in mind that two supergiants
of the same luminosity but with different
temperatures do not have the same diameter.
For example, the M, S, and C stars have radii
100 times that of a main-sequence B star. The
cool hypergiants are still more extended stars.
Finally, the S Mira, X Cyg, has a photospheric
radius R - 240 R o (Hinkle et al., 1982).
The direct measurement of angular diameter
of single stars uses the lunar occultation tech-
nique (e.g., Ridgway et al., 1980a, 1980b; Bea-
vers et al., 1982) and numerous interferometric
techniques such as speckle interferometry (e.g.,
see the review of Dainty, 1981, and references
therein), as noted in the previous section. A
photometric approach may also furnish the stel-
lar radius; if one knows the absolute bolometric
magnitude, Mbo t (or the luminosity), and the
effective temperature, <ff, the radius of the
star comes from: L = 4 r R 2 o Te)f-
Description of the geometrical shell exten-
sion is given by M. Querci (this volume). As
an example, let us add that, using the very long
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baseline interferometer (VLBI), Bowers et al.
(1980) found some masing regions in OH/IR
stars from > 0.5" to > 0.04 ". The extent of the
1612-MHz region can be quite large, from 1000
to 10000 AU. The apparent diameter is consis-
tent with the general predictions of the maser
models (Goldreich and Scoville, 1976).
From the knowledge of the stellar radius and
mass, the acceleration of gravity in a stellar at-
mosphere may be determined. In these stars,
the geff values are rather badly known since the
masses are linked to an uncertain evolution
theory (Wood, 1985); they are considered to be
0.1 < geff < 10. Determination of the surface
gravity for these peculiar red-giant stars re-
mains a pressing unsolved problem. Much in-
sight can be gained by examining the exhaus-
tively discussed parallel problem for the well-
observed K2 giant, Arcturus (Trimble and Bell,
1981). (Examples of indirect methods of esti-
mating the surface gravity of late-type giants
are given in Chapter 7.)
Aspects of Evolution of Long-Period
Variables (LPV's) in the Magellanic Clouds
Studying long-period variables (i.e., the
most extreme--in luminosity--red giants and
supergiants) in the Magellanic Clouds releases
us from the problem of distance determinations
(hence, absolute magnitude determinations) in
comparison to LPV's in the galactic disc for
which existing distance determinations are gen-
erally based on statistical parallaxes (since they
are not known to be related to open clusters).
Also, the LPV's in the Magellanic Clouds cover
a wide range in mass and luminosity and are
generally free from significant interstellar red-
dening (Wood, 1982).
Wood et al. (1983) obtain IR photometry
(JHK) and low-dispersion red spectra of 90
LPV's in the Small Magellanic Cloud (SMC)
and the Large Magellanic Cloud (LMC), com-
pleting the IR photometry data of Glass and
Feast (1982 and references herein) on Miras in
the LMC. Their results, which are summarized
below, largely contribute to progress in the
knowledge of the red-giant or supergiant phase
of evolutionthatendsbydrasticeventsuch
asplanetarynebulaejectionor supernovaex-
plosions.Onemustalsorecallthattheseobser-
vationsincludethebrightestand,hence,most
massivestars,someconsiderablymoremassive
thantheintermediate-massstarsthatformthe
bulkof theM, S,andC stars.
Evolutionarycalculationshowthat the
LPV'sfall into twodistinctgroups:(1)non-
degeneratecorehelium(or carbon)burning
supergiantswithmassM =>9 M o on their first
appearance as red giants; (2) asymptotic giant
branch (AGB) stars (among them Miras) with
degenerate carbon/oxygen cores and hydrogen-
and helium-burning shells, climbing up the
giant branch for the second time. Relevant
properties of the AGB stars must be noted: (1)
theoretical maximum possible luminosity for an
AGB star is Mbo t -- -7.1; (2) their main-
sequence masses are _-<9M o ; and (3) they are
able to dredge up carbon and s-process elements
to the surface through undergoing helium shell
flashes, so that they participate in the enrich-
ment of the interstellar medium in these ele-
ments at the onset of current loss of their
envelopes by stellar winds.
Observational data of LPV's in the Magel-
lanic Clouds confirm the division of these stars
in supergiants and AGB's: (1) An absolute K-
magnitude (M K) against period (P) plot (see
Figure 2 in Wood et al., 1983) shows that the
stars fall into two sequences separated by the
theoretical AGB limit in MK: below this limit,
stars are AGB stars, whereas above the limit,
they are supergiants. (2) In this plot, carbon (N)
stars and S stars (rich in s-process element Zr)
are located in AGB sequence only, as expected
from theoretical evolution calculations for
which C and s-process elements are dredged up
to the surface during helium shell flashes suf-
fered by AGB stars. (3) K light curves indicate
that the AGB stars have pulsation amplitudes
of 0.5 to 1.0 mag, whereas the supergiants have
smaller K amplitudes (<0.25 mag). (4) Finally,
the mean J-K colors are rather similar for the
supergiants whatever the period, while they
become redder with period for the AGB stars.
Wood et al. (1983) discuss the evolution and
physical properties of the LPV's in the Magel-
lanic Clouds through the (< Mbo I >, P)-dia-
gram (Figure 1-3) on which the two regions oc-
cupied by the supergiants and the AGB stars
are again clearly delimited (by dotted lines on
the figure). For each bolometric luminosity, the
core mass, M c, of the AGB stars is indicated
(theoretically, a linear relation exists between
these quantities), as well as the main-sequence
mass, MMS, for the supergiants. (These quan-
tities are related regardless of subsequent mass
loss.) Theoretical lines of constant mass (the
pulsation mass) are also plotted assuming the
LPV's are first-overtone pulsators (see details
in the section Modes of Pulsation of the Long-
Period Variables). From Figure 1-3, Wood et
al. note that the pulsation masses: (1) for the
supergiants, range from - 7 to - 30 M o, with
a strong concentration from - 10 to -25 M o ;
(2) for the AGB oxygen-rich stars, tend to range
from -0.7 to 7 M(9 ; and (3) for the carbon
stars in their sample (mainly in the field of NGC
371 and, hence, perhaps coeval), tend to con-
centrate from 1.0 to 1.5 M(9. The evolutionary
implications of Figure 1-3 are as follows.
The supergiants (including some galactic
supergiants) describe a continuous band from
(P, Mbol) -- (100 days, -6.5) to (850 days,
-8.2), with all but three of the Magellanic
Cloud objects having P > 400 days. On the
other hand, the initial main-sequence masses in
this range of luminosities and P > 400 days go
from -16 to 23 /1//(9. The pulsation masses,
which are present-day masses, indicate that the
supergiants have lost up to half their mass since
the main-sequence phase: the more luminous
and the initially more massive the supergiants,
the more mass they have lost in previous evo-
lutionary phases. The supergiant evolution re-
sults from: (1) the decrease in mass, causing P
to increase (P a M-1/2), and (2) the change in
radius with evolution (Pot R3/2).
AS AGB stars evolve, they increase their
luminosity with time, and correspondingly, they
increase their periods, P. It is worth noting that,
for the first time, stars on the upper AGB (i.e.,
with luminosity right up to the AGB limit
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(Mbo/ -- 7.1)) have been identified. The arrows
on the constant mass lines for AGB's in Figure
1-3 indicate that these lines are approximate
evolutionary tracks. (Mass-loss effects are
shown to be qualitatively unimportant.) To
each luminosity corresponds an observed maxi-
mum period, the approximate position of which
is given on the dotted line. As discussed by
Wood et al. (1983), the normal evolution of an
AGB variable evolving on an evolutionary track
with M< 3.5 M o stops when its track crosses
the dotted line (maximum period reached); at
this moment, the total mass of the star is still
greater than the core mass, showing that the
envelope hydrogen and helium has not yet been
fully destroyed by nuclear-burning shells. The
authors suggest that the evolution is terminated
by the loss of the stellar envelope, followed by
the formation of a planetary nebula, with
nebula mass they estimate to be from -0.1
M o (for the oldest evolved stars) to 2.1 M o
(for stars of initial mass 5 M o). The mecha-
nism they suggest for ejection of the envelope
is the switch in mode of pulsation from first
overtone to fundamental. This suggestion is
supported by theoretical pulsation models, in-
dicating that, as an AGB star increases its
luminosity, it pulsates in modes of lower and
lower order until the fundamental one--
thought we have to keep in mind that the mode
of pulsation remains a disputed question (see
the section Modes of Pulsation of Long-Period
Variables).
The galactic OH/IR stars (see the section
Classification) with P - 1000 days are a good
example of these stars pulsating in the funda-
mental mode and being in a transition phase
between LPV and planetary nebula. When the
evolution track of a more massive AGB star
with M > 3.5 M o reaches the AGB maximum
luminosity limit, such a massive star will pro-
duce a supernova by the ignition of carbon in
the degenerate core.
Finally, Wood et al. (1983) discuss further
important points related to nucleosynthesis on
the AGB. During helium shell flashes, 12C and
s-process elements are dredged up to the stellar
surface. Carbon stars have dredged up suffi-
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cient carbon to be characterized by C/O > 1.
The S stars, located on the AGB between M and
C stars, have not yet dredged up sufficient car-
bon to have C/O > 1, but they have dredged
up sufficient Zr, an s-process element, so that
ZrO bands are observed to be enhanced in these
stars. Carbon stars in the Magellanic Clouds
were already known to have their higher lu-
minosity at Mbo t - -6. This is confirmed by
Figure 1-3, in which all the more luminous
AGB stars are noncarbon stars, among them
S stars. It is clear that s-process elements are
dredged up in these upper AGB stars, but C/O
remains less than unity. An explanation favored
by Wood et al. to the fact that some AGB stars
of type S are found above the most luminous
C stars is that the 12C dredged up is converted
to _4N during quiescent evolution between
shell flashes by CNO cycling at the base of the
envelope convection zone; therefore, the AGB
stars are the source of primary nitrogen (since
InN is synthesized from the hydrogen and he-
lium in the star at its birth), as well as s-process
and carbon elements.
VARIABILITY TYPES OF
GIANTS AND SUPERGIANTS:
A SURVEY OF OBSERVATIONS
AND INTERPRETATIONS
The brightness fluctuations of these intrinsic
or physical variable stars are caused by geomet-
rical and physical factors: fluctuations in di-
ameter, temperature, pressure, molecular and
dust opacity strengths, etc. Apparently, com-
plex phenomena make up their entire unstable
atmosphere: shock waves, strong coupling of
convection and pulsation, and certainly mo-
tions of clouds of matter from the photosphere
to the circumstellar layers (if any) and infall-
ing of this matter at other phases of the varia-
tion, perturbation in the layers due to compan-
ion tidal effect.
The visual light curves tend to be regular,
with large amplitudes for the Miras; they tend
to be less regular and/or erratic, with much
smaller amplitudes for the semiregular and ir-
regular variables. Among all these variables, we
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Figure 1-3. Bolometric luminosity (Moot) plotted against period (P) for long-period variables (LPV's)
in the Magellanic Clouds (SMC and LMC). Also included are some galactic supergiant variables. Stars
labeled "'LMC Miras'" are LPV's studied by Glass and Feast (1982). Dotted lines delineate the regions
occupied by supergiants and AGB stars. Continuous lines are lines of constant mass assuming that
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find stars, with all different values of the ratio
C/O ( < 1 for M-type stars, _<1for S-type stars,
and >1 for C stars). They may be either giants
or supergiants (Kukarkin et al., 1958). All these
stars can also be identified as pulsating or erup-
tive variable stars (Strohmeier, 1972).
In the pulsating group, we recognize three
types--Miras, semiregulars (SR), and irregulars
(L)--as follows:
1. The Mira Ceti-type stars are long-period
stars with visible amplitude variation
over 2 magnitudes (and for some cases
up to 5 and larger), with well-expressed
periodicity, good regularity, and periods
from 2 months to 1 year or more. (They
belong to the AGB long-period variables
(LPV); see Figure 1-3.) Around the max-
.
imum, characteristic emission spectra are
observed, mainly the hydrogen Balmer
series. They occupy the tip of the AGB.
Representative stars are o Cet, R Lep,
x Cyg, etc.
The semiregular variables are further
classified SRa, SRb, and SRc. Their visi-
ble amplitude variations are smaller than
those of the Miras. The SRa light curves
are not regular and have strong varia-
tions from one period to another. Dif-
ferent durations of cycles with ir-
regularities and some constancy of
brightness are observed in the SRb light
curves. The SRa and SRb variables are
giants; the SRc's are supergiants with
SRb behavior. Some of the giants are
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probably on the AGB, others on the first
ascent of the red-giant branch (RGB).
Typical representatives are WZ Cas, _?
Per, S Per, etc.
3. The true irregular variables are called Lb
or Lc. The former are giants; among
them,/3 Peg, CO Cyg, and V Aql are the
typical representatives. The latter are su-
pergiants; the best known is TZ Cas.
Figure 1-4 shows the three characteristic
curves of Mira, SRa, and Lb stars (Maran et
al., 1977).
R CrB is the typical representative of the
RCB stars, the eruptive group. These stars are
of spectral classes, F, G, K, and R (hot carbon
stars) and have a very high luminosity, as
described in the previous section. They are
characterized by slow nonperiodic drops in
brightness of different amplitudes (1 to 9 mag-
nitudes) and of different duration (up to several
hundred days for some). The increase in bright-
ness is generally rapid (a few days). Besides R
CrB, other representative stars are XX Cam,
RY Sgr, and SU Tau. The star, p Cas, is one
of these stars which appear in the literature as
pulsating (SRc) or eruptive (RCB) stars.
Let us remark that we do not intend to study
here certain peculiar but rare types of variables,
mainly among the carbon spectral-type stars
such as Isb (V374 Aql, UX Cas, and DY Aur),
RVa (AC Her, etc.), or the cepheids with car-
bon molecular bands (RU Cam, etc.). These
types of variables are described by various
authors (e.g., Payne-Gaposchkin, 1954a).
In the late-type star family, the carbon stars
are not only different by the C/O ratio, which
is greater than one, but also by the behavior
of their ligtrt curves (i.e., perhaps by specific
reactions of their atmospheres to mechanical
energy transport). First of all, the distribution
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Table 1-5
Percentage of Variability Types
in M, S, and C Stars*
Spectral Type
Type of Variability(%)
Mira SR Lb
M
S
C
46 29 25
58 23 19
20 38 42
*From Alksne and Ikaunieks(1971 ).
of the different types of variability is very dif-
ferent for the three spectral classes, M, S, and
C. Table 1-5 (Alksne and Ikaunieks, 1971)
shows that the number of semiregular and ir-
regular stars increases sharply as one goes to
carbon stars. This might be partially due to a
selection effect, since these stars are faint and
their light variations are not so easily followed
as in the M stars. Half of the variable stars of
M and S classes are Mira variables. For carbon
stars, only 20 percent are Mira variables, 40
percent are SR, and 30 percent are Lb. The
Mira and semiregular carbon stars have the
largest mean periods; carbon Miras have the
smallest photographic amplitude variations
among all the Mira variables, whereas the ir-
regular carbon stars have the largest ones
among all the Lb variables.
The study of the cool star variability is at
present based on visible and IR photometric
data: Far-UV and far-IR data are too rare (see
the section on Photometric Observations) to
study the photometric variability. The present
data are borrowed from a large number of
papers, and consequently, they suffer from too
many inhomogeneities like observations at dif-
ferent phases, use of different photoelectric
systems (UB V, DDO, etc.), and data reduction
method not always being adapted to cool stars.
To achieve homogeneous data covering several
periods, Bouchet (1984b) carried out a
photometric analysis (from the blue to far-
infrared ranges) of a sample of galactic carbon
stars at ESO-La Silla during 4 years. This work
is an example of a long set of data for Mira,
SR, and L carbon stars made under the same
observational conditions. It will be a good sam-
ple for testing the evolution and/or dynamical
pulsation theories. Another extensive example
concerning infrared photometry on M, S, and
C stars comes from Catchpole et al. (1979).
Before describing the general characteristics
of each group of variables, we focus on two im-
portant remarks:
1. The Mira variables, as well as the SRb,
Lb, or HdC stars, have microvariations
with a duration much smaller than the
length of the period or the pseudoperiod
generally known (some hours or days
compared to several months or years).
. In the HR diagram, some stages of the
evolution of the variables can be followed
during a human life. For example, some
of these stars become apparently planetary
nebulae in less than 10 years (e.g., HD
59643, HM Sge, or V1016 Cyg). (See the
section Irreversible Changes in SR and L
Stars.)
The Miras
By "Miras," we distinguish a type of light
curve, not a spectral type of stars. Many papers
have confused the term and sometimes speak
about Miras without any definition of the spec-
tral type of the stars; this can occasionally be
confusing for a nonspecialist. Therefore, we
have to be clear: we point out that the Mira
variable-type stars exist among the three spec-
tral types: M (R Aqr, R Aql, R Cae, R Cen,
o Cet, R Hya, U Ori, etc.), S (R And, R Cyg,
x Cyg, etc.), and C (U Cyg, V Cyg, T Dra, R
Lep, SS Vir, etc.). Moreover, the chemical
equilibrium of the elements inside the atmo-
sphere of these later stars shows that it is im-
possible to find OH in carbon stars. Conse-
quently, the papers on OH masers usually refer
to the spectral-type M stars. This is meaningful
when looking for eventual correlations among
the observed features.
31
TheMirasarethemostobservedandbest
knownamongtheintrinsicvariablestars.The
earliercurvesoflightwererecordeduringthe
18thcentury:
Duringtheautumnof 1596,theshepherd
DavidFabriciusdiscovereda variablestar
in theconstellationof theWhale,astarof
the3rdmagnitude.In 1603,theastronomer
Bayeraddedthisstar,whichwasof the4th
magnitude,ontohisfamousatlasandla-
beledit with the lettero. In 1635, Dutch
astronomers Holwarda and Fullenius like-
wise showed that this star is variable, and
in 1638, Holwarda gave the amplitude of
variation to be from the 2nd to the 10th
magnitude. Hevelius observed this star dur-
ing 50 consecutive days and determined its
period: 331 days. At that time, this star was
the sole variable known in the sky. It was
therefore named "Mira Ceti" or the "magic
star of the Baleen constellation" (Jacchia,
1933). In 1839, Argelander, the German
astronomer who is often called the father of
variable star astronomy, observed a max-
imum of 2.2.
X Cyg was discovered by G. Kirch in
1681, R Hya by G.P. Maraldi in 1704, and
R Leo by Koch in 1782. In the following
century, Baxendell discovered, among many
stars, S Aql (1863) and U Boo (1880);
Pogson discovered R Cyg in 1852 and R
Cas, R UMa, and S UMa in the following
year. R Car was discovered at Cordoba in
1871.
Let us quickly describe the famous work
of Padre Angelo Secchi. In 1868, he observed
nearly 100 red stars with the 9-inch Merz
refractor of the Collegio Romano and a
small direct-vision spectroscope. Among
them, he included 15 long-period variables
from Schjellerup's catalog (1866). The first
slit spectrogram of LPV stars could indeed
be this of o Cet taken by J. Wilsing with the
Potsdam refractor in February 1896. Vogel
(1896) remarked on the great intensity of the
bright hydrogen lines and the absence of He.
In 1897, the Reverend Walter Sidgreaves
(1897) pointed out the rapid variation of o
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Cet during a week, "but a marked change
in the relative intensities of the yellow-green
and the blue radiation appears to have taken
place during the cloudy week between
December 2 and December 11." He
confirmed the absence of He noted by Vogel
the previous year: "Of the hydrogen lines
He is still absent, lost, or much weakened
in the calcium absorption." The notion of
stellar envelope is already contained here,
100 years ago ....
Nearly all photoelectric V magnitudes" of o
Cet and T Cas at bright phases lie above the
curves given by the American Association of
Variable Star Observers (AAVSO) and may in-
dicate a systematic difference between the
AAVSO and the V magnitude (Lockwood and
Wing, 1971). Stanton (1983) gives an experi-
mental relation between the visual magnitude
(mr) and the photometric measurements V and
B-V.
The Mira light variations with phase are
sometimes very large in the visible. For exam-
ple, the Mira, X Cyg (spectral type S), has a
visual amplitude variation that is about 9 mag-
nitudes (4000 times brighter at maximum light
than at minimum). Consequently, UV and vis-
ual spectrograms can hardly be obtained, espe-
cially near the light minimum of the Mira stars
(Maehara, 1971). The Mira stars were analyzed
mainly by the Japanese group (Maehara, 1968;
Yamashita and Maehara, 1977, 1978; Yama-
shita et al., 1978; and others).
Most of the Mira changes are cyclic, with
a period equal to that of the visual light curve.
Some obvious inconsistencies appear in the ob-
servational data, as well as phase lags between
light curves in different colors, which are
caused by the actions of the cyclical tempera-
ture variations on the various layers of their
very extended atmospheres. Joshi et al. (1980)
give the evolution of the effective temperature
during 12 days for o Cet" on October 6, 1979,
Mira was an M5.5 III star with 2470 K, and on
October 18, 1979, it reached M4.5 III with 2760
K. Because the period of individual light cycles
sometimes differs from the star's mean period
by several percent, the observable properties are
not repeatedexactly from cycle-to-cycle
(Barnes,1973;Wing,1980).
Fluxesof someM Mirasshowasignificant
deviationfromastellarblackbodybeyond8#m
dueto thepresenceof a coldthindustshell
(10-#mexcessradiation),whereassomehavea
greatexcessof infrared(seeM. Querci,this
volume)dueto thepresenceof a thickcir-
cumstellardustenvelope(Epchteinetal.,1980).
AmongtheM Miraswiththelargestinfrared
excessat 10#m,weknow:IRC + 1001l, IRC
+50137,andIRC-10529.Someof themhave
masers;theOH satellitelineat 1612MHzis
seeninmanysources,representativesofwhich
areIRC +10011,WXSgr,RAql,NMLTau,
IRC+50137,VYCMa,andNMLCyg.UHer
andUOriareknownto be1665-MHzemitters.
TheM star,RVHya,hasnoOHmicrowave
emission(Zuckerman,1980).Forthefirsttime
inacarbon-starenvelope,Henkeletal.(1983)
foundamaserlinein IRC+ 10216.LikeOH,
theobservedSiSmaserhastwohornfeatures.
SomechangesfromOHtypeI to OHtype
II Miraswereobserveduringrecentyears,
suchasonRLeo,for whichLesqueren(1983)
reportsanunusualintensityvariation:theflux
at 1667MHz hassteadilydecreasedfrom
1.5E-22W/mE,reacheduringthe1980cycle,
to asmallervalue0.IE-22W/m2at themax-
imumof the1982cycle.Anotherstrikingex-
ampleis U Ori. PatakiandKolena(1974a,
1974b)founda bright1612-MHzflashupto
22Jyandadisappearanceofthe1667-MHzline
belowthe0.4-Jydetectionlevelon May28,
1974(the1612-MHzlineischaracteristicofthe
OHtypeII maserstar),whereasbefore1974,
particularlyonJuly28andNovember26,1973,
onlythemainlines(at 1667and1665MHz,
characteristicl nesof OH typeI maserstars)
arepresentinemission.Moreover,onMay28,
1974,noradicalchangeisregisteredintheout-
putof the1665-MHzmainline.Coincidental-
ly, the43.122-GHzSiOmaserlinewasnot
detectedonJune2, 1974,bySnyderandBuhl
(1975),but it wasdetectedexactlytwoU Ori
periodslaterbyBalisteret al. (1977)withan
energylevelof 89Jy.On thebasisof these
observations,Cimerman(1979)developsa
monitoringthat showsno variationon the
1667-MHzmain line until May 1977.On
January25,1978,thislineappearswith0.8Jy
and-42 km/s.The1665-MHzlinewasnot
observedasoftenasthe1612-MHzlinebecause
of itsweakness.OnMarch1,1978,the1612-
MHzlinehasa fluxpeakof 2.2Jy,whichis
aboutone-halfof thatobservedbyPatakiand
Kolena(1974b)inMay1974.OnJuly15,1975,
thespectrumof 1612MHzconsistsof asharp
featureat -42km/sandagroupof blended
linespeakingat -46km/s.Thislargeblend
evolvestoasharpfeatureat-47km/s,andthe
-42-km/speakremainsconstant(spectrumof
January25,1978).Besidesthevariationof the
lineprofile,avariationontheintensityof the
1612-MHzline occurs:theaveragelevelof
45.E-22W/m2detectedbyPatakiandKolena
(1974a,1974b)remainsconstantuntilthebegin-
ningof 1976,whenit dropsto one-halfits
previouslevelin 100daysandcontinuesto
decline(seecorrelationswithvisiblevariations
below).TbisdeclineisconfirmedbyJewellet
al. (1979;seetheirFigure15).Themain-line
emissionhasexhibitedhighlycircularpolarized
componentsandlargesemiperiodicvariations
(Fix, 1979).Cimerman(1979)attributesthe
originof theseeventsto thecentralstar;this
assumptioniscorroboratedbythecoincidence
invelocitybetweenoneof the1612-MHzlines
andtheopticalemissionlines.All theselines
areinterpretedastheoutcomeof a shockor
magnetohydrodynamic(MHD)waveoriginat-
ingunderthephotosphereof U Ori (Merrill,
1960;Wallerstein,1973).Themodelof Elitzur
et al. (1976),whichexplainsthe 1612-MHz
maserin sourceswitha thickshelllike IRC
+ 10011,seemsto be inadequatefor U Ori ,
where the dust shell is very thin. In this case,
another pumping process for the 1612-MHz line
may exist in addition to the one that uses the
dust grains (Cimerman, 1979). A mapping of
the U Ori neighborhood was made by the VLBI
on the principal and satellite frequencies. Un-
fortunately, the variations on 1665-MHz lines
(Fix et al., 1980) were made 3 years after the
1612-MHz ones (Reid et al., 1977), and com-
parisons are therefore hazardous.
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Phaselag.Sincetheirdiscovery,theMiras
haveattractedgenerationsof astronomersuntil
thepresentday;thepioneersareHerschel,Sec-
chi,PettitandNicholson,Hetzler,Hoffleit,
Campbell,Stern,Joy,Merrill,andothers.Oc-
casionally,astronomersof morerecentimes
havemadethesamediscoveriesa thoseof their
forerunnersfor wantof lookingat theirold
publications.Thestudyof thephasedelaybe-
tweenthe visible,photographic,and near-
infraredlight curvesillustratesthis fact to
perfection.
Traditionally,theepochof zerophaserefers
tothevisualmaximum.Thephaselag(orshift
ordelay)of themaximumofaninfraredorra-
diocurveistheepochof thismaximum,minus
theepochof thevisiblemaximumcomingim-
mediatelybeforeit. Thefirst correlationsbe-
tweenthevariationsat differentwavelengths
weremadebyPettitandNicholson(1933).As
anexample,theyhaveshownthat o Cet, R
LMi, R Leo, R Hya, R Aql, and X Cyg have
a real maximum of energy shifted by a phase
lag of about 0.14 after the visual maximum.
Hetzler (1936) has monitored 30 Mira variables
with photographic plates at an effective wave-
length of 8500 _, (_ = 100/_). His light curves
have a much smaller amplitude than the cor-
responding visual light curves because of the
longer wavelength effect and the decreased
blanketing by TiO bands. Hetzler showed that
the maxima of the infrared and the visual
curves are reached at about the same time, but
the infrared maximum persists longer. R Lyn
and R Cam are two characteristic examples of
simultaneity. R Hya is an exception; the in-
frared maximum precedes the visual one. In this
case, the IR phase lag is negative. This
phenomenon is to be confirmed by careful
monitoring of many Mira-type stars at several
wavelengths. Generally speaking, the infrared
light maximum typically lags the visual by 0.1
to 0.2 period, agreeing with all the previous
quoted observations and with those of Men-
doza (1967), Lockwood and Wing (1971), and
Frogel (1971).
An analysis of the spectrum of the spectral
M class Miras allowed the astronomers of the
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late 1960's to distinguish the behavior of the
continuum from that of the absorption lines.
With the 1104 filter, Wing (1967a) showed that
the I(1.04-ttm) magnitude of X Cyg was brighter
at phase + 49 days than at 0 day by 0.1 magni-
tude; this is very similar to the phase lag noted
in radiometric curves obtained with the vacuum
thermocouple by Pettit and Nicholson (1933).
He explains this phase lag by a two-layer model.
The infrared magnitude measured at a contin-
uum point refers to the photosphere, while the
heavily blanketed visual magnitudes presuma-
bly refer to the upper layers of the atmosphere.
He concluded that the temperature variations
of the two regions appear to be out of phase.
At present, such an explanation must be viewed
in the context of shock-wave interpretation (see
M. Querci, this volume).
Fillit et al. (1977) have analyzed the time
variation of some type I OH Mira sources and
the correlation with their visual magnitude.
More than 2-year monitoring of seven OH/IR
stars was done on six Miras (R LMi, R Cas, Y
Cas, RS Vir, U Her, and S CrB) and on an SRc
variable (S Per). Even allowing for experi-
mental uncertainties, a systematic phase lag of
about 20 days between OH lines and visible
light is observed on S CrB (Figure 1-5). These
authors implicitly assume that the shape of the
radio and visible curves are the same. This as-
sumption must be proved.
The phase delay of the[V = 1, J = 2-1]
SiO curve on R Leo, is greater than that of the
2.7-/zm curve, whereas the 2.7-/_m and SiO
curves have the same lag as on o Cet. The SiO
masers observed by Spencer et al. (1981) are
interpreted as collisional pumping by Bujar-
rabal and Nguyen-Q-Rieu (1981). This requires
high temperatures and densities in the SiO
layers (T K - 2000 K, n n - 101° cm-3), and
consequently these layers are close to the star
(R - 1.5 R,). Hinkle et al. (1976) indicate that
the SiO strength in Miras varies markedly with
phase (see also Nguyen-Q-Rieu, this volume).
The behavior of another maser line, H20 at
1.35 cm, and of lines at 2.2 tzm and in the visible
were compared (Schwartz et al., 1974) for some
Mira stars (U Her, S CrB, U Ori, R Aql, and
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Figure 1-5. The flux and the magnitude for each of the OH maser lines: 1612 MHz, 1665 MHz, and
1667 MHz lines of S CrB were fitted by least squares using the visual light curve (from Fillit et al., 1977).
W Hya; see their Figures 1 through 5). The
mean curves show the phase lags of radio and
infrared curves relative to visual ones. These
lags are characteristic on U Her and S CrB.
Some stars do not have the usual phase lags
(e.g., the H20 maser curve of U Ori has a
large lag compared to the infrared curve at 2.2
#m). Although the IR curve of R Aql has a
phase lag of 0.2 compared to the visual curve,
the 1.35-cm curve has the same phase as the
visual one. W Hya shows an analogous be-
havior. This nonconventional behavior requires
comment. Is it real? Yes, if the observed values
at the different wavelengths are obtained simul-
taneously; no, if there is a time lag between
them: in this case, we find the presence of large
amplitude variations during small intervals of
time (a small percentage of the period). If the
quoted values are from different cycles, another
interpretation is possible: the behavior of the
maser lines with the phase is not exactly the
same in all the cycles. This was already dem-
onstrated by Wing (1967b). Cox and Parker
(1979) demonstrate that the H20 was often not
stable for more than a few cycles of stellar
brightening. (A more comprehensive descrip-
tion of the nature of the different maser pumps
is made by Nguyen-Q-Rieu in this volume.)
From 1972 onward, observations of some
M Miras were obtained by using the satellites
of the U.S. Air Force (Maran et al., 1977). Be-
cause the spectral interval on the water-vapor
bands around 2.7 t_m was chosen, correlations
with the H20 maser should be possible with-
out the perturbations introduced by the variable
telluric water vapor. Figure 1-6 shows the
2.7-#m infrared and the visual curves of two
Miras, S CMi and o Cet.
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Figure 1-6. 2.7-# infrared curve (top) and AA VSO visual curve (bottom) for two Mira variables, S
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(from Maran et al., 1977).
Amplitude of Light Variations at Different
Wavelengths. The S Mira, X Cyg, is a very good
example for this purpose. Maehara (1971) ob-
served a visual amplitude variation of about 9
magnitudes, whereas the photographic infra-
red variation was only about 2 magnitudes.
Although similar data for the ultraviolet region
is incomplete, some information on the
variability of the energy distribution of x Cyg
from 2500 to 3350 A at two different phases
is shown on Figure 1-7. The flux longward of
about 3050/_, becomes considerably fainter at
phase 0.18 than at the light maximum (phase
0.04). The total energy emitted in the range
from 2000 to 3240/_, is 4.5 E-11 erg/cm 2 s at
phase 0.04 and is lower by a factor of 3.53 at
phase 0.18. The stellar continuum is even more
depressed at phase 0.22 on a high-resolution
spectrum. This remarkable change is mainly
due to a change in the temperature of the region
of continuum-formation (Cassatella et al.,
1980).
Lockwood and Wing (1971) show examples
of some M Miras for which the curves of the
filters, V, 78, 87, and 88, are depressed by TiO,
and the filter-105 curve by VO. These curves
are strongly correlated with the differential
temperature effect, the local continuum, and
the variation of diameter of the forming layers,
so that these curves are the best reflection of
the physical parameter variations of the at-
mosphere along the period. Figure 1-8 describes
the curves of two Miras, o Cet and T Cas, in
which the minima appear to occur at the same
phase. The behavior of R Aql is different from
that of o Cet and T Cas because the visual
minima of these two stars have a phase lag
relative to the infrared minima. This is shown
on the 2.7-#m curve obtained with the U.S. Air
Force satellite (Maran et al., 1977, 1980). When
one considers the infrared spectral range, one
sees that the amplitudes of variation
[Fmax/Fmin] decrease with increasing
wavelengths from 1.2 to 3.5 #m and are roughly
constant between 3.5 and 10 #m. The
amplitudes of the 1612-MHz OH masers which
are linked with the IR fluxes are significantly
less than, or at most equal to, the infrared
amplitudes (Harvey et al., 1974). Herman
(1983) followed OH/IR Miras during a period
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Figure 1-7. Ultraviolet energy distribution of the S Mira variable x Cyg from 2500 to 3350 _, at phases
0.04 (thick line) and 0.18 (thin line). The total energy flux in this spectral region is less at the latter
phase by a factor 3.53 (see texO (from Cassatella et al., 1980).
of 3 to 5 years with the 25-m Dwingeloo ra-
diotelescope in order to study their varia-
bility.
After considering the amplitude variations
in visible, infrared, radio, and ultraviolet wave-
lengths, we now follow the amplitude variation
at one wavelength and point out the character-
istic behavior of the Miras. Maran et al. (1980)
show five well-observed minima of S CMi (with
the U.S. Air Force satellite), where we note the
agreement of flux density level at all five
minima. The flux of S CMi is remarkably repre-
sentative of all minima. The authors emphasize
that the minimum is the "normal state of a
long-variable star." However, there has been
a good deal of controversy about the reproduc-
tion of Mira minima. Glasby (1968) said that
o Cet has variable minima: "on occasion [the
minimum] has only been as faint as magnitude
8.0 while at other times it has sunk as low as
10.2 magnitudes." Campbell and Payne (1930)
show variation of magnitude of the minima of
S Pay. On the other hand, we sometimes ob-
serve a strong contrast between consecutive
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Figure 1-8. Light curves of o Cet (Mira) at left and T Cas at right, in V and at five in-
frared wavelengths. The wavelength designations to the right of the curves are defined
in Lockwood and Wing's (1971) Table 1. The observed cycles of the stars are numbered
serially; the IR observations start with cycle 1 in 1965 and are coded as follows:
-1 =.,0=0,1 = 0,2=0,3= .,4 = D, 5 =&,6= A, 7=V,8= V,
9 = _, and 10 = 0 (from Lockwood and Wing, 1971).
maxima of Mira stars, such as the two maxima
of R Aql in 1972-1973 and those of S CMi in
1973 and 1974 (Maran et al., 1977). In the late
18th century, the irregularity of the maximum
light was already noticed by William Hershel
on o Cet, where it is extremely well pronounced
in the visual curve. In 1779, it attained the first
magnitude, being equal to Aldebaran in bright-
ness. For many Miras, the cycle-to-cycle dif-
ferences are not erratic; bright and faint max-
ima tend to alternate, and bright maxima tend
to occur before the predicted date (Harrington,
1965; Keenan, 1966). This could be correlated
with the intensity of the pulse (i.e., the size of
the energy reservoirs in the cycle). RS Cen, R
Cet, V Cen, T Gru, R Vir, RT Cen, and SS Her
are Miras with alternative bright and faint
maxima.
Different Profiles of Light Curves. The
AAVSO report 38 (1983 ) gives many visual light
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curvesof Miravariables.Wewarmlycongratu-
latealltheAAVSOmembersfortheirarduous
andcomprehensivework;weareconvincedof
its usefulnessto professionalstronomers.
Thelightcurvesof carbonstars are more
gradual and more symmetrical than those of M
class stars (Figure 37 in Alksne and Ikaunieks,
1971). Campbell (1955) shows that the S star
light curves are very similar to those of M stars.
As a rule in M and S spectral types, the rise to
maximum is somewhat more rapid than the de-
cline to minimum. In general, D - 0.44, with
D = (epoch of maximum-epoch of minimum)/
period. However, some exceptions exist, such
as: o Cet (D = 0.62) and RCyg(D = 0.7).
(Because D is always larger than zero, it rep-
resents the fraction of the period needed to go
from the minimum to the maximum.)
All the Mira light curves do not have the
same shape (Figure I-9). They can present:
1. A rapid rise to the maximum and a slow
decline to the minimum: the majority of
the Mira light curves have this shape,
with D - 0.45 (R Gem, U Her, and U
Ori).
. A slow and long rise to the maximum
with a rapid decline with D - 0.7 (S CMi
and U CMi).
. A narrow and sharp maximum with a
large minimum (R Aqr, R Cas, Z Cas,
U Cet, T Col, R Crv, R For, R Pav, T
Sgr, RU Sgr, and R UMa).
. A large and round maximum and a nar-
row and deep minimum (Z Cap, S Car,
RT Cen, X Cet, THor, and S UMa).
These stars have a period P x< 225 days
(Celis, 1977) so that the magnitude varies
rapidly around the minimum.
. A sawtooth shape with sharp maxima
and minima with D - 0.5 (RT Cyg and
V Oph). The variations between their ex-
tremes are rectilinear segments. These
stars have periods shorter than 150 days
(SS Her, W Pup, and R Vir; Celis, 1977).
.
.
.
A smoothed sinusoidal shape (SS Vir, R
Dra, W Cas, and U UMi).
Two maxima of the same intensity and
two minima with different depths per cy-
cle (R Cen and R Nor, both discovered
by Gould at Cordoba in 1871). The main
maximum is followed by the main mini-
mum. This curious light curve was repro-
duced theoretically by Wood (1979) in an
attempt to produce a larger post-shock
velocity maximum in an isothermal pul-
sation model. It appears that this situa-
tion is apparently stable (over 75 cycles)
where shocks with different velocities al-
ternate. This visual curve also shows vari-
ation from cycle to cycle in the rate of
rise and fall, in the amplitude and in the
height of the maxima, and in the depth
of the minima (Marino et al., 1979). CR
Mus shows a scatter of approximately
one magnitude in the level of the V light
curve; the shape of this maximum varies
extensively from cycle to cycle.
A hump on the rising branch, around the
phase 0.7, so that the minimum is moved
at earlier phase (R Lep, T Tuc, and S
Vol). Such a hump is also observed by
Hetzler (1936) on R Tri, R Vir, R Hya,
T Cep, and X Cyg. For R Tri (Figure
1-10a) and R Vir (Figure 1-10b), the
shoulder (or hump) is much more impor-
tant in the photographic infrared (X --
8500 ,_ and A)_ = 100 A.) than in the visi-
ble, whereas for T Cep (Figure 1-10c), the
shoulder rises in proportion to the bright-
ness variation in the 8500 ._ region and
in the visible. To explain the 8500 ._, be-
havior of R Tri and R Vir, Wing (1967b)
suggests that the effective wavelength of
Hetzler's photographic infrared agrees
well with his curves 87 and 88, which are
likewise affected by moderately strong
TiO absorption. For these stars, it
therefore seems that the visible region is
less affected by the TiO opacity. The
humps on the rising branch of the light
curve are generally centered at _ = 0.7
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Figure 1-10. Mira light curves illustrating
humps on the rising branch (from Hetzler,
1936).
(e.g., T Cas in Figure 1-8). The majority
of the stars studied by Lockwood and
Wing (1971) show evidence of humps in
at least a few cycles. In some of these
stars, the humps have reoccurred (R Cam
and T Cep), but in some stars, the humps
are spread out during the phase interval
0.6 to 0.8. Glasby (1968) indicates the
presence of humps in the descending
branch of the light curves. Vernon-
Robinson (1929) observed secondary
oscillation on the descending branch of
XY Cas. The hump phenomenon is pre-
sent in some Miras and not in others, and
it comes and goes in some of them. The
visual curve of X Cyg is a good example
of a hump on the ascending branch
(Figure 1-9). T Cas has a hump on the
ascending branch of the light curve; its
maxima and minima and the size of the
hump vary from one cycle to the follow-
ing one (Leung, 1971). The humps are
considered as a rapid drop of the radius
of the star (Lockwood and Wing, 1971).
9. Inflection points in the increasing and de-
creasing parts of the light curves (R Cha,
T Hya, RInd, V Mon, T Nor, and RT
Sgr); their periods range from 200 to 350
days (Celis, 1977).
Nearly all the short-period stars (less than
150 days) do not have very constant elements
p and q with respect to the length of a given
period P (Celis, 1977). As an example, T Gru
(P = 136.6 days, M1 Iae-M2 Ibe) has Pperiods
between 121 and 138 days, Q periods from 124
to 145 days, and partial period p from 54 to
83 days. The amplitudes go from 1.80 to 3.05,
and the light minima differ up to 1.5 mag.
All these light curves might reflect the inter-
action of the opacities and density variations
of the different atmospheric layers and the
propagation of shock waves (see M. Querci,
this volume).
Are light curves at other wavelengths similar
to the visual ones? The two stars in Figure 1-8
have V light variations of a strikingly different
nature, which is preserved at the different ob-
served wavelengths. The hump on the rising
branch of the AAVSO curve for T Cas also ap-
pears on the infrared curves, including the con-
tinuum curve, I104.
Variation in Colors During Mira Light Cy-
cles. All the observed Miras (for M, S, and C
spectral types) show variations in color during
their cycles of light, which are first indicated
by the analysis of color indices obtained from
visual observations (generally from AAVSO or
Association Franqaise des Observateurs
d'Etoiles Variables (AFOEV)) and broadband
photometry U, B, V, I, K, etc. Narrowband
photometry with adapted filters for characteris-
tic atomic (He I, Ha, and Na I) and molecular
(TiO, ZrO, VO, etc.) features is proposed, at
first by Wing (1967b). Spectrophotometry is
also a good technique for investigating the vari-
ation in colors during the Mira phases. We will
not elaborate here on the variations of line in-
tensity or profile; they are dealt with by M.
Querci, this volume.
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Figure 1-11. Mean color curves of seven Mira
variables: S Pay, R Hor, T Gru, RS Sco, W
Cen, R Oct, and S Oct. Ordinates and abscissas
are color index and phase, respectively, all
periods being reduced to the same horizontal
scale. Maxima and minima are marked with
short vertical lines and labeled "'M'" and "'m'"
(from Campbell and Payne, 1930).
As early as 1930, Cannon (1930) showed
that the color index (difference between the
photographic and photometric magnitudes) is
at its greatest about 40 days before maximum
and at its minimum for 100 to 150 days after
maximum. Campbell and Payne (1930) ob-
tained photographic light curves and used the
AAVSO visual ones to give the color indices
from observations assembled into 10-day
means; these are obtained by subtracting the
visual magnitude from the photographic one
(Figure 1-11). Two opposite effects contribute
to the photographic minus visual index: (1) the
great strengthening of TiO absorption, which
cuts down the red part of the spectrum and di-
minishes the visual brightness more than it re-
duces the photographic light; and (2) during the
fall, the decrease of the temperature of the pho-
tographic and visual forming layers which
should strengthen the red end of the spectrum.
During the Mira light variations, the B-V
values vary and the spectral classes usually
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Figure 1-12. Color-color curves for luminosity
class Ill nonvariable stars and Mira stars of
spectral type M and S. Ordinates, in (I'-K)
magnitudes; abscissas, in (V-I') magnitudes.
Heavy dots (plotted three times on shifted scales
of ordinates) = nonvariable stars from KO to
M6; smaller dots = loops described during the
cycle of variation for stars of average period
239, 350, and 456 days, class Me; broken lines
= Se stars, mean period 380 days; dotted lines
extend the relation for nonvariable stars
through points corresponding to the fall from
maximum. On the lowest curve, points corre-
sponding to KO Ill, M4 1II, M5 II1, and M6
11I are identified. Circles show the relation be-
tween maximal colors for Mira stars of classes
M4e, M6e, and M7e (from PayneoGaposchkin,
1975).
change, the earliest spectral class appearing
near the visual maximum light.
It is interesting to compare the color indices
of Miras during their cycles with the indices of
the nonvariable stars of the same spectral type
and luminosity class. Payne-Gaposchkin (1975;
Figure 1-12) shows color/color curves for Mira
stars and nonvariable stars of luminosity class
III. During the decline from the visual maxi-
mum and a little later, the representative points
of the Miras follow the relation shown by the
nonvariable stars of the same spectral type. The
I' filter used in Figure 1-12 is related to the
Johnson system by (I-K) = 0.745(1 '-K) - 0.13.
Two remarks will be made about this figure:
the length and the maximum width of the loop
(I '-K), and consequently, its area versus (V-I ')
seem to be correlated with the period/ampli-
tude relation of the M Mira stars; secondly,
during the maximum phase, the stars are bluer
than during the minimum. This was also ob-
tained by Mendoza (1967), using his multicolor
photometry. The analyzed set of stars indicates
that, with the light variation in V, the B-V in-
dex and the other color indices change. Typ-
ically, as the star becomes fainter in V (it is run-
ning to the minimum), it becomes redder; how-
ever, the C star, LW Cyg, is an exception.
Spinrad and Wing (1969) demonstrate that
the variation of the molecular (TiO + VO) in-
dex around 1/_m is correlated to the observed
temperature (Figure 1-13). On the other hand,
the nonvariables and small amplitude variables
are represented by their mean line running from
near the origin to the box labeled RX Boo in
Figure 1-13. (This box contains all five scans
of the semiregular variable, RX Boo.) Each
Mira moves on the color index/temperature
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planealongtheperiod:
1. RTri (A) isarelativelyearly-typeMira;
itsearliestpectraltypewasM3,obtained
atits1965maximum,butitscorrespond-
ingtemperaturewasthatof anormalK4
giant.
2. XCyg(×) wasobserveduringalarge
part of two successivecycles,andits
minimumapproachpathswereseento
bedifferentin thetwocycles.
3. oCet(•) isshownfromminimumtothe
post-maximumin the 1965cycle.Its
molecularindexismuchstrongerthanin
non-Mirasofthesametemperature;con-
sequently,thisstarismuchhotterthan
thetemperatureobtainedfromitsspec-
tral type.
Anotherextensiveprojectis fromMaehara
andYamashita(1978),whouseaphotoelectric
scanningspectrophotometer.Thewavelength
regioncoveredis3700to 5500,_with13._res-
olution.Theygivetheenergydistributionmea-
suredatfluxpeaksforasuitablesampleofstars
of luminosityclassIabto III andspectralrange
fromM0to M8stars.ThreeSstars(VCnc,R
And,andWAnd)andonecarbonstar(SSVir)
arealsoincluded.Thecomparisonof these
curveswiththoseof nonvariableM starsgives
thespectraltypevariationof eachMira star
duringtheperiod:o Cet ranges from M5 to M8,
R Aur from M6 to M8, R Cnc from M6 to MS,
etc. The S stars have an M-star behavior in the
spectral region of this investigation because
they suffer from TiO absorptions. The C-type
Mira, SS Vir (C6,3e), shows an entirely dif-
ferent distribution. The flux is too small to be
measured shortward of k4250. The variations
of the color indices in the spectral range 4250
to 5000 ._ are very small compared to those of
M and S stars; the variation of the C 2 band
head at ),4737 is also relatively small.
Krempec (1975) shows changes of the cen-
tral depth in spectral features, such as in C 2
and CN molecular bands and in atomic D-lines,
with the light phase.
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A comparison of the color changes observed
on two prototype stars with two maxima per
period (R Cen and BH Cru) shows differences:
(1) the two U-B curves have reversed shapes,
and (2) on the R Cen curve, the color index de-
creases at the second maxima, while in BH Cru,
a sharp increase is observed. The B-V curves
of these two stars show only small differences.
To conclude this study on the variations of
color indices, we point out that there is a large
variation in the color index for stars of the same
spectral subclass; the strength of the hypotheti-
cal shock wave that causes the variability should
not be correlated with the spectral subclass. The
same remark applies to the SRa variables ac-
cording to Alksne and Ikaunieks (1971). In
their review of carbon stars, these authors em-
phasize that the mean values of B- V and V-I
indices decrease somewhat in the sequence
Mira, SR, L.
Period Changes. Little is known about the
frequency of period changes in Mira-type stars
because a long-time base of observations is re-
quired and the different shape and amplitude
of successive cycles make the inferences more
doubtful. Nevertheless, three kinds of period
changes are listed:
1. A secular evolution by smooth increasing
or decreasing of the length of the period
or by a sine or cosine variation of the
latter.
2. Some shape changes of the light curve be-
tween two or several consecutive periods.
3. An abrupt change of period and an
abrupt shift of epoch.
From a 20-year survey, Hoffleit (1976)
shows that log (AP/P) is spread around a linear
function of log P, where ziP is the maximum
difference between the various periods of the
same star and P is the mean period. This
observed relationship holds for Miras, SR
variables, W Vir stars, classical cepheids, and
RR Lyr stars.
Hoffleit (1979) has drawn a catalog of 356
stars that have, at one time or another, been
recorded as having changing periods; these stars
wereselectedin theGeneral Catalogue of Vari-
able Stars (Kukarkin, 1976), in the Geschicht
und Literarur des Lichtwechsels (Prager and
Schneller, 1934, 1963), and in some Informa-
tion Bulletins of Variable Stars (IBVS). Among
332 Miras, 273 individual increases in period
(e.g., for V Cas and U Her) and 290 decreases
(e.g., for T Cep) were noted. This catalog is
available on request to its author. To have some
idea as to the number of variable stars with dif-
ferent kinds of changing period, we must refer
to the 108 Sagittarius stars examined in suffi-
cient detail by Hoffleit (1979). The observations
could not be suitably represented by a constant
period over 50 years, but the O-C plots for a
constant period are best represented by one
abrupt change. Three stars have the O-C curve
represented by a parabola, indicating that the
period is progressively increasing or decreasing.
One star has its O-C curve represented by a
sine-term, which suggests that the period is
alternatively increasing and decreasing.
The four stars, V462 Cyg, V734 Cyg, HO
Lyr, and MV Sgr, have cyclical changes in pe-
riod. The O-C curves are represented by sine
or cosine terms (Hoffleit, 1979). U Boo and S
Ser have sinusoidally changing periods (Sterne
and Campbell, 1937), as well as six others (R
And, RS Cen, Z Cyg, TU Cyg, W Her, and W
Hya) given by Prager and Schneller (1934).
However, this kind of ephemeris is a very
simple mathematical representation of very
complex physics, and also it breaks down dur-
ing 50 years. Thus, several later catalogs
dropped these representations in favor of listing
discrete periods for successive time intervals.
The conclusions of Nudjenko (1974) about
the period changes are noticeably different
from those of Hoffleit (1979). Forty-three
(O-C) curves of the former demonstrate that
the changes appear to be smoothly continuous
rather than abrupt like these observed by Hof-
fleit. Investigations of all of the data are re-
quired. Table 1-6 summarizes the number of
stars that have changed their period n times
(Hoffleit, 1979).
Sterne and Campbell (1937) and Hoffleit
(1979) come to the same conclusion that the
Table 1-6
Number of Stars Having Changed Period* n Times
n No. Stars n No. Stars
2 146 7 1
3 110 8 0
4 46 9 1
5 15 10 0
6 4 >10 2
*From Hoffleit (1979).
stars, R Cnc, R Cen, and X Lib, have changed
periods.
Some examples of stars that have a pro-
gressively decreasing period length are:
1. HS Aql, with its period ranging from 267
days in the 1930's, through 263.8 days in
the late 1950's, to approximately 260
days in 1970's (Thompson, 1981). This
star might be climbing the asymptotic
branch.
2. W Tau, with its period ranging from 273
days in 1887 to 253 days in 1956 (Schnel-
ler, 1965).
3. R Aql, with its regularly decreasing pe-
riod (Hoffleit, 1979; Schneiler, 1965) in
a sinusoidal steady manner (Payne and
Campbell, 1930).
4. R Hya, with its period of about 500 days
in the 18th century to about 390 days as
noted by Merrill (1946). These period
changes are used by Wood and Zarro
(1981) to provide direct observational
confirmation of the theory of helium
flash shell (see their Figure 3).
A list of such stars may be found in Hof-
fleit's catalog (1979).
On the other hand, some stars, like V Cas
and U Her, have increasing period length
(Lockwood and Wing, 1971). Again, Hoffleit's
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catalog(1979)listsstarswith likelysmooth
varyingperiods.
It isusefultoknowthattheprototypestar,
o Cet,was noted in Prager and Schneller (1934)
to have 12 discrete periods ranging from 322.5
to 335.4 days. For a total of 335 epochs of max-
ima, the best constant period is 331.7 days, giv-
ing a nonsystematic spread in O-C of 82 days
and A(O-C)/P -- 0.247. Consequently, Hof-
fleit (1979) concludes that "this star is no longer
considered as having a significantly changing
period."
In 1936, Hetzler (1936) shows some small
variations on consecutive light curves of Miras.
The perturbation appears in the visible AAVSO
light curves and in the infrared ones at ),8500.
The latter wavelength is affected moderately by
strong TiO absorption (Wing, 1971). Figure
1-10b shows two light curves (IR on the top and
visual on the bottom) for two periods of R Vir
separated by a period which is not indicated.
The hump shown in the first period is not pres-
ent in the second one (or is much less notice-
able).
R Car is an astonishing star; it shows a wide
maximum cycle followed by a narrow maxi-
mum one (Celis, 1977).
Abrupt changes of period (rapid fluctua-
tions of the length of period) appear in some
Miras; they are visible from the differences
(O-C) between the observed epoch of maxi-
mum and the computed dates derived from for-
mulas (JDM_ = P x E). This phenomenon
was observed on T Phe and U Tuc by Campbell
(1926) and on RT Eri (Payne and Campbell,
1930); it is not correlated with the length of the
next cycle, such as the shift of maximum de-
scribed in the next paragraph.
Abrupt shifts of epoch (fluctuations of
phase) are also pointed out by Ludendorff
(1928) on R Lup and by Shapley (1929) on Z
Aqr. For the latter, the (O-C) curve
demonstrates that the period remains constant
over the interval covered by observations (1896
to 1929), although there appears to be a jump
in epoch of about -55 days near JD 2420900.
This change seems to take place within about
two periods, but the observations are not
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spaced closely enough to determine whether the
change is due to an abnormal lengthening of
a maximum or a minimum. New photometric
and spectroscopic observations are needed on
such stars.
Multiple Periods. The light curves can also
be analyzed by other means, such as the super-
position of two or more distinct periodic light
curves. Payne-Gaposchkin (1954b) notes that
the ratio P2/PI is approximately the same for
the stars of a given spectral type, but it differs
from one spectral type to another. She gives
PE/PI -_ 9.4 for the M stars and 12.2 for N
stars. The frequency distribution of P2/PI for
M-type variables has a rather flat maximum be-
tween 7.5 and 10, with a slight peak between
9 and 10 (Houck, 1963). With a small sample
of N-type stars, Houck shows a maximum fre-
quency of P2/PI between 12 and 13. These
values agree well with Gaposchkin's earlier re-
sults. Houck (1963) gives six Mira variables
with secondary periods: SV And, U Per, V
Hya, V545 Cen, Y Per, and V1280 Sgr. Among
the variables with M-type spectra, there are
five with P2/P1 ratio in the range 22.5 to 51.5
and one N star with this ratio about 45.4. In
these quoted papers, P2 should be interpreted
in terms of a beat frequency phenomenon
resulting from interference between two slightly
different periods within the atmosphere of the
stars.
Leung (1971) describes a method of analysis
of superposition of two or more nonsinusoidal
period components. Leung (1980) applies this
method to 50-year observations on six selected
M and S Miras: o Cet, R And, T Cep, T Cas,
R Hya, and S CrB. Two components were de-
termined for the majority of the observed Miras
(Figure 1-14). For five variables, the period
ratios, P2/Pj, of the two individual nonsinu-
soidal period components are around the value,
1.04 _+ 0.01. In general, the shorter period Pl
is associated with the larger amplitude of varia-
tion, and the amplitude ratios, A2/AI, range
from 0.15 to 0.28. The amplitude and period
ratios of period components of S CrB do not
fit into the general behavior pattern described
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Figure 1-14. AA VSO observations of T Cas (lO-day mean). The computed light curve (smooth curve)
is based on two period components. The observations not included in the determination of period
components are denoted as crosses. The abscissa is Julian Day (from Leung, 1980).
here. The o Cet light curve needs the superposi-
tion of three periodic components.
Houck (1963) gives two periods for the C
star, VHya:Pl = 533 days andP2 = 6500
days (beat frequency). These values are of the
same order as those of Campbell (1943), who
finds Pl = 539 days and P2 = 18 years. The
latter period gives extra-deep minima reached
in 1889, 1908, 1925, and 1943. Analyzing the
data gathered by AAVSO from 1860 to 1968
and using the method of analysis of Leung
(1971), Leung (1973) points out one period of
6670 days with an amplitude of about 3.5 mag-
nitude. The other component has a period of
530.7 days, an amplitude variation of 1. l mag-
nitude, and a shape close to sinusoidal, so that
the larger period component has the larger am-
plitude. Note that the opposite holds for the red
supergiant variables (Leung, 1973). He con-
cludes that V Hya may be a late Mira of Ib
type, for which the long-period component is
not due to a normal mode of radial pulsation,
and that the dip preceding the minimum is
probably due to nonlinear effects or cold spots
on the star surface. Reanalyzing the data of V
Hya, Leung (1980) concludes that this carbon
star has an extremely peculiar light variation
and proposes four distinct period components.
To conclude, we recall Leung (1980), who
suggests that the primary period, P_, is the
pulsational period and that the modulating pe-
riod, P2' may be derived from a nonradial
mode. The multiple periodicity may reveal in-
formation on the modes of oscillation of these
stars.
Short-Term Flucluations. In addition to the
rapid evolution in the o Cet effective tempera-
ture on 12 days reported by Joshi et al. (1980),
we want to detail some scarce observations
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whichseemtoindicateshort-termfluctuations
in theMira variables.
TheJ= l--0, v = l,andv = 2SiOmaser
emission lines of the Mira variable, R Leo,
show phase-dependence effects in both line
shape and intensity. At the premaximum
phases, they are strong narrow features of de-
creasing intensity. Around the visual maximum
(_ = 0.98, 0.02, 0.04), they appear to be respec-
tively about 30 and 15 percent broader without
any trace of narrow features (Clark et al.,
1982). The effective duration of these changes
continues up to _o _ 0.40.
With the Griffin-type radial-velocity spec-
trometer and masks especially designed for
Mira spectra, Pierce et al. (1979) find nightly
variations of radial velocity of emission and ab-
sorption lines in the spectra of Miras. More pre-
cisely, the range in the measurements for each
night is larger than the average uncertainty for
a,set of observations covering 7 nights between
_o = 0.9 and _o = 0.2. For example: on T Cep,
the nights at _o = 0.02 and _ = 0.12 show a
variable behavior of the absorption lines (the
emission lines are too faint to be measured); on
X Cyg, the nights at _ = 0.07, ,p = 0.11, and
_, = 0.13 show a variable behavior of the emis-
sion lines; and on o Cet, the radial velocity is
variable in the absorption lines for the nights
around _o = 0.76 and _o = 0.21 and in the emis-
sion lines for the nights at 9 = 0.12. The
range of these nightly radial-velocity variations
is between -2 and -13 km/s. These short-term
variations should be interpreted by the interac-
tion of shock waves with nonuniform atmo-
spheric layers. Also, they should be linked to
eventual flares such as those observed in R Aql
(Woodworth and Hughes, 1973, 1977) or V Cyg
(Querci et al., 1979); however, simultaneous
observations are not available. Finally, it might
be that these variations in radial velocity are a
consequence of matter swept along magnetic
tubes (see M. Querci, this volume).
Correlations Between Different Observed
Quantities. Numerous correlations between the
observed quantities such as period length, light-
curve shape, IR excess, visible and IR color di-
agram, and OH radio-line separation exist in
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the literature. Apparently, some of them are
surprising, because we do not understand for
the moment why they happen. However, we
shall note in detail here those of the greatest
importance and shall endeavor to draw conclu-
sions on the relationships between the derived
physical parameters.
The first correlations between the observed
quantities were made at the Harvard Observa-
tory. Campbell (1925) first demonstrated that
a statistical relationship exists between the
shape of the light curve and the period. The
asymmetry becomes gradually more pro-
nounced as the period increases. In all three
spectral classes (M, S, or C), Mira light ampli-
tudes are smaller for shorter periods and greater
for longer periods. This was again explained by
J.G. Garcia (1980).
Using the data of Kukarkin et al. (1958),
Merrill (1960) found that the period of M, S,
and C stars is distributed in a broad maximum
around 300 days for M stars, 360 days for S
stars, and 400 days for C stars. Consequently,
the C Miras have, on the average, the longest
periods.
Using two groups of Miras, one in which
emission lines have low radial velocities (<20
km/s) and another in which they have high ra-
dial velocities (> 80 km/s; from Merrill's cata-
log, 1941), Ahnert (1969) finds that the larger
the scattering of cycles in percentage of periods,
the earlier the subgroup of Me stars. A corre-
sponding relation exists between the scattering
and the period length, a relation which seems
trivial because it is a well-known fact that the
longer the period, the later the Me subgroup
(Glasby, 1968).
Harrington (1965) investigated 165 Miras
from among the data of Campbell (1955) and
found a correlation between the difference in
magnitude of two successive maxima and the
time interval separating the two maxima. When
the interval is under the average value, the sec-
ond maximum is brighter (45 percent of the
considered stars show this correlation with a
significance of at least 95 percent). These light
curves may be interpreted by the outward prop-
agating disturbances taking more or less time
toreachthestarsurface,thistimebeingafunc-
tionof theenergycarried.
Thekinematicstudiesof Feast(1962)imply
thattheshorterperiodMiravariablesarePop-
ulationII stars,whilethoseof longerperiods
belongtomoreintermediatepopulations.These
conclusionssuggestthattheperiodamplitude
of theMira starsmaybea functionof their
metalabundance.
Todeterminethedifferenceinmetalabun-
dancesbetweenshortandlong-periodMiravar-
iables,DeGioia-Eastwoodetal. (1981)usedthe
relationshipderivedbetweenIW],thevelocity
of thestarperpendiculartothegalacticplane,
andt3(U-B), the ultraviolet excess, given by Eg-
gen et al. (1962). To calibrate the relationship
between [Fe/H] and the kinematic properties,
they use Carney's (1979) relation between
t3(U-B) and [Fe/H]. They have examined two
groups of Mira variables: the stars with periods
149 < P < 200 days were found to be deficient
in [Fe/H] by more than 1 dex, compared to the
group with 350 < P -< 410 days. The metal
deficiencies in the short-period Mira variables
are substantial, and consequently, the mass lost
is proportional not only to the outflow velocity
and the mass of the shell, but also to the abun-
dance of heavy elements contained in the
ejected matter.
Eggen (1973) shows that the periods and col-
ors of small-amplitude red variables are not re-
lated. Eggen (1975) deduces a linear relation in
the plane (log P,(R-1) o) for the Miras, the in-
dex (R-/) ° being measured at phase 0.25 (ap-
proximately medium light). This linear relation
is given by:
(R-/) ° = -0.45 mag + 0.90 log P
It is probable that this relation becomes non-
linear for stars with periods longer than 500
days that are redder than R-I = 1.8 mag (Eg-
gen, 1975); although the number of such stars
is not important, observations are needed to de-
termine the ((R-I) o, log P) relationship. The
halo Mira variables have no correlation be-
tween the period and the color R-I at phase
0.25 (medium light). Feast (1980) points out
that Miras show a slow rise in brightness with
period, from Mbo I -- -4.1 at 200 days to
Mbo t - -4.6 at 400 days. The short-period
(- 135 days) Miras do not follow this law and
are quite fainter.
The extension of the visible to the red and
radio spectral ranges, and consequently, the de-
tection of the IR excess and of the maser lines,
leads to many correlations for an improved
knowledge of the Mira behavior. Moreover, the
analysis of M, S, and C stellar spectra using
model atmosphere synthetic spectra is very use-
ful because it shows that the stellar continuum
could be reached in small intervals around 1.04,
3.6, and 8 #m (see H.R. Johnson, this volume).
Lockwood and Wing (1971) and Wing and
Lockwood (1973) find a direct correlation be-
tween the period length and the amplitude vari-
ation at 1.04 #m for a large sample of M stars,
whereas Keenan et al. (1974) find a direct cor-
relation between the mean spectral type at max-
imum light and the period for the Me stars.
Ukita (1982) shows (Figure 1-15) this relation-
ship for the Mira stars with strong OH emis-
sion, weak OH emission, non-OH Miras, and
Miras which have not been observed in OH.
Frogel (1971 ) established a correlation between
the variation of the [1.2/_m]-[3.5 #m] color in-
dex and the amplitude variation at 2.2 #m for
stars with little or large excess 10-/zm radiation.
A tendency for larger period stars to have
longer amplitudes and larger [0.8/_m]-[2.2 am]
or [I-K] color indices was noted by Hyland et
al. (1972). The continuum amplitude variations
can be explained by variations in the effective
temperature, whereas both the effective tem-
perature and molecular opacities act together
on other spectral ranges. Using the 2.2-#m spec-
tral range, Harvey et al. (1974) again found the
period-amplitude relation previously obtained
in the visible and at 1.04 am; they also estab-
lished a relation between the variation of the
[3.5 #m]-[10.0 am] color index and the period
amplitude. DeGioia-Eastwood et al. (1981)
found that the [8.7/tm]-[11.4 am] color aug-
ments monotonically with increasing period for
a sample of 41 Mira variables of M spectral
type. However, since the photometric phase at
the time of each measurement had not been
49
_ 3.0
.c
J
= 2.0"
o
w
c
o
1.0
.e.
0.0
100
°0 A ° dP
• Oo oO• le ee • 0,,, ._'... "4_o." .• • • • • "°5 .I. ", ". o • •
• . • el • I ° •
• J.I • • • • •
o
_o 36o 460
Period (days)
o
41 - Fm_-Fmin
Fmin
-10
7
5
3
2
Figure 1-15. Plot of the 1.04-1an intensity variations against stellar period for oxygen-rich Mira variables:
filled circles represent OH Miras in which OH emission was detected [OH luminosity -SD 2 >-0.1
Jy (kpc)2]; filled triangles are OH Miras with weak OH emission [SD 2 < 0.1 Jy(kpc) 2]; open circles
are non-OH Miras; dots are Miras not having been observed in OH or for which upper limits are
poorer than the above criterion (from Ukita, 1982).
taken into account (of course, how could it?),
some of the scatter may be due to intrinsic
variability. We conclude that the height of the
silicate feature increases with the period ampli-
tude, and consequently, the ratio of mass loss
and dust formation, as well as the temperature
of the silicate emitting layers, are directly linked
to the stellar parameters which dictate the
period amplitude. The height of the silicate
feature does not seem to be due to a stochastic
process in any Mira variable.
Like DeGioia-Eastwood et al. (1981), we
point out that the IR excess is not indicative of
the total amount of mass in the shell, which is
governed by the mass loss, but only of the mass
of dust (and not gas) contained in the ther-
mosphere, which extends to that radius in the
shell where the dust is sufficiently warm to
radiate significantly at 10 #m. Therefore, the
[8.7/zm]-[11.4 #m] versus period relation can
be interpreted as an indication that the observed
mass of dust in a given thermosphere is an
almost linear function of the period.
Bearing in mind that the Population II stars
have a short period and that they are metal-
deficient, we assume that two stars are equal
in mass and luminosity and differ only in
period; the previous correlation permits us to
conclude that the Population II stars are also
infrared-excess-deficient, and consequently,
that dust formation may be a function of the
metal abundance.
In some stars, Wilson (1970) noted that the
OH 1612-MHz masers and the IR variations are
clearly correlated. Harvey et al. (1974) devel-
oped a monitoring program to measure, at
monthly intervals, the maser at 1612 MHz and
the broadband infrared fluxes at six wave-
lengths for OH/IR sources. They essentially
confirm the observed correlation between the
infrared and the 1612-MHz variability of the
OH/IR stars and the OH clouds. This coupl-
ing mechanism is consistent with a radiative
pumping of the masers, possibly at 2.8, 35, 53,
80, and 120 #m (Litvak, 1969; Litvak and
Dickinson, 1972; Elitzur, 1978; Elitzur et al.,
1976; Bujarrabal et al., 1980; Epchtein et al.,
1980).
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A monitoringof OH maseremissionfrom
theM-typestars,IRC + 10011,NMLTau,U
Ori,SCrB,WXSer,UHer,RAql,andRCas
ismadebyJewelletal. (1979).Themaseremis-
sion is observedin the 1612-,1665-,and
1667-MHzlinesof OH and22-GHzlineof
H20.Theyconcludethat,in mostcases(their
Figures7through13),for allmainandsatellite
lines,themaserpumpingmechanismustbe
radiativein nature.Forthesatelliteline,this
hasalreadybeenestablishedwithsomecertain-
ty byHarveyetal. (1974).Thedatapresented
byFillit et al. (1977)alsosuggesta radiative
pumpingforthesatellitelineand,withlesscer-
tainty,forthemainlines.Fortheselatterlines,
theworkof Jewelletal.(1979)establishescon-
clusivelythatthemainlinesarealsorelatedto
theopticalfluxof thestar(seelaterfor con-
troversy).Schwartzet al. (1974)suggesttwo
possiblecorrelationsbetweenthe1.35-cmH20
maserandthe2.2-#minfraredflux, eitheran
exponentialratewhichfits theintensityof the
maserversustheIRfluxat2.2/_m,oralinear
relationbetweenthemafterathresholdof the
infraredfluxvalue(whichis probablycorre-
latedwithsomeprocessesquenchingthemaser
atlowlevelof infraredfluxorapossiblecolli-
sionaldeexcitationof H20 molecules).The
pumpmaybelinearlyproportionalto thein-
fraredfluxabovethethresholdif themaseris
saturated.
Werneretal. (1980)simultaneouslymoni-
toredfar-IR,near-IR,andradioobservations
onfiveveryredobjectswith1612-MHzemis-
sions.Thedirectcomparisonof thesedata
stronglysupportsthehypothesisthatthemaser
emissionispumpedby35-#mphotons(seealso
Nguyen-Q-Rieu,thisvolume).
InthecaseofUOri, thecomparisonof dif-
ferentline velocitiesproducesthreevelocity
groups(Cimerman,1979).Themostimportant
is thegroupat-42 km/s,whichincludesthe
zero-voltopticalabsorptionlines,onelineof
theSiOtransitions,andanOHlineof eachfre-
quencyseenin all observations.Thesecond
groupincludestheopticalemissionlinesand
onelineofthe1612-MHzfeaturesat-47km/s.
Linesscatteredaroundthevelocityof-36km/s
formthelastgroup.Garrigue(1980)attempts
to correlatetheOHmaseremissionwith the
observedvisiblelight curve.In his U Ori
monitoring,hefindsanentireperiodof light
shiftedby2magaboveitsusualmeanvaluefor
eachphase,whereasthelightcurveof thisMira
is usuallyveryregular.GarrigueandMen-
nessier(1980)pointout thatthebeginningof
thisepochof higherbrightnessbeganapprox-
imately650daysbeforethe1612-MHzflare
discoveredby PatakiandKolena(1974b)in
November1974andthatthelifetimesof both
visualbrightnessand 1612-MHzsatellitein-
creaseshave550-daydurations.Thisconfirms
thattheOHemissioni thesatellitelineisdue
to aperturbationwhichpropagatesthroughout
thestellaratmosphere.Theproposedscenario
is asfollows:
1. Anoverbrighteningperturbationoccurs
in thephotosphere,disturbingthevisual
lightcurveduring550days.
2. It propagatesthoughouthestellarat-
mospherewith a meanvelocityof 20
km/s (Slutz,1976).
3. Afterabout650days,theperturbation
reachesthedustshellanddisturbsthe
IRradiationemittedbyit (atabout1014
cm;fromGehrzandWoolf, 1971).
TheshellIR radiationreachestheU Ori
OH-emittingregion(1015cm;fromReidetal.,
1977)in1day,and"byOHradiationcoupling,
is responsibleto themasereffectduring550
days"(GarrigueandMennessier,1980).This
interpretationisa littledifferentfromtheone
proposedbyCimerman(1979),whodoesnot
takeaccountof the650-daydelaybetweenthe
beginningof the visible and the radio
variations.
Fourpapers(Dickinsonetal., 1973;Harvey
etal., 1974;Dickinsonetal., 1975;Morriset
al.,1979)arguein favorof adirectcorrelation
betweentheexpansionvelocitygivenbytheOH
masercircumstellarlinesandtheperiod.L_pine
etal.(1976)showthatthiscorrelationisdoubt-
ful for theirMirasample.Usingtherelation-
shipof Figure1-15andthehypotheticalcor-
relationexpansionvelocityversusperiod
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amplitude,onemightconcludethat a direct
correlationexistsbetweentheOH expansion
velocityandtheamplitudevariationonthe1104
filter.Researchin thiswaywasattemptedby
Ukita (1982),whoconfirmsthe uncertainty
stressedbyL6pineetal. (1976).Withdataof
typeI andII OHMiras(Figure1-16),hefinds
thattheexpansionvelocityhasadirectcorrela-
tionwith theamplitudevariationat 1.04#m
andan inversecorrelationwith the period
length.KnowingthatthetypeII OH/IRMira
starshavelargercolorindicesthantheOH
Miras and, consequently,have thicker
envelopes(Harveyetal.,1974;Dickinsonetal.,
1975;Olnon,1977),Ukita(1982)assumesthat
themass-lossratesincreasein theorder:non-
OH Miras,OH Miras,andtypeII OH/IR
stars.Ukitainterpretshisresultin termsof a
dust-drivenwindenhancedby pulsation,a
hybrid modelof massloss (Wood,1979;
Deguchi,1980).
LookingfortheSiOmasersinalargesam-
pleofMiras,SRb,andsupergiants,Spencert
al.(1981)concludethatnoglobalpropertiesof
thesestarscorrelatewiththeSiOluminosity;
thisindicatesthattheSiOmasersarelocated
verycloseto thestars,wherethelocalcondi-
tionsaffecthemaserintensitymuchmorethan
theglobalpropertiesof thephotosphere,such
asthestellartemperature,affectit. Thelocal
conditionscouldbegovernedbyclumpsof gas,
convectivec lls,or turbulenteddies.Thevaria-
tion of theSiOmaserintensityandprofile
pointedoutbyClarketal. (1982a,1982b)in
theMira,R Cas,isagoodexample(seetheir
Figures1through5).Moreover,inMiras,the
SiOmaserfluxiscorrelatedwiththebolometric
flux(CahnandElitzur,1979;Cahn,1981)and
with the infrared flux (Hjalmarsonand
Olofsson,1979).(Letusremarkthat,whenthe
linesareweak,broad,androughlyparabolic,
theyaredueto nonmaseremissionformedin
athickexpandingenvelope(RobinsonandVan
BlerKom,1981).)
UsingVLBI observations,Bowerset al.
(1980)correlatethemass-lossrateswiththesize
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Figure 1-16. Plot of expansion velocity versus the quantity AI × 400/P, for oxygen-rich Mira variables.
(AI and marks are defined in Figure 1-15.) The crosses represent type II OH/IR stars (from Ukita, 1982).
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ofthemasingregions;starswithmass-lossrates
lessthanl0-5Me yr -1 have masing regions
<1000 AU in extent, while stars with stronger
mass-loss rates have larger masing regions.
Wolff and Carlson (1982) point out a
"general tendency of both line width and in-
tegrated intensity of SiO thermal emission lines
to increase with infrared color excess."
Scharlach and Woolf (1979) look for a cor-
relation between the maser activity and the
amount of ejected matter, which is correlated
with the subphotospheric activity (Thomas,
1973) as indicated by the hydrogen emission.
They therefore searched for a correlation be-
tween the maser activity and the H8 emission
line (which is the only Balmer line not disturbed
by TiO absorptions); no correlation was found.
Modes of Pulsation of Long-Period Variables.
Miras are radial pulsators and are driven mainly
by hydrogen ionization effects (e.g., Cox,
1984). The real germane problem is to know
which radial mode is the primary mode of
pulsation, the fundamental or the first over-
tone. Both modes have been proposed by dif-
ferent groups through comparisons between
observational values of the pulsation constant
Q and theoretical Q-values.
The pulsation constant Q (in days) relates
the period P (in days) and the density 0 by: Q
= P(O./Q C) )1/2, otherwise:
Q = P (M/Mo)1/2 (R/R o)-3/2,
with M, the mass, and R, the radius (i.e., a
period-mass-radius (PMR) relation exists).
A primordial observational constraint to the
Q determination concerns the knowledge of
radii. Their evaluation by direct methods (giv-
ing angular diameters) such as occultation
technics or speckle interferometry, or by
photometry is debated by Wood (1981) and
Willson (1982). (See also the section on Radii.)
In the direct method, it is shown that radii vary
from one spectral region to another; also
distances to individual objects must be known.
The photometric approach involves the
luminosity definition:
L = 4zc R2o T 4
eff
The radius may be expressed in the function of
L, hence the absolute bolometric magnitude
Mbo 1, and of Tef f. Therefore, knowing obser-
vationally the Mbol/IOg P relation and the log
Tff/P relation for LPV's, we get observa-
tional Q M-I/E/P relations. However, the
uncertainty in the effective temperature deter-
mination (hence, in the radius determination)
for the Miras remains the major problem in
estimating Q-values from observations. (See the
extensive discussions in Willson, 1982, and in
Wood, 1981, 1982.) This is shown in the sum-
mary of observed Q-values given by Fox and
Wood (1982, and references herein): (1) for the
Population II small-amplitude variables (e.g.,
in globular clusters 47 Tuc, M4, M22, and co
Cen), using the Ridgway et al. (1980)
temperature scale (an extension to Miras of a
scale based on nonvariable M giants), the pulsa-
tion mode is the first overtone for stars in the
two first-quoted clusters, and the fundamen-
tal for stars in the two latter, without clear ex-
planation; (2) for Miras in the solar
neighborhood, using a blackbody temperature
scale based on lunar occultation angular
diameters, the mode is the first overtone,
whereas the use of the Ridgway et al. Tff scale
might lead to the fundamental mode; (3) in the
Magellanic Clouds, for the two groups of long-
period variables (see the section Aspects of
Evolution of Long-Period Variables in the
Magellanic Clouds), the pulsation mode ap-
pears to be first overtone if blackbody temper-
atures are used, or fundamental mode if the
Ridgway et al. Tff are favored. In fact, one
can have confidence in the blackbody color
temperatures for LPV's of large amplitude that
are linked to infrared lunar occultation
diameters of Mira variables (as described in
Glass and Feast, 1982); therefore, first-overtone
pulsations are favored.
Pulsation models, as well as linear
nonadiabatic models (Fox and Wood, 1982),
have been calculated as nonlinear nonadiabatic
models (Wood, 1974; Tuchman et al., 1979;
Ostlie et al., 1982). In the extensive grid of
linear nonadiabatic pulsation models of Fox
and Wood (1982), theoretical values of the
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pulsationconstantarederivedforthefirstthree
radialpulsationmodesin redgiants(galactic
disc and Population II) and supergiants. Main
results are as follows:
• In the standard models, for Miras in the
galactic disc, Q is not constant for either
mode. Q-values for the first overtone
asymptotically approaches Q_ - 0.04 at
low luminosity or high mass, and short
P, but QI may take values up to about
0.075 (see Figure 3 in Fox and Wood,
1982); no simple period-mass-radius
relation exists. For the fundamental
mode, Q-values increase with P, and the
relation P M a R-b = Q with a - 1.0
and b - 2.0 holds.
• The ratioPo/P l can take values from
-2 to 3 for values of P1 _< 630 days;
Po/P1 - 7 occurs when P0 - 2000-
5000 days in some massive luminous
stars. Beat periods exist between Pl and
P2 of -3 PI to -20 P1 (Wood, 1982);
some observed beat periods are given in
the section Multiple Periods.
/
Note that, for the LPV's in Magellanic
Clouds (models with slightly decreased metal
abundances), the Q-values for the first overtone
tend to cluster around Q (days) = 0.38.
Therefore, although the ratio of Po/Pl
seems to be well determined theoretically, deter-
mination of the mode of pulsation itself of the
Miras requires more than the Q-value deter-
mination. Wood (1981) suggests that the
strongest evidence in favor of thefirst-overtone
pulsation mode is the presence of secondary
periodicities caused by resonant coupling be-
tween the first-overtone (corresponding to the
primary mode of pulsation) and the fundamen-
tal mode (the secondary mode of pulsation)
when the latter has a period almost twice that
of the first overtone. In fact, Wood (1982),
among various examples, quotes massive
supergiants (see Figure 1-3) which present
secondary periods with P - 2000-7000 days
(i.e., about seven times the length of the
primary pulsation period) in agreement with the
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Po/PI - 7 found in supergiant models of Fox
and Wood (1982). Also, carbon stars among
AGB variables are known to have such an
observed Po/P1 ratio. Another support to the
first-overtone primary mode of pulsation comes
from Figure 1-3. As commented in the section
Aspects of Evolution of Long-Period Variables
in Magellanic Clouds, an AGB LPV switches
from the first-overtone mode to the fundamen-
tal mode when crossing the dotted line cor-
responding to the long-period edge of the AGB
region, to subsequently form a planetary
nebula. If the primary mode is the fundamen-
tal one, the event that could suddenly stop the
AGB evolution of an LPV still having substan-
tial envelope mass is not clear. Evidence for the
fundamental mode of pulsation in Miras has
been given by Willson (1981, 1982, and
references herein). Again, the controversy
comes mainly from the used radii. Also,
Willson analyzes shock propagation in Mira at-
mospheres to determine Q-values indicating the
fundamental mode of pulsation. Wood (1981,
1982) extensively discussed her arguments and
did not find them convincing.
The SRa-SRb-SRc Variables
Sir Williams Hershel discovered the first two
variable stars of this type: # Cep in 1782 and
a Her in 1796, with their magnitude varying in
a "random" manner between 4-6 and 3-4,
respectively. John Hershel attributed these ir-
regularities to some periodic veiling effects
caused by interposing dark nebulous matter.
The amplitudes of SR variables are smaller
than those of Miras, and the lengths of their
cycles are generally smaller than the period of
the Miras, except for certain supergiants in
which periods of many years are observed (e.g.,
Ori).
It is very difficult to define a period for stars
in which the random brightness fluctations are
more marked than the regular period. The
duration of the observed cycle often varies by
more than 1 month, and the individual max-
ima by more than a magnitude. However, the
classification into the three following groups
(moreor lessarbitrary)is generallyaccepted:
1. Thesemiregularsof latespectralclass
(M,S,andC),denotedSRa,aregiants.
Manyof thesestarsdiffer from the
Miratypesonlyinthesmalleramplitude
of light variations.Frequently,their
curveshavestrongvariationsfromone
cycletoanother.Typicalrepresentative
starsareRUAnd,SAql,ZAqr,TCnc,
WZCas,TCen,RSCyg,RSGem,and
R UMi.
2. TheSRb-typesemiregularshaveapoor-
ly expressedperiodicity.Different
periodsoftheindividualcyclesprevent
the prediction of the epochsof
minimumand maximumbrightness.
Thesestars sometimestemporarily
replaceperiodicchangesby slowir-
regularvariationsor evenbythecon-
stancyof thebrightness.Typicalstars
areV Aqr, V Boo,RXBoo,UUAur,
X Cnc,Y CVn,TT Cyg,R Dor,RY
Dra,UX Dra,T Ind,RLyr, VY Leo,
W Ori, L2Pup,0 Per, SW Vir, and S
Sct. The SRb stars are giants.
3. The SRc-type semiregulars are super-
giants with an SRb behavior. The visual
light changes are generally of the order
of a single magnitude or less (Maeder,
1980). Typical representatives of the SRc
type are VY CMa, # Cep, RS Cnc, RW
Cyg, TV Gem, Y Lyn, t_ Ori, S Per, and
VX Sgr.
It appears that we find a larger fraction of
semiregular variables among the carbon stars
(C spectral class) than among the M and S stars.
Almost half of the known semiregulars are N
stars, the remainder being of M class; very few
of S and R classes are known. Moreover, it is
of interest to note that the N-type stars have
larger primary and secondary cycles than the
M class stars (for example, see Table 9 in
Glasby, 1968).
The frequency-distribution curve of class C
Mira and SR stars are very different. The
former has a large maximum between 350 and
450 days, while the latter has two maxima
around 150 and 400 days, clearly separated by
a minimum around 270 days (Alksne and
Ikaunieks, 1971). Analyzing this minimum in
the distribution, Guzeva Yakimova (1960)
noted the absence of carbon stars with periods
(Miras) or cycles (SRa) between 250 and 285
days. With observations based on 316 stars
(mainly spectral class M), Glasby (1968) uses
the shortest cycle for SR stars (cycle intrinsically
related to a possible pulsation of the star itself)
and constructs a frequency-distribution curve
for the cycle length. Two maxima are detected,
around 85 and 135 days, on a period range
from about 30 to 1000 days or more.
Different Time-Scale Light Variations of
Semiregular Variables. The first approach to
these stars could be light curves obtained by a
visual estimate of the brightness; such tasks are
well suited to amateur observers. Visual curves
of semiregular stars do not have the strong
similarity among them as do the Miras, but are
quite individual. Moreover, instead of the mean
periods of the Miras, the SR variables may be
characterized by a form of periodicity which is
hidden by irregular variations in brightness
(Glasby, 1968).
Among the semiregular variable stars, the
SRa are most similar to the Miras, with which
we find many common characteristics such as
Balmer emission around some light maxima as
in WZ Cas, changing periods (Hoffleit, 1979),
and other characteristics.
As for the SRb stars, there is often an er-
roneous classification between them and the ir-
regular variables, Lb, because the observations
are not continued for a sufficient duration.
Maran et al. (1980) give a good example with
VY Leo (56 Leo), which clearly shows the slow
irregular variations that temporarily replace the
periodic changes. Two groups of Brazilian
astronomers have separately detected variations
with a time scale of about 1 hour on the M8 II
star, R Crt: Gomes Balboa et al. (1982) in the
22-GHz H20 line and Livi and Bergmann
(1982) in the DDO magnitudes and colors (over
TiO bands and Ca I lines). R Crt is the first SRb
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Figure 1-17. Photometric light curves of the SRb variable, TW Hor (from Bouchet, 1984a).
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variable to show such rapid variations.
Bouchet (1984a) analyzes the C star, TW
Hor, by broadband photometry from the U
band to 30 ttm (i.e., using U, B, V, R, I, J, K,
L, M, N, Q, and P filters; Figure 1-17) carried
out over a 4-year period and by spec-
trophotometry from 1 to 13 ttm. The variations
of brightness are similar in the J, H, L, and V
bands. They are less pronounced in the K and
M bands. The V-R and V-Iindices vary slightly
in phase with the V-magnitude. The B-Vindex
remains nearly constant over the period, but the
U-B varies oppositely to the other colors and
magnitudes. Strong and rapid oscillations on
U-B are pointed out between _o = 0.80 and _o
= 0.90 (see his Figure 2); they are probably
connected with the X3280 Fe II V 1 emission-line
variations (Bouchet et al., 1983; see also M.
Querci, this volume). These oscillations should
duplicate rapid temperature or opacity varia-
tions due to nonthermal chromospheric excita-
tion (Querci and Querci, 1983, 1985a). Surely,
important scientific information is contained in
these variations, but many opacity contributors
such as C 3, violet CN, SiC, or graphite are in-
cluded in the flux of each filter, and the restora-
tion of each one is impossible. A new
photometric system for carbon stars is needed
(Querci and Querci, 1985b). A feature noted in
the Bouchet's (1984a) paper is the variation on
the N flux where SiC particles may form, which
is either due to the variation of the amount of
emitting SiC or to the fading of the exciting
emission. Moreover, the time-scale variations
over a week on N and P filters are not quoted,
but they are not negligible. At phase 0.25, the
N flux varies from 8.1 to 6.3 × 10-25 Wm -2
Hz -1, while Q varies from 2.8 to 5.7 x 10 -25
Wm-2 Hz -1.
Lastly, we describe the supergiants (SRc).
Because the time interval between two con-
secutive maxima for the supergiants is between
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severalhundredandseveralthousandays with
amplitude variations which are generally small
( _<1.5 mag), several years of observations are
needed to decide whether a supergiant such as
0 Cas belongs to the SRc class or to the Lc class
(Smith, 1976). Maeder (1980) observed on the
Geneva photometry file that the cyclical
amplitude variations of the SRc stars decrease
by several tenths of magnitude over some years;
he concludes that "over half a century or more
they may exhibit changes up to 2 magnitudes."
Moreover, he points out that the limit in the
HR diagram where the light variation
amplitudes of the G-M supergiants become im-
portant coincides very closely with the limit of
appearance of very deep convective zones in
these stars. Using these two observations, we
may conclude that the SRc supergiants stay no
more than 100 years near the Hayashi limit
because, in this area of the HR diagram, the
amplitude variations are at their maximum and
the observations show that the light maxima
decrease about 2 magnitudes in one century.
The hypergiant, 0 Cas, shows large varia-
tions in luminosity and spectral class. Before
1930, it had a K class spectrum; in 1943,
Morgan et al. (1943) classified it as F8Ia,b, and
during 1946-1947, the star underwent a deep
light minimum (Am v - 2.0), probably because
of the large amount of ejected matter, and con-
sequently, the spectrum looked like that of an
M star. In 1948, Greenstein (1948) pointed out
signatures of matter falling back on the star a
day after a sudden expansion. Joshi and Rau-
tela (1978) found that the color temperature of
0 Cas was higher than that of _ CMa (a non-
variable star of the same spectral class) by about
650 K in 1920 and 100 K in 1974. As quoted
by Glasby (1968): "One marked peculiarity of
the light curve of 0 Cas is the apparent existence
of three fairly distinct modes with quite abrupt
changes occurring from one to the next. Such
changes have been observed in 1911, 1922, and
1946 when a very deep minimum occurred
which was well followed visually and photoelec-
trically."
Some other observational proofs of long-
term variations have been made by the analysis
of the variable polarization. For example,
Tinbergen et al. (1981) interpret the yearly
variations of ot Ori and ct Sco by very large
eddies (size about 1.5 x 108 km) with a
lifetime of 1 year. One, or at most two or three,
of these large moving elements are seen at the
same time; this agrees with Schwarzschild's
(1975) estimate that a cell moving up and down
in the stellar atmosphere with a sonic speed
(supposedly constant and equal to 5 km/s)
crosses the whole stellar diameter in 1 year. In
c_ Ori, Goldberg (1979) finds random fluctua-
tions on the time scales of 1 year or less noted
above. He also finds a cycle of about 5 years
with both brightness and photospheric radial-
velocity variations, which demonstrates the cor-
rectness of the period of 5.781 years of Jones
(1928), Sanford (1933), and Pettit (1945).
(However, see the discussion by M. Querci, this
volume.)
In addition to these long-term disturbances,
night-to-night variations are observed in some
super or hypergiants. In 0 Cas (Figure 1-18),
Joshi and Rautela (1978) show variations in the
slope of the Paschen continua and the Balmer
jump and suggest that they are brought about
by the circumstellar cloud surrounding the star.
The daily disturbances are probably due to local
interaction between the photosphere and sur-
rounding matter in small puffs or to local mo-
tions in the atmosphere itself, leading to ir-
regular variations of brightness and polari-
zation. Sargent (1961) suggested that the weak
Balmer absorption lines of 0 Cas during the late
1950's are probably filled in by emission lines,
and he argued that there is no deficiency of
hydrogen in the irregular variables. We con-
clude that a monitoring with high-resolution
spectroscopy could clarify the problem.
Looking for the middle-term color changes
shown by 0 Cas (Beardsley, 1961), Landolt
(1968) concludes that "such a very long-term
project as this color change problem is one to
which serious amateur-astronomers using stan-
dard UBV filters, a photoelectric cell, and a
small reflector could usefully contribute."
The above variabilities remind us of those
observed in the hotter supergiants, from A to
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G spectral classes, with the three different time
scales: (1) the nightly variations, (2) the cyclic
variations of several hundred days, and (3) the
long-term variations of several years which are
sometimes quasi-catastrophic for the star.
Correlations Between Observed Quantities.
Definite correlations between periods, absolute
magnitudes, spectral classes, and phase lags are
less obvious in the SR variables than in Miras.
Generally, the clouds of points in the figures
(Feast et al., 1980) are scattered around the
mathematical relation deduced from these
figures. However, efforts have been made to
rectify the situation: Glasby (1968) reports
studies from Palmer which conclude that, sta-
tistically, the amplitude variations may be ac-
cepted as constant. Or rather, he points out that
the behavior of the maximum and minimum
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apparent brightness is virtually the same in the
SRa stars, whereas it is very different in the
Miras, in which two successive maxima could
vary appreciably while the minima show very
little variation. Moreover, he notes that the
longer the period, the redder the spectrum--
an association also noted by Strohmeier (1972).
Although the monitoring of H20 micro-
wave (Schwartz et al., 1974) on the SR vari-
ables, RX Boo (SRa), NML Cyg, and VX Sgr
(SRc), was of such low signal-to-noise ratio that
no correlation between microwave variations
and visual luminosity was possible, Cox and
Parker (1979) found a steady increase of the
H20 line with no sign of cyclic variation seen
at optical wavelength in RX Boo (SRb). More-
over, sharp maxima appear in the maser
strength with no apparent correlation with the
visible. The monitoring of the two H20 peaks
of the SRb star, R Crt, gives a different
behavior of these two features against the visual
brightness. Spencer et al. (1981) conclude that
the SiO maser intensities are correlated not with
the stellar properties but with local conditions
in the stellar atmosphere of the SRa, SRb, and
SRc stars (like the Miras). When the visual
brightness of VX Sgr (SRc) monotonically in-
creases by about 3 magnitudes (Schwartz et al.,
1974), the 2.2-/_m flux increases by a factor 2.
Then, and then only, does the H20 microwave
emission appear. It seems that the masering
regions and the photosphere of the star are not
usually coupled mechanically because the stellar
photosphere suffers some periodic variations,
but the masers have quite nonvariable radial
velocities.
In his investigation on the SRa carbon star,
Y CVn, with photoelectric B, V, and R filters
and spectroscopic observations, Vetesnik
(1982b, 1982c) gives a C 2 Swan radial-velocity
oscillation of + 2 km/s. Although a gap exists
in the photometric observations, he suggests a
likely relationship between the light variations
and the radial-velocity oscillations. Moreover,
he gives the light elements of the minima by
JDMi n = 2436097.3 + 251.6E. However, this
new period disagrees with the mean period
givenin theGCVS(P = 158 days); the chang-
ing period is quite evident unless there is a
mistake in the GCVS.
Another SRa carbon star, UX Dra, shows
a light curve with a marked regularity, alter-
nating one deep and one shallow minimum,
which suggests the light curve of a photometric
binary (Vetesnik, 1982a). On the other hand,
the radial velocity deduced from the C 2 Swan
has a half-amplitude of 2.2 km/s and a period
of 340 days, which is double the mean period
obtained with the light curves. Confirmation
by continuous observations is needed.
Referring to 20-year observations in the
Geneva photometry, Maeder (1980) gives the
V amplitude variations for several SRc
supergiants of type Ia, Iab, and II. For a given
spectral type, the larger the brightness ampli-
tude, the more luminous is the supergiant; how-
ever, Strohmeier (1972) argues that the cycle
length has no apparent correlation with the
luminosity. This apparent contradiction in-
dicates that a very high quality of measurement
is necessary for investigating SR stars. (The
Geneva photometry is a good example.)
Moreover, Maeder (1980) points out a new
observed correlation for the G-M supergiants;
for the same amplitude variation, the higher the
luminosity, the earlier the spectral type is.
Observations of numerous supergiants are
necessary to confirm Maeder's conclusions
because he has used only three Ia supergiants,
nine Iab and three II supergiants of M0-M2
class, and three Iab and two Ib supergiants for
spectral classes later than M2. Because the ir-
regular variable stars are generally poorly
monitored by ground-based observers,
numerous observations are needed to con-
tribute to the understanding of these stars.
Nevertheless, from 24 red supergiant vari-
ables in the LMC, Feast et al. (1980) deduce
a period-luminosity relation. The measurements
of Glass (1979) come close to a theoretical P-L
relationship derived from the work of Stothers
and Leung (1971).
The satellites hail a new epoch. Maran et al.
(1980) demonstrate that VY Leo is clearly an
SRa variable with a period of about 1 year,
although it was classified Lb in the GCVS.
Thus, this star can no longer be used as a nor-
mal giant (Wing, 1980). Consequently, it is
urgent to use satellites for long series of uninter-
rupted observations of selected variable stars;
such sustained observations will help to point
out the various time-scale phenomena involved
in these star atmospheres.
Superposition of Periods, Chaos, or Random-
ness in Light Curves. A primal question is: are
the semiregular stars multiperiodic, chaotic, or
truly random?
In the last decades, astronomers have mainly
developed multiperiodic analysis, and many ap-
parent light-curve irregularities may be explain-
ed by a complex mixing of two or more oscilla-
tions, each of which is more or less regular and
varies independently. Harmonic analysis of the
observations must be employed to identify the
individual oscillations. RS Gem (SRb, M II) is
a representative star, with a secondary varia-
tion which is observed as a second maximum
progressing along the light curve relative to the
primary cycle (Figure 1-19). UZ Per is one of
the SRa variables which has been studied in
depth over several years; it apparently has three
cycles of different length: a short period of 90.8
days, a longer period of 922 days, and a third
one which is estimated to be more than 5000
days long (Glasby, 1968).
Variable stars with a double period are more
often observed among C stars than among M
and S stars. A list of those stars are given in
Table 26 of Alksne and Ikaunieks (1971).
Values of the ratio of the secondary to the
primary periods (P2/PI) are quoted in the
works of Payne-Gaposchkin (1954b), Houck
(1963), and Alksne and Ikaunieks (1971), in
which the majority of the stars are SRa or SRb
of both M and C classes. We will not discuss
it again. Leung (1980) found that this period
ratio (secondary to primary) is about 10 for the
M supergiants (SRc). Stothers and Leung (1971)
suggest two possible explanations for these two
periods. First, the primary period is connected
to the radial fundamental mode of pulsation,
and the long secondary period is tentatively in-
terpreted as the convective turnover time of
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m V
8
11
8
11
i.
:'.. ...__ _'3".'.i . _
2428000 2434000
I 1 I I /
" ° ,o
• .'._'_7... . =.
L.'. _e_ ."_'_ ['_ ". _._- .:"
,,.=-..:_.,_._...,t'._ f-;.:._. ,. _, ._.. __._ ,_.-_..,.
..-.. . _j...._-..
•"_-_ -_.: -._." '._ V" " "_-
_'-_": ::" "-: "" 'i'
,I I I
2434000 2438000
S PER
Figure 1-20. AA VSO observations of the supergiant semiregular variable (SRc), S Per. Each point
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giant cells in the stellar envelope. A second
possible interpretation is that the primary
period may represent the first radial overtone,
while the secondary period may represent the
fundamental mode itself. Stothers (1972)
prefers the first explanation, while Fox and
Wood (1982) argue in favor of the second one
and give a period ratio of about 7 (see the sec-
tion Modes of Pulsation of Long-Period
Variables and de la Reza, this volume). Figure
1-20 shows the S Per light curve and the com-
puted two-component light curve from Leung
(1980).
Nowadays, two other types of physical ex-
planations for the behavior of the semiregular
and irregular stars are proposed: the ran-
domness and the chaos. In the randomness pro-
cess, the events are largely independent of each
other, and it is impossible to make accurate
predictions of any range of variations with cer-
tainty. However, in a chaotic process, which
has been mainly analyzed in mathematics and
physics, the observed variations reflect the
unstable motions which are produced by a col-
lective and cooperative behavior of the matter
when some acting forces are largely amplified
(Whitney, 1984). Nonlinear equations are used
to investigate such behavior.
Here, we make two observational remarks:
1. The analysis of semiregular and irregular
variables requires a much longer series
of uninterrupted observations than have
been done until now; only very few stars
(Houck, 1963; Glasby, 1968; Hoffleit,
1980; Leung, 1980) have been monitored
to this extent.
2. Although observations of new periods in
cepheids or binaries with improved ac-
curacy permit us to obtain more precise
quantitative parameters of these stars,
the accuracy of the observations on the
semiregular stars may determine the
nature of the variations amidst the pro-
cesses described above and may allow us
to choose between two competing phys-
ical theories (Whitney, 1984). Observa-
tions with improved accuracy are crucial
for semiregular and irregular stars.
As we know, there are many more irregular
variables among the carbon stars than among
the M stars. Let us give some examples of
semiregular C stars with apparent behavior
changes in their light curve, illustrating chaotic
variations. First, we quote the SRa star, S Cam.
This star was observed from the beginning of
the 20th century. Ludendorff (1923) derived a
period of 325.5 days and a light amplitude of
2.8 mag from his 1911-1912 observations.
Later, Campbell (1941, 1947) and Payne-
Gaposchkin (1944) indicate a period of 326.5
days and a light amplitude of 2.5 mag. Nielsen
(1952) obtained a period of 324 days. All these
results seem homogeneous. However, Mayall
(1960a, 1964, 1966) suggests that S Cam light
amplitudes decreased to 2.0 mag, and Romano
(1950) points out time intervals with constant
brightness and other ones with additional waves
on the light curve. From her 1966-1971 obser-
vations, Krempec (1973) deduces a period of
326.4 days and a variable behavior in the light
amplitude. During some time intervals, the light
amplitude is above 1.3 mag, and during some
other ones (presenting very flat minima), the
light amplitude is only about 0.8 mag. During
the Krempec's observational period 0966-
1971), the SRb star, RV Aur, presented regular
time variations with a period of 229 days, but
the behavior of this star was sometimes quite
irregular. UV Cam is another SR star with an
apparent period (294 days) and considerable ir-
regularities (Krempec, 1973). U Cam is one of
the SRb stars with multiple periods. Payne-
Gaposchkin (1944) finds three periods for this
star (223,435, and 3000 days). Kukarkin (1949)
confirms the two periods of Jacchia (1933): 419
days (as the period of fundamental oscillations)
and a superposed wave of 3000 days. Krempec
(1973) shows that the period of 400 days is
probable. The light variations were often
irregular.
As quoted by Krempec (1973), there is no
regularity in the light variations of the SRb star,
X Cnc, and the observations give considerably
different periods, such as 970 or 365 days. The
light amplitude does not exceed a few tenths of
magnitude, but Mendoza (1967) and Eggen
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(1967) stated that the photometric color index,
B-V, ranges from 2.9 to 3.4 and 3.0, respec-
tively. Hagen (1925) notes that X Cnc is im-
bedded in a dark symmetric cloud of size 0°8.
This cloud is confirmed by a strong continuous
ultraviolet absorption (Mendoza, 1967) and a
strong continuous infrared emission (Gillett et
al., 1971). TT Cyg, also an SRb carbon star,
is an astonishing object; it shows very rapid ir-
regular light variations during the 1923-1924
and 1928-1929 observations of Parenago
(1938). During other time intervals, it has a
period of 118 + 18 days (Payne-Gaposchkin,
1944; Krempec, 1973).
To conclude this analysis of the semiregular
stars, we emphasize some occasional striking
behavior like the one observed by Garcia et al.
(1977) on the SRb star, R Dor. On the basis of
455 visual observations, these authors show the
occasional appearance of an 8-day harmonic
period besides the 332-day fundamental period.
At the present time, it is difficult to give a
physical explanation to the excitation of the
8-day mode.
The Lb and Lc Stars
Generalities. The Lb and Lc stars, giants and
supergiants, respectively, are slowly varying
without any trace of periodicity and with small
amplitude (< 1.5 mag). Deep minima appear
at irregular intervals. The light curves seem to
be composed by slow waves of varying
amplitude. Strohmeier (1972) notes that an ex-
tremely weak periodicity occasionally appears.
Some variables are initially classified Lb or
Lc and are later shifted to other variability
classes as new observations reveal unsuspected
periodicity. Therefore, the red irregular stars
with unknown spectral class and luminosity are
first assigned to the irregular star class while
awaiting new observations.
Few such stars are regularly observed by
spectroscopy. Even today the presence of
Balmer emission lines has not been successfully
demonstrated in these variable stars.
Although the Miras of spectral class M are
scattered over a large spectral range--M2 to
M10--the irregular stars, as well as the semi-
regulars, are concentrated at M6 and M6.5,
with none later than M7 (Cameron and Nassau,
1956); the latest should be RX Boo (M7-M8).
Joy (1942) showed that the concentration of ir-
regular M stars occurs at M5 and M6. This dis-
crepancy occurs because a small difference ap-
pears between the Mt. Wilson (Joy) and Case
(Cameron and Nassau) systems of classifica-
tion. We must keep in mind that these dif-
ferences are partially due to the variation of
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Figure 1-22. (a) Portions of the visual light curves of two supergiant variables of small ampfitude.
The ordinates are in magnitudes, and the abscissas are in thousands of days from an arbitrary zero-
point. Note that the scales for the two variables are not the same. The curve for it Cep is from Hassen-
stein (1938), and that of VV Cep is from Fredrick (1960). (b) Portions of the light curves of three
red supergiant variables of large amplitude. The ordinates of S Persei and VX Sagittarii are in units
of visual magnitude, while photographic magnitudes are given for VY Canis Majoris. The abscissas
are in thousands of days from an arbitrary zero-point. The visual light curves are based on AA VSO
observations, and the photographic curve was determined by Robinson (1970) from Harvard plates
(from Smith, 1976).
spectral class of the star during its light varia-
tions. Wilson and Merrill (1942) give a long list
of irregular variables with M spectral types.
They add two S spectral-type stars: SU Mon
and AD Cyg. The stars it Cep, ot Ori, ot Her,
and _ Sco are also classified irregular by
Strohmeier (1972). Many M class irregular
variables are connected with young O-associ-
ations of Population I (Crawford et al., 1955).
The carbon Mira variables are found in the
low-temperature C6-C7 subclasses, while the
semiregular and irregular variables are chiefly
found in the earlier subclasses (Alksne and
Ikaunieks, 1971). Typical representative Lb car-
bon stars are V Aql (Figure 1-21), W CMa,
V460 Cyg, U Hya, V Hya, T Lyr, BL Ori, TX
Psc, and VY UMa.
In any case, it is generally difficult to decide
whether a supergiant belongs to class SRc or
class Lc because the time interval between suc-
cessive maxima is very long. This time varies
from a few hundreds to a few thousands of
days, and extensive observations are needed
before a conclusion can be reached. This raises
the question that another kind of distinction
between the supergiants must be investigated.
Smith (1976) suggests a much more physical
splitting among the supergiants: those with
small amplitude variations and those with large
amplitude variations (Figure 1-22a, b). In the
first group, we find # Cep and VV Cep, the
latter being an eclipsing binary. Their mean
maximum amplitude is 1.1 mag with a disper-
sion of about 0.2 to 0.3 mag. The second group
includes stars like S Per, VY CMa, and VX Sgr.
Using the published line curves of Robinson
(1970), Dinerstein (1973), and Smith (1974),
Smith (1976) found a mean maximum
amplitude of 4.2 visual magnitudes with a
dispersion of 1.1 mag among these three stars.
The light curves of It Cep and VV Cep suggest
that they have something in common, but they
are different from the other three supergiants
which are rather inhomogeneously classified in
GCVS: S Per as SRc, VY CMa as Lc, and VX
Sgr as SRb.
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It seemstobenecessarytosupportthisdivi-
sionintosmallandlargeamplitudevariables
bystudyingotherstellarpropertiesandobser-
vationsof otherstars.Humphreys(1974)found
thatthethreestars,SPer,VYCMa, and VX
Sgr, share a few peculiarities, such as large ex-
cess radiation between 0.7 and 1.5/_m and be-
tween 1.5 and 8 #m. This last excess has a slope
like that of free-free emission in VX Sgr and
S Per. Moreover, these stars show absorption-
line weakening in their near-infrared spectra,
silicate emission features between l0 and 20 #m,
and strong OH and H20 emissions. S Aur and
Y Lyn can be added to this group of large
amplitude variables.
Among the observed variable supergiants,
the number of large amplitude variables is very
limited. Then, if we suppose that the
supergiants cross through the small and large
amplitude phase, we could conclude that the
latter phase is very short. Moreover, no
theoretical works give any information on the
order and the duration of these two phases;
only observations on the cluster, h and X Per,
suggest that S Per (large amplitude variable)
may lie at the tip of the red supergiant branch
in the HR diagram because it appears redder
than the small amplitude supergiants of the
same cluster (Smith, 1976).
Different Time-Scale Light Variations of Ir-
regular Variables. Visual or photoelectric pho-
tometry monitoring of a few irregular stars
(e.g., VY CMa, and VX Sgr) indicates that their
variations result more from chaotic or random
processes than from harmonic processes. This
could be interpreted as irregular surface
features--spots, loops, or cells--that should
have an effect on the light variation larger than
have the pulsational effects. Spectroscopic
observations in support of random variations
in these stars appear in literature. As an exam-
ple, we quote the variability in the emission
lines in the IUE low-resolution spectra of the
Lb carbon star, TX Psc, over a 3-year period,
reported by Baumert and Johnson (1984).
These authors show a probable time variation
of the Mg II X2800 lines by a factor of 3 to 25
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and the possible variation of the C II ),2325 line
by 25 percent in the spectra of this object. On
the basis of these data, Avrett and Johnson
(1983) attempted to model a chromosphere for
cool carbon stars (see de la Reza, this volume).
A monitoring during 4 years (1981-1984) was
jointly developed by the Bloomington and
Toulouse groups on the low-resolution and
long-spectral observations of TX Psc (Johnson
et al., 1986). The intensity variations of Mg II,
C II, and Fe II emission lines were confirmed
with a factor of variability of 6 to 15, 5, and
8 to 80, respectively. Moreover, all the lines ap-
pear to vary together. The possible mechanisms
for the production of these emission lines are
reviewed: shock waves such as in Miras, mag-
netic fields associated with plages, heating by
short-period acoustic waves, and changes in ab-
sorbing overlying clouds by their own motion.
However, the continuous flux in the long-wave-
length spectral range (LWR) is essentially con-
stant. A recent high-resolution LWP spectrum
of TX Psc confirms unusual profiles and line
strengths for h and k lines. These lines are
heavily absorbed by overlying Mg II, Mn I, and
Fe I absorption features (Eriksson et al., 1985).
As in semiregular variables, changes in light-
curve shapes are observed:
1. Some irregular stars, like W CMi, have
an irregular light curve, but during some
periods of time, their light curve suggests
a regular light period and during other
periods a very constant brightness
(Krempec, 1973). Some other stars have
periodic variations during some intervals
of time, and shortly thereafter, are not
variable at all. BM Gem is a good exam-
ple pointed out by Krempec (1973); RX
Lep is the typical representative star.
. Some stars have rapid changes of
brightness. Krempec (1973) notes a
change of 0.80 mag during 30 days on
UY And and "very rapid light variations
of the order of a few tenths of magnitude
during a few days" on the light curve of
SV Cyg.
3. Otherstars,suchasTT CVn,havea
periodapproximatelydefinedatdifferent
epochs(Wendel,1913;Krempec,1973);
however,duringsometimeintervals,the
brightnessvaries rather irregularly
(Krempec,1973).
Ashbrooket al. (1954)describethelight
curveof theSRc-Lcstar,/_Cep,byasecond
stochasticchain."Thelightvariationisnotex-
plicablebya simplepulsation;rather,it may
beinterpretedasarisingfromtemporary,ran-
domsurfacedisturbancesonthestar."Sharp-
lessetal. (1966)foundthatthelightcurveis
theresultof thesumof periodicterms,with
4836daysof fundamentalperiod.Its light
variationshaveshort-periodcomponentsand
atleastfourdifferentperiodsbetween700and
14000days(Polyakova,1983).Byspectralanal-
ysis,Mantegazza(1982)showsthat thelight
variationof/_ Cepmaybeexplainedby the
superpositionof twoperiodictermsandtheir
nonlinearcouplings,thelongertermhavinga
cepheid-likeshape.Theresultsof Mantegazza
tendto supporthesecondhypothesisof Sto-
thersandLeung(1971;seebelow)andarein
agreementwith thetheoreticalonesobtained
byUus(1976),whodemonstrateshatsomered
supergiantsarepulsatingin theradial fun-
damentalandfirst-overtonemodes.
In general,theLb andLc starshavenot
beensufficientlyobserved.To havea global
pointofviewof theirvariations,someof them
mustbe followedindividuallyduringmany
years.However,theanalysisof thelightcurves
of manyof themshouldgiveindicationsto
ascertainif chaoticvariationsarereallypossi-
ble in the Lb stars.Moreobservationsare
urgentlyneededto confirmthissuggestion.
Finally,wepoint out theobservationsof
flaresinthesestars.Inthechaoticpointof view
of theirregularstarvariations,flaresshould
representtheshortesttimevariations.However,
theyarenotreallyusedin theanalysisof the
starbehaviorbecause,atpresent,apermanent
followupis impossiblewith theconventional
telescopes,photoelectricequipment,andadapt-
ed filters,whichpreventhe studyof con-
secutiveflaresandtheircorrelationwithother
variations.As anexampleof flaresonsuch
variablestars,wedescribetherecentevent
recordedon#CepbyArsenijevic(1985).A sud-
denfast(20-secondduration)brighteningof
0.034magnitudeonV wasobservedonAugust
3, 1981,at Oh31.9mnUT, witha standard
deviationinthemeasurementsof ___0.011mag;
simultaneously,a shallowminimumin the
polarizationpositionangleappeared.The
decliningphasewas28mnlong.Thesimilari-
tyof thisphenomenonwiththered-dwarfflares
stronglyfavorsastellarflareinthesupergiant,
#Cep,althoughthedecliningphasewaslonger
thaninreddwarfs,maybebeingcorrelatedwith
alargeramountof irradiatedenergy.Theflare
appearedduringtheminimumlight,suchasin
thecaseof thesolaroneswhicharedueto a
largenumberofspotsatthestellarsurface.The
totalenergyirradiatedby the# Cepflareis
about1032joules,fittingflareenergiesobserved
in theSunandin stars.
Wealsonoteflareactivitiesin theradio
wavelengthrange,for example,in a Ori and
a Sco(HjellmingandGibson,1980;seealso
thesectiononPhotometric Observations); they
infer the presence of magnetic fields (see M.
Querci, this volume).
To conclude the discussion on irregular
stars, we mention the light variability of the
brightest and the most famous irregular var-
iable star, which has been observed more or less
regularly over 60 years--a Orionis.
The M2 lab supergiant, a Ori (Betelgeuse),
was monitored by photoelectric photometry in
the visual quite regularly from 1916 to 1931 by
Stebbins (1932). Occasionally, Johnson et al.
(1966) and Rucinski (as quoted by Goldberg,
1984) have also made some observations. In re-
cent years, Krisciunas (1982) systematically
observed a Ori in B and V filters from 1979 to
1982, and Guinan (1984) began measurements
(around Ha and in the blue at X4530) in 1981
that have continued to the present. Besides
these data, AAVSO has recorded regular mea-
surements for the last 60 years, and this exten-
sive temporal coverage makes them very useful,
especially in the absence of professional works.
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However,thesedata must be viewed with great
caution because the scatter is very large in a
single measurement. All the above-quoted data
are shown on Figures 1 and 3 through 5 in
Goldberg (1984) and on Figure 2 (upper panel)
in Guinan (1984). The characteristics of the o_
Ori light curves, particularly clearly seen on
Guinan's Figure 2, are long-term light varia-
tions with a period of about 5.78 years, and
with a mean amplitude of about 0.4 mag, and
short-term irregular variations with rise or
decline time scales of a few weeks to some
months superposed on the long-term periodic
light variations. The following systematic
trends are noted:
1. 1916-1931: Stebbins (1932) found a
period of 5.4 years after the use of a dras-
tic smoothing process which cancels all
the short-term fluctuations (see his Fig-
ure 1). From radial velocity data, Jones
(1928) and Sanford (1933) obtain a per-
iod of 5.78 years.
2. 1934-1938: The photoelectric data of ot
Ori show no evidence of periodicity, the
points scatter widely, and the radial ve-
locities are not connected to the 6-year
period throughout the period of Adams's
(1956) observations: 1937-1947.
3. 1939-1965: The brightness variations
seem to follow the 5.78-year period and
between 1949 and 1961, a phase lag
relative to the mean curve previously
found by Stebbins (1932) seems to be
observed.
4. 1965-1975: Random variations on
brightness and radial velocities appear
again.
5. 1975-1980(?): The 6-year period was
followed surprisingly well by the radial-
velocity measurements of Boesgaard
(1979) and Goldberg (1979).
Moreover, short-lived abrupt drops in
brightness are evident in 1926, 1934, 1942,
1943, 1947, 1951, 1971, 1974, and 1981 and
very short time variations appear in the 10-ttm
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region; the intense infrared emission surround-
ing o_ Ori varies in shape, size, and intensity
from night to night during September and
December 1966. The stars # Cep and _ Tau
have the same behavior (Low, 1965).
As noted by M. Querci (this volume), the
atomic lines giving the radial velocities are not
listed in the text of some of the papers men-
tioned above. Consequently, we suppose that
the lines used are from various excitation poten-
tials (i.e., from atmospheric layers of different
behavior). Therefore, many possible correla-
tions between the radial-velocity variations and
drops or declines of brightness in large band-
width filters, like UBV, cannot be fully inferred
and exploited because we are unable to locate
the layers from which the light variations come.
Some examples of such unexploitable data are:
1. Between Julian days 2424538 and
2424598, the radial velocity decreases by
nearly 4 km/s, while the brightness in-
creases by 0.2 mag in the same time
(visual brightness). After 200 days, the
radial velocity was found to be lower by
3.5 km/s and the brightness was also
declining during this time.
2. On Julian day 2431400, ct Ori suffers a
steep drop in radial velocity, followed
some days later by a fall in brightness by
about 0.6 mag. Goldberg (1984) argues
that this rapid change takes place soon
after the minimum of the "mean veloc-
ity curve" like the changes seen in 1925,
and shows that some other large distur-
bances follow the two velocity minima of
1972 and 1978.
During the short-term variations, the change
on the linear polarization of the visible light
variation varies with the same time scale as the
brightness. This suggests a high degree of asym-
metry and a local origin in the features involved
in these variations (Tinbergen et al., 1981).
Hayes (1981) suggests that the change of po-
larization follows the formation and growth of
the local features on the surface of the star
(lower chromosphere) and progressive changes
intheirorientation.Viewingtheentirephenom-
enadescribedby Goldberg(1984),it seems
"equallypossiblethata sharpdropin radial
velocity was accompanied by an initial bright-
ening followed by rapid fading," which can be
explained by a gaseous matter ejected from the
star which diffuses and condensates into grains
and becomes optically thick in the visible region
(Goldberg, 1984).
To conclude, it appears that the long-term
light variations probably arise from the radial
pulsation of the star, the short-term variations
having been believed to be caused by large-scale
photospheric convective cells (Schwarzschild,
1975). Haye_ (1982), Goldberg (1984), and An-
tia et al. (1984) favor such an explanation, the
two first authors for explaining polarization
changes. However, Roddier and Roddier (1983,
1985), Petrov (1983), Roddier et al. (1984), and
Karovska (1984) argue against it (see M. Quer-
ci, this volume), and Guinan (1984) notes a lack
of correlation between the short-term variations
in the TiO band strength and the short-term
light changes. This fact suggests that "the
mechanism responsible for the short-term light
enhancement is not linked to temperature in-
creases as would be expected from ascending
giant convective cells.., and that the brightness
enhancements are produced above the stars's
surface."
The problem might be resolved if the recent-
ly claimed companion objects to o_Ori are con-
firmed. That circumstance would also seem to
explain some variations in chromospheric emis-
sion-line radial velocities, as well as circum-
stellar dusty clumps (see M. Querci, this vol-
ume). (Anecdotally, Bottlinger (1910) mentions
ot Ori as a binary star for which he finds a
6-year period. Other authors (Wilson and
others) as reported by Karovska (1984), also
classified a Ori as a binary star.)
Eruptive Variables: The RCB Stars
Generalities. The main characteristics of the
eruptive RCB stars are the abrupt drops in
brightness, followed by a longer climb back to
normal light, probably due to the sudden ejec-
tion of highly absorbent matter. They are oc-
casionally thought to be the progenitors of type
I supernovae (Wheeler, 1978), novae (Mc-
Laughlin, 1935), planetary nebulae (Webster
and Glass, 1974), or helium stars (Tutukov and
Iben, 1985), and white dwarfs (Schonberner,
1977).
In 1795, E. Piggott discovered the variability
of R CrB, the prototype of the well-known
RCB stars. In the southern hemisphere, a few
random observations of RY Sgr have been
made since 1751 (Lacaille, 1847). From 1895 to
1908, the brightness of UV Cas dropped twice
by 1 to 1.5 mag (Florya, 1949); its variability
was recognized with the 4-mag fall of 1913
(Shenavrin, 1979). Innes (1903, 1907) published
the first series of observations of some RCB
stars. After monitoring R CrB for several years,
Sterne (1935) concluded that this star is a
"perfect irregular" with its visual variation
from 5.8 at maximum to 14.8 for the deepest
minimum, whereas the light of SU Tau falls
almost annually.
As in the other variables, the spectral type
of the RCB stars changes during their bright-
ness variations, and accordingly, changes in the
spectra and colors of the RCB stars are noted.
The latter are extremely complex because the
star waxes and wanes. A general behavior of
the stellar spectrum during one of the abrupt
drops in brightness and recovery may be
described as follows, mainly on the basis of R
CrB and RY Sgr observations.
At maximum, the spectrum is very similar
to that of a supergiant of spectral type F or R,
with narrow and sharp absorption lines, the
main differences being in the weakness or
absence of the Balmer lines and in the strong
lines due to carbon. The cooler stars have
strong molecular absorption bands of CN and
C 2•
As the star dims, we continue to see the
absorption spectrum, but it is veiled. However,
in general, the molecular spectrum becomes
more and more intense as the minimum is
reached. There is a sharp emission spectrum
which appears during the fall and suffers
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gradualchanges.Someof these narrow emis-
sion lines sometimes replace the atomic absorp-
tion lines (Herbig, 1949). First, the sharp lines
of Fe II appear (Payne-Gaposchkin, 1963). As
the fading continues, the spectrum becomes
dominated by Ti II lines. Occasional anomalies
are detected. For example, Alexander et al.
(1972) found the same intensity for the two Sc
II lines at 4354.61 and 4320.75 A as in the
laboratory. Spite and Spite (1979) showed that,
in the next drop of RY Sgr, the 4354.61 ._ line
has disappeared and the 4320.75 A line is ap-
proximately 500 m,_. In general, this sharp
emission spectrum is slightly displaced to the
blue (3 to 10 km/s) relative to the absorption
lines at maximum. Its intensity increases rapidly
during the initial part of the drop and then
grows weaker as the star continues to fade. It
is likely produced by an expanding region
(chromosphere or large envelope), with decreas-
ing expansion as the star approaches minimum.
In the decline of RY Sgr during 1977, Spite and
Spite (1979) note that the narrow emission lines
and the absorption lines of the atmosphere itself
have the same radial velocity. The behavior of
this emission spectrum is apparently not related
to the absolute magnitude of the star (Feast,
1975), but seems to depend on the time from
initial decline (Payne-Gaposchkin, 1963). Dur-
ing the 1948 minimum of R CrB (Herbig, 1949),
only the second part of the narrow emission
spectrum was seen (Ti II). Perhaps this is con-
nected to the observed low initial rate of
decline.
A very broad emission spectrum appears
some days after the brightness begins to fade
(40 days in the case of R CrB in 1948 and 70
days in the case of RY Sgr). In the spectrum
of R CrB, the lines of He I 3889, Ca II H and
K, and Na I D appear with different widths
(Rao, 1975). Using narrowband filters, Wing
et al. (1972) discovered the presence of a strong
He I 10830 emission line during the minimum
of R CrB. As the minimum progresses, the pro-
file of these lines changes, and the intensity re-
mains constant at first, then increases, and
finally decreases. In the spectrum of the cooler
RCB stars, these broad emission lines are
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sometimes accompanied by absorption com-
ponents with velocities of -250 to -130 km/s
(Querci and Querci, 1978; Rao, 1980b). (See M.
Querci, this volume, for details on observations
of the He I 10830 )_ line in red giants and the
implied constraints to future modeling.) Be-
cause the UV spectrum fades much less than
the visible and red spectrum, additional sources
of emission shortward of 4000 ,_ have to be
taken into account. As the star approaches
minimum light, the relative intensity of the
emission lines of each element changes gradual-
ly (implying variations in the conditions of ex-
citation). Also, a variable polarization with
variable wavelength dependence is observed in
stars like R CrB and RY Sgr (Serkowski and
Kruszewski, 1969; Coyne and Shawl, 1973). At
the end of minimum phase, P Cygni profiles
develop (Payne-Gaposchkin, 1963; Querci and
Querci, 1978; Rao, 1980b). The bands of CN
are observed in emission at this time (Wing et
al., 1972). Seeds and Ignatuk (1973) have
shown changes in strength of the C 2 emission
bands in the R CrB minimum. These changes
are probably due to the filling in of the
photospheric absorption bands by chromo-
spheric emission. Taking into account the nu-
merous atomic lines in the violet, the chromo-
spheric contribution to the total observed light
increases to shorter wavelengths; consequently,
the dependence of polarization with wavelength
is not linked to the particle size only.
As the star brightens again, the absorption
lines gradually come back, while the emission
spectrum fades with a varying rapidity in the
various lines. Finally, the maximum spectrum
is reached approximately 2 magnitudes before
the light maximum itself; in R CrB, Rao et al.
(1981) observe h3 and k 3 Mg II components,
which demonstrate that this star also has a con-
tinuous mass loss during the maximum light
through a permanent chromosphere (Payne-
Gaposchkin, 1963; Rao, 1974, 1975).
Can we draw a coherent qualitative model-
ing of the RCB phenomenon?
Many models have been proposed during
the past 20 years. Payne-Gaposchkin (1963)
suggested that the particles are formed in the
upperphotosphereof thestar, becausethe
emissionlinesobservedat minimumlightare
not themselvesobscured.Winget al. (1972)
proposethatthereisaquasi-permanentblotchy
cloudorbitingaroundthestar.Humphreysand
Ney(1974)associateheparticlecloudwiththe
atmosphereof aprobablecoolLPVcompan-
ion.Theselasttwomodelsareattractive,but
poseproblemsinsofarastheyfail to explain
whythedeclineisrapidandtheriseisslower.
Nowadays,it appearsthat the initial
hypothesisof Loreta (1934)and O'Keefe
(1939),inwhichthelightminimumoftheRCB
starsisdueto dustobscuration,givesthebest
accountoftheobservedfeatures.Feast(1979),
sustainingthisbasicmodelof ejectionof thick
dustclouds,explainshowit mightact.Thegas
isejectedatthetopof oneorsomeofthelarge
convectivec lls,andit crossesthedeeperlayers
of thestar'satmosphere.Thisejectionismade
radiallythroughafairlylargeareaof thestellar
surfaceinasemiangleof - 20 ° and roughly at
20 km/s. If the material is ejected along our
line of sight, a major visual luminosity
minimum occurs, whereas, if it is ejected at an
angle to our line of sight, it causes a minor
minimum (e.g., Forrest et al., 1972). The gas
expands and cools, and the graphitic carbon
condenses. The resultant dust clouds expand
and cause an eclipse which allows the
chromospheric sharp lines to be seen. The par-
ticles move away by radiation pressure. When
the new cloud collides with the circumstellar
shells, strong and broad emission lines are pro-
duced. Because the speed of the collision is
greater than the escape velocity, the matter is:
(1) partially ejected in space with a drop in den-
sity and in optical depth of the medium caus-
ing the emission lines to fade, (2) partially
replenishing the circumstellar patchy envelope
of dust and gas, giving rise to the infrared ex-
cess observed in some RCB stars (e.g., in RY
Sgr and R CrB). Recent IUE data confirm the
Loreta-O'Keefe cloud ejection model and are
consistent with the dust to be composed of car-
bon (Hecht et al., 1984). In addition, they show
that 5 to 60 nm glassy or amorphous carbon
rather than graphite is formed around the RCB
stars.
It is now worth turning to some observations
that argue in favor of this model and complete
it.
Patterson et al. (1976) showed that their
spectrophotometric measurements made on dif-
ferent nights during the R CrB climb in 1974
were consistent with extinction of particles that
they thought to be spherical graphite ones of
about 0.07-/zm radius, expanding by radiation
pressure. No variations of the particle size were
detected.
Orlov and Rodriguez (1974, 1981) find a
microturbulent velocity of 8.9 km/s in XX Cam
and 11 km/s in UV Cas, which supports the
idea suggested by Howarth (1976) that the in-
itial condensation may be due to turbulent mo-
tions (seed creation).
Forrest, as quoted by Rao (1980a), points
out that the extinction during the decreasing
light tends to be neutral without any color
changes, but that the colors redden during the
climb back to maximum. Using these confir-
mations and the electron pressure computed
from the broad emission lines, Rao (1980a) sug-
gests that the gas that produces these broad
emissions also produces the neutral extinction
by electron scattering during the decreasing
light. The grains appear later, and the cir-
cumstellar shell is replenished by ejecta at
minimum light. Consequently, the light from
the photosphere is obscured, and the
chromosphere (Payne-Gaposchkin, 1963; Alex-
ander et al., 1972) or the circumstellar gas shell
(Hartmann and Apruzese, 1976) is the obvious
source of the narrow emission spectrum. As
pointed out by Herbig (1949), the emitting gas
has a relatively low level of excitation.
The radial velocity of the chromosphere is
the same as that of the star itself (Spite and
Spite, 1979). When the emission region is sud-
denly cut off from its source of excitation, it
would be an ideal place for the production of
an electron recombination spectrum. Feast
(1969) suggests that the CN molecule is
reasonably abundant in these stars and that its
spectrum has a longward edge at 4000/_. This
could explain the blue and UV continuum
anomalies by: CN + e -- CN- + h3,. The
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emissionexcesson theV bandobservedby
Shenavrin(1979)onUVCastallieswiththisex-
planation.Moreover,thismodelsupportsthe
changesinthewavelength-dependentpolariza-
tion,showingthatdifferentparticlesizesexist
successively.
As notedabove,someRCBstarshavean
excessof infrared.Thefirst observationsare
recordedbySteinet al. (1969),whofindthe
infraredemissionmuchbrighterthantheex-
pectedemissionfromthestaritself,andwho
concludethat 40percentof thestar'stotal
luminosityisin theinfrared;Shenavrin(1979)
finds60percentfor SUTau.Anexcessof in-
fraredisalsofoundbyLeeandFeast(1969)
in RYSgr.However,XX CamandUVCas
have no infrared excess at all (Shenavrin, 1979;
Rao et al., 1980), and sometimes R CrB does
not have any IR excess during some minima,
as in 1972 (Rao et al., 1980). Either the physical
conditions are not favorable for grain forma-
tion in XX Cam and UV Cas or these stars are
between the RCB and the nonvariable HdC
stars. To explain the infrared emission, Herbig
(1949) believes that grains have to condense far
from the stellar surface, whereas Maron (1974)
suggests the following way: the freshly ejected
particles could have the form of "Platt" par-
ticles of 3 to 30/_,; they would absorb the visi-
ble radiation better than graphite particles but
would not reradiate in the infrared. Then, these
particle grow by accretion up to sizes between
10 -6 and 10 -5 cm (the classical grain nuclei
size). Therefore, the occurrence of the infrared
emission waits for the growth of the particles.
This growth period is a function of the physical
conditions in the shell, mainly low density and
velocity of escape, which vary from minimum
to minimum.
The broad emission lines which are observed
after the beginning of the decline are due to
matter which is ejected at high velocity and col-
lides with the circumstellar envelope material
with a phase lag of 30 to 70 days. From the
radial velocity of the circumstellar lines and this
phase lag, we conclude that the shell of gas and
grains is at about 4 to 8 A.U. from the star.
This agrees more or less with Lee and Feast
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(1969), giving 5 to 10 A.U., and with Pecker
(1976), giving a dust-cloud envelope of approx-
imately 350 R. at the IR maximum brightness
to 600 R. at the minimum. Moreover, Pecker
estimates the total mass of the envelope to
5.10 -7 solar mass. The broad emission lines are
noted violet-displaced by Payne-Gaposchkin
(1963). However, during the end of the decline
of RY Sgr observed by Spite and Spite (1979),
the broad emission lines seem slightly displaced
to the red relative to the star. (They extend from
-100 to +240 km/s.) This last observation is
explained by an ejection of matter in which only
a small amount is ejected toward the observer
and a larger one is ejected backward. Wdowiak
(1975) assumes that 10 to 100 convection cells
are responsible for the formation of dust blobs
that are ejected by radiation pressure. Rao
(1980a) indicates that the broad emission lines
are formed in a gas with Ne -_ 101_ - 1012 per
cm 3 and Te = 104K.
High-velocity shells and/or clumps are
observed in MV Sgr at -200 km/s with a
temperature of 800 to 900 K (Krishna Swamy,
1972), although the star has a hotter shell about
1300 K (Feast and Glass, 1973).
The presence of the circumstellar shell in
some RCB stars is also pointed out by IRAS.
It discovers a bimodal distribution of RCB
stars: (1) the majority of the RCB stars have
a flux such as F - v1"6; they have an IRAS
spectrum that can be understood as the spec-
trum of a star with a constant ejection rate of
dust where the emission is proportional to the
frequency (Schaefer, 1985); (2) a fifth of RCB
stars exhibit a qualitatively different IRAS spec-
trum with a flux such as F - v -l and a peak
v
flux at 100/zm or beyond; they are brighter than
the majority of the RCB's. Their IRAS spec-
trum is undistinguishable from normal plane-
tary nebulae (known to have a large amount of
dust at a great distance from the central star
(Schaefer, 1985)). This fact is in agreement with
one of Iben and Tutukov's (1984) evolutionary
scenarios that place the RCB stars in planetary
nebulae.
Light Curves. Surprisingly, the RCB stars are
the only class of eruptive variables for which
maximumbrightnessi thenormalstate.The
durationof thisstateisvariable(upto several
years).In addition,epochsexistin whichthe
full maximumis not reached.For example,
from 1898to 1948,XX Camhadonlyone
minimumin 1939-1940(Yuin,1948);R CrB
gaveflat maximafrom1925to 1935,1936to
mid-1938,1953to 1956,1969to 1972,etc.The
latteralsoshowsaseriesofminimawithoutfull
maximabeingreachedin the1860's(Mayall,
1960b)andfrommid-1962to 1965.Howarth
(1977)definesfadesandminima,respectively,
"asaninitialdropof onemagnitudefrommax-
imum"and"a fall of onemagnituderelative
to localsub-maxima."Theeventsappearto
obeyPoisson'statistics.ForR CrBandSU
Tau,themeanintervalsbetweenminimaare
532_+ 57 and 625 _+ 104 days, respectively, and
between fades, they are 1026 _+ 156 and ll40
_+ 220 days, respectively. The cooler star, SAps
(R3), has a mean time between fades of 1249
days (Howarth, 1976). This should suggest a
trend of decreasing activity with later spectral
type. However, observations of more stars are
needed to confirm this correlation.
The speed of the decline has also been in-
vestigated. In R CrB, Oberstatter (1972) points
out a drop of 0.5 visual magnitude per day dur-
ing the 1972 decline; amateurs have observed
0.3 visual magnitude per day during the decline
in 1983 (Proust and Verdenet, 1983), while the
"normal" fade is about dm/dt _ 0.1 mag per
day (Howarth, 1976).
The amplitude, the frequency, and the dura-
tion of minima are unpredictable. The declines
are much more abrupt than the rises to the max-
imum. However, the shape of the decline and
the rise is not the same for each minimum of
the RCB stars; sometimes, "a star may rise
halfway to maximum only, to fall again to an
even deeper minimum" (Howarth, 1976). This
could be caused by many ejection centers.
Superposition of Light Curves. Different time-
scale variations are very well defined in the
RCB variable stars. They are:
1. The unpredictable decline of many
magnitudes (already described) called
"obscurational" minimum.
2. The semiregular oscillations with a
visual amplitude of 0.2 to 0.4 magni-
tudes and with a pseudoperiod between
19 and 120 days according to the star,
called "pulsational" oscillations.
3. The very short nonpermanent oscilla-
tions with a time scale of 1 or 2 hours
detected in some RCB stars and prob-
ably originating from the star itself.
4. A long-term periodicity in the infrared
excess, perhaps due to a natural pulsa-
tion of the circumstellar dust shell.
Semiregular oscillations over a 38.6-day
period were detected by Jacchia (1933) on RY
Sgr. Many observations of RCB stars reveal
that these small fluctuations appear at each
phase of the variation cycle (Bateson, 1978).
Mendoza (1978) detected them photometrical-
ly in Hot and OI (k7774) filters. Pugach (1977)
concludes from observations of RY Sgr that
these pulsational variations do not depend on
light fading. First, these oscillations are observed
during the brightest, largest observable phase
(i.e., the maximum). Fernie et al. (1972) report
a visual variation of R CrB with an amplitude
of 0.15 mag and a period of 45 days. Totochava
(1973a) confirms this amplitude variation, but
deduces a variation period of 40 days from her
1971-1973 observations. Alexander et al. (1972)
confirm the oscillations of RY Sgr with a
0.5-mag average amplitude and a 38.6-day
period observed by Jacchia (1933); the light and
color curves (Figure 1-23a, b) show smooth
variations: AV _ 0.5 A(B-V) _ 0.3 A(U-B) --_
0.5 mag. Sherwood (1976) finds tentative
periods from 19 to 54 days for some RCB stars
and a period greater than 90 days for S Aps,
whereas Waters (1966) suggests 120 days and
0.3 mag of amplitude variation for this star.
Later, Kilkenny and Flanagan (1983) find
evidence for a rapid period decrease, and
Kilkenny (1983) shows that SAps changes from
the 120-day periodicity (present in 1960) to one
near 40 days (around 1971). Bateson and Jones
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Figure 1-23. R Y Sgr (a): V light curve for 1968 plotted against JD. The open triangle is an observa-
tion from Lee and Feast (1969). The predicted maxima and minima in V are shown at the top of
the diagram. (b): (U-B), (B- V), and spectral classification for 1968plotted against JD. The same remarks
as stated previously apply for the open triangles, maxima and minima. For the spectra, absorption
(C) types are shown by filled circles (from Alexander et al., 1972).
(1972) find such semiregular variations in two
stars, UW Cen and GU Sgr, with 0.5 mag and
42 days and 0.4 mag and 38 days of amplitude
and pseudoperiod, respectively. (See the section
Irreversible Changes in HdC Stars for details.)
During the deep decline and the rise to max-
imum, R CrB also has semiregular oscillations
with a time scale of 40 days (Oberstatter, 1972).
Isles (1973) confirms that this star occasional-
ly displays oscillations, the amplitude of which
decreases as the star brightens. Another RCB
star, RY Sgr, shows oscillations during the
climb back to maximum, similar to those de-
tected during its maximum; these oscillations
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supportthe idea that no major physical changes
took place in the star itself during the minima.
The greatest amplitude of the UW Cen varia-
tions seems to be when the star is brightening
(Bateson and Jones, 1972); it persists along the
light curve except during the sudden falls to
deep minima (Bateson, 1972). During maxi-
mum light, XX Cam varies with the same amp-
litude as that of R CrB, but the period of the
former is more or less shorter than those of the
latter (Totochava, 1973b). The light, color, and
radial velocity of the RCB's demonstrate that
these stars pulsate•
Research on light fluctuations with a smaller
time scale requires continuous observations of
the light. Herbig 0967) reports that Miskin ob-
served rapid oscillations in R CrB near mini-
mum, but very high frequency pulsations in R
CrB were not detected by Horowitz et al. (1971)
in 1969. Interesting observations were also
made by Totochava 0975) on XX Cam from
1972 to 1974. At first, Totochava conducted her
observations with a single-channel photometer,
alternatively in U, B, and V. Some variations
appear in the yellow filter, with an amplitude
of about 0.1 mag over several minutes. Fluc-
tuations alternate with quiet stellar phases (e.g.,
no light variations are observed during the 1973
autumn). The observations are simultaneously
obtained with a three-channel spectrophotom-
eter in the following ranges: 3350 to 3650 ._,
4155 to 4280 ,_,, and 5120 to 5320 ,_,. The ob-
served curves obtained in this way show several
synchronous fluctuations in the violet and blue
regions during certain nights (Figure 1-24a, b).
The amplitude of the UV fluctuations are a lit-
tle larger than in the blue; they amount to ap-
proximately 0.1 mag and last for about 2 hours.
During a period of several nights, the fluctua-
tions become much less visible in all the col-
ors. At the quiescent phase of XX Cam,
Kolotilov et al. (1974) find interstellar polariza-
tion characteristics, but a higher value of P than
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Figure 1-24. Light curves of XX Cam obtained from simultaneous three-color observations (see text):
(a) on December 23-24, 1973, where the fluctuations are visible only on the violet (top) and blue (middle)
curves; (b) on February 15-16, 1974, where the fluctuations are visible in the three colors. The crosses
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forneighboringstars,suggestingthatanintrin-
sic polarizationof the star makessome
contribution.
FollowingRCrBitself,HumphreysandNey
(1974)andStrecker(1975)observedasmooth
variationbetween1.4and3.0magatL (3.5 ttm)
with a pseudoperiod of about 1100 days. (The
monitoring was done only between JD 2440000
and 2442360.) In RY Sgr, besides the 38-day
variation, Feast et al. (1977) also detected a long
period variability at L, which is related to the
variation of the star itself. They found a long-
term change of 1.5 mag, but the period was not
well analyzed for lack of observations. Feast
and Glass (1973) and Feast (1975) show how
the star can rriake only a minor contribution at
L, and Feast et al. (1977) testify that 70 to 80
percent of the L flux is due to the infrared ex-
cess (in the case of RY Sgr), with an estimated
dust shell radius of 5 to 10 A.U. (Lee and Feast,
1969). "It seems natural to suppose that this
is due to pulsation of the circumstellar dust shell
itself" (Feast et al., 1977).
It is useful to remember that Bergeat and
Lunel (1980) state that "the contribution of
shell emissions to the J values is usually small"
for the Miras, SR, and L stars, while Walker
(1980) concludes that there is no evidence of
dust thermal emission in the near infrared for
most of the N-type irregular variables, and
Tsuji (1981c) uses the L flux for his
temperature-effective determination of SRb
and Lb carbon stars. Consequently, although
the C spectral type Mira, SRb, Lb variables,
and the RCB stars are all carbon stars, the ef-
fectiveness of the circumstellar dust shells is
very different at L wavelength among them.
Additional observations are required to im-
prove our knowledge of the RCB circumstellar
dust shells. For example, the phase lag between
V, I104, and L magnitude curves could help us
to define the thickness of the envelope. Some
cool variable stars with extensive dust shells
have already shown such long-term variability.
Correlations Between Observed Quantities. The
observations of the RCB stars at different
epochs indicate that, in general, the infrared ex-
74
cess compensates for the loss of light in the visi-
ble and UV wavelengths (Alexander et al.,
1972); however, this is not true for all the stars.
The oscillations of brightness of RY Sgr dur-
ing the climb back to maximum, and during the
maximum itself, are correlated with the radial-
velocity variations of the absorption lines (Fig-
ure 1-25) and have 38.6 and 39.0 days of period,
respectively (Alexander et al., 1972), confirm-
ing that RY Sgr pulsates as a helium star of two
solar masses.
The emission lines of RY Sgr do not have
the same behavior pattern as the absorption
lines (Alexander et al., 1972). We are not able
to decide whether the emission lines follow the
38.6-day pulsation or not; large differences on
radial velocity between absorption and emission
lines are nevertheless observed.
Pugach (1977) found that the beginning of
the obscurational decline appears between
phases 0.24 and 0.37, and he chose the origin
_o0 of the pulsational phase ¢ at the minimum
light of pulsation. If we suppose that these pul-
sational oscillations are roughly sine waves and
if we change the origin _0 to the maximum, we
see that the beginning of the obscurational
decline is around the phases 0.74 and 0.87. This
reminds us of the famous phase 0.8 of the Mira
variables. Can we conclude that the obscura-
tional decline is a result of one pulsational
oscillation being stronger than the others?
Pugach (1977) concludes that "the serial
number of cycles when declines occur, is prob-
ably accidental," which seems erroneous today.
For the decline of RY Sgr in 1967, the pulsa-
tional phase of the drop of light does not con-
firm the Pugach phase. Howarth (1976, 1977)
notes that "the 1967 fade of RY Sgr took place
at the time of minimum of the secondary varia-
tion."
The occurrence of pulsational minima in RY
Sgr can be well represented by a quadratic solu-
tion of the cycle number n (JDmi n = T O + r/P °
+ n2k). The (O-C) residuals are shown in Fig-
ure 1-26a. The value of k is -(-51 + 2) ×
10 -5 day per cycle. This value is in agreement
with theoretical models for the evolution of
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Figure 1-25. R Y Sgr (a): V light curve and radial velocity (km/s) curve during the rising of 1969;
(b): during the maximum of 1970. Predicted maxima and minima in V and predicted maxima in radial
velocities are marked above the curves (from Alexander et al., 1972).
HdC stars (SchOnberner, 1977). The compari-
son of the RY Sgr light curve (Figure 1-26b) and
the depth estimates of pulsational minima ob-
served on the same time scale (Figure 1-26c),
shows that the deeper pulsational minima tend
to occur on or near rising branches of the
obscurational minima.
Bateson (1972) has noted a similar effect on
UW Cen. This behavior remains unexplained
(Kilkenny, 1982). Forrest et al. (1972) were the
first to stumble on one of the most important
clues to the RCB phenomenon: when the star
drops into the deep minimum, the infrared ex-
cess is not affected (no change in the emitting
flux of the dust shell and no change in the phase
of the L curve; Figure 1-27). The envelope and
the atmosphere of these stars seem to be
dynamically disconnected. This restricts the
model of obscuration, and Hartmann and
Apruzese (1976) suggest that the dust is formed
above a small region of the stellar surface and
is blown away by the radiation pressure. Con-
sequently, comparative studies of the visible
and infrared light curves come to the same con-
clusions as those of the foregoing investiga-
tions. Glass (1978) argues in the same vein
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abouthe1975/1976visualminimumofSAps:
whenJ, mainly due to the star itself, drops to
minimum, L is not so strongly affected.
There is a pressing need to summon ob-
servers' help in making observations during
light fades of different amplitude and duration
to find correlations between observed features
and to conclude which parameters are linked
together and which are not.
Nonvariable Stars
After this extensive review of all the types
of cool variable giants and supergiants and their
probable connections with white dwarfs,
planetary nebulae, or supernovae, we have to
discuss stars which--though located in the same
area of the HR diagram as the red variables--
are surprisingly mentioned as nonvariable or
normal stars.
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NonvariableHdC Stars. Knowing that the RCB
stars have fluctuations of brightness around 0.1
mag or more with periods as large as 40 days
(38.9 for RY Sgr and 44 for R CrB), Rao
(1980b) searched for variability in the non-
variable HdC stars. He observed the cool HdC
star, HD 137613, eleven times in UBVduring
85 days and detected no periodic variations
greater than 0.1 mag in V. This variation range
is larger than the expected RMS error (+_ 0.025
in V, _+0.020 in B- V, and _+0.025 in U-B),
which may indicate a real variability in cool
HdC stars. However, we conclude that this
number of observations is too low to point out
clearly any kind of variability. The total range
of 0.1 mag in F encourages new observations
with a time scale shorter than the week time
scale used by Rao. As an example, such a long
time scale should prevent us from discovering
the short time-scale fluctuations in XX Cam by
Totochava (1975), as well as the suspected
nonradial-connected phenomena as discussed
above.
Feast and Glass (1973) demonstrate that the
nonvariable HdC stars do not possess any IR
excess, and Rao (1980a) points out that the non-
variable star, HD 182040, has no envelope. This
should be correlated with the low evidence for
large mass loss on the nonvariable hot HdC
stars (Sch0nberner and Hunger, 1978; Herber
and SchOnberner, 1980). The high-dispersion
IUE observations of HD 182040 show no emis-
sion lines (i.e., chromospheric indicators;
Johnson et al., 1984).
Helium Stars. Although all the following
helium stars are known to be nonvariable: BD
+37°442, BD +10°2179, HD 124448, HD
160641, and HD 168476, Herbig (1967) stressed
that possible long-period variations exist. Lan-
dolt (1968) made intensive observations over
periods of a few nights on two or three occa-
sions each year for detecting short-term and
middle-term variations; the set of stars are those
given above, plus HD 264111 (Stephenson,
1967a) and BD + 13 °3224 (Berger and Green-
stein, 1963). Only short-term variations are
noted on BD + 10°2179: on February 3, 1968,
the star changed by 0.04 mag in Vbetween two
consecutive nights, a change greater than the
probable error of a single measurement. Rao
(1980b) also analyzed the variability of this star
with 13 observations made on 100 consecutive
days. The star does not seem to have any
periodic variations in light greater than 0.1 mag
in V. These variations are in agreement with
those observed at the same epoch by Landolt
(1973), who gives a total range of 0.09 mag in
V. Here also, the observations are too few and
lead to the same conclusions made for the low-
temperature HdC stars.
Observations like these made by Landolt
(1973) must be carried out: the large scatter in
the data of HD 160641 and the evident bright-
ening of the star by - 0.1 mag during 7 hours
of observation demonstrate that short time-
scale variations exist in helium stars as well as
in the cooler HdC stars (Figure 1-28). On the
other hand, Herbig (1964) concluded that: "A
survey of the bright helium stars on a long-time
series of ordinary patrol photographs would ap-
pear to be the more promising approach." To-
day, we endeavor to collaborate with the
IAPPP or GEOS members or to use automatic
telescopes with automatic photometers or
satellites to do such surveys. Correlations be-
tween brightness and radial velocity are also
seen in the extremely hydrogen-deficient hot
star, BD + 13 o3224, by Hill et al. (1981). The
correlations between observations and evolu-
tionary models (Sch0nberner, 1977; Hill et al.,
1981) are to be analyzed carefully (Tutukov and
Iben, 1985).
Early R Stars. There are no systematic studies
on the relative number of variables and non-
variables among carbon (R and N) stars, such
that it has been necessary to gather such infor-
mation from catalogs. For example, among the
122 carbon stars that are brighter than 10.0 mag
in the DDO catalog (Lee et al., 1940, 1947; Lee
and Bartlett, 1945), 68 percent are variable.
Looking at the early R stars, we discover
that only some are variables. (The variability
is everywhere!) Among these early R variables,
some, like BD +20°5071 and BD +69°417
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Figure 1-28. Top: plot of the differential V magnitude for HD 160641 (the gap in
data at JD-2441452.70 and 452.83 occurs at times when UBV standard stars were
observed); bottom: V magnitude plot for the comparison star BD-17°4889. For the
7-hour observing run, the large scatter in comparison star data is due to technical
difficulties. The observations are made on May 15, 1972 UT (from Landolt, 1973).
(RU Cam), are bluer than the nonvariables. RU
Cam has a period of 22 days (W Virginis type).
Its spectrum varies from R0 at minimum to K0
at maximum. BD + 57 °2161 is also suspected
to be variable, but it is redder than the non-
variable R stars. A few further photometric
analyses should be undertaken for a better
knowledge of these stars. Among the R2 stars,
BD + 19°3109 and BD +02°3326 are variable
and have a higher color index than the normal
stars.
Nonvariable M-Type Stars. Only a few papers
are devoted to normal M stars. Generally, these
stars are discussed in papers in which their
characteristics are used as reference to the Mira,
SR, or L variable stars. One of the most
valuable proofs that we observe a normal M
star is the nonvariability of the strength of ab-
sorption molecular bands and atomic lines and
of the adjacent flux peaks.
The nonvariable M-type stars extend from
M0 to M8, with a luminosity class from lab to
III. On the following stars,/3 And, a- Aur, ot
Cet,/_ Gem, _b Peg, 119 Tau, 83 UMa, and
Vir, Maehara and Yamashita (1978) obtained
repeated observations of their fluxes within
about 0.05 mag for most wavelengths. The
energy distribution varies gradually from class
to class. For stars later than M5, the gradient
of the 4000 to 5000 ._ region is mainly deter-
mined by strong TiO absorption bands rather
than by temperature effects on the flux peaks.
We will not elaborate further on the non-
variable M stars which are not especially within
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the scope of this volume on variability and non-
thermal phenomena. However, a red star can
be accepted as nonvariable and, consequently,
as a photometric standard, only if it is observed
to be constant over a sufficient period of time.
It often happens that red stars accepted as UBV
standard stars (i.e., nonvariable a priori) prove
to have highly variable chromospheric lines
(Sherbakov, 1979). As a consequence, they can-
not be considered as nonvariable stars in nar-
rowband photometric systems (Wings, 1971;
Querci and Querci, 1985b).
IRREVERSIBLE CHANGES AND
RAPID EVOLUTION
Irreversible Changes in Miras--
An Example: R Aqr
Among the Mira variables, one evolved star
that illustrates the purpose of this paragraph
is the complex object, R Aqr. This binary
star--a Mira (M7e) and a blue companion
(Ofp, Bep, hot subdwarf, or white dwarf with
an accretion disk)--is imbedded in a compact
high-excitation nebula (Lampland, 1923a).
These three components, which form the spa-
tially unresolved central object of the R Aqr
complex, are surrounded by a convex lens-
shaped nebula of 2 arc-minutes (Lampland,
1923b) with filamentary and clumpy structures.
More recently, an inner jet with an apparent
changing structure and discrete variable knots
was observed within 10 arc-seconds of the star.
A possible counter jet was recently pointed out
with radio and optical mappings.
Let us briefly review the main studies look-
ing at the various causes of variability of this
object and showing its rapid evolution.
The variability of the classical Mira was dis-
covered by K. L. Harding in 1811, and the first
objective-prism spectrograms obtained at Har-
vard as early as August 1893 show an Me spec-
trum. One of them, taken on October 17, 1893,
shows a faint nebular line at _5007 and bright
hydrogen lines from H/3 to H_, with no trace
of the Me spectrum (Merrill, 1928). The first
slit spectrogram, taken at Mount Wilson in Oc-
tober 1919, shows (superposed on the normal
spectrum of the M7e star) several characteristic
emission lines of the gaseous nebula, a com-
bination never observed previously.
As pointed out by Merrill (1940), the inner
nebulosity is variable in position and bright-
ness. The existence of both inner and outer
nebulosities have been confirmed by numerous
photographs taken in 1919 by Hubble (1940,
1943) with the Mount Wilson 100-inch refrac-
tor. From the measurements of a pair of plates
taken at 16-year intervals, Baade (1943, 1944)
estimates from the expansion rate that the onset
of expansion was about 600 years ago. These
observations could confirm the nova-like event
noted by the ancient Japanese records in A.D.
930 and which formed the outer extended neb-
ulosity.
During many years, the emission lines of the
inner nebula have been photographed repeated-
ly. Their intensities vary through a large range,
apparently without any correlations with the
phase of the Mira star. Table 20 in Merrill
(1940) describes the behavior of the spectrum
of the companion and of the nebular lines from
1919 to 1939, but Merrill neglected the month-
to-month variations in his description.
During the 1920-1930 decades, the very
high-excitation spectrum marked by bright lines
of hydrogen, helium, and iron was ascribed to
the companion, which varies in an irregular
manner (Merrill, 1935; Campbell, 1938) from
the 1 lth magnitude or fainter to the 8th mag-
nitude in 1933. Slight brightnesses were seen
during 1922-1925. In July and September 1925,
the nebular lines and the companion spectrum
were particularly weak, but by December 1926,
a rapid and well-marked increase in brightness
occurred; the continuous spectrum of the com-
panion was abnormally strong, and the spec-
tral features were completely different from
anything previously seen. The bright hydrogen
lines had P Cygni profiles, and numerous ion-
ized iron lines were prominent, whereas the
nebular lines, _,4959 and )_5007, of [O III] were
just detectable.
In 1927, the continuous spectrum and the
nebular lines were much weaker, but the for-
bidden iron lines were stronger. Until 1933, no
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largevariationwasnoticeable;allthelineswere
slightlydiffusebutnotof great width. During
1931-1933, Payne-Gapochkin and Boyd (1946)
observed an apparent correlation between the
extremely bright active companion and the
smeared-out light curve of the Mira in which
the minima were bright and the maxima were
abnormally low.
In July 1934, the combined flux of the Me
and hot companion appeared to be fainter than
it had been for several years, and the spectrum
was very different. The [Fe II] lines in the blue-
violet and the [S II] lines near X4068 were well
marked, while the Ca II H and K, the Fe II,
and the nebular lines were very weak. After the
Mira maximum of August 1934, the Me spec-
trum became fainter, and in November, the
post-maximum Mg I ),4571 line appeared and
became rapidly bright. The active companion
was close to the 10th magnitude during the
summer of 1935, and its forbidden lines domi-
nated the spectrum during the Mira minimum
of July 1935. These forbidden lines remained
fainter during 1936-1939, few of them were
recorded superposed to the Me spectrum.
Some spectral features must be noted for
understanding this complex object. For
example:
. The nebular line, ),3967, of [Ne III] is not
present (Wright, 1919); it could be ab-
sorbed by the Ca II H line and could
demonstrate the existence of Ca II in the
line of sight (i.e., in the outer nebulosity
or in a large absorption shell surround-
ing it).
. The P Cygni profile of the companion
lines has often varied in intensity and
structure, perhaps demonstrating impor-
tant motions inside the inner nebula.
Between 1936 and 1949, the Me component
of R Aqr was varying like a "normal" Mira
(Merrill, 1950), while the spectrum of the ac-
tive companion was subject to changes from an
Ofp star spectrum with bright lines of N III and
Fe II to the spectrum of a Bep star with nu-
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merous Fe II lines and a strong continuous
spectrum. Its nebular lines, weak in 1936, in-
creased in intensity until 1940 and remained
relatively strong during a decade. On 10 _,/mm
spectra, their widths appear variable and some-
times slightly unsymmetrical. Variable motions
of matter are thus demonstrated in the forming
layers of these lines. Merrill (1950) suggests
either a probable orbital interpretation (a spec-
troscopic binary with 27-year period) or large-
scale pulsations in the inner nebulosity to inter-
pret the radial-velocity displacement of the [O
III] and [Ne III] nebular lines. However, these
variations reflect a continuing activity in the in-
ner nebula.
The spectra obtained by Herbig (1965) in the
late 1950's show a very strong nebular spectrum
that nearly disappears in the observations of II-
ovaisky and Spinrad (1966) made during the
1964 and 1965 minima; present were only the
IS II], ),4068, and the doublet, [O II] ),),
3726-3729, from which an electron density N
e
103/cm 3 was deduced. However, the Mira
spectrum at minimum is clearly present, and
moreover, there were no traces of the active
companion.
The IR emission of R Aqr was detected in-
dependently by Woolf (1969) and Stein et al.
(1969). The ll-/zm emission of R Aqr is not
brighter than that of o Cet or # Cep, but it is
much larger (from 8 to 12 #m). It is not as
broad in wavelength as that observed in the
planetary nebula, NGC 7027 (Gillett et al.,
1968). This peak shape should be correlated
with the various sizes of the emission grains
located in the nebula. Stein et al. (1969) also
note a strong and narrow absorption feature at
7.8 #m. Today, the 7.8-#m feature found in HD
44179 is attributed to coronene (C24 H12) by
L_ger and Puget (1984).
The IUE spectra show strong emission lines,
which are probably formed in the dense com-
pact nebula located around the binary system
and close to it (d = 2 x 10 TM cm). The spec-
tral type of the active companion is not conclu-
sively resolved; it was identified as a bright
white dwarf (T i> 50000 K) or a subluminous
central planetary-nebula star. Whatever it is, it
wouldhaveto belessthan Tff _-- 65000 K in
order to explain the weakness or absence of the
He II 1640 _ line as stressed by Michalitsianos
et al. (1980). Its brightness is comparable to that
of the solar one. As suggested by Merrill (1950),
it can produce enough ionizing photons to ex-
cite the continuum and the emission lines, but
it is relatively faint for direct observations:
"Such a star would photoionize the inner, high
density nebula, but lacks a sufficient flux to
photoionize the entire extended nebulosity."
The observed IUE line fluxes, such as those
from He II, C II, C II], C III], C IV, [O II],
O III, [O III], O IV, S II, Si III], etc., can be
used to obtain the general parameters of the
ionized nebula (T _ 15000 K, L _ 2 × 1014
cm, N e _ 106 to l07 cm-3). The observed UV
continuum, essentially flat, is attributed to
Balmer recombination. Michalitsianos et al.
(1980) conclude that the compact nebula (in-
ner nebula) could be entirely due to a mass-loss
phenomenon from the primary M7e star with
a mass-loss rate larger than 10 -7 Mo/year. To
explain the 1933 brightness of the companion
(m v _ 8 mag), they propose that it was pro-
voked by mass transfer from the primary to the
secondary. A set of parameters for the compan-
ion was deduced in their Table 3. Moreover,
from the emission lines such as O I, Mg II, and
Si II, they deduce the presence of a warm
chromosphere around the M primary star.
A model of such a transfer of mass was de-
veloped by Kafatos and Michalitsianos (1982).
In this model, the high brightness could be trig-
gered when the companion accretes matter
from the Mira component when it crosses over
the periastron of its highly elliptical orbit. This
hypothesis was one of the two previously sug-
gested by Wallerstein and Greenstein (1980) to
explain the apparent correlation observed by
Payne-Gaposchkin and Boyd (1946). As sug-
gested by Usher (quoted by Payne-Gaposchkin
and Boyd), the companion's outburst might in-
hibit the pulsation and suppress the maxima by
a change in the boundary conditions of the
Mira itself. However, Wallerstein and Green-
stein (1980) prefer the possibility of a single
Mira star with a flaring region made by com-
plex magnetic fields. During such flares, the
pulsation of the Mira is inhibited by the
magnetic fields and its maxima are smeared
out. Jacobsen and Wallerstein (1975) arrive at
the same conclusion by radial-velocity mea-
surements of the nebular lines on plates from
1957-1965 and from 1970-1971. They do not
find the 26.7-year period of Merrill (1940), and
they conclude that a type of activity takes place
in the outer layers of the Mira during the in-
terval 1930-1940.
Using the criterion for Roche formation, the
value of the primary radius, R_ _ 2 × 1013
cm, and the half-value of the orbit axis, a
2.5 × 10 TM cm, Kafatos and Michalitsianos
(1982) found 0.84_< e< 0.92. With e = 0.85,
they obtain M 1 + M 2 _ 2.5 Mo, P _ 44
years, a visible brightness of the disk of the
order of ----< 1/5 the Mira brightness, and a disk
optically thick with an external temperature of
---2300 K and R d _ 2 R 1. If these values are
correct, it is probable that the gravitational field
of the secondary could be more important than
that of the Mira. Kafatos and Michalitsianos
(1982) believe that the disk around the unseen
companion is not as large as 2 R l, but has its
larger extent at periastron because a moderate
dimension of the disk would be more consis-
tent with the expected mass of the secondary
(1 Mo ).
Viewing the visual light curves of the Mira,
Willson et al. (1981) suggest that the 1934 and
1978 low maxima are caused by an eclipse of
the Mira itself by the accretion disk or by the
gas cloud of the system and conclude that the
orbital period is 44 years.
The thermal relaxation time of the envelope
of the Mira, as well as the free-fall time scale,
is about some years. These times are compar-
able in range to the 8.5-year eclipse duration
observed between 1928 and 1935 and to the ap-
pearance of the jet between 1970 and 1977,
which occurs about 44 years later (i.e., binary
period). Such observations may not represent
an eclipse at the periastron ( --- 1 year), but they
would in fact infer the characteristic dynamical
time scale required by the Mira to recover to
its preperiastron quiescent state.
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The first hypothesisof Wallersteinand
Greenstein(1980),quotedpreviously,issup-
portedbyBath(1977),whoproposesthatthe
masstransferfromtheMira envelopeto the
companionatitsperiastronorbitalphasebuilds
aspatiallythickaccretiondiskatsupercritical
accretionrates,accompaniedbytheformation
of ajet,possiblydrivenbyradiationpressure.
To confirm this hypothesis,Herbig(1980)
foundsuchaspikeontheinnernebulosity,ex-
tending10arc-secondsfromthestar,withan
anglepositionof approximately22°ondirect
platesobtainedwiththeLicktelescope.Tapia
etal. (1982)revealan8" jet atpositionangle
(P.A.)26° formedbydiscretevariableknots
and perhapsa diffusecomponentand ap-
parentlyaverysmallextensionattheopposite
directionnot observedbefore.Theysuggest
thatthisviolentejectionmayhavetakenplace
duringthecurrentminimumof thevariable.
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Figure 1-29. A 5-cm map of the R Aqr complex showing the secondary source located
at 196 arc-seconds and the neighborhood of the star (from Kafatos eta/., 1983).
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This optical jet was rapidly confirmed by a
radio counterpart. Sopka et al. (1982) describe
its observational properties from optical and
very large array (VLA) mappings. They found
extensions both north and south of the star, at
right angles to the outer nebular arcs, and they
confirm that the inner nebulosity is variable in
both brightness and structure, as already men-
tioned by Hubble (1940, 1943). These observa-
tions must be made again.
The mean radial velocity of the jet is -70
km/s, whereas the mean radial velocity cen-
tered on the star is -44 km/s (Sopka et al.,
1982). Kafatos et al. (1983) made VLA obser-
vations of the complex R Aqr, with a resolu-
tion of 1 arc-second. At 6.4" from the radio
emission of R Aqr itself, they found a peak
radio intensity at 29°3 P.A. (jet B on Figure
1-29). An unresolved radio source is also found
at -_ 196 arc-second away on the line defined
by the previous jet and the star itself. This fea-
ture may represent matter previously ejected by
the complex. Besides these two sharp radio fea-
tures, a new undetached one has been detected
at _. 45 o P.A. and _ 2.7 arc-second from the
central star.
The near-UV map (Figure 1-30) taken by
Mauron et al. (1985) duplicates the 6-cm VLA
map made by Kafatos et al. (1983), but the
northern knots seem a little more resolved; on
this near-UV map, the counterjet located in the
opposite side of the jet is well identified (C in
Figure 1-30).
The optical and the radio structures of knot
B are quite similar, suggesting that we see the
same emitting region which produces the Bal-
mer continuum in the near°UV and the free-free
radiation at 6 cm.
Knot A seems more radially elongated on
the near-UV electronic camera photograph than
in the Kafatos et al. (1983) 6-cm map. More-
over, near knot A, on the isophotes of the un-
resolved inner nebula, a bump is visible (E on
Figure 2 in Mauron et al., 1985).
Assuming that the R Aqr distance is about
300 pc (Whitelock et al., 1983), Kafatos et al.
(1983) deduce from their VLA observations
that knot A is located about 1.2 x 1016 cm
and knot B is about 2.9 × 10 ]6 cm from the
central cool Mira variable. Since the knot B
structure has not changed much in approx-
imately 1 year (from September 1982 to De-
cember 1983), if we compare the 6-cm map
from Kafatos et al. (1983) to the near-UV direct
electronic camera photograph from Mauron et
al. (1985), the latter authors deduce that this
knot cannot have been ejected later than about
20 years ago. However, the proper motions of
the knots obtained by Kafatos et al. (1983) and
Mauron et al. (1985) have very poor accuracy;
new measurements, chiefly from space, are re-
quired.
!
A
Figure 1-30. The R Aqr inner nebulosity with
knots A and B and the possible counter-jet
feature (from Mauron et al., 1985).
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Takinginto account that Si II X1815 and Si
III X1892 are seen in the spectrum of the cen-
tral region and are absent in the jet spectrum,
Michalitsianos and Kafatos (1982) suggest that
the material in the jet is comparatively cooler
or less dense than in the central region. Quoting
the optical spectra of the OII and O III emis-
sion lines of R. Fersen, Kafatos et al. (1983)
confirm the cooler temperature of the jet.
In conclusion, these knots may be formed
in different ways:
1. In the Mira inhomogeneous stellar wind,
being perhaps excited by the UV flux
from the orbiting companion when they
enter its Str6mgren sphere (Spergel et al.,
1983), with the pressure radiation on dust
in the knots making them move outward.
2. During the periastron phase, when the
Mira fills in its Roche lobe (accretion at
supercritical rates; Ferland et al., 1982).
3. In a probable polar ejection from the
disk, giving them a roughly axial orien-
tation relative to the elliptical outer
nebula.
Kafatos et al. (1983) write that: "if the jet
and the nearby point source (feature A) are
ejecta, their difference in position angles could
be interpreted as precession of the system while
it expels material. The morphology of the outer
---2' nebula could be accounted for in this man-
ner, thus explaining the characteristic lens-
shaped filamentary structure." This is to be
confirmed by repeated high spatial resolution
observations.
The extended nebula has a mass about 0.2
Mo, a kinetic energy larger than 2 x 1046
ergs. It radiates more than 5 x 1044 ergs/year
in Balmer and Lyman emission lines and con-
tinua. Its cooling time scale is estimated to be
=2 years. It seems unlikely that the photo-
ionization from the companion star is the
power source of the extended nebula for the
past 600 years because its excitation requires
much more energy than the Eddington limit for
a 1 Mo star. However, from purely energetic
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arguments, the jet itself could be the source of
the excitation of the outer nebula. The jet
parameters estimated by Sopka et al. (1982) are
used by Kafatos and Michalitsianos (1982) to
conclude to a jet kinetic energy of =5 x 1045
ergs, which the authors estimate in reasonable
agreement with the radiation cooling given pre-
viously.
The material of the extended nebula is
trapped in rings, generally perpendicular to the
axis of the jet. Such a structure is favored for
the formation of the nebula in a single explosive
event hundreds of years ago. This is confirmed
by the high content of the nebula in He, and
more particularly in N (Wallerstein and Green-
stein, 1980), which is also in agreement with
models of recurrent novae (Starrfield et al.,
1982).
The counterjet feature situated on the op-
posite side of knot A (C in Figure 1-30) was in-
itially detected by Tapia et al. (1982) on B and
V plates taken on September 23-24, 1982. By
radio observations, Kafatos et al. (1983) de-
tected a possible counterjet. Using the ratio of
the UV C IV to C III] lines at various places
on the R Aqr complex, Michalitsianos and Ka-
fatos (1982) found that this ratio at the opposite
side of the jet is much different from that
elsewhere.
What future projects are now planned for
clarifying the R Aqr complex? To study the
structure and the evolution of the inner nebula,
the knots of the jet, and the counterjet, it is
necessary to reach Mira phases and wavelengths
when and where the Mira brightness is very low.
Observations during the Mira minima and in
the UV region could be powerful.
In the aim to diminish or to eliminate the
turbulence of the Earth atmosphere usually at-
tached to ground-based observations, observa-
tions in good seeing observatories by Speckle
interferometry and Space Telescope (ST) in-
vestigations are needed. The Faint Object
Camera (FOC) was developed especially for
high spatial resolution studies. Moreover, the
image restoration techniques could help in the
analysis of observations which are at the limit
of resolution of the ST, such as for the inner
nebulaof RAqr.Thepropermotionsandevo-
lutionoftheshapeoftheelementsof theinner
andouternebulascouldbeinvestigatedbythis
instrumentation.Thekinematicsofvariousfea-
turesof theRAqrcomplexcouldbededuced.
High-resolutionspectraof thejetandtheknots
shouldbemadetoevaluatetherichnessof the
extendednebulainheliumandnitrogen--rich-
nessuspectedby WallersteinandGreenstein
(1980).
Irreversible Changes in SR and L Stars
Many M and C class stars showed outstand-
ing and nonreversing variations in one or more
decades. We shall elaborate here on some ex-
amples of these rapid and definitive changes.
V1016 Cyg (MHot 328-116) was classified as
a strong Ha emission object (Merrill and Bur-
well, 1950) with an estimated V magnitude
around 15 (Fitzgerald et al., 1966). Between
July 1963 and August 1965, this object bright-
ened by --4 mag (McCuskey, 1965). Since this
outburst, its behavior has been monitored op-
tically by Mammano and Ciatti (1975); in the
infrared by Harvey (1974), Puetter et al. (1978),
and Aitken et al. (1980); in the radio by Pur-
ton et al. (1973) and Altenhoff et al. (1976); and
in the UV-IUE by Flower et al. (1979) and
Carpenter and Wing (1979). In the visible,
many lines indicate a very hot source of radia-
tion although some low-excitation lines are also
present, and this, together with the absorption
bands of TiO and VO, has been taken as evi-
dence of a binary system with an LPV and a
hot star exciting a nebula (Mammano and Ciat-
ti, 1975). From their analysis of the IUE spec-
trum, Carpenter and Wing (1979) conclude that
there has been sudden shell ejection with a very
large excitation which developed a rich
emission-line spectrum, with lines of O I, Fe
II, Mg II, C II, N V, O V, [Ne V], and [Mg
V]. As these lines are also seen in the spectra
of planetary nebulas such as NGC 7027,
something like a planetary nebula was probably
formed or excited around the star (see also
Flower et al., 1979). Nussbaumer and Schild
(1981) interpret that spectrum with a single star
planetary model, the central star having a
temperature of T -- 160000 K and a radius of
0.06 R e. The expansion velocity deduced from
the line shape is around 100 km/s. The elec-
tron density in the shell is approximately 3 x
10 6 cm -3, and the electron temperature varies
from 8000 to 18000 K. From the reddening
determined in the IUE observed UV region,
they derive a distance of 2.2 kpc.
The carbon star, HD 59643, provides an-
other example of nonreversing and rapid evolu-
tion. Shane (1928) and Keenan and Morgan
(1941) considered it as a cool, but otherwise
rather ordinary, nonvariable carbon star and
classified it as R8 or R9. After reduction of its
spectrum, Wildt (1941) considered it as a nor-
mal carbon star, with normal excess of heavy
elements and with Ca II H and K lines in ab-
sorption. After more than 25 years, Gordon
(1967) and Yamashita (1967) noticed an in-
crease in the equivalent widths of the absorp-
tion lines of the heavy elements Ba, La, Sc, and
Sr, as well as a deeper molecular G band.
Greene and Wing (1971) examined the plates
of HD 59643 taken by Keenan in 1949 and
found no evidence of hydrogen emission. Ha
was seen in emission for the first time in No-
vember 1966 by Gordon (1967), when it was a
little brighter than its nearby continuum. In
1969, Utsumi (1970) saw Hfl quite clearly in ab-
sorption. These data suggest that the activity
is of recent origin but not easy to understand.
Greene and Wing (1971) found an abnormal
and variable spectrum below 4000 ,_ with a fill-
ing in of the K line and the (0,0) CN violet
band. This activity of February 1970 was also
observed near the hydrogen emission lines
Ht_-H_, but the longward spectrum was not
significantly different from that analyzed by
Wildt (1941). The main difference is that the
Ca II H and K lines were completely invisible
in 1970, although they were in absorption in
1941. This absence cannot be interpreted as a
calcium deficiency because the Ca I X4226 line
appeared to be strong. Another difference is the
appearance of a very weak Hot emission line in
1966, along with the strong H_-H_ and the UV
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Figure 1-31. Low-resolution IUE spectra of HD 59643. The abscissas are in
Angstroms, the ordinates are absolute fluxes. The lower spectra are obtained from
the data bank. The observations are made on: Feb. 17, 1979 (SWP 4290); Feb. 14,
1979 (LWR 3765); Oct. 25, 1981 (SWP 15330, LWR 11846); March 23, 1982 (SWP
16603, LWR 12845); April27, 1983 (SWP 19829, LWP 1853). We note the high level
of noise from 2000 to 2200 ,_ for the L WP spectrum and a spike at 2180 ,_ in the
L WR spectra (from Querci and Querci, 1985b).
continuous emission in 1970. Greene and Wing
(1971) conclude that the UV continuous emis-
sion does not come from the photosphere; the
radiation must emanate either from a hot cir-
cumstellar envelope or from the secondary star
of the binary system. The latter interpretation
disagrees with Wildt's observations, in which
no continuum or emission lines are reported.
Therefore, the UV emission could be con-
sidered to be an activity located above the layers
responsible for the violet Ca II H and K lines,
giving an IUE spectrum (Carpenter and Wing,
1979) with ions of a great range in ionization:
O I, Mg II, C II, and N IV. Querci and Querci
(1985b) demonstrate that the emission lines are
variable and that the continuum from 2200 to
1200 ._ decreased significantly between 1979
and 1983 (Figure 1-31). The Balmer lines in HD
59643 are formed in the same outer layers be-
cause the Balmer decrement is very small,
whereas it is very steep in the Mira variables
and consequently affected by the violet de-
pression. Through IUE and visible high-
resolution spectra, the Bloomington and
Toulouse groups are following the evolution of
this complex object.
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The ultraviolet continuum of the SRb car-
bon star, UU Aur, decreases with time. Shajn
and Struve (1947) measured the Ca II H and
K lines to be seven times weaker than those of
the gM0 comparison star, HD 80943, while the
Ca I 4226/_, line is not weakened and the Sr
II 4078/_ line seems to be less affected. They
suggest that the weakening of the continuous
violet background may be attributed to the ef-
fect of many overlapping unknown molecular
bands rather than to continuous absorption, in
any case not to some temperature effect. They
also measured the wavelength of emission lines
like XX 4036, 4009, 3959, 3949, 3914, and
others, whereas in the regions centered at XX
3983, 4005, and 4052, there is no apparent emis-
sion in the N stars. In the 200-inch plates ob-
tained by Bowen (1951) in January 1951, the
H and K lines, as well as the A1 I 3944 and
3961.5/_ lines, are not visible on a spectrum
which has a very low continuous background
without absorption features shortward to Mn
I 4030/_ multiplet. Only numerous emission
lines are observed, especially at 3982.5/_, which
are identified as Ti I, V I, or Zr I low-excitation
lines (Gilra, 1976). We therefore suggest an in-
crease of the optical depth of the absorbing
layers situated at the temperature minimum,
which smears out all the absorption features
coming from layers situated beneath. The very
extended layers situated above might give rise
to emission lines (low-temperature chromo-
sphere) and narrow absorption lines (extended
shell) such as those from Mn I multiplets, which
eat away the emission lines. It is suspected that
the changes in UU Aur are more in the nature
of variations than secular changes.
Irreversible Changes in HdC Stars
The irreversible evolution for the different
RCB stars is not exactly the same. In the fol-
lowing, we detail the observed evolutions of
only a few chosen RCB stars, all the more so
because, unfortunately, the sample of the cor-
rectly observed RCB is very poor.
A Slowly Evolving Star: RY Sgr. Using data
from 1967 to 1970, Alexander et al. (1972) con-
firm the cepheid-like behavior of RY Sgr by
spectroscopic and photoelectric observations.
Yet again, they find the cyclic variations of 0.6-
mag amplitude and the 38.6-day period found
by Jacchia (1933), with data covering the period
1920-1932. They conclude that "neither evolu-
tionary effects nor mass loss by ejection are of
enough importance to significantly change the
period on the time scale of 50 years." However,
observations with longer time intervals could
give slightly different results. Pugach (1977)
was the first to point out a shortening of 0.9
days in 40 years, using observations from 1926
to 1977, but with a gap of 168 pulsational
cycles. However, he was unable to find a rela-
tion between the period shortening and the
time. This decrease of the pulsational period
length was confirmed by the results of Marraco
and Milesi (1980, 1982) and those of Kilkenny
(1982). With observations of RY Sgr from 1897
to 1977, Marraco and Milesi (1982) give the in-
stantaneous periods of the pulsational oscilla-
tions in 1897, 1926, and 1977 to be 39.3, 39.0,
and 38.2 days, respectively. The periods of Jac-
chia (1933) and Pugach (1977) are again found,
and the period decrease of 1.1 day in 80 years
is deduced. Kilkenny (1982) reexamines the ar-
chive material from 1926 to 1978, material
largely due to the efforts of amateur
astronomers. He shows that the epochs of the
observed minima agree with JDmi n = T 0 + P0 n
+ kn 2, where T 0, P0 are the "zero" epoch and
period, respectively, and k represents the linear
rate of change of the pulsational period. The
decreasing period thus ties in with the general
data rather well, but there appears to be some
modulation of k, with a time scale of 100 or
200 pulsation periods. Therefore, RY Sgr has
k = -0.0005 (Kilkenny, 1982), a value which
is close to that expected by Sch6nberner (1977)
for a deficient hydrogen star ofM = IMo and
Tff = 6900 K, evolving rapidly from the red-
giant to the white-dwarf stage.
A Star Rapidly Changing Its Period: S Aps.
Waters (1966) analyzed the visual observations
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Figure 1-32. Visual observations (3-day means)
of SAps. Abscissas are Julian dates. Symbols
indicate the number of observations in the
mean: squares have five or more observations;
filled circles three or four; and open circles,
two; singles observations are omitted (from
Kilkenny, 1983).
made during the period 1922-1960 and found
a period of about 120 days. Kilkenny (1983) in-
vestigates 8000 individual observations cover-
ing the interval 1960-1982. After the obscura-
tional minimum of 1967, S Aps shows an
instantaneous pulsational period of about 135
days (Figure 1-32a). Surprisingly, after the next
obscurational minimum in 1971, SAps appears
to have developed an oscillation of a 37.5-day
mean pulsational period (Figure 1-32b). Obser-
vations on the 1979 maximum show an instan-
taneous period of about 40 days (Figure 1-32c).
Other observations of such a phenomenon are
necessary before we can conclude that the
period change is linked to the obscurational
minima or if the deep minima facilitate the
change of pulsational mode (from fundamen-
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tal to first or other overtones). We cannot ex-
plain this observation in terms of decreasing
pulsational rate, and there is no model of evolu-
tion of hydrogen-deficient stars which allows
such a rapid change of period (R0ser, 1975),
although the evolution of a hydrogen-deficient
star to a white dwarf is rapid. Therefore, any
changes in the observational material should be
virtually undetectable on a time scale of a few
years (Schonberner, 1977). In addition to these
changes on pulsational period, there appears to
be a fading of the amplitude of the pulsational
variations in some RCB stars (Fernie et al.,
1972; Kilkenny, 1983).
As for UW Cen, another example, the situa-
tion is not as comprehensible as for SAps
because the reduction of the observations gives
many solutions with + 0.003 >/k/> -0.006; con-
sequently, the period could be constant or
decreasing/increasing, but at a relatively low
rate. We must point out that "if UW Cen has
an increasing period, this could mean that it has
not yet reached the top of the asymptotic giant
branch" (Kilkenny and Flanagan, 1983).
The helium stars could also have irrevers-
ible changes. For example, HD 168476 had V
= 9.37 mag in 1964 (Hill, 1964); the data of
1969-1971 given by Landolt (1973) and com-
municated to him by Hill in 1973, as well as the
observations of mid-1972 made by Landolt
(1973), seem to indicate a slight secular bright-
ening over the decade 1964-1973.
The V mean value and the colors of the HdC
star, HD 182040, obtained by Rao (1980b),
agree with the data deduced from the one
observation of this star made 25 years before
by Mendoza and Johnson (1965). Consequent-
ly, no middle-term variations seem to appear.
PROSPECTS AND CONCLUSIONS
At the end of this description of the slow
or rapid, reversible or irreversible phenomena
presented by the cool giants and supergiants,
we should like to emphasize the observations
to be performed for having a necessary solid
basis of data to model these hydrodynamical
phenomena,ndprogressinknowledgeof the
evolutionarystatusof thesestars.
To evaluatethenonthermalenergyvaria-
tionsonvarioustimescalesinvolvedinthedif-
ferentlayersof theentirestellaratmosphere,
simultaneousobservationsin manyspectral
rangesarerequired.Consequently,extensive
monitoringmustbeorganizedfromtheground
with the presentand newwell-adaptedin-
strumentsand withspacefacilitiesthat will
becomemoreandmoreavailableinthenottoo
distantfuture.
Someof theground telescopes and their
focal instrumentation could be used for photo-
metric, high-resolution spectroscopic, and
polarimetric analysis, as well as in the visible
and infrared ranges and in the radio range.
To stimulate long-term variability observa-
tions of the carbon-star energy distribution, to-
day partially followed with non-well-adapted
means, Querci and Querci (1985b) propose a
photometric system covering the main atomic
and molecular features over the largest wave-
length range. This system is inspired by their
previous studies of N-type spectra from the far-
UV to the radio frequencies and by synthetic
spectra deduced from their model-atmosphere
calculations. Also selected are three points on
the continuum: at 1.5 mm, 3.8 #m, and 1.04 #m
(Wing's 1104 filter). Active observations in the
visible are presently made in ESO-Chile by the
Sterken group with some of the Querci's filters.
Variations in color indices such as in C 2, CN,
D-Na, Ha, I104, etc., can be followed, and
various correlations with the known physical
parameters can be shown. Monitoring on other
spectral intervals is urgently required, such as
around C IV (if any, possibly at some phases)
and CO features and at 3.8 #m, 11.3 #m, and
1.5 mm, etc. This should allow a detailed anal-
ysis of the behavior of the various stellar layers.
In addition, the high spectral resolution pres-
ently available, which gives fine details on the
structure and dynamics of the red giants (see
M. Querci, this volume), should let us envisage
the modeling of the entire variable atmosphere.
Collaboration with amateurs on photomet-
ric monitoring cannot be neglected. The high
instrumental and scientific levels of some of
them permit productive cooperation. The In-
ternational Amateur-Professional Photometric
Photometry (IAPPP) members, mainly in the
United States, and the Groupe d'Etudes et
d'Observations Stellaires (GEOS), mainly in
Europe, are experienced in the photoelectric
photometry. In the United States, after the first
telescopes and photometers that work on semi-
automatic control or remote control, some
Automatic Photometric Telescopes (APT's) of
40-cm aperture are already operating, mainly
at the Fairborn Observatory in Phoenix, Ari-
zona (Boyd et al., 1985). These telescopes are
driven by a computer that has on memory the
star program and the comparison stars. The
tests on sky quality and the night observations
are automatically made on-line (i.e., finding the
stars and centering them on the aperture, re-
cording the data, etc.). The computer makes
decisions such as when to open the dome, in
what order the stars should be observed, and
when to shut down. The telescope calls for
human assistance if some failures appear. The
data are reduced at the end of the night. The
accuracy of such measurements made with the
UBV filters of the Johnson system is of _ 0.02
magnitude. An APT service permits anyone to
request differential photometry for his own
program stars.
Many efforts are also being made in Europe;
among them, the twin-telescope technique is be-
ing developed by the Section de Photom6trie
Photo61ectrique of GEOS (Gregory and Quer-
ci, 1985). Because the sky transparency is rapid-
ly variable during a night in Western Europe
and because the GEOS amateurs aim at an ac-
curacy of 0.002 mag in UBV filters, human
assistance during the night is preferred for
various technical and sky-quality controls
through the rms of the on-line data on the com-
puter display. In the twin-telescope technique,
two telescopes with 28-cm apertures are fixed
on the same mounting: one follows the star pro-
gram, and the other, which is also driven by
computer, follows the comparison star. The
angle between their optic axes is calculated by
the computer, which drives stepper motors for
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adifferentialorientationof thesecondquoted
telescoper lativeto thefirst.Thetwostellar
lightsareledintothe two-channel photometer
by liquid optic fibers. This new photometer is
the second European Photoelectric Photometer
(EPP-2) built by Fontaine (1985). It was derived
from the EPP-1 (one-channel photometer)
made by Fontaine (1984) and Walker (1985) in
a collaboration decided at the IAPPP meeting
at Herstmonceux-Castle during the fall of 1984.
Full-sky photometry is made by using the stan-
dard stars. The UBVf'flters are now being used.
Soon, we plan to use narrower filters and larger
telescopes.
This photometric monitoring is the basis of
research on variability. Narrow-filter photo-
metry with 1-m telescopes and visible and in-
frared high-resolution spectra with 2.0- or
3.6-m telescopes could be made when interest-
ing phases of variation are detected by photo-
metric monitoring with small telescopes. Larger
telescopes, such as VLT's and NNTT's, could
be required when the stellar flux is very low.
It is also worth noting that combined radio
and infrared observations should be developed
between radio observatories such as Onsala,
IRAM, Eiffelsberg, and ESO and infrared tele-
scopes such as UKIRT, CFHT, and ESO to
provide constraints on models describing the
molecular excitation mechanisms on the emit-
ting layers, since it is well known that the in-
frared continuum and lines can excite the radio
molecular transitions (see Nguyen-Q-Rieu, this
volume). New molecules could be detected in
the millimetric wavelength. The very far-UV
and submillimetric wavelength ranges (i.e., be-
tween 200 and 900 #m) have not been exten-
sively examined. There, photometry, together
with spectroscopy, should give insight into the
outer layers of the cool stars and special iso-
topic abundance determinations.
Already, the space gave a new scope on the
cool giant research through the IUE and IRAS
spacecrafts. (See the section Photometric Ob-
servations.) However, the small aperture of
IUE seriously limits the high-resolution analysis
to a very small number of cold bright stars.
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The first EXOSAT investigations on cool
giants and supergiants are presently in progress.
(See the section Photometric Observations.) It
seems to us that X-ray fluxes should be obtain-
ed at some phases of Miras (i.e., when the
shock waves are the most powerful), and some
constraints could therefore be added on the
shock-wave interpretation of the Mira
variations.
In the near future, new spacecraft will be
launched: the Hubble Space Telescope (ST), the
largest one with its 2.4-m diameter, by NASA
in 1988, the space astrometry satellite, Hippar-
cos, by ESA in July 1988, and the Infrared
Space Observatory (ISO), another ESA space-
craft, foreseen for 1992.
The scientific community has received de-
tailed information on the different focal in-
struments of the Hubble Telescope via the
"Space Telescope Science Institute" in Balti-
more, Maryland (The Space Telescope Obser-
vatory, 1982). With its planned mission over 15
years, long-term programs on the variability of
Miras and semiregular, irregular, and eruptive
RCB stars are possible. Such an observational
basis could permit great progress in the knowl-
edge of the hydrodynamics of these stars. Many
proposals have already been presented on the
cool giants and supergiants, some of which are"
WF/PC observations for the spatial dis-
tribution analysis of the clumpy ejected
matter around individual stars as a func-
tion of star distance (e.g., ot Ori),
WF/PC observations of the R Aqr jet
in the direction of the secondary radio
source seen on the 6-cm map and analy-
sis of the jet formation,
FOC observations of the R Aqr com-
plex, mainly the high-excitation nebula
surrounding the mass-losing Mira
variable, and the compact hot compan-
ion with its accretion disk for hydro-
dynamical modeling of the whole
object,
FOCobservationsof extendedchro-
mospheresforan analysis of the spatial
properties of the wind such as asym-
metric mass loss, radial variations of
density and temperature, interaction of
cool wind with the cool companion
(e.g., a Ori), or interaction of cool
wind with a hot companion (e.g., o_Sco
and o Cet),
FOC observations of the rapidly evolv-
ing stars such as V1016 Cyg, HM Sge,
and HD 59643 to determine the loca-
tion of the variable high-excitation
region pointed out by IUE spectra,
FOC exploration of the nearby giants
for the structure of their own surface
(convective cells, spots, etc.) and for
the determination of the spatial and
particle-size distributions on their near-
by neighborhood (e.g., ot Ori and o
Cet),
HRS Echelle spectra of supergiants for
dynamical analysis of the various
layers by the monitoring of radial
velocities and profiles of the spectral
lines (e.g., 6 Vir, a Ori, and R CrB).
Hipparcos (High Precession Parallax Col-
lecting Satellite) was named in memory of Hip-
parcos, who was the first Greek astronomer to
measure a parallax (that of the moon) and who
cataloged 800 stars. During the 2.5 years of the
Hipparcos mission, any particular point of the
sky enters in both fields of the satellite several
times a year, making accurate photometry of
selected stars possible (Turon-Laccarieu, 1978).
The absolute coordinates of each star, its par-
allax, and each component of its annual prop-
er motion will be measured with a maximum
mean error of _+0.002 arc-seconds (for stars
brighter than B -- 12). Many astrophysical
parameters can be deduced from these astro-
nomical data: (a) with the parallax, we get the
distance of the star; (b) with its apparent mag-
nitude and distance, we obtain the absolute
magnitude; (c) from already measured apparent
angular diameter and distance, we deduce the
stellar radius; and (d) with the effective tem-
perature and stellar radius, we have the lumi-
nosity and the mass of the stars. During the
Hipparcos mission, the period of many Miras
could be defined, the calibration of the period-
luminosity relation could be improved, and the
theory of pulsation of Miras could be checked.
Knowing the center-of-mass radial velocity (ob-
tained from the radio thermal lines) and the
proper motions, the spatial motion of the var-
ious populations of stars could be deduced.
Moreover, the satellite will collect a consider-
able quantity of accurate photometric data on
the variability of the Miras and the semiregular
and irregular stars; their analysis could provide
the various pulsating periods and their temporal
changes. Tests on stellar evolution and struc-
ture theories could be developed. The variations
on various time scales detected on some stars
could also be analyzed.
During the 18-month mission of the 60-cm
cooled telescope named Infrared Space Obser-
vatory (ISO), some interesting programs on
late-type giants and supergiants should be
developed: (a) temperature distribution on cir-
cumstellar material and planetary dust clouds;
(b) determination of the shape of various dif-
fuse features (e.g., solid-state spectral features
at 11 and 18/zm) and correlation of these shapes
with the physical parameters of the star and its
envelopes; (c) mapping of the neighborhood (1 o
by 1°) of some hypergiants and planetary
nebulae at 40, 80, 120, and 160 #m and deter-
mination of the shell diameters, energy balance,
densities, etc.; and (d) determination of mass-
loss rates. The problem described by Wesselius
(1984) on the origin of the outer envelopes of
a Ori should be solved by the ISO high-
resolution spectroscopy (Barlow and Storey,
1984).
Finally, a large organized international col-
laboration on photometry, spectroscopy, and
polarimetry both from the ground in the visi-
ble, near-IR, and radio ranges and from space
in the X-ray, far-UV, near- and far-IR, and
submillimetric frequencies seems unavoidable
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if wewanto effectivelyprogressin theknowl-
edgeof thesevariablecoolstars.
Constructivecommentsby Hollis R.
Johnsonhaveimprovedthefirst partof this
chapter.
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SPECTROSCOPY AND NONTHERMAL
PROCESSES
Monique Querci
PRELIMINARY REMARKS
This chapter presents observational data,
mainly from spectral lines, which imply the
existence of nonthermal phenomena--
phenomena not expected to occur in hydrostatic
thermal atmospheres under radiative
equilibrium. Those sections of this chapter
following this overview summarize spec-
troscopic data from the ultraviolet to the in-
frared; the chapter following covers spectral
lines in the radio region. Sequentially, we
survey:
. The variability of those absorption lines
whose excitation/ionization levels corre-
spond to photospheric conditions. In
some variable red stars, especially the
Miras, such absorption lines are those
whose velocity shifts are interpreted to
be caused by subatmospheric pulsation
driving outward compression waves: pro-
ducing shocks by either wave-steepening
or collision with infalling material from
a preceding phase, or both. Such photo-
spheres are already nonthermal.
. The variability of the emission lines, in-
terpreted as arising in higher atmospheric
layers and whose diverse spectral
characters imply a wide range of physical
processes leading to their formation.
Such processes that, in the Sun, are
mainly interpreted in terms of thermal
chromospheres, appear, in some pul-
sating stars, to reflect more dynamical
circumstances such as shocks and ex-
tended atmospheres. So we try to survey
these emission lines, of varying charac-
ter, in terms of the different possibilities
for their production, to try to infer the
kinds of atmospheric regions existing in
such stars. In this regard, we summarize
recent suggestions offered by Willson
and Bowen (1985).
. The characteristics and variability of
those absorption lines considered to be
circumsteUar because of their low excita-
tion and because of certain character-
istics of their profiles. We are particularly
interested in the relation of the circum-
stellar observations, and regions, to
mass-loss consequences.
This survey of the line spectrum, and the
nonthermal extended structure that it implies
for the atmospheres of many red giants and
supergiants, leads naturally to asking about the
relation between those outermost cool regions
found and the source of that observed radia-
tion diagnosed as coming from dust grains. So
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we survey those observations, including data
from the continuum as well as from the lines,
and the inferences that have been drawn from
them.
Finally, we summarize the attempts that
have been made to measure directly angular
diameters of these stars and to map the distribu-
tion of gas and dust in the most exterior at-
mospheric regions.
In both this chapter's survey of the line spec-
trum and the preceding chapter's survey of the
continuum, variability of all features is stressed.
From these discussions, we attempt to depict
the dynamic motion of the atmospheric layers.
But first, we must clarify certain ideas, as
discussed by Wing (1979) in his review on
Miras.
First, the radial velocity of the center of
mass of the star must be determined. From
among various velocities that might represent
the motion of the center of mass (e.g., see
Wallerstein, 1975), there appears to be a con-
sensus of opinion in the literature (e.g., Hinkle
et al., 1982, and references therein) for using
the molecular emission of thermally excited SiO
or CO. This idea has been stressed by Reid and
Dickinson (1976) after the observations of SiO
by Buhl et al. (1975) in some Mira stars, while
Lambert and Vanden Bout (1978) and Dickin-
son et al. (1978) found further stars showing
SiO and also CO thermal emission. As dem-
onstrated by Morris and Alcock (1977), the
thermal emission lines arise in the external
layers of an extended low-density region. The
velocity, inferred from the center of the emis-
sion profile, should then be considered as the
velocity of the star center of mass (systemic
velocity), because, paraphrasing a comment by
Knapp et al. (1980), it is free of shifts caused
by pulsation of the photosphere. Also, the stel-
lar center-of-mass velocity may be obtained
from the midpoint of the twin OH maser emis-
sion feature (see Rieu, this volume). The veloci-
ty of expansion of the emitting region is in-
ferred from the width at the base of the SiO
or CO line profile.
The second point to be decided is the spec-
tral features indicative of the photospheric
velocity. Until recently, the motion of the
photosphere was supposed to be represented by
an average radial velocity of the absorption
lines, mainly those seen in the blue spectral
region. Nevertheless, Wallerstein 0977) showed
that a discrepancy exists between the changes
in photospheric radius derived by means of
photometric data and those deduced from the
displacement of the line-forming region found
from integrating the radial-velocity curve. It has
now been proved that high-excitation-potential
CO lines exist in the infrared region which un-
ambiguously show the values and the ampli-
tudes of radial velocity expected for the motion
of the photosphere (see the sections Changes
in Absorption-Line Radial Velocities with
Phase and Source of the Visible Spectrum).
Finally, the measured radial velocities have
to be further corrected for projection effects
before deciding if the stellar layer is expanding
or contracting relative to the center of mass.
Although these correction factors for geometry
and limb darkening are badly defined (Waller-
stein, 1975, 1977), appropriate geometrical cor-
rection factors for Miras have been calculated
(Willson et al., 1982).
We end these preliminaries with the follow-
ing miscellaneous remarks:
. The term "atmosphere" stands for all
the stellar layers from the photosphere
to the external envelopes.
. The variability will be mainly dealt with
from spectra of Miras, chiefly from some
prototypes of M and S types for which
the observational data are exhaustive.
The phase coverage of C types is as yet
too incomplete for detailed discussion.
. We adopt the convention that "red" and
"blue" shifts refer to shifts to longer and
shorter wavelengths (or to lower and
higher frequencies), respectively. We set
the velocities as positive for infalling
material relative to the center-of-mass
velocity (red-shifted lines) and negative
for rising material (blue-shifted lines).
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. The phase of events which occur in the
preceding or following cycles is specified
by substracting or adding 1.0 to the nor-
mal phase convention. When the obser-
vation time is given in days before or
after the maximum light in the literature,
the corresponding phases are calculated
on the basis of the periods issued from
Kukarkin et al. (1969, 1970).
. To link radial velocities from optical
features, generally given with respect to
the Sun, to the center-of-mass velocity (a
radio line velocity generally given with
respect to the local standard of rest,
VLSR) , we have to convert the latter to a
heliocentric velocity (Lang, 1980).
PHOTOSPHERIC ABSORPTION LINES
Introduction
The spectra of the late-type stars are crowd-
ed with absorption lines. For the earlier of
these, the atomic lines are quite strong in a
relatively molecular-band free spectrum, while
in the later types the molecular bands appear
and the atomic line-strengths decrease.
Even at high dispersion, only a few regions
are suitable for studying the atomic lines. One
of these, nearly free of absorption by molecular
bands, lies shortward of about 4400/_; this blue
region of the visual was extensively studied by
the spectroscopists until the 1960s. Longward
of this wavelength, interference by the TiO
bands in M stars gradually increases, and the
intensities and displacements of atomic lines
become difficult to study. The spectra of S
stars, in which the ZrO bands are less extend-
ed than the TiO bands of M stars, should be
more favorable. Unfortunately, as there is lit-
tle flux in the blue-violet region of these cool
stars, only the phases near maximum light have
been exploited. Moreover, the blue region con-
tains circumstellar (CS) lines (excitation poten-
tial -<0.5 eV) that may alter the conclusions on
radial-velocity changes in papers written before
these circumstellar components became well
known. (See the section Circumstellar Lines--
Properties of Gaseous Shells.)
Another region in which the depression due
to molecular bands is not too strong is in the
near-infrared (k_ 7900-8700). In recent years,
high-resolution Fourier transform spectroscopy
became available in the infrared region from
1.6 to 2.5 #m, making it possible to analyze the
behavior of atomic and molecular lines there.
The present advanced infrared spectroscopy is
well suited to radial-velocity determinations:
high resolution up to 0.07 cm -l is practicable
at all phases because Miras have relatively small
light amplitudes in the infrared. We recall that
red giants have their flux peak between 1 and
2 #m and that the 1.65-#m region corresponds
to the minimum opacity due to H-.
Survey of Changes in Absorption-Line
Strengths with Phase
Blue-violet spectra of Miras extending over
many light cycles indicate periodic changes in
line intensities. Some examples come from the
blue-violet region of o Cet, R Leo, R And;
Buscombe and Merrill (1952) find that, al-
though the majority of atomic absorption lines
are much stronger at maximum light, not all
elements show exactly the same variations in
equivalent widths with phase. Also, the exam-
ple of U Ori (Merrill, 1945) shows that changes
in atomic-line intensities are not afortiori cor-
related with great changes in the brightness of
the star: while the magnitude of the star in-
creases as much as 2.2 mag from phase -38 days
to phase -4 days, changes in the atomic-line
spectrum were minor. For molecular bands,
numerous examples indicate that the molecular
features strengthen with the (cooler) later types
and within a type with the declining light phases
(i.e., ultimately with a decrease in temperature).
For M3-M6 Miras, the depth of the TiO bands
at 4584 and 4955/_ becomes smaller near maxi-
mum light, and the earlier the type, the smaller
the depth (Maehara and Yamashita, 1979). The
TiO and VO bands at 1/tm, which appear in
stars later than M6, strengthen toward mini-
mum light (Lockwood, 1969). Sanford (1950)
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reports on the appearance of strong CaCI bands
in the orange and red regions of C stars, but
only during minimum light. In the infrared,
Hinkle (1978) indicates that the 4400- to
4800-cm -1 region in R Leo contains only weak
molecular lines near maximum light (allowing
for the identification of weak to moderate
atomic lines). On the other hand, the strength-
ening of the water spectrum near minimum
light is responsible for reducing the number of
unblended lines by well over one half. Hinkle
and Barnes (1979a) found that the H20 col-
umn density in R Leo varies by about an order
of magnitude with phase, while in X Cygni
(Hinkle et al., 1982), the CO column density
strongiy changes near maximum light and stays
at a constant value from about phase 0.20 to
0.70. Incidentally, using the curve-of-growth/
isointensity method (Hinkle et al., 1976), the
excitation temperature is found as a function
of phase for the various molecular bands; such
a quantity is essential when discussing the struc-
ture of the atmosphere. (See the section Pt_oto-
spheric Kinematics--The Shock- Wave Model.)
Variations in Radial Velocities
of Absorption Lines
Dependence of Absorption-Line Radial Veloci-
ties on the Excitation Potential. Line shifts of
neutral atoms increase monotonically with the
excitation potential of the lower atomic-energy
level. Clearly deduced from the visual atomic
lines in Miras (Merrill and Greenstein, 1956),
it is now also shown for the IR atomic lines.
As an example, in the blue spectrum of X Cygnl
(Merrill, 1947b), Fe I lines with a lower state
excitation potential of 1.0 eV, which is the value
of most of the visual atomic lines measurable
in Miras, are displaced toward longer wave-
lengths by 2 km/s with respect to the resonance
lines; this is confirmed by Maehara (1968), who
finds radial velocities from violet and IR ab-
sorption lines of Ti I and Fe I in X Cygni de-
creasing with decreasing excitation potentials.
The low excitation lines are shifted toward short
wavelengths with respect to high excitation
lines. Moreover, it has been noted from studies
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of both S Car in the infrared at high
dispersion at all phases (Shinkawa, 1973) and
X Cygni (Hinkle et al., 1982) that the phase de-
pendence of the relation between velocity and
excitation potential relation varies with phase.
A similar dependence of radial velocity on
the excitation potential is also found from
molecular lines. Interesting examples are given
by the irregular C star, TX Psc, in the visible
range with A1H and Sill molecules (Peery,
1979) and in the 2.5-#m region with CO and
HF molecules (Peery et al., 1977).
As discussed by Hinkle (1978), the excita-
tion potential is one measure of the depth of
formation of a line in the cool star photosphere:
the higher the excitation potential, the deeper
is the line-forming region (and also the weaker
are the lines). The dependence of radial ve-
locities on the excitation potential explains the
strong dependence of the velocity of the absorp-
tion lines on the line intensity (Maehara, 1971)
(i.e., our understanding of the temperature
stratification and region of line formation leads
directly to the phenomenon of a velocity grad-
ient in the atmosphere). Finally, Pilachowski
et al. (1979) note a strong correlation between
the radial velocity and the ionization potential
in several Mira variables.
Changes in Absorption-Line
Radial Velocities with Phase
Blue Range in Miras. In his extensive study of
the brightest phases over 16 cycles of o Cet's
light variation (from 1935 to 1951), Joy (1954)
proves that variations in the radial-velocity
curves of atomic absorption lines, from _3770
to )_4290, are evident from cycle to cycle;
greater positive velocities correspond to the cy-
cles with a greater brightness at maximum. This
author also notes that in other Miras, at post-
and pre-maximum, the atomic-line velocities do
not repeat regularly from cycle to cycle. How-
ever, the typical general trend of the velocities
in Miras shows that the blue-violet atomic lines
do not exhibit significant velocity changes with
phase. A striking example is given for R Leo
by Hinkle and Barnes (1979b), who collected
data from Merrill (1946, 1952c) and Wallerstein
(1975). The velocity is nearly constant at + 12
:!: 3 km/s from phase 0.8 to 0.3 and then
decreases to about 7 km/s at minimum light.
Such a velocity trend of the photospheric ab-
sorption lines is inconsistent with the velocity
behavior of the emission lines that support a
pulsation interpretation, suggested by the peri-
odic variations in brightness to be discussed in
the sections Changes in Emission-Line Radial
Velocities with Phase and Atmospheric
Kinematics (part on The Mira Stars): The
Shock-Wave Model. It confused the visual
spectroscopists and prevented a deduction of
an overall atmospheric structure of these stars
until recently, when infrared techniques became
available.
Infrared Range--An Example: the Mira
X Cygni. High-resolution Fourier transform IR
observations by Hall et al. (1979), Hinkle
(1978), Hinkle and Barnes (1979a, 1979b), and
Hinkle et al. (1982) led to a real breakthrough
in understanding the Mira phenomenon. These
authors analyze molecular and atomic absorp-
tion lines of various excitation energies and
strengths at several different phases and give
a picture of how the velocity structure and, fur-
thermore, the temperature structure and col-
umn densities change along the light cycle.
When summarizing the key observational re-
sults, a typical example used is a time-series
spectra of x Cygni (Hinkle et al., 1982). The
authors rely on the CO bands from 1.5 to 5/tm
in which the Av = 3, 2, and 1 vibration/rota-
tion bands are found. Figure 2-1, adapted from
Hinkle et al. (1982), displays the changes in
radial velocities with phase for groups of lines
of low, high, or moderate excitation belonging
to the second-overtone (Av = 3) and the first-
overtone (Av = 2) bands. Obviously, X Cygni
has a composite absorption spectra with multi-
ple velocity components.
The Second-Overtone Bands. Discontinuous S-
shaped velocity curves with a double-lined spec-
trum for about one fourth of the light cycle,
from before _ -- 0.90 to about _ = 0.15, are
the outstanding features in Figure 2-1 (upper
panel). Additional evidence comes from Figure
2-2, which presents an average Av = 3 line pro-
file at representative phases. As summarized by
Hinkle et al. (1982): (1) during the double-line
phases, the line to the red (inward flow) fades
as the line to the blue strengthens; (2) the ab-
sorption lines move to the red with phase; (3)
a blue-shifted emission edge develops after
phase 0.60 and emerges as a separate emission
feature; and (4) the lines weaken during the
emission-line and double-line phases.
Instances of absorption-line doubling in
Miras near maximum light have been known
earlier from near-infrared spectra. It has been
reported for x Cygni by Maehara (1971) from
near-infrared atomic lines around 8000 /_.
These lines reported on Figure 2-1 behave as
the Av = 3 Lines. Not having a complete set of
observations along the phase, Maehara could
not deduce the discontinuous S-shaped curves.
For the first time, Maehara showed that the
blue components are formed in a much hotter
gas (therefore in deeper layers) than the red
ones. This result has been confirmed by Hinkle
et al. (1982): given the stellar velocity of -7.5
km/s (Dickinson et al., 1978), the longward
component corresponds to cool falling gas, and
the shortward component to hot rising gas. We
now understand why the blue region has never
been detected for double lines: the opacity in
the blue is too strong to let the deep layer be
seen. I-Iinkle et al. further establish the run of
the excitation temperature with phase; the tem-
perature drops about 2000 K through the light
cycle.
The First-Overtone Bands. In the Av = 2
bands, absorption lines of low, high, or mod-
erate excitation are distinguished. Generally
speaking, lines with low rotational quantum
numbers J" are low-excitation lines (e.g., the
(2-0) R8 or R10 lines (-0.02 to 0.03 eV)). A
2-0 high-excitation line is R92 (1.98 eV).
Moderate-excitation lines are (3-1) R32 to R35
(_0.50 to 0.56 eV); higher excitation (3-1) lines
such as R66 and R65 ( - 1.3 eV) are not shown
117
in Figure2-1.The main results from the mid-
dle panel of Figure 2-1 devoted to the Av = 2
bands follow:
1. The high-excitation (2-0) lines exhibit a large
amplitude periodic change in velocity that
mimics the second-overtone (Av = 3) lines,
but they double later in phase due to an
assumed increase in continuous opacity
from 1.6/+m (Av = 2) to 2.3/+m (Av = 3).
2. The low-excitation (2-0) lines do not have
a periodic change in velocity; rather, they
cluster around the center-of-mass velocity,
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and one can infer an excitation temperature
of the line-forming region of 800 K + 100
K.
3. The moderate-excitation (3-1) lines exhibit
line doubling, conspicuous at phases 0.01
and 0.24; however, extra components may
be present (as at _ -- 0.04). The general
trend is as follows: one component always
matches the (2-0) high-excitation velocity;
the other component present is either at the
velocity of the low-excitation (2-0) lines or
at positively shifted (i.e., infalling) velocities
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Figure 2-2. The S Mira, X Cygni: Average CO
second-overtone (Av = 3) line profiles as a
function of phase. The M6 III low amplitude
variable 30 Her is shown for a comparison pro-
file (from Hinkle et al., 1982).
relative to the center-of-mass velocity. Hink-
le et al. (1982) add that considerable cycle-
to-cycle variation is conspicuous: in some
cycles, the infalling line is single; in others,
multiple components are likely. The excita-
tion temperature of the infalling lines is
around 1500 K.
To complete the description, we note the
fundamental bands (Av = 1) in the 4.6-/_m
region. The (1-0) band is indicative of a cool
circumstellar shell. No velocity changes are
noted. The excitation temperature is 300 _+ 200
K. The circumstellar shells will be fully dis-
cussed in the section Circumstellar Lines--
Properties of Gaseous Shells.
In short, four components have been iden-
tified in the spectra by Hinkle et al. (1982):
. One component consists of second-overtone
CO lines and the high-excitation component
of the first-overtone lines, together with the
atomic lines at 8000 ._. These lines share a
discontinuous velocity curve of nearly 30 km
s -_ amplitude and an excitation temperature
change from 4000 to 2200 K. Both proper-
ties are indicative of lines formed in a
pulsating region traversed by a shock front
near maximum light. They are an in-
disputable indicator of the dynamics of the
stellar photosphere.
, One component deals with first-overtone
lines with infall velocities. Hinkle et al.
remark that this group of lines persists to
at least minimum light and may well be pre-
sent throughout the entire cycle. Their ex-
citation temperature is about 1500 K.
. Another component groups low-excitation
first-overtone stationary lines (i.e., with the
center-of-mass velocity) and with T - 800
K. This component is suggested to originate
in the inner region of the circumstellar shell.
. Finally, low-excitation fundamental lines
with T - 300 K are formed in the expand-
ing circumstellar shell.
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Thefourcomponentsarethesignaturesof
differentregionsin theatmospherethat will
nowbediscussed.
OverallPicture of a Mira Atmosphere
from the Absorption Lines
(the example of x Cygni)
Photospheric Kinematics--The Shock-Wave
Model. The discontinuous S-shaped radial ve-
locity curves were first observed for another
class of pulsating variable stars, the W Virginis
stars, for which the line doubling is explained
by a shock wave model (e.g., Wallerstein,
1959). In the Mira X Cygni, Maehara (1968),
to account for the line doubling observed at
8000/_, around maximum light, put forward a
two-layer model in which a layer of shock-
heated gas is rising through a layer of cooler
gas. The shape of the radial-velocity curve
described by the first group of CO lines in-
vestigated by Hinkle et al. (1982) throughout
three cycles fully supports the shock-wave
model: radial stellar pulsation drives compres-
sion waves which develop into shocks before
emergence into the photosphere. A first
qualitative description of the model is given in
Hinkle (1978) or Hinkle and Barnes (1979b) and
is then updated in Hinkle et al. We rely on their
various descriptions for a more comprehensive
approach to the model.
"By about minimum light, maximum ra-
dius has been reached and gas [from the
outer layers] falls back [under a constant in-
ward acceleration] while the deep layers be-
come compressed and fall less rapidly.. . [A
shock develops when] the photospheric gas
moving inward can no longer decelerate
smoothly into the underlying gas...that be-
comes nearly stationary at maximum com-
pression .... [Otherwise], the shock region
occurs where the falling photospheric gas of
the last-cycle meets the photospheric gas of
the present cycle at a velocity difference
greater than that of sound... At this shock
interface, the gas is heated from -2000 K
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to > 4000 K [in X Cygni] and molecular
species are dissociated; atomic hydrogen is
probably predominantly ionized .... The first
indication of the emergence of the shock
into the X Cygni atmosphere is probably the
brightening of the star after minimum light
near phase -0.40. Between phases -0.40 and
-0.30 the shock propagates through the in-
frared (1.6 /_m) continuum. The infrared
line-forming layers are first affected at phase
-0.30 when the CO column density (Figure
6 [in Hinkle et al., 1982]) begins to decrease
[due to the CO dissociation by the shock].
By about phase -0.10, the expanding gas
behind the shock has cooled to the point
where a detectable column density of CO
can form. From phases -0.10 to 0.15, the
CO continues to associate behind the shock
zone while CO is simultaneously dissociated
by the advancing shock .... The observa-
tions...[from phases -0.10 to O. 15] record
(1) part of the previous photospheric gas
falling inward and (2) gas for the next
light cycle moving outward .... [Note that]
the shock has already passed through much
of the photosphere when the CO second-
overtone spectrum becomes double lined ....
By phase 0.15, the CO column density
reaches its plateau value and from then un-
til phase 0.7, it remains constant to within
the accuracy of measurement. During this
interval, the line forming layer expands,
stops and falls back towards the stellar sur-
face under a constant inwards acceleration
of 0.098 + 0.005 cm s-2. The CO column
density drops an order of magnitude by
phase 0.85 and another by phase 1.1. The
observed acceleration of the layer changes
at phase 0.85 and it reaches an equilibrium
infall value of 7.5 km/s which is maintained
by a small amount of gas until at least mini-
mum light."
Note that the weak CO emission lines of
Figure 2-2 might result from the recombination
of the CO behind the shock.
Some estimates of the physical parameters
of the x Cygni photosphere are available from
theforegoingmodel:
. From L - R 2 T 4, where L is the lu-
minosity (L = 7000 L o )' T is the mean
photospheric CO excitation temperature,
and R is the photospheric radius (all
quantities reduced to solar units), Hinkle
et al. (1982) obtain: R -- 240 R o (i.e.,
1.7 × 1013 cm). It is found that the
stellar pulsation produces a variation in
radius of _+100 R o"
. The thickness of the CO line-forming
region is the total thickness of the linearly
accelerated part of the atmosphere, ob-
tained from the time the rising shock
takes to traverse the falling line-forming
region. With some assumption on the
shock velocity not directly measurable,
Hinkle et al. find that, from phase -0.3
to -0.10, the outward-moving shock cov-
ers about 8 x 1012 cm. Concurrently,
the infalling gas travels 1.2 x 1013 cm.
Finally, the thickness of the CO line-
forming region is 2 x 1013 cm, com-
parable to the radius.
. The mass of the stellar atmosphere is M
- 2.5 × 1031 gm (if one assumes mL =
4200 gm/cm 2 and an exponential
distribution of the mass through the line-
forming region).
Source of the Visible Spectrum. Besides the
photospheric layers, we described another three
atmospheric components seen by Hinkle et al.
in x Cygni from CO observations. These are:
(1) a hot (T - 1500 K) gas infalling at about
8 km/s relative to the center of mass, (2) a
cooler (T - 800 K) stationary shell, and (3) a
still cooler (T - 300 K) gas expanding at 7.5
km/s. The last two components clearly corre-
spond to extended atmospheric layers that will
be detailed in the section Circumstellar Linesm
Properties of Gaseous Shells. The infalling gas
deserves further comment. From Figure 2-1
(middle panel, 3-I CO lines), the infalling CO
component velocity appears to be in agreement
with the blue-violet absorption-line velocity,
rendering plausible the idea of Hinkle et al. that
the infalling region is the source of the visible
spectrum. In fact, as the blue spectrum does not
suffer the pronounced phase-dependent velocity
change shown by the Av = 3 photospheric
lines, it can well be formed above this IR line-
forming region (i.e., above the photosphere).
Consequently, the fact that the visual (blue)
atomic absorption lines do not arise in the
photosphere removes the discrepancy in the
determination of the sizes of the Miras that
puzzled the astronomers (e.g., Wallerstein,
1977) when they used a photometric or a visual
spectroscopic approach.
Hinkle and Barnes (1979b) explain that the
continuum shortward of about 6000 ._,, formed
in the shock region near maximum phases, per-
mits us to see only the component of the slightly
doubled lines formed above the shock, produc-
ing illusion of infalling gas in the 4000 ,_ spec-
trum. Also, they explain the gross cycle-to-cycle
variations of the blue visual velocities by sug-
gesting that the infalling gas might be in clumps
or in a layer of uneven thickness. In addition,
Hinkle et al. (1982) present some evidence for
this material falling back onto the photosphere
from the 800 K quasi-stationary layer. Emis-
sion lines discussed in the next section will come
back to this point.
Further Probes of
the Pulsating Photosphere
The Mira M Star, R Leo. R Leo also provides
evidence that a Mira variable is radially pul-
sating. It has been extensively studied in the in-
frared by Hinkle (1978) and Hinkle and Barnes
(1979a, 1979b), as well as in the visual (Mer-
rill, 1946, 1952c) and in the millimeter range
(Wallerstein, 1975).
It is interesting to complete the results shown
by X Cygni with the analysis of molecular lines
not only by CO, but also of OH and H20 and
of atomic lines in R Leo, by Hinkle (1978) and
Hinkle and Barnes (1979a, 197913).
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Largeamplitude radial-velocity variations
with phase (S-shaped curves) are obtained for:
. The low excitation OH first-overtone
lines, the CO second-overtone lines to-
gether with the 2-0 high-excitation CO
first-overtone lines and the atomic lines,
all formed in the stellar photosphere: the
excitation temperature ranges from 4500
to 3000 K. The velocity amplitude of the
photospheric spectrum is around 25
km/s.
. Some lines from the H20 molecule.
Their excitation temperature is about
1700 K, showing that they originate near
the boundary layers of the photosphere,
in cooler and outer layers. They are ex-
pected to move more slowly than the hot-
ter CO and OH forming regions, due to
a weaker mechanical coupling to the
underlying pulsation.
In addition, still cooler overlying com-
ponents that might be the inner portion of the
circumstellar shell are distinguished, such as a
H20 layer at - 1100 K, the velocity of which
duplicates a CO plus OH region at - 1000 K
showing radial-velocity variations of - 16 km/s
amplitude; it is reasonably to be located at the
inner boundary of the CS shell close to the star
and still having a significant mechanical cou-
pling with the photospheric layers.
Carbon Stars: Miras and Semiregular
Variables. In the literature, a Mira carbon star,
R Lep, is known for doubling the CN molecular
lines in the 6100 to 6700 ._ spectral range near
maximum light (Phillips and Freedman, 1969).
On the other hand, the radial-velocity curve
drawn for R Lep as a function of phase from
CN lines over the same spectral region by San-
ford (1950; Figure 2-3) is illuminating. We now
recognize that this curve has a distinct S-shape,
which is also conspicuous in other Miras
observed by Sanford (1950): V CrB, V Oph,
and U Cyg. Unfortunately, the curves are
average curves for several cycles, obliterating
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a possible line-doubling effect. Nevertheless,
the Mira C stars probably behave in the same
way that the Mira M stars behave, the pulsa-
tion being associated with the photometric
variability. The amplitude of the shock is about
20 km/s in U Cyg and R Lep, but only about
15 km/s in V CrB and V Oph, thus lower than
in the Mira M or S stars where it can reach up
to -30 km/s.
For such semiregular C stars as RR Her, T
Cnc, and V Hya, the characteristic radial-
velocity S-curve is also noticeable in Figure 2-3,
in particular for the SRb variable RR Her, but
the amplitude is low (_<10 km/s). However,
such a low-amplitude shock seems able to ionize
a sufficient quantity of hydrogen, since Sanford
(1950) see Ha in emission in the quoted stars,
except in T Cnc. We will return to hydrogen
emission in SR variables in the section Hydro-
gen Emission Lines. We note that Hinkle et al.
(1984), observing IR CO lines in M semiregular
stars, noticed S-shaped radial-velocity curves,
but no line doubling (e.g., X Oph). The M su-
pergiant, ot Ori, which will be fully discussed
in the section Atmospheric Kinematics, part on
Other Giants and Supergiants, is another
example.
An interesting point to make from these ra-
dial-velocity curves is that they might be used
to determine the stellar velocity, despite the
restrictions noted by Hinkle (1978). This is im-
portant for the C stars, still hardly observed for
the CO microwave thermal lines. (The SiO ther-
mal lines might be observed only in stars with
a high Si abundance.)
Analysis of Absorption-Line Velocity Histo-
grams in Miras. Willson et al. (1982) plot
histograms of the radial-velocity distribution of
atomic absorption lines in some Mira variables
at various phases. Furthermore, they investigate
the dependence of velocity on excitation and
ionization potential, wavelength, and line
strength by a multiple regression technique
(Pilachowski et al., 1979). From their analysis,
they claim that the histogram of the visual spec-
tra (4000 to 7000 _), together with the IR mo-
lecular lines, is better understood physically
speaking by assuming two shocks propagating
in the atmosphere at any one time, a large
amplitude "lower" shock (at about 1 R.), plus
a smaller amplitude "upper" shock (1.5 to 2.5
R.). The two-shock model is implied by the
theory that one shock is formed per period and
persists for more than one period in the atmo-
sphere, becoming gradually weaker with time
(Hill and Willson, 1979). Thus, the upper shock
is the weakened relic of the lower shock from
the previous cycle. Criteria for assigning spec-
tral features to either the upper or lower shocks
have been given (Hill and Willson, 1979; Will-
son et al., 1982). Linked to the lower shock are
the visible continuum near maximum, the high-
excitation components of the IR molecular
lines, and more generally, absorption lines with
higher excitation (T x > 3000 K) and ionization
potentials than lines originating in the upper
shock. The lines from the lower shock are ex-
pected to be weaker because they may be filled
in by the continuum from overlying layers; they
occur mainly in the red spectral range ( _>7000
A), where the strongly wavelength-dependent
opacity (assumed due to the Rayleigh scatter-
ing) is much smaller. To the upper shock are
linked the visible absorption-line spectrum (TiO
included for the M Miras), the low-excitation
component of the IR molecular lines, features
from the blue spectral range, and generally
speaking, features with low excitation (Tex<
3000 K).
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Willson (1979) summarizes other criteria for
the features assumed to form near the lower
shock: (1) they are as regular as the light curve
of the IR high-excitation line-velocity curves;
(2) they show consistent phasing with the light
curves; (3) they show overlying absorption; and
(4) they are formed at large continuum optical
depths (as are the IR lines). Two regions of line
origin arise from each shock: postshocks A and
C and preshocks B and D for the lower and up-
per shock, respectively, implying a four-com-
ponent velocity (Figure 2-4a).
The main issue is whether there is an alter-
native interpretation of the observations involv-
ing a single rising shock (Figure 2-4b). As an
example, we report RT Cygni as discussed by
o I
__o
(a)
0
0 -
ine$
S
2
R/R t
B
(b)
R/R_.-.=.
Figure 2-4. Schematic velocity structure in a
Mira near maximum light: (a) if two shocks are
assumed to propagate in the atmosphere at any
one time; (b) if only one shock is assumed; (,4)
and (C) postshock line-forming regions; (B) and
(D) preshock line-forming regions in lower and
upper shock, respectively (from Willson et al.,
1982).
124
Willson et al. (1982). On one hand, from their
regression coefficients analysis, they conclude
that the presence of at least one shock front in
the reversing layer can explain the dependence
of the velocity on the wavelength, line strength,
ionization potential, and excitation potential
with complete consistency. From the red and
yellow spectral regions especially, it is seen that,
as the shock rises through the atmosphere, first
the low-lying higher excitation lines are af-
fected, followed by the lower excitation lines
that originate higher in the atmosphere. On the
other hand, from the histogram analysis, near
maximum light (_o = -0.02), the velocity struc-
ture might be consistent with a two-shock mod-
el (Figure 2-4a and Willson et al.'s Figure 5).
For the lower shock, the postshock velocity at
A is about +11 kin/s, and the preshock velocity
at B is about -20 kin/s, while for the upper
shock, C - + 6 km/s and D - -8 km/s relative
to a theoretical stellar velocity (Hill and Will-
son, 1979) at about -119 km/s. The velocities
are corrected for geometrical effects. (See the
section Preliminary Remarks.)
As emphasized by Willson et hi. (1982), the
A and C components are difficult to separate
from each other (we will refer again to this
point when discussing emission lines in the sec-
tion Atmospheric Kinematics, part on The Mira
Stars: The Shock-Wave Model) and very few
lines are available to give the B component since
they tend to be weak because of the filling in
by the continuum from higher atmospheric
layers. WiUson et al. continue that, if the A and
C lines are combined into a single region of
origin and if the B component lines are ignored,
using only the D component for the infall ve-
locity, a single shock with a geometrically cor-
rected amplitude of Av - A - D - 19 km/s is
invoked to interpret the histograms. However,
with such an amplitude, a shock in a Mira at-
mosphere is not likely to ionize sufficient
hydrogen to produce the strong Balmer lines
that are observed. (See the section Hydrogen
Emission Lines.) An amplitude of at least Av
= 25 km/s seems to be required (Tsuji, 1971).
However, as some B component lines are ob-
served (at + 8 and + 25 days from maximum
in yellow and red ranges), it should be more
plausible to consider a single shock, such as that
in Figure 2-4b, with an amplitude Av =A - B
- 31 km/s. Such a shock amplitude is inferred
from the IR molecular absorption lines and the
red atomic lines in X Cygni (Figure 2-1, from
Hinkle et al., 1982) or R Leo. In support of this
single-shock model, one should recall (see the
above section Photospheric Kinematics--The
Shock-Wave Model) that the shock is first de-
tected in the infrared (due to a lower opacity
than in the blue region), early in phase, through
the observed variation in the CO column den-
sity; it has passed through a large part of the
atmosphere when the IR and red lines become
double around maximum light. The D compo-
nents, issuing mainly from the blue spectrum,
appear to be formed well above the shock. This
is in agreement with the idea (Hinkle et al.,
1982) discussed in the above section Source of
the Visible Spectrum that the blue absorption
lines are no longer representative of the photo-
sphere or the reversing layer of the star as
previously thought; rather, they are related to
an outer shell and formed relatively high in the
atmosphere. Consequently, an upper shock ap-
pears to be no longer necessary to explain their
nonperiodic fluctuations in velocity. Emission
lines (see the section Atmospheric Kinematics,
part on The Mira Stars: The Shock-Wave
Model) will provide further arguments in favor
of a single shock.
Summary: What information is obtained
from the absorption lines?
They tell us that cooler circumstellar layers
are present in Miras. In this framework, impor-
tant results are: (1) the blue-violet absorption
lines are linked to an outer layer rather than
to the photosphere; and (2) a quasi-stationary
shell exists in the Miras.
Infrared absorption lines, mainly molecular
lines, prove that the photosphere of M, S, and
C Miras undergo a shock-pulsation motion of
the W Virginis-type linked to the radial global
stellar pulsation driving acoustic waves.
Generated by turbulence at the top of the
hydrogen convective zone, these waves turn in-
to shocks, dissipating energy and heating the
stellar layers, as they propagate outward into
layers of decreasing density (Stein and
Leibacher, 1980). The characteristic of the Mira
model is that a shock is formed just below the
visible photosphere; this is essentially what we
mean when speaking later about the
photospheric Mira-like shock-wave model. The
undisputable indicators of such a mechanism
are the S-shaped large-amplitude radial-velocity
curves with respect to the stellar phases and the
line-doubling effect around maximum light.
For semiregular stars, data are still scarce.
However, S-shaped curves from visible CN or
IR CO lines are recognized in the few available
examples, suggesting that the Mira-like
pulsating mechanism might work in these stars.
However, the curves have a much lower
amplitude than in the Miras, indicating less
available energy or larger damping. IR CO line
doubling is also absent, meaning that the ris-
ing hot gas from deep layers cannot be seen at
the same time as the cool infalling gas, but the
cause is presently unclear. Observations are
urgently required on semiregular (SR) and ir-
regular (L) stars.
EMISSION LINES
We exclude here the radio emission lines (see
Rieu, this volume) and emission in P Cygni line
profiles, which are treated in the section Cir-
cumstellar Lines--Properties of Gaseous Shells.
In general, all the M, S, and C stars of Mira
type show strong emission lines at some epoch,
as do some semiregular stars. (See, for exam-
ple, the compilations by Bidelman, 1954;
Meinel et al., 1969; Yamashita, 1972; Stephen-
son, 1973; Keenan et al., 1974; and Catchpole
et al., 1979.) Some additional semiregular
variables show weak emission lines at some
phases; others show emission lines at some
phases in some cycles.
In what follows, the discussion on changes
with phase will focus mainly on the Mira stars.
Note that, among the 223 Miras reported by
Catchpole et al. (1979), only some rare cases
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arenot mentionedashavingemissionlines
(e.g.,theM star,SUPup,or theCstar,RV
Cen). However, these stars may not have been
observed for a sufficient time.
General Behavior of Emission Lines with Phase
Optical Range of Mira Variables. Variability
of the atomic emission lines in the visible spec-
tral range has been known since the beginning
of the century, whereas the UV range recently
explored by satellites has seldom been used. In
the following section, the discussion is based
mainly on certain typical stars because the very
similar behavior in various Mira spectra of
many complicated details is remarkable (Mer-
rill, 1952c).
The emission lines undergo striking
modifications with phase. They can have a
strong intensity and a broad profile and can ap-
pear as the most outstanding features in the
spectrum, even at low resolution, or they may
be radically altered and partly extinguished by
the absorption lines above them or so weakened
as to completely disappear. Moreover, this be-
havior is cyclic in the Mira stars, although some
differences are noted in the pattern from cycle
to cycle in a given Mira, and from star to star
in the same spectral type (Merrill, 1952b). The
emission lines are stronger and more numerous
in cycles with a high maximum brightness (e.g.,
H_ in o Cet is much more intense for the
brighter maxima (Joy, 1954)).
Except for about one third of the period just
after minimum, emission lines are usually pres-
ent in the spectra. Roughly speaking, most of
the lines are brightest just after maximum. The
hydrogen Balmer lines, recognized up to H18
(Merrill, 1947a), characterize the spectra of
Mira variables at maximum light when they are
very bright, whereas at minimum light, they are
weak or absent. With advancing phase, the Fe
II(1) emission lines become outstanding
features. For a given phase after maximum, the
emission spectrum is completely different from
the spectrum at the same phase before max-
imum. As an example, for o Cet, Joy (1954)
in his Table 7 gives the phases in which the main
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lines of various elements in the optical range
are just detectable, when they are at their max-
imum, and finally when they disappear. Some
metallic lines appear early in the cycle on the
blue part of the absorption lines. After the max-
imum, the number of emission lines of addi-
tional elements and their brightness rapidly in-
crease, beginning with the lines from higher ex-
citation potentials. Common are the main lines
from the following neutral atoms: Fe I (in par-
ticular, the lines at _4202 and )_4308 are abnor-
mally strong in emission and indicative of a
resonance mechanism), Mg I, Si I, Mn I, In I,
and Co I; and from ionized atoms: Fe II, Ti
II, Mn II, Ca II (H and K lines and the IR
triplet lines), and Sr II. Some lines are so domi-
nant that they obliterate the absorption lines.
An example depicting different behavior
from most emission lines in various cycles is
given by the S Mira star, R Cyg. In 1951, a large
number of sharp metallic emission lines of cer-
tain multiplets were stronger a month before
maximum light (_p - 0.93) than after it, with
an abrupt decrease as maximum light was ap-
proached (Merrill, 1952a), contrasting with the
classical behavior of the various metallic emis-
sion lines in Miras that become strongest after
maximum. Further spectra were obtained at
two successive maxima in 1957 and 1958
(Deutsch and Merrill, 1959). At the abnormal-
ly low maximum in 1957, the spectra show
many more metallic emission lines than in 1951.
They appear in absorption at the 1958 max-
imum, whereas in 1957, fewer absorption lines
appeared and the resonance lines were much
weaker than in 1958.
At minimum light, the striking feature is the
high-excitation [Fe II] forbidden lines. Other
lines such as [Mn I], [S II], and [O I] are also
visible. Note that the forbidden lines are not
mutilated by absorption lines (e.g., by the TiO
lines which are strong in the M stars spectra);
this should imply that they are formed above
the TiO layer. Another particular feature of
minimum light is the appearance of emission
lines due to the AIH molecule identified in S-
type spectra such as in X Cyg (Herbig, 1956)
and in U Ori (Wallerstein, 1975), a star which
doesnotshow[Fe II]. Referring to the occur-
rence of molecular emission, Herbig (1956) also
quotes AIO emission in the Mira M star, o Cet,
at the abnormally low maximum in 1924 and
emission by the violet CN molecule in R CrB
near minimum light, which was also confirmed
by Wing et al. (1972). A search for the AIO
emission in spectra of several variables (Kipper
and Kipper, 1979) indicates that this emission
is an extremely rare event.
UV Range
Example of a Mira Variable, X Cygni. Varia-
tion in emission-line strength with postmax-
imum phases has been observed for the S Mira
star, X Cyg (Cassatella et al., 1980), with the
International Ultraviolet Explorer (IUE)
satellite in the low- and high-resolution modes.
At phase 0.04, at the limit of the optical spec-
trum near 3200/_,, the Fe II (V1) and (V6) lines
are the only outstanding emission features. Two
months later, at phase 0.18, the Mg II h and
k doublet appears in emission, together with Fe
II (UV 1, 32, 62, and 63) lines, whereas the Fe
II (V6) lines are now almost unidentifiable at
low resolution and the Fe II (V1) lines are still
strong.
Example of a Semiregular C Star, TW Hor.
Nine spectra of TW Hor (Figure 2-5) were ob-
tained with IUE in the low-resolution long-
wavelength mode during an interval of 3 years
(Querci and Querci, 1985a). The striking fea-
ture is the variation in intensity of all the emis-
sion lines. The most important variations are
shown by the Mg II U1 doublet at 2800/_ and
by the Fe II V1 lines and the V II V7 lines
around 3280/_. The Fe II V1 + V II V7 blend
varies by at least a factor of 10. It is strongest
on LWR 7774 on May 16, 1980 (_o - 0.72), and
weakest on LWP 1852 on April 27, 1983 (_o -
0.70). This points out a different behavior of
the blend for very similar phases in various
periods, unlike what is observed in Miras. On
the other hand, the Mg II h and k blend varies
less strongly than the Fe II V1 blend for nearly
similar phases in different periods (LWR 7774,
LWR 9049, and LWP 1852 at _ - 0.7).
The other emission lines are mainly other Fe
II lines. Lines from the U3, U4, and U5 multi-
plets around X2250 are visible in May 1980, ab-
sent in December 1982, and again observable
1 month later. They are of similar strength to
the Mg II U1 lines on March 23, 1982, but on-
ly just detectable a day before (LWR 12834 and
12835). Note that the Fe II V1 + V II V7 blend
does not change on such a short time scale. It
should be concluded either that the various Fe
II lines do not originate from the same
chromospheric layers (as it is observed in a Ori
by Carpenter, 1984, for example) or that the
_,2250 Fe II lines are blended with another ele-
ment (C II U43, for example).
The Fe II U3 + C II U0.01 blend at )x2325
exhibits a different behavior. It is broader on
March 23, 1982, similar on March 22, 1982,
and January 1983, and fainter on May 1980,
demonstrating the variable contribution of the
C II and/or Fe II lines. The Fe II U62 and Fe
II U63 lines around k2750 are sometimes de-
tectable, mainly during March 1982. The AI II
U1 lines at k2670 are not visible on the image
LWR 12834, but are suspected 1 hour later on
LWR 12835 and, being much stronger 1 day
later, on March 23, 1982. Presently, A1 II U1
lines are the only lines through which such a
short time-scale variation might be inferred;
because they are very near the noise level (about
3a), further observations are needed to confirm
this variation.
Variations in Radial Velocities
of Emission Lines
Changes in Emission-Line Radial Velocities
with Phase--An Example: the Mira Star, o
Ceti. The variation of radial velocities with
phase is obtained from the sharp emission lines
of metals in the visible region. In their initial
stages, many of the emission lines appear as
bright edges on the shortward sides of absorp-
tion lines (Merrill, 1940). We shall come back
to such profiles in the section Selected Emis-
sion-Line Profiles. As the phase advances, they
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Figure 2-5.  LIE spectra of the semiregular carbon star, TW Hor (NO; C7, 2; P - 157 days) taken
on various dates from 1980 to 1983, illustrating emission-line variations with time. Note the particularly
high emission in the Fe H I,'1 + V H I/7 lines around 3250 ._ on May 16, 1980, compared to its low
level on April 27, 1983. The L WR 12834 and L WR 12835 images are two successive exposures about
1 hour each. The crosses indicate reseau marks (from Querci and Querci, 1985a).
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increase in strength, shifting longward and en-
croaching on the absorption line that is appar-
ently displaced longward. Velocity measure-
ments of the hydrogen lines are possible at all
phases if the lines are strongly overexposed. The
most complete set of radial-velocity curves over
many cycles is given for o Cet, from spectra in
the region 3770 to 4290 /_ obtained over a
period of 16 years (Joy, 1954).
Because of differing processes leading to
their formation, different spectral lines require
particular physical conditions. For instance, the
pumped emission lines (in other words, the
fluorescent lines) arise in cool tenuous gas,
whereas emission lines of singly ionized
elements are formed in the hottest regions.
Consequently, reliable radial-velocity curves
cannot be drawn from emission lines belong-
ing to different classes, as has sometimes been
done in the past. Furthermore, it is now known
that absorption lines with a low-excitation po-
tential are circumstellar lines; they are blue-
shifted and generally present a P Cygni profile.
(See the section Circumstellar Lines--Proper-
ties of Gaseous Shells.) Finally, we discuss Joy's
(1954) curves reproduced in Figure 2-6a, b.
Also reported in this figure is the center-of-mass
velocity of o Cet of 56 km/s (heliocentric;
Engels, 1979; Knapp et al., 1982), enabling us
to update Joy's discussion: all the lines, from
their appearance to their disappearance around
minimum light, are seen to be formed in rising
layers.
While the ionized metals (Ti II, Sr II, and
Fe II) have rather small velocity variations with
phase, the neutral metal lines (Si I) show a large
amplitude variation (Figure 2-6b). As for the
hydrogen lines, Joy measures H_, and H5
because, in his spectra, they are visible over
the longest time interval and are disturbed less
by the overlying absorption than other hydro-
gen lines. Figure 2-6b shows the course of the
velocity variations of the H_, and H6 lines in
o Ceti and, for comparison, Figure 2-6d (i.e.,
Joy's Figure 4f) reproduces the R Leo, R Hya,
and X Cyg curves from numerous hydrogen
lines up to H18. For R Leo, Hinkle (1978) plots
the hydrogen velocity curve and a part of the
IR CO and OH photospheric S-shaped veloc-
ity curves together (Figure 2-6c). The shape of
the curves is similar, supporting the idea of a
shock wave propagating in the photosphere (as
discussed in the section Photospheric
Kinematics--The Shock- Wave Model) which
also excites the hydrogen emission. Moreover,
the hydrogen emission-line curve lags in phase
by 0.2; this is a further argument for a running
wave through the photosphere, as discussed
below. (See the section Atmospheric Kine-
matics.)
The shapes of the hydrogen curves of R Hya
and o Cet might support the radial-velocity
behavior with phase in Miras, in spite of the
lack of measurements from _o = 0.2 to 0.4 in
o Cet and of unpublished data of IR lines for
these stars. The X Cyg hydrogen curve is not
representative because one lacks data at max-
imum light and it has an erratic behavior with
phase, perhaps due to some difficulties in the
measurements.
Figure 2-6a reports on pumped Fe I emis-
sion lines: the 4307.9 line is pumped by Mg II
(2795.5 ._), together with the 4202 line, and the
4063 line is excited by He. The Fe I pumped
lines are present at the same phase as the ion-
ized metal lines, Sr II and Ti II. As for Fe II,
the lines from multiplets (27) and (28) surpris-
ingly cover all the star's period except for a few
weeks after minimum, whereas multiplet (3)
lines at 3914 and 3938 _, behave as the other
ionized metals. (Note that all the Fe II lines are
blended in the velocity curve of Joy, 1954.).
Dependence of Emission-Line Radial Velocities
on Excitation Potential. The dependence of the
radial velocities on the excitation potential of
the upper level appears clearly in the emission
lines of the ionized and neutral metals. The
high-excitation Fe I lines yield algebraically
greater velocities than the low-excitation lines
(Merrill, 1952b). An illustration is provided by
the Fe I lines in X Cygni (Maehara, 1971), in
which large velocity gradients occur in the emit-
ting layer. In o Ceti, Joy (1954) also notes that
the Fe I lines with a mean excitation potential
of 5.3 volts, such as Lk 3852.6 (73), 3949.9 (72),
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and 3977.7 (72), give higher velocities than lines
with a mean excitation potential of 4.5 volts,
such as lines at 4063.6, 4202 (42), or 4307.9 (42)
._. Following the phase, the mean difference
between high- and low-excitation lines is 2.5
km/s from +40 to + 110 days (_ = 0.12 to
0.33) after maximum and 13.3 km/s from
+110 to +170 days (_ = 0.33 to 0.51).
Using the data published by Joy (1954) for
the metal lines in o Ceti, over eight cycles from
-20 to + 120 days around the maximum in each
cycle (i.e., from ,p = 0.06 to _ = 0.36 with a
mean period of 331.65 days (Kukarkin et al.
(1969)), Maehara (1971) finds the variation of
the acceleration (the time derivative of veloc-
ity) with the visual magnitude at maximum,
assuming a linear relationship between the
radial velocity and the phase. From this, the
smaller decelerations tend to occur in the
brighter cycle.
Selected Emission-Line Profiles--Temporal
Changes, Particular Shapes
Hydrogen Emission Lines. Very intense Balmer
emission lines are observed in the spectra of the
Mira variables. At the premaximum phase or
shortly after maximum light, the lines appear
to be much broader and severely mutilated by
several superposed sharp absorption lines. Since
the absorbents vary from one type of star to
another, this explains the variation in line in-
tensity with stellar type: H_ is stronger in C
stars than in M stars where it is affected by the
heavy bands of the TiO molecule. Ha emission
is usually disturbed by an absorption band in
the M Miras and is absent in other types
(Wallerstein, 1975). Examples showing Balmer
line profiles in M Miras are given by Joy (1947)
and Fox et al. (1984). With advancing phase,
the absorptions disappear and the lines become
intense and narrow, suggesting that the
hydrogen-forming layers have progressed above
the absorbing layers.
In the infrared, Paschen 3' and Paschen (5are
detected (Spinrad and Wing, 1969). A strong
emission Paschen/3 line at 7802 cm -1 is found
in o Ceti with the equivalent width of the line
changing by a factor 2 on a time scale of about
2 days (Kovar et al., 1972). Because P# is not
affected by molecular absorption, this might be
an intrinsic variation in the strength of the
hydrogen line. Kovar et al. confirm these varia-
tions in time when quoting the short variations
observed in H7 and H_ by Odell et al. (1970)
in o Ceti. Several Miras show a variation in the
intensity of the H6 emission, which also appears
relatively free of overlying absorption, over 1
or 2 days, while the brightening of the stars re-
mains constant to within 0.1 magnitude
(Keenan, 1966).
Brackett 7 is present in emission in o Ceti
40 days after maximum and also in R Leo
(Johnson and Mendez, 1970). In the latter star,
it is strongest at phase 0.94 and also broad (90
km/s across the base) (Hinkle and Barnes,
1979b). B7 is already undetectable when the
Balmer fines first appear at about phase 0.9 and
reach their maximum intensity at phase 0.16.
The differing lifetimes of the hydrogen lines in
the visible and the infrared regions is explained
by a continuum intensity in the visible which
decreases with phase faster than the line inten-
sity, which keeps the Balmer lines relatively
stronger. This effect is reversed in the infrared.
A depression of the continuum in R Leo around
the H7 emission is noted by Maehara (1971).
Jennings and Dyck (1972) summarize Bal-
mer emission data for stars of semiregular and
irregular M types, specifically excluding the
Miras. Only five M giants and supergiants are
quoted in the literature consulted from 1893 up
to 1971 as showing or having shown Balmer
emission. The most interesting data (originally
from McLaughin, 1946) concern the super-
giant, # Cep, in which H/3, HT, and H5 emis-
sions appear strongest just before the maximum
light and then disappear as the star fades; the
hydrogen lines become visible in absorption at
minimum light. This is a Mira-like phase be-
havior. Such a behavior is also observed in the
semiregular C stars, RR Her and V Hya (San-
ford, 1950), in which Hot is present in emission
from 0.25 period before to 0.25 period after
maximum light. It is not observed at all in the
semiregular C star, T Cnc.
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Anotherdifferent example is given by the
semiregular C star, WZ Cas. Bidelman (1950)
observes the hydrogen lines in emission on
January 2, 1949, and recalls that the only
available previous observations showing emis-
sion in H3, goes back to 1903. Yamashita (1972)
notes the absence of Ha and H/_ on his spectra
taken in January 2-10, 1967. Examination of
spectra on file at the Haute-Provence Obser-
vatory showed that the best covered year is
1978: hydrogen emission was visible on Sep-
tember 13-16, but no emission was detected on
September 17 or on January 1, August 9, Oc-
tober 16-23, and December 16-17. Unfor-
tunately, the available photometric data are too
scattered over these periods to determine the
corresponding light phase.
Generally speaking, the presence of hydro-
gen lines in emission, if any, in the SR variables
is not likely to be regular from cycle to cycle
or within a cycle, as in the Miras. Is it due to
some fundamental differences in chemical com-
position or physical properties or to observa-
tional problems? In fact, the SR light-amplitude
variations are smaller (see F. Querci, this
volume), so that we can expect that the causes
of the SR variations (e.g., in the shock-wave
mechanism) are weaker than those producing
the large-amplitude Mira variations and the
emission lines around the Mira maxima. On the
other hand, knowing that the cycle of an SRa
variable is shorter than the Mira period, the
duration of the emission lines may also be
shorter. Much more closely spaced observations
are needed.
Finally, we note that no emission has ever
been observed in the hydrogen lines in the M
supergiant, o_Ori; they are asymmetric absorp-
tion lines (Goldberg, 1979; Dupree et al., 1984).
Violet Fe 1I Emission Lines. The Fe II lines
from multiplets 1, 6, and 7 around 3200/_ were
observed as early as 1947 by Merrill in postmax-
imum spectra of Mira variables (e.g., Merrill
1947b). The upper excitation potential is from
4.8 to 5.6 eV, adding up to a total ionization
excitation energy of 13.5 eV from the ground
state of Fe I. Multiplet (1) was noted as being
remarkably intense. In R And during the post-
maximum observed interval (+40 to + 103
days (i.e., _o - 0.10 to 0.25)), several lines ap-
pear to change in relative intensity, while the
radial velocities derived from several multiplets
do not vary with phase or with excitation poten-
tial (Merrill, 1947a); this behavior also occurs
in o Cet (Figure 2-6b).
Strong lines of multiplets (1), (6), and (7)
were first seen in the spectra of the two M
supergiants, _ Herculis and ot Scorpii (Herz-
berg, 1948) and were later detected in many
other M stars (Bidelman, 1954; Boesgaard and
Boesgaard, 1976) and certain carbon stars, such
as the irregular variable, TX Psc (Bidelman and
Pyper, 1963), and the semiregulars, TW Hor
(Bouchet et al., 1983) and T Ind (Bouchet,
1984, private communication). In fact, Fe II
emission is virtually always present in giants
and supergiants cooler than M0 (Boesgaard and
Boesgaard, 1976).
Fe II line profiles have been best studied in
the M supergiant, o_ Ori (Weymann, 1962;
Boesgaard and Magnan, 1975; Boesgaard,
1979). The profiles are broad (20 to 80 km/s).
Some appear to be mutilated by overlying ab-
sorptions: Boesgaard and Magnan identify
most of the absorbers with low-excitation lines
of circumstellar origin. Many of the moderate
and strong lines show steep-sided emission with
a central reversal and are asymmetric (Boes-
gaard, 1973). The degree of asymmetry changes
little with time, but the shortward peak is
always stronger (Boesgaard and Magnan). The
relative intensities of the lines and the intensity
of the central reversal are apparently constant.
On the plates taken by Boesgaard and Magnan
(1975) and Boesgaard (1979) covering a 5-year
period from 1970 to 1975, variations in the
velocities of the Fe II emission lines follow the
same pattern as those of the absorption atomic
lines measured in the same spectral region (see
Figure 1 in Boesgaard, 1979), implying that
they follow the motions of the absorption-line-
forming layer. Furthermore, the Fe II emission
lines are red-shifted relative to these absorption
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atomiclines.Adoptingacenter-of-masshelio-
centricvelocity,V, = 19.1+ 1 km/s, for o_
Ori (Huggins, 1984, improving the Knapp et al.
(1980) value of 18.8 ___2.5 km/s), it appears
that in the observing period: (1) the considered
absorption atomic-line velocities in the blue-
violet region are infalling with extreme red
shifts of 6.0 + 1.5 and 1.7 + 1.8 km/s, (2) the
Fe II emission lines also form in infalling layers
with extreme velocities being + 12.5 + 2 and
+6.5 _+ 1.8 km/s relative to V.. Boesgaard
(1979) notes that the reversals in the Fe II emis-
sion lines measured in 1974 and 1975 are red-
shifted relative to the atomic absorption lines.
Thus, the Fe self-reversals are also formed in
infalling layers with velocities included between
+ 23.2 ___1.6 and + 7.3 + 1.9 km/s relative
to V., they are probably the same layers in
which the Fe emission is produced.
However, Van der Hucht et al. (1979) found
that all the UV Fe emission lines observed in
o_Ori on September 16, 1976, with the balloon-
borne Ultraviolet Stellar Spectrograph (and in
particular, three lines from multiplets 6 and 7
also observed by Boesgaard and Magnan
(1975)), are blue-shifted by -14 (_+ 9) km/s with
respect to the Adams (1956) adopted "photo-
spheric" radial velocity of +21 (+4) km/s
(i.e., --12 + 10 km/s with respect to the sys-
temic velocity). We conclude that in 1976 the
Fe emission lines were correlated to an outflow
of material and to an infall during the period
1970 through 1975.
Carpenter (1984) studies Fe II emission lines
in the 2300 to 3000/_ region of four high-reso-
lution IUE spectra of ot Ori obtained from April
1978 to November 1982. Unfortunately, these
line radial velocities are not absolute due to a
lack of absolute wavelength calibration during
the IUE exposures. It may be possible to cor-
relate the photospheric radial velocities by
Goldberg (1984) to the ones drawn by Carpen-
ter from the studied spectra at the dates of the
observations. Nevertheless, the average photo-
spheric velocity is defined by Goldberg from IR
and near-IR absorption lines, whereas it is
measured by Carpenter from UV Fe I lines. Re-
calling the results from Miras that the IR and
blue atomic lines are formed in very different
layers (see the section Source of the Visible
Spectrum), it might be hazardous to combine
the two average "photospheric" velocities in
Ori. Rather, adopting a probable radial
velocity of 21 km/s for the blue lines (as done
by Van der Hucht et al., 1979), it appears that
the Fe II emission-line centroids are in infall-
ing layers during the observational period. A
correlation of Fe II line asymmetry with intrin-
sic line strength, indicating velocity gradients
inside the line-forming region, is also found
(Carpenter, 1984).
The semiregular carbon star, TW Hor, de-
serves special mention. The Fe II emission lines
can appear during only 2 consecutive days as
in July 1979 (_o - 0.75) (Figure 2-7) or can last
at least 4 consecutive days as in August 1981
(_o - 0.7; Bouchet et al., 1983). In addition,
they can vary strongly in intensity over a few
days; for example, they were observed on Oc-
tober 15, 1980 (IUE observation), then they
nearly disappeared on October 17 and 18, and
on October 19, they again became as strong as
on October 15. Unfortunately, no radial-veloc-
ity data are yet available.
Ca II H and K Lines. The Ca II lines (3933 and
3968 _) show a complex profile in the late-type
stars (Deutsch, 1960), giving information on the
atmospheric stratification and on the motion
of the layers as a function of the geometric
depth. The H line is less well studied than the
K line due to a weaker oscillator strength and
a possible contamination by the He hydrogen
line. The various components that can be found
in a Ca II K (or H) line profile are: the K l
wings that refer to the broad absorption formed
in the "photosphere," the K 2 chromospheric
emission core onto which is superimposed a K 3
self-reversed absorption core of chromospheric
(non-LTE radiative-transfer) origin, and a K4
deep and sharp CS component. Moreover, faint
emission lines of other elements may appear in
the KcH 1 wings (Stencel, 1977; Linsky et al.,
1979). The profile varies with spectral type,
showing either a K 3 component inseparable
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Figure 2-7. Violet Fe H line region in the semiregular carbon star, TW Hor, on four consecutive dates
in July 1979 (bottom to top: July 13, 14, 15, and 16, respectively). The ordinates are in arbitrary
units (from Bouchet et al., 1983).
from a dominating K 4 component or notice-
able asymmetries, as described below. The CS
component is discussed in the section devoted
to the Circumstellar Lines.
The Ca II H and K lines in the Miras mimic
the metallic emission lines in appearing only on
the shortward edge of the H and K absorption
cores. Merrill (1960) describes the phase be-
havior of the Ca II lines in the Mira variables
(also see Figure 2 in Merrill, 1952c, which il-
lustrates the line variation with phase in R Leo).
In brief, as noted by Hagen et al. (1983), a
single blue-shifted feature is seen, rather than
the self-reversed absorption core observed in
the semiregular and irregular giants (see below
and Figure 2-8). These authors also remark that
strong and phase-variable emission lines are
found in the KI-H _ wings at 3938, 3945, and
3969 A and that they are collisionally excited
Fe II (V3) lines. Analogous to R Leo (Merrill,
1952c), o Cet shows pronounced wing emission
lines at 3936 and 3938/_ at certain phases; there
is a strong contrast variation with phase for the
! II/"k II x3936 ; _ _, .
M2Ib
tt_
Figure 2-8. Representative Ca H K line profiles
in various luminosity class M stars. K 1 wing
emission lines are marked by arrows (from
Hagen et al., 1983).
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3938._ line,while3936/_linemaintainsan
almostunvaryingcontrast(Stencel, 1977).
A large sample of M semiregular and ir=
regular giants and supergiants are observed by
Hagen et al. (1983). In all the stars, the K 3
self-reversal component is completely
dominated by the deeper CS K 4 component,
which is generally blue-shifted relative to the
line center. Representative prof'lles are differen-
tiated (Figure 2-8): (1) the stars of luminosity
class III show nearly identical profiles--the
long-wavelength emission peak, K2R, is
stronger than the K 2 emission feature on the
violet side, K2V, due to the blue-shift of the
narrow K 4 absorption; and (2) the latest giants
and most of the supergiants show much
broader K 4 features and reduced or no emis-
sion: the stars with reduced emission have either
K2V - K2R or K2V > K2R, depending on the
slightly blue-shifted CS component (Stencel,
1978).
Figure 2-8 also mentions emission lines iden-
tified in the K 1 wings. All the stars of the sam-
ple show one or more of the H-K wing emis-
sion lines, even the stars which lack Ca II
H2-K 2 emission. He in emission is noted in
some stars.
The supergiant, et Ori, was observed in the
Ca II H and K region in 1974 and 1975 by Boes-
gaard (1979) with a concentration of six spec-
tra over a 64-day interval. The Ca II K 1
feature is broad, and a deep central absorption
reversal is present. The six close spectra show
only small changes in the Ca II line profiles due
to the position of the deep central absorption
minimum. This is in contrast with the high time
variation of the Ca II profile shown by Boes-
gaard (1973) from spectra taken in November
1970 and in December 1971, in which the
brightness ratio K2V/K2R decreases from 1 to
less than 1, and by Kondo (1973) from an un-
dated spectrum in which K2V/K2R > 1 (com-
pare Figure 11-42 from Boesgaard, 1973, and
Figure 11-18 from Kondo, 1973). Changes in the
V/R intensity ratio are common in late-type
giants (see discussions in Mullah, 1984; Drake
and Linsky, 1983). The measured radial veloc-
ities on the 2-year spectra give the following
results, obtained by setting the ot Ori systemic
velocity at 19.1 + 1 km/s (Huggins, 1984): (1)
the absorption-line velocity in the Ca II region
fluctuates between +26.0 + 0.4 and 19.5 +_
0.3, evidencing infalling material (as already
found for the absorption lines in the Fe II
region); (2) the Ca II emission lines follow the
same pattern as the blue-violet absorption lines
and are red-shifted relative to the latter (as
already noted in the foregoing section for the
violet Fe II lines in ot Ori during the same obser-
vational period) by a mean red shift of + 5.9
+ 1.3 km/s; that is more precisely from + 14.3
+ 3.9 to + 5.1 + 1.9 km/s with respect to the
center-of-mass velocity, depicting infalling gas;
(3) the position of the central reversals fluc-
tuates around the systemic velocity from + 1.4
+ 1.1 to -1.7 5:1.1 km/s; we are likely deal-
ing with the H4-K 4 CS component (while the
reversals for the Fe II lines are red-shifted, im-
plying that they are formed in the same region
as the Fe II emission).
On the other hand, from a series of abser-
vations of Ca II H and K lines in ct Ori, Linsky
et al. (1977) claim that the emission-line velocity
with respect to the "photosphere" ranges from
-12 to + 10 km/s. If we adopt the averaged
absorption-line velocity over the Ca II region
of 23.8 km/s from Boesgaard (1979) since the
authors do not give one, these measurements
allow one to interpret the Ca II emission lines
as either infalling or rising material. (The Fe
II measurements in September 1976 by Van der
Hucht et al. (1979) put the Fe II lines in rising
layers.) If the period of observation of Linsky
et al. is supposed to straddle the observations
by Boesgaard and by Van der Hucht et al., a
change in the dynamical structure of the star
is to be taken into account.
Ca II Infrared Triplet Emission Lines. The Ca
II infrared lines at 8497.7, 8541.7, and 8661.7
A have been reported as being strong in emis-
sion in Mira stars at maximum and post-maxi-
mum phases. All lines are mutilated by TiO ab-
sorption in M stars and by CN features in car-
bon stars, except for the line at 8662 _. In R
Cyg, Tsuji (1971) notes that, for each emission
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oftheCaII triplet,thereisashallow absorption
feature toward the red that is a leftover part
of the wing of the broad Ca II absorption; it
is also clearly visible at 8662/_, in X Cygni (for
example, Maehara, 1968). For S Car, Shinkawa
(1973) remarks that asymmetries in the absorp-
tion-line profiles are present, sometimes when
emission is not, and that, in some cases, emis-
sion is only observed in one of the three lines
of the multiplet, with asymmetries occurring in
the other lines. (Her Figure 10 shows how, in
S Car near maximum, the Ca II triplet line pro-
files, with their deep absorption core, differ
from the profiles in x Cygni.) An unidentified
emission is also seen in the red wing of the 8662
/_ Ca II line (reminiscent of the H-K wing emis-
sion lines) in nearly all of the spectra of S Car
that exhibit the blue-shifted Ca II emission.
However, this never happens in the larger wings
of the other Ca II triplet lines (Shinkawa, 1973).
Emission in the Ca II triplet has been ob-
served in the Mira C stars, U Cyg and RZ Peg,
just after maximum light (Richer, 1971). Note
that the Ca II infrared lines are in emission at
maximum light, while the Ca II H and K lines
are still in absorption, becoming later in emis-
sion (Contadakis and Solf, 1981). This recalls
the differing lifetimes of the hydrogen lines in
the visible and the infrared regions: the con-
tinuum intensity would decrease with phase in
the visible faster than the line intensity.
In the supergiant, u Ori, Goldberg (1979)
observed no emission in the Ca II triplet lines;
rather, a strongly asymmetric absorption core
was detected (see Figure 2-17).
Mg II h and k Emission Lines. In M semi-
regular giants and supergiants, the Mg II
resonance doublet lines with the k component
at 2795.5 ,_ and the h component at 2802.7 ,_,
are observed at high resolution as two strong
emission lines with a deep central self-reversal
(e.g., Wing, 1978; Basri and Linsky, 1979). The
reversals are displaced slightly shortward from
the centers of the emission components; they
are circumstellar absorption features, indicating
a cool outer shell expanding at a moderate rate.
All the observations of several stars--the M
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giants such as B And, 3' Eri,/_ Gem, and 7 Cru
and the M supergiants such as c_ Sco and ct
Her--particularly the numerous observations
of the supergiant, ot Ori (Kondo et al., 1972;
Kondo et al., 1975; Modisette et al., 1973; Bet-
nat and Lambert, 1976a; Wing, 1978; Carpen-
ter and Wing, 1979; Basri and Linsky, 1979;
Weiler and Oegerle, 1979; Van der Hucht et al.,
1979; Dupree et al., 1984), display k line asym-
metries, always observed on the shortward
wavelength side of the intrinsic emission,
whereas the h line is reasonably symmetric.
Theoretically, the k line is expected to be twice
as strong as the h line (Modisette et al., 1973).
The k line asymmetry has been attributed to a
selective absorption by Fe I UV3 (2795.006/_)
resonance transition, occurring in the cool shell
surrounding the M star (de Jager et al., 1979,
and references therein; also Kondo et al., 1977;
Figure 2-9).
The M supergiants have much broader Mg
II emission profiles than the M giants. From
the survey of Weiler and Oegerle (1979), it ap-
pears that the Mg IIk line shapes are not unique
to a given spectral class. The width-luminosity
correlation (the famous Wilson-Bappu effect)
analogous to the Ca II one is seen in the Mg
II h and k emission cores (e.g., Ayres, 1979).
A comparison of IUE flux obtained in Aug-
ust 1978 for o_Ori with previous measurements
obtained with the OAO-2 (Orbiting Astronom-
ical Observatory; Doherty, 1972), BUSS (Bal-
loon-borne Ultraviolet Stellar Spectrometer;
Kondo et al., 1976), and Copernicus (Bernat
and Lambert, 1976; Weiler and Oegerle, 1979)
satellites shows that the Mg II flux in ot Ori is
fairly variable with time (Basri and Linsky,
1979), as also noted by Dupree et al. (1984)
from Mg II fluxes measured from 1978 to 1984.
Van der Hucht et al. (1979) find the Mg II h
emission line (observed on September 16, 1976)
to be indicative of an outflow velocity (--3
km/s with respect to the systemic velocity), as
also indicated by the violet Fe II lines they
observe at the same epoch. Apparently, a
special event occurred in ot Ori about 1976, as
already mentioned from the Ca II H and K and
UV Fe II lines.
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Figure 2-9. Synthetic spectra of the M supergiant, ct Ori, in the vicinity of
the Mg H h and k lines. The crosses represent the observations of Kondo
et aL (1972) (from Modisette et ai., 1973).
Figure 2-10 presents Mg II h and k lines
from an IUE high-resolution spectrum of the
S Mira, X Cygni, at _ = 0.22 (Cassatella et al.,
1980). The h and k lines are asymmetric with
a sharp red edge. The profiles recall the Ca II
H and K profiles from the Miras; the red part
of the lines is hidden by the overlying cir-
cumstellar absorption, giving apparent blue-
shifted emission lines. The k line is more blue-
shifted than the h line due to the further mutila-
tion on the red edge by the circumstellar Fe I
resonance line at 2795/_. As a result, only the
h line is saturated. As noted by Stencel et al.
(1980), the wings of the Mg II lines are fre-
quently underexposed because of the limited
dynamic range of the IUE detectors. In fact,
the absorption core is not recorded in X Cygni
as it is for the Ca II H and K lines.
In addition, for the first time, Mg II h and
k high-resolution profiles have been observed
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Figure 2-10. Mg H h and k lines from an IUE
high-resolution spectrum of the S Mira, X
CygnL at phase 0.22 (from Cassatella et al.,
1980).
for the bright irregular N-type carbon star, TX
Psc, suggesting an expanding chromosphere
(Eriksson et al., 1985). Let us note that low-
resolution profiles for N, R, and S stars have
been published (Johnson and O'Brien, 1983;
Eaton et al., 1985; Johnson and Ake, 1984;
Johnson et al., 1985a; Johnson et al., 1985b;
Querci and Querci, 1985a).
Other Emission Lines. Besides the classical
emission lines just reviewed, other lines are
valuable as additional indicators of the at-
mospheric structure.
The C H (UV 0.01) intercombination lines
near 2325 ,_ have been observed with the IUE
satellite at high resolution in several red giants
and supergiants. Stencel et al. (1981) and Sten-
cel and Carpenter (1982) showed that the rela-
tive intensities of emission lines within the mul-
tiplet are sensitive to electron density in the 107
to 109 cm -3 range, which is appropriate for
measuring densities in the low-gravity cool
stars. Carpenter (1984) applies the method to
ct Ori. He finds a mean density of 3.2 x 107
electrons cm -3. A rough estimate of the geo-
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metric extent of the C II line-forming region
may be predicted on the basis of the electron
density, the total multiplet flux, and the temper-
ature in the C II emitting region (Carpenter et
al., 1985). So, with a temperature of the C II
region set at 8300 K (obtained independently
from the ratio of the total flux in the 2325/_
multiplet to that in the 1335 A resonance-line
multiplet by Brown and Carpenter, 1984), the
thickness of the C II layer--perhaps close to
o_Ori chromospheric extent (see the section A t-
mospheric Kinematics--Other Giants and Su-
pergiants)--is estimated to be 7.4 x 1013 cm
(i.e., 1.5 R.). Higher quality spectra and atomic
data are needed to improve this conclusion
(Carpenter, 1984; Carpenter et al., 1985).
The He 110830 _t line has been observed in
a sample of M, S, and C stars by Zirin (1976,
1982). The line is found in emission in Mira
stars. In R Hya, the emission is seen at max-
imum (_o = 0.93), but not on the rise at 9 =
0.77; in R And, it is a strong emission feature
at _ = 0.77. However, in X Cyg, no feature is
detected either at a premaximum at _ = 0.8
or at the postmaximum at 9 = 0.16 of the same
cycle, or on the rise to the next maximum at
_o = 0.6. Surprisingly, in R Gem, the emission
is observed at minimum light. The He I emis-
sion is always accompanied by P_ in emission,
even in R Gem.
The helium line has also been detected in a
few supergiants. The 10830/_ emission was ob-
served in ctI Her (on October 29, 1978) by
O'Brien and Lambert (1979); its strength does
not appear to vary over 8-month observations.
The He I absorption line was detected in ot Ori
by Zirin (1982) in September 1965 and February
1973, but no detection is reported in February
1966 and December 1979 by this author, nor
in November 1978 by O'Brien and Lambert
(1979), nor in December 1974 by Sherbakov
(1979). In the supergiant, # Cep, He I absorp-
tion is seen in August 1965 (Zirin, 1982). Let
us add the observation of a P Cygni profile in
the helium line in the RCB carbon-rich star, R
CrB, on January 18, 1978, on rise to maximum
(Querci and Querci, 1978).
TheHeI 10830._emissiondemandsden-
sitiesof about1012electronscm-3. If the den-
sity is less, an absorption line may appear.
However, an emission, as well as an absorption,
He I line is excited only for temperatures of at
least 20000 K (Vaughan and Zirin, 1968). In the
solar-type stars, the He I line is excited by cor-
onal X rays. Such an explanation is not valid
in the cool stars, where there is an apparent lack
of plasma hotter than, say, 20000 K and there-
fore no corona. Simon et al. (1982) suggest that
the line in giants and supergiants is formed in
the extended cool chromosphere at low den-
sities by a scattering process. In the Miras,
M0830 emission is probably excited in the
shock front progressing in the photosphere. We
exclude the term chromosphere in discussing
Miras; cf. the discussion in the section At-
mospheric Kinematics, explaining the
exclusion.
The emission lines from neutral atoms short-
ward of 4000 _ must be mentioned. In the M
supergiant, RW Cep, numerous narrow emis-
sion lines, mainly from Fe I + Ti I, are super-
posed on the weak continuous spectrum (Mer-
rill and Willson, 1956i. Such emission lines
from Ti I, V I, and Zr I in the 3900 ,_, region
are also reported for the irregular carbon stars,
UU Aur and Y CVn (Gilra, 1976). They are pri-
marily zero-volt lines, assumed to be formed
in an extended outer circumstellar shell, where
the gas is neutral because the far-UV radiation
is insufficient to ionize it (Querci et al., 1982).
Similar emission from an extended region may
also be responsible for filling in the Mg I ab-
sorption line in carbon stars (Johnson and
O'Brien, 1983).
Finally, we noted in the section Changes in
Emission-Line Radial Velocities with Phase that
in the Miras some visual (blue) atomic lines first
appear with blue-shifted emission (i.e., with in-
verse P Cygni profiles (P Cygni type profiles
are defined in the section Circumsteilar Lines)).
A good example is o Cet (Joy, 1954). Also,
Hinkle and Barnes (1979b) observe such Ti I,
Sc I, V I line profiles in the 2-ttm region of R
Leo at premaximum phases, which they explain
in the following way. The atomic absorption
cores come from lower excitation levels of be-
tween 1.5 and 2.5 eV and behave with phase
as the Av = 3 infrared CO lines (as in Figure
2-1), showing an S-shaped curve. They are
formed over an extended region of the atmo-
sphere (in comparison to weak atomic lines
coming from excitation levels of 4 eV or
greater, such as Fe I lines and being therefore
excited only in the deepest, hottest photospheric
layers). At the phase at which the P Cygni type
profiles appear (-0.6 to 0.8), the absorption
cores are in infalling cool layers (Figure 2-1, up-
per panel), in agreement with their red shift
with respect to the center-of-mass velocity. Like
the IR CO absorption lines observed at such
phases, they are produced by the inward-
moving gas left over by the preceding rising
shock wave. As for the excitation of the emis-
sion peak, we are dealing with an extended
outer region, all the more as the phase is nearest
to the minimum light where the photosphere is
at its highest extension. Moreover, Hinkle and
Barnes note that there is a large apparent veloc-
ity difference between the "stellar" disk (this
part limited by the continuum optical depth
unity) and off the edge of the disk; such condi-
tions favor emission by scattered light from the
stellar radiation field, giving its full meaning
to the observed P Cygni type profile.
Ti I inverse P Cygni profiles at 1 /zm have
also been observed in o Cet (Ferlet and Gillet,
1984). The lower excitation level of the lines is
1.9 to 2.1 eV, which is roughly in the same
range as the 2-/_m metallic lines previously
discussed. The difference with R Leo comes
from the phase of observation which is just
after the maximum (_o = + 0.04). At maximum
light, there corresponds a minimum radius of
the pulsating photosphere. Consequently, the
Ti I line-forming region above the continuum
optical depth unity (in other words, the Ti I
emitting region) is still sufficiently extended at
maximum light in o Cet so that scattering ef-
fects are still possible. Ferlet and Gillet claim
that the Ti I emission might be formed through
the ballistic motion of the infalling material.
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However, this seems unlikely because the emis-
sion peak is at the o Cet center-of-mass veloci-
ty, which is quite normal when dealing with
scattered emission in an extended zone.
In conclusion, it can be found for atomic
lines of similar strength from the blue to the
IR range, which are formed throughout an ex-
tended atmospheric layer.
Atmospheric Kinematics
The Mira Stars: The Shock-Wave Model
Resulting from Pulsation Plus Matter Infall.
From the above survey of observations of
emission-line variability, we are now able to
complete the qualitative description of the
shock-wave model developed earlier (mainly
from the behavior of the infrared molecular
lines in the Mira, X Cygni, following Hinkle et
al., 1982). We assume that the emission lines
arise as a consequence of the formation of an
upward-moving shock by the collision of the
outward-moving pulsation wave and the infall-
ing matter from the preceding pulsation cycle,
and are thus formed under post-shock condi-
tions (Willson, 1976). The observations of
Figure 2-6 place the emission-lines in rising mat-
ter. But we consider that the fluorescent lines
require different physical conditions for their
formation.
Unfortunately, there is not yet a set of data
that covers all the spectral range from the UV
to the IR wavelengths for a given star. Let us
summarize the main data at hand on temporal
changes in the emission lines as well as in the
absorption lines:
. We know the behavior of the CO in-
frared absorption lines and of the blue-
violet atomic absorption lines (Figure
2-1) from X Cygnl and that of the CO
(and OH) infrared lines and of the
hydrogen emission lines from R Leo
(Figure 2-6c). The behavior of the
hydrogen emission lines, neutral and
ionized metallic emission lines, and
fluorescent lines from o Ceti (Figure
2-6a, b) is also known. Furthermore,
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data from other stars give additional in-
formation (e.g., that from S Car, Figure
2-11).
. Comparisons between radial-velocity
curves give meaningful information on
the relative location of the absorption
and emission lines. As discussed in the
section Changes in Emission-Line Radial
Velocities with Phase and displayed in
Figure 2-6c, the hydrogen radial-velocity
curve for R Leo has a shape similar to
the IR CO and OH rising component
curves, but particularly near maximum
light, it lags in phase by 0.2. A wave
moving outward from the deepest layers
of the star will first disturb the spectral
features arising at great optical depths,
and their radial velocity will be ahead in
phase compared with the radial velocity
of features situated at smaller optical
depths. Near maximum, the hydrogen
emission line-forming region is situated
higher in the atmosphere than the CO
and OH absorption line layers.
Let us assume a hypothetical Mira star for
which all the previous observational informa-
tion is available, with the radial velocities from
the hydrogen and IR lines behaving with phase
in o Ceti as in R Leo. First, the observations
at maximum light could be interpreted in the
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Figure 2-11. Velocities of Ca H infrared triplet
emission lines and Ha emission as a function
of phase in the M Mira, S Car (adapted from
Shinkawa, 1973).
following manner. Hydrogen emission origi-
nates in a shock which precedes the layers (kept
moving outward due to the outward momen-
tum given by the shock wave), giving rise to the
shortward component of the CO (and OH) line-
doubling. The Si I emission-line velocity is
similar to the hydrogen velocity (i.e., about -10
km/s with respect to the stellar velocity in o
Ceti), and thus one should expect that both Si I
and H lines are excited by the same shock.
Similarly, the Ca II IR emission lines which
have nearly the same velocity as the Hot lines
(from S Car, Figure 2-11; see also Contadakis
and Solf, 1981) are also likely to originate from
the same shock front. Secondly, the propaga-
tion of the shock with phase in such a model
would be depicted as follows by implementing
the emission-line information into the scheme
that describes the absorption lines in the sec-
tion Photospheric Kinematics--The Shock-
Wave Model. From the IR absorption lines, the
emergence of the shock into the photosphere
is at phase -0.3 when the total CO (Av = 3)
column density begins to decrease. It progresses
outward, and at phase -0.2, the emission in H_/,
H6, Si I, and Ca II lines is detectable. (Note
that Hot emission is seen in S Car as soon as
phase -0.3 in Figure 2-11.) From phase -0.10
to 0.15, the CO second overtone becomes
double-lined, and the hydrogen emission is at
its maximum strength. The shock must have
traveled through most of the photosphere
because, at phase -0.2, the hydrogen lines are
strongly mutilated by overlying absorption (as
Ti O in M Miras), while at maximum, they are
quite sharp. By means of the emission lines, the
rising shock can be followed until minimum
light (HT, H6, and the Si I (2) line at 4102/_
are in emission in o Ceti up to ¢ = 0.65, 0.57,
and 0.60, respectively, from Table 7 in Joy,
1954), and its passage must also account for the
CO column density variation.
The ionic emission lines and the fluorescent
lines fit the foregoing explanation. Among the
first, in o Cet at maximum light, the Fe II lines,
especially the chief line of multiplet 28 at 4178
/_ (that appears in emission and lasts as the hy-
drogen lines do), have a mean velocity clearly
lower by about -3 km/s than the H and Si I
lines (v - -10 km/s; Figure 2-6b). We suggest
two possible interpretations: a second shock
located higher in the atmosphere and structure
within the shock front itself.
The Two-Shock Model. As described in the sec-
tion Analysis of Absorption-Line Velocity
Histograms in Miras, Willson et al. (1982, and
papers cited therein) favor the coexistence of
two shocks, particularly at maximum light, at
different altitudes in the stellar atmosphere. An
example taken from these authors and involv-
ing emission lines is given by the histogram of
the velocity distribution in the blue spectrum
of RT Cygni 4 days before maximum (_ =
-0.02; Figure 2-12). Emission lines of Si I (v
- -14.5 km/s) and hydrogen (v - -8.5 km/s)
are likely to be assigned to the lower shock (in
A), while emission lines of Fe I, V I, and Cr I
and of ionized metals (v - -3.5 km/s) are
assigned to the upper shock (in C; see also
Figure 2-4a).
Similarly, in o Cet, the hydrogen and Si I
emission lines, together with the blue-shifted IR
molecular absorption lines, should again arise
from the lower shock, while the Fe II emission
lines, with v = -3 km/s at maximum light,
would be produced by the upper shock. The
aperiodic Fe II velocity curve with phase also
supports the idea of an upper shock. The Ti II
(13) and Sr II (1) lines (which appear in emis-
sion in o Cet at _p = 0.03 and ,p = 0.13, are
at their maximum strength at _ = 0.24, and
last up to _ - 0.5 and 0.6, respectively) also
show rather small aperiodic velocities and could
be related to the upper shock, though their
mean velocity (o - -7 km/s and -9 km/s, re-
spectively) is larger than that inferred from Fe
II (v - -3 km/s). The upper shock is "obser-
vationally" lost from phase 0.6 to phase 0.8.
In fact, the Ti II and Sr II lines are reminiscent
of the ionic emission lines that appear in the
RT Cygni histogram (Figure 2-12) between the
lower and upper postshock components (A and
C) at v - -6 km/s). As noted by Willson et
al. (1982), it is generally rather difficult to
separate these postshock components.
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Figure 2-12. Histogram of velocity distribution
in the blue spectrum of the M Mira, RT Cygni,
just before maximum light (_ = -0.02). Lines
of "'high excitation ""(arbitrarily chosen as Xe x
>1 eV) are plotted above the horizontal line;
lines of low excitation (<1 eV) are plotted be-
low. Emission lines are indicated by the sym-
bol for the element above the line; ion lines are
shown as "'II, "" and emission from ions as
"'Eli. ""Doubled lines are shown as a pair of
dots at the appropriate velocities above or be-
low the line, depending on their excitation class.
A "+ "sign indicates "'very high excitation"
( > 3 eV) lines (from Wiilson et al., 1982).
Structure of Shock-Front in Single-Shock In-
terpretation. When describing the absorption
lines in the carbon star, RT Cygni (in the sec-
tion Further Probes of the Pulsating Photo-
sphere), we presented the two-shock model of
Willson et aL (1982) and concluded that a
single-shock model need not be ruled out. Ar-
guments by Wood (1981, 1982) also sustain this
conclusion. From the variations with phase of
the Balmer emission-line profile and flux in a
sample of nine M Miras, it appears that a sim-
ple shock model can account for the velocities
and temperatures of the Balmer line-emitting
region (Fox et al., 1984).
How can one account for the velocity varia-
tions in the various emission lines, such as those
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observed in o Cet, with a single rising shock?
The velocity of the emission lines is an indicator
of the postshock velocity, and their variability
is related to changes in the postshock velocity
with phase. Furthermore, the various emission
lines might be indicative of the velocity gradient
within the shock front.
In the front structure, ionization and excita-
tion processes occur in the relaxation zone
behind the outward propagating shock face (for
example, Slutz, 1976; Whitney and Skalafuris,
1963), specifically in the zone called "internal"
by Whitney and Skalafuris. While Slutz in-
vestigates the postshock propagation in the con-
ditions prevailing in a Mira atmosphere, Whit-
ney and Skalafuris detailed the shock-front
structure in a long-period Cepheid, W Vir. Both
authors recognize that their investigations of
shock variation with temperature, density, and
velocity as a function of the distance, x, to the
shock face or as a function of the face velocity,
V, is based on simplified assumptions.
However, their results provide at least a guide
for a qualitative interpretation of the observa-
tions. In Whitney and Skalafuris's cepheid "in-
ternal" relaxation zone, for a given tempera-
ture, density, and velocity at the shock face,
and also in Slutz's Mira relaxation zone, the run
of the temperature and velocity as a function
of x shows that both variables decrease signifi-
cantly in value as x grows, all the more so
because V is higher. When traveling down
$
density gradients as in a Mira atmosphere, the
shock wave is expected to accelerate. Whitney
and Skalafuris find that, for increasing V $
(A V = 40 km/s) in W Vir, the temperature
increases very rapidly at the front of the "in-
ternal" zone called "1" (AT] - 92000 K) and
increases gradually at the rear of this zone,
called "2" (AT 2 - 19000 K). The velocity is
rapidly increasing at "1" (AV l - 9 km/s),
while rather gradually increasing at "2" (A V2
= 3.8 km/s); for the lowest V, it is nearly
constant.
In o Ceti, as the shock propagates through
the atmosphere (i.e., as it increases in velocity
with phase), the Fe II lines are kept at a nearly
constantvelocity,indicatingthattheirregion
of formationmightbein therelaxationzone
neartherearof the"internal" zone(region
"2"), whereasthehydrogenlineswouldbeat
thefrontofthiszone(region"1"), inparticular
at ¢ = 0and0.2.
AsstressedbyWood(1979),adirectinter-
pretationof emission-linev locitiesin termsof
postshockvelocitiesare,inpractice,subjectto
complicatingfactorsbecauseof theunknown
opticalthicknessoftheemittingregionandgeo-
metricandlimb-darkeningeffects.(Seethesec-
tionPreliminary Remarks.) Reliable velocities
for the postshock region require a model that
simulates the emission process, as well as in-
formation about the detailed thermal structure
of the relaxation zone and the shock-wave
kinematics in a Mira atmosphere that lies over
several density-scale heights. An encouraging
result is given by Wood (1979), who computes
a long series of isothermal models covering 92
pulsation periods: the postshock velocity fol-
lows the same variation with phase as that of
the observational hydrogen emission-line veloc-
ities, with a steep rise at maximum followed by
a decline. A favorable feature of Wood's mod-
els is the inclusion of periodic shock injections
into the Mira atmosphere rather than the prop-
agation of an isolated large-amplitude shock,
which neglects the periodic nature of the shock,
as in Slutz's (1976) model. (See de la Reza, this
volume, for details on shock-wave gas dynam-
ics.)
Finally, we conclude by looking at the fluo-
rescent lines. They are selectively excited; for
example, the Fe I (42) line at 4307/_, is excited
by the Mg II k line. Incidentally, as the Mg II
lines are mutilated by overlying circumstellar
absorption, they must arise at the upper shock
in the two-shock model frame. In the single-
shock model, it seems likely that the shock has
to be high in the atmosphere when the Mg II
lines first appear in emission (_ = 0.18 (i.e., at
+ 73 days) in X Cygni from the section General
Behavior of Emission Lines with Phase). It
would be interesting to know if the fluorescent
lines are really in emission at the same phases
as those of the exciter.
Clearly, the fluorescent lines are located in
cool tenuous layers. Their velocities imply that
they arise from outwardly moving matter and
therefore considerably ahead of the shock itself.
(Just above the shock, matter is infalling.)
These lines must come from an expanding outer
shell, in layers in which the expansion velocity
is not yet constant. From the Fe I line at 4307
/_ in o Ceti, the velocity changes by about 14
km/s from phase 0.14 to phase 0.40 and then
stays constant up to phase 0.56 where no more
velocity measurements are available, although
the line is visible up to phase 0.78. The layers
that produce such a line might be between the
low-excitation 800 K CO first-overtone line
shell with stationary velocity at the center of
mass and the low-excitation 300 K CO funda-
mental line shell expanding at a constant veloc-
ity, as seen in X Cygni. (See the section Changes
in Absorption Line Radial Velocities with
Phase.)
It is worth noting that the Mira shock-wave
model described in this section is related to the
most probable phase behavior of the features
as generally observed in the life of a Mira.
However, we noted on the o Cet example that
cycle-to-cycle variations happen (e.g., more in-
tense hydrogen emission is known to be linked
to the brighter light maxima (m v - 2.5)). This
is indisputably confirmed by the absence of Hot
emission at _ = 0.04, just after the June 1983
maximum of o Cet (Ferlet and Gillet, 1984) that
appears to be a faint one (m° - 4). A weak
(i.e., a low shock amplitude) or an overdamped
shock wave, preventing sufficient hydrogen to
be ionized, could be the explanation. (Such
shocks are discussed below in the C star, TW
Hor.)
Atmospheric KinematicsmOther Giants and
Supergiants. For illustration, we select the most
thoroughly documented cases among the red
stars: the M supergiants, tt Cep and a Ori, and
the C giant, TW Hor, for which cross checks
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between features in emission and/or in absorp-
tion might give an insight into their mechanism
of origin.
Examples of a Mira-like shock wave pro-
gressing in the photosphere of irregular vari-
ables come from the H I Balmer emission in
the supergiant,/_ Cep, and in some C stars that
show the same phase dependence seen for the
Miras. (See the section Selected Emission-Line
Profiles.) Also, S-shaped velocity curves typical
to the presence of photospheric shock waves are
observed from absorption lines in semiregulars.
(See the section Further Probes of the Pulsating
Photosphere.)
In # Cep, a striking feature is the lack of
detectable emission in the Ca II H and K lines,
while the Fe II and Mg II lines appear strongly
in emission. Hagen et al. (1983) assign Mg II
emission to a Bowen fluorescence with Lyman
/_ emission. Boesgaard and Boesgaard (1976)
conclude that the Fe II emission in # Cep comes
from an outer region with respect to the pho-
tosphere, by analogy with o_ Ori (see below).
Quite simply, from rough considerations on
their ionization potential, their oscillator
strengths, and the (supposed solar) atomic
abundances, it may be expected that the Mg II
and Fe II cores are formed above the Ca II ones
(e.g., Basri et al., 1981). Therefore, they can-
not be formed by the shock invoked for the Bal-
mer emission because, if so, the Ca II H and K
lines should have an emission component. We
could imagine that some cycles see a Mira-like
phenomenon, while in other cycles, a rising
shock develops only in high layers of the at-
mosphere such as in TW Hor (discussed below)
or in/3 Peg, in which the Fe II emission lines
are seen to be blue-shifted with respect to the
systemic velocities. Mira itself suffers excep-
tions such as at its June 1983 maximum
(discussed in the previous section). However,
whatever the mechanism, it will stay speculative
as long as temporal correlations between the
various features, as well as their radial velocities
with respect to the systemic velocity, are not
known. It is remarkable that the Mira-like
shock-wave phenomenon can be detected in
/_ Cep thanks to a series of observations by
McLaughin (1946). To our knowledge, no fur-
ther observations over several other light phases
have been done since then.
As for a Ori, the first observations to be
regularly spread in time (from 1970 to 1975)
concern the Fe II emission lines that are seen
in infalling matter with respect to the systemic
velocity over the observing period (Boesgaard
and Magnan, 1975; Boesgaard, 1979). First,
Boesgaard and Magnan show that a model with
an extended envelope and a fluid velocity nearly
equal to the Doppler velocity is well suited.
Then, Boesgaard and Boesgaard (1976) confirm
that the Fe II intensities are primary indicators
of shell extent. Therefore, Boesgaard models
the Fe II lines by adapting the method
developed by Kunasz and Hummer (1974) for
a spherical moving envelope in which the radial
velocity is not more than a few times the Dop-
pler velocity. However, Boesgaard does not
specifically solve for the line source function,
but parameterizes it to simulate a chrom-
ospheric rise in temperature, followed by a
subsequent decline due to radiation losses in an
extended envelope subject to velocity gradients.
The best fit of the model parameters to the
observed strong self-reversed Fe II line at 3228
,_ in a Ori is obtained for the values shown in
Table 2-1. Such values have been verified to fit
profiles of other weak and strong Fe II emis-
sion lines in the star, with a change in the op-
tical depth only. In brief, Fe H emission lines
are produced in an outer region relative to the
a Ori photosphere, called the chromosphere,
that is extended up to about 1.8 R.. Let us
recall that the UV C II line-forming region ex-
tends up to 1.5 R. above the photosphere with
a mean excitation temperature of 8300 K.
It appears that, to account for the large line
breadths in Fe II (FWHM - 85 km/s for the
3228 _ line), high velocities are required; the
Doppler velocity (microturbulence) is about 9
km/s throughout the Fe II shell, and the large-
scale motions (macroturbulence) are about 8
km/s. These velocities are marginally subsonic
as the sonic velocity is about 9 km/s at the sur-
face of _ Ori. Boesgaard (1979) also recalls how
large the breadths are in the Ca II K 2 feature
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Table 2-1
Shell Model Parameters* to Match the
Fe II X3228 Line in _ Orionis
(from Boesgaard, 1979)
Size of Fe II region 1.8
Optical depth T 500
Fluid velocity near star (km/s) + 60
Fluid velocity, outer edge + 18
(km/s)
Doppler velocity near star 9
(km/s)
Doppler velocity, outer edge 9
(km/s)
Macroturbulence (kin/s) 8
Core brightness 0.3
Density distribution exponent 2
Sit 0.25
R_
*The density distribution within the shell is 0- r-2.
tS 1 is such that S 1T represents the optical depth at
which the line source function reaches its maximum
value.
(186 km/s) and in the Mg IIk emission line (410
km/s at the base) in tx Ori. Such broad features
are suggested to reflect high nonthermal ran-
dom motions. Note that no homogeneous
chromosphere could reproduce the Mg IIk line
profile (Basri et al., 1981). Furthermore, to fit
the red shifts in the emission and in the central
reversal, a gradient in the fluid velocity is re-
quired; the material is accelerating inward from
15 to 20 km/s at 1.8 R, (the outer shell edge)
to 60 km/s at the stellar surface. Because the
free-fall velocity is 61 km/s, the matter is ac-
celerated by the gravitational field. In addition,
the material is infalling at supersonic speeds and
wouM produce a shock front. In fact, such a
shock front would have the conditions
necessary to excite the emission lines. Let us
recall that infalling gas in ot Ori is also seen
from Ca II H and K and UV Fe II emission
cores.
On the other hand, outfalling material from
the Fe II, as well as from the other
chromospheric indicators, Mg II, and Ca II H
and K emission lines (particularly in September
1976) is observed in a Ori. Another example
of fluid velocities indicative of expanding mat-
ter from the Fe II emission comes from
available data on the giant,/3 Peg (Boesgaard,
1981). There the material expands from 0 to 25
km/s within the Fe II region, which is 2.0 R.
in size. The Fe II line widths are also very
broad, implying a microturbulence of 10 km/s
within the Fe II region. However, from the Ca
II K 4 circumstellar absorption feature ob-
served in/3 Peg, also formed over a velocity gra-
dient of 0 to 25 km/s, the turbulence beyond
about 2 R. averages _<4 km/s.
The extreme broadness of the features and
the corresponding high Doppler velocities prob-
ably caused by nonthermal motions are ex-
plained by Boesgaard (1981) by a turbulent ex-
change of material between the photosphere
and the chromosphere. This author presumes
that the chaotic mass motions are attributed to
large-scale convective cells which Schwarzschild
(1975) assumed to arise in the photosphere of
red giants and supergiants.
In this view, how should the emission lines
be excited? Boesgaard (1979) stipulates that the
matter might be driven upward by photospheric
convective overshoot into the chromosphere
from the large-scale convective cells, and some
of it may then return toward the star at high
velocity. These convective cells are often put
forward in the literature to explain unexpected
observations (for example, Hayes, 1982;
Goldberg et al., 1981; Goldberg, 1984; Antia
et al., 1984). However, we do not really under-
stand how they could be responsible for driving
mass up to 2 R.. Also, arguments by Karov-
ska (1984) about polarization observations,
which will be presented in the section Inter-
pretations of the Polarization Observations,
question the suggestion by Goldberg et al. that
these authors might have observed such a struc-
ture in ct Ori.
To clarify the atmospheric dynamics of this
star, let us highlight the striking features among
the relevant available observations from 1970
to 1978--a period during which ot Ori has been
rather well monitored.
The data on absorption lines are displayed
in Goldberg's (1984) Figure 5. First, let us recall
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that in the Miras the radial velocities permit one
to distinguish beyond objection the phase
behavior of the low-excitation-potential absorp-
tion lines (X -< 1 eV) with no CS component
(see the section Circumstellar Lines) from that
of the high-excitation-potential absorption fines
(X - 2.5 eV; e.g., Figure 2-1, middle panel).
The low-excitation lines (from the 4000 A re-
gion) which are observed in infalling matter (an
artificial effect as explained in the section
Source of the Visible Spectrum) do not present
a significant change in radial velocities with the
light cycle, in any case not so striking that the
changes shown by the high-excitation lines with
their S-shaped discontinuous radial-velocity
curve (consequence of the run of a shock wave).
Noting that, in the cool star photosphere, the
higher the excitation potential of a line, the
deeper its layer of formation (see the section
Dependence of Absorption-Line Radial Veloci-
ties on the Excitation Potential), there are the
deep photospheric layers which are therefore
the most disturbed by the radial pulsation of
the star. We propose to define the stellar "'pho-
tosphere" as the part of the extended atmo-
sphere in which the high-excitation absorption
lines form (i.e., the fully pulsating part). The
lines of weak or moderate potentials belong to
layers just above the photosphere (i.e., layers
not as much mechanically coupled with the
deep pulsation), we call intermediate layers to
chromospheric layers. By analogy with the
Miras, let us adopt this picture for the super-
giant, a Ori. In fact, IR atomic absorption lines
of excitation potentials about 2 eV (Goldberg,
1979), reported from October 1975 to 1981 on
Figure 5 in Goldberg (1984), clearly show a pul-
sational motion around the systemic velocity of
19.1 + 1 km/s (also see Figure 12 in Goldberg,
1979); they define what we call the photosphere
of a Ori. On the other hand, the absorption
lines from the blue (Fe II and Ca II H and K)
spectral region reported on the Figure from
November 1970 to October 1975 (seen infalling
over the observational period; see discussion in
the sections Violet Fe H Emission Lines and Ca
H H and K Lines) apparently designate the in-
termediate layers to the chromosphere.
146
Now, let us add that the fully pulsational at-
mospheric part may not be as easy to
distinguish in the semiregulars for which the
total pulsation amplitude is around 10 km/s,
as noted in the section Further Probe of the
Pulsating Photosphere--it is about 6 km/s in
a Ori--as in the Miras for which the pulsation
is about 20 to 30 km/s amplitude. Accurate
Fourier transform spectroscopy measurements
in IR are desirable, as is the case for the IR
atomic lines quoted above for a Ori.
Rather suddenly, between October 1975 and
September 1976, the a Ori chromosphere
stopped its infall revealed by observations of
Fe II and Ca II H and K emission lines since
November 1970, and matter outfalls (from the
observations by Van der Hucht et al. (1979) of
the Fe II and Mg II h and k cores). This out-
falling motion apparently lasts to at least March
25, 1978, when we note the absorption Ha core
(Goldberg's (1979) observation), which is also
a chromospheric indicator, blue-shifted with
respect to the systemic velocity (see discussion
in the section Examples of Time Variation in
Various CS Line Profiles). Finally, on April 22,
1978, the Fe II emission cores are seen again
infalling, as well as on August 16, 1978, when
the Mg II h and k cores are also in infall
(Carpenter's (1984) observations).
In consequence, it might be that an event has
perturbed the chromosphere at the end of 1975
or in 1976. Specifically, the Fe II and Mg II h
and k emission core-forming regions, as well
as the Ha absorption core region, are changing
their motion with respect to the center-of-mass
velocity, while the "blue" absorption lines and
the Ha wings remain infalling, suggesting that
they are formed in lower chromospheric layers
that are not affected by the event. On the other
hand, the self-reversed Mg II h and k lines (Van
der Hucht et al. (1979) and Carpenter's (1984)
observations), together with the )_X 8542 and
8662 Ca II IR cores (Goldberg, 1979, and
discussion again in the section Examples of
Time Variations in Various CS Line Profiles),
are always seen to be outfalling, suggesting that
their formation in outer atmospheric layers is
also undisturbed. Finally, the self-reversed Ca
II H and K lines (observed only from Septem-
ber 1974 to October 1975) distribute around the
center-of-mass velocity, perhaps illustrating a
quasi-stationary shell. (A complete diagram of
the available observations extended to other
periods is in preparation by Querci and Querci
(1985b).)
What we have just described might be
caused by the tidal effect of the close binary
companion discovered by Karovska (1984),
located specifically at 2.5 R. (i.e., at 0."05) from
the t_ Ori center in Welter and Worden's
reconstructed image observed in January 1976.
(See the section Geometrical Shell Expansion.)
In fact, recent characteristics of the companion
orbit give T = 1980.4 + 0.1 and P = 2.08 +
0.05 years (see Figure 2-35); this means that the
presence of the companion might be observed,
in 1976, from January or from April or from
June, considering the error bars in the T and
P data. Once the companion has no more effect
on the observed part of the chromosphere, the
matter would stop and fall down toward the
star as described above through the Fe II lines;
it would recover a uniform motion as observed
from the Fe II high layers and the "blue" ab-
sorption region, which share a common motion
(Boesgaard and Magnan, 1975) in the 1970 to
1975 period. Also, at the time when the chro-
mosphere might undergo the influence of the
companion, no special effect is detected in the
photospheric radial-velocity curve.
Finally, we discuss the C star, TW Hor,
which might give a clue to the questions raised
above. In this star, no hydrogen is detected
either in emission or in absorption, nor Ca II
H and K reemission in spectra with 12 ,_/mm
dispersion covering about 3 years (1979-1981;
Bouchet et al., 1983). However, violet Fe II
lines around 3200 ,_ are seen in emission at
times by spectroscopic observations over this
period and by the IUE satellite up to 1983,
together with the Mg II h and k emission. (See
Figure 2-5 and the section UVRange in Emis-
sion Lines.) Photospheric Mira-like shock
wayes (as defined in the Summary on
Photospheric Absorption Lines) seem unlikely
in such a star because the shock appears to have
a velocity amplitude in the photosphere too low
to ionize a significant fraction of hydrogen and
to give Balmer emission. (Incidentally, hydro-
gen absorption lines might be not seen because
the H continuum opacity is larger than the hy-
drogen line center opacity (Avrett and Johnson,
1984).) On the other hand, a "chromosphere"
that excites the emission lines is more plausible.
Such a chromosphere needs a heating mecha-
nism that is inefficient in the Ca II and hydro-
gen line-forming regions; in other words, the
temperature minimum would be so flat that the
chromospheric flux would be too small for ex-
citing an identifiable Ca II or H emission, but
the heating must be sufficient in higher layers
to excite the Mg II and Fe II lines. This could
agree with the model chromosphere by Schmitz
and Ulmschneider (1981) of low-gravity stars,
linked to the short-period acoustic heating
theory (see also Bohn, 1984). In short, acoustic
waves are generated by turbulence at the top
of the hydrogen convective zone, and they
propagate outward into the photospheric layers
of decreasing density, becoming shock waves
around the temperature minimum where they
dissipate their energy and heat the chromo-
spheric layers. In some cooler stars, the
radiative damping is so extensive that the
position of the temperature minimum is shifted
to a greater height compared to the shock for-
mation; the models show a flat temperature
minimum and a gradual chromospheric temper-
ature rise. Querci and Querci (1985a) attempted
to test such a heating theory for TW Hor in es-
timating the acoustic flux and the chromo-
spheric radiative losses. The total integrated
emission-line flux at the Earth from image
LWR 7774 in Figure 2-5 (where emission lines
Fe II, Mg II, C II, and V II are at their max-
imum intensity), normalized to the total
radiative flux of the star measured at the Earth,
isf(lines)/f(bol) = 48 x 10 -7. The main con-
tributor lines to the radiative cooling are the Fe
II V1 + VII V71ines with a flux of 36 x
10 -7, while the Mg II flux is 45 x 10 -8. Table
2-2 gives Mg II emission-line fluxes in several
N and M stars. However, from a single high-
resolution long-wavelength IUE spectrum of
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Table 2-2
Magnesium II Emission-Line Fluxes*
Spectral 10 s f(Mg)/
Star Type f(bol)
"I-W Hor_ N 45
TX Psc N 10
T Ind N 22
BL Ori N 5
HD 37212 R8 <140
HD 52432 R5 <210
Her M5 II 130
72 Leo M3 III 670
fl Peg M2 I1-111 360
Ori M2 lab 320
*From O'Brien and Johnson (1982), except TW Hor
from Querci and Querci (1985a).
tFrom image LWR 7774 in Figure 2-5.
the N star, TX Psc, recently obtained (Eriksson
et al., 1985), it appears that the Mg II are heavi-
ly absorbed by overlying matter and the low
values of Table 2-2 may not give a true picture
of the strength of the chromosphere in these ob-
jects. In spite of uncertainties in the radiative
damping rate supported by the waves as they
travel through the photospheric layers (up to
99 percent of energy lost by radiative damping
(Leibacher and Stein, 1981)) and in the H-
radiative loss rate (no direct measure available),
the heating acoustic waves, which are in fact
shock waves dissipating their energy high in the
outer atmosphere, may account for the emis-
sion lines in the cool low-gravity semiregular
carbon star. In fact, equivalent acoustic slow
magnetic waves should be better suited because
they should account for the time variability in
the lines in TW Hor, thanks to a variable mag-
netic field creating plages in the outer chromo-
spheric layers, particularly influencing the Fe
II lines. It remains to be verified whether such
a mechanism is able to support the full chromo-
sphere of supergiants that might be rather ex-
tended, as suspected from the observation of
the M0830 He line in absorption. As suggested
by Hartmann and Avrett (1984), Alfven waves
might be called for (see de la Reza, this
volume).
Atmospheric Kinematics--Summary. What do
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we learn from the emission lines in addition to
the absorption lines?
For the Miras, we were able to give further
arguments in favor of a photospheric shock-
wave model, previously revealed from the IR
absorption lines. We fully discuss it by follow-
ing the shock progression in the photosphere
thanks to the appearence and disappearance of
the various emission lines and their radial-
velocity variations with phase. The single-shock
interpretation (only one shock propagating in
the photosphere at any time in the period) is
strengthened.
Unlike SR or L giants and supergiants, we
never mention the notion of chromosphere
when discussing Miras. Naively, as the emission
lines can be excited in shock fronts as well when
the waves cross through the photosphere as
when they reach higher atmospheric layers, the
term "chromosphere" appears here ques-
tionable in its "solar" meaning. For theoretical
grounds, we refer the reader to a recent paper
by Willson and Bowen (1985) that explains why
these authors entirely avoid using the term
"chromosphere" and that defines the conve-
nient zones to distinguish in pulsating stars such
as the large amplitude Mira variables. These
zones are determined primarily by the dynamics
behavior of the star and its atmosphere; in fact,
the extent of the atmosphere is linked to its
dynamics, not to its temperature structure.
The fluorescent emission lines depict the
presence of an outer layer in Miras, as already
noted from a few absorption lines. Further data
summarized in the next paragraph on cir-
cumstellar lines will help to clarify the shell
structure finally discussed in the section Sum-
mary: Structure of Expanding Gaseous
Envelope.
For the semiregular giants and supergiants,
we attempt to draw general conclusions from
the selected cases we have discussed. On one
hand, the supergiant, c_ Ori, shows evidence of
an extended chromosphere up to 1.8 R. (i.e.,
up to 1014 cm, with R. = 900 R o from
Weymann, 1962) clearly depicted by the clas-
sical chromospheric indicators such as the Fe
II, Ca II, Mg II, and C II emission lines. There,
thetemperatureisabout8300K fromtheCII
emissionlinesandevento 20000K wherethe
M0830HeI absorptionlineisseen.Themean
electrondensityis 3.2 x 107cm-3,asmea-
suredthroughtheUVC II lines.Thestarisa
veryattractiveobjectbecauseit mightallowus
to observetheinfluenceof abinarycompanion
on its high chromosphericlayers,mainly
throughtheemissionlines.Also,thefewobser-
vationaldatawehavein handletusbeginto
guesshowthestructureof suchanextendedat-
mosphere(thephotosphereasdefinedabove,
theintermediatelayers,andthelowandhigh
chromosphere)mightbe,withoutspeakingof
theoutercircumstellarshells.
Theothersupergiant,# Cep,mightbea
more"classical"star(notapriorisuspectedto
beabinary).FromthebehavioroftheBalmer
emissionlines,it teachesusthatshockfronts
canindeedformin thestellarphotospherein
thesamemannerasin thephotospheresof
Miras.Inversely,TW Hor mightprovethat
shockwavesarereallyableto dissipatetheir
energyonlyat thechromosphericlevel.De-
pendingon thephysicalparameters(mainly
temperatureandgravity)introducedin the
modeling,amoreorlessflattemperaturemini-
mumfollowedbyamoreor lessgradualtem-
peratureriseisobtained.Suchshocks,issuing
fromshort-periodacousticwaves,aredrastical-
lydampedinthephotosphericlayers.Notethat
thelongerthewaveperiod,thehigherin the
atmospherethewavesdissipate.
Asageneralsynopticonclusion,theobser-
vationalresultshinttousthatabasicommon
heatingmechanismightbeatworkin theat-
mosphere(atthisstepwedonotlookafterthe
CSshells)of thevarious"redgiants,"Miras,
orsemiregulargiantsandsupergiants.Infact,
it appearsthattheefficiencyin thelineexcita-
tion isa questionof theabilityof theshock
acousticwavestoheathelayersthroughwhich
theypropagate;highefficiencyoccursatadif-
ferentatmosphericlevel from one star to
anotherandchangeswithtimeinagivenstar.
In theMiras,thewavesturnintoshocksgen-
erallybeforeemergingin the photosphere.
However,it mayhappen,asin theMirapro-
totype,o Cet, that the wave crosses over the
photosphere without dissipating energy. In the
semiregulars, the waves may also turn into
shocks in the photosphere as in the carbon
stars, RR Her and V Hya, or in the M super-
giant, # Cep (from Ha emission-line behavior).
However, there are several examples in which
the waves dissipate high in the atmosphere of
the semiregular giants or supergiants, creating
a stellar chromosphere (e.g.,/_ Cep at times,/3
Peg where outfalling Fe II emission lines are
observed, and TW Hor). We put the super-
giant, oLOri, in this category. However, it is a
case in which emission lines are seen not only
in outfalling matter, but also in infalling mat-
ter. This star is not the prototype we took be-
cause it is a star with companions. It might be
that, because of suffering the influence of a
close companion, the matter is able to fall down
with supersonic velocities.
Finally, we reemphasize the importance of
simultaneously monitoring temporal variations
in selected lines, such as Fe II and _2335 C II
violet lines, Mg II h and k, Balmer, Ca II H
and K, M0830 He lines, Ca II IR triplet lines,
and molecular IR absorption lines, along the
stellar period to progress in understanding the
dynamical structure of a particular star and in
atmospheric/chromospheric modeling. Until
now, the interpretations are by far intuitive and
qualitative.
Editorial Comment: In discussing the He I
M0830 line, as well as in the above summary
on Atmospheric Kinematics, the author re-
marks that she does not use the term chromo-
sphere in Miras, deferring to the suggestions by
Willson and Bowen (1985) that, for pulsating
stars, other atmospheric regions than those used
for quasi-thermal stars are more appropriate.
It is useful to abstract their suggestions, detailed
in the cited references, here. The first reference
discusses a number of regions; the second amal-
gamates them to four. The lower two focus on
what replace photosphere and subphotosphere;
the outer two, the exophotosphere. The lowest
region, termed undulosphere, represents the
locus of quasi-standing pulsation waves becom-
ing progressive waves and steepening into
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shocks. Its upper boundary is where the shock
amplitude takes a value (assumed to be) fixed
by the condition of periodicity. In the agito-
sphere, an (assumed) isothermal and radiative-
equilibrium shock, with an amplitude limited
and decreasing outward, still distends the at-
mosphere over any hydrostatic-equilibrium
value. Emission coming from mechanical dis-
sipation may vary, but its emission-measure <<
volume of the region. Phenomena of a nonra-
diative energy dissipation significantly perturb-
ing its thermal state lie in the calorisphere,
which embraces the solar-type chromosphere-
corona, they not being strictly applicable here.
The densities are too low to permit rapid cool-
ing. This region ends at the (conventional) sonic
point. All the atmosphere above the thermal
point is simply called wind. The authors em-
phasize that any given star may have all or only
some of these regions, depending on the par-
ticular circumstances. The wind may be hot or
cold. They suggest that, for rapidly rotating
stars such as the Be, there may be a hot polar
wind and a cool equatorial one. They stress the
need for many more detailed observations to
test their suggestions, which are based on their
long-time efforts on numerical modeling. Cer-
tainiy, these suggestions go beyond a preoc-
cupation with solar-type, and even broader
quasi-thermal, variable-mass-loss, stars. One
continues to be impressed by the need for--or
depressed by the lack ofnfar-ultraviolet data
on the higher energy-shock phenomena and far-
infrared and radio data on the coolest outer at-
mosphere. One also remains bemused by the
search for hot polar and cold equatorial regions
in rapidly rotating stars in the face of little
evidence for their existence--which lack, of
course, may again simply reflect insufficient
observations.
CIRCUMSTELLAR LINES--
PROPERTIES OF GASEOUS SHELLS
Appearance of Circumstellar Lines
and Their Implication
The circumstellar (CS) absorption lines are
characterized either by a P Cygni line profile
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defined as a line with a deep absorption core
displaced toward the violet and bordered on its
red wing by an emission component, or by a
simple blue-shifted absorption line with one or
more components. In the main, CS lines have
excitation potentials less than 1 volt--often
resonance lines--implying a shell excitation
temperature of less than 1000 K (Goldberg,
1979). Known for some years in the blue spec-
tral region, P Cygni lines have been detected
in recent years in UV spectra through satellite
observations (Van der Hucht et al., 1979) and
in the infrared by Fourier transform spec-
troscopy at high resolution (Bernat et al., 1979;
Bernat, 1981). Figure 2-13 gives examples of
such line profiles.
Certain CS profiles, such as the CS H and
K components of Ca II, can be seen in the spec-
tra of all giants and supergiants later than M0
(Deutsch, 1960). Other lines, such as Na D, Sr
II 4078, Ca 1 4226, etc. appear in the M5 giants
and are easily seen in all supergiants (Reimers,
1975). The best-studied star is the supergiant,
ot Ori, observed since about 1935 to the present
with increasingly higher resolution; we will refer
constantly to this star in the following para-
graphs. For example, striking CS features,
mainly in the blue range, are noted by Adams
(1956) and Weymann (1962). Note that today,
the interpretation of Adams' observations is in
the recognition of P Cygni line profiles, where-
as Adams himself mentioned line doubling, see-
ing violet and red-shifted absorption features.
This comment pertains to all papers on CS lines
before, say, 1960. Because dispersions of at
least 10 A/mm are required to detect the CS
components, prohibitively long exposures have
been necessary for most red-giant stars. Only
one C star, TX Psc, is reported to show such
absorption cores in the blue atomic resonance
lines (Deutsch, 1956). However, astronomical
sites with good violet transparency and large
telescopes raise hopes for obtaining sufficient-
ly exposed spectra for these stars with
reasonable exposures.
As early as 1935, Adams and McCormack
(1935)--the first to discover absorption-line
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coresfromatoms and ions in zero-volt levels
invariably displaced blueward from the lines of
the photosphere in the spectrum of M stars
(or Ori, _t Sco, ct I Her, and o Cet)--attributed
them to an extended expanding atmosphere.
Today, it is well known (Rottenberg, 1952;
Mihalas, 1978, p. 472) that a blue-shifted ab-
sorption line originating in an idealized spheri-
cal symmetric expanding envelope will be bor-
dered on the red by an emission component,
representing scattered radiation reemitted by
the shell. In fact, as Reimers (1978) remarks:
(a) owing to a sufficiently low density in the
envelope, line scattering dominates over true
absorption, and (b) because the scattering shells
are dimensionally large in relation to the star,
the P Cygni prof'des end up being superimposed
on the photospheric absorption lines.
Figure 2-13a shows clearly that the emission
component is a blend of shell emission and the
broad underlying photospheric absorption line
(Bernat and Lambert, 1976a). Moreover, San-
ner (1977) found that the circumstellar emission
component in the Miras, X Cyg and R Leo, is
shifted longward of the "stellar" emission
lines, thereby denying any common origin with
these lines. The strongest CS features take the
form of a "pure" P Cygni profile, especially
when they lie in the cores of relatively narrow
photospheric lines (Sanner, 1976).
The envelopes extend several stellar radii
above the region in which the local continuum
(and usually the photospheric absorption lines
as well) is formed. We shall return to this topic
later. Here, we simply note that the extent of
the circumstellar shells was first suspected
around 1956. Deutsch (1956, 1960) reported on
the o_Herculis system, a visual binary composed
of an M supergiant star and of a giant G star
which is a spectroscopic binary. He found that
the strongest of the shifted absorption CS lines
in ot_Her were also present in the spectrum of
its companion, ct2 Her. Because a G-type star
never shows such zero-volt lines, he concluded
that the extended envelope of the M star incor-
porates the G star. Furthermore, the deep ab-
sorption CS component Ca II K 4 visible in the
spectrum of the companion is the only motion-
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less feature, while all other components of the
Ca II K line display normal orbital Doppler
shifts. The Ca II K 4 line does not share the or-
bital motion and therefore obviously originates
in the CS gas that extends outside the orbit of
the G star. The angular separation of the visual
pair is 4'.'7, about 360 times the radius of the
M star (Reimers, 1975). Similar observations
of CS absorption lines in the spectra of other
visual near companions and stationary CS lines
in spectroscopic binaries among red giants, im-
plying that the shell is decoupled from the pho-
tosphere, prove that the CS gas is in fact lost
to the interstellar medium. The CS lines are the
spectroscopic signature of mass loss. The mass
loss itself--its rate and its mechanisms--is re-
viewed by Goldberg (this volume).
Temporal Changes in CS Line Profiles
General Behavior. Generally speaking, these
variations must be discussed in relation to the
photospheric radial velocity. As an example,
the general behavior of CS features in optical
spectra of o_Ori shows (Adams, 1956) that: (1)
numerous lines have a variable violet asym-
metry, (2) well-marked emission in the P Cygni
profiles becomes ill-defined with time, and (3)
a wing may emerge on the violet edge of the
blue-shifted strong absorption lines and disap-
pear in about 2 years, Its appearance and its
behavior are associated with that of the red-
emission peaks; when the latter is faintest, it
is strongest and widest. Clearly, it appears that
the intensity of the emission component is cor-
related to the photospheric velocity (Bernat and
Lambert, 1976a). When the photosphere-enve-
lope velocity difference is at its greatest, the
emission component is at its strongest.
Sanner (1976) indicates from a sample of 11
M late giants and supergiants that several P
Cygni profiles vary on a time scale of a few
months or less. In Mira stars, P Cygni profiles
are pointed out in the K I and Na D resonance
lines at maximum and postmaximum phases (X
Cygni: Bretz, 1966; Sanner, 1977--R Leo:
Lambert and Vanden Bout, 1978). Neverthe-
less, the strong variations in radial velocity with
phase for the circumstellar optical lines as
shown for o Ceti in Figure 5 of Joy (1954),
which are normally expected to be found at a
constant velocity (see the section Physical Con-
ditions in Gaseous Shells), are caused by the
relatively strong variations in radial velocities
of the photospheric spectrum during a cycle.
Circumstellar line-strength variations may
have causes other than the photospheric var-
iations-perhaps a time-dependent ionizing UV
radiation field, which, one suspects, could ex-
plain the variations of the Ca II H and K lines
in early M giants (Figure 2-14) or discrete shell
ejections, giving rise to multiple shell com-
ponents.
Examples of Temporal Variations in Various
CS Line Profiles. Goldberg et al. (1975) and
Goldberg (1976, 1979) observed the K I res-
onance line at 7699 :[ in a Ori at high resolu-
tion, as shown in Figure 2-15. The component
labeled "Xph" that denotes the position of the
photospheric line center is determined relative
to the position of photospheric lines with ex-
citation potential _>2 eV. It is clear that the
smaller the radial velocity of the photosphere
(V), the deeper the absorption profile and the
fainter the red emission. These effects are cor-
related to the photospheric line, which is strong-
ly displaced to the violet at low radial velocity.
Sanner (1977) notes also that the emission com-
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Figure 2-14. Variable circumstellar Ca H H and
K lines in the early M giant, _ Oph (from
Reimers, 1981).
ponent was absent on April 9, 1976, corre-
sponding to a low value of V. Besides a Ori,
the emission component in the CS K I line is
also variable in the supergiants 119 Tau and ot1
Her (Sanner, 1976). Figure 2-15 also shows that
two absorption components are present in the
K I profile. We shall report on such line-profile
features in the section Evidence of Multiple Ab-
sorption Components in CS Lines.
Sanner (1976) emphasizes the variability of
the Ca H infrared line profile at 8542 ._ in spec-
tra observed with a resolution of 4 km/s. In ot
Ori, the line profile over 3 years shows net
blueward absorption of up to 70 m/_ and, for
several scans, a net redward absorption. Once
again, these variations, occurring over a time
scale of several months or less, might be caused
by variations in the radial velocity of the
underlying photospheric line. Sanner notes
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Figure 2-15. K I line profiles in the M super-
giant, c_ Ori, on two different dates when the
photospheric radial velocity was V = 16.0 and
22.2 km/s, respectively. _, _ denotes the posi-
• Y.
tion of the photospheric line center (from Gold-
berg, 1979).
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similar variations for the semiregular giant
stars, R Lyr and/_ Peg. The Ca II line profile
is also given for a few supergiants by Bernat
(1977): the line appears to be definitely asym-
metric in o_ Sco at 0.12/_ resolution (Figure
2-16).
In _ Ori, Goldberg (1979) recorded the three
IR triplet lines simultaneously (for example,
Figure 2-17) from October 1975 to February
1979. The radial velocities averaged for the 8542
and 8662/_ cores are outfalling relative to the
c_Ori systemic velocity of 19.1 ± 1 km/s (Hug-
gins, 1984). As for the line wings, the bulk of
the data suggests that they belong to infalling
matter because their radial velocity remains
above 19.1 km/s. However, the red shifts are
scattered from 0 (-5 values over 20) to + 3
km/s. Is the infall artificial, due to difficulties
in the measurements (though the observations
are accurate Fourier transform spectrometer
ones)? Is the forming layer to be considered
rather stationary at the center-of-mass veloci-
ty, as claimed by Goldberg (1979).* (In fact, this
author presumes the systemic velocity to be at
21 to 22 km/s.) More data are necessary to
judge.
Goldberg (1976, 1979) reports observations
of the Na D lines in ot Ori, using the same
techniques as for the K I line at 7699/_. These
lines are heavily saturated. In Figure 2-18,
showing the Na D profiles on different dates,
it appears that about the top third of each pro-
file follows the motion of the photosphere,
whereas the lower portion is static. From obser-
vations of the Mira, X Cygni, on July 10, 1976,
Sanner (1977) remarks that the emission feature
is more pronounced in the D l line at 5896/_
than in the D 2 line at 5890 /_, while the
photospheric absorption D 2 line is known to
be deeper than the D_ line; he explains this in-
version in line strength by the fact that the
amount of radiation scattered by the envelope
depends partly on the intensity of the underly-
ing photospheric line.
Finally, concerning the Balmer lines, we
hesitated to range them in a section dealing with
ioo
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Figure 2-16. Ca H)_8542 line profile in the M supergiant, c_ Sco, illustrating the asym-
metry of the core (better displayed in the inseO. Broken line shows estimated
photospheric line profile by a reflection about the line center (from Bernat, 1977).
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Figure 2-17. Ca H triplet line profiles in the M
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phototospheric radial velocity (from Goidberg,
1979).
CS lines• In fact, because of the excitation con-
ditions they need, these lines are rather chro-
mospheric indicators• However, because they
are asymmetric absorption lines in numerous
giants and supergiants, we present them in this
section• In a Ori, the core in the Balmer line
Ha and/or H/3 (e.g., Figure 2-13c) appears to
be asymmetric (Weymann, 1962; Goldberg,
1979, 1981; Dupree et al., 1984). We note
that they may be either blue- or red-shifted
relative to the systemic velocity• For example,
Goldberg's Ha core velocities recorded on
March 25, October 23, and December 15, 1978,
give a blue shift of -3.7 + 1.1 km/s and then
no shift at all, respectively. On the other hand,
we find the following red shifts: + 1.5, + 8.9,
and + 10.2 km/s from the three measurements
of Dupree et al. on August 26, 1983, and
January 23 and February 26, 1984, respective-
ly. It is obvious that the Ho_ core region
changed velocity relative to the center-of-mass
velocity between 1978 and 1984. The same
sources of data provide evidence of an infalling
forming region from the Ha wings•
Asymmetric Ha lines and violet-displaced
or, in some cases, red-displaced emission com-
ponents have been observed in 16 red super-
giants of the I Per association, some of which
show time variations in the Ha line (Gahm and
Hultquist, 1971)• For example, on August 19,
1969, the Ha line in the supergiant, BD +
56 °595, is broad with a central reversal (Figure
2-19), and the violet absorption component is
displaced by about 20 km/s. On September 24,
1969, the Ha line is narrower; a reverse P Cygni
profile with a strong violet-shifted emission is
observed, but no obvious change is seen on the
red side of the absorption line. The authors
note that the mean radial velocity of the photo-
spheric lines is similar during both observa-
tions. The light curve of the star for the period
of observation is not known•
Variation of CS Lines with Spectral
Types and Luminosity Classes
Particularly well studied in M stars are the
CS components of the Ca H resonance lines at
3934 and 3968 A--henceforth called K4 and
H 4 (Boesgaard and Hagen, 1979). The appella-
tion H 3 and K 3 is reserved for the chromo-
spheric absorption, particularly important in
the G and K giants. (See the section Selected
Emisson-Line Profiles.) In the M giant stars,
the K 4 component superimposed on the chro-
mospheric K 2 emission dominates K 3 com-
pletely. In early M giants, it is narrow and deep
with very steep sides, reaching zero at the blue-
shifted central intensity (see Figure I in
Vaughan and Skumanich, 1970). In fact, the
contribution of the H3-K 3 components might
not be significant because it appears to be very
weak in those M0 giants in which no CS com-
ponent is to be seen. (Note that only certain M0
III stars, such as/_ And, show a CS compo-
nent.) In the coolest giants and most of the su-
pergiants, the K 4 absorption is much broader
(see Figure 2-8). The H and K lines are the most
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Figure 2-19. Hot profile in the M supergiant,
BD + 56°595 (MO.5 Iab) on August 19 (solid
line) and September 24 (dashed line), 1969. The
radial velocity in abscissa is given with respect
to the mean velocity of the photospheric lines
(from Gahm and Hulquist, 1971).
obvious CS feature in giants and supergiants
(Deutsch, 1960; Reimers, 1975; Boesgaard and
Hagen, 1979; Hagen et al., 1983). At disper-
sion of 4.5 _/mm, the CS H and K lines can
be seen in the spectra of all giants of types later
than M0.
In spite of their diversity, the CS H and K
line profiles correlate with spectral type. The
following correlations have been established in
the M giants by Boesgaard and Hagen (1979)
through about 60 spectrograms intentionally
heavily exposed to reveal the deep CS cores:
o A correlation exists between the spectral
type and line strength. The Ca II K 4
feature shows a marked regular increase
in strength toward late spectral type due
to a widening of the feature. (The violet
edge of the profiles remains fairly sta-
tionary, while the red edge moves red-
ward toward later spectral types.) The
average line width of the K 4 line (a good
indicator of the line strength) varies from
about 120 _+ 70 m/_ at M1 to 600 rn_
at M7. Modeled K 4 line profiles in M
giants reveal that the changes in width of
the profiles are produced by an increase
in the turbulence velocity and/or line for-
mation over a velocity gradient (Boes-
gaard and Hagen, 1979; see also the sec-
tion Physical Conditions in Gaseous
Shells). In the supergiants, the strength
of the CS H and K lines also increases
with advancing spectral type and aug-
ments rapidly with greater luminosity
(Reimers, 1975). The width of the ab-
sorption H and K cores in later giants
and in supergiants might be caused by
large velocity gradients combined with a
double ionization of Ca in the inner parts
of the shell.
. A correlation exists between the expan-
sion velocity (given by the displacement
from line center in km/s) and the spec-
tral type (or line strength). The later the
spectral class, the lower the velocity. The
average K 4 line displacement varies from
about -20 km/s at early M to about -10
km/s by M6. Moreover, there is con-
siderable scatter in the velocities for a
given spectral type, perhaps revealing in-
trinsic variations in the CS shells from
star to star (Boesgaard and Hagen,
1979).
The correlation between the spectral type
and the expansion velocity shows much more
scatter for the supergiants than for the giants
(Reimers, 1975). The CS Ca II H and K cores,
strong in supergiants and late M giants, do not
show reemission (Reimers, 1978). The scattered
photons are captured by CS dust at these short
wavelengths and at these great line optical
depths.
Sanner (1976) shows the behavior of the
strong resonance lines of Na I at 5890 and 5896
/_ for four early M giants and five supergiants
(M2-M5) at resolutions of 2 and 4 km/s. From
this sample, he notes the strengthening of the
CS asymmetry with later spectral type and in-
creasing luminosity, and the marked breadth
of the lines in the supergiants. Boesgaard and
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Hagen(1979)studyasampleof 61Mgiantstars
(M0-M7)withadispersionof 8or6.7/_,/mm.
Theyconfirmthat the asymmetrybecomes
moreapparenttowardlatertypes(Figure2-20,
left).Noneof theirM0-M1giantsshows CS
cores, but the M0-type super#ant, tr CMa, does
(complementing the sample of Sanner for
supergiants of early types). The increase in
strength and velocity is minimal toward cooler
M giant stars (i.e., the core displacement from
the photospheric line center varies around -7
km/s at M2 to -11 km/s at M6). Boesgaard and
Hagen (1979) also indicate an average equiv-
alent width of 230 _+ 75 rn_ for the CS Na I
components. They propose that the low veloc-
ities could result from the formation of these
lines of moderate optical depth in an envelope
involving a gradient velocity.
The Hot line appears to be asymmetric in
about one-half the stars of the sample of
Boesgaard and Hagen (1979; Figure 2-20,
right), including stars of all M subtypes. Their
cores are blue-shifted with respect to the photo-
spheric velocity determined from a sample of
photospheric lines. In no way does this allow
one to speak of a shell expansion beginning
within the chromosphere of these stars because
the radial velocities are not related to the
systemic velocity. The equivalent width of the
Hot core and its displacement from line center
does not vary much with spectral type. The
authors note an average equivalent width of the
CS component of 27 __.10 m/_ and an average
displacement of -3.8 _+ 1.6 km/s. The average
concerns the stars of the same spectral type.
From a larger sample of M0-M4 stars, in-
cluding some supergiants listed by Merchant
(1967), Boesgaard and Hagen (1979) point out
that Hot is asymmetric whenever CS cores are
visible in the Na D line. On the spectrum of ot
Ori, Weymann (1962) notes that the hydrogen
lines are abnormally strong with equivalent
widths of about 1/_ for Hot and H/3. Hot shows
a marked asymmetry (Figure 2-13c).
Besides the Na I D lines already mentioned,
Sanner (1976) studies several atomic lines (i.e.,
Sr II Lk 4078 and 4216, Ba II )0_ 4554 and 4934,
K I ),7699, and the lines of the Ca II infrared
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Figure 2-20. Line profile variations in represen-
tative M giants, Na I X5890 line (left), Hot fine
(right). The dotted lines outline the "'effective
continuum" (from Boesgaard and Hagen,
1979).
triplet CA), 8498, 8542, and 8662) in about 10
giant and supergiant stars. The line K I )`7665
was observed exclusively in the supergiant, #
Cep, because of severe 0 2 telluric interference
there. We quote Sanner:
Sr H lines: "The strengthening of the CS
asymmetry with later spectral type and
increasing luminosity can be seen in both
lines, in spite of severe blending in
)`4078." (See Figure 1 in Sanner, 1976.)
Ba II, K I lines: "The lines of both Ba
II and K I are symmetric in the giants,
CS components not appearing in stars
with M° fainter than about -2."
Ca H lines: "The CS Ca II triplet
features are generally comparable in
strength to those in the Ba II line. In the
giants, the asymmetries in these lines
weaken progressively along the sequence
X), 8542, 8662, 8498; _8498 is generally
symmetric. In the supergiants, the asym-
metries in k8542 and 8662 are compar-
able, while that in X8498 is weaker ....
The triplet lines do not show marked CS
emission, in contrast to the profiles of
the metal [Sr II and Ba II] and trace [Na
I D and K I] lines."
Evidence of Multiple Absorption
Components in CS Lines
At high resolution (>2 km/s), the CS cores
of some lines are resolved into multiple com-
ponents. As noted by Sanner (1976), in the Na
and K lines, these components appear either as
fine structure in the absorption lobe of the P
Cygni profile or as sharp isolated lines blueward
of it. The optical components are named by ve-
locities obtained by simple measurements of the
absorption minima with respect to the photo-
spheric velocity generally known from lines
with no shell contribution (e.g., from lines with
excitation potentials of 2 eV or more (Gold-
berg, 1976)). For the lines of the fundamental
(1-0) vibration/rotation band of CO around
4.6 #m, note that Bernat (1981) gives minima
relative to the center-of-mass velocity, which
he assumes to be equal to the time average of
the photospheric radial velocities as taken from
Abt and Biggs (1972). The determination of the
expansion velocities of the shells will be dis-
cussed in the following paragraph. Tempera-
tures are sometimes assigned to the compo-
nents; these will be explained in more detail
below.
Figure 2-15 shows the presence of two ab-
sorption components in the K I X7699 line pro-
file of ot Ori. Goldberg (1979) plots the
heliocentric velocities of the deeper component
recorded from about 1974 to 1979, which are
remarkably constant around a mean value of
10.9 + 0.3 km/s. The blue component of the
K I line, likewise plotted on Figure 2-15, shows
an apparent increase from 4.2 + 0.2 to 5.0 _+
0.2 km/s, beginning in March 1977. The author
wonders if this increase is real or not. The K
I line observations of Sanner (I 976) emphasize
the importance of a sufficiently high resolution
for the detection of the components; the blue
component is not seen at low resolution (4
km/s) in Sanner's Figure 1 li, while a strong and
wide component, together with a weak and nar-
row one, is clearly identified at 2 km/s resolu-
tion (cf. same figure).
Another example of double components is
given by the Na D lines at X5890 and X5896 in
ot Sco, where they are at the same heliocentric
velocities (Table 3 in Sanner, 1976).
The fine structure of the Na D lines in ct Ori
observed by Goldberg (1976, 1979) shows four
absorption features (Figure 2-18). Multiple
components are striking in the X7699 K I line
in ot Sco (Figure 2-21) and also in # Cep, an ex-
treme case in which up to six components are
detected (Sanner, 1976; see also Figure 1 in Ber-
nat, 1981).
High-resolution spectra in the infrared also
show multiple components in the low-excitation
lines of the fundamental CO band near 4.6 ttm.
For example, line profiles in o Cet (Hall, 1980)
display a complex structure (Figure 2-22) with
three clearly resolved circumstellar compo-
nents: one, the reddest, at a heliocentric veloc-
ity of 62.7 km/s, possibly similar to the center-
of-mass velocity, and two others expanding at
7.5 km/s, corresponding to the velocities of the
OH, H20, and SiO masers. The rotational
temperatures are 200 and 70 K, respectively.
The number of components in a CO line of the
fundamental band depends on the luminosity;
the most luminous star _ Cep) has five com-
ponents, intermediate stars such as a Ori or ot
Her show two, and class III stars show only one
(Bernat, 1981). Note that objects such as IRC
+ 10216 show two components in the CO fun-
damental lines (Ridgway and Hall, 1980; Keady
et al., 1984), components which are also recog-
nized in the CO first overtone (2.3 ttm), along
with a further component at 2.5 km/s. In tx Ori
(Bernat et al., 1979), the two components are
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Figure 2-22. Selected CO (1-0) vibration rota-
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of the M Mira star, o Ceti. Components (SO,
$1, $2) due to three CS shells and telluric ab-
sorption are noted (from Hail, 1980).
S 1 at - 11 km/s (T - 200 K + 50, -10) and S2
at -4.8 km/s (T - 70 _+ l0 K) relative to the
center-of-mass velocity, assumed equal to a
mean photospheric radial velocity from Abt
and Biggs (1972). S2 corresponds to the veloc-
ity of the blue component distinguished in the
K I line (5.0 km/s; Goldberg, 1979) and also
in the CO (2-1) radio emission line (Huggins,
1984).
Table 2-3 summarizes such multiple veloc-
ity structure from infrared CO lines in some
typical stars. Goldberg (1976) and Hagen et al.
(1983) note that, besides the K I line, doubling
of the CS absorption features has been ob-
served only in Na D, Ca II, and CO lines.
Concerning the origin of the components,
the weak blue component in the K I X7699 line
in ot Ori is unambiguously circumstellar since
it is associated with the radio CO emission line.
As for the Na D lines in the same star (Figure
2-18), the minima at 6 or 7 and 13 or 14 km/s
might correspond to the two different shells ex-
pected for the K I line; they have higher values
than the K I line because they are not as much
affected by the redward emission. The origin
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Table 2-3
Multiple Shall Components from Infrared Vibration/Rotation CO Observations in Selected Stars*
<xOria o Cetb x Cygc IRC + 10216 d
T (K) v D T (K) v T (K) v D T (K) v D
km/s R. km/s km/s R. km/s R.
70
200
4.8 e 2000 70 12.2 60 ± 20 10 450-200 14 15-30 f
(-55") (0"35-0"7)
11 150 200 7.5 300±200 7.8 100 1000-500 11 4-11
(-4") (0"09-0"3)
(800) 0 800 0 10 1800-1200 2.5 1-3
(0"02-0"07)
1500 Infall
*All the velocitiesrefer to outfallingmatter, otherwise noted.
Notes:
aFrom Bernat et al (1979).
bFrom Hall (1980); componentsalsodetected in mm-wave CO spectra (Knapp et al., 1982).
CFromHinkle et al. (1982).
dFrom Keadyet al. (1984).
eAIso detected in K I X7699 line and in mm-wave CO spectra (Knapp et al., 1980; Huggins, 1984).
fAIso measuredby Dyck et al. (1983); see Table 2-5.
of the apparent components at about 23 and
32 or 35 km/s is not fully understood. Goldberg
(1979) suggests that they must be the emission
counterpart of P Cygni profiles, having their
absorption part at 6 or 7 and 13 or 14 km/s,
respectively. On the other hand, Goldberg
(1976) points out that "the structure could be
accounted for if there were a single-peaked
emission combined with interstellar absorption
near the center of the photospheric compo-
nent." Bernat and Lambert (1975) account for
one of the multiple components in the scan of
the K I line in ot Sco (Figure 2-21) as having a
possible interstellar origin. An irrefutable ex-
ample of interstellar origin is given by one of
the double components in the Na D lines in the
carbon star, T Lyr (Utsumi, 1971).
As for the fundamental lines of CO in _ Ori,
Bernat et al. (1979) were able to detect lines aris-
ing from transitions of 13CO. The 12C/13C
ratios they derive prove that the two com-
ponents observed in the CO lines arise in mat-
ter ejected from the photosphere and confirm
their circumstellar origin, particularly for the
cooler component (-70 K) that could be
suspected to be interstellar. Bernat (1981)
assumes that all absorption features seen in the
fundamental CO lines in his sample of nine M
giants and supergiants are CS, although 13C
lines are not technically observable. However,
arguments described by Bernat (1981), such as
the nondetection of 4.6-_m CO lines in the in-
terstellar medium, the inconsistency of the CO
velocities with velocities derived for nearby
stars from optical lines, and the temperatures
of some components which are too excessive to
be alloted an interstellar origin, render the
assumption justifiable.
Double absorption components are not seen
exclusively in late giants and supergiants. In
some early M giants, such as/_ And, the Ca II
H and K lines show two distinct components.
In other early giants such as _ Vul and ot Lyn,
Reimers (1978) notes that the CS Ca II H and
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K linesmayconsistof weakmultiplevelocity
components.
Quantitative Analysis of CS Lines:
Shell Characteristics
Methods. As Bernat (1977) successfully shows,
difficulties for an accurate interpretation of the
CS features come from unknown quantities,
particularly the shell geometry and the veloc-
ity field. Some evidence that the flows in ot Ori
are not spherically symmetric is presented, and
multiple absorption features in the line could
be caused by episodic ejections that negate the
steadiness of the flows. However, to make the
transfer of radiation tractable, constant expan-
sion velocity and spherical symmetry are as-
sumed. A notable advance in the interpretation
of CS line profiles for these highly idealized
spherical atmospheres came with the applica-
tion of the observer's frame method of Kunasz
and Hummer (1974); that is, the formal solu-
tion of the transfer equation in an expanding
extended spherical atmosphere in the low-
velocity regime (comprehensively explained by
Kunasz (1974) and Mihalas (1978, p. 459) as
well). It was first adopted by Bernat (1977) and
Hagen (1978) for the fitting of the theoretical
line profiles to high-resolution data in M stars.
Later, the method was often used in the various
studies on the circumstellar envelopes (e.g.,
Boesgaard and Hagen, 1979; Boesgaard, 1979,
1981; Bernat, 1981). However, Keady et al.
(1984) favor the comoving frame formalism of
Mihalas et al. (1975; see also Mihalas, 1978, p.
503) to calculate the line radiative transfer in
the flow, whereas Sahai and Wannier (1985) use
the Sobolev escape probability method.
To determine the effect of shell parameters
on the line profiles, Hagen (1978) calculated a
series of line profiles, varying the optical depth
(around unity), the expansion velocity (around
10 km/s), and the turbulent velocity (from 3
to 10 km/s; cf. her Figure 3), which are the only
variables that significantly affect the resultant
line profile. For this theoretical test, the author
determines the underlying photospheric line by
a gaussian fit to the A1 I X3944 line of tt Cep.
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As the optical depth increases, the P Cygni pro-
file becomes progressively clearer: the absorp-
tion core becomes sharper and the red emission
comes more into focus. The greater the value
of the expansion velocity, the greater the violet
shift of the CS absorption core. As the tur-
bulent velocity mounts, the P Cygni profile
disappears to give an asymmetric profile with
a broader, shallower, and less blue-shifted ab-
sorption core. However, the turbulence has a
negligible effect on the equivalent width of the
absorption core and hence on the column den-
sities. Hagen (1978) emphasizes that:
. The profile is sensitive to the amount of
matter in the shell rather than to its
distribution within the shell.
. The outer shell radius has no more in-
fluence on the emergent prof'des than the
inner radius, as long as both are signifi-
cantly larger than the stellar radius.
. The change of the power in the power-
law density distribution has only a small
effect on the emergent line profile.
Another difficulty in the analysis of line pro-
files comes from a lack of knowledge about the
profile of the underlying photospheric line. A
common method for inferring this profile
(Weymann, 1962; Hagen, 1978; Bernat, 1977;
Figure 2-23) assumes equal emission and ab-
sorption, so that a symmetric underlying pro-
file can be hand-drawn. Bernat notes the
uniqueness of this profile. Generally, the posi-
tion of the line center of the photospheric com-
ponent is inferred from nearby photospheric
lines with high excitation potential. This empiri-
cal method gives the basic quantities for the ab-
sorption component of the CS line, displayed
in the resultant shell line prof'de of Figure 2-23:
the expansion velocity, ve, the line center
depth, and the width at half-maximium
(WHM). The method is excellent for the strong
lines. For the lines with a sharp CS core (i.e.,
lines with sufficient optical depths as shown by
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Figure 2-23. The determination of the shell line
profile: (a) the original profile; (b) the flip
assuming that both line wings are purely photo-
spheric; (c) the drawn-in smooth photospheric
profile; (d) the resultant shell line profile (from
Bernat, 1977).
the theoretical line modeling), the radiative-
transfer calculations show that the position of
line minimum is determined by the expansion
velocity, and vice versa. Note the remark made
by Hagen (1978) and Bernat (1977) that the
shell optical depths or the derived column den-
sities are not very sensitive to the photospheric
line prof'de. However insufficient knowledge of
the photospheric radiation field lamentably
prevents the modeling of the shell line profile
(Bernat, 1981).
Another important quantity, in addition to
the expansion velocities, is the gas-column den-
sity, which is related to the optical depth (San-
ner, 1976; Hagen, 1978) and which influences
the mass-loss rate (Goldberg, this volume). The
method for obtaining them is clearly described
by Hagen (1978). Briefly, the equivalent width
of the absorption core in the resultant line pro-
file of Figure 2-23 is measured. Then, given the
expansion velocity (as easily determined from
sharp CS cores), a series of theoretical line pro-
files are calculated with different shell optical
depths. Theoretical equivalent widths are plot-
ted against corresponding optical depths, and
observed equivalent widths are converted to
line-center optical depths. Finally, column den-
sities along the line of sight are calculated. In
order to relate them to the total abundances,
the relative abundances in the different ioniza-
tion stages must be determined. A linear fit in
a plot of the derived column densities versus
the excitation potential of the line level implies
that the populations may be described by a
single excitation temperature (Bernat, 1981).
Physical Conditions in Gaseous Shells. In what
follows, we mainly refer to studies by Bernat
(1977), Hagen (1978), or Sanner (1976), giving
a summary of the results of the column densi-
ties, the shell temperatures, and the velocities.
Other details can be found in Goldberg (this
volume), in particular, a discussion on the shell
inner radius which is so vital for determining
the mass-loss rate. The section ends on shell dis-
tances inferred through the CS line profiles.
The observed column densities derived by
Hagen (1978) from visual lines in some M
giants, supergiants, and Miras are given in
Table 2-4 as an example. In these gaseous
envelopes, lying over warmer layers, the domi-
nant ionization state of most metals is probably
the singly ionized state. This is the case with
Ca II, Sr II, and Ba II. However, most of the
resonance lines arise from neutral metals (i.e.,
from a trace ionization state). As Bernat (1977)
and Hagen (1978) show, the ionization balance
within the CS shells is uncertain, and total
abundances are better determined by using lines
arising from the dominant stage of ionization.
The Sr II resonance lines, unsaturated in these
stars, are often chosen (Sanner, 1976; Hagen
et al., 1983). The amount of CS matter in the
line of sight assumes cosmic abundances, a
point that could be open to criticism (Hagen
et al., 1983). A scheme of determination of the
hydrogen column density is given by Tanab6
and Kamijo (1981). Inferred column densities
of hydrogen atoms in the shell of some
supergiants (in cm -2) are: o_ Ori, 1.3 x 1022; o_
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Table 2-4
Observed Gas Column Densities (cm-2) *
Ion # Cep _ Ori o_Sco o_Her X Her RX Boo HD 207076 W Hya R Leo
Fel ...... 1.3 (15) 9.1 (14) 7.5 (14) 4.9 (14) 2.5 (14) 2.2 (15) 1.0 (15) 6.6 (14) <2.5 (14)
All ...... 3.4 (13) 1.7 (13) 1.4 (13) 2.6 (13) ...............
Mn I...... 1.5 (13) 1.3 (13) 3.2 (12) 1.0 (13) 1.8 (13) 1.3 (14) 4.0 (13) 2.8 (14) 1.8 (14)
Srll ...... 1.9 (12) 3.7 (12) 9.7 (11) 1.1 (12) 1.6 (11) 1.9 (11) 2.7 (11) <1.6 (11) 3.4 (11)
Ball ..... 7.2 (11) 2.1 (11) 4.7 (11) ..................
Scll ...... 2.3 (13) 1.9 (12) 9.7 (12) 4.4 (12) ...............
Crl ...... 8.3 (12) 2.2 (13) 9.2 (12) 9.3 (12) 4.0 (12) 2.0 (13) 8.7 (12) 1.0 (12) <1.0 (12)
Til ...... 2.2 (13) 8.5 (14) 8.4 (12) 1.6 (13) 4.0 (13) 3.0 (13) 3.1 (13) 1.3 (13) <8.4 (12)
*From Hagen (1978).
Sco, 1.9 x 1022; Ot Her, 6.6 × 1021; and /z
Cep, 7.3 x l0 21 (Bernat, 1977).
From observations of the fundamental
4.6-/zm CO band in nine red giants and
supergiants, Bernat (198 l) derives column den-
sities and demonstrates that there is no correla-
tion of total CO column density with total gas
(hydrogen) column density. We will discuss
later what this result might imply for the shell
structure.
Bernat (1977) indicates that radiative rates
are orders of magnitude larger than collisional
ones for the atomic species in the circumstellar
envelope of ct Ori. Consequently, the derived
excitation temperatures do not give the kinetic
temperatures in the shells. In the case of lines
of the fundamental CO band, however, Bernat
et al. (1979) show that collisional processes
dominate and, therefore, the excitation temper-
atures are indeed electron temperatures, such
as the temperatures of 200 and 70 K derived for
the observed shells in ot Ori (see also Ridgway,
1981a).
As shown earlier, the expansion velocity of
the shells (otherwise known as the stellar wind
velocity) is inferred from the blue shift of the
CS lines, generally related in the literature to
a mean photospheric velocity. Again, we em-
phasize that the expansion velocity must be
finally related to the systemic velocity to be
meaningful. In et Ori, through the Mn I and
Cr I CS lines observed over 25 years, Weymann
(1962) finds that the heliocentric radial veloc-
ity of the absorption-line cores varies over a
range of only 2 km/s around an average value
of + 10.4 km/s. This near-perfect constant
radial velocity is also confirmed by Goldberg
(1979) from measurements of the K I deepest
component at 7699 _ (see the section Evidence
of Multiple Absorption Components in CS
Lines) and by Linsky et al. 0977) on various
optical CS lines. Hall (1980) reports that, at
spectral resolutions of the order of 10 km/s,
the observed 4.6-#m spectra of M supergiants
and Miras show sharp CO lines with expansion
velocities of about 10 km/s, which are totally
consistent with the visible atomic resonance-line
values. A constant expansion velocity is ex-
pected if the CS lines are produced in a quasi-
steadily expanding envelope, many times larger
than the star itself and well separated from it.
From a survey of the expansion velocities
drawn from the core shift of metal lines, Reim-
ers (1977) finds a continuous transition, on the
average, of stellar wind velocities from lum-
inous M supergiants (10 km/s), to late M giants
(15 km/s), to medium M giants (20 km/s), and
to early giants (25 km/s). As pointed out by
Goldberg (1979), the direct measurement of the
line shift gives a smaller velocity than the true
velocity because the red side of the absorption
profile is filled in with emission. Goldberg
quotes the model calculations by Bernat (1977)
and Sanner (1976) that predict errors of about
25 percent. For example, the corrected helio-
centric velocity of the inner shell of ot Ori (from
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the K I deepestcomponent)is 13.5 km/s
(Goldberg, 1981) instead of the apparent value
of about 10. Bernat (1977) remarks that the ex-
pansion velocities show no dependence on op-
tical depth, excitation potential, or ionization
state, further proof of a constant outflow ve-
locity for the matter. (The Ca II H and K lines
that show a variable expansion velocity are ex-
ceptional, coming from perturbations by chro-
mospheric effects.)
The expansion velocities are always much
lower than the surface escape velocity vese =
(2 MG/R) 1/2 (for example, Deutsch, 1960).
Reimers (1977) notes that there seems to be a
shaky correlation between stellar wind velocities
and velocities of escape at the stellar surface.
At any rate, the expansion velocity of the mat-
ter at several hundred stellar radii is greater
than the escape velocity there, further dem-
onstrating that the matter is really lost to the
interstellar medium.
Shell expansion velocities are also inferred
from the half-line width of thermal CS, S]O, or
CO emission. A measurement such as this in
CO J = 2-1 line in ot Ori by Huggins (1984)
gives a velocity of 14.1 + 1 km/s. Is a previous-
ly detected shell implied? The question is open.
For a sample of red giants, supergiants, and
Miras, there is no relation between expansion
velocity and radius (as measured by the tem-
perature), such as larger radii correlated with
higher expansion velocities (Bernat, 1981). The
supergiant, ot Ori, is another example (Table
2-3).
It could be expected that velocity gradients
in the envelope produce a difference in radial
velocity among the CS lines of the various
neutral and ionized elements. Weymann (1962)
emphasizes that, owing to the greater optical
depth in H 4 and K 4 cores in relation to the
other lines, velocity gradients could affect the
CS H and K lines. In fact, these lines give con-
vincing evidence for velocity gradients in the
wind acceleration region (very inner shells) of
M giants, depending on the stellar type, as we
have discussed in the section Variation of CS
Lines with Spectral Types and Luminosity
Classes. According to Reimers (1975) and con-
firmed by Boesgaard and Hagen (1979), at
spectral type M1, the expansion velocity given
by the H 4 and K 4 lines is larger by 15 km/s
than the velocity of the other line elements. This
difference then decreases to zero at M5 and,
with the later types, shows lower expansion
velocities of about 5 km/s than the CS lines of
other elements. This velocity gradient is the
cause of the wider Ca II H and K lines and less
blue-shifted core as the spectral type advances.
From modeling of the K 4 feature,
Boesgaard and Hagen (1979) find that, in the
earliest M giants, the narrow entirely blue-
shifted core cannot have been formed over a
great velocity gradient. Moreover, as these
authors find no evidence for a Ca II K 4 feature
at zero velocity (their Figure 4), they infer that
the acceleration to a terminal velocity occurs
very rapidly. They show that the broadening of
the K 4 feature with the simultaneous advance-
ment of the type is indicative of a large turbu-
lence and/or velocity gradients in the shell. In
fact, in modeling the K 4 profile, these authors
find that a minimum velocity (inner shell veloc-
ity) affects the red edge of the profile only,
whereas a maximum velocity (outer shell veloc-
ity) affects the blue edge. This confirms the
conclusion of Reimers (1975, 1981) that the in-
ner radius of the observed shell decreases with
later types in the wind acceleration region. It
is interesting to note Reimers' (1975) observa-
tions that some individual stars having CS Ca
II lines which are variable in time (Figure 2-14)
map the line-strength/velocity relation of Ca
II K, intrinsically showing the various regimes
of the wind acceleration. Reimers (1975) sup-
ports Deutsch's (1960) model in which the line-
strength/velocity relation among the various
classes of the M giants would be due to a Ca
ionization structure.
As for the M supergiants, in c_ Ori,
Weymann (1962) detects no significant veloc-
ity gradients among the CS lines over 25 years
of observation, except for a small average
deviation of about 1.7 km/s noted for the Ca
II H and K lines; we recall that, from Sep-
tember 1974 to October 1975, these lines dis-
tribute around the systemic velocity (+ 2, -1
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km/s).A generalobservationisthat,inall M
supergiants,onlytheCS Na D and the strong
Ca II H and K cores (up to 1/_) have very low
expansion velocities (2 to 5 km/s). From IR CO
observations in o_ Ori, o_ Her, and _ Sco,
Brooke et al. (1974) notice occasional large
velocity gradients.
Finally, there is observational evidence of
shell turbulent velocities (i.e., microturbulence
defined as nonthermal velocities with an as-
sumed gaussian distribution (Reimers, 1981)).
From measurements quoted by Reimers (1981)
for the supergiants et Her, ot Sco, and o_Ori,
this author states that, on the average, the mi-
croturbulence is found to be one half the ex-
pansion velocity. Boesgaard and Hagen (1979)
derive limits on the turbulent velocities in M
giant stars; they increase from the order of 2
km/s or less for M0 giants to 4 km/s or more
for M6 giants. Reimers (1981) notes that "if the
microturbulence is caused mainly by wind ve-
locity variations on a time scale short compared
to typical flow times in the observed shell (10
to 103 years), the relative amplitudes of these
variations are then similar to those in the solar
wind. ' '
A direct approach to the shell extension in-
volves the detection of CS line emission off the
star. We recall that the emission results from
resonance-line scattering of photospheric radia-
tion by neutral atoms in the shell. The ),7699
K I line is most often used for this purpose, with
a Ori as the favorite star once again. However,
let us mention an attempt on the supergiant,
tt Cep, by Munch et al. (1979), using the Na I
D 2 line.
The first such direct mapping of the ot Ori
shell was obtained by detecting the presence of
K I emission out to 4-8" from the disk center
by Bernat and Lambert (1975). In further series
of observations, Bernat and Lambert (1976b)
and Lynds et al. (1977) observe the K I emis-
sion out to 5" (i.e., 200 R.) at numerous posi-
tion angles around the star. The northwest
quadrant shows more intense K I emission.
Bernat et al. (1978) spatially extended the obser-
vations up to 30" (600 R.) by using a two-
dimension television detector, which was ade-
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quate to explore regions of the shell at large
radius which were too faint to be detected by
the single-channel scanner of the previous ex-
periments. Honeycutt et al. (1980), using the
same system with a narrowband f'dter, detected
the gas shell surrounding o_Ori out to a radius
of 50". They confirm that the northwest quad-
rant is brighter by a factor of about 2. They
suggest that this might be due either to an asym-
metrical mass ejection giving a denser shell or
to an asymmetrical stellar surface intensity giv-
ing more K I photons to be scattered. The au-
thors state that the 50" radius corresponds to
9500 AU or 55 light days, if a distance of 190
pc is accepted for a Ori (Weymann, 1962).
With a constant expansion velocity of 10 km/s,
the outermost potassium would have been eject-
ed 4500 years ago. In March 1981, Mauron et
al. (1984) mapped the a Ori shell at the K I line
up to 63", using a Fabry-Pdrot etalon and a
CCD camera. They found a slight asymmetry
of the brightness distribution but not in the
same direction as Honeycutt et al. (1980), who
observed in March 1977: it is the southwest
quadrant that appears to be brighter, while the
southeast quadrant is fainter than the average.
Usually, the physical mean distances of the
various shells to the photosphere are deter-
mined on the assumption that the dust and the
gas are in equilibrium in the shell. The relation
between the excitation temperature and the ra-
dins for the gas is directly obtained from a dust-
shell model (for example, Tsuji's (1979) ot Ori
dust model; also see Lefevre, this volume).
Such distances are shown in Table 2-3. The
equilibrium hypothesis appears to be badly in
error. Bernat (1981) comments on the micro-
wave CO emission from o_ Ori observed by
Knapp et al. (1980), which leads to the cooler
(70 K) shell detected through the CO funda-
mental; the mm-wave spectra give a shell
distance five times smaller than the classical
equilibrium assumption applied to the fun-
damental CO lines (see also a discussion by
Goldreich, 1980). We shall not elaborate fur-
ther on this highly difficult question: the cor-
rect interpretation of excitation temperatures
in terms of physical distances needs detailed
theoreticalmodels, themselves linked to a bet-
ter understanding of the mass-loss mechanism,
as Bernat (1981) emphasizes. This author also
hints that CO may certainly be present in the
entire velocity space between the multiple com-
ponents, but at low densities, high
temperatures, or both, and is unobservable.
Direct measures of stellar diameters by dif-
ferent techniques (lunar occultation, inter-
ferometry, speckle, etc.) will be discussed
elsewhere.(See the section Geometrical Shell
Expansion.)
Summary: Structure of Expanding
Gaseous Envelope
Discrete velocity components in the cir-
cumstellar material are commonly observed in
M giants, supergiants, and Miras. Table 2-3
summarizes such velocity structures from in-
frared CO observations in some typical stars.
A component at 200 K is common both to
the supergiant, _ Ori, and to the Mira stars and
even to the dust enshrouded carbon star, IRC
+ 10216. This component characterizes the
classical expanding shell detected in the optical
range of the unobscured stars (e.g., in the K
I line of c_ Ori). Assuming that decreasing
temperature corresponds to increasing distance
from the photosphere, a more extreme outer
shell (T - 70 K) is clearly resolved at high spec-
tral resolution (i.e., at 0.6 km/s, Hall, 1980).
The Mira stars (not only x Cygni and R Leo,
but 10 other Miras observed by Hinkle et al.,
1982) show another component around 800 K
which is stationary at the center-of-mass veloc-
ity. (See the section Changes in Absorption-
Line Radial Velocities with Phase.) At present,
such a CO component is not observed in giants
and supergiants. Is it unique to Miras? As noted
by Hall (1980), such circumstellar features are
difficult to separate from their photospheric
counterparts because the photospheric motions
are far too small in the late-type supergiants.
Nevertheless, this author states that, in
supergiants, some fundamental CO lines of low
rotational number have a line strength corre-
sponding to a radiation (brightness) tempera-
ture of 61000 K. However, in the case of the
CO fundamental lines, there can be marked de-
partures from local thermodynamic equilibrium
(LTE) in the vibrational levels though not in
the rotational levels (Carbon et al., 1976;
Heasley et al., 1978), which leaves open to ques-
tion the relation between the radiation and the
electron temperature. Bernat (1981) notes that
such a component may be present at too high
a temperature, too low a density, or too large
a turbulent velocity to be observable. As Clegg
(1980) points out, if such a layer exists around
the M supergiants, "this observation will be of
extreme importance for mass-loss theories, be-
cause a cool, almost stationary layer of gas out-
side the star but interior to the CS flow would
be incompatible with any theory predicting a
flow sonic point in the stellar chromosphere
(e.g., Mullan, 1978)."
In the Mira, X Cyg, it is interesting to men-
tion that the 800 K stationary layer was rapid-
ly built up late in 1975, as described by Hinkle
et al. (1982). Bearing in mind that the shock-
wave model works well in the Mira stars (see
part Atmospheric Kinematics in the section
Emission Lines), it is quite feasible that the 800
K layer represents gas ejected from the star,
either by a particularly violent oscillation or by
the pulsation degenerating into a relaxation os-
cillation during which mass loss occurs (for ex-
ample, see discussions by Wood, 1981; and
Willson and Hill, 1979). Thus, it could provide
a reservoir for any out flowing material driven
possibly by radiation pressure on dust grains
formed there (Tielens, 1983). Hinkle et al.
(1982) find support for this point of view in the
temperature of 800 K suitable for dust conden-
sation and in the total mass they estimate for
the layer ( >10 -5M o ), which is large enough
to explain the classical 10 -6 Mo/yr mass-loss
rate in these stars. Moreover, in X Cyg, the sta-
tionary layer is observed to weaken steadily
over the three cycles following its creation. It
appears to provide a source for material infall-
ing to the photosphere, particularly the source
of the visible spectrum, as previously discuss-
ed in the section Photospheric Absorption
Lines. The authors add that the 800 K shell
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mightbethesourceof SiOmaseremissionob-
servedinx Cygni, a hypothesis which could be
confirmed by correlating long-term variations
in SiO maser characteristics with the formation
and dissipation of the 800 K shell.
In the outermost CS shells, the multiple
layers in many semiregular M variables present
no correlation between expansion velocity, hy-
drogen column density, CO column density, or
dust column density (Bernat, 1981). The ab-
sence of correlations favors multiple episodic
ejections, according to Bernat, giving rise to in-
dividual shells formed under different physical
conditions at various times. However, such a
component structure does not necessarily imply
the ejection of discrete shells. A continuous
distribution of matter may produce it; the con-
dition is that the flow velocity changes relatively
slowly with distance (Mihalas, 1979). This con-
dition is fulfilled if several distinct dust conden-
sation events occur in the envelope, producing
regimes of rapid acceleration by radiation
pressure on grains, separated by regions of
quasi-constant velocity in the gas flow, as em-
phasized by Keady et al. (1984). These authors
apply such a distribution to the dusty C star,
IRC + 10216 (Table 2-3). Because the obser-
vations indicate the presence of gas and dust,
they assume that various grain species (de-
scribed in the section Circumsteilar Dust) may
condense at different places in the envelope due
to different physical characteristics, and they
present the following scenario. First, SiC con-
denses close to the photosphere, and it results
in the gas being accelerated to -2 kin/s; then
carbon soot condensation meets favorable con-
ditions to begin at 3 R,, resulting in a gas ac-
celeration to - 11 km/s; finally another con-
densation event, possibly from Mg S, occurs at
11 R. and accelerates the gas to -14 km/s.
Jura (1984) also comes to the conclusion of
a hybrid model for the mass loss, in connection
with the spectral appearance of the CS lines;
although very dusty stars (such as IRC +
10216) with multiple CS components as broad
troughs experience continuous outflow of mat-
ter, stars (such as a Ori and o Cet) with distinct
sharp CS components experience impulsive dis-
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continuous mass loss. In fact, for o_Ori, multi-
ple episodic ejections seem best adapted to the
presence of companion objects. (See the section
Geometrical Shell Expansion.)
Finally, it is worth noting that shells of cool
stars have characteristics similar to planetary
nebula envelopes (Table 1 in Ridgway, 1981a),
suggesting the possibility of a common mecha-
nism of origin.
CIRCUMSTELLAR DUST
Detection of Circumstellar Dust
In some infrared wavelength intervals, late-
type stars radiate an excess above the blackbody
radiation expected for the assumed effective
temperature or measured color temperature of
the star. Such infrared excesses can be at-
tributed to circumstellar dust: grains absorb-
ing starlight are heated and then reradiate in
the infrared, causing the excess. For example,
the excess observed between 8 and 14/_m in the
M stars was found to be identical to the energy
distribution expected from an optically thin
cloud of silicate grains. Additional evidence
comes from these color temperatures, which are
less than 1000 K in stars in which most of the
energy longward of 3 #m is due to infrared ex-
cess (e.g., Forrest et al., 1975). Because this
temperature is less than the effective tempera-
ture of the star, longward radiation has to come
from a cooler additional source. Moreover,
these stars show that, shortward of 3/_m, the
radiation is consistent with radiation weakened
by dust absorption. In fact, a weakening of
photospheric absorption bands due to a veil-
ing by thermal emission from a circumstellar
dust shell is currently observed. In carbon stars,
the strength of the CO band at 2.2 #m is seen
to vary with the infrared color; the thicker the
shell, the redder the colors and the weaker the
bands. Note that the systematic weakening of
the CO band in Mira variables is normal at
maximum light where the photospheric
temperature is higher. (See the section Survey
of Changes in Absorption-Line Strengths with
Phase.) Another example of thermal emission
actingto fill in the absorption bands and giving
an increasingly featureless spectrum as the
shell's thickness grows concerns the carbon
star, V Cyg, with its smooth spectrum longward
of the 4.6-#m CO band (Puetter et al., 1977).
The circumstellar nature of the excess emission
longward of 8 #m has been confirmed by
spatially resolving the shells from the stars. (See
the section Geometrical Shell Expansion.)
Finally, the reality of dust shells is proved
through linear polarization due partly to the
scattering and absorption of the stellar radia-
tion by small grains. These grains need not be
the same grains responsible for the infrared ex-
cesses; nevertheless, this may be the case in
favorable envelope geometry and optical depth.
Infrared Excesses
The shape of the infrared excess depends on
whether the cool star is oxygen-rich (M star) or
carbon-rich (C star). Silicates are expected in
the first case (e.g., bands at 9.7 and 18 #m);
silicon carbide, which exhibits a distinctive res-
onance at 11.2 /_m, and graphite, which
presents a featureless spectrum and is thought
to be responsible for the extinction encountered
from the optical to the far-infrared, are ex-
pected in the C stars. Infrared excesses are
recognized from infrared spectrophotometry or
infrared photometry.
Let us remark that the quoted observations
do not include the data from 8 to 22 ttm col-
lected by the Infrared Astronomical Satellite
(IRAS), launched in January 1983, and not yet
available at this time. Preliminary results
should be found in the Proceedings of the
Meeting on "Mass Loss from Red Giants" held
in June 1984 at California State University, Los
Angeles.
Spectral Energy Distribution of Excess Emis-
sion. Reviews of the infrared excesses shown
through moderate spectral resolution infrared
spectrophotometry for M and C giants and
supergiants have been given by Merrill (1977).
Some examples of energy distributions from
2 to 14 #m are reproduced in Figure 2-24. The
signature of silicate grains in the M stars is
clearly visible through the emission feature at
9.7/Lm. It is stronger in supergiants in class Ia
than in class Ib. In the M giants with very thick
dust shells, the feature is seen in absorption.
In several M-type Mira stars, the spectral energy
distribution over the 8- to 14-/zm wavelength
range observed by Forrest et al. (1975) is clear-
ly seen to be different: "Some appear to show
a somewhat more sharply increasing distribu-
tion in the 8-9.5/zm range and a more slowly
decreasing distribution at wavelengths larger
than 11/_m (e.g.R. Leo)." In carbon stars, SiC
emission at 11.2 #m appears in all the stars
shown in Figure 2-24, being strong in the semi-
regular late C star, UU Aur, and in the Mira,
R Lep. Forrest et al. (1975) note that the
amount of blackbody excess is much stronger
from carbon Miras than from semiregular vari-
ables. Among a sample of 25 irregular carbon
stars, none appear to have infrared excess at
wavelengths shorter than 3.4 /_m (Walker,
1980).
Forrest et al. (1979) observe the 16- to 39-#m
spectra of many M stars (supergiants and Mi-
ras) known to have a 10-#m excess; they con-
firm the presence of an excess emission due to
a silicate material in this region (first detected
around 20/tm by Treffers and Cohen (1974) in
a Ori) "in the form of a broad hump peaking
near 18 #m and falling smoothly to longer
wavelength" as a blackbody continuum. That
no sharp structure is observed in the spectra is
indicative of a silicate in an amorphous disor-
dered form. Hagen et al. (1975) report on a pos-
sible silicate emission band at 33/tm in some
M stars, although this is not confirmed by For-
rest et al. (1979) in tt Cep. However, Hagen
(1982), by broadband photometry, concludes
that there are infrared excesses not only at 33
/zm, but also at 20 and 25 #m for stars that show
a 10-#m silicate emission feature; such excesses
are explained by radiation from silicate dust.
Epchtein et al. (1980) also detect 30-ttm emis-
sion in Mira M stars. Incidentally, they show
that the 35-gm emission is strong enough to
pump the OH circumstellar masers in the thin
envelope of Mira variables. Hagen (1982) also
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Figure 2-24. Spectral energy distribution of IR excess emission. Top left: in representative luminous
M supergiants as examples of optically thin shell emission (a 3300 K blackbody and a free-free slope
are included for comparison). Bottom left: in M stars and top right, in C stars, to illustrate the observed
range in total optical depth in dusty CS shells (from Merrill, 1977). Bottom right: in several M-type
Miras (the "'relative flux" represents the actual flux normalized by an arbitrary constant for conve-
nient display); Bx - { Fx (total) -F x (continuum)} Fx-1 (continuum), calculated with appropriate
blackbody temperatures (from Forrest et al., 1975).
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shows that there is sufficient 35-/_m flux to
pump the 1612-MHz OH masers for all the
stars she observes--Miras, giants, and supergi-
ants--except for the Mira, R Aql. An emission
feature beginning at 24/zm and extending to at
least 37/_m is identified in dusty carbon-star
spectra, including IRC + 10216 (Forrest et al.,
1981; Herter et al., 1982). It is interpreted as
resulting from a solid-state resonance in the
dust grains which have condensed around this
star. The grain material causing this feature is
MgS (Goebel and Mosely, 1985; Nuth et al.,
1985).
The N-type carbon star, Y CVn, deserves
special attention. It has been observed over a
complete IR wavelength coverage from 1.2 to
30/_m by spectrophotometry at high resolution
by Goebel et al. (1980). The particulate emis-
sion band of SiC at 11.2/_m, well known in
several carbon stars, is also present in Y CVn.
By superposing the emission of an optically thin
shell with the dust temperature, T = 1600 K,
on a blackbody spectrum of T = 2750 K, the
authors show that a mixture of SiC crystalline
forms fits the 11.5-#m band better than amor-
phous SiC, in agreement with the conclusion
by Friedemann et al. (1981). The latter estimate
that the column density of SiC grains is 7.0 x
10 -5 g cm -2 and the total mass of SiC grains in
the shell is 1024 g (if the star's photospheric
radius and the radius of the envelope are
evaluated according to Cohen, 1979).
As for graphite, its lack of distinct spectral
features in the infrared makes its identification
difficult. However, the photospheric C 3
molecule, the main vaporization product of
graphite, is observed and is particularly strong
at 5.2 #m. Its strength constrains the degree of
veiling present (i.e., the amount of graphite in
the circumstellar shell). It appears that there is
little or no graphite in the CS shell about Y
CVn.
Generally speaking, apart from the 11.5-#m
SiC band, the photosphere in Y CVn is domi-
nant over circumstellar emission to 30/tm. The
conclusion is also valid for the violet range, in
which the cause of the opacity in carbon stars
has been debated at length for years (e.g., Gilra,
1973; Hartmann and Dolan, 1974; Bregman
and Bregman, 1978; Walker, 1980). For Y
CVn, Goebel et al. (1978) show that reradia-
tion by circumstellar SiC is inadequate and that
the violet opacity is primarily due to photo-
spheric C 3, as was also concluded by Bregman
and Bregman (1978). The dominance of the
photospheric light might imply a limit to the
amount of graphite ejected through the mass-
loss process by such early N-type stars as Y
CVn.
In contrast with Y CVn, the bright infrared
object, IRC + 10216, a late-type carbon star,
shows a substantial infrared excess emission.
The overall flux distribution is similar to a
blackbody, indicative of gray grains. This star
is one of those extreme carbon stars, embedded
in thick dusty CS shells that efficiently convert
starlight into thermal emission. The overall fea-
tureless infrared excess is assumed to be pre-
dominantly due to graphite grains (soot) by
Cohen (1979), who also discusses 16 other car-
bon stars (AFGL infrared sources from 10-#m
sky surveys, Price and Walker, 1976). Mitchell
and Robinson (1980) ascribe the infrared excess
mainly to an optically thick extended graphite
shell that contains 1 to 2 percent per number
of SiC particles. Nevertheless, due to the inverse
greenhouse effect, SiC is expected to condense
close to the star, while graphite condenses much
farther out, as developed by McCabe (1982; see
also Lef6vre, this volume).
A feature similar to the MgS emission fea-
ture at about 30/zm appears in the spectra of
the planetary nebulae, NGC 6572 and IC 418
(Forrest et al., 1981); the presence of the same
type of dust indicates a possible evolutionary
link between carbon stars and some planetary
nebulae. Remember that gaseous shells of cool
stars and planetary nebulae also have common
properties (Ridgway, 1981a). Zuckerman et al.
(1976) have previously described a sequence
leading from extreme carbon stars to planetary
nebulae. However, about the l l.2-#m SiC
feature observed in NGC 6572 and IC 418,
Kwok (1981) asks if the SiC grains are left over
from the preceding red-giant phase or not. In
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fact,it appearsthatsomeproperties of plane-
tary nebulae may be explained if their progeni-
tors are red giants with extensive circumstellar
envelopes, but the transition from red giants to
planetary nebulae is not yet completely re-
solved.
It is worth noting the observation of an
unexpected high peak in the flux energy
distribution at 1.5 mm in the Mira carbon star,
V Cyg (Querci et al., 1979). This star is known
to be so dusty that emission in the dust shell
provides more than 90 percent of the total flux
for )_> 5.5 #m (Puetter et al., 1977). The flux
at 1.5 mm is about four times larger than the
flux measured at 1 mm by Campbell et al.
(1976) from IRC + 10216. A flare-like event
is suggested. Let us note that a radio flare at
2.8 cm has also been observed on the M Mira,
R Aql (Woodsworth and Hughes, 1973, 1977).
For the M supergiant, o_ Ori, Oster (1971)
reports a flux variation at 10 tLm from night to
night supporting a flare-type origin.
An interesting point in carbon stars concerns
the relationship between SiC dust and the SiC 2
molecules that are a vaporization product of
solid SiC: the strength of the SiC 2 molecular
bands investigated from the Merrill-Sanford
bands observed in the visible part of carbon-
star spectra should be correlated with the
strength of the ultraviolet absorption feature
(Walker, 1976) and the infrared SiC emission
feature (e.g., Mitchell and Robinson, 1980).
An additional contribution to the infrared
excess might arise from chromospheric free-free
emission. A modeling of the observed infrared
flux in some cool stars, including free-free emis-
sion, has been attempted by Gilman (1974) and
Lambert and Snell (1975). Nevertheless, further
observations by Fawley (1977) and Hagen
(1982) of stars common with Gilman favor an
additional grain species rather than free-free
emission.
Time Variability of Infrared Excesses. Forrest
et al. (1975) investigate the possibility of a tem-
poral variation of the excess infrared radiation
by observing M stars with broadband photom-
etry at effective wavelengths of 3.5, 4.9, 8.4,
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and 11 ttm. As stressed by Gehrz and Woolf
(1971), at 3.5/tm the optical depth of the silicate
envelope is minimal for both its absorption and
emission effects; at 11 #m, silicates have their
peak emissivity, but are often optically thick,
whereas at 8.4 #m, the emission has a low op-
tical depth but is rarely saturated. Therefore,
designating [ha] as the observed magnitude of
the wavelength )_n' the color [8.4 ttm]-[3.5 ttm]
measures silicate emission, and the color [11
_m1-[8.4 #m] is indicative of the optical depth
of the envelope of the excess dust emission. An
example of such a color-color diagram as a
function of phase is given for R Cas (Figure
2-25). Although visual light and light at 3.5 ttm
vary by a large amount, the infrared colors ap-
pear to show no significant changes throughout
the cycle. This conclusion applies to the 25 pro-
gram stars of all kinds of variability types (in-
cluding Miras), except for R Gem (S Mira star),
in which the [11 /zm]-[3.5 _m] color changes
significantly. Considering the large number of
stars observed, the authors conclude that the
total abundance of grains surrounding these
stars does not change by a large amount with
time.
The same authors also show spectra of o
Cet, R Cas, and # Cep obtained at several times
(Figure 2-26). Very little change is seen in the
spectral energy distribution from 8 to 14 #m
over 4 years for the Mira, R Cas, and over 6
years for the supergiant, tt Cep. In o Cet, a large
change is observed in the excess emission
strength at 9.7 #m between 1967 and 1973, with
a slow decrease from 1971 to 1973. For the
authors, this would represent a secular decrease
by about a factor 1.5 to 2 in the amount of dust
around o Cet from 1967 to 1971. Infrared
observations are also reported for o Cet by
McCarthy et al. (1978) at various wavelengths
around the December 18, 1977, maximum light.
Between phases 0.76 and 0.92, the 10.2-/zm flux
density increased by a factor of 1.7. At the same
time, both the [10.5 #m]-[3.5 #m] and [8.4
#m]-[3.5/_m] color indices increase by 0.50 mag
relative to those observed between _ = 0.25
and _ = 0.8 by Forrest et al. (1975). During
the light cycle (from _ = 0.76 to ,p = 0.28),
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Figure 2-25• Color-color diagram as a function
of phase for the M Mira, R Cas (from Forrest
et al., 1975).
the 10.2-/_m flux varies by a factor >_3•5 ( - 1.4
times more than the bolometric flux), the
change in 20-/zm flux is 2.5 times (like the
change in bolometric flux), and the 3.5-#m flux
varies by less than a factor of 2. The excess
emission at 10 #m is strongly phase-dependent:
from _p = 0.6 to _p = 1.0, the ratio of photo-
spheric to excess emission at 10 #m changes
from 0.50 to 0.26. The authors suspect that ex-
isting circumstellar dust must be cyclically
heated by periodic changes in stellar luminos-
ity; changes in stellar temperature may produce
changes in the contrast of silicate dust emission
relative to the stellar continuum, as previously
suggested by Forrest et al. (1975). Large con-
trast changes do occur at 10 #m, as proved by
the observations. These probably begin at _ =
I00
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Figure 2-26• Spectral energy distribution as a
function of time from o Cet, R Cas, and # Cep.
The blackbody curves are typical assumed stel-
lar continua referring to the spectrum just
above. For o Cet: (a) October 17, 1967 (UT),
= 0.96; (b)December 13, 1971, _ = 0.45;
(c) January 10, 1972, _ = 0.54; (d) November
4, 1972, _ = 0.42; (e) December 4, 1972, _ =
0.50; (f) December 18, 1973, _ = 0.64. For R
Cas: (a) November 22, 1969 (UT), _ = 0.86;
(b) November 13, 1970, _ = O.71; (c) December
17, 1971, _ = 0.64; (d) November 4, 1972,
= 0.39; (e) September 21, 1973, _ = O. 14. For
# Cep: October 17, 1967, and June 17, 1973
(UT) (from Forrest et al., 1975)•
0.8 in conjunction with increases in the
bolometric and visual energy• The possible
origin of these temperature changes might be
flare-like events as developed in the section In-
terpretations of the Polarization Observations.
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Relationships Between Gas and Dust in Cir-
cumstellar Envelopes. The amount of CS ma-
terial from observations of CS dust has been
estimated by Gehrz and Woolf (1971), by Dyck
and Simon (1975), by Hagen (1978), by Hagen
et al. (1983), and by Knapp (1985), who studies
not only M stars but also S and C stars. Because
the last three authors combine a study on CS
gas and dust shells in a sample of stars, the bulk
of the results given below is from these sources.
(See also Goldberg and Glassgold and Huggins,
this volume.)
Hagen et al. (1983) estimate the quantity of
dust from the contrast in the 10-#m silicate
emission feature through a dust-shell model
described in Hagen (1978, 1982). This model
calculates the emergent radiation from an op-
tically thin circumstellar dust shell following the
code of Dyck and Simon (1975), modified to
include the effects of self-absorption by dust.
It is shown that the shell parameters that have
a strong effect on the appearance of the 10-/zm
feature (specifically, its height) are: (1) the dust
temperature determined by assuming that the
grains emit thermally at the same rate at which
they absorb starlight (i.e., by the absorption ef-
ficiency of the grains shortward of 5 #m where
the photosphere emits strongly); (2) the inner
radius of the dust shell; and (3) the optical
depth of the dust. In Hagen et al. (1983), the
inner radius is (somewhat arbitrarily) set to 10
R., the grain mixture is "dirty" silicates, and
the power-law density distribution, N (r), is pro-
portional to radius r -_ with et = 1.5. (See Le-
f_vre, this volume, for a discussion of such a
model.) An equal fractional condensation of
the elements is assumed (crudely justified by a
roughly constant relative abundance of the ele-
ments from star to star); therefore, the ratio of
the amount of metal in the gaseous state to that
condensed on grains is the ratio of the total col-
umn density determined from gas to that deter-
mined by dust. (See the section Quantitative
Analysis of CS Lines for the method for deter-
mining the column density.)
Knapp (1985) also finds the dust content of
the envelopes from the 10-ttm feature, but uses
the models of Rowan-Robinson and Harris
(1982, 1983a, 1983b; see also Lef6vre, this
volume). Although the amount of circumstellar
gas is estimated through the optical CS line, Sr
II X4077, in Hagen et al. (1983), Knapp uses
the CO (1-0) line. The main difference between
the two works is that the observations by Hagen
et al. cover a small range in mass-loss rate
(10 -6 to 10 -8 Mo/yr) and thus any relation-
ship between gas and dust abundances may be
altered by uncertainties in the data, as Knapp
remarks. In fact, uncertainties are numerous in
such approaches (see Goldberg, this volume),
and the suggestion by Hagen et al. that the dust-
to-gas ratio in the circumstellar envelopes is not
constant is dismissed by the results of Knapp,
who observes stars over a very wide range in
mass-loss rate (10 -7 to a few x 10-4 M o/yr).
Clearly, the gas-loss rate is proportional to the
dust-loss rate for M, S, and C variables (giants
and OH/IR supergiants; Mira or not Mira vari-
ables). Consequently, the dust-to-gas ratio is
roughly constant over almost 4.5 decades in
mass-loss rate, with mean values of - 160 by
mass for M and S stars and -400 by mass for
carbon-rich stars. This constancy is expected
when the mass-loss mechanism is radiation
pressure on grains (Deguchi, 1980). Knapp
notes that the value found for the oxygen stars
is very close to the value found for the in-
terstellar medium (-150), suggesting that, in
all the studied envelopes with silicate grains, all
the available heavy elements condense out as
grains.
Hagen et al. (1983) argue that the CS en-
velopes have clumpy regions of greater density
in which the grain formation may be essential-
ly complete, whereas there is little or no grain
formation in less dense regions. The possibil-
ity of high-density condensations present in the
envelope and moving in the line of sight had
been raised by Reimers (1978), for example, to
explain the weak multiple velocity components
present in the CS Ca II H and K lines of early
M giants. (See the section Evidence of Multi-
ple Absorption Components in CS Lines.)
174
Intrinsic Polarization of Starlight
As noted in the section Detection of Cir-
cumstellar Dust, the presence of dust has also
been detected from optical polarization obser-
vations. The linear intrinsic polarization in red
variables is distinguished from the interstellar
polarization by its variability with time, by its
wavelength dependence, which differs from
that of the interstellar polarization, and/or by
the rotation of the position angle of polariza-
tion with wavelength. At the origin, these prop-
erties have been measured over broad spectral
ranges; the reviews by Serkowski (1971) and by
Shawl (1974) report on these results. On the
other hand, the relatively recent review given
by Coyne and McLean (1979) emphasizes the
results from high spectral resolution. Let us also
note King's (1983) didactic article on polarized
light in astronomy, intended for the general
reader.
First, we shall summarize general results;
then we shall study details from high spectral
resolution, particularly from well-documented
specific stars--Miras and giant and supergiant
semiregulars. Finally, we shall resume the in-
terpretations suggested at the present moment
for these observations.
Overall Results on Polarization. All the super-
giants studied by Dyck and Jennings (1971), as
well as the giants later than M2, show intrinsic
linear polarization. These authors remark that,
among the giants, "the frequency of the phe-
nomenon increases rather abruptly at M4 and
remains high in later spectral type." The
percentage of polarization may be high, with
P > 2 percent, especially higher than 2 percent
in the blue spectral region, as high as 10 per-
cent for extreme red objects (Figure 2-27), and
up to 20 percent at 1 /_m in IRC + 10216
(Shawl and Zellner, 1970; Cohen and Schmidt,
1982).
In short, quoting Magalhaes (1981) about
polarization in red late-type stars: "its amount,
position angle and spectral behavior generally
vary with time for a given object, as does the
polarization wavelength dependence from one
star to another." In the Mira variables, these
changes are not necessarily in phase with light
variations. Temporal variability on short time
scales (months) has been detected in the majori-
ty of stars and indicates that considerable
anisotropy exists near the star.
Although the wavelength dependence of
polarization changes its shape with time, there
is a general trend toward an increase in the
amount of polarization with decreasing wave-
length. The increase toward the ultraviolet
often follows the Rayleigh X-4 law; an excep-
tion is the supergiant, # Cep, which departs
completely from this rule (Figure 2-27). Fur-
thermore, a maximum toward 1 /zm is not so
rare, such as that for L2 Pup, showing a peak
around 1.6/zm (Shawl, 1975). Secondary ups
and downs in the wavelength dependence of po-
larization appear at times, with their strengths
also varying with time (for example, R CrB,
Figure 3 in Coyne and Shawl, 1973).
Correlations between the polarization and
other parameters have been sought because they
should be useful in interpreting the obser-
vations.
It appears that there is no general relation-
ship between changes in the polarization and
light changes with time. In Mira stars, a de-
creasing polarization in the yellow, blue, and
ultraviolet spectral regions is seen as the visual
light increases, with the largest polarization
observed halfway between the minimum and
maximum light (as we shall detail for o Cet
below), whereas for the semiregular, V CVn,
the largest polarization in the yellow and blue
spectral regions is observed at minimum light
(Serkowski, 1971). In the case of this latter star,
the polarization in the B filter suddenly in-
creases by more than a factor of 1.5 between
phases 0.6 and 0.8 (Shawl, 1974).
Shawl (1974) notes that the presence of in-
trinsic polarization is always associated with
emission lines in the stellar spectrum. He quotes
that a spectrogram of V CVn at phase 0.68
shows no emission and a low polarization,
while another one at phase 0.84 shows strong
emission and a high polarization. In fact, H_
emission increases as the polarization increases.
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Figure 2-27. Wavelength dependence of polarization for a representative
sample of red variables. The observed values were normalized by setting
the average polarization through the green and blue filters equal to 100
percent. The actual value of this average is marked to the right side of
each curve (from Kruszewski et al., 1969).
In o Cet, the polarization begins to increase as
soon as the hydrogen lines appear. However,
Shawl (1975) reports on L 2 Pup, which
presented a very high polarization when the hy-
drogen emission was barely visible. This is in
agreement with Dyck and Jennings (1971), who
noted that the existence of intrinsic polariza-
tion does not necessarily imply concurrent Bal-
met emission lines, although it is likely to be
found in stars having shown Balmer emission
lines.
Dyck et al. (1971) demonstrate a linear re-
lationship between the observed average degree
of polarization in the blue and yellow spectral
ranges and the amount of excess infrared emis-
sion-the latter attributed to reradiation from
circumstellar grains (see the section Infrared
Excesses)--also verified in the near infrared at
1.21 #m (McCall and Hough, 1980). They find
that, if the presence of intrinsic polarization is
always linked to an infrared excess, the reverse
is not necessarily verified, particularly for
Miras. In the data of Dyck et al. (1971), some
of the Miras show a low mean polarization and
176
a largeinfraredexcessimultaneously(Land-
streetandAngel,1977).Shawl(1974)discusses
thatdetailsin thegeometricalspectsin the
envelope(e.g.,clumpyregionsof dust)might
bethecauseof highandlowpolarizationfor
agiveninfraredexcessinvarioustars.Thisis
alsothe opinionof Landstreetand Angel
(1977).
Thecorrelationbetweentheintrinsicpolar-
izationandtheinfraredexcess(Dycket al.,
1971)issimilarfor M starsandcarbonstars,
implyingthatthepolarizationmechanismisin-
dependentof the chemicalcompositionof
grains(Reimers,1975).
KruszweskiandCoyne(1976)andMcCall
andHough(1980)showaclearcorrelationbe-
tweenthelevelof polarizationandthesepara-
tion of the 18-cmemissionlinesin theOH
maserstars(i.e.,betweentheexpansionvelocity
andthescatteringopticaldepthof theshell).
Forrestetal. (1975)concludethatthereis
noevidencethatthevariationsinpolarization
arecausedbyachangein thetotalamountof
circumstellardust.No timevariationof in-
fraredflux is observedin starsin whichthe
polarizationvariesgreatly,suggestinga local
ratherthanaglobalpolarizationeffect(McCall
andHough,1980).In fact,theinfraredexcess
is interpretedin termsof large-scaleemission
of grainsfararoundthestar,andthevariable
polarizationintermsofmorelocalizedscatter-
ingandabsorptioneffectsin transientregions
of gasanddust.However,circumstellardust
at largedistancesfromthestarhasbeenbril-
liantlydetectedby the discoveryof linearly
polarizedbluecontinuumlightfrom15to90"
aroundthesupergiant,c_ Ori (that is, from 550
to 3300 R. in the frame of reference of Table
2-3), by McMillan and Tapia (1978). Indeed,
these authors attribute the polarization to star-
light scattered by the dust shell around the cen-
tral star. The polarization structure is centro-
symmetric--except that the polarization map is
rather asymmetrical at 15 and 30" from the
star--and is detectable as far as 90" in the
north-east direction. The apparent polarization
decreases slowly with angular distance; its direc-
tions are generally perpendicular to the radius
vectors of the star. Similar, preliminary obser-
vations around o Cet reported by Coyne and
McLean (1979) show that polarized light ex-
tends to at least 30" (i.e., 1650 R.) from the
central star.
The possibility of observing the circular
polarization produced by the scattering of lin-
early polarized light by circumstellar grains in
red supergiants is discussed by Shafter and Jura
(1980).
Specific Stars
The Mira, o Ceti. Broadband observations
showed that the polarization in the ultraviolet
increases abruptly at phase 0.8--coinciding
with the first appearance of the hydrogen emis-
sion lines (see the section Emission Lines)-
and then reaches a maximum value at phase 0.9
(Shawl, 1974).
Narrowband observations were obtained
around maximum light, from about 3600 to
6200/_, with additional wavelength regions in
the near infrared. They showed small-scale
polarimetric structure, detailing a complex
dependence of the polarization with wave-
length.
McLean and Coyne (1978) studied the
phases from 0.94 to 0.97 near the 1977 max-
imum, with a resolution of about 50/_,. We
quote the summary of the most notable features
in the polarization spectrum from Coyne and
McLean (1979): "(i) virtually no wavelength
dependence of O [less than 10 °, but at an
unusually high value of 107 °]; (ii) increases in
the degree of polarization across the Balmer
lines, Ha to H6 [indicating the presence of
polarized Balmer-line flux]; (iii) decreases in P
across TiO bands, e.g. 4955/_, 5847/_, and
7054/_; and (iv) a general )_-4 increase in P in-
to the blue as far as 4500/_; (v) a wide polariza-
tion minimum in the UV at 3775/_ [also called
the UV dip] having a sharp rise on the violet
side [with no obvious relationship to absorp-
tion features in the flux spectrum]" (Figure
2-28, upper panel). Figure 2-29 illustrates the
polarization profile at H_ measured at a spec-
tral resolution of about 0.5.8,; the increase in
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P is up to 6.8 percent, four times the continuum
value, although there is no significant change
in the position angle across the emission. Figure
2-29 also reports measurements using the 2.3
,_ filter that obviously demonstrate the need
for very high resolution. With respect to the
flux profile, the polarization profile at H_ is
wider and more asymmetric, with its maximum
displaced about 0.5 ._ to the blue.
At _o = 0.90, 1 month before the 1977 max-
imum, Tomaszewski et al. (1980) note that they
observe a polarization peak at Ca I X4226
(Figure 2-28, lower panel). No evidence of this
peak is seen about 1 month later at _o = 0.97
on McLean and Coyne's (1978) scan, also
drawn on Figure 2-29. An earlier phase (around
0.85) reported by Coyne and McLean (1979)
showed that the polarization was generally
4850 4860 4870
WAVELENGTH (A)
Figure 2-29. Relative flux (I), percentage of
linear polarization P, and position angle 0
across the HI3 region in the M Mira, o Ceti, on
November 24, 1977 (from McLean and Coyne,
1978).
much weaker and that changes across H/3 were
not significant. The location of the UV dip
varied with respect to its location at phase
around 0.95, indicating that the UV dip changes
its location with time in the same star.
Around the 1978 maximum (a faint one with
m - 5.0), observations at 20 ._ resolution are
reported by Tomaszewski et al. (1980; Figure
2-30). The conspicuous result is a striking
change in the wavelength dependence of the
polarization during the rise to maximum. At _o
= 0.92, in addition to the general polarization
features described by McLean and Coyne
(1978) at the 1977 maximum, Tomaszewski et
al. again find a peak in the degree of polariza-
tion corresponding to the Ca I 4226 /_ res-
onance line, but they do not detect H/3 in either
the flux or the polarization spectra. At _o =
1.09 (nearly 1 month after maximum), the
sharp polarization peak at Ca I 4226 _ is no
longer visible. The peak at H6 is still visible but
reduced. The position angle of polarization is
about 45 o smaller during the 1978 maximum
than during the 1977 one. Shawl (1974) noted
from Serkowski's observations that the posi-
tion angle for o Cet, as well as for R Hya and
R Lep, may show alternate high and low values
in each cycle, recalling the behavior of the posi-
tion angle with the light phase in the RV Tauri
star, U Mon. However, Landstreet and Angel
(1977) comment that most Mira variables show
long-term stability of mean position angle, as
would be expected if the asymmetries (see the
section Interpretations of the Polarization Ob-
servations) were coupled to a rotation axis.
Around the 1979 maximum, Magalhaes
(1980) observes a polarization peak at the Ca I
wavelength approximately at phase 0.93 and
also at phases 0.08 to 0.09. The striking feature
is that the position angle at this wavelength
changes dramatically, varying from near 5 ° at
_o - 0.93 to about 170 ° at _o = 0.08 to 0.09,
while staying around 25 o in the other wave-
lengths.
As concerns other Mira variables observed
around maximum light, we cite the observa-
tions of Landstreet and Angel (1977) about R
Boo, RU Her, U Her, and R And; they detect
179
UWO lOS JO 244_._
036 040 044 048 0,52 056 060 064 OIB 0?2
WAVELENGTH luml
Figure 2-30. Wavelength dependence of the degree of linear polarization P and of
the position angle Ofor the M Mira, o Ceti, around the 1978faint maximum. The
first section is a flux spectrum in which the positions of the strongest spectral features
are indicated by vertical lines. The remaining sections are divided into three panels
according to phase--Panel 1: _o = 0.70, 0.80, 0.88; Panel 2: _ = 0.92 (IDS data)
and 0.94 (ROE data); Panel 3: _ = 1.09 (from Tomaszewski et al., 1980).
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a significantvariationin the percentageof
polarizationpeakscoincidingwithmolecular
andatomicabsorptionfeatures.Thisbehavior
hasalsobeenstudiedin theotherMira vari-
ables,RCarandRCen,byCodina-Landaberry
and Magalhaes (1980); they see changes across
the TiO X6159 band in R Car and R Cen that
are decreases in percentage of polarization not
accompanied by significant position angle
changes. In contrast, in R Boo and U Her,
Landstreet and Angel (1977) observe clear
variations of about 20 to 30 ° in position angle
across the strongest absorption features
longward of 5500/_. Coyne and McLean (1979)
notice that the location of the UV dip varies
from star to star.
Because the carbon stars have rarely been
subject to polarization measurements, the ob-
servation of R Lep, a carbon Mira, is of special
interest. This star was observed by Landstreet
and Angel (1977) at minimum light (_ = 0.49).
The polarization spectrum is nearly featureless,
but a sharp change of position angle is observed
at the Na I D lines.
The Semiregular Variable, V CVn. Important
clues for the interpretation of the observed po-
larization have been extracted from V CVn, es-
pecially through two sets of observations by
Coyne and Magalhaes (1977, 1979). In this star,
the wavelength dependence of the polarization,
P(X), in the blue-violet range strongly varies
with time from 2 to 8 percent. The last re-
markably large percentage often, but not al-
ways, coincides with minimum light. Relevant
features of the P(X) curve are: (1) an increase
of the polarization near H_ with a shift of the
polarization peak to shorter wavelengths as the
polarization in the visual increases from about
2 to 8 percent; (2) a rising of the continuum po-
larization in the UV at the high-polarization
phases, following a wide minimum at about
3800/_, or UV dip (also noted in o Cet, see
above; Figure 2-31); (3) a change with time of
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Figure 2-31. Temporal changes in the wavelength dependence of the polarization in the semiregular
M star, V CVn, in 1976: (a) February 19-23, (b) February 25-26, (c) April 8-11, (d) April 22-28,
(e) May 7-8, (f) May 14-18, (g) June 5, (h) June 13-14, (i) June 23 (from Coyne and Magalhaes, 1977).
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theratioof thepolarization in the H3 region
to that in the adjoining continuum; it is less
than one at the high-polarization phases and
about one at the lower polarization phases; and
(4) across the TiO bands, a clear dependence
of the change in polarization across the 4955
._, band for which increases at times occur (see
Figure 1 in Coyne and Magalhaes, 1979) and
are seen with smaller amplitude across the 5167
,_ band; otherwise, there is no observed change
in the polarization greater than + 0.1 percent
across any of the other TiO bands. There is vir-
tually no change in the polarization angle with
time.
Other semiregulars, such as S Lep and L 2
Pup observed by Codina-Landaberry and Mag-
alhaes (1980), are also known to show changes
at the time of observation (i.e., decreases)
across at least one of the two TiO bands
studied. S Lep shows changes across the TiO
band at 4761/_; L 2 Pup shows changes across
the TiO bands at 4761 and 6159/_ and across
the Ca I 4227 /_ line for which the position
angle at this wavelength also strongly differs
from the one expected from the small gradual
rotation position angle with wavelength. On the
other hand, there is no significant position
angle rotation at the TiO bands.
The Supergiant Semiregular Variables, # Cep
and t_ Ori. For # Cep, unlike the previous stars,
the wavelength dependence of polarization
shows variations in both degree and position
angle across each of the observed TiO bands
(McLean, 1979; Coyne and Magalhaes, 1979).
This makes us expect a different origin of
polarization from that found in V CVn, all the
more since a )-4 curve never occurs for/t Cep,
as already noted in the section Overall Results
on Polarization. A UV dip is also present in this
star (Coyne and McLean, 1979).
Time variation of the change in polarization
has proved to be remarkably large in recent
years. Prior to 1980, this star was not known
to present large-scale polarization. The mea-
surements in wide bands by Coyne and Krus-
zewski (1968) showed a polarization varying
from about 0.2 to 2.5 percent. Narrowband
182
observations in October 1976 (McLean, 1979)
also reported an increase in percentage from red
to blue of about 0.7 to 1 percent. Furthermore,
in June 1979, the polarization measured by
Coyne and Magalhaes (1979) belonged to this
range of variation. However, from August to
December 1980, wideband polarization mea-
surements showed a surprisingly high per-
centage--around 4 percent (Arsenijevic et al.,
1980; Hayes, 1981a). Then, measurements from
August (P - 2.47 percent) to December (P -
1.85 percent) 1981 indicate that a remarkable
decrease occurred in the course of about 1 year
(Hayes, 1982). The polarization angle did not
change significantly in 1980 and in 1981. We
are not aware of spectroscopic observations
during that time; however, if such observations
exist, it would be interesting for the interpreta-
tion of such an event to determine whether the
hydrogen emission (Balmer alpha is observed
near maximum light in/_ Cep; see the section
Hydrogen Emission Lines) was barely visible
when the polarization was high at 4 percent, as
is the case in L 2 Pup.
For ct Off, we choose to present two sets of
data, each being quasi-continuous over several
years: (1) multicolor observations from 4250 to
8250 _ during seven observing periods from
December 1973 to February 1975 (Tinbergen et
al., 1981); (2) wideband (B filter) measurements
over four consecutive observing seasons dur-
ing 1979-1983 (Hayes, 1980, 1981b, 1984); as
an example, the 1979-1980 and 1980-1981
observations are reported in Figure 2-32 (up-
per panel) as plots of the degree and angle
polarization against time (Schwarz and Clarke,
1984). Figure 2-32 (lower panel) reports the po-
larization data as a function of wavelength
from 4500 to 8000 _, by Tinbergen et al.
(1981), at various dates, in a presentation again
due to Schwarz and Clarke: the degree of polar-
ization shows a monotonous increase with de-
creasing wavelength from 6600 to 5000 _, cor-
responding well to a X-4 law. Furthermore, for
a given observing time, when the polarization
in the various filters from 6600 to 5000/_, is
plotted in the Stokes vector diagram, it falls on
a straight line. All these facts suggest that a
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Figure 2-32. The polarization in the M supergiant, c_ Ori. Upper panel." Hayes's polarimetric data
as plots of P and Op against time from 1979 to 1981 (the units for P are 10 -4 (i.e., 0.01 percenO while
Op is in degrees in the equatorial frame). Lower panel: Tinbergen et al. "sdata plotted as P(X) curves
for different dates of observation: (1) 01.12. 73; (2) 01.02. 74 to 06.02.74; (3) 19.02. 74 to 24.02. 74;
(4) 27.02.74 to 06.03.74; (5) 07.03.74 to 14.03.74; (6) 23.08.74 to 26.08.74; (7) 04.02.75 to 08.02.75
(from Schwarz and Clarke, 1984).
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singlephysicalprocessi responsiblefor the
polarizationin thequotedwavelengthrange.
Theobservationsdisplayedin Figure2-32
emphasizetimevariations.Fromtheupper
panel,the importantpointsnotedby Hayes
(1980,1981b)are:(1)changesin theposition
angle;(2)analmostcompletereversalof the
directionof polarizationthathappenedbetween
OctoberandDecember1979;and(3)theoccur-
renceof twodistincteventsuggestedbydif-
ferencesin themorphologyof the1979-1980
and 1980-1981observations.Significant
changestakeplaceontimescalesof aboutone
to severalmonths.Also,changesin thestellar
brightnessdistributionovertimescalescor-
relatedwithchangesin theHayespolarization
measurementsarereportedbyGoldbergetal.
(1981).
Finally,it isworthnotingthatCoyne and
McLean (1979) do not find clear evidence of
polarization structure in high-resolution H_
data and 50 ,_ scans of the yellow TiO bands
in o_ Ori. In fact, Clarke and Schwarz (1984)
obtain a variation of the degree of polarization
in the TiO absorption features on 50 _ resolu-
tion spectra; the polarization is less than 1
percent.
In addition, we recall that polarization up
to 90" from the central star has been observed
by McMillan and Tapia (1978). (See the section
Overall Results on Polarization.)
Interpretations of the Polarization Observa-
tions. The wavelength dependence, as well as
the time variations of the position angle and of
the percentage, are characteristics of the intrin-
sic polarization. It is now admitted that their
interpretation may require the combination of
several mechanisms in the same star; for exam-
ple, the fact that the observed variations in
polarization across absorption features some-
times occur primarily in P and sometimes in O
suggests that in some cases two different polari-
zation mechanisms (having different principal
axes) are competing to produce the observed
polarization (Landstreet and Angel, 1977).
Also, besides the mechanisms of the polariza-
tion, intrinsic polarization can be expected only
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if there is a concomitant asymmetric atmo-
sphere. In brief, even if the physical processes
underlying the observations are not yet under-
stood in detail, theoretical models put forward
to explain the origin of polarization are linked
to "the scattering properties of either asym-
metrically distributed circumstellar grains
and/or the photospheric gas," as concisely for-
mulated by Magalhaes (1981). The merit of the
higher wavelength resolution observations with
regard to the large-band data was to show that
dust alone is not accountable for the intrinsic
polarization, but that a contribution from the
photospheric gas may be required.
The various sources of asymmetries for a
nonuniform brightness distribution over the
photosphere may be: (1) geometrical effects of
nonradial pulsation; (2) pole-to-equator tem-
perature gradients or small variations of tem-
perature over the stellar surface; for example,
coming from cooler regions of grain formation
or from hotter spots at the surface (the excess
brightness near the limb breaks the azimuthal
symmetry and results in net residual linear
polarization); (3) giant convective cells accord-
ing to the Schwarzschild (1975) hypothesis; and
(4) active regions on the stellar surface. As for
the envelope, its likely clumpiness would make
it appear asymmetric when viewed from any
angle. Finally, asymmetries produced by the
dynamical effects of a binary system may exist
(as is probable for o_ Ori as discussed below).
McCall and Hough (1980) point out that such
nonuniformities not only provide highly asym-
metric scattering geometries, but also cause
anisotropic illumination of the dust envelope.
Details on the origin of the continuum po-
larization, as well as on the UV dip--probably
due to absorption by the numerous lines around
4000/_--have been thoroughly developed in the
Coyne and McLean (1979) review. In the
following, we discuss the up-to-date theoretical
models favored for explaining some specific
observations described above. (It would thus
be most interesting to have polarization
measurements in the corresponding region in
N-type carbon stars which exhibit a more dras-
tic decrease in flux shortward of 4000/_.)
Causes of Polarization Variations Across
Molecular Absorption Bands or A tomic Lines.
On the basis of the observations in V CVn,
Coyne and Magalhaes (1979) suggested that the
time variations in the polarization across TiO
absorption bands (with no change in the polar-
ization angle) support the model of Harrington
(1969). In this model, the radiation emitted in-
to the line of sight from near the stellar limb
of the pulsating atmosphere is polarized by
Rayleigh scattering. (The polarization is largest
near the maximum expansion.) According to
Magalhaes (1981), who combines Tsuji's
(1978a) model atmosphere computations for M
stars with Harrington's model, it is indeed
relatively small changes in the ratio of absorp-
tion to scattering due to variations with time
in the photospheric optical depth that produce
the observed polarization changes, particularly
verified across the 4955 /_ band in V CVn.
Thus, as emphasized by Coyne and Magalhaes
(1979): "the time dependence of the polariza-
tion in V CVn is fundamentally connected to
the pulsation cycle and to photospheric parame-
ters which vary with the pulsation cycle...name-
ly: temperature, extent, ratio of absorption to
scattering, variation of source function, mo-
lecular constituents and their energy states etc."
Increase (such as in V CVn) or decrease (such
as in S Lep, L 2 Pup, or o Cet) in the bands is
related to the optical depths at which the
Rayleigh scattering (mainly by atomic and mo-
lecular hydrogen) dominates over the absorp-
tion (mainly by TiO and H-). Magalhaes
(1981) writes: "In certain cases, this region is
situated too deep in the atmosphere [as when
later spectral types are considered], in which
situation only decreases should be expected. In
others, the relevant region may be found nearer
to the surface so that either decreases or in-
creases may be expected." Incidentally,
Codina-Landaberry and Magalhaes (1980) re-
mark that small solid particles could well exist
in the very outer atmospheric layers and partly
contribute to scattering in the visible region.
For Coyne and Magalhaes (1979), the more
likely source of the asymmetry required to give
a net polarization integrated over the disk
necessitates the consideration of the star as a
rotating one: the asymmetry is produced by
systematic pole-to-equator temperature differ-
ences due to pole-to-equator gravity differ-
ences. An equatorial rotational velocity of
about 11 km/s (rotational period -7 years),
which is a reasonable value for red giants
(Allen, 1973), is implied.
The high polarization across the Ca I ab-
sorption line at 4227 A in L 2 Pup or o Cet
would also come in support of the photospheric
mechanism as suggested by Codina-Landaberry
and Magalhaes (1980). Furthermore, remember
that the position angle at this wavelength is very
different from the value for the continuum po-
larization and even from that in the TiO bands.
The authors just quoted imagine that the nec-
essary remarkable asymmetry at this wave-
length might be caused by an unevenly distrib-
uted Ca I across the stellar surface.
An alternative application of Harrington's
(1969) model is made to o Cet by Tomaszewski
et al. (1980). These authors interpret the ob-
served polarization as effects of Rayleigh scat-
tering in an atmosphere which is not uniformly
bright, owing to one large-spot region near the
limb which is hotter and brighter than the rest
of the photosphere. They explain local de-
creases through the strongest TiO absorption
bands and polarization increases in the weakest
bands as follows: "At wavelengths where ab-
sorption is strong, photons are likely to have
last interacted with photospheric material by
absorption and reemission (which usually re-
sults in no polarization) rather than by scatter-
ing. Thus, since local emission is largely unpo-
larized, the integrated radiation will be as
well."
In the supergiant, /z Cep, the polarization
varies in both degree and position angle across
each of the TiO bands. McLean (1979) suggests
two competing polarization mechanisms: a
photospheric Rayleigh scattering and Mie scat-
tering from circumstellar grains, the former be-
ing suppressed at wavelengths at which strong
molecular absorption dominates. However,
Coyne and Magalhaes (1979) attribute the po-
larization only to Mie scattering from grains in
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anextendedasymmetric envelope; the smaller
polarization observed in the continuum with re-
spect to the TiO bands might be due to a depo-
larization of the light undergoing a larger path
length. The authors propose the following
model: in the TiO bands are mainly seen the
outer regions of an extended asymmetric dust-
scattering envelope in which dust and gas are
well mixed and which is characterized by given
mean grain size and scattering geometry; in the
continuum are seen deeper regions of the enve-
lope characterized by different grain sizes and
another scattering geometry. In fact, if there
is a systematic increase of mean grain size with
distance to the star, Mie scattering calculations
show that the plane of polarization rotates by
90 ° beyond a certain grain size for a given
wavelength. Moreover, the systematic change
in scattering geometry of the envelope with dis-
tance might be caused by changes in the align-
ment of elongated grains.
The drastic rapid change in continuum po-
larization observed in 1980 in/_ Cep helps to
specify the source of the polarization. Accord-
ing to Hayes (1982), the observed time scales
of variability give evidence that the polarization
changes were not linked to a mass-loss event
as it traversed the extended circumstellar enve-
lope (1.8 years might be necessary for matter
to traverse one stellar radius in # Cep). Rather,
they are consistent with a continuum polariza-
tion originating in the lower atmosphere where
the survival of grains might be probable
(Draine, 1981; Schmid-Burgk and Scholz,
1981). In addition, the polarization variations
might be indirectly produced through photo-
spheric processes that control time changes in
the anisotropic illumination of the polarizing
circumstellar material (e.g., the waxing and
waning of one or, at most, a few large-scale
convective cells on the stellar surface).
The case of o_ Ori will be discussed in the
following section.
In o Cet, as well as in other Mira variables,
the flux is polarized in the Balmer emission
lines. These lines originate in the ionization
front of the shock wave traveling through the
stellar atmosphere. (See the section Atmo-
186
spheric Kinematics.) According to Feofilov
(1961), this ionization zone also produces
Lyman photons which are the polarizing agents
of the Balmer line flux (McLean and Coyne,
1979; Svatos and Solc, 1981). However, the
emitting region must not be spherically sym-
metric about the star. To circumvent this dif-
ficulty, Svatos and Solc argue for a magnetic
field transverse to the line of sight as a more
probable agent of the high polarization degree
in the Balmer lines.
The _ Ori Case: Is a Binary Nature Accoun-
table for Its Polarization Changes? Ordered (as
opposed to stochastic) polarization changes ap-
pear over the course of each of four consecutive
observing seasons in o_ Ori (Hayes, 1984). As
Hayes already proposed for # Cep, the time
scales of the changes suggest that the latter are
a manifestation of the waxing and waning of
large-scale convective cells at or near the pho-
tospheric surface. Tinbergen et al. (1981) also
adopt such an explanation. Schwarz and Clarke
(1984) and Clarke and Schwarz (1984) model
photospheric Schwarzschild's convection ceils
(hotspots) to give account for the observations
of Hayes and Tinbergen et al. Goldberg et al.
(1981), reconstructing the image of a Ori
observed by speckle interferometry in 6500/_,
continuum radiation on February 3, 1981, find
an asymmetry due to an unresolved bright fea-
ture near the southwest limb at position angle
208 °; they lend support to the Hayes model,
assuming the bright feature to be a convective
photospheric cell. Since the polarization re-
sumed its variation in October 1980 (see Figure
2-32, upper panel), these authors conjecture
that a bright feature developed in September-
October 1980 on or near the stellar limb at posi-
tion angle 208 o and grew in luminosity until
around the end of December 1980 when the in-
tegrated visual light curve begins a steady
decline. They support their conjecture that the
asymmetry needed for a net polarization is due
to a convective cell by the fact that on February
1, 1981, the angle of the plane of polarization
was within 5 o of being at right angles to the
direction of the bright spot. They interpret the
evolutionof thecellin relationtotheobserved
polarizationdegreein thefollowingmanner:
"Theprogressiveincreasein theangleof the
planeofpolarizationbeforeandafterFebruary
3implieseitherthatthebrightfeaturewasmov-
ingaroundthelimb,whichseemsunlikely,or
thatlightfromthesurfacefeaturewasbeing
scatteredbymaterialinmotionabovethelimb
andchangingitsorientationwithrespecttothe
activeregion."However,Karovska(1984)con-
teststhesetwo interpretations.Sheremarks
that,duetotheincreaseobservedinthepolar-
izationanglefrom,say,November17,1980,
to April 28,1981(i.e.,A0 -- 52°), the bright
feature ought to have a proper motion on the
stellar disk characterized by a too high veloc-
ity. Karovska also applies the remark to an
eventual scattering matter in motion above the
stationary cell. She suggests that the unresolved
bright feature observed by Goldberg et al.
(1981) is a companion star near o_Ori (see the
section Geometrical Shell Expansion) that
might account for the observed changes in po-
larization. The Hayes data show that the polar-
ization degree strongly increases from the end
of 1980 to the beginning of 1981. During this
period, the companion might be embedded in
the dusty patch observed by Roddier and Rod-
dier (1983; see the section Geometrical Shell Ex-
pansion). The scattering dust, together with the
companion position, might favor the increase
in polarization. We suggest that phase-locked
polarization variations in the Stokes parameters
(Q, U) frame should help to decide on the a
Ori binarity. However, the problem might be
confused by the presence of another, farther
companion.
The Magnetic Field Hypothesis Applied to Mira
Stars. Svatos and Solc (1981) recognize that
grains--dirty silicates--exposed to short-wave-
length radiation might be responsible for the
polarization in o Cet. These authors conclude
that Mie scattering in an asymmetric envelope
cannot explain the observed high degree of con-
tinuum polarization because, in particular, only
low departures from spherical symmetry (less
than 15 percent) have been found by Speckle
interferometry by Labeyrie et al. (1977). Thus,
just as for explaining the polarized Balmer flux,
they call on a magnetic field. Its global value
(about 150 gauss) is chosen to be sufficient for
obtaining the particle orientation. The transfer
of the signal that triggers the polarization is by
radiation because it seems more reasonable to
the authors that "the location of dust is far
from the place where storming processes due
to stellar pulsation occur." The source of the
grain irradiation energy is surface magnetic
flares (or magnetohydrodynamic (MHD) shock
waves). The grains irradiated continuously due
to flares are responsible for the polarization
observed over the entire cycle.
The cyclic variability of the degree of po-
larization is due to changes in irradiation of the
amorphous silicate grains due to changes in
their optical properties, linked to chaotic flare-
like events (Svatos, 1980). Particularly, en-
hanced polarization degree is caused by the in-
crease of the imaginary part of the refractive
index.
On the other hand, UV emission in the con-
tinuum and in lines in o Cet is observed from
the IUE satellite before the maximum visual
light, showing that UV radiation also lies in the
ionization front of the shock wave, according
to the model of Hinkle and Barnes (1979a). So,
this further irradiation acts at phase 0.8 where
the shock wave rises in the photosphere, ex-
plaining the observed UV sudden enhanced
continuum polarization at that time. Inciden-
tally, the temperature of irradiated grains in-
creases, causing the enhanced 10-#m flux at this
phase. (See the section Time Variability of In-
frared Excesses.)
Finally, Svatos and Solc (1981) distinguish
three types of polarizing silicate grains by look-
ing to Shawl's (1975) observations in various
filters; some particles scatter in N and U col-
ors, others in B, G, and O, and the last ones
in R and I colors. Consequently, they propose
the model envelope for Miras, shown in Figure
2-33, that completes the model by Hinkle and
coworkers from the molecular gas. (See the sec-
tion Photospheric Kinematics.) Three regions
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Figure 2-33. Schematic representation of dust
in the extended atmosphere of Mira variables
submitted to a magnetic dipole field assumed
to be perpendicular to the plane of drawing.
The various T reported on the figure repre-
gas
sent the CO, OH, and H20 gaseous regions
described in Hinkle and Barnes's (1979(I) shock-
wave model applied to R Leo (also see the sec-
tion, Further Probes of the Pulsating Photo-
sphere). R ° is the measured diameter in the
blue color and the TiO bands by Labeyrie et
al. (1977); _o is the grain radius in #m (from
Svatos and Solc, 1981).
are defined. Region I is the region of gas; re-
gions II and III (which have a cloudy structure,
lowering the value of the global magnetic field
by enhancing it locally in the dust clouds)
mainly contain the silicate grains which become
bigger and bigger--by impurities sticking on
them as they move away from the star (Draine,
1981)--i.e., more and more efficient from UV
to near IR to reproduce the P(X) behavior. In
region II, where the 800 K quasi-stationary gas
layer (which is at the origin of grain formation
with a resulting outward acceleration) is located
(see the section Summary: Structure of Expand-
ing Gaseous Envelope), there are "perfectly"
oriented elongated grains due to paramagnetic
relaxation (Dolginov and Mitrofanov, 1977);
these grains are responsible for the relatively
large continuum polarization (1 to 4 percent)
in the visible. (They polarize at B, G, and O
wavelengths mainly with a X-4 law.) In region
III, which is far from the star, the grains are
partly oriented as they suffer both field and
radial orientation and produce less polariza-
tion. (They polarize in R and I wavelengths with
a nearly k -1 law.)
The systematic change in alignment of elon-
gated grains with distance from the star (i.e.,
change in scattering geometry) has already been
evoked by Coyne and Magalhaes (1979) as a
likely cause of the interaction of stellar winds
on magnetic fields. Dolginov and Mitrofanov
(1977) study the influence of magnetic fields of
various strengths on the orientation mechanism
of the particles lying in the outflow of gas and
dust (either paramagnetic relaxation or the
relative motion of the dust and the gas) and,
consequently, the percentage of polarization to
expect.
Although dust might be the main polariza-
tion mechanism in Miras, the polarization
structure (decrease) in the TiO bands (without
any significant change in 0) shows that at least
a part of the polarization originates in the
stellar atmosphere, possibly following the pho-
tospheric scattering mechanism developed
above for V CVn. However, if the grains are
outside the region of TiO formation, decreases
in polarization across TiO bands might be
caused by the great optical depth of these bands
(Coyne and McLean, 1979).
Conclusion: The Magnetic Field Frame
To conclude, we comment on the influence
of magnetic fields on the outer layers of Miras
presented by Svatos and Solc (1981). They pro-
pose what likely happens to the dust above the
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800K stationarylayer. Let us remember that,
concerning o Cet, dust has been detected up to
at least 30" (i.e., 1650 R.) through polariza-
tion measurements (Coyne and McLean, 1979).
Svatos and Solc (1981) superpose flares on
the photospheric shock waves. These flares are
necessary to produce irradiation of the dust
grains and to account for the variable degree
of polarization. However, flare-like activity
supposes erratic strong intensification of
Balmer lines, Ca II lines, and UV continuum
(see Rodonb, this volume). Rather, we favor
magnetic waves (more precisely, acoustic slow-
magnetic shock waves) that travel along mag-
netic flux tubes (Leibacher and Stein, 1981) and
are able to heat magnetic regions, particularly
the dust clouds assumed by Svatos and Solc.
These waves dissipate higher up in the atmo-
sphere than the photospheric shock waves
because they have a longer period. Moreover,
it might be that, in the higher layers of the at-
mosphere, the variability in emergence and de-
cay of the magnetic field dominates (i.e., tem-
poral changes in magnetic field strength are ex-
pected there). Such magnetic waves also appear
to be very attractive for explaining the erratic
behavior of chromospheric emission lines in
some carbon stars (Querci and Querci, 1985a;
see also the section Atmospheric Kinematics).
In support of the magnetic presence, besides
the first attempt by Donn et al. (1966, 1968)
to explain a few percent visual polarization by
a magnetic field of 100 gauss acting on sub-
micron graphite disks, Marcondes-Machado
(1979) shows that magnetic grains (Fe304),
which are probably condensing in the envelope
of M stars, can be aligned by a minimum
magnetic field as low as 1 x 10 -5 gauss. (As
a purely theoretical example, this author adds
that a 10-gauss dipole magnetic field at a stellar
surface would give a 0.03-gauss field at 7 R,.)
The produced polarization has a wavelength
dependence qualitatively similar to the observed
intrinsic continuum polarization; for example,
the agreement between the theoretical polari-
zation curve and the g Her observations is
striking.
Further support to the presence of a mag-
netic field might be given by linearly polarized
SiO maser emission from R Leo (Clark et al.,
1980), where the position angle of polarized
emission varies systematically with respect to
the spectral-line center. Magnetorotation might
be the cause of this change in position angle,
with a magnetic field of 9 x 10-3/cos 0 gauss
(where 0 is the angle between the magnetic field
and the line of sight). Also, magnetic fields are
proved by radio flares as observed, for exam-
ple, on the M supergiant, a Ori (Oster, 1971),
on the C giant, V Cyg (Querci et al., 1979), or
on the M giants, R Aql (Woodsworth and
Hughes, 1973) and ct Cet (Boice et al., 1981).
Finally, as emphasized by Coyne (1979),
polarization might be the best probe of stellar
magnetic fields.
Strengths of magnetic fields are poorly
known among late-type stars. Direct observa-
tions of the Zeeman effect are rare (Babcock,
1958). Nevertheless, there is evidence for time
variability in the magnetic fields; this variability
may be partially responsible for the difficulty
some authors have had in confirming Bab-
cock's work (see comments by Stencel and Ion-
son, 1979, and Slovak, 1982). In addition, mag-
netic fields could have very low strength. We
mentioned previously that a few gauss should
be sufficient to act on the polarization mecha-
nism. It is encouraging that a stellar magneto-
meter able to measure longitudinal magnetic
fields as small as a few gauss has been as-
sembled by Borra et al. (1984).
As for the mechanism-generating fields in
red giants and supergiants, it is still debated.
Though these stars have deep convective zones,
their angular velocity is much lower than a
main-sequence star and the radius to pressure
scale-height ratio is of the order of unity
(Wdowiak, 1977), making a hydrodynamical
dynamo unlikely. First proposed by Levy and
Rose (1974) and then reviewed by Wdowiak
(1977), magnetic fields could be generated in
a rapidly rotating core during helium-shell flash
instability, with subsequent rise to the surface
because of the buoyancy of the magnetic flux
tubes.
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GEOMETRICAL SHELL EXTENSION--
THE DIRECT APPROACH
We discuss here the "direct" approach to
measuring the angular diameter of stars and/or
to mapping the distribution of dust and gas in
their circumstellar shells. In fact, the approach
is not really direct because the definitive results
must be extracted from geometrical optics
through physical optics (Ridgway, 1981b;
Wing, 1979).
Generally speaking, the derived apparent
angular diameters assume a stellar disk with
uniform brightness distribution and/or a linear-
ly fully darkened disk. Information about limb
darkening is required to obtain a "true"
angular diameter from the apparent one. The
correction factor for limb darkening as a func-
tion of wavelength can be calculated from
model atmospheres (for example, Manduca,
1979); in consequence, it is limited by the in-
herent assumptions in the models. A possible
observational determination of limb darkening
might be reached by multiwavelength mea-
surements through the techniques that yield
angular diameters.
The spatial scales of dust distribution and,
more generally, stellar angular diameters are
provided by lunar occultation techniques or by
the numerous interferometry techniques--
Michelson or heterodyne spatial or speckle or
rotation-shearing interferometry. The use of
lunar occultations has led to a rapid expansion
in the acquisition of angular diameters for nu-
merous giants (e.g., Ridgway et al., 1979,
1980a; White, 1980). Measurements in visible
and near-IR wavelengths (say, up to filter K)
are suited for stellar photospheric diameters.
Longer wavelengths measure circumstellar
shells. Let us mention the importance of stellar
angular diameters for the interpretation of
stellar spectrophotometry, in particular for the
calibration of cool-star effective temperatures
(Ridgway et al., 1980b).
Reviews about the techniques and/or their
results may be found, for example, in Davis and
Tango (1979) and in Johnson and Allen (1981).
Here, we choose to present two stars that have
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been observed at length and that display the
state of the art in the "direct" knowledge of
their size and structure: (1) one of the most fre-
quently studied stars in high angular resolution
astronomy, the M supergiant, o_ Ori, that
teaches the most on a spatial stellar structure,
and (2) the prototype of very dusty stars, the
carbon star, IRC + 10216. We do not intend
to discuss the data in terms of radial density
and temperature distributions or mass loss (see
Goldberg and Lef_vre, this volume).
The M Supergiant, c_ Ori
Multimeasurements at various optical wave-
lengths (for example, from the pioneer inter-
ferometric observations by Michelson and
Pease in 1920, listed in Tsuji, 1976; in Wilker-
son and Worden, 1977; and in Welter and Wor-
den, 1980) evaluate the photospheric apparent
angular diameter and show its variability. A
mean value is about 0_'050, with a minimum of
0."034 and a maximum of 0."069. From the
diameter estimates by Bonneau and Labeyrie
(1973) and Welter and Worden (1980), the
angular diameter appeared to decrease with in-
creasing wavelength, possibly due to decreas-
ing scattering by dust or molecules with wave-
length in the stellar atmosphere (also see Tsuji,
1978b). However, the observations by Balega
et al. (1982) and Roddier and Roddier (1983)
do not really confirm this trend (within the er-
ror bars). Also, the diameter measured in the
TiO strong absorption bands and their nearby
continuum shows a slight excess of about 0."004
in the TiO band as an effect of their opacity
(Lynds et al., 1976; Balega et al., 1982; Rod-
dier and Roddier, 1983). Finally, we have to
bear in mind that o_Ori is a variable star. Time
variability in the diameter is expected, with
minimum radius occurring near maximum light
when the photospheric layers are at their max-
imum compression, and vice versa. This state-
ment was called into question by White (1980),
who plots angular diameters of ct Ori, directly
measured at wavelengths between 0.51 and 0.65
#m, against phase. The trend indicates a rapid
increase in the diameter to maximum, followed
byamoregradualdecrease to minimum. How-
ever, Balega et al. (1982) show that such a varia-
tion of diameter with time is not meaningful
within the range of errors; errors in standard
deviations of the fitting at the 1_ confidence
level largely overlap when the fit to the data is
done through a sine or a serrated curve, as well
as a horizontal straight line. Also, arguments
of Guinan (1984) that the star attains its max-
imum radius near the time it is brightest remain
speculative, waiting for improvements in the
determination of effective temperatures for
supergiants and particularly for ct Or, (for ex-
ample, Tsuji, 1976; Scargle and Strecker, 1979;
Balega et al., 1982)•
Observing by heterodyne spatial in-
terferometry at infrared wavelengths suited for
determining the extension of the dust circum-
stellar shell, Sutton et al. (1977) find that the
dust exists outside 12 R. from ot Or,, while the
density of grains is rather low out to there.
Bloemhof et al. (1984), observing at 10 #m in
February 1983 with a new spatial array instru-
ment, give an effective outer diameter of the
dust radiation of about 2:'5 (i.e., 125 R,) and
detect a shell of dust emission at 0"9 (i.e., 45
R.) from the photosphere. We recall that cir-
cumstellar dust around t_ Or, has been detected
from 550 to 3300 R. by polarization measure-
ments (McMillan and Tap, a, 1978). Departure
from spherical symmetry of the circumstellar
envelope was apparent in the last-mentioned
observations and in the dust distribution found
by Bloemhof et al., as well as from line pro-
files off the stellar disk. (See the section
Physical Conditions in Gaseous Shells•) Such
shell asymmetry is also found by Ricort et al.
(1981) observing ot Or, by speckle interfer-
ometry in October 1979, by Roddier and Rod-
dier (1983, 1985) observing by rotation-shearing
interferometry in the visible at 5350/_ in No-
vember 1980 (see Figure 3 in Lef_vre, this
volume), and by Karovska (1984), also by the
same technique, in February 1982 in the con-
tinuum at 5350 and 6400 ._ and on a TiO band
at 6207/_. This set of observations constituted
an enormous advance in knowledge of the mor-
phology and the dynamics of the ot Or, at-
mosphere. The main results of the direct map-
ping are as follows:
• The curves representing the azimuthal
average of the observed fringe visibilities
as a function of spatial frequency indi-
cate an important temporal evolution of
the radial distribution of the visibility in
the envelope, over 28 months and 15
months with respect to Karovska's ob-
servations. (Let us recall that the fringe
visibility is a measure of the spatial distri-
bution of the radiation from a given
source; generally, this radiation consists
partly of stellar photospheric emission
and partly of CS dust emission•)
. None of these curves account for a stellar
disk with any limb-darkening coefficient,
but rather the curves are consistent with
a stellar disk surrounded with an en-
velope of dust scattering the visible light.
The stellar disk diameter is estimated to
0."035 _+ 0:'010 by Ricort et al. and to
0:'037 by Roddier and Roddier (1983;
uniform brightness distribution), with 85
and 40 percent of total irradiance coming
from the stellar disk, respectively. The
light scattered by the envelope therefore
increased from 15 to 60 percent, respec-
tively, while Karovska finds a decrease
to 30 percent 15 months after Roddier
and Roddier's observations (also in
agreement with measurements made 9
months later in November 1982 by
Petrov, as quoted by Karovska, 1984).
. The reconstructed image of ct Or, from a
map of fringe visibilities produced by the
star in November 1980 shows a stellar
disk surrounded with a bright half-moon
asymmetric cloud located at about 2.5 R,
(i.e., 0."05) from the stellar center and
about 1 R. large (Figure 2-34).
o The modulation of the fringe visibility
produced by a Or, on February 1982
reveals the presence of a companion
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Figure 2-34. Reconstmcted images of CY Ori from a map of fringe visibilities obtained on November 
30, 1980: (a) using the maximum entropy algorithm, (b) with the data extrapolated half-way up to 
the first zero of the Bessel function (from Roddier and Roddier, 1985). 
5 .  
located at about 0!'4 to 01'5 (Le., -20 to 
25 R*) at 80 " (mod 180 ") with respect to 
north in the east direction. The visual 
magnitude difference is 3.5. The presence 
of such a companion has also been con- 
firmed by Karovska (1984) on observa- 
tions by speckle interferometry obtained 
in November 1982 by another group (C. 
Aime). 
A bright feature (much brighter than the 
envelope) is mentioned by Karovska 
(1984) to be present in the November 
1980 reconstructed image: it is located at 
2 R* from the stellar center (Le., -0!'04), 
at 330 O with respect to north (mod 180 O).  
As suspected by Karovska, an identical 
feature might be present in the recon- 
structed image observed in January 1976 
by Welter and Worden (1980), but at 2.5 
R* and toward the direction 3 12 "5 with 
tion data (Karovska et al., 1985a, 1985b) 
sustains the existence of such a close 
companion to a Ori (Figure 2-35). It is 
also striking that the position angles 
calculated by Karovska (1984) at the 
dates of observation by Goldberg et al. 
(1981; see discussion in the section Inter- 
pretations of the Polarization Observa- 
tions) agree with the position angles 
derived by these authors. 
Again, as when interpreting the variability 
in the chromospheric emission lines (see the sec- 
tion Atmospheric Kinematics), we raise the in- 
fluence of the close companion for explaining 
the patchy dust shell observed by Roddier and 
Roddier (1985). Should grains survive at the 
Lagrangian point L,? The last is inside the 
chromosphere, more likely in the low chromo- 
sphere where the temperature might allow the 
Draine (1981) scenario to work to form the dust 
respect to north. It may be admitted that 
this feature is a close companion to the 
star. In fact, recent analysis of polariza- 
grains. If the grains are ejected at L, at a suf- 
ficiently low velocity, a streak of dust might 
form behind the moving companion during the 
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The Dusty Star, IRC + 10216 
Figure 2-35. Schematic geometry for a Ori sys- 
tem showing the close companion orbiting a 
Ori. The possible eccentric orbit for the com- 
panion is characterized by: P = 2.08 k 0.05 
years, T = 1980.4 0.1; e -0.35 f 0.05; i 
= 30" k IO"; Q + w = 66" k IO" (from 
Karovska et al., 1985b). 
observed part of its orbit around a Ori and give 
the half-moon cloud observed by Roddier and 
Roddier near the stellar surface. The cloud then 
expands by radiation pressure on the grains 
such that IR emission is observed at several tens 
of stellar radii in direct IR mapping by 
Bloemhof et al. (1984). 
The a Ori binary nature is also very attrac- 
tive for explaining the asymmetries in the shells 
observed in directions variable with time (see 
the sections Physical Conditions in Gaseous 
Shells and Overall Results on Polarization); it 
should be the clue to understanding the dust 
distribution that suggests the involvement of lo- 
calized and temporary instabilities in the ejec- 
tion of material from a Ori (Bloemhof et al., 
1984). Indeed, more progress in the comprehen- 
sion of the a Ori dynamic structure is expected, 
as soon as more information on the companion 
star@) is available and more coordinated obser- 
vations (by spectroscopy, photometry, and 
polarization) are obtained. 
It is now established that IRC + 10216 is 
a carbon Mira variable (from 1-pm spectra; 
e.g., Herbig and Zappala, 1970), nearby (d - 
200 to 300 pc), luminous (one of the brightest 
5- to 10-pm source), heavily enshrouded in an 
extensive dust envelope of its own making (see 
Table 1 in Lafont et al., 1982, for the assumed 
parameters of IRC + 10216). The degree of 
obscuration is such that all the photospheric 
stellar radiation is absorbed and reemitted by 
the dust. Various multiwavelength infrared 
measurements give indications on the size and 
shape of the dust envelope and the molecular 
clouds. 
Table 2-5 summarizes data from the litera- 
ture on the angular extent of the emitting 
regions. The dust cloud has been mapped up 
to a radius of 27" ( -  1200 R*), and the CO 
cloud up to a radius of at least 3' (8000 R*). 
The star is quite asymmetric in its dust shells, 
with the amount of asymmetry varying with 
wavelength and radius. Elliptical contours are 
obvious when sufficient position angle coverage 
is available. At 4.6 pm, the axis ratio b/a is 
0.77, while at 0.8 pm, it is equal to 0.4 (Mariotti 
et al., 1983), with the major axis lying nearly 
north-south. As for the gaseous emitting 
regions near the star, we discussed a modeling 
by Keady et al. (1984) in the section Summary: 
Structure of Expanding Gaseous Envelope (also 
see Table 2-3). It would be interesting to deter- 
mine if the scattered light from the gas is as 
asymmetric as the dust emission by mapping 
observations in several directions through the 
center of the star (Beckwith, 1985). Such an 
available observation, the only one to our 
knowledge, is from the CO (2-1) emission pro- 
file that is circularly symmetric about the center 
of the star at 6' (Wannier et al., 1980; Knapp 
et al., 1982). 
It has been suggested that the nonspherical 
2.2- to 5.0-pm circumstellar dust geometry 
could represent a flattened disk viewed at low 
inclination or be caused by the binary nature 
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Table 2-5
Multispectral Spatial Mapping of IRC + 10216
k Diameter R/R.(a) Rcm References*
Dust Emitting Regions
0.8#m _E-W = 1" 22 1.5 X 1015 1
_N-S = 2"5 55 4 X 1015 1
2.2 #m _E-W = 0"14 3 2 X 10 TM 1,2
5/_m _E-W = 0"36 8 55 X 10 TM 1
2.2 to 5 #m _N-S = 0"48 11 7 X 10 TM 1,3,4
11 #m _(b) = 0"9 20 1.3 x 1015 1,5
20#m _(b) = <2"5 55 4 x 1015 1
40 tO 250 #m _(c) = 0'9 1200 8 x 1016 6
Gaseous Emitting Regions
CO (4.6aba#m) _N-S -- 1"3 30 2 X 1015 3
CO (4.6em#m) (d) _ - 4" 90 6 x 1015 7
HCN (mm) _ < 40" <980 <6 x 10 TM 8
CN (mm) _- 1'80 2400 1.6 x 1017 9
CO (1-0) _ - 2'3 3040 2 x 1017 8,10,11
CO (2-1) _sph - 6' 8000 5.5 x 1017 12,13
*References: 1. McCarthy et al., 1980; 2. Selby et al., 1979; 3. Dyck et al., 1983; 4. Mariotti et al.,
1983; 5. Sutton et al., 1979; 6. Fazio et al., 1980; 7. Sahai and Wannier, 1984; 8. Wilson et al., 1973;
9. Wootten et al., 1982; 10. Ulich and Haas, 1976; 11. Kuiper et al., 1976; 12. Wannier et al., 1980;
13. Knapp et al., 1982.
Notes:
(a)With d = 200 pc (see comment in Lafont et al., 1982)
(1"_----3 x 1015cm-44R. with 1 R, - 970R o from Keadyet al., 1984, and
1 R o = 6.96 x 10 l°cm).
(b)Lack of sufficient position angle coverage at high spatial frequencies to investigate an asymmetry.
(C)At a position angle of 151 o measured east from north (along the minor axis of the elliptical optical
image).
(d)By isolating radiation being scattered resonantly from the gas in the expanding envelope.
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of the star (e.g., McCarthy et al., 1980). A close
binary system may explain the evidence for a
mixed morphology (sphere plus disk) according
to Bowers et al. (1983), as well as the large
mass-loss rate (-1.5 x 10 -4 M<9 Yr-I from
Knapp et al., 1982). Also, an ellipsoidal or disk-
shaped envelope would generate the larger
polarization observed in IRC + 10216 (e.g.,
Fazio et al., 1980). Such large degrees of polar-
ization have been detected in other dust-
enshrouded carbon stars by Cohen and Schmidt
(1982). Particularly interesting is the extreme
C star, GL 1403, for which these authors find
two orthogonally polarized spectral compo-
nents, implying a dusty equatorial torus and
polar scattering lobes. Such a structure favors
an evolutionary link between those objects and
bipolar nebulae. On the other hand, Bowers et
al. (1983) suggest that evolved stars with non-
spherical envelopes, which are spatially rare,
are influenced by close binary companions,
while evolved stars with spherical envelopes
(most OH Miras) may be responsible for the
optical halos associated with some planetary
nebulae.
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CIRCUMSTELLAR RADIO
MOLECULAR LINES
Nguyen-Quang-Rieu
INTRODUCTION
Late-type stars radiate most of their energy
in the near- and mid-infrared regions. The en-
ergy distribution of Mira variables peaks
around 2 #m and the well-known infrared
source, IRC + 10216, is very bright between
2 and 20/_m. Many infrared stars similar to
IRC + 10216 are believed to be long-period
variables, their thick circumstellar shell almost
totally obscuring the central star. Reemission
of stellar radiation by warm dust grains causes
the infrared continuum flux. The extended
shells of both visible and unidentified infrared
cool stars also emit molecular emission lines at
centimeter and millimeter wavelengths. Since
radio lines can be excited by infrared photons,
a combination of infrared and radio observa-
tions is very useful in determining molecular ex-
citation mechanisms (Kwan and Scoville, 1974;
Deguchi and Iguchi, 1976; Elitzur et al., 1976;
Bujarrabal et al., 1980).
Late-type stars are characterized by mass
loss (see Goldberg, this volume). Sporadic ejec-
tion of matter or modulation of a continuous
process may produce stratification of the cir-
cumstellar shell (Bernat, 1981; Ridgway, 1981).
As a result, molecular lines can serve to probe
the physical conditions in different layers. In
particular, SiO masers (rotation lines in the
ground and excited vibration states) and in-
frared vibration/rotation molecular lines,
which need extreme excitation conditions (i.e.,
high gas densities and temperatures), occur
close to the stellar photosphere. On the other
hand, millimeter thermal emission from CO
and linear carbon chain molecules--the cyano-
polyyne family (HC2n + lN)--takes place in the
circumstellar envelope at several 10 to 103
stellar radii. Different shell layers can therefore
be sampled by observing appropriate molecular
transitions (Figure 3-1).
11z
_tine of._
Jdust,OH and H2Omasers,
raOio molecular tines
Figure 3-1. Schematic drawing of the
circumstellar envelope.
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CIRCUMSTELLAR MOLECULES
Molecules in space were discovered through
the ultraviolet absorption lines of CH, CN, and
CH + in stellar spectra (Swings and Rosenfeld,
1937; McKellar, 1940; Adams, 1941). The first
detection of interstellar molecules at radio
wavelength, the OH line at 18 cm, was made
by Weinreb et al. in 1963. The improvement of
radio astronomical techniques resulted later in
the detection of polyatomic molecules, NH 3
and H20, around 1.3 cm (Cheung et al., 1968,
1969). So far, about sixty molecules and many
of their isotopes have been detected, mostly in
the millimeter range, in the star-forming region
of Orion, in the galactic center (Sgr B2), and
in the circumstellar envelope of the carbon star
IRC + 10216, as well as in a number of dark
clouds.
The first discoveries of circumstellar
molecules were made through the detection of
OH and H20 maser lines in oxygen-rich late-
type stars, mainly Mira variables and red
supergiants (Wilson and Barrett, 1972; Knowles
et al., 1969; Schwartz and Barrett, 1970; Robin-
son et al., 1971; Nguyen-Q-Rieu et al., 1971).
SiO maser emission was later detected in these
objects (Snyder and Buhl, 1974; Kaifu et al.,
1975; Spencer et al., 1981). Subsequent sys-
tematic surveys in the 1612-MHz OH line in the
galactic plane resulted in the detection of OH
sources whose spectra exhibited the charac-
teristics of OH stellar masers (Winnberg et al.,
1973; Johansson et al., 1977; Bowers, 1978;
Baud et al., 1979a, 1979b). These OH sources,
which also have infrared but no visible counter-
parts (Schultz et al., 1976; Evans and Beckwith,
1977; Glass, 1978; Epchtein and Nguyen-Q-
Rieu, 1982), form the so-called "unidentified
OH/IR" class of objects. About 300 stars and
unidentified IR objects are known to emit at
least one of these maser lines (Engels, 1979).
Thermal CO emission has been detected in
the envelope of carbon-rich as well as oxygen-
rich stars (Solomon et al., 1971; Zuckerman et
al., 1977). Other molecules containing carbon,
such as HCN, HNC, and HC3N have also
been detected in some carbon-rich stars (Jewell
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and Synder, 1984; Olofsson et al., 1982b). In
particular, 22 molecular species and their iso-
topes have been found in the envelope of IRC
+ 10216, including a complex member of the
cyanopolyyne family, HC11N, which is also
the heaviest molecule so far detected in our
Galaxy (Bell et al., 1982). Recently, Thaddeus
et al. (1984) have identified nine of the pre-
viously unassigned lines in IRC + 10216 as
those emitted by the SiC 2 radical, which turns
out to be a compact symmetric ring molecule.
Table 3-1 lists the circumstellar molecules. (See
also Glassgold and Huggins, this volume.)
Circumstellar molecular lines are char-
acterized by their broad line width, which
reflects the large-scale expansion of the shell
(-5 to 50 km s-l).
MASER EMISSION
The radio emission from OH, H20, and
SiO presents characteristics of nonthermal pro-
cesses. The brightness temperature of maser
sources can be as high as 1014 K. While OH
and H20 masers correspond to transitions in
the ground vibration state u = 0, SiO masers
occur in excited vibration states v = 1, 2, and
3. Recently, SiS maser emission in the ground
state has also been detected in the envelope of
IRC + 10216 (Henkel et al., 1983).
Masers are variable sources whose intensities
are correlated with those observed in the near
infrared (Hjalmarson and Olofsson, 1979). A
high degree of polarization has been observed.
Population inversion can be achieved through
pumping by infrared radiation from warm cir-
cumstellar dust grains (Elitzur et al., 1976; Bu-
jarrabal et al., 1980) or from the central star
(Kwan and Scoville, 1974; Deguchi and Iguchi,
1976; Bujarrabal and Nguyen-Q-Rieu, 1981).
Details of the pumping mechanisms will be
discussed in the following sections.
Two-Level Maser
It is possible to describe a simplified maser
theory by representing all details of the pump-
ing mechanism in a two-level maser using the
Table 3-1
Molecules in Stars
Molecule Transition Star Characteristics
OH Radio Oxygen-rich
H20 Radio Oxygen-rich
SiO Radio Oxygen- and carbon-rich
CO Radio Oxygen- and carbon-rich
SiS Radio Carbon-rich
CN Radio Carbon-rich
CS Radio Carbon-rich
HCN Radio Carbon-rich
HNC Radio Carbon-rich
HC3N Radio Carbon-rich
HCsN Radio Carbon-rich
HC7N Radio Carbon -rich
HC_ 1N Radio Carbon-rich
C2H Radio Carbon-rich
C4H Radio Carbon-rich
C3N Radio Carbon-rich
CH3CN Radio Carbon-rich
SiC 2 Radio Carbon-rich
NH 3 Radio and IR Carbon-rich
C2H 2 IR Carbon-rich
C2H 4 IR Carbon-rich
CH 4 IR Carbon-rich
Maser emission
Maser emission
Maser and thermal
emissions
Thermal emission
Maser and thermal
emissions
Thermal emission
Thermal em_ss=on
Thermal em_ss,on
Thermal emtss_on
Thermal emission
Thermal emission
Thermal emission
Thermal emtss_on
Thermal emission
Thermal em_sseon
Thermal emission
Thermal em_sston
Thermal emlss,on
Thermal em_ss=on
Thermal em_ss=on
Thermal emission
Thermal emission
pump rates (Litvak, 1972). The populations of
the upper and lower levels n, and n / , are given
by the statistical equilibrium equation:
n (Aut + But ftl/(4r) + C,I + P/)
= n/ (B/u f/I/(47r)+ Clu + P/u ) ,
(3-1)
where A, I, B, I are the Einstein coefficients for
spontaneous and stimulated emissions, Bh, is
the absorption coefficient, and C n and Cz,, are
the collision rates. The pump rates, P,n and
Ph,' correspond to indirect population transfer
between levels u and / through other higher
levels which are not considered. P,,/and Ph, are
the pump rates which transfer population to the
lower and to the upper level, respectively. I is
the specific intensity, and ft is the solid angle
of the microwave emission.
To simplify the explanation, we shall ignore
spontaneous emission and collisions and as-
sume that the two maser levels have the same
statistical weight. The rate of fractional popula-
tion inversion can then be derived from Equa-
tion (3-1):
r/u - rt l = ,_o
n u + n I e + But _I/(21r) ' (3-2)
where P = P,,I + Ph, is the total net pump rate
and zaP = Ph, - P,I is the difference in pump
rates to the upper and lower levels.
Population inversion occurs when zaP > 0.
Furthermore, the maser is saturated when the
stimulated emission comes very much into
evidence, BtI2I/2rr >> P. The population in-
version then decreases inversely proportional to
the stimulated emission rate. In the saturated
211
regime, the pumping is the most efficient
because the population of the upper level is
transferred as fast as possible to the lower level
through stimulated emission. The saturation in-
tensity is defined as:
I s = 2_P/(Buta ) (3-3)
The population inversion rate An = nu - n I
can be expressed in terms of the unsaturated
rate An o, which is equal to (AP/P) (n + n):
An
o
An = (3-4)
1 + (Z/I)
The maser intensity I can be obtained by the
one-dimensional radiative transfer equation:
dI
= - KI+ e (3-5)
dx
The absorption and emission coefficients,
and e, are defined as:
x = (n I - n) But hv/(4_'Av) ,
e = nu A hul(47rAv) ,
where A is the spontaneous emission coeffi-
cient, and hu is the level energy separation of
the maser transition.
The solution of Equation (3-5) is:
C
I = I e-_x + -- (1-e -Kx) . (3-6)
o K
When population inversion occurs, (n >
n), g is negative, and the maser intensity in-
creases exponentially with path length. In the
saturated regime, Equation (3-5) gives:
dI KoI
_" "- - _ I , (3-7)
dx 1 + (I/I) o s
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and
I,-, / [1 - 2o(x-x)] ,
where Xo=X (1 + I/I) and x is the length
where saturation begins to occur.
Equation (3-7) shows that, when the maser
becomes saturated, the intensity increases
linearly with path length. Litvak (1971) has
shown that an unsaturated maser core can be
formed at the center of a spherical saturated
maser cloud.
Multilevel Radiative Transfer
A detailed study of molecular excitation re-
quires the resolution of the radiative transfer
and statistical equilibrium equations, involving
many molecular levels. For an expanding
spherical circumstellar cloud, the population of
a level i at a distance r from the central star is
given by:
hi(r) Y]j (Aij + Bijffij + Cij) =
(3-8)
Y:j nj (r) (Aji + Bij _i + Cji ) '
with A = 0 forj i ,
q
and A.. = 0 forj i
fl
A and B are the Einstein coefficients, and C
represents the collision rates. The mean radia-
tion field J, integrated over the line profile and
averaged over the angle, is usually calculated
by use of the escape probability formalism (see,
for example, Castor, 1970):
J= {l-[3(r) } S(r) + 13,(r) l, (3-9)
The source function S(r) is:
S(r) = - , (3-10)
where gi and gj are the statistical weights,/3 is
the probability that a photon emitted at r
escapes without being absorbed by the cloud,
and _,. is the probability of a photon which
escapes at r and strikes the central star. In
general,/3,., /is the contribution to the inten-
sity of all continuuum sources:
d/a , (3-11)
and
.., A_2 I1- e=r(v=l) I
(3-12)
where # is the cosine of the angle 0 between a
radius and the line of sight (Figure 3-2). ,_ _2/4rr
is the dilution factor of the stellar radiation
field (Bujarrabal and Nguyen-Q-Rieu, 1981).
The opacity is:
7"
o
r = (3-13)
l+(y-1)/a2 '
where y is the logarithmic velocity gradient
din V/dlnr, 7" is related to the population in-
o
version An by 7"0cx: rzan/V(r) (Castor, 1970),
and V(r) is the expansion velocity.
The population distribution of the entire set
of molecular levels can be calculated by sol-
ving Equation (3-8) and using Equations (3-9)
through (3-13). In particular, the population in-
version of the maser transition i -- j can be
determined, and hence the optical depth, as well
as the excitation temperature, Tx:
ni = _gi e_hV/_ Tex
n/ gi
(3-14)
The brightness temperature of the maser
source can then be calculated by an integration
along the line of sight:
{ AITB = Tex - Tbb (1 - e -_) , (3-15)
with
B'
; +Vex p
-Vexp
Circums_ettar
envelope
Line of sight
FRONT
l
- Vex p
Vstor
Intensity BACK
.1 ....
+ Vex p
m_ Vr
Figure 3-2. Spherical model of an OH cir-
cumstellar maser. The maser emission is con-
fined within a double cone (hatched area)
whose axis is along the line of sight (top). A
schematic maser spectrum is drawn (bottom).
The regions of the spectrum emanating from
the hatched areas in the circumstellar envelope
are also represented (hatched areas).
= h_._.Z°(eho/kr_ 1)-I
k
Tin, is the 3 K cosmic background temperature.
The convolution of T 8 with the antenna beam
will give the observed main-beam brightness
temperature. See Equation (3-16).
Characteristics of Circumstellar Masers
Circumstellar maser emission, namely that
of OH, is often characterized by a double-
peaked spectrum (Figure 3-3). This shape can
be explained in terms of a spherical model in
which the amplification path is maximum in the
direction of the line of sight which intersects
213
the centralstar (seeNguyen-Q-Rieuet al.,
1979).Inanexpandingsphericalshellforwhich
3, is constant and positive, the velocity field
can be expressed as: V(r) = Vexp (r/R*), where
V is the expansion velocity at the outer
exp
radius R. Equation (3-13) shows that the op-
tical depth along the z axis (0 = 0) is _/3' (see
Figure 3-1). In the case of an expansion due to
radiation pressure, _/is small (3' << 1) and
rmax >> "ro. Hence, the maximum amplifi-
cation, corresponding to the two spikes in the
maser spectrum, occurs in a narrow double
cone whose apex is the central star and whose
axis is the line of sight (Figure 3-2). The emis-
sion at the line center corresponds to the part
of the envelope outside the cone and perpendic-
ular to the line of sight with the smallest path
length. This geometrical effect is illustrated in
Figure 3-2, in the case of a circumstellar shell
expanding at a nearly constant velocity. The
angle 0e of the cone corresponds to the direc-
tion in which the line intensity drops to 1/e of
the peak intensities, IM,:
cos0 (%. - ,
where A V is the line width at 1/e IMa_ of the
narrow maser spikes.
Figure 3-3 shows the 1612-MHz OH spec-
trum and the maps of the maser emission from
the circumstellar shell of the unidentified
OH/IR object, OH26.5 + 0.6, obtained with
the very large array (VLA) by Baud (1981). The
maps indicate that the two maser peaks arise
from two compact regions at the center of the
source, while the emission toward the center of
the spectrum is more extended and exhibits a
ring-like structure. This observational result is
consistent with the model of an expanding
spherical shell described above. However, this
simple model does not account for some details
which can be explained by large-scale nonradial
motion or turbulence which may exist in the
shell.
In the framework of a symmetrical model,
the OH blue-shifted and red-shifted wings cor-
respond to the front and back of the shell,
respectively. Thus, the blue-shifted wing should
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lead the red-shifted wing to the observer. This
results in a phase lag between the blue-shifted
and red-shifted components. The phase lag,
which corresponds to the light travel time across
the entire shell, is - 1 month for a shell size -8
X 1016 cm.
T-he determination of the phase lag, and
hence the linear source size, by means of a
monitoring of the OH maser emission, com-
bined with interferometric measurements of the
angular size, constitutes a powerful method to
estimate the distance of the stars (Shultz, et al.,
1978; Jewell et al., 1979; Booth et al., 1981;
Baud, 1981; Herman, 1983). This method has
been extensively used to measure the distance
of unidentified OH/IR sources for which no
period/luminosity relation in the visible is
available.
Another interesting feature of the OH and
SiO circumstellar masers is that the maser emis-
sion is correlated with the infrared and optical
phases (Harvey et al., 1974; Fillit et al., 1977;
Jewell et al., 1979; Hjalmarson and Olofsson,
1979). However, the SiO fluxes appear to have
a phase lag with respect to the visual light curve
(see Hjalmarson and Olofsson, 1979). The cor-
relation with the infrared fluxes suggests that
the maser emission is pumped by a radiative
process.
The pumping by 35-gm photons emitted by
circumstellar grains may be operative in the
shell and gives rise to OH masers (Elitzur
et al., 1976; Bujarrabal et al., 1980). It has been
suggested that direct stellar radiation can pump
OH masers (Cimerman and Scoville, 1980). The
pumping of the SiO and SiS masers is achieved
by the infrared photons emitted by the central
star. Although the OH maser emission extends
far from the star, at several 103 stellar radii
(Reid et al., 1981), SiO masers occur very close
to the stellar atmosphere at a few stellar radii
(Elitzur, 1980; Bujarrabal and Nguyen-Q-Rieu,
1981). This is due to the fact that OH can be
excited by infrared radiation from warm cir-
cumstellar dust and that SiO is pumped by the
stellar radiation. Strong SiS maser spikes also
arise near the stellar surface. The pumping
mechanism of H20 masers is not well
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Figure 3-3. The OH spectrum (1612-MHz satellite line) (top) and the corresponding
maps at different radial velocities (with respect to the stellar velocity taken equal to
zero) of the OH/IR source, 0H26.5 + 0.6, observed with the VLA by Baud (1981).
The dot in each frame corresponds to the stellar position. Radial velocities in km
s -I are noted on top (left) of each frame, and the beam shape is represented in the
frame at bottom right. In a spherical shell, the maps corresponding to the extreme
radial velocities, 15.1 and -16. 7 km s -/ (red-shifted and blue-shifted peaks, respec-
tively), are associated with the part of the envelope confined within a small area in
the double cone (see also Figure 3-2), where the maser amplification is maximum.
The maps taken at velocities closer to the stellar velocity and corresponding to more
extended areas outside the cone show a more complicated shape, in particular a ring
structure (e.g., at velocities 3.8 and -5.3 km s-l).
215
understoodbecauseof thecomplexityof the
energylevelstructure.
Figure3-4displaystheSiSmaserspectrum
inthegroundstate(v = 0, J = 1-0 at 1.65-cm
wavelength of the carbon star, IRC + 10216,
observed at minimum light with the 140-ft radio
telescope at Green Bank together with the
calculated profile (dots) derived from an excita-
tion model of the kind described in the section
Multilevel Radiative Transfer (Nguyen-Q-Rieu
et al., 1984). The narrow maser spike at -40 km
s-1 is likely to be produced by the amplifica-
tion of the emission of the infrared core by the
gas in the immediate vicinity of the core. The
observations by Henkel et al. (1983) made at
maximum infrared light indicate that the maser
intensity is increased by -40 percent as com-
pared with the intensity at minimum.
The increase of the infrared flux and of the
mass loss during maximum light could be
responsible for the enhancement of the SiS
maser emission. It is noteworthy that weak CO
maser emission can exist in the circumstellar
envelope (Morris, 1980).
Strong circumstellar masers are probably
saturated. They are usually not subject to er-
ratic time variation, but instead vary smoothly
with the stellar phase.
OH emission is known to be polarized, up
to -60 percent (Robinson et al., 1970).
Circular polarization is usually observed, but
in some cases, polarization can change from cir-
cular to linear. Significant linear polarization
has been detected in SiO maser spectra (Troland
et al., 1979). The position angles of the po-
larized features vary with time. In the case of
the Mira variable, R Cas, sudden changes in the
position angles have been detected near the
maximum of the optical light curve (Clark et
al., 1982). Shock waves which can affect the
gain paths and the orientation of the maser cells
are believed to be responsible for this sudden
variation.
THERMAL EMISSION
Thermal CO emission in the ground-state (v
= 0, J -- 1-0) at 2.6 mm has been discovered
0.80
0.40
I
TMB (K)
- SiS
I I I I I l I I
J=l-O
I I
- 56 -48
Radia[ velocity (km
I I I I I I I
-40 -32 -24 -16 -8 0 8
Figure 3-4. The 18155-MHz SiS (J = 1-0) spectrum of the carbon star IRC + 10216. Dots corre-
spond to the theoretical spectrum derived from an excitation model. The blue-shifted feature at -40
km s -1 is the result of an amplification of the background stellar core by the SiS circumstellar maser
cloud (from Nguyen-Q-Rieu et al., 1984).
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in theenvelopeof the carbonstar, IRC +
10216(Solomonetal.,1971).Thermalemission
fromSiO,CO,CN,andCS(ground-state)and
theirisotopeswaslaterdetectedin anumber
ofoxygen-richandcarbon-richstars,aswellas
in someS-typestars(Wilsonet al., 1971;
Zuckermanetal., 1977,1978;LoandBechis,
1977;LambertandVandenBout,1978;Wan-
nier et al., 1979;Olofssonet al., 1982a).
Molecularspecieslike HNC, HCN, HC3N,
andotherlinearcarbonchainmoleculesalso
existintheshellofcarbon-richstars(Jewelland
Snyder,1984;Olofssonetal., 1982b).
Figure3-5showsthespectraof HNC(J =
1-0),SiS(J = 5-4),andHC3N(J = 10-9)
observedsimultaneouslyinthedirectionof IRC
+ 10216using the millimeter Onsala
radiotelescopeequippedwith a broadband
receiver(Olofssonet al., 1982a).
Contrary to SiO masers which arise in the
vicinity of the central star, thermal molecular
line emission extends over the entire envelope.
In this respect, thermal spectra give informa-
tion on the physical parameters of the entire
shell (namely, the mass loss, gas, and dust den-
sities). For example, spatial CO mapping of the
envelope of IRC + 10216 suggests that the
present mass loss rate may have been higher in
TMBIK)
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Figure 3-5. Simultaneous observations of HNC,
SiS, and HCflV lines around 91000 MHz from
IRC + 10216, using a broadband receiver in-
stalled at the focus of the 20-m Onsala radio
telescope (from Olofsson et al., 1982a).
the past (Wannier et al., 1979). The deter-
mination of the abundance of molecules and
their isotopic substitutes is useful in the un-
derstanding of the processing of matter involv-
ing the mixing mechanisms (Iben, 1981) and the
photodestruction process caused by the in-
terstellar ultraviolet radiation field (Huggins
and Glassgold, 1982). Neutral/neutral reactions
seem to be important in circumstellar shells,
while interstellar chemistry is dominated by
ion/molecule reactions. This is due to the fact
that high temperatures ( > 100 K) allow endo-
thermic reactions, as well as others with activa-
tion energy barriers, to proceed in the circum-
stellar envelope (Scalo and Slavsky, 1980; La-
font et al., 1982).
Molecular Excitation and
Line Profiles
The excitation of circumstellar molecules is
governed by Equation (3-8) in which both col-
lisional and radiative processes are involved.
Collisions, essentially with H 2, tend to ther-
malize the lines. This is usually the case with
CO lines in dense envelopes. Infrared radiation
from the central star and dust embedded in the
envelope can produce population inversion as
discussed in the section Characteristics of Cir-
cumstellar Masers.
The main-beam brightness temperature,
TMB, at a radial velocity, V, is obtained by
convolving the brightness temperature distribu-
tion, TB (see Equation (3-15)) with the an-
tenna main beam, which is assumed to be gaus-
sian (Olofsson et al., 1982a):
81n2 fpm=(1:) = B
pmul
T B (p, V)e -41n2 (P/B)2 pdp ,
(3-16)
where B is the full width at half power (FWHP)
of the antenna beam and p = r { 1 -
(V/Vxp)2 } 1/2 (see Figure 3-1). In Equation
(3-16), we have assumed a uniformly excited
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sphericalshell(T x is constant throughout the
shell), expanding at a constant velocity. If the
mass-loss rate is constant, the total particle den-
sity is N(r) cc r- 2. The optical depth can be ex-
pressed as (Olofsson et al., 1982a):
r(p,Vr) = r(B,O) × B
{p(1 -Vr/Vexp)2)l/2} -1 •
The diagram (Figure 3-6) which represents the
line profiles TMB (V r) as a function of the op-
tical depth, r (B,0), and the shell size, R e, ex-
pressed in units of beamwidth, B, is calculated
using Equation (3-16).
For an unresolved optically thin shell (posi-
tion 1 in the diagram), the profile is rectangular.
The line shape is parabolic if the shell is optical-
ly thick (position 2) and becomes flatter when
the shell size is extended with respect to the
antenna beam (positions 3 and 5). The profile
can exhibit a double-peaked structure for an
optically thin and resolved shell (position 4).
These effects can be explained by the fact that,
when the source is resolved by the telescope
beam, the part of the shell which is not inside
the beam corresponds to low radial velocity line
center. As a result, the contribution of this
outer shell to the main-beam brightness temper-
ature is not important and leads to a more or
less pronounced depression at the line center.
Therefore, a quick inspection of the line pro-
files can indicate the nature of the circumstellar
shell.
Line Asymmetry and Time Variation
Figure 3-7 shows a variety of line profiles
observed in the direction of IRC + 10216
T (B,O)
lO
i0 -I
10-2
10 -3
10 -4
VELOCIIY
& i t i i l , i , , , ,
0 0.5 I RetB.
Figure 3-6. A diagram representing various line shapes as a function of optical depth
(ordinate) and source size R e in unit of beamwidth B (abscissa). Dots correspond to
the points in the diagram for which the line profiles are calculated.
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Figure 3-7. A sample of spectra (CO at 115271 MHz, HNC at 90663 MHz, and HC3N at 90979 MHz)
from IRC + 10216 obtained with a high resolution spectrometer u/Av -- 4 × 10 5) (from Olofsson
et al., 1982a). VLs R is the radial velocity relative to the local standard of rest.
(Olofsson et al., 1982a). The spectra correspond
to different line opacities and source sizes, ac-
cording to the diagram shown in Figure 3-6.
The CO line emanates from an optically thick
extended shell. The HNC and HC3N transi-
tions correspond to optically thin regions.
Although the HNC shell is resolved by the
telescope beam, the HCaN shell appears to be
a point source. Theoretically, an estimate of the
shell parameters can be derived by fitting the
main-beam brightness temperature profiles,
calculated by using Equation (3-16), to the
observed spectra. However, the observed pro-
files (Figure 3-7) present some asymmetry in the
sense that the blue-shifted wing is systematically
weaker than the red-shifted one. This effect is
most prominent in the case of 13CO (Figure
3-8). It should be mentioned that in the SiS J
= 1-0 profile (Figure 3-4), the depression of
the blue-shifted wing is disguised by the maser
action which amplifies the stellar radiation and
thereby gives rise to a narrow spike at the blue
wing.
In fact, the hypothesis of a constant excita-
tion temperature throughout the circumstellar
cloud cannot account for the line asymmetry.
The inner shell is more excited and hotter than
the outer shell. As a result, along the line of
sight, outer colder material is absorbing emis-
sion from the hotter inner layers in the front
hemisphere, but such absorption does not af-
fect the back hemisphere. Similar asymmetry
also seems to be observed in o_Ori (Knapp et
al., 1980).
In order to account for this effect, instead
of using Equation (3-15), we shall calculate the
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Figure 3-8. The UCO spectrum (110201 MHz)
from IRC + 10216 showing the line asymmetry
(blue-shifted wing weaker than red-shifted
wing). Dots represent the spectrum derived
from a theoretical model (Nguyen-Q-Rieu et
al., 1984) which explains the asymmetry in
terms of an absorption of the emission from
the hot inner part of the envelope by the colder
outer layers.
brightness temperature separately for the front
(TB_) and back (TB+) hemispheres by in-
tegrating along the line of sight (see Figure 3-1):
_ =
(3-17)
o
Z (T,xfz)- Tbb) e-_'-(')K(z)dz ,
(3-18)
TB+ =
With
and
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Z
r+ =/ K(z') dz',
_(z) is the line absorption coefficient.
Figure 3-8 displays the observed _3CO spec-
trum of IRC + 10216, together with the spec-
trum computed (dots) by Equations (3-17),
(3-18), and (3-16) (Nguyen-Q-Rieu et al., 1984;
see also Morris et al., 1985).
The molecular line shape is sensitive to the
variation of infrared light. At the maximum of
the infrared light curve, infrared photons ( - 10
/_m) escaping from the central heating sources
(star or infrared core) can affect the outer shell
and enhance the line wings (Sahai et al., 1984).
The contrast between the line wings and the line
center can be higher at maximum light than at
minimum. In the case of IRC + 10216, it has
been shown that, at maximum, the line center
and the line wings of the SiS J = 6-5 transi-
tion can be enhanced by - 20 and - 40 percent,
respectively (Nguyen-Q-Rieu et al., 1984).
CONCLUSION AND PROSPECTS
Radio molecular lines appear to be useful
probes into the stellar environment. SiO masers
which are excited by stellar photons to a vibra-
tional level as high as v = 3 (Scalise and L_pine,
1978), which corresponds to an energy Elk
5300 K, provide information on the physical
conditions in the immediate vicinity of the
stellar photosphere. Lower vibrationally excited
transitions of SiO occur in u = 0 and 1 (E/k
<1800 K) sample regions in which dust grains
begin to form. The proximity of SiO masers to
the pulsating stellar atmosphere implies that
SiO observations can shed light on the kine-
matics and mass-loss process in the innermost
layers. As explained in the sections Multilevel
Radiative Transfer and Characteristics of Cir-
cumstellar Masers, the maser amplification and
hence the line shape depend on the velocity gra-
dient. SiO maser emission does not usually ex-
hibit a double-peaked profile typical of OH
masers, but a single feature centered at the
stellar velocity. This observational difference
suggestshatthevelocitygradientin theinner
regioninwhichSiOoccursishigher(seeEqua-
tion (3-13),where3' = dlog V/dlogr is now
>> l) than in the external envelope in which
OH masers are located (3" (< 1). OH masers
and thermal molecular emission of CO and
other molecules, including cyanopolyynes,
which can be excited by collisions with H 2 and
by infrared radiation from circumstellar dust,
can be used as probes into the physical condi-
tions (on a larger scale) throughout the
envelope. Valuable information on the physics
operating in the envelope of IRC + 10216 has
been recently obtained by high sensitivity obser-
vations and detailed theoretical analyses (Mor-
ris, 1975; Wannier et al., 1979; Kwan and
Linke, 1982; Olofsson, et al., 1982a; Nguyen-
Q-Rieu et al., 1984). However, accurate cir-
cumstellar chemistry still suffers from the lack
of data on chemical processes. Chemistry is
usually assumed to be frozen at its equilibrium
state in the inner region and unchanging dur-
ing the expansion of the envelope (McCabe et
al., 1979). This is probably true for species
which are not highly reactive, but not for
radicals. Nonequilibrium chemistry may take
place, for instance, in the regions in which
molecular abundances are governed by photo-
dissociation, which tends to produce radicals
(Goldreich and Scoville, 1976; Scalo and Slav-
sky, 1980; Lafont et al., 1982). In this respect,
mapping of the envelope of IRC + 10216 in
the molecular lines emitted by some radicals
and parent molecules is highly desirable. Pre-
sent molecular observations of the envelopes of
stars of various types (Olofsson et al., 1982b)
and those with the millimeter radio telescopes
of Institut de Radioastronomie MiIlim_trique
(IRAM) may also cast some light on the prob-
lem of chemistry (see Glassgold and Huggins,
this volume).
Infrared speckle interferometry in the
molecular lines (Dyck et al., 1983) and in the
continuum (Foy et al., 1979; Dyck et al., 1984)
is helpful in the investigation of the inner region
of the envelope.
The distribution of the circumstellar dust,
whose emission contributes to the molecular
excitation, can be determined by photometric
measurements with a range of 1 to - 100 #m.
In this respect, the preliminary results obtained
with the instruments on board the Infrared
Astronomical Satellite (IRAS) seem to indicate
that many infrared objects associated with OH
masers are extremely red and may experience
mass-loss rates higher than 10 -4 M@ yr -I
(Olnon et al., 1984). High resolution spectro-
scopy using the Infrared Space Observatory
(ISO) will also be of great importance in the
detection of molecular transitions in a wide
range of infrared wavelengths.
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CIRCUMSTELLAR SHELLS,
THE FORMATION OF GRAINS,
AND RADIATION TRANSFER
Jean Lef3vre
Advances in infrared astronomy during the
last decade have firmly established the presence
of dust around a large number of cold giant and
supergiant stars. To describe the properties of
stars and to understand their evolution, it is
necessary to know the nature of the grains and
their influence on stellar radiation. Two ques-
tions are considered in this chapter:
• How are grains formed around cold
stars?
• How is the stellar radiation modified by
shell?
These questions require a highly detailed de-
scription of grain properties. The development
of high angular resolution measurements that
permit the spatial analysis of scattered and
emitted radiation and of molecular composi-
tion of the gas will increase the importance of
studies on circumstellar shells.
GRAIN FORMATION
The formation and growth of grains in the
shells of cold stars has recently been discussed
by several authors. The most comprehensive
works are those by Draine (1979, 1981),
Deguchi (1980), Yamamoto and Hasegawa
(1981), and Donn (1979). A critical review of
this problem was also given by Czyzak et al.
(1982). The formalism generally adopted is that
of the theory of homogeneous nucleation. The
basic ideas and the main results of the theory
are recalled without mentioning the detailed cal-
culations. The papers quoted above and refer-
ences therein give a complete description of the
theory. The particular circumstances encoun-
tered in circumstellar shells and in the neigh-
borhood of variable stars will be considered
with special attention.
Nucleation
In the theory of homogeneous nucleation,
the solid clusters or aggregates grow or decay
atom by atom (or molecule by molecule). For
clusters of each size, there is a competition be-
tween gain and loss. The formation of solid
grains really occurs only if the random process
is able to produce a critical size beyond which
the grain grows to its final size. For a cluster,
the probability of growth by collision with a
particle of the gas is proportional to its surface
area: it is a slowly growing function of n, the
number of atoms in the solid cluster. The prob-
ability of decay is related to the cohesion forces
225
that keepthe"atomstogetherin thecluster.
Theseforcesarestrongerwhenthenumberof
atomsishigher(Gerlach,1969).Theprobability
of decayis thenadecreasingfunctionof n.
When the partial pressure of condensing parti-
cles of the gas (monomers) equals the satura-
tion pressure of the solid, gains and losses bal-
ance exactly for the bulk solid. When the par-
tial pressure is lower than the saturation pres-
sure, losses prevail over gains, whatever the size
of the cluster. Finally, when the partial pressure
is higher than the satuation pressure, a finite
size exists for which losses and gains balance
exactly. This equilibrium is unstable; any clus-
ter can grow indefinitely if it becomes slightly
larger than the critical size. It is then possible
to define the critical nucleus as the smallest clus-
ter, which, after growth by the addition of one
atom, has a greater probability to grow than
to decay. The rate of nucleation is the rate of
the reaction leading from the critical nucleus
to the next larger cluster. Thus, the existence
of a critical size is a consequence of the varia-
tion of the free energy as a function of the num-
ber of atoms in the cluster. When this number
is large (e.g., when the size of the cluster is
about 10/_ (n - 103)), the variation of free
energy can be related to the surface tension of
the bulk material. If the critical nucleus is
supposed to be spherical, its radius is then:
2om
a* - , (4-1)
O kTln S
where m is the mass of the monomer, p is the
density of the solid, Tis the temperature, and,
S is the supersaturation ratio defined by:
P
S-
Psat
(4-2)
P is the partial pressure of the monomer, and
Psat is the saturation pressure of the solid at
temperature T.
Actually, the condensation is effective only
when the critical nucleus is very small. It is then
no longer possible to use the same value for the
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surface tension or even to define the surface.
This problem has been discussed in detail by
Draine (1979). He was able to show, for graph-
ite, that the number of atoms in the critical nu-
cleus, n*, is obtained with the value o/2 when
n* > 10:
n • _-
integer part I -_ " _-/2"/kT_n S) 31
(4-3)
The critical nucleus is sometimes defined as
the smallest cluster for which the growth pre-
vails. Equation (4-3) then corresponds to
n* - 1 (Draine, 1981; Deguchi, 1980).
The stationary nucleation rate in a dilute gas
is obtained by multiplying the number of criti-
cal nuclei by the rate of collision of monomers
with a nucleus:
f = otl-'/t \ml__o2)112
x",- I
C 1 exp 2
(4-4)
where C l is the concentration of the monomer,
and a is the sticking probability for an atom
onto the critical nucleus. Usually known as the
Lothe and Pound factor, I_ includes the transla-
tional, rotational, and vibrational partition
functions of the atoms within the solid (Tabak
et al., 1975; Deguchi, 1980). This point was dis-
cussed by Draine (1979), who concluded that
the Lothe and Pound factor does not give the
correct result when n < 20, at least for
graphite. However, Czyzak et al. (1982) men-
tion that a minor increase in surface energy
would compensate for the effect of the Lothe
and Pound factor on the nucleation rate. The
question is open to discussion. Theoretically,
the problem can be solved in each case by ex-
trapolating the variation of the free energy as
a function of n when n tends toward zero
(Mutaftschiev, 1982).
In anycase,sincen* varies as (In S) -3, the
argument of the exponential in the nucleation
rate varies as - (In S) -2. It is generally small
when S is lower than 6 or 7. When S is small,
the critical nucleus is large and its appearance
has a low probability. Finally, the uncertainty
of the value of o_ must be kept in mind. a =
1 is often used, and this gives an upper limit
for J. The same formulation can be saved if a
new definition of the supersaturation ratio is
given (Lucy, 1976; Lef_vre, 1979; Draine,
1981):
P /.___.) 1/2S - (4-5)
where T is the temperature of the grains and
Tthat of the gas. The modification may be im-
portant since Pat varies rapidly with the tem-
perature. Thus it is necessary to know the tem-
perature of clusters containing a few atoms or
several tens of atoms. A large gap exists be-
tween the quantum mechanical description of
polyatomic molecules and the classical one of
grains with several hundreds of atoms. The ex-
trapolation of the results of the Mie theory
toward very small dimensions is problematic.
A reasonable limit probably corresponds to
grains of radius greater than 10 _, even when
the modification of the refractive index due to
the mean-free-path limitation of electrons is
taken into account.
The attempt of Draine (1981) to solve this
problem is interesting but rather risky. On one
hand, the optical properties of grains of silicate
are extrapolated to aggregate as small as 3/_;
on the other hand, the vibrational temperature
of the molecule SiO is calculated with a sim-
plified model. This molecule plays an impor-
tant part in the kinetics of the formation of sil-
icates. The value of the temperature obtained
for the aggregates and for the molecules is the
same with several gas densities. Thus, it can be
hoped that the correct value is obtained in this
way. The right fit, however, depends on the op-
tical properties adopted for the silicate. More-
over, the same calculation done for small
graphite grains would give a higher tempera-
ture. The fit would exist then only if the vibra-
tional temperature of molecules C2, C 3 ... were
higher than that of SiO. The experimental and
theoretical study of optical properties of very
small aggregates is possible and would allow a
complete description of the nucleation in a ra-
diation field. The crux of the matter is the onset
of collective phenomena when the number of
atoms increases in the cluster.
What could be the influence of a chromo-
sphere on the existence and the condensation
of grains? As long as their equilibrium temper-
atures are radiative, grains can survive in a hot
gas. For instance, near a star at 3000 K, the
temperature of clean silicate grains reaches 1000
K at about 1.4 R,. Could such grains form in
the chromospheric environment? Two require-
ments must be satisfied. On one hand, the gas
density must be sufficiently low so that the tem-
peratures of the small aggregates are not af-
fected by collisions. The answer again depends
on the interaction of aggregates with the radia-
tion field. If their temperatures can be obtained
by extrapolation of Mie's calculations toward
atomic dimensions, the preceding example re-
quires n < 101° cm -3 if T = 6000 K is taken
as a mean value for a chromosphere. On the
other hand, the supersaturation ratio must be
greater than one. Assuming in the most favor-
able case that Si is mainly in SiO, the nuclea-
tion of silicate near the star requires n > 108
cm -3. Draine (1981) considers that the forma-
tion of clean silicate grains is possible in ex-
tended red-giant and supergiant chromo-
spheres. A most favorable circumstance would
be the presence of cold condensations in the hot
gas as was proposed by Wright (1970) for 31
Cyg. Jennings and Dyck (1972) showed that the
presence of circumstellar grains is accompanied
by the disappearance of Ca II and Fe II chro-
mospheric lines. Jennings (1973), studying the
influence of grains on the structure of a chro-
mosphere, found that the temperature is
lowered and the chromospheric emission is
quenched.
The temperature of the solid phase also
plays an important part during the growth of
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grains.As longasthepartialpressureP is
T 1/2, the radius of
greater than Pat (T) T'g
the grain grows as:
da _ p l m _1/2 (4-6)
The growth is faster when n 1, the density of
the monomer, is higher, but also when the gas
is hot, since the rate of growth varies as
niT 1/2.
Similarly, the decrease of the radius by evap-
oration is:
da Pint (T) _. m _1/2 (4-7)
when the supersaturation ratio is much smaller
than I. The effective growth of the grain is
given by the difference between the positive rate
and the negative one. The equality between the
two rates defines the critical radius and the final
size of the grain is an asymptotic value. The
number density of condensable atoms decreases
due to the condensation itself and to the dilu-
tion in an expanding shell. The thermal evapo-
ration is effective only when T is high (i.e., in
g
the inner region of the shell). For instance, tak-
ing (Mukai and Mukai, 1973):
38600
LogP t = 14.32 for graphite ,T
(4-8)
26300
Log Psat = 14.72 for olivine ,T
(Pat is in this case the partial pressure of SiO)
and with _ = 1, the lifetime is about 107s for
a grain of radius 100/_ when Tg = 1750 K for
graphite and Tg = 1150 K for olivine. The
lifetime is proportional to the radius. Such
grains can survive in the stellar neighborhood
and grow again during subsequent ejections of
matter. The opacity effects in the shell are also
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important; grains formed close to the star at-
tenuate the stellar radiation and allow further
nucleation and growth.
Structure of the Grains:
Amorphous or Crystalline
The interpretation of photometric measure-
ments, particularly the profile of the silicate
band at 10 # and the flux curves in the far in-
frared from 10/_ to the millimetric waves has
favored the introduction of amorphous grains
in shell models. With the help of the theory of
nucleation and growth, can we decide if the
grains formed in circumstellar shells are amor-
phous rather than crystalline?
The structure of clusters containing few
atoms or several tens of atoms is not known.
It is only just possible, with the help of the mo-
lecular dynamics calculations, to compare the
stability of different kinds of assemblies. For
argon, Farges et al. (1977) found that small
clusters (n < 50) do not possess the geometrical
shape corresponding to the subsequent growth
of the crystal. Their shape is close to that of
the sphere. When n increases beyond 50, a
structural transition occurs. On the other hand,
Barker (1977) showed that groups of atoms
with a definite pattern constitute the under-
lying structural unit of amorphous metals. In
both cases, the icosahedron appears as a privi-
leged structure. This polyhedron, limited by
twenty equilateral triangles, corresponds to a
stable arrangement of atoms. Hence, it may be
quite difficult to make the distinction between
amorphous and crystalline for very small ag-
gregates. The difference is rather connected to
the conditions of growth, particularly the varia-
tion of the temperature. Generally speaking, a
high temperature, maintained long enough,
leads to the stable phase (i.e., the crystal). For
circumstellar grains, a theoretical determination
of the structure requires the determination of
the viscosity as a function of the temperature.
Seki and Hasegawa (1981), considering that the
temperature of condensation is low enough to
give amorphous grains, studied their probabil-
ity of crystallizing during their evolution in the
shell.Theyfoundthataroundcoldstarsthe
grainsaresmall(a< 200/_)andhavea low
probabilityof crystallization.Theymustbe
mainlyamorphousforgraphiteandfor silicate
aswell.However,it ispossiblethatthevaria-
tionoftheviscosityisnotthesamefordifferent
kindsof silicate.
Czyzaketal. (1982)criticallydiscussedthe
argumentsin favorof crystallinegraphite.They
concludedthatcrystalsare"at besthighlyspec-
ulative"andemphasizedtheimportanceof a
detailedescriptionof thekineticsof growth
throughouttheshell.If thestructureofgraphite
appears,orderexistsonlyat shortscale,and
it probablyleadsto highlydisorderedpolycrys-
tallinegrains(i.e., aggregatesof verysmall
singlecrystalswithdifferentorientations).
GailandSedlmayr(1984a)giveaclearanal-
ysisof theatomicprocessesinvolvedin the
growthof carbongrains.A graingrowsasa
crystalonlywhenthestickingmonomerisable
to attainby migrationa suitablelatticesite.
Thenthecomparisonofthehoppingtime(i.e.,
theaveragetimebetweentwosuccessivejumps
of amonomeratthesurface)andtheaverage
timebetweentwosuccessivecapturesatagiven
siteisagoodcriterion.If thehoppingtimeex-
ceedsthecapturetime,themigrationisnotpos-
sibleandthegrainis amorphous.Whenthe
hoppingtimeis justshorterthanthecapture
time,thecrystallinegrowthisnotperfect,and
a polycrystallinestructureis obtained.In a
coolingwindaroundacoldcarbonstar,Gail
andSedlmayrfoundthatpolycrystallinegrains
areproducedonlyif theirgrowthoccurswhen
theyarehotterthan1100K.
Theevolutionof thisproblemhasimportant
implicationsin manyastrophysicalobserva-
tions.At themoment,it isnotpossibletoto-
tallyexcludeonekindoranotherwhilethesolid
phasecondenses.Amorphizationcanalsobe
dueto energeticollisionswheneruptivephe-
nomenaor shockwavesareproducedat the
stellarsurface.
Time-Dependent Nucleation and Growth
The problem of the formation of grains can
be solved only if the density and the tempera-
ture of the gas and the composition and the
temperature of the clusters are known at every
point in the shell and at each moment. The nu-
cleation begins where the supersaturation ratio
is significantly larger than 1. The grains then
grow as long as S > 1. The saturation time
scale governs the situation. The problem be-
comes even more difficult when the dynamical
evolution of the shell is influenced by radiation
pressure on the grains. In this case, the number
and the size of the grains already formed deter-
mine the velocity of expansion of the shell.
Conversely, the decrease in the density and tem-
perature of the gas governs the growth of the
grains. A more detailed description of these
processes has been given by Deguchi (1980),
Draine (1981), McCabe (1982), and Gail and
Sedlmayr (1984b).
Deguchi studied shells of oxygen stars
(C/O < 1) at 2000 and 2500 K, where the mass
loss is caused by the radiation pressure on the
grains. The shell is supposedly optically thin
and ToLr-1/2. The decrease of T follows the
equilibrium temperature of a blackbody in a ra-
diation field free of any adsorption and inde-
pendent of the law of density of the gas in the
shell. The coupled equations describing the mo-
tion of the gas and that of the grains are given
without approximation, but are solved inde-
pendently on each side of the sonic point. In
these conditions, the nucleation of silicate
(forsterite: Mg 2 SiO4) occurs in a restricted
part of the shell. Grains grow to several hun-
dreds of angstroms if the mass loss is 10 -6 M o
yr -1 and to several thousands of angstroms if
it is 10 -5 Mo yr -1. Unfortunately, the
temperature of the grains is not taken into ac-
count. For grains of forsterite, this temperature
is lower than that of the gas. This must increase
the nucleation, but can also limit the growth,
due to the rapid depletion of the condensing
gas.
Draine (1981) in the case of a Ori and
McCabe (1982) for a carbon star take into ac-
count the temperature difference between the
gas and the. grains. The formation of grains is
more efficient when it occurs near the star,
where the density and the temperature of the
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gasarehigher.Thisispossibleonlywithmate-
rialswhichabsorbthestellaradiationpoorly
and,onthecontrary,easilyemittheirownther-
malradiationin infraredbands.Thengrains
arecoolerthantheblackbodywith thesame
shape,andaninversegreenhouseeffectoccurs.
It happenswithpuresilicate("clean"silicate)
and siliconcarbide.However,the infrared
emissionbandat 10#observedaroundmany
cooloxygenstarscanexistonlyif thesilicate
grainsabsorbedenergyatshorterwavelengths.
Aroundcoldstars,theultravioletradiationis
toolowtoheathegrains.Thus,silicateswhich
aremoreor lessabsorbingin thevisibleand
nearinfraredmustbeconsidered"dirty" sili-
cates.Theinversegreenhouseeffectnolonger
existsfor suchgrains;theycannotbeformed
asclosetothestarascleansilicates.Thatiswhy
Draineconsidersanevolutionof thequalityof
thegrainsthroughouttheshell.Thispossibility
wasalreadymentionedbyWeymann(1977).
Verycloseto thestar,cleansilicatesnucleate
and,whentheyaredrivenaway,becomecon-
densationucleifor absorbingmoresilicates.
At everypointin theshell,thequantityof ab-
sorbingmaterialislimitedbyanincreaseinthe
temperaturethatit determines.Thusthetem-
peratureof thegrainsisnearlyconstantwhile
theygrow.Theopticalpropertiesof suchgrains
arenotknown.In thecaseofa Ori, the nuclea-
tion near the star requires an ejection velocity
lower than that observed in the outer part of
the shell.
The scenario proposed by McCabe (1982) to
explain the formation of grains in the shell of
a carbon star proceeds from the same idea.
Near the star, graphite grains are much hotter
than the blackbody and can nucleate only with
a very high partial pressure of carbon. On the
other hand, silicon carbide grains are cool
enough to condense. Around a star at 2230 K
(IRC + 10216), SiC grains form at 1.5 R.. If
their opacity is larger than 1, the attenuation
of the stellar radiation is such that the nuclea-
tion of graphite grains becomes possible at
about 5 R. and their growth up to 20 R.. This
happens only in optically thick shells. When the
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shell is thin, clusters or grains of SiC could also
serve as condensation nuclei for graphite.
The nucleation and growth in a supersonic
wind driven by dust condensation was studied
by Gail et al. (1984) and Gail and Sedlmayr
(1984b) around heavily obscured carbon stars.
The coupled equations describing the hydrody-
namics, the dust formation, the grain growth,
and the chemistry have been solved numer-
ically. For a star with Tff -- 2300 K, M = 1
M o , and L = 2.104 L o , the nucleation of
carbon grains occurs at 3 R,, and the average
radius of the final distribution is 2.10 -6 cm
(Figure 4-1). The sharp peak in the variation
of the average radius is due to the fast growth
of the first grains. Then the production of a
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Figure 4-1. Nucleation and growth of carbon
grains around a star with T = 2300 K, M =
4 elf
1 M o, andL = 2.10 L o (from Gailand
Sedlmayr, 1984b). The nucleation rate J (10 -1°
grains cm -3 s -1) and the number of grains per
hydrogen atom (top). The average grain radius
a (cm) and the number density of grains (10- 2
cm -3) (bottom). These results correspond to a
mass loss of 2.10 -5 M o yr -1.
larger number of very small grains (nucleation
peak) makes the average size decrease. The
grains are all formed within a thin shell.
Conclusions
The theory of homogeneous nucleation rea-
sonably allows one to understand how grains
are formed around cold stars and to locate the
nucleation zone. The total number of grains,
their final size, and their structure are more un-
certain and are sensitive to various simplifica-
tions used in the models of the shell. The main
uncertainties concern:
The values of physical parameters of sol-
ids: the surface tension of the bulk mate-
rial and of the small grains, the optical
properties of very small aggregates, and
the modifications of the refractive index
due to impurities or defects
• Kinetics of the growth of grains in an ex-
panding gas
The complexity of a real shell, compared
with the extreme simplification of models, must
be kept in mind. The gas contains a wide num-
ber of species with the ability to condense or
deposit onto other grains. The outline of con-
densation theoretically obtained when the ther-
modynamical equilibrium is assumed, in ab-
sence of a strong radiation field, may be quite
erroneous. The presence of molecules or radi-
cals necessary for the nucleation works is not
always obtained (Donn, 1976). The heteromo-
lecular nucleation (i.e., the condensation of two
or more different molecules) must also be con-
sidered. The nucleation of one specie is some-
times allowed only if another definite specie is
present (nucleating agent); for instance, in the
high terrestrial atmosphere, water nucleates in
the presence of sulfuric acid.
A circumstellar shell is not an homogeneous
medium. Local condensations or strong varia-
tions in the density permit the nucleation to be-
gin, whereas the average density appears to be
too low. The production of grains in definite
sites makes possible an extension of the nuclea-
tion to regions of lower density or gives the en-
tire shell condensation nuclei. Some of these
complications were already considered by
Salpeter (1974). When the number density of
grains becomes high, coagulation works effi-
ciently. Then the growth is faster and continues
even when the supersaturation ratio is lower
than 1. Coagulation is particularly efficient if
every kind of turbulence is taken into account
(Scalo, 1977). It could explain the existence of
nonspherical grains such as those proposed by
Svatos and Solc (1981) to obtain the polariza-
tion observed in Mira variable stars.
The propagation of shock waves in circum-
stellar shells probably influences the evolution
of grains. Can they initiate the processes of
growth by suddenly increasing the density or,
on the contrary, destroy the grains by radiative
heating? Many works exist on the propagation
of shock waves in dusty gases. This mainly con-
cerns the expansion of inhomogeneous gases in
nozzle flows. Analytical methods perfected by
hydrodynamicists will certainly be useful
(Rudinger, 1973; Blythe and Shih, 1976). How-
ever, the problem must be stated in the frame
of astrophysical conditions. The presence of a
strong radiation field and unusual scale of time
and dimension require special treatment.
The temperature of grains is calculated by
using a well-defined photospheric stellar radius
and the blackbody radiation at the effective
temperature. In reality, this differs somewhat,
mainly among the supergiants; the radiation at
different wavelengths does not reach the same
photospheric levels. The dilution factor of the
radiation field should be a function of the
wavelength. Schmid-Burgk and Scholz (1981)
studied the possibility of forming grains inside
the photosphere when the effects of sphericity
are taken into account. The equilibrium tem-
perature of grains is no longer purely radiative
and is just higher than that of the gas. Schmid-
Burgk and Scholz concluded that grains of
Al203 can exist in the upper part of the atmo-
sphere of low mass M giants.
Since the early fundamental works of
Salpeter (1974) and Tabak et al. (1975), our
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knowledgeof nucleationandgrowthofcircum-
stellargrainshasprogressedunderthepressure
of thefastdevelopmentof infraredphotom-
etry.Furtherprogresswillprobablyfollownew
findings on molecularabundancesand
chemistryin theshells.It isvitalto knowall
aspectsoftheshell'sinterior--notonlytheden-
sityof monomersandmoleculesdirectlyim-
pliedin thegrowthof thegrains,suchasC,
C 2, C 3 .... or SiO and metallic oxides, but also
the density of any molecules built with C, Si,
or Mg.
RADIATIVE TRANSFER IN
CIRCUMSTELLAR DUST SHELLS
The absorption and the scattering of the stel-
lar light in a circumstellar shell and the thermal
infrared emission of the grains are obviously
the physical consequence of the nucleation and
growth of solid particles around cold giant and
supergiant stars. However, it appears that most
of the works on radiative transfer in circum-
stellar shells have been developed independently
of those devoted to the formation of grains.
Models of shells were built mainly to explain
the results of photometry, particularly in the
infrared. The constraints imposed by these re-
sults are indeed stronger, more numerous, and
more accurate than those issued from the the-
oretical study of the nucleation and growth. For
instance, the existence of silicate is indicated by
their infrared bands and could not have been
deduced for certain from the nucleation theory.
Our knowledge on the nature and the size of
the grains results from the best fit between
models and observations. Studies on nucleation
and growth most often attempt to justify a pos-
teriori the existence of the grains proposed in
the models. It must be hoped that this situa-
tion will evolve and that future works will in-
clude all aspects of the problem, including the
dynamics of the gas and molecular equilibria.
The equation of radiative transfer must be
solved in a spherical extended atmosphere--
the shell--with a central source of radiation.
Around cold stars, the ultraviolet radiation is
too weak to ionize the gas in the shell; the grains
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alone are responsible for absorption, scatter-
ing, and emission. At every point in the shell,
the radiation field is anisotropic. The methods
of treating the radiative transfer arise directly
from those perfected for stellar atmospheres,
with different approximations from one author
to another. After the work of Leung (1976), the
most comprehensive studies devoted to the
shells of cold stars are those by Jones and Mer-
rill (1976), Mitchell and Robinson (1981), and
Rowan-Robinson and Harris (1982, 1983a,
1983b).
Generally speaking, flux curves are correctly
fitted to spherical models for families of stars
of the same spectral class, luminosity type, and
chemical composition. Some difficulties exist
at long wavelengths and in the absorption
bands. Moreover, the right fit is often obtained
by arbitrarily adjusting the optical properties
of grains. The influence of different parameters
will be examined first. Then the results obtained
for oxygen stars and carbon stars will be sum-
marized. Lastly, the influence of departures
from spherical symmetry will be discussed.
Resolution of the Transfer Equation
in a Spherical Shell
The main goal is to obtain a correct descrip-
tion of the radiation field at every point in the
shell. The range of wavelengths taken into con-
sideration is necessarily very large to include the
stellar radiation, the scattered light, and the
thermal emission of grains. At short wave-
lengths, the scattering diagram of the grains,
which fixes the angular repartition of the
scattered light, must be carefully represented.
High scattering orders--corresponding to pho-
tons scattered several times--cannot be ne-
glected when the optical depth is larger than
one. The simplifications most often concern
this point; they usually give the correct result
for quantities integrated over the entire spec-
trum when short wavelengths have a weak in-
fluence. On the other hand, the determination
of the angular repartition of the radiation re-
quires a precise description of scattering. Scat-
tering by grains is never isotropic. When the
grainsaremuchsmallerthanthewavelength,
scatteringisonlysymmetric(Rayleighscatter-
ing).Forsubmicronicgrains,it isalwayspossi-
bletogiveasimpleandaccurater presentation
of thescatteringdiagramat everywavelength
(White,1979).
Todefineamodel,it isnecessaryto fix the
stellarcharacteristics(effectivetemperatureand
radius),thegeometryof theshell(innerand
outerradiianddensity),andthepropertiesof
grains(sizeandopticalproperties).Thestaris
theonlysourceof energy.Wemustknowthe
flux it emitsateverywavelengthanditslimb-
darkening.Thevalueof theeffectivetempera-
turedeterminesthetemperatureof thegrains
andthelowerlimit of theinnerboundaryof
theshell.Thephotometricradiusisusuallyused
tonormalizeotherlengthsanddoesnotappear
explicitly.However,itsdefinitionisnotevident
forlow-gravitystars.Forinstance,theangular
diameterof Mira obtainedby speckleinter-
ferometry(Bonneauetal., 1982)varieswiththe
wavelengthduetotheextensionof thephoto-
sphereandthewavelengthdependenceof the
opacity.
Theshellis limitedbytwospheres.Thein-
nerboundaryof radiusR i may have different
physical origins depending on other circum-
stances. It may be:
The vaporization limit of the grains where
they reach their maximum temperature.
Closer to the star, they disappear in a
time shorter than any other characteristic
time of their evolution (expulsion, period
of the star, etc.). For small graphite
grains, it corresponds to about 1800 K,
and for silicate to 1200 K.
The region of nucleation and growth of
the grains. The temperature of the hot-
test grains has practically the same value
as the above; for a total gas density of
10 -1° to 10 -12 cm 3, the nucleation is pos-
sible and efficient for these values. In this
situation, the density of the gas is impli-
citly assumed to be higher than the satu-
ration limit. Mitchell and Robinson
(1980) pointed out that the concept of in-
ner boundary is an abstraction: the nu-
merical density and the size of grains vary
over a finite distance and what does ex-
ist is rather an "inward tail." However,
the nucleation and growth has maximal
efficiency in a narrow region of an ex-
panding shell mainly because of the de-
crease of the density of condensable
material (Draine and Salpeter, 1977).
Around a variable star, for different val-
ues of the phase, the inner boundary may
be alternately defined by condensation
and vaporization. The temperature of
hottest grains is then nearly constant, but
R i varies.
Finally, in an expanding shell without
permanent nucleation, the inner radius is
determined by the dynamical evolution
and is larger than in the two preceding
cases.
The outer limit i_ less precisely defined. For
a shell that is expanding with a constant veloc-
ity, it corresponds to the time of expansion. It
may also be due to the interaction with the dif-
fuse interstellar medium. In actual fact, the
shell must be bounded to keep its mass and far-
infrared luminosity within limits fixed by the
observations and the theory. The outer radius
is most often taken to obtain the correct value
of the flux at the longest measured wavelength
or to give the right intensity ratio for the two
silicate bands at 10 and 20 #.
The law of density is most often taken as
R -2, corresponding to free expansion at con-
stant velocity. If the formation and the ejec-
tion of dust are not continuous processes (San-
ner, 1976; Bernat, 1981; Goldberg, 1983), the
structure of the shell may be much more com-
plicated. The model of grain used in the model
is the main source of uncertainty. The distribu-
tion of dimensions, or the average dimension,
have little influence on the equilibrium temper-
ature for submicronic particles. On the con-
trary, optical properties have a strong influ-
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ence.Practicallyspeaking,it wasalwaysnec-
essaryto fit themodelsto modifytherefrac-
tiveindexmeasuredon terrestrial materials.
This point will be considered separately for
graphite and silicates. Nevertheless, such an
adaptation of an important parameter does not
discredit models. It is not surprising that solid
material built in circumstellar shells is some-
what different from pure species studied in the
laboratory. This indicates an area for ex-
perimental and theoretical research, but it must
be kept in mind that the optical properties
adopted by each author are not the only possi-
ble choice.
Before models built for different kinds of
stars are considered, some general results will
be discussed.
Circumstellar Extinction Opacity Law. If/CA)
is the intensity of the radiation emerging from
the shell in a given direction and/CA) is the in-
tensity emitted by the star, the effective opacity
of the shell, _'CA), can be defined by:
ICA) = /CA) exp (- rcA)) (4-9)
The function rcA) must be known in order to
infer the stellar properties from the observa-
tions. Along the radial direction, the extinction
opacity is:
f R ext
rex t (X) =j ne) na2Qext (X)dr , (4-10)
R int
where n(o is the number density of grains, a is
their radius, and Qext CA)is their extinction ef-
ficiency. If a distribution of dimensions must
be considered, a second integration is done over
the radius. Similarly, re _ and %bs are defined
with the scattering efficiency, Qsca' and the ab-
sorption efficiency, Qabs" These three quanti-
ties are proportional to the column density on
the line of sight. They vary with X exactly as
Q's do. In the diffuse interstellar medium, any
photon having an interaction with a grain (ab-
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sorption of scattering) is lost for the observer.
Then rext computed along the direct trajectory
from the star to the instrument gives exactly the
effective opacity. The interstellar extinction
curve has the shape of the variation of Qext
with the wavelength. It is not the same with an
unresolved circumstellar shell since photons
scattered in the shell will be received by the ob-
server. The shape of the circumstellar extinction
law is consequently different from that of the
interstellar extinction law at wavelengths where
scattering is efficient, even if the grains have
the same properties. However, rext has a sim-
ple physical meaning: exp (-rex t) is the prob-
ability for a stellar photon to go out through
the shell without absorption or scattering.
Thus, the direct stellar radiation is:
IdCA) = /CA) exp (-rextCA)) (4-11)
and necessarily TCA) < _xtCA). The equality oc-
curs when the albedo is zero. When the shell
is optically thin, a photon has a low probability
to suffer more than one interaction. The only
photons which cannot get out of the shell are
those absorbed without previous scattering. The
probability for a stellar photon to travel
through the shell without absorption is exp
(-Tab s). The emerging intensity is then in the
thin case:
/CA) = /oCA) exp (-rabsCA)) , (4-12)
and r = %bs" This is true only if _c_ is low.
When multiple scattering is significant, it effec-
tively lengthens the path of the photon into the
shell and increases its probability of absorption:
Tab s _. T _ 7 ext (4-13)
Moreover, r is not a linear function of the
number density of grains. The circumstellar law
of opacity has a shape different from that of
the interstellar one.
Advances in high angular resolution meth-
ods, particularly in interferometry, should
bring important results. When the direct stellar
radiation,Id(X ), and the radiation scattered by
the entire shell, Ica(X ), can be unambiguously
separated, for a spherical thin shell:
i(x) =/.(x) + /ca (X)
= /o0,) exp (-r bs(X))
(4-14)
and
Ia(X ) = /(X) exp (-rextCh)) (4-15)
Then
5<a(X) = In (I(X)/IdfA)) (4-16)
Measurements at different wavelengths would
give the shape of the variation of Qsca" If the
proper radiation of the star/0,) is known, the
albedo is given by:
In (I (X)]I a CA))
7 = In (/(X)]Ia(X)) (4-17)
The condition of validity of these relations must
be emphasized; r ca must be low (i.e., I a(X)
must be lower than Id(X)). If it is not true, the
ratio gives a lower boundary for the albedo.
Intensity Profiles. Besides the flux curve, the
more complete calculations give the angular re-
partition of the radiation at every wavelength.
Mitchell and Robinson (1978) and Rowan-
Robinson (1982) have pointed out the existence
of a sharp maximum of the luminance in the
direction of the inner boundary of the shell.
This result was also found by Yorke and
Shustov (1981) for protostellar shells and by
Lef_vre et al. (1982) by numerical simulation.
This bright ring corresponds to the maximum
of the column density of grains reached when
the impact parameter is equal to the internal
radius of the shell. A maximum appears even
if the variation of density is not as sharp as in
the models. On the other hand, the central low-
ering of the intensity profile is reduced by the
forward scattering of grains. The maximum
also exists for the scattered stellar light and the
infrared thermal emission of grains. It is less
and less pronounced when the opacity in-
creases. The existence of a peak of luminance
is important in the interpretation of high an-
gular measurements. If the bright annulus can
be detected, one limit of the shell is fixed with
precision, and the radiative equilibrium of
grains will be better understood. Preliminary
results obtained by Roddier and Roddier (1983)
for a Ori at k = 0.535 # indicate a concave
bright rim at about 2.5 stellar radii. If it is con-
firmed and is clearly attributed to scattering by
dust, this implies the existence of much less-
absorbing grains than those proposed in
models.
A maximum of the luminance must appear
for every discontinuity of quick variation of the
number density of grains; the detection of rings
at different distances from the star could allow
one to follow the history of successive ejections
of matter when the rate of grain production is
not constant.
Shells Around Oxygen Stars
The main features presented by the shells of
oxygen stars are the broad emission bands at
10 and 20 # attributed to silicates. Several works
are devoted to the general properties of shells
and give grids of models with adjustable param-
eters: Jones and Merrill (1976), Mitchell and
Robinson (1981), and Rowan-Robinson and
Harris (1982, 1983a). Some other works were
developed for a particular object: Hagen (1978)
and Tsuji (1978, 1979).
Jones and Merrill (1976) made the first
quantitative attempt to explain the main char-
acteristics of the flux curve for families of cold
stars. The transfer equation is solved with the
help of the Eddington approximation, and the
angular repartition of the radiation is not cal-
culated. The objects studied present a wide
range of opacities. The flux curve and the pro-
file of emission bands are obtained with good
precision for stars with an effective temperature
of 2400 K. A valuable result of this study shows
the impossibility of obtaining a good fit with
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cleansilicatesbetween0.25and8/z. The model
of dirty silicate (m = 1.55-0.1 i for _ < 8 t0,
widely used afterward, was proposed. Clean
silicates (olivine or enstatite) absorb the ultra-
violet radiation but are transparent for the visi-
ble and the near infrared. Cold stars do not ra-
diate enough energy at short wavelengths to
heat the grains. The absorption of clean silicates
begins beyond 9 #; such grains cannot reemit
through their near-infrared band more than
they absorb and are unable to give the observed
emission. Grains must absorb in the visible or
the near infrared. This absorption may be due
to defects or impurities. However, no detailed
model of the dirty silicate absorption was given.
The profile of the emission band at 10 # is
always wide and structureless. The silicates
most often used in the models--enstatite
(SiO3Mg) and forsterite (SiO4Mg2)--present
narrower bands with several peaks when crys-
tallized. Thus, observations imply the existence
of amorphous silicates. The transfer in the
bands and the influence of various parameters
were studied extensively by Mitchell and Robin-
son (1981). For small grains of "forsterite,"
particularly grains with a = 0.1/z and m = 1.55
- 0.01 i for _, < 8/_, around a star at 3000 K,
they showed that the meaningful parameter is
the opacity. The 10-# band can appear either
in emission or in absorption. When the opacity
increases, the external regions of the shell are
no longer heated by the stellar radiation. The
cold grains absorb the radiation emitted by the
hotter internal region. When the density varies
as r-2, an emission is observed at 10 _ if rext (10
it) < 2. If 2 ( zext (10/z) ( 8, self-absorption
appears at the center of the band. For instance,
this is observed with NML Cyg. At last, if Zext
(10/_) > 8, the band is seen in absorption. The
band at 20/_ is generally less intense and can
also present this inversion. Mitchell and Robin-
son showed that, in every case, the determinant
physical quantity is the temperature of the
grains at the point where r t = 1, starting
from outside.
The profile of the 10-tt band has recently
been studied by Papoular and P6gouri6 (1983)
around 23 giants and supergiants. The profile
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is the same for several shells and is attributed
to amorphous forsterite grains with a < 1 #.
For some giants, the band is wider. This is not
correlated to the spectral type of the star or the
opacity, but rather to the galactic latitude. A
possible explanation is a variation of the radius
of grains, up to 4 #. The increase of the size
with the galactic longitude could be due to dif-
ferences in the conditions of nucleation or mod-
ifications of erosion processes.
The most extended grid of models for M
giants and supergiants was given by Rowan-
Robinson and Harris (1982, 1983a). For 27
early M stars and 85 late M stars, a satisfac-
tory concordance is obtained with the flux
curves observed using small silicate grains sim-
ilar to those of Jones and Merrill (1976) and
with density varying r -2. For each star, the
opacity and the dimension of the shell are ad-
justed. The effective temperature is between
3000 and 3500 K for early-type stars and 2000
and 3000 K for late-type stars. In most of the
cases, inner grains are hotter than 1000 K, but
they are colder near the hottest stars when the
opacity is low. Molecular bands do not suffi-
ciently modify the total energy absorbed by the
grains to have an effect on their equilibrium
temperatures and the thermal radiation emit-
ted by the shell. In most cases, scattering of an
order greater than one can be safely neglected.
This is the case, for instance, when the star is
surrounded by small absorbing grains: most of
the stellar radiation is in the near infrared where
the albedo of such grains is very low. It is no
longer true if the grains are large. On the whole,
the observations are well explained by the grid
of models with expanding spherical shells and
more or less absorbing silicate grains. More-
over, VY CMa and NML Cyg must be consid-
ered separately owing to their asymmetry. For
any of the objects studied, the model proposed
by Rowan-Robinson and Harris is a good start-
ing point for further adjustments.
The most often studied star is certainly a
Ori. Models for its shell have been built by
Hagen (1978) and Tsuji (1978, 1979). In a very
detailed study, Tsuji used the method of Unno
and Kondo (1976, 1977) to solve the transfer
equation.Withdirtysilicategrains(k = 0.01
andk = 0.1), angular dimensions compatible
with the results of infrared interferometry
(McCarthy and Low, 1977; Sutton et al., 1977)
are obtained at different wavelengths. In this
model, it is the inner boundary of the shell very
close to the star: R _, R, to 3 R.. From the
l
total flux and the angular diameter, Tsuji de-
duces an effective temperature of 3900 K. Un-
fortunately, dirty silicate grains as considered
in the model cannot survive so close to such a
star; they would be hotter than 2000 K. Rowan-
Robinson and Harris used Tff --- 3250 K and
obtained R i = 10 R.. The results of Roddier
and Roddier (1983), already quoted, suggest
R i _ 2.5 R.. Thus, near the star, the grains
must be less absorbing than those used in the
models. The value adopted for the effective
temperature is the determinant. Scargle and
Strecker (1979) proposed Tff = 3580 K, using
to deredden ct Ori a law having the same shape
as the interstellar reddening law. Further deter-
minations of the angular repartition of the light
scattered around ot Ori are needed in the visi-
ble and, when possible, at 10 #. If the existence
of grains close to the star is confirmed, the
model of nucleation and growth proposed by
Draine (1981), with clean silicate grains at the
lower part of the shell and more absorbing ones
outward, would not only be a solution for the
thermodynamical problem of the condensation
of grains, but would also explain the angular
repartition of the radiation.
Shells Around Carbon Stars
The infrared emission of shells of carbon
stars do not present strong bands. An emission
feature at 12/_, attributed to silicon carbide, is
always weak. In all the models, the grains re-
sponsible for the absorption and the emission
into the shell are carbon grains. Silicon carbide
could not produce the emission observed at
large wavelengths. The thermal emission is not
always clearly distinct from the stellar contin-
uum because carbon grains can survive close to
the star and can emit efficiently in the near in-
frared. On the whole, it is possible to obtain
a good representation of the flux curve with an
expanding spherical shell and small carbon
grains. Jones and Merrill (1976) mention that
the emission peak moves to a larger wavelength
when the opacity increases as the flux curve be-
comes narrower. This is due to the absorption
of the stellar radiation and of the near-infrared
radiation of hotter inner grains. Bergeat et al.
(1976), analyzing the photometry of 29 carbon
stars, concluded that the thermal emission be-
tween 1.25 and 8 tt is due to graphite grains of
radius greater than 1 #. In their sample, Miras
have lower effective temperatures and thicker
shells of cooler grains. Large grains efficiently
scatter the near-infrared radiation, and their ex-
istence could be tested by high angular resolu-
tion measurements.
The results obtained in the far infrared be-
yond 20 # and, for some stars, in the millimetric
waves (Fazio et al., 1980) are much more diffi-
cult to explain with crystalline graphite grains.
The extinction efficiency measured for amor-
phous carbon grains by Koike et al. (1980) de-
creases as k -_ and allows a better fit.
Models of shells have been presented for 41
carbon stars by Rowan-Robinson and Harris
(1983b). A simplified parametric representation
of the extinction efficiency of carbon grains is
used. The decrease of Q_t at large wavelengths
must be slow, and this excludes graphite. In
these models, hotter grains are at 1000 to 1300
K. The authors mentioned that the temperature
"tends to be lower for larger shell optical
depths."
As for silicates, the optical properties
adopted for carbon grains are sometimes arbi-
trary, and more attention must be paid to im-
prove the coherence of models. Optical proper-
ties of graphite grains are not always correctly
described. Graphite is strongly anisotropic. For
spherical grains smaller than the wavelength,
the extinction efficiency is:
2 ± 1 II
aext CA) = --_ Qext CA)+ _ aext CA) ,(4-18)
where O_t is the extinction efficiency, the elec-
tric vector is perpendicular to the c-axis of the
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crystal, and Qenxt is the extinction efficiency
when it is parallel to the c-axis. The refractive
index measured by Philipp (1977) allows the
determination of Q_t and Q/t is obtained
from the results of Venghaus (1977). Beyond
10 #, the variation of Qext is dominated by
O_xt" This is clearly shown in the work by
Mezger et al. (1982) on the origin of the dif-
fuse galactic far-infrared and submillimetric
emission. As a result, up to 100 /_ Oext
decreases more slowly than _-2. Moreover, a
plasma resonance at 37 meV induces a secon-
dary maximum of the extinction efficiency
around 33/_.
An excess of emission has been observed
several times at 30 # with carbon stars. Forrest
et al. (1981) and Herter et al. (1982) obtained
the profile of this emission for IRC + 10216.
The profile of the band deduced by dividing the
observed flux by a continuum varying by )-1
(Herter et al.) presents a maximum at 30 #, but
this result, as mentioned by the authors, de-
pends on the method of deconvolution. Con-
versely, if the observed flux is divided by the
extinction efficiency of graphite grains, a
smooth continuum is obtained. More precise
determinations of Qext are needed for different
kinds of carbon to test the validity of this hy-
pothesis. Even if the emission band observed
has nothing to do with carbon, the problem still
remains: if graphite grains are responsible for
the emission around carbon stars, "something"
must appear at about 33 #.
Several models have been published for the
shell around IRC + 10216. However, the prob-
lem for this very interesting object is compli-
cated. The nature of the central star is not
known, and the shell is strongly asymmetrical.
With a model of a spherical shell, Mitchell and
Robinson (1980) nevertheless obtain a good fit
with the flux curve between 1 and 100 #. They
give a very comprehensive review of the mea-
surements and works published at this time. In
their model, the shell extends from 20 to 5000
stellar radii, and the density varies by r -13.
The effective temperature of the star is 2000 K.
The shell contains small graphite grains and a
small fraction of spheroidal SiC grains neces-
238
sary for obtaining the correct flux between 10
and 14/z. The hotter graphite grains are at 600
K. A fairly similar model was proposed by
Keady (1982), but with amorphous carbon in
an expanding shell which corresponds to a mass
loss of 1.5 x 10 -4 M o yr -1. The influence of
the velocity field and the microturbulence on
the profile of CO infrared lines at 2 and 4.6/t
is taken into account.
For the same object, Rowan-Robinson and
Harris (1983b) found a shell extending from 5.5
to 550 stellar radii with a density proportional
to r -2. The hotter graphite grains are then at
850 K when Tff = 2000 K.
Without solving the transfer equation,
McCabe (1982) proposed a model to explain the
molecular abundances observed throughout the
shell and the nucleation and growth of grains
near the star. His scenario has already been de-
scribed: silicon carbide grains, responsible for
the emission around 12 _ can condense at r<
2 R.. Shielding the stellar radiation at short
wavelengths, they permit carbon grains to con-
dense and grow between 5 and 20 R.. This ex-
plains why the temperature of carbon grains is
lower than the condensation temperature at the
same place if the stellar radiation would not be
partially absorbed. It would be interesting to
confirm whether the quantity of SiC required
is compatible with the strength of the emission
at 12 #.
Finally, the problems encountered in build-
ing models of shells around carbon stars are
quite similar to those encountered with oxygen
stars. The exact nature of the grains and the
description of their optical properties require
further investigation. The experimental study
of amorphous carbon and polycrystalline
grains, from the near infrared to the millimetric
waves would be very useful.
Nonspherical Shells
Models of spherical shells necessarily give
no explanation of the intrinsic polarization of
stars. This polarization can be produced by
elongated grains in a spherical shell, but a very
efficientmechanismof alignment is required to
obtain a significant rate of polarization. The
morphology of the shell is then probably also
affected. The evidence of nonsphericity has
been recognized in some cases; it is always as-
sociated with a strong intrinsic polarization at
short wavelengths. The most striking examples
are VY CMa, NML Cyg, and IRC + 10216.
As for the latter, infrared interferometric meas-
urements by McCarthy et al. (1980) indicate an
asymmetry of the order of 3 to 1 for the prin-
cipal directions. Models of nonspherical shells
were at first mainly proposed to explain in-
trinsic polarization. The complete treatment of
the transfer of the scattered stellar radiation in
an ellipsoidal shell was realized without ap-
proximation by Daniel (1982), using numerical
simulation. A shell with a constant density can-
not produce a polarization higher than 12 per-
cent. The rates of polarization observed for VY
CMa--23 percent at _, = 0.38/z (Serkowski,
1973)--or IRC + 10216--24 percent at )_ =
0.64 # (Dyck et al., 1971)--require a different
repartition of the scattering material.
Another result highlighted by the computa-
tion is the persistence, when the opacity is mod-
ified, or a rotation of 90 degrees of the angle
of polarization at a fixed wavelength. In fact,
it is an individual property of grains which
multiple scattering does not smooth out. Daniel
(1982) obtains a relation between the index of
refraction, the average radius of the grains, and
the wavelength of rotation: this wavelength is
shorter for smaller grains. The rotation disap-
pears when the grains are strong absorbers, as,
for instance, graphite ones. The steep variation
of the angle of polarization is effectively ob-
served for several objects, and shell models
were built for ten strongly polarized stars. High
rates can be obtained only if the direct stellar
light is attenuated along the equatorial plane
and is scattered mainly near the polar regions
of the shell. For instance, the variation of the
rate of polarization of VY CMa and the modi-
fication of the angle at 0.9/z are well explained
by an ellipsoidai shell with a high opacity along
its equatorial plane. If the grains responsible
for the scattering and the polarization are
poorly absorbing silicates, their mean size is
0.26 tt (Figure 4-2). This model of bipolar
nebula was also proposed by Schmidt et al.
(1980) and Staude et al. (1982). More recent
models by Cohen and Schmidt (1982) for three
carbon stars have a similar morphology: a torus
or a disc of absorbing material obscures the
stellar radiation, and the scattered light comes
from the polar lobes. It is interesting to note
that GL 1403 (CIT6) clearly has a rotation of
polarization at 0.65 #; it cannot be produced
by graphite grains in an ellipsoidal shell of con-
stant density. The rotation shows that the re-
partition of the materials is complex. It can also
be due to silicon carbide grains.
The thermal equilibrium of grains and the
transfer of infrared emitted radiation in an el-
lipsoidal shell has been studied by Lef_vre et al.
(1983) by numerical simulation. Only the con-
stant density case was considered. This model
is certainly too simplified to represent reality,
and the essential purpose was to evaluate the
importance of the hypothesis of sphericity on
several physical quantities. In realistic models,
the law of repartition of density has a strong
influence on the results and cannot be fixed ar-
bitrarily. Density depends on the distance and
at least one angular variable. The first problem
to be solved is to understand the dynamics of
the shell and to describe the physical mecha-
nisms responsible for the loss of the spherical
symmetry. Rotation and magnetic field are
most often invoked. It is not certain that they
work effectively for evolved stars with large di-
mensions; the rotation velocity and the mag-
netic field are probably low in this case. The
shape of the shell can also be related to pro-
cesses which induce the ejection of matter at
the stellar surface, such as convection or shock
waves.
In a shell of constant density, the tempera-
ture of the grains around a cold star maintains
an almost spherical symmetry. As for silicate
and graphite, the part taken by scattered light
in the heating of grains is too weak to give sig-
nificant asymmetry of the repartition of tem-
perature. It would not be the same if the density
changed according to the direction; the stellar
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Figure 4-2. Variation of the rate of polariza-
tion p and of the angle of polarization Ofor VY
CMa. The dashed curves are the results obtain-
ed by numerical simulation by Daniel (1982).
They are compared to the measurements of
Serkowski (1973) (e) and Capps and Dyck
(1972) (A). The negative values of p correspond
to a polarization parallel to the polar axis of
the shell and the positive ones to a polarization
parallel to the equatorial plane. The variation
of 90 degrees for 0 corresponds to p = O. The
model is an ellipsoid with clean silicate grains
of radius a = 0.26 It.
radiation would be more attenuated along the
equatorial plane, and the decrease in the tem-
perature would be steeper. The radiation com-
ing from the shell is very anisotropic due not
only to the variation of opacity but also because
it is strengthened by the scattered light in the
polar direction. The anisotropy is low at large
wavelengths and disappears when the optical
depth is low in every direction. As a conse-
quence, the flux curve depends on the shorten-
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ing angle: the stellar radiation is lowered when
the observer is near the equatorial plane and
band profiles are modified. Since observations
are possible in one direction only, the interpre-
tation of the results with a spherical model may
lead to erroneous conclusions. The thermal en-
ergy emitted by the grains is equal to the energy
lost by the stellar radiation only if all the direc-
tions of space are considered. Generally, this
is not true for a single direction. For the same
reason, it is not possible to guess the total flux
emitted by the star and its shell when the in-
tensity is known in only one direction. The
effective temperature of the star deduced from
an evaluation of the flux would be different if
the shell is seen pole-on or equator-on. The
number of adjustable parameters used in a
spherical model almost always allows it to fit
the observed flux curve. Photometric and po-
larimetric measurements with high angular res-
olution are needed to set additional constraints.
Numerical simulations have shown that the
spatial repartition of flux is very asymmetric at
every wavelength when the opacity is low. The
shape of isophotes is mainly determined by the
shortening angle and do not directly reflect the
true dimensions of the shell. The bright annulus
observed toward the inner boundary of spher-
ical shells is again present when the extinction
on the line of sight is not too high, but differ-
ences of opacity through the shell change it into
a bright arc. The first results obtained by Rod-
dier andRoddier (1983) for ot Ori atX -- 0.535#
showed an asymmetric shell and a bright rim
over a large sector of the image. In Figure 4-3,
the visibility map of fringes produced by ot Ori
is shown. Their analysis allowed the image re-
construction of the shell. The results also dis-
played many fluctuations in the luminance: the
shell is certainly complex. Moreover, frequent
variations of the rate and angle of polarization
reflect modifications of the structure of the
shell at a rather small scale.
What developments can be expected in the
near future? When the spherical symmetry is
lost, the complexity of computations rapidly
grows; most of the physical quantities explicitly
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Figure 4-3. lsovisibifity curves of the fringes produced by _ Ori at X =
5348 ._ with the rotation shearing interferometer of Roddier and Rod-
dier (1983). A departure from circular symmetry is clearly seen. Elonga-
tions in the visibility function are at 90 degrees from elongations in the
image. Inner curves (low spatial frequencies) correspond to the shell.
involved in the resolution of the transfer equa-
tion depend on angular variables. It becomes
difficult to systematically explore the influence
of each parameter. Fairly simple repartitions
of density can be studied by numerical simula-
tion, but the increase of the computational time
rapidly limits the possibilities. The problem of
transfer must be tightly linked with the study
of the dynamic evolution of the shell.
Theoretical progress in the problem of the
formation of circumstellar grains and of the
transfer of radiation in a shell accompany the
advances of experimental methods. Spherical
models of expanding homogeneous shells have
thus far explained the flux curves obtained for
nonresolved objects. The detailed spatial anal-
ysis of molecular abundances, polarization,
luminence, etc. will consequently produce as a
consequence a new generation of models, tak-
ing into account the inhomogeneities of the
density, the effects of turbulence shock waves,
and the temporal variations. One can but hope
that the observations will not overemphasize ex-
otic objects, but will also provide results for
numerous shells with low opacity and slow vari-
ations. Significant progress in our knowledge
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of the properties of circumstellar grains will fol-
low. These observations will in themselves per-
mit the choice between candidate materials and
guide experimental research.
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MASS LOSS
Leo Goldberg
OVERVIEW
The first observational evidence for mass
loss from cool stars was the discovery by
Adams and MacCormack (1935) of blue-
displaced components in low-excitation lines of
metals in the spectra of certain red giant stars.
The first systematic study of displaced lines was
made by Deutsch (1956, 1960), who demon-
strated that the matter forming the blue-shifted
lines was actually escaping from the M-type
component of the ct Her system and that the
phenomenon was common to all M giants and
supergiants. Deutsch derived estimates of the
mass loss for these stars, in the neighborhood
of 10 -7 M®/yr--ten million times as great as
the amount lost through the solar wind--and
enough to affect the course of the late stages
of stellar evolution in a major way.
Weymann (1962a) carried out a detailed
spectrophotometric study of the spectrum of
ct Ori, the first real attempt at a quantitative
analysis of the spectrum of the outflowing mat-
ter. He found that, despite variations of up to
10 km/s in the radial velocity of the photo-
sphere, the displaced lines had not varied by as
much as 2 km/s over an interval of more than
20 years, which implied a detached shell far
enough away to be uncoupled from the pulsa-
tion of the photosphere. He estimated the in-
ner radius of the shell to be at least 14 stellar
radii, from which the rate of mass loss was in-
ferred to be 4.5 x 10 -6 Mo/yr. Weymann
(1962b) also demonstrated that the mass loss
in a Ori could not be driven by thermal gas
pressure, as it is in the solar corona.
After Weymann's work and following the
development of more sensitive detectors, in-
terest shifted to the infrared region of the spec-
trum. Red giants were found to emit an excess
of infrared radiation, as compared with a
blackbody, in a broad band of wavelengths
centered at about 9.7 #m. Woolf and Ney
(1969) attributed the emission to dust grains in
an extensive circumstellar shell and suggested
that the grains were made of silicates contain-
ing metallic impurities such as Fe, Mg, and Al
(e.g., MgSiO 3 and olivine, (Mg,Fe)2SiO4).
From calculations of chemical equilibrium,
Gilman (1969) showed that such molecules can
condense in cool atmospheres of oxygen-rich
stars (K and M stars) and identified similar
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emissionsat 11#m ascondensatesof C in
carbon-richstars(RandNstars)andof SiCin
starswithequalabundancesofcarbonandox-
ygen(S stars).Hoyleand Wickramasinghe
(1962)hadsuggestedarlierthatgraphitegrains
wouldcondensein theouterregionsof C-rich
stellaratmosphereswithsufficientlylowtem-
peratures.GehrzandWoolf(1971)supposed
thatradiationpressureonthedustgrainswould
propelthemawayfromthestar,draggingthe
gasalongwithit, and,usingobservedcolorex-
cessesat 11#mto estimateratesof massloss
for morethan50stars,theyderivedvaluesin
therange5 × 10-8to 3 × 10-5Me/yr. There
was still serious doubt as to whether the mo-
mentum acquired by the grains could be trans-
mitted to the gas, in view of the very long mean
free path for grain-gas collisions (Weymann,
1962b) until Gilman (1972) showed that the gas
and dust are momentum-coupled and not
position-coupled (i.e., primary collisions trans-
mit momentum from dust to gas, but secondary
collisions between atoms (molecules) are the
principal means by which momentum is dis-
tributed through the gas). The process was
shown to work for both silicate and graphite
grains.
The large values of mass loss inferred from
the dust emission heightened interest in mass
loss from red giants as an important factor in
the late stages of stellar evolution and as a
major source both of the enrichment of inter-
stellar gas by heavy elements and of the inter-
stellar dust itself. As one result, Reimers
(1975a, 1975b) undertook a systematic program
of analysis of circumstellar absorption lines in
the optical spectra of more than 120 K and M
giants and G, K, and M supergiants. In these
and later papers (see Reimers, 1981), Reimers
found that the stars showing circumstellar ab-
sorption lines in their spectra, as evidence of
high rates of mass loss, were confined to the
upper right-hand corner of the Hertzsprung-
Russell (HR) diagram and that terminal flow
velocities ranged from about 5 to over 100
km/s. The wind velocity was found to increase
roughly as the square of the escape velocity
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from the photosphere. Except in a few cases,
Reimers did not publish mass-loss rates derived
for individual stars, but instead presented his
results in the form of an interpolation formula:
_/ = 4 x 10 -'3L/gR (Me/yr) , (5-1)
where L is the star's luminosity, R is its radius,
and g is the acceleration of gravity, all in solar
units. This equation was derived from dimen-
sional considerations, its physical significance
being that the kinetic energy required to carry
the escaping mass from a star to infinity is
always the same fraction of the star's luminos-
ity. The constant was evaluated by the process
of fitting the formula to 4 or 5 normal points
derived from the empirical mass-loss rates.
Because of uncertainties in the empirical rates,
as well as in L, M, and R, the proportionality
constant is generally believed to be accurate
only within a factor of 10. Reimers' formula
has been the principal source of information on
empirical rates of mass loss from red giants
used in theoretical calculations of stellar
evolution.
More refined methods of analysis were ap-
plied to a relatively small number of selected
stars by Sanner (1976), Bernat (1977), and
Hagen (1978). Hagen attempted to derive
separate rates of mass loss for both the gas
(from the optical lines) and the dust (from the
10-#m emission feature). The absence of
reasonable agreement among the rates derived
by these investigators made it apparent that far
too little is known about the structure and com-
position of red giant atmospheres, as will be-
come evident further on.
Observations with the International Ultra-
violet Explorer (IUE) and with the High Energy
Astrophysical Observatory (HEAO) have illum-
inated further the nature of the division in the
HR diagram between stars with high and low
rates of mass loss. The short-wavelength limit
of observation with IUE is about 1170/_, which
reaches lines formed in the chromosphere/co-
rona transition region, but not the coronal lines
themselves. What at first appeared to be a
sharplinedividingstarswithhotcoronasfrom
thosewith cool massivewinds(Linskyand
Haisch,1979)isnowseenasagradualtransi-
tion, withsomestarsin theboundaryzone
showingbothtypesof spectra(Hartmannetal.,
1980;seealsoDupree,1980;Reimers,1981).
Starsneartheboundarytendtoshowtemporal
variationsin themassflows.
Newtechniquesfor observingat infrared,
millimeter,andcentimeterwavelengthsarecur-
rentlyleadingto dramaticadvancesin knowl-
edgeoftheratesandevolutionaryimplications
of masslossfromhighlyevolvedstars.Obser-
vationswithveryhighresolutionof thevibra-
tion/rotationlinespectraofCO,includingboth
fundamentalndovertonebands,havebeenef-
fectiveinprobingthestructuresof massflows
fromredgiants,especiallyMiras(Hall,1980).
Emissionfromcircumstellarshellsin the1-0
and2-1transitionsof COatmillimeterwave-
lengthscangivedirectinformationonstellar
velocities,hellexpansionvelocities,hellsizes,
and,withappropriatemodeling,estimatesof
massloss(Knappetal.,1982;KnappandMor-
ris, 1984).Fluxdensitiesof radiocontinuum
radiationmeasuredwith theverylargearray
(VLA)maynowbeusedtoinferthetempera-
tureandextentofchromospheresin redgiants.
TheVLA hasalsobeenusedtomapthet_ Sco
system (Hjellming and Newell, 1983), in which
the creation of an H II region in the expanding
shell of the M star by the ultraviolet (UV) radia-
tion of the B star permits a determination of
the rate of mass loss from the M star. Finally,
maser radiation emitted by H20, SiO, and OH
has been shown in principle to yield informa-
tion on the structure of various regions of late-
type atmospheres and on the enormous extent
of their circumstellar shells (see Elitzur, 1981).
The so-called OH/IR stars offer the possibility
of studying very luminous, long-period Mira
variables which are not seen in visible light.
The observational study of mass loss from
red giants in globular clusters was initiated by
Cohen (1976), who interpreted emission asso-
ciated with the Ha absorption line as arising
by recombination in an expanding ionized shell
of hydrogen. The same method has been ex-
tended to large numbers of stars by Mallia and
Pagel (1978), Peterson (1981, 1982), and espe-
cially by Cacciari and Freeman (1981, 1983),
all of whom derived rates in the neighborhood
of 10 -8 Mo/yr. Although rates of this order
of magnitude seem to satisfy the requirements
of stellar evolution, there is a fundamental dif-
ficulty in the assumption that the presence of
Ha emission is by itself evidence of mass loss
(Reimers, 1981; Dupree, et al, 1984).
In addition to thermal gas pressure and ra-
diation pressure on dust grains, a number of
other interesting mechanisms have been pro-
posed for both steady and episodic mass loss
(e.g., wave pressure, shock waves, magnetic
reconnection, dynamical and pulsational insta-
bility, and pulsational mode switching in
Miras). The probability is high that the dust
mechanism operates in the coolest late-type
stars, but it is not at all clear which mechanisms
are most relevant in other stars.
Mass loss from red giants plays a crucial role
in several aspects of stellar evolution (see Ren-
zini, 1981a; Iben, 1981b). Mass loss from stars
of intermediate mass between I and 8 Mo can
make an important contribution to the enrich-
ment of the interstellar medium. Moreover, in
the absence of mass loss, all stars with masses
exceeding 1.4 Mo would become supernovae,
but if enough mass is lost while the star is on
the asymptotic giant branch (AGB) of the HR
diagram, intermediate-mass stars may evolve
into planetary nebulae and white dwarfs. Par-
ticularly exciting is the recognition of long-
period OH/IR stars as possible progenitors of
planetary nebulae. Mass loss from interme-
diate-mass stars may also affect the formation
of interstellar dust grains, Mira variables, and
carbon stars. The evolution of low-mass stars
(mass less than 1.4 Mo ) has been extensively
studied in globular clusters. In the absence of
mass loss, one finds discrepancies between the
observed and calculated luminosity functions
of stars on the horizontal branch (HB) and
AGB, which can be removed by postulating
mass losses of about 0.2 Mo on the red-giant
branch (RGB) and about 0.1 Mo on the AGB.
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EMPIRICAL RATE
DETERMINATIONS
UV-Optical Spectra 0.2-5 #m
Single Stars. Figure 5-1 shows small regions of
the spectra of several red giants and supergiants
centered on the resonance lines of Mg +, Ca +,
Na, Mn, and K. The profiles are more or less
typical of the resonance lines of neutral and
singly ionized metals in the visible and near-UV
spectral regions of cool stars showing mass loss.
Figure 5-2 shows a tracing of the R1 line of the
1-0 band of CO near 4.65 #m, which is similar
in appearance to the potassium line. The cores
of the Mg II and Ca II lines are strongly satu-
rated and contaminated by chromospheric
emission, but the other lines show the P Cygni
profiles characteristic of resonance scattering
in an extended expanding atmosphere, although
distorted by the underlying, broad photospheric
line. The absorption components are formed
along the line of sight to the star and are dis-
placed to the blue by the amount of the expan-
sion velocity, whereas the emission is undis-
placed relative to the center-of-mass velocity.
Notice that in ct Ori, the CO and K I cir-
cumstellar (CS) lines are double, with an ap-
parent separation of about 6.5 km/s, implying
the existence of two discrete shells. Curiously,
in this star, the doubling is also seen in the D-
lines of Na I, but not in any other lines. The
absence of shell components among lines with
excitation potentials greater than a few tenths
of a volt has been interpreted as implying shell
temperatures less than 1000 K (Weymann,
1962a).
Spectral line profiles are used for the deriva-
tion of mass-loss rates with the aid of the equa-
tion of continuity:
,_I = 47r • r E . n(r) • #.m H • v(r) , (5-2)
where r is the radius of a volume element with
hydrogen number density n(r) and outward
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velocity v(r), # is the mean molecular weight,
and m H is the mass of the H atom. This equa-
tion implies steady mass loss with spherical
symmetry. In most cases, the radial dependence
of velocity and density cannot be determined
without additional assumptions. Since the cir-
cumstellar absorption lines appear to be
relatively sharp, the velocity along the line of
sight is usually assumed to be constant, which
implies an inverse square law for the density.
Moreover, the formation of P Cygni profiles
signifies that most of the emission is occurring
far from the star, and the radial velocities of
the displaced components are constant even in
stars with variable photospheric velocities.
Therefore, the circumstellar shells are assumed
to be detached from the stellar photospheres
and to be far enough away to be insensible to
their motions. With these two assumptions,
Equation (5-2) becomes:
A;/ = 47r.N. #om H.R o.v, (5-3)
where N is the column density of hydrogen gas
along the line of sight, R ° is the inner radius
of the detached shell, and V is the expansion
velocity, assumed to be constant. The deriva-
tion of A:/from Equation (5-3) proceeds by
steps as follows.
First, the P Cygni profile must be detached
from the background photospheric line, which
can be done with varying degrees of difficulty.
Two quantities are extracted from the line pro-
file: the column density of atoms or molecules
in the ground level of a particular transition and
the expansion velocity. The earlier work
(Weymann, 1962a; Reimers, 1975a) assumed
line formation in a static, plane-parallel at-
mosphere, but more recent work has made use
of relatively exact calculations by Kunasz and
Hummer (1974) of radiative transfer in an ex-
panding spherical atmosphere and of relatively
sophisticated non-LTE calculations of ioniza-
tion equilibrium (Sanner, 1976; Bernat, 1977;
Hagen, 1978). On the average, column densities
derived by Bernat (1977) for ct Ori are smaller
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Figure 5-1. Circumstellar resonance line profiles: (a) K I in Ori; (b) Mg H in a Ori (Bernat 1976);
(c) Na 15890 .4 in ct Her (left); Ca H K in [3 Peg (Hagen, 1980) (righO; (d) Mn I in ot Ori. The vertical
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Figure 5-2. The R1 fine of the 1-0 band of CO
in the spectrum of o_ Ori. The two shell com-
ponents, s I and s2, are superposed on the
broad photospheric line labeled p. The strong
telluric component is shown to the right (Ber-
nat et al., 1979). The vertical line labeled "'em'"
marks the center of the emission component of
the P Cygni profile.
than those of Weymann (1962a) by a factor of
3 to 4. The expansion velocity, V, is obtained
by direct measurement of the displacement of
the absorption line relative to neighboring
photospheric lines. The emission on the red-
ward side of the absorption line causes a
spurious additional shift of the line, amounting
to an error of about 25 percent (Bernat, 1976).
If the velocity of the photosphere is variable,
the expansion velocity is the shell velocity minus
the center-of-mass velocity.
The column density of the given atom in a
given stage of ionization must then be con-
verted into, first, the column density of the ele-
ment in all stages of ionization and, second, the
column density of hydrogen. Most of the res-
onance lines seen in the visible spectrum, with
the exception of those of Ca II, Sr II, and Ba
II, belong to neutral metals such as Fe, Cr, Ni,
Mn, and K. Since the metals are predominant-
ly singly ionized, a theory of ionization is need-
ed to derive the abundance of the ion. This step
is omitted for Sr II and Ba II. The total col-
umn density then follows from the assumption
that the abundances are solar-like, which may
be reasonable for most of the metals but is
questionable for Sr and Ba. The assumptions
made for CO in O-rich stars are that all car-
bon atoms are locked up in CO, which seems
reasonable, and that the C/H ratio is the same
as in the Sun, which is a pure guess.
Applications of the theory of ionization
have led to severe contradictions in the results.
As a test of the theory, Hagen (1978) derived
column densities of Sr II and Ba II in eight stars
and then used solar abundances and ionization
theory to predict column densities for several
neutral metals. Figure 5-3 shows the logarithm
of the ratio of the observed column density
N(obs) to the predicted column density N(pred)
plotted against the element in order of decreas-
ing ionization potential. The discrepancy of
four orders of magnitude is hard to explain.
Part of it apparently results from the steep drop
of the assumed blackbody radiation field below
2000 ._, and part may be caused by the deple-
tion in grains of elements with higher ioniza-
tion potentials. Figure 5-3 suggests that neutral
elements of low ionization potential are much
more abundant than the theory predicts and
raises a question as to whether Ba and Sr are
indeed predominantly singly ionized, at least in
the cooler M giants.
Hagen 0978) used only the lines of Sc II,
Sr II, and Ba II to derive column densities of
hydrogen in eight red giants. Bernat (1977)
derived hydrogen column densities in the four
red supergiants--o_ Ori, _ Sco, o_ Her, and/_
Cep--by averaging the results obtained from
8 to 9 metallic atoms, both neutral and singly
ionized. Although the scatter is large, ap-
proaching a factor of 50, there is no systematic
difference between hydrogen column densities
derived from neutral and ionized species,
respectively. On the other hand, the column
densities inferred from the Ti II lines at 3300
are too small relative to those from Sr II and
Ba II by factors of 7 to 20, if solar relative
abundances are used and if the singly ionized
stage is assumed to be predominant.
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observed column density of neutral atoms to
the column density predicted through the use
of ionization theory and solar abundances plot-
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ionization potential. The numbers refer to dif-
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6 = ot Ori, 7 = ot Her, 8 = Iz Cep (Hagen,
1978).
A very large error in __/may arise because
there is often no satisfactory method available
for the determination of R o, the inner radius
of the shell; different investigators have used
values differing by one or two orders of
magnitude for the same star. Weymann (1962a)
proposed a method for deriving the inner radius
based on the idea that the cores of the infrared
triplet lines of Ca II, 8542 and 8662 _, might
show small displaced absorption components
formed in the expanding shell. Since the lower
levels of these lines should be populated by
radiative excitation, the equivalent width of the
feature ought to be inversely related to the shell
radius. The method has been applied to several
stars by Weymann (1962a), Sanner (1976), and
Bernat (1977), and although it appears to work
in some stars, it leads to widely discrepant
results for c_ Ori, for which the lines are so deep
that the signal to noise tends to be relatively
small at the very line center (Goldberg, 1979).
Another method of estimating R ° is based on
model calculations of off-limb profiles of K I
emission (Bernat, 1976). When the line of sight
is interior to the inner radius, the calculated
profiles are asymmetric, and the observation of
such asymmetries in Betelgeuse implies an in-
ner radius of about 100 stellar radii, but the
calculations are strongly model-dependent.
There is in fact some question as to whether
the shell has a well-defined inner radius, as is
usually assumed in mass-loss determinations.
No matter what the mechanism for initiating
and maintaining the flow may be, there must
be a region in which the gas accelerates to its
terminal velocity and in which the density is
relatively high. Such a region would be difficult
to identify from a P Cygni profile because, al-
though the absorption component might be
strongly asymmetrical, the asymmetry would be
camouflaged by the redward-shifted emission
component. The superposition of a P Cygni
profile on a photospheric line would make such
an asymmetry doubly difficult to detect. On the
other hand, subordinate lines would not be ex-
pected to display strong redward emission, since
photons absorbed in such lines tend to be re-
emitted in resonance lines. Such asymmetric
subordinate lines are indeed observed in the
spectrum of o_Ori, the most prominent among
them being the Fe I lines fit 4140/_ and the Ca
II IR triplet (Goldberg, 1979), both of which
have excitation potentials of about 1.5 eV. The
8498 and 8542/_ lines of Ca II are shown in
Figure 5-4, where they are plotted on a helio-
centric velocity scale. Notice that the line cores
are highly asymmetric in the sense that the
radial velocity decreases from about 21 to 22
km/s, which is the systemic velocity of the star,
in the upper part of the core, to about 13.5
km/s at the bottom of the 8542 ,_ line. More-
over, over a period of several years, during
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Figure 5-4. Profiles of the 8498 and 8542 ._ lines
of Ca 1I in ct Ori made with the Fourier
transform spectrometer of the McMath Tele-
scope at Kitt Peak National Observatory. The
lines are plotted on a velocity scale. The line
bisectors are indicated by dots (8498 ,_) and
crosses (8542 ._), with the corresponding
heliocentric velocities shown to the left.
which the mean velocity of the photosphere
decreased by about 5 km/s, the velocities in
these profiles remained stationary (Goldberg,
1979). The terminal velocity shown by the ab-
sorption components of the resonance lines is
about 11 km/s, but if a correction is made for
the spurious shift caused by their companion
emission lines, the velocity would agree with
that measured at the center of the 8542/_, line.
Thus, the line is formed in. an atmospheric
region which is far endugh away to be un-
coupled from the motion of the photosphere,
which is an argument in favor of the detached
shell model. It is probable that the absorption
components of the resonance lines would show
the same behavior if they could be separated
from their emission components.
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The first high-resolution observations of cir-
cumstellar CO were made in the spectrum of
Ori by Bernat et al. (1979) with the Fourier
transform spectrometer (FTS) at the Kitt Peak
National Observatory (KPNO) 4-meter tele-
scope. Numerous lines of the fundamental
vibration/rotation band at 4.6 _tm were ob-
served, including several lines of the isotopic
molecule, 13CO. Subsequently, Bernat (1981)
observed the band in nine other red giants.
Figure 5-2 shows a typical CO line in the spec-
trum of Betelgeuse, which consists of four com-
ponents: a telluric line, a broad photospheric
line, and two narrow circumstellar lines with
heliocentric velocities of 11.0 and 4.8 km/s,
respectively. The same velocity components are
observed in K I and probably also in the D-lines
of Na (Goldberg et al., 1975), but in no other
lines. The relative abundances 12C/13C were
found to be about 6 for both components,
which suggests two shells with a common origin
in highly processed matter from the stellar in-
terior and thus rules out an interstellar origin
for the second component. After showing that
collisional excitation dominates over radiative
excitation, Bernat et al. (1979) identify the ex-
citation temperature with the kinetic
temperature, assume that the gas and dust are
in thermal equilibrium, and derive distances of
150 and 2000 stellar radii, respectively, for the
two shells. The further assumptions of cosmic
composition and the complete association of
carbon into CO lead to mass-loss rates of 5 ×
10-6 and 3.2 × 10 -6 Me/yr for the near and
far shells, respectively.
The results of Bernat's (1981) survey of
other red giants for circumstellar CO are shown
in Table 5-1. In addition to these stars, three
other stars--u Boo, ot Tau, and o_Sco--showed
no detectable CO, whereas the CO shell lines
in RX Boo were found to be too strongly sat-
urated for analysis, ct Boo and o_Tau are too
early in spectral type to show circumstellar
lines, and as Bernat points out, any CO in the
shell of o_Sco would be dissociated by the com-
panion B star. Table 5-1 shows that the CO ab-
sorption features are multiple in many stars,
Table 5-1
Observations of CO in M Giants and Supergiants (Bernat, 1981)
Spectral Component T N (CO)Iv (Dop) N (H) N (Dust) a
Star Type (km/s) (_,)c (cm -2 km -1 s) (cm -2) (cm -2)
119 Tau M2 lab-lb -9 200+150 7.5+15 3.4+21 b --
#Cep M2 la -8 100+10 7.5+15 7.3+21 c --
-13 270+60 2.0+ 16 -- --
-19 100+ 15 1.8+ 16 -- 4.0+21 d
-38 60+4 1.1 +17 -- --
-47 100+40 3.0+ 1 5 -- --
/3 Peg M2-311-111 -6 90 + 30 1.3 + 16 2.7 + 20 b --
Per M4 I1-111 -2 90 + 20 6.5 + 15 2.7 + 20 b --
o_Her M5 Ib-II+ -13 250__60 4.2+16 6.6+21 d 2.0+20 d
-25 550+ 670 6.7 + 15 -- --
SW Vir M7 III -6 130+20 2.9+ 16 -- --
-9 130+15 2.3+16 -- --
X Her M6e -8 110+20 4.3+16 2.5+20 d 4.0+21 d
W Hya M7-9e -5 300+90 4.8+16 2.5+ 20 d 6.0+21 d
-13 120±20 3.7+ 15 -- --
aN(Dust) is the H column density derived assuming cosmic abundances and complete condensation of silicates.
bsanner (1976).
CBernat (1977).
dHagen (1978).
which Bernat now attributes to episodic mass
loss rather than to the formation of discrete
clumps by instabilities in a steady flow as was
postulated for Betelgeuse (Bernat et al., 1979).
Column 4 lists the excitation temperatures, in-
terpreted as kinetic temperatures. The Doppler
velocity could not be independently determined
and therefore only the ratio of CO column den-
sity to Doppler velocity can be inferred, as given
in column 5. Column 6 contains the hydrogen
column densities derived in previous investiga-
tions of optical atomic spectra, and column 7
lists the hydrogen column density derived from
the 10-#m silicate feature on the assumption
that all Si atoms are condensed on grains and
that the Si/H ratio has the solar value. The
absence of a correlation between CO column
densities and either of the two hydrogen column
densities is, in Bernat's view, a major argument
in favor of episodic mass loss, since the separate
shells would be formed under different physical
conditions.
Bernat's final conclusion is that meaningful
mass-loss rates cannot be determined from ob-
servations of nonsteady mass loss unless aver-
ages are taken over several episodes. We shall
come back later to the topic of episodic mass
loss and comment here only that the absence
of correlations between the various column
densities is not unexpected in view of: (1) the
large scatter of the determinations from differ-
ent ions in the same star, and (2) the many
sources of error in the derivation of column
densities from the 10-#m emission feature.
Binary Stars. The errors introduced by un-
certain knowledge of the degree of ionization
and of the inner shell radius may be avoided
in principle by observing circumstellar lines of
elements in a predominant stage of ionization
(e.g., Fe II or Ti II) in the spectrum of a hot
visual companion of a red giant (Reimers,
1981). If the geometry of the binary system is
known, no assumption need be made about an
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inner shell radius. Stars studied in this way from
the ground, from a balloon, and from IUE are
ct I Her (Reimers, 1977a) and c_ Sco A (Kudrit-
zki and Reimers, 1978; van der Hucht et al.,
1980; Bernat, 1982). Reimers (1977a) derived
hydrogen column densities from six shell lines
of Sr II (4077 _) and Ti II (3300 A) in the spec-
trum of o_2 Her (G5 III), the visual companion
of al Her (M5 II), and obtained a mass-loss
rate of 1.1 x 10 -7 Mo/yr, which is about
one-sixth of Bernat's (1977) value derived from
lines of neutral metals at visible wavelengths in
the spectrum of a _ Her.
The binary-star approach has been exten-
sively applied to the c_ Sco system. Kudritzki
and Reimers (1978) derived a rate of 7 x 10 -7
Mo/yr for mass loss from a Sco A (MI.5 lab),
using the H and K lines of Ca II and the Ti II
lines in the spectrum of a Sco B (B2.5 II). Van
der Hucht et al. (1980) observed a variety of
lines between 2000 and 3000 _ in the spectrum
of o_ Sco B with the balloon-borne ultraviolet
spectrometer (BUSS), giving greatest weight to
the Zn II and Cr II lines, and obtained a rate
equal to 7.1 × 10 -6 Mo/yr. It is possible that
the Zn II lines are primarily interstellar
(Reimers, 1981). Finally, Bernat (1982) has
made the most thorough investigation of mass
loss from c_ Sco A, with the IUE satellite, by
observing 90 lines of about a dozen ions in the
wavelength range 1190 to 2631 _. The result
is that the column densities of hydrogen, de-
rived from 10 different ions, predominantly
singly ionized, show a spread of a factor of 30.
No single explanation--observational error,
shell chemistry, interstellar contributions--
appears to be satisfactory. An unweighted
mean over all ions gives a rate of 6.4 x 10 -6
M o/yr.
In principle, the binary-star approach may
be extended to a much larger number of stars
by IUE observations of spectroscopic binaries
consisting of a red-giant star and a B-type com-
panion. Observations in the ultraviolet effec-
tively separate the two stars. The first attempts
along these lines were made for 32 Cyg (Stencel
et al., 1979) and _"Aur (Chapman, 1981), but
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neglected to take into account the nonspherical
nature of the line-transfer problem (Reimers,
1981). The angular separation of such objects
is so small that radiation from both the B star
and the circumstellar shell pass through the
spectrograph slit, resulting in P Cygni profiles
that must be analyzed in the context of a non-
spherical three-dimensional line-transfer prob-
lem. The necessary theoretical framework has
been developed by Hempe (1982) and applied
to the analysis of a number of objects, in-
cluding _"Aur, 32 Cyg, and 31 Cyg (Che et al.,
1983), t5Sge (Reimers and SchrtSder, 1983), and
Boss 1985 (Che and Reimers, 1983). For the K
supergiant, _"Aur, Che et al. (1983) derived _/
= 0.63 × 10 -SMo/yrand v = 40km/s,
exp
as compared with Chapman's (1981) values of
57/ = 2 x 10 -SMo/yrand o = 100km/s,
exp
respectively. For 32 Cyg, Che et al. found
h_/ = 2 x 10-8Mo/yr and v = 60km/s,
exp
as compared with Stencel et al.'s (1979) 4 x
10 -7 Mo/yr and 65 km/s, respectively.
Mira Stars. Optical studies of mass loss from
Mira stars have benefited greatly from obser-
vations of the infrared vibration/rotation bands
of CO. The star x Cyg is a good example, in
which a series of high-resolution spectra, taken
with the FTS at the KPNO 4-meter telescope
may have provided new insights into the mass-
loss mechanism for red-giant stars (Hinkle et
al., 1982). The spectra covered more than three
cycles of the visible light variation and included
the first and second overtone bands as well as
the fundamental. Analysis has revealed four
sets of lines, separated according to their veloc-
ity characteristics, and apparently arising from
four different atmospheric regions: (1) a pul-
sating photospheric region through which a
shock front passes near maximum light; (2) a
cool gas (T - 300 K) expanding at 7.5 km/s
relative to the center of mass, which is identified
with the circumstellar shell; (3) a hotter region
(T - 800 K), stationary with respect to the
center of mass; and (4) a still hotter gas (T
1500 K) falling inward at 8 km/s. The column
density of the stationary layer varies on a time
scale larger than the optical period of 410 days.
Forexample,thelineswereabsentin 1975,be-
camequitepronounced7 monthslater,and
thenweakenedsteadilyoverthenext3years.
It isconjecturedthat thislayercontainsgas
ejecteduringparticularlyviolentoscillations
andissomehowsupportedbydissipatedshock
energy.If thestationarylayerisheatedbystel-
larphotosphericradiation,its800K tempera-
tureimpliesadistanceof 10R., or 1.7 × 1014
cm, where dust grains can form. Roughly the
same value, l0 TM cm, was measured by in-
frared speckle imaging techniques (Mariotti et
al., 1983). Thus, it can provide a reservoir both
for the dust-driven mass loss and the infalling
gas. A similar layer appears to be present in the
10 Miras which have been observed thus far by
Hinkle et al. (1982), who suggest that it may
also be present in most late-type stars.
Red Giants in Globular Clusters. It has been
known for some time (for a summary, see Ren-
zini, 1981a) that a mass loss of about 0.2 Mo
during the RGB (red-giant branch) phase, and
an additional 0.1 Mo during the AGB (asymp-
totic giant branch) phase are needed to bring
the calculated distribution of stars on the HR
diagrams of globular clusters into agreement
with observations. In the absence of experimen-
tal evidence for mass loss from stars in globular
clusters, theorists incorporated into their cal-
culations (Fusi-Pecci and Renzini, 1976; Ren-
zini, 1977) Reimers' (1975a, 1975b) parametric
formula for mass loss, Equation (5-2), modified
by an adjustable parameter, r/, which is sup-
posed to reflect the uncertainty in the empirical
rates:
)_r = -4 × 10 -13 × _7" L/gR. (5-4)
This relationship was derived for Population
I stars, and the scatter around it suggests that
lies somewhere between 0.3 and 3.0. It is
therefore remarkable that, within rather close
limits, the Reimers formula with _ = 0.40
clears up both the HB and AGB discrepancies,
despite the fact that it is based on empirical
rates for relatively few Population I stars,
which are themselves uncertain by a factor of
10.
Observational evidence for mass loss from
red giants in globular clusters was first offered
by Cohen (1976) in the form of emission assoc-
iated with the Hot absorption lines in four red
giants belonging to three globular clusters.
Although emission has been observed on the
blue wing in some cases, it has also been seen
only on the red wing in other stars and on both
wings in still others. Cohen's observations have
been extended to a large number of stars in
more than a dozen clusters by MaIlia and Pagel
(1978), by Peterson (1981, 1982), and espe-
cially by Cacciari and Freeman (1983). Cohen
(1976) postulated that the emission arises from
a circumstellar shell as a result of mass loss. As
a model for estimating mass loss, Cohen took
a completely ionized shell, expanding at a con-
stant rate of 45 km/s from an inner shell radius
R s = 2 R. to infinity. The envelope was
assumed to be optically thick in the Lyman lines
and optically thin in the Balmer lines. With
these assumptions, the total Ha emission from
the star is written as"
E(Hot) = 41r. hv" n2*o t_a2 Rs4 .:dr/r 2, (5-5)
-R
s
in ergs/s, where n o is the density of hydrogen
at R s, and ot32 is the effective recombination
coefficient for a temperature of 10000 K.
The rate of mass loss is then
)(/I = 4re. R2. mH • Vexp. no, (5-6)
where no is to be substituted from Equation
(5-5), and m/_/ is the mass of the hydrogen
atom. Numerically, with the equivalent width
Wsubstituted for E(Ho0, the rate of mass loss
becomes (Mallia and Pagel, 1978):
)_/ = 2.76 x 10 -4 V
exp
• R. (R s • W) 1/2 • exp(-1.1/T4)
(5-7)
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The radii are expressed in solar radii, V
exp
is in km/s, W is in ,_, T is in units of 104 K,
and _tis in Mo/yr. Note that, when expressed
in terms of the observed quantity, W, the
equivalent width, 3)/, is proportional to R3./2,
and not to R1./2 as Cohen (1976) supposed.
All investigators have followed Cohen's
(1976) methodology in calculating rates of mass
loss. Cohen derived a minimum rate of 2 x
10 -9 Mo/yr, which, when combined with a
red-giant lifetime of 1 x 108 years, gave the
desired loss of 0.2 M o on the RGB. Mallia and
Pagel (1978) found much larger rates, up to 6
× 10 -8 Mo/yr, principally because they used
larger stellar radii, but they also believed that
their results were compatible with the re-
quirements of HB morphology. In her study of
seven luminous giants in three clusters, using
high spectral resolution, Peterson (1981) found
that the Na D and Ho_ lines in some stars had
blue-shifted asymmetric cores similar to those
observed in M field giants and supergiants
(Boesgaard and Hagen, 1979). The shifts
amounted to about 6 km/s in Ha and 11 km/s
in Na D. Peterson (1981) notes that emission
is not usually seen in field giants with asym-
metric cores. Boesgaard and Hagen (1979) find
that 50 percent of stars with spectral classes M0
III to M7 III show asymmetric Ha profiles with
core blue shifts of a few km/s.
In a recent extensive survey of 143 red giants
in 12 globular clusters, Cacciari and Freeman
(1983) detected Ha emission in about one-third
of the stars brighter than log L = 2.9, or Mbo I
< -2.5, with clear evidence of variability. More-
over, the apparent narrowing of Ha absorption
in fainter stars suggests the presence of weaker
emission down to log L = 2.3, or Mbo t = -1.
Mass-loss rates calculated from Equation (5-7)
are between 0.7 and 6.3 in units of 10 -8
M o/yr. The required total mass loss on the
RGB is attained if it is assumed that the average
rate of loss from Mbo t = -1 to the tip of the
RGB is 10 -8 Mo/yr over an evolutionary time
of 2 x 10 -7 years (Sweigart and Gross, 1978).
Despite these estimates, however, the occur-
rence of mass loss in globular cluster stars on
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the RGB in an amount sufficient to satisfy
evolutionary requirements is still unproven
(Reimers, 1981; Dupree et al., 1984). Neither
Ha emission nor the dependence of the emis-
sion on luminosity is evidence of mass loss.
Model calculations of Ha line profiles in metal-
deficient stars by Dupree et al. (1984) show that
emission wings can arise in warm chromo-
spheres with mass-loss rates << 2 x 10-9
Mo/yr. Moreover, chromospheric activity
might well increase as stars ascend the red-giant
branch. The assumption that the emission is
formed in a fully ionized gas by recombination
is purely arbitrary, and uncertainties in the
assumed stellar radii represent another source
of error, which has already led to a disagree-
ment of an order of magnitude (Cohen, 1976;
Mallia and Pagel, 1978). The observation of
asymmetric blue-shifted line cores (Peterson,
1981, 1982) implies that the outer envelopes of
some red giants in globular clusters are ex-
panding, but not necessarily that matter is
escaping.
Infrared Dust Emission
Emission by silicates in a broad band
centered at 9.7 #m is a common occurrence in
the spectra of late-type O-rich giants and
supergiants. In the carbon stars, a similar but
narrower band near 11/zm is probably radiated
by SiC, while a third species of unknown com-
position contributes to the continua of some,
but not all, C and S stars. The silicate feature
is the most useful indicator of mass loss in the
middle infrared. In the far infrared, thermal
continuum emission near 400 #m by silicate and
carbon grains is the most promising determi-
nant of dust mass loss from highly evolved
stars. We consider first the silicate emission at
10 gm and next the continuous emission at sub-
millimeter wavelengths.
Emission by Silicates at 10 Microns. Figure 5-5
shows the excess emission observed in the
10-#m region of red-giant spectra, as compared
with blackbody emission at the stellar
temperature.Basically,onetriesto extractthe
opticaldepthof thedustgrainsat 10#mfrom
theamplitudeof theexcessemission,bearing
inmindthattheamountradiatedalsodepends
on the temperatureof the dust. Thedust
temperatureisdeterminedbythecomposition
of thegrainsandtheirabsorbingpropertiesat
theshorterinfraredwavelengthswheremostof
thestellaradiationisconcentrated.Theradial
opticaldepthr (10#m)isthenusedtocalculate
thecolumndensityof dust,
7-(10#m) = a2 • Q(10 #m) • N c , (5-8)
where a is the radius of a grain, Q is the ab-
sorption efficiency at 10 #m, and N is the col-
umn density of silicate grains per cm 2. If
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Figure 5-5. Spectral energy curves for K and M
supergiants in the 2- to 3-1zm region. The ex-
cess emission near 10 #m is clearly seen. For
comparison, curves for a 3300 K blackbody and
for free-free emission are drawn on a relative
scale (Merrill, 1977).
values of a and Q are known or assumed, N
£
may be found from Equation (5-8). Next, the
column density of hydrogen may be inferred
from: (a) the assumed grain composition, (b)
a judgment as to the fraction of a given element
that may have condensed on the grains, and (c)
an estimate of the abundance of that element
relative to hydrogen. Finally, the mass-loss rate
is calculated from Equation (5-3) with the aid
of expansion velocities derived from optical
spectra and estimates of the inner shell radius
by one means or another.
The most uncertain step in the analysis is the
derivation of r(10 #m) from the observed IR
emission, which requires knowledge of half a
dozen other parameters, and is therefore
strongly model-dependent (Hagen, 1978):
1. The dust temperature distribution is
determined by the equilibrium between
the absorption of stellar radiation at
wavelengths smaller than 5 #m and the
emission at longer wavelengths.
Knowledge of grain compositions and
absorption efficiencies are of critical im-
portance. In discussions of grain
temperatures, a distinction is usually
made between so-called "clean" silicates,
which are relatively pure and have highly
developed crystalline structures, and
"dirty" silicates, which have disordered
lattices (e.g., natural hydrous silicates in
carbonaceous chrondrites) or are coated
with impurities such as graphite. Clean
silicates are transparent to short infrared
wavelengths, whereas the dirty silicates
are strong absorbers at these wave-
lengths. Jones and Merrill (1976) showed
that pure silicate grains reach an equi-
librium temperature that is too low to
reproduce the observed 10-#m feature.
The introduction of impurity (dirty
silicates) raises the short-wave efficien-
cy and warms the grains.
2. The absorption efficiencies are well
known for relatively few minerals, and
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althoughtheyarereasonablyindepen-
dentof compositionat 10#m,theydif-
fer from onemineralto anotherby
severalordersof magnitudeat wave-
lengthslessthan5#m,wherethestars
radiatemostof theirenergy.Thetem-
peraturedistributionsarecorrespond-
inglyuncertain.
, For given optical depth, the size of the
shell, particularly the inner radius, deter-
mines the flux at 10/_m.
. The density distribution for dust grains
is another important input. It is usually
assumed that the density falls off as r -a,
where a = 2 for constant velocity. Hagen
(1978) prefers a = 1.5, but nevertheless
assumes constant velocity.
5. The small-grain approximation (Shawl,
1975) is usually chosen to fix the grain
size, with a = 0.05 to 0.1 /_m. In this
range, a << )_, and Q(abs) cc a. The dust
temperature is independent of grain size,
since both the energy absorbed per unit
mass and the energy emitted are propor-
tional to the grain volume.
o Hagen (1978) took partial account of
radiative-transfer effects by including a
correction for self-absorption of starlight
by the dust, but a more exact treatment
is required when r (10/_m) is greater than
unity (Rowan-Robinson and Harris,
1983a).
The extensive survey of IR circumstellar
emission by Gehrz and Woolf (1971) was based
on IR photometry at 3.5, 8.4, and 11 #m. The
color 3.5 _m - 8.4/zm was taken as a measure
of silicate emission and the color 8.4 #m - 11
#m as a measure of optical depth. Gehrz and
Woolf avoided many of the problems of the
data analysis by adopting a model of a thin
spherical shell with temperature T at a distance
R from the center of the star. When the color
8.4/zm - 11 #m is plotted against the color 3.5
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/zm - 8.4/_m, comparison with model curves
gives both 7-(11 _m) and (R/R.) (T/T.) -1/2.
Optical depths for class Ia supergiants were
found to be 0.1 to 0.2, as compared with about
unity for Miras and about 0.25 for SRb vari-
ables. The adoption of a dust temperature of
900 K for all calculations led to estimates for
the inner radii of shells of about 4 R. for typical
red giants and Miras and about 20 R. for
supergiants.
In a study of mass loss from nine stars,
which included giants, Miras, and supergiants,
Hagen (1978) computed optically thin model
dust shells (Dyck and Simon, 1975) to calculate
infrared fluxes, making some allowance for
self-absorption. After calculating a number of
emission profiles as a function of r for assumed
values of the other model parameters, Hagen
chooses a value of r by comparing the predicted
and observed emission bump heights and
evaluates the dust column density from Equa-
tion (5-8). The hydrogen column density then
follows from the assumed grain composition.
In calculating mass-loss rates from total column
densities, Hagen (1978) took as inner shell radii
the distances at which silicate grains condense,
which vary from 1.2 R. for a 2500 K star to
1.9 R, for a 3600 K star. As Hagen points out,
these small distances are inconsistent with the
analysis of the optical line profiles, which were
modeled on the assumption that the radius of
the inner shell is larger than R. by at least a
factor of 3. In a more recent survey of 42 red
giants and supergiants (Hagen et al., 1983), the
inner shell radius is set at a uniform value of
10 R. for all stars.
In the same paper, Hagen (1978) also derives
hydrogen column densities from optical lines,
using Sr II for the cooler stars later than M5
and Sr II, Ba II, and Sc II for the early M stars.
Since she assumes that the same fraction of all
elements is condensed into grains, the addition
of the two values of N(H) gives the total col-
umn density of CS matter, and the ratio of the
two is the relative proportion of metals existing
as gas and dust, respectively. It is hard to
understand how two elements such as Sr and
Si, with fractional abundances differing by five
orders of magnitude, can be condensed on
grains in the same proportions. At the very
least, the investigation should be repeated, us-
ing optical observations of elements with abun-
dances comparable to that of Si.
One of the principal conclusions from these
studies is that the total quantity of CS gas de-
rived from the Sr II 4077 A line is uncorrelated
with the quantity of CS dust implied by the
strength of the 10-#m silicate feature. Such a
correlation is expected from the theory of dust-
driven mass loss (see Deguchi, 1980), but its
absence may not be too significant in view of
the many uncertainties in the derivation of dust
column densities. Moreover, the use of a single
line, 4077 ._ of Sr II, as a measure of total gas
content implies far more confidence in ioniza-
tion theory and in solar-like abundances than
is warranted. It appears that the fraction of
metals in the form of dust and gas, respective-
ly, are not at all well determined.
Submillimeter Dust Emission. In principle, the
rate of mass loss in the form of dust may be
estimated more directly from the thermal emis-
sion of the dust at submillimeter wavelengths
than from the 10-#m silicate feature. Sopka et
al. (1984) have reported observations of 17
evolved stars, obtained with the United King-
dom (U.K.) infrared telescope on Mauna Kea
at an effective wavelength of 400 #m. At this
wavelength, the dust is optically thin, and
moreover, the dust emission follows the
Rayleigh-Jeans law. Consequently, uncertain-
ties in grain temperature are not as serious as
at shorter wavelengths. Nine of the objects were
detected, and rates of mass loss, varying in
amount from about 10 -7 to 7.6 × 10 -6
Mo/yr, were estimated from the fluxes and are
listed in Table 5-2. The greatest potential
sources of error are the distance and _(400 #m),
the cross section per unit mass of the grains.
Although the composition of both carbon and
silicate grains is unknown, several lines of
evidence (Draine, 1981; Rowan-Robinson and
Harris, 1983b; Jura, 1983a) suggest that car-
bon in the interstellar medium is amorphous
rather than crystalline in structure and that the
silicates are likely to be amorphous as well. The
slopes of the far-IR to submillimeter spectra of
both carbon-rich and oxygen-rich stars also
support the conclusion that both carbon and
silicate grains have amorphous structures.
Thus, Sopka et al. (1984) adopt a common
value of x = 20 cm 2 for both carbon-rich and
oxygen-rich stars, which is estimated to be ac-
curate to within a factor of 3, and is about an
order of magnitude less for crystalline
materials. The seventh column of Table 5-2
gives the ratio of mass lost in the form of gas
and dust, respectively, which is seen to be con-
sistent with the interstellar value of 100.
It is noteworthy that the largest values of
3_/d are found for the bipolar objects, OH
231.8 + 4.2, CRL 2688, CRL 618, the plane-
tary nebula NGC 7027, and VY CMa, in all of
which the flows are highly anisotropic. It might
be believed that analysis of such objects based
on spherical symmetry might give incorrect
results, but Jura's (1983b) calculation of mass
loss from oblate ellipsoids shows that the rates
are not greatly different from values derived by
assuming spherical symmetry.
Millimeter Waves
Since it was first detected a few years ago
(Zuckerman et al., 1977, 1978; Lo and Bechis,
1977; Morris et al., 1979; Morris, 1980; see also
Rieu, this volume, for an up-to-date review),
thermal millimeter-wave radiation in rotational
lines of molecules has become an increasingly
important tool for studying mass loss from red
giants. The CO lines have been most widely
used in rate determinations. The 1-0 line has
been detected in 50 stars, mostly of types M,
S, and C (Knapp and Morris, 1984), and the
2-1 line in 17 of the same objects (Knapp et al.,
1982). Such lines are particularly valuable for
rate determinations because they are formed far
from the star, where the flow is likely to have
attained both its terminal velocity and spherical
symmetry. One disadvantage is that they appear
in emission, and hence the mass of CO in the
envelope must be derived from detailed models
in which the square of the distance is a free
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Table 5-2
Mass-Loss Rates and Expansion Velocities of Selected Red-Giant Stars
Spectral V
exp
Star Class /Hg (km/s) I_1 d I_g/l_ d Ref. t
Q Per M4 I1-111 0.012 7 2
119 Tau M2 Ib 0.24 7 2
Ori M2 lab 4 10 3,4,5
6 Gem M1-M2 la-lab 2.1 8 2
Sco M1.5 lab 5.4 9 2,6
Her M5 Ib-II 0.11 8 2,7
62 Lyr M4 II 0.048 7 2
R Lyr M4-5 III 0.014 5 2
# Cep M2 la 1.0 9 2,4
Sge M2 II 0.02 28 8
IRC + 10011 M8 14 24 0.07 200 9,10
o Cet M6e 0.65 4 9
NML Tau M 5.1 28 9
S CMi M7e 6.3 18 1
RS Cnc M6 Ib-)l 0.29 11 9
R LMi M7e 1.0 6 1
R Leo M8e 0.092 7 9
RX Boo M7e 0.38 8 9
NML Cyg M6 III 1.8 21 0.058 31 1,10
R Cas M7e 0.66 11 1
R And S6e 0.37 15 9
W Aql S 9.8 20 9
X Cyg S7e O. 18 8 1
IC 418 PN 5.0 17 1
NGC 6543 PN 5.1 14 1
NGC 7027 PN 110 22 1.3 85 9,10
R Scl C 31 16 9
IRC + 50096 C 6.3 18 9
CRL 618 C 77 18 0.85 90 9,10
CRL 865 C 23 14 9
IRC + 10216 C9 55 17 0.17 320 9,10
ClT 6 C4 3.0 17 9
IRC - 10236 C 47 10 9
V Hya C63e 4.6 18 9
)RC + 20326 C 23 10 9
CRL 2155 C 17 20 9
CRL 2199 C 13 15 9
IRC + 20370 C7 10 9 9
V Cyg C7e 25 14 1
CRL 2688 C 160 19 2.3 70 9,10
IRC + 40485 C 17 13 1
CRL 3068 C 7.3 14 0.086 85 9
IRC + 40540 C8 24 15 9
0H231.8 + 4.2 130 68 7.6 17 9,10
* _4 and It4 are rates derived for gas and dust, respectively, in units of 10 -8 Mo/yr.
1" 9 dReferences: 1. Knapp et al. (1982_; 2. Sanner (1976); 3. Bernat et al. (1979); 4. Hagen et al. (1983); 5. Mauron et
al. (1984); 6. Hjellming and Newell (1983); 7. Reimers (1977); 8. Reimers and Schr6der (1983); 9. Knapp and Mor-
ris (1984); 10. Sopka et al. (1984).
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parameter; another is the uncertainty in the
composition ratio CO/HE, which may, in
some cases, be derived indirectly from observa-
tion (see below). Circumstellar chemistry is a
new field of research, which is not yet on a firm
quantitative basis. (See the review by Glassgold
and Huggins in this volume.)
Figure 5-6 shows typical spectra in the region
of the CO J -- 2-1 line for Betelgeuse and
IRC + 10011. As shown by Morris (1975), the
profiles of emission lines from unresolved
spherical gas clouds expanding at constant ve-
locity are flat-topped, as in Betelgeuse, when
the cloud is optically thin, and parabolic, as in
IRC + 10011, when the cloud is optically thick.
The width of the profile at zero intensity or
power is twice the expansion velocity, Vxp ,
whereas the velocity at the center of the line is
the systemic, or center-of-mass velocity of the
star, V. For Betelgeuse, the derived velocities
areV = 15.3 _+ 2.5km/sand V = 18.8_+
exp c
2.5 km/s (Knapp et al., 1980), in good agree-
ment with the optical values V = 16.5 and
exp
10.0 km/s (Goldberg et al., 1975; Bernat et al.,
1979) and V = 21 km/s (Adams, 1956). The
expansion velocity derived from the emission
profile apparently corresponds to the larger of
the two displacements observed in optical ab-
sorption spectra of _ Ori. The absence of emis-
sion from the inner shell can be understood
(Knapp et al., 1980) if the shell is much closer
to the star than proposed by Bernat et al.
(1979), 8 R. rather than 150 R.. Moreover,
spatial mapping of the millimeter-wave emis-
sion from Betelgeuse gives a radius of about 400
R, for the outer shell, again much smaller than
the value of about 2000 R. found by Bernat
et al. (1979). Goldreich (1980) has pointed out
that the gas in the circumstellar shell is heated
by the drag force between gas and dust and not
by the thermal dust temperature. It is therefore
incorrect to equate the excitation temperature
with the equilibrium temperature of the dust,
at least for those objects in which the rate of
mass loss and therefore the density are relatively
low (Morris, 1980).
Theoretical models of circumstellar enve-
lopes around red giants, in which rates of mass
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Figure 5-6. Spectra in the region of the CO
J = 2-1 fine at 230 GHzfor a Ori flop) and
1RC + 10011. Possible blends with lines of
other molecules are indicated (Knapp et aL,
1982).
loss and chemical compositions are parameters
to be derived from molecular line observations,
have been calculated by Goldreich and Scoville
(1976) for OH/IR stars, by Kwan and Hill
(1977) and Kwan and Linke (1982) for the car-
bon star, IRC + 10216, and by Morris (1980;
see also Morris and Alcock, 1977) for a wide
range of stellar parameters. In all of these
models, mass loss is assumed to be driven by
radiation pressure on dust grains in a spher-
ically symmetric atmosphere. The gas temper-
ature distribution is determined by the balance
between heating by collisions with grains and
cooling by adiabatic expansion and by the
emission of HEO in O-rich stars and of CO in
carbon stars. Because most of the CO emission
occurs hundreds of stellar radii from the star,
Kwan and Linke (1982) assume constant out-
flow velocity and use the Sobolev approxima-
tion to solve the radiative-transfer problem.
The solution contains three free parameters: JQ,
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the rate of massloss,Q, the momentum
transfer efficiency factor averaged over the con-
tinuum energy distribution, and (CO)/(H2),
the abundance ratio carbon monoxide to mo-
lecular hydrogen. It is expected that, in the cir-
cumstellar envelopes of the cooler late-type
stars, hydrogen will be predominantly in mo-
lecular form (Knapp and Bowers, 1983). The
dust grains are assumed to constitute 1 percent
of the mass and to have a density of 1 gm/cc.
Since these quantities always enter with Q, their
uncertainties are lumped together with the un-
certainty in Q, which may be checked by cal-
culating the optical depth of the dust and com-
paring it with that of infrared observations.
Morris (1980; see also Morris and Alcock,
1977) bases his model on temperature and ve-
locity distributions derived from their dust
model by Goldreich and Scoville (1976). For ex-
ample, the velocity law is:
V _ Vrerm - 0.37 X 1016/r , (5-9)
for r > 10_5 cm, equivalent to 20 R. for
Betelgeuse.
Morris solves the coupled equations of radi-
ative transfer and statistical equilibrium to cal-
culate the radial distribution of the populations
in the lowest 11 rotational levels of both the
first and second vibrational levels of CO. The
processes contributing to the level excitations
are:
. The millimeter-wave radiation field, in
part from the 3 K background and in
part from diffused CO line radiation.
. The 4.6-/_m radiation field exciting the
v = 0-1 transitions. The central star is
assumed to be a blackbody with a tem-
perature of 2000 K and a radius of 5 x
10 _3 cm, and a parameter, W, is sup-
posed to measure the amplification of
the 4.6-_tm radiation by the surrounding
dust. No account appears to have been
taken of the weakening of the stellar ra-
diation field by CO absorption in the
photosphere.
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. The levels are also excited by collisions
with H 2 molecules, the results being in-
sensitive to the assumed temperature
distribution.
Results are presented for the central inten-
sities of the transitions J = 1-0, 2-1, and 3-2
as a function of 3)/(the mass-loss rate), W (the
measure of 4.6-/_m luminosity), andf(the frac-
tional abundance of CO relative to H2), and
for the beamwidths of the 11-m National Radio
Astronomy Observatory telescope and the 10-m
Owens Valley Radio Observatory telescope. For
a completely unresolved envelope, the bright-
ness temperature is inversely proportional to the
distance squared. Actually, both of the above
telescopes can resolve envelopes at distances
closer than 1000 parsecs, which means that an
increase in distance is partially compensated by
an increase in the surface area intercepted by
the beam. Therefore, the peak surface bright-
ness falls off less rapidly than as D -2.
The results show that, when the product f
× M < 10 -9, the envelope is optically thin
both in the rotational lines and in the 4.6-/_m
lines. The line profiles are flat for D > 1 kpc
and become double-peaked as D decreases be-
cause the outer parts of the emitting region are
no longer within the telescope beam. When f
x A_/ > 2 x 10 -9, the envelope is optically
thick in both rotational and vibrational lines.
Increased density causes the excitation to be
dominated by collisions with H 2. Finally,
when f x _t _ 10 -9, weak maser emission
may occur.
It might be believed that only the product
f × ;_/could be derived from comparing model
calculations with observations, but that is
usually true only in cases in which the levels are
excited purely by radiation. Otherwise, the
same value of the productf × ._/may produce
profiles of quite different intensity and shape
(double-peaked, flat, or parabolic) depending
on the relative values of f and _t. The reason
is that the value of _/is a measure of the den-
sity, which controls the rate of collisions and
thustheexcitationtemperature.Anincreasein
excitationtemperatureincreasesthesizeof the
observedemittingregionandthereforemodifies
theshapeoftheprofile.Thus,detailedmodel-
ingof emission-lineprofilescanyieldboththe
mass-lossrateandinformationonthechemical
composition.
Anothertypeof modeling,whichseeksto
combineopticalandradioobservations,was
conceivedbyJuraandMorris(1981)andap-
pliedto theshellof Betelgeuse.Themodelis
derivedfromobservationsofthe2-1lineof CO
(Knappetal., 1980)combinedwithmeasures
of thesurfacebrightnessof theshellin the
monochromaticradiation7699_ of K I at
distancesof 20to 60arc-secfrom the star
(Honeycutte al.,1980).At suchgreatdistances
fromthestar,theionizationof K iscontrolled
entirelybytheinterstellarradiationfield,al-
thoughmodifiedbydustextinction,orshield-
ing,intheshellitself,andthereforetheuncer-
tainty about the stellarradiationfield is
avoided.Theanalysishasrecentlybeenre-
peatedbyMauronetal. (1984)usingnewsur-
facebrightnessmeasurementsmadewith a
Fabry-P_rote alonandacharge-coupleddevice
(CCD)camera.Themethodyieldstheradial
densitydistributionofpotassiumandof hydro-
genif thesolarabundanceratioisassumed.A
by-productof theanalysisis theabundance
ratiocarbon/potassium.Sofar, suchoptical
surfacebrightnessdistributionshavebeen
measuredonlyfor thestarBetelgeuse.
Intheirsurveyof masslossfrom17evolved
stars,Knappet al. (1982)avoideddetailed
modelingby puttingthestarsinto twocate-
gories,thosewithopticallythickandoptically
thinenvelopes,respectively,andderivingsim-
pleexpressionsfor themass-lossratein terms
of antennatemperature,T_, expansion veloc-
ity, V, and distance, D. The expressions are
designed to fit the IRC ÷ 10216 model of Kwan
and Hill (1977) and Kwan and Linke (1982) as
a prototype for the optically thick envelopes
and the o_Ori models of Bernat et al. (1979) and
Jura and Morris (1981) as typical for optically
thin envelopes. The models predict that the
ratio of antenna temperatures of the 2-1 and
1-0 lines of CO should be about 3 in optically
thick envelopes and several times larger for op-
tically thin shells. According to this criterion,
15 of the 17 shells were shown to be optically
thick, the only exceptions being Betelgeuse and
Mira.
In their optically thick approximation,
Knapp et al. (1982) assume that each source is
a sphere of constant surface brightness, the
radius being fixed by the gas density at which
the CO lines are no longer thermalized. How-
ever, Jura (1983b) has shown that the outer op-
tically thin regions of the sources cannot be
neglected, since they contribute substantially to
the total flux. Allowance for this effect reduces
Knapp et al.'s mass-loss rates by a factor of 2
to 3. A further reduction of about 30 percent
becomes necessary when the effects of dust
shielding and molecular self-shielding are con-
sidered (Jura, 1983b). Jura's analysis leads to
a less steep dependence of mass loss on dis-
tance, D 3/2, rather than/)2 as found by Knapp
et al. (1982).
A new survey by Knapp and Morris (1984)
has detected 50 sources in the l-0 line. The
analysis has been carried out with a minimum
of simplifying approximations, and the results
are probably more reliable than those of Knapp
et al. (1982). As before, general expressions for
T_ were derived for both optically thin and
optically thick cases, respectively. For both
cases, the antenna temperature is a function of
3_/, D, f, and rm, the maximum extent of CO
in the envelope. In optically thin objects, T_
also depends on the IR flux, W. For most
objects, the model profiles are in satisfactory
agreement with observations, but a few opti-
cally thin shells, including those of o Ceti and
o_Ori, presented problems that require further
study. In view of the many free parameters in
the theory, the results must still be regarded
with some caution.
Microwave Emission
VLA measurements of radio emission at
centimeter wavelengths from the supergiants
Betelgeuse (Newell and Hjellming, 1982) and
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Antares(HjellmingandNewell,1983)arecon-
sistentwithemissionof anopticallythickther-
mal radiospectrumemittedby anextended
slightlyionizedchromosphereextendingto
severalstellaradii.In addition,theobserva-
tionssuggestthatthewindfrom Antaresis
ionizedbytheLymancontinuumradiationof
thecompanionB2.5V star.Figures5-7aand
5-7bare4.885-GHzimagesof theScosystem
madewith theVLA, showingtheunresolved
M star on the left andthe nebulositysur-
roundingtheB star,thelocationof whichis
markedbyacross.Figure5-7cisatheoretical
modelof theionizedportionof theAntares
stellarwind,whichiscreatedbytheultraviolet
flux fromtheB star.Theagreementbetween
theoryandobservationismostconvincingand
suggestsanewmethodfor measuringtherate
of masslossfromanM supergiant.Hjellming
andNewell(1983)pointoutthat,attheioniza-
tionfrontbetween the neutral and ionized hy-
drogen, the number of neutral hydrogen atoms
flowing per square centimeter across the ioniza-
tion front must equal the attenuated Lyman
continuum photon flux which ionizes the gas.
Thus,
Nlv I = L(ly) • exp(-rl)/47r • r12 , (5-10)
where N l and v I are the hydrogen density and
velocity of the wind at distances of R 1 and r 1
from the M and B stars, respectively; 7" I is the
optical depth for the Lyman radiation between
the ionization front and the star, assumed to
be unity; and L(ly) is derived from a model of
the microwave radio emission from the star. Its
value is proportional to the square of the stellar
distance and to the -1/6 power of the electron
temperature. Since the mass-loss rate is:
/_/ = 47r. _?l " vl" /_2 , (5-11)
where 0 is the density, the expansion velocity
may be eliminated, and M is given by:
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)_I = (01/Nl) • L(ly) • exp(-z I)
• (Rl/rl) z
(5-12)
Thus, the mass-loss rate may be derived entirely
from observed quantities and straightforward
application of the theory of H II regions.
Because systems like a Sco are uncommon,
Hjellming and Newell's (1983) method will not
have wide application. Moreover, only the hot-
test late-type giants will have winds in which
most of the hydrogen is ionized. Thus, the
microwave flux from M giants and supergiants
will not be useful for the determination of
mass-loss rates unless there is an independent
means for measuring the fraction of ionized
hydrogen, a Ori is known to emit weak
microwave radiation (Newell and Hjellming,
1982) from an extended warm chromosphere
in which the flow is probably accelerating, but
in which the fractional ionization cannot be
more than 0.01 to 0.10. The same fraction has
been found for ctI Her (Drake and Linsky,
1984). Spergel et al. (1983)observed 31 evolved
red giants with known high rates of mass loss
with the VLA at 5 GHz and detected emission
from only four stars. Upper limits of about
10 -3 were derived for the fractional hydrogen
ionization. On the other hand, the probable
detection of c_ Boo, also with the VLA at 6 cm
(Drake and Linsky, 1984), implies a mass-loss
rate of 1 x 10-1° Mo/yr, which indicates that
hydrogen in the wind is well ionized.
OH/IR Masers
The subject of red-giant masers has recent-
ly been reviewed by Elitzur (1981). Maser radia-
tion at radio frequencies, which is usually found
in oxygen-rich giants and supergiants of spec-
tral types later than MS, is emitted by SiO,
H20, and OH molecules. The SiO radiation is
emitted by excited vibrational levels, which are
pumped by collisions, and therefore must be
located in the lower atmosphere of a star. The
OH lines, at 1612, 1665, 1667, and 1720 MHz,
originate from the ground vibrational state and
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Figure 5-7. Images of the _ Sco radio source made with the VLA at 4.885 GHz. The unresolved M
star is at the left, and the position of the B star is marked by a cross at the right. (a) and (b) are
images constructed with different methods of weighting, and (c) is a theoretical model of an H H
region produced in the wind of the M star by UV photons from the B star (Hjellming and Newell, 1983).
are pumped by IR radiation, as evidenced by
the variations in phase of IR and OH emission
(Harvey et al., 1974). Three of these four lines
have been found to emit maser radiation in late-
type stars, the so-called main lines at 1665 and
1667 MHz, and the satellite line at 1612 MHz.
Those stars with stronger main lines are clas-
sified as Type I and those with stronger satellite
lines as Type II. We shall be concerned here
only with Type II masers because model cal-
culations show that the satellite line is emitted
only by stars with very high rates of mass loss.
The enormous extent of maser shells has been
verified independently by different methods.
Thus, Baud (1981) observed, with the VLA, ex-
tended OH emission from the source OH 26.5
+ 0.6 over a diameter of 4.6 x 1016 cm.
Jewell et al. (1980), making use of the phase
relation between variations in the OH 1612-
MHz emission originating from the front and
back of the shell, derived a diameter of (6.6 +
1.4) x 1016 cm for the maser shell around IRC
+ 10011.
Some typical spectra in the region of the
1612-MHz line are shown in Figure 5-8. The
265
twopeaksoriginatefromtheapproachingand
recedinghalvesof the shell, respectively.
Hence,theseparationof thepeaksmeasures
twicetheexpansionvelocity,andthevelocity
half waybetweenthepeaksis thesystemic
velocityof thestar.Mass-lossratesaredeter-
minedfromtheseobservationsontheassump-
tionthatthemechanismisradiationpressure
ondustgrains,whichishighlylikelyfor stars
withsuchthickdustshells.If radiationpressure
ongrainsismuchlargerthanallotherforces,
suchasgravitation,it canbeshownthatthe
equationof motion,whencombinedwiththe
equationofcontinuityandthedefinitionofop-
ticaldepth(Elitzur,1981),reducesto:
= L • rD/VC , (5-13)
where L is the mean IR flux, V is the terminal
expansion velocity, c is the velocity of light, and
z_ is the effective optical depth of the dust
through the shell in response to radiation
pressure. Its value is on the order of 2 for dense
shells.
A second expression for the mass-loss rate
may be obtained by integrating the equation of
motion to obtain an expression for the terminal
velocity, which, when inserted into the equa-
tion of continuity, gives (Salpeter, 1974):
i_I = 27r • R ° • V. TD/.ri D ° f , (5-14)
where r D is the optical depth at a given
wavelength, say, 9.7/_m, _ is the mass absorp-
tion coefficient at the same wavelength, fis the
fraction of the total mass in the form of dust,
and R is the radius at which dust forms. For-
o
rest et al. (1978) have used both equations to
obtain estimates of mass loss from OH26.5
+ 0.6. From Equation (5-14), with z>6, _(9.7
/zm) = 3000, Ro/r, >3, and r, = 6.5 x 1013
cm, ,_/>1.5 x 10 -5 Mo/yr. Similarly, Equa-
tion (5-13), with L = 10 4, which is appropriate
for Miras, V = 13 km/s, and r = 3, gives ._/
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Figure 5-8. Spectra of Type H OH sources at
1612 MHz: Top: OH 1.5-0.0; middle: OH
2.2-1.7; bottom: OH2.6-0.5. The left and right
peaks arise from the approaching and receding
halves of the shell, respectively (Baud et al.,
1979).
>4.5 x 10 -5 Mo/yr. Mass-loss rates
calculated for OH/IR stars with Equation
(5-13) appear in Table 5-3.
Results
Compilations of mass-loss rates for late-type
stars, derived by the methods described above,
will be found in Gehrz and Woolf (1971),
Reimers (1975a, 1975b), Sanner (1976), Bernat
(1977), Hagen (1978), Werner et al. (1980),
Knapp et al. (1982), Hagen et al. (1983), Jura
(1983b), Baud and Habing (1983), Engels et al.
(1983), Sopka et al. (1984), Pottasch (1984),
Table 5-3
Periods, Expansion Velocities, and Mass-Loss Rates of OH/IR Stars
Calculated from Equation (5-13)
Period V
exp
Star (days) (km s _) Ref. *
R Aql 280 6.5 0.8
U Ori 372 4 0.3
RR Aql 394 6.5 0.5
WX Ser 425 7.5 1
OH31.7 - 0.8 510 13 10.9
OH26.4 - 1.9 540 12 5.2
OH19.2 - 1.0 610 15 24
OH28.7 - 0.6 640 18 22.4
OH45.5 + 0.1 720 18 4
OH39.9 + 0.0 770 15 28.7
OH30.1 - 0.2 970 18 23
OH30.7 + 0.4 1140 18 8.1
OH26.2 - 0.6 1330 22 33.2
OH26.5 + 0.6 1630 14 75
OH32.8 - 0.3 1750 16 60
1
1
1
1
2
2
2
2
2,3
2
2,3
2
2
2,3
2,3
*References: 1. Pottasch (1984); 2. Engels et al. (1983); 3. Werner et al. (1980).
and Knapp and Morris (1984), among others.
A useful tabulation of circumstellar line
strengths and velocity displacements for 61 red
giants is found in Boesgaard and Hagen (1979).
Even for such well-studied stars as a Ori, a Sco,
and IRC + 10216, published values of the
mass-loss rates differ by factors of 10 to 100,
and hence, it does not seem useful to present
them all in tabular form. In many cases, how-
ever, discordant values can be weeded out for
known reasons, and the remaining values, al-
though still uncertain by factors of perhaps 2
to 10, serve a useful purpose in setting con-
straints on mechanisms and evolutionary
processes.
Thus, Tables 5-2 and 5-3 are compilations
of mass-loss rates of evolved stars selected,
because they seemed to be relatively well deter-
mined, from among several different classes of
stars. Table 5-2 contains expansion velocities
and mass-loss rates for early- and late-type M
stars, for carbon stars, and for a few S stars
and planetary nebulae. Rates for the early M
stars have been derived mainly from optical
data, and the selection of the best values can
be a matter of personal taste, c_ Ori is a case
in point. Jura and Morris (1981) and Mauron
et al. (1984) used exactly the same method of
analysis, combining data on CO line emission
with surface brightness measurements in neutral
potassium, but their rates differ by a factor of
4 because the surface brightness distribution of
K I emission measured by Mauron et al. (1984)
differed considerably from that of Honeycutt
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etal. (1980).It shouldbenotedthattheabun-
danceratioK/C foundby JuraandMorris
(1981)was25timeslargerthanthesolarvalue,
butMauronetal. (1984)reducedthisdiscrep-
ancybyafactorof 6.A reductionin theC/H
ratiobyafactorof 1to 5wouldnotbeunex-
pectedfor processedmaterial.For the later
spectraltypesandthecarbonstars,themost
reliableratesareprobablythosefromrotational
linesof CO. When available, the most recent
values of Knapp and Morris (1984) have been
adopted. The data show several clear trends:
. Among the early M stars, rates for the
supergiants exceed those for the giants by
a factor of 10 or more.
. Rates for the Miras and planetary
nebulae are comparable to those for the
early-type supergiants, but the value for
NGC 7027 is at the extreme upper end
of the range.
. Knapp et al. (1982) found that the rates
for the carbon stars were 25 times larger,
on the average, than those for the O-rich
stars, but this result is not borne out by
the newer analysis of Knapp and Morris
(1984), who allowed for the presumably
higher CO abundance in C-rich stars and
included the effects of excitation by stel-
lar IR on the optically thin objects. Thus,
iff = 3 x 10 -4 for oxygen Miras and 8
x 10 -4 for the carbon stars, the range of
rates of mass loss found for the two
groups of stars is about the same. The
results of the Knapp and Morris (1984)
survey are summarized in their Figure 16
in the form of histograms in which the
number of stars per pc 3 is plotted
against 3_/.
4, The M and S stars show considerable
scatter in their expansion velocities, with
values from 4 to 28 km/s, whereas
among the carbon stars, Vexp is essen-
tially confined between 10 and 20 km/s.
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Table 5-3 is a compilation of periods, expan-
sion velocities, and mass-loss rates of OH/IR
stars, the rates having been calculated from
Equation (5-13). The table contains four
OH/IR objects optically identified as Miras,
together with 11 unidentified OH/IR stars. The
results for the OH/IR stars can be better under-
stood in view of recent studies of these fasci-
nating objects. About 350 OH masers are
known (Engels, et al., 1981), of which less than
one-third have been identified optically, most
as M-type Miras but also M supergiants, semi-
regular variables, and some very red IRC
sources. A recent survey of about 200 OH/IR
stars (Engels et al., 1981) revealed that all
OH/IR stars are variable, with amplitudes up
to two magnitudes in the K band. At least one-
half the stars have longer periods than those of
Miras or IRC sources, with values up to 1600
days or more. It now seems to be well estab-
lished (Baud and Habing, 1983; Engels et al.,
1983) that the optically identified OH/IR stars
and the unidentified sources form a continuous
sequence of Mira variables extending from the
optical objects with periods up to about 400
days to the unidentified sources with periods
up to nearly 2000 days. As seen in Table 5-3,
the expansion velocities along this sequence in-
crease on the average from <10 km/s for opti-
cal Miras to 22 km/s. From statistical studies
of velocity dispersions and galactic concentra-
tions, Baud et al. (1981) found the expansion
velocities to be correlated with age and main-
sequence mass in the sense that small velocities
go with small mass.
Thus, the progression with period is also one
with main-sequence mass from about 0.5 Mo
for the optical Miras to 6.5 Mo for the OH/IR
sources with the longest periods. The mass-loss
rates from unidentified OH/IR stars are also
strikingly higher, and the increase occurs rather
abruptly at periods over 400 days. There ap-
pears to be a threshold period beyond which
the rate of mass loss suddenly increases by a
factor of 10, and the star becomes enveloped
in an opaque dust cloud.
NONSTEADY MASS LOSS
Selected Examples
Evidence is accumulating that, in some stars
at least, mass loss may occur sporadically or
at a variable rate. The following examples are
illustrative rather than complete.
Multiple components of CS lines have been
observed in the spectra of a number of red gi-
ants and supergiants, chiefly the latter (Sanner,
1976; Bernat, 1981). From a study of CO lines
in the 4.6-/_m band in nine red giants and
supergiants, Bernat (1981) concluded that the
multiple components originated in separate
mass-loss episodes rather than as intermittent
modulations of continuous mass loss, which is
favored by Ridgway (1981). The matter is still
controversial.
Reimers (1975a, 1975b) noted variability in
the K-line profiles of early M giants, stars lying
near the transition zone in the HR diagram be-
tween stars with low and high rates of mass
loss.
Brooke et al. (1974) found evidence for
large-scale motions in the atmosphere of a Ori,
which appeared to be sporadic in time or posi-
tion on the stellar surface.
HR 8752 and 0 Cas, two F Ia supergiants
with extensive circumsteIlar shells containing
little dust, have undergone dramatic changes in
their atomic and molecular spectra in the
2.3-#m region over a period of years (Lambert
et al., 1981). During a 5-year period from 1975
to 1979, P Cygni profiles in HR 8752 were
transformed into inverse P Cygni profiles, sug-
gesting the fallback of a shell ejected in 1975.
The mass-loss rate derived for 0 Cas is very
large, exceeding 10-3 Mo/yr, leading Lambert
et al. (1981) to propose that it is an outburst
connected to a peculiar decrease in brightness
observed in 1946/1947.
If the stationary atmospheric layer observed
by Hinkle et al. (1982) in X Cyg and other Miras
is the source from which mass escapes, the vari-
ations in the thickness of this layer in X Cygni
may be an indication of variable mass loss.
The far-infrared (40 to 250/_m) size of IRC
+ 10216 (Fazio et al., 1980) suggests more dust
at large distances than would be expected for
an r -2 density distribution. This implies that,
about 2000 years ago, the rate of mass loss was
twice its present value. Mitchell and Robinson
(1980) also derived a relatively shallow density
gradient, varying as r -1"3. On the other hand,
the brightness distribution at 11 #m is consis-
tent with r -2 (Sutton et al., 1979). Rowan-
Robinson and Harris (1983b) conclude,
however, that errors of measurement are too
large to rule out the r -2 density law.
Optical spectropolarimetry of dust-en-
shrouded extreme carbon stars reveals that their
circumstellar shells are highly organized (Cohen
and Schmidt, 1982). In particular, GL 1403 =
IRC + 30219 -- CIT 6 seems to show a torus
of cool dust and hot bipolar lobes, replenished
by outbursts occurring after the minima of the
640-day light variation. Particularly striking
were the spectral changes in 1977 through 1980
(Cohen, 1980), when the stellar photosphere
nearly disappeared and the spectrum consisted
of emission lines of H, He, and forbidden lines.
Cohen (1980) suggests that these lines were
formed when a recent episode of mass loss col-
lided with the existing circumstellar envelope.
These and similar objects may represent the
evolution of high-mass carbon variables into
bipolar nebulae.
VLA observations of extended OH maser
emission for the envelope around OH26.5 +
0.6 show large-scale spatial asymmetries and
perhaps a ring-like structure seen edge-on, in-
dicating real density variations in the envelope.
Approximately twelve Type II OH/IR
sources have been found to have dust shells of
high optical depth and to display deep silicate
absorption at 10/zm. Werner et al. (1980) have
modeled these shells with an r -L5 density law,
whereas Rowan-Robinson (1982) has proposed
a double-shell model in which a cool star with
a spherically symmetric dust shell expanding at
constant velocity is surrounded by a second
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shellof coldabsorbingdust.Thesecondshell
is believedto representanearlierepisodeof
ejection.Themassofthecolddustisestimated
as4to 15M o, which implies that the sources
are very massive highly evolved stars.
Near-infrared (1.65 to 4.8 #m) speckle in-
terferometry of IRC + 10216 (Dyck et al.,
1984) shows the outer regions of the object to
be circularly symmetric on scales > 1.6 inch,
but at intermediate distances, the brightness dis-
tribution is strongly asymmetrical, being more
extended north-south than east-west, as found
previously by McCarthy et al. (1980). McCar-
thy et al. also reported variations with time of
the apparent envelope size, which have been
confirmed by Dyck et al. (1984).
Evidence for Sporadic Mass Loss
in a Orionis
a Ori has been relatively well observed for
many years, and there is now an impressive
amount of evidence for nonsteady ejections of
matter at all levels of its highly extended at-
mosphere and circumstellar shell. At the level
of the photosphere, both visible light and radial
velocity vary on the average in a period of 5.78
years, apparently arising from pulsation, but
these smooth variations are frequently dom-
inated by irregular fluctuations, on a time scale
of about 100 days, which often mask the varia-
tions associated with the pulsation. (For a sum-
mary, see Goldberg (1979, 1984).) Ordered
changes in the linear polarization of the visible
light have been observed over a number of years
(Hayes, 1980, 1981, 1984; Tinbergen et al.,
1981). After a lapse of nearly 50 years,
systematic monitoring of the photoelectric
brightness of the star was resumed in 1979
(Krisciunas, 1982; Guinan, 1983). As shown in
Figure 5-9, reproduced from Guinan (1983), the
amount of linear polarization and the blue
magnitude are at least roughly correlated,
which is consistent with asymmetric ejection of
matter. Similarly, the absence of a one-to-one
correlation between the short-term brightness
and velocity variations (Sanford, 1933) makes
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it apparent that these changes are not global in
nature. The wavelength dependence and time
variation of the polarization are qualitatively
consistent with the growth of a hotspot, or large
convection cell, occupying a few percent of the
area of the stellar disk (Schwarz and Clarke,
1984; Clarke and Schwarz, 1984).
The brightness distribution of emission from
the inner shell of Betelgeuse within 10 stellar
radii also shows pronounced asymmetries
(Ricort et al., 1981; Goldberg et al., 1981; Rod-
dier and Roddier, 1983) both in Ha light and
in the continuum. The asymmetries persist to
very large distance scales. Diffraction-limited
images of the a Ori dust shell at 10/_m, ob-
tained with the NASA IR telescope on Hawaii
(Bloemhof et al., 1984) show a marked asym-
metry in the dust distribution, with peak inten-
sity at a distance of 0.9 arc-sec from the star.
The possible association of variability in
brightness and radial velocity with mass loss
suggests a look at the past behavior of o_Ori
for evidence of events that may have signaled
the ejection of substantial amounts of matter
from the photosphere (Goldberg, 1984). Obser-
vations of visual brightness and radial velocity
for this star have been carried out with vary-
ing degrees of regularity and accuracy for well
over 60 years, the most accurate and homo-
geneous set of data having been acquired in
1917 through 1931 (Stebbins, 1931; Sanford,
1933). Although short-term changes in radial
velocity and brightness were found to be un-
correlated in detail, Sanford (1933) noted one
or two major disturbances in which decreasing
velocity was accompanied by increasing light
and vice versa.
The best example of such an event took
place near the time of minimum radial veloci-
ty in the 6-year cycle, at about Julian day
2424500 (December 15, 1925). As shown in Fig-
ure 5-10, a large decrease in radial velocity after
day 4500 was accompanied by an initial increase
in brightness, followed by rapid fading. It is as
though gaseous matter were ejected from the
star, then diffused outward and condensed in-
to grains which became optically thick at visible
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wavelengths. Similar dust-forming episodes ap-
parently occur during the development of slow
novae of the DQ Herculis type (Gehrz et al.,
1980) in which the visual extinction is accompa-
nied by strongly enhanced infrared emission.
Although photometric measures were not avail-
able, the records of the American Association
of Variable Star Observers strongly suggest that
in November 1944 (Adams, 1956) and again in
1978/1979 (Goldberg, 1979), similar events may
have occurred at or soon after the minimum of
the mean velocity curve.
At radial velocity minimum, a pulsating star
has reached its maximum velocity of expansion
and is beginning to decelerate. Given the enor-
mous extension of a supergiant atmosphere, its
motion probably lags that of the star, and the
atmosphere will tend to continue accelerating
outward past the minimum, as has been ob-
served. At this time, instabilities in the atmo-
sphere may trigger mass ejection, followed by
the condensation of dust grains. In the future,
systematic monitoring of _ Ori with a variety
of techniques before, during, and after the
velocity minimum may clarify the relationship
between the short-term brightness and veloc-
ity changes and the mass-loss process.
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MECHANISMS
Anyacceptabletheoryof mass-lossmecha-
nismsmustexplainthelocationof starsshow-
inghighratesof masslossontheHRdiagram,
asshownschematicallyinFigure5-11.Roughly
speaking,massivestellarwinds,in the range
10 -8 to 10-5 Mo/yr are found only among the
more luminous stars lying in the upper half of
the HR diagram. It is tempting to search for
a single mechanism that can explain mass loss
in both hot and cool stars, but this seems
unlikely in view of the probable dependence of
mechanisms on the environment. Thus, in the
hot stars, the radiative force on atoms is op-
timized by the occurrence in the same
wavelength region of both a strong radiation
field and the resonance lines of abundant ions,
whereas conditions in the low-temperature stars
are favorable for mass ejection by radiation
pressure on dust grains. It also does not seem
probable that the same mechanism can produce
terminal velocities of 10 km/s in the cool stars
and 3000 km/s in the hot stars. This section will
be devoted to mechanisms that seem appro-
priate for the late-type giants, and the reader
is referred to the monographs on B stars and
on O, Of, and Wolf-Rayet stars for an account
of hot-star mechanisms.
Figure 5-12, from a compilation by Reimers
(1977b), shows the regions in the HR diagram
in which late-type stars are found to have
massive winds. All G and K supergiants, the
later K giants, and all M giants and supergiants
show circumstellar spectral lines. The region of
the diagram containing stars with circumstellar
dust shells is also shown, as are the locations
of maser stars and long-period variables. IUE
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and HEAO observations reveal that all late-
type stars have chromospheres, but only stars
with low mass loss have transition regions and
high-temperature coronae (Linsky and Haisch,
1979; Vaiana et al., 1981). Linsky and Haisch
(1979) first used IUE spectra to identify a
boundary line in the HR diagram separating
stars with coronae from those with only
chromospheres.
Stars within the zone sometimes show both
high-temperature lines such as C IV 1550 ,_ and
CS lines, and the latter tend to show variabil-
ity as well.
Similar boundaries, although not always co-
incident with one another, separate stars in
which chromospheric expansion is indicated by
the asymmetry of both the Ca II H and K emis-
sion (Stencel, 1978) and the Mg II h and k emis-
sion (Stencel and Mullan, 1980) and by stars
with C IV line emission (Dupree, 1981) and X-
ray emission (Vaiana et al., 1981). In reality,
the boundary between stars with low and high
mass loss is not a sharp line, but a relatively
broad zone (Hartmann et al., 1980, 1981).
Some stars in the boundary zone are "hy-
brids," so-called because their spectra show
both displaced circumstellar lines and C IV line
emission (Hartmann et al., 1980, 1981;
Reimers, 1982). The CS lines in hybrid stars
tend to show variability as well. On the average,
terminal velocities increase from right to left,
approaching 100 km/s near the boundary. The
degree of sharpness of the boundary is still
somewhat controversial (Haisch and Simon,
1982; Simon et al., 1982). The reason for the
boundary is undoubtedly connected with evolu-
tionary changes creating conditions favorable
for high mass loss, but the nature of the
changes is still not clear. On one side of the
boundary, nonradiative energy beyond the
chromosphere is dissipated into heat, and on
the other side, the energy goes mainly into driv-
ing massive winds.
Several types of forces have been proposed
to account for steady mass loss in red-giant
stars, the principal ones being: (1) thermal gas
pressure, (2) radiation pressure on dust grains,
(3) shock waves, primarily those arising from
pulsations in Mira stars, and (4) Alfv_n waves.
In addition, models of nonsteady or episodic
273
masslosshavebeenpredicatedondynamical
orpulsationalinstability,onconvection,oron
magneticreconnection.Steadymasslosswill
beconsideredfirst.
Thermal Gas Pressure
Parker's original solar wind model has in-
spired numerous attempts to drive winds in late-
type giants by thermal pressure, most recently
by Hearn (1975), Mullan (1978), and Watanabe
(1981). Basically, these models fail because the
thermal energy inferred from the observed low
wind temperatures is too low to overcome
stellar gravity (Holzer et al., 1983). The ob-
served mass-loss rates can be achieved only by
postulating temperatures so high that the radia-
tion emitted would far exceed that observed.
Radiation Pressure on Dust Grains
A complete theory of dust-driven mass loss
should include consideration of matters such
as grain formation (see Kwok, 1975; Deguchi,
1980; Draine, 1981; Lef_vre et al., 1982;
Woodrow and Auman, 1982), the transfer of
infrared continuum radiation (Jones and Mer-
rill, 1976; Menietti and Fix, 1978; Rowan-
Robinson, 1980), circumstellar shell chemistry
(Goldreich and Scoville, 1976; Scalo and
Slawsky, 1980; Huggins and Glassgold, 1982;
Glassgold and Huggins, 1983 and this volume),
and the dynamics of the gas and dust flow
(Kwok, 1975; Goldreich and Scoville, 1976;
Menietti and Fix, 1978; Tielens, 1983).
Calculations of the motion of gas in a cir-
cumstellar shell always assume a spherically
symmetric atmosphere with steady flow gov-
erned by the equations of conservation of mass
and momentum (Kwok, 1975):
d
(,o • o. r2) = 0 , (5-15)
dr
GM.
- [ 1 - 3_(r)] ,
r 2
(5-16)
274
where v is the flow velocity, 0 is the density,
P is the gas pressure, M. is the mass of the star,
and _(r) is the ratio of the radiative force to
the gravitational force:
za2._ Q___Lngr.i
47r c r2 [
(r) = , (5-17)
/---7--J
where _) is the flux weighted mean of the radia-
tion pressure efficiency of the grains, ngr is the
number density of the grains, a is the grain
radius, and L is the stellar luminosity.
These equations must be solved in conjunc-
tion with the equation of motion of the grains:
F a = (__ _ra3p_) dvgrT +
GM. (4/3 Ira 3 Ps (5-18)
+ Fdrag ,
r 2
where vgr is the velocity of the grain, Os is its
density, and Fdrag is the drag force produced
by collisions with gas molecules. It is easy to
show that, for grain radii of about 0.1 /_m in
late-type giants, the gravitational force is much
smaller than the radiative force and can
therefore be neglected. It has also been found
that, for a Ori for example, the terminal veloci-
ty is reached by grains in a distance on the order
of one solar radius. Therefore,
Cad : Fdrag" (5-19)
Fdrag is usually approximated by (Kwok,
1975):
Fdrag= Ot • rca 2 • OVd(O 2 + V2) 1/2 , (5-20)
where 0 is the gas density, va is the drift
velocity of the dust grains relative to the gas
molecules, v r is essentially the thermal veloci-
ty, and ct is an elasticity factor assumed to be
equal to 3/4. At this point, additional equations
mustbe introducedaccordingto whatever
assumptionsaremadeaboutthetemperature
distribution,thesitesof grainformation,the
fractionof gasin theformof grains,andtheir
growthandsputteringrates.
Theassumptionsthataremadeoftende-
pendontheprimarygoalsofthemodels.Thus,
themodelsof KwanandHill (1977),Kwanand
Linke(1982),andMorris(1980),whichwere
describedin the sectionMillimeter Waves,
assumed a priori that the mass loss is driven by
dust and were used to calculate molecular line
emission, with the rate of mass loss as an ad-
justable parameter to be determined from ob-
servation. In this section, we shall be concerned
with models whose purpose it is to test various
aspects of the dust-driven mechanism.
Following the approximate analytical ex-
pressions derived by Gehrz and Woolf (1971),
Kwok (1975) made the first numerical solutions
of the equations of motion, taking account of
radiation pressure on grains, stellar gravity,
growth and sputtering of grains, and momen-
tum transfer from grain to gas. Kwok believed
that radiative heating and cooling could be
neglected and assumed the adiabatic law for the
temperature variation. In their investigation of
the physical properties of OH/IR stars, Gold-
reich and Scoville (1976) showed that collisions
between gas molecules and dust grains are a
significant source of heating and that the gas
is cooled both by adiabatic expansion and by
H20 molecular emission. The resulting tem-
perature distribution is markedly different from
the adiabatic law. Goldreich and Scoville also
considered the chemical reactions that control
the abundances of OH and H20.
Menietti and Fix (1978) solved the equation
of motion of the gas in cool luminous stars, tak-
ing account of the radiative properties of both
the gas and the dust. The density, temperature,
and radiative energy distributions were not
assumed in advance, but were derived from the
modeling process. Similarly, Rowan-Robinson
(1980) has developed accurate solutions to the
equation of radiative transfer for the purpose
of predicting the radiative energy distributions
of stars throughout the wavelength region 0.4
to 30/_m. The model consists of a blackbody
of given radius and temperature at the center
of a spherically symmetric dust shell. The free
parameters of the model are the temperature
of the central star, the condensation tempera-
ture of the grains, which is also the temperature
of the inner boundary of the shell, the limiting
optical depth at short wavelengths through the
shell, the density gradient in the shell, the ratio
of the inner and outer radii of the shell, and
the interstellar extinction. The parameters are
determined by fitting model calculations to the
observed spectra. Models have been derived
and applied to the observed spectra of 156 late-
type stars, including early M stars (Rowan-
Robinson and Harris, 1982), stars of type M5
and later (Rowan-Robinson and Harris, 1983a),
carbon stars (Rowan-Robinson and Harris,
1983b), and OH/IR stars showing double shells
(Rowan-Robinson, 1982).
The model by Deguchi (1980), of the flow
in O-rich stars, focuses mainly on the process
of grain formation. The theory of grain nuclea-
tion is used to calculate the number density of
grains, the grain sizes, and the final amount of
metals remaining in gaseous form. Woodrow
and Auman (1982) construct time-dependent
models of carbon-rich red giants, making use
of the equations of hydrodynamics, the theory
of grain nucleation and growth, and the equa-
tions describing a gray model atmosphere in
LTE and radiative equilibrium.
The most recent model of dust-driven gas
flow in O-rich Mira stars (Tielens, 1983) is also
the most detailed and complete. The starting
point of the model is the observational evidence
(Hinkle, et al., 1982) that the outward motion
of the pulsating photospheres of Miras gener-
ates shock waves that elevate matter to a sta-
tionary layer about 5 stellar radii above the
photosphere, where the temperature is less than
1000 degrees and therefore low enough to per-
mit dust grains to condense. The stationary
layer is, in effect, a reservoir for the matter in
the wind.
Some general conclusions can be drawn
from these modeling investigations. Cir-
cumstellar gas shells in late-type giants and
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supergiantsareheatedbystellaradiationand
bygrain/gascollisions.At leastin thelate-M
Mirasandsupergiants,thegasisheatedbythe
dragforceandcooledby H20emissionand
adiabaticexpansion(GoldreichandScoville,
1976).Thevelocitygradientalsoplaysanim-
portantpart in the determinationof the
temperaturestructure(Tielens,1983).Whenthe
densityis highenough,photontrappingcan
slowradiativecoolingintheabsenceof aveloc-
itygradient.Thus,thetemperaturestructureof
thegasiscoupledto thedynamicsof theout-
flow.
Observedradiativenergydistributionsare
consistentwith an r -2 law for the density
distribution (Rowan-Robinson and Harris,
1982, 1983a, 1983b). However, detailed model-
ing of the flow (Menietti and Fix, 1978; Tielens,
1983) shows that the density falls off much
more rapidly than as r -2 until after the sonic
point is reached. Correspondingly, in Tielens'
model, the velocities increase rapidly from the
stationary layer, at distance r i, to a terminal
value at about 10 r i. An example given by
Tielens (1983) shows that, if the mass-loss rate
is calculated from the total mass column den-
sity by Equation (5-3) on the assumption that
the velocity is constant, the rate will be over-
estimated by a factor of 3 to 4.
The model calculations also demonstrate
that it is difficult to produce 10-#m excesses in
O-rich stars with clean silicates (Jones and Mer-
rill, 1976; Menietti and Fix, 1978; Rowan-
Robinson and Harris, 1982, 1983a). In the car-
bon stars, amorphous carbon grains with ab-
sorption efficiency proportional to frequency
give better agreement between observed and
calculated energy distributions than does
graphite (Rowan-Robinson and Harris, 1983b).
Empirical values of the optical depth of the
silicate feature at 10 #m, derived from com-
parison of model calculations with observation,
are strongly model-dependent. For example,
the values derived by Rowan-Robinson and
Harris (1982, 1983a) are smaller than those of
Hagen (1978), in some cases by a factor of 20
and in others by a factor of about 200.
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Differences in assumed grain parameters can
account for a factor of 20, whereas another fac-
tor of 10 may occur in stars for which the use
of an optically thin model (Hagen, 1978) may
not have been justified. Until these disagree-
ments can be resolved, it is premature to draw
conclusions from dust column densities inferred
from the 10-#m optical depth (Hagen, 1978;
Hagen et al., 1983; Bernat, 1981).
The fraction of metals remaining in the
gaseous state varies with the mass-loss rate
(Deguchi, 1980) from 1 to 10 percent for 3)/=
10-SMo/yr, and < 1 percent for A_/< 3 × 10-6
M o/yr. Owing to the large drift velocity of the
grains relative to the gas, the dust-to-gas ratio
is not a constant with distance (Tielens, 1983).
This is important in the estimation of mass-loss
rates from the 10-/_m feature.
We come finally to the most important ques-
tion. Does radiation pressure on dust grains
drive the observed mass flows in late-type giants
and supergiants? The most important param-
eters on which the success of the mechanism
depends (Kwok, 1975; Menietti and Fix, 1978)
are the stellar luminosity, L, the mass, M,,
which together determine the distance of the
sonic point, the effective temperature, Tff,
and the most critical factor, the density of gas
at the condensation point, 0c, which must be
large enough both to ensure momentum cou-
pling and to hold down the sputtering rate by
keeping the drift velocity low. The condensa-
tion-point gas density is a function of both ef-
fective temperature, Teff, which controls the
distance of the condensation point from the
star, and the scale height, which depends on the
stellar mass, or luminosity, L. Kwok (1975) has
calculated the minimum density at the conden-
sation point required for mass ejection from
stars of various luminosities and effective
temperatures, and has shown that the more
luminous the star, the lower the temperature at
which mass loss is possible. Figure 5-13 is a plot
of log L versus Tax, the maximum effective
temperature for which dust-driven mass loss
can occur. Also plotted are the positions in the
diagram of four red supergiants, c_ Ori, o_Sco,
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Figure 5-13. The maximum effective tem-
perature at which dust-driven mass loss would
be expected to occur, as a function of stellar
luminosity according to model calculations by
Kwok (1975). The positions of the four super-
giants, _ Ori, _ Sco, _ Her, and _ Cep, are in-
dicated by crosses.
c_ Her, and # Cep. Only for a Her is the tem-
perature low enough to allow condensation at
high enough gas densities. These calculations
are not necessarily fatal to the dust-driven
hypothesis for the hotter stars (Draine, 1981).
For example, the gas density may be increased
by clumping or by the ejection of discrete
clouds, and "clean" grains can form relative-
ly close to the star and gather up impurities as
they move away. Note also that in a Ori, and
probably in other red giants as well, the
photosphere is greatly distended, its scale height
being on the order of a stellar radius (Balega
et al., 1982). Calculations based on plane-
parallel model atmospheres give erroneously
high temperatures for spherically extended at-
mospheres (Schmid-Burgk and Scholz, 1981).
It remains to be investigated whether the
temperatures are lowered sufficiently in the
higher density regions to allow grain formation.
An empirical test of the dust mechanism can
be made by comparing observed rates of mass
loss with rates estimated on the assumption that
the total energy radiated by grains in the in-
frared equals the energy absorbed in imparting
momentum to the grains (Knapp et al., 1982).
The rate of grain-driven mass loss is related to
the infrared flux at the Earth by
M Vo/D2 = {3F/c, (5-21)
where/3 is a factor measuring the amount of
dust in the envelope, D is the distance to the
star, V 0 is the terminal velocity, and F is the
bolometric flux measured at the Earth, derived
by integrating the continuum spectrum inferred
from published IR fluxes. On the premise that
the dust mechanism works for the oxygen stars,
Knapp et al. (1982) calculate/3 from Equation
(5-21) and find it to be correlated with the color
(3.5 #m) - (11 #m), which is known to measure
the dust content of circumstellar envelopes. The
correlation may be the best evidence to date
that the dust mechanism is responsible for mass
loss in the cooler O-rich stars. It is still not clear
whether or not the dust mechanism is adequate
to drive the mass loss in the carbon stars or
whether some additional mechanism needs to
be invoked.
Shock Waves
The conclusion from both theoretical and
observational considerations is that radiation
pressure on dust grains can drive mass loss at
the observed rates in late M and S giants and
supergiants, but that some additional force or
forces are needed in the early M-types and
especially in the carbon stars. In addition to
radiation pressure on grains and thermal pres-
sure, wave pressure has received considerable
attention as an important source of momentum
and energy in late-type stars, either from shock
waves generated by pulsation in Mira stars
(Willson and Hill, 1979; Willson, 1981; Wood,
1979, 1981) or from Alfv_n waves (Hartmann
and McGregor, 1980, 1982; Hartmann and
Averett, 1984). Calculations of the dynamic
response of model Mira atmospheres to a series
of periodic shocks driven by an oscillating
piston have shown that high rates of mass loss
are possible in such models. Two extreme
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caseshavebeenstudied.BothWillsonandHill
(1979)andWood(1979)foundthatisothermal
shockmodelshowedverylowratesof mass
loss,about 10-_2Mo/yr, whereas in the
adiabatic limit, the shocks give unrealistically
high rates, about 10 -2 Mo/yr, and unaccept-
ably large values of the terminal velocity. Thus,
the critical point in the theory is whether the
shocks generated by pulsation are isothermal
or adiabatic. Some compromises are possible:
.
Periodic isothermal shocks can levitate
the atmosphere and thereby increase
grain-driven mass loss by a factor of
about 40, according to Wood (1979).
Another estimate by Jones et al. (1981)
is that the increase in atmospheric scale
height by pulsation can enhance the rate
of grain-driven mass loss by several
orders of magnitude.
. In the lower atmosphere, where the
emission lines originate, the shocks may
be isothermal, but higher up, as the den-
sity falls, the rates of cooling diminish
and the shocks may become adiabatic
(Willson and Hill, 1979).
Alfv_nWaves
Hartmann and McGregor (1980, 1982) have
studied the response of model atmospheres of
red giants and supergiants to the passage of
Alfvdn waves of about solar magnitude, with
stellar gravity as the main parameter. They con-
clude that the force due to Alfv_n waves can
account for observed mass-loss rates and ter-
minal velocities, provided that the waves are
dissipated over a distance of the order of a
stellar radius by damping arising from collisions
between ions and neutral atoms. The theory is
an attractive one, both because a single
parameter--stellar gravity--controls the rate of
mass loss and because it predicts that red giants
have extended warm chromospheres as ob-
served. However, a detailed study of Alfv_n
waves in stellar atmospheres (Holzer et al.,
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1983) concludes that cool winds driven by
Alfv_n waves will not exhibit both high mass
loss and low terminal velocity. The basic prob-
lem with this and other stellar wind mech-
anisms, as Holzer et al. (1983) point out, is that
energy inserted into the flow in the subsonic re-
gion increases the mass flux but not the veloc-
ity, whereas in the supersonic region, the addi-
tion of energy increases the terminal speed
without affecting the mass loss. Thus, the
mechanism must be such that a large fraction
of the energy is dissipated in the subsonic flow
region, with just the right small amount left
over for the supersonic flow to overcome gravi-
ty and yet limit the terminal velocity to the
observed fraction of the velocity of escape from
the photosphere.
Recently, Hartmann and Averett (1984)
have applied the theory to construct a model
of the extended chromosphere of a Ori. Assum-
ing that a wind of about 10 -6 Mo/yr is driven
by dissipating Alfv_n waves, they reproduce the
observed free-free emission at radio wave-
lengths, the Ha emission observed by speckle
interferometry, and the emission fluxes in a
number of spectral lines. However, the model
fails to reproduce the observed shapes of
chromospheric line profiles, which suggests
that, although the waves can heat and extend
the chromosphere, the observed chromospheric
expansion velocities are three times smaller than
those predicted by the model. Hartmann and
Averett (1984) suggest two possible ways out
of this problem. Either the waves simply dis-
tend the atmosphere so that the gas density at
the grain condensation point is high enough to
maintain dust-driven mass loss, or spatial and
temporal time variability in wave generation
and damping may lead to composite emission
from low- and high-velocity ejections.
If massive winds in late-type stars are driven
by Alfv_n waves, the stars should have extend-
ed chromospheres, which emit microwave radi-
ation at centimeter wavelengths. Such radi-
ation has been detected from several K and
early M giants and supergiants (Drake and Lin-
sky, 1984), but its weakness or absence in 31
evolvedredgiantssurveyedby Spergeletal.
(1983) argues against the effectiveness of the
Alfv_n-wave mechanism in the late M stars.
Mechanisms for Nonsteady Mass Loss
A number of mechanisms have been pro-
posed for sporadic or nonsteady mass loss in
red giants. Schwarzschild (1975) suggested that
large-scale convection might trigger the ejection
of a massive cloud by some process as yet un-
known. Such ejections might cause both the ir-
regular brightness variations observed in cool
variable stars and the observed ordered changes
in the linear polarization. Bloemhof et al.
(1984) suggest that such localized and tempo-
rary phenomena are consistent with the ob-
served asymmetric distribution of dust around
a Ori. Wood (1979) has proposed that isother-
mal shock waves in the atmosphere of a Mira
star generate mass loss by levitating the atmo-
sphere to heights at which grains condense.
Jones et al. (1981) have shown that the mass-
loss rate may be enhanced by several orders of
magnitude, as compared with grain-driven mass
loss alone. We have already referred to the evi-
dence that such a process may be at work in
X Cygni and in other Miras as well (Hinkle et
al., 1982). In stars like o_Ori, matter might be
transported to the dust layer by shock waves
associated with the irregular fluctuations in
brightness, as suggested, for example, by
Schwarzschild (1975) and by Kafatos and
Michalitsianos (1979).
The region in a Ori between the photosphere
and the base of the shell, which we tentatively
identify as the chromosphere, may be the
source of the Fe II emission lines observed by
Boesgaard and Magnan 0975) and Boesgaard
(1979) near 3100 A, by van der Hucht et al.
(1979) in the 2750 to 3165 ,_ region, and by Car-
penter (1984) in the 2300 to 3000 ._ region.
Measurements of these lines have given con-
flicting results. Boesgaard and Magnan found
that the motions derived from the Fe II lines
were closely coupled to the photospheric mo-
tions, but indicated matter falling into the
photosphere at an average speed of about
5 km/s. Conversely, van der Hucht et al.'s mea-
surements from a balloon showed an average
blue-shift of 14 km/s relative to the photo-
sphere. From high-resolution IUE spectra,
Carpenter (1984) found no evidence of strong
coupling between photosphere and chromo-
sphere and no systematic difference between the
mean velocities of the photosphere and chro-
mosphere. He interpreted the relation between
line asymmetry and line strength as evidence for
a schematic velocity field that is initially con-
stant with height and then increases outward
to a maximum value before decreasing to an
asymptotic value. These apparently contradic-
tory results might be resolved if the velocity
fields varied with time, which might be expected
if the Fe II emission is responsive to fluctua-
tions in photospheric activity. On the other
hand, Carpenter's data are more complete and
of higher quality than those obtained from the
ground and with balloons. Continued monitor-
ing from IUE would be very important in re-
solving this question.
Burke (1972) suggested that rising shock
waves ejecting matter would be expected when-
ever there is pulsation or a strong convection
zone near the surface of a star. The mass would
be ejected preferentially from the equator in
the direction of rotation and would lead to loss
of angular momentum without the need for
magnetic fields. Kafatos and Michalitsianos
(1979) have applied this mechanism to the de-
termination of the rate of spin-down of red su-
pergiants. The ejection of matter is predicted
to form a disk or torus of silicate grains in the
equatorial regions.
Mass loss is also predicted to occur from dy-
namically and pulsationally unstable envelopes
of red-giant stars (Tuchman et al., 1978, 1979,
and earlier references therein). According to
Tuchman et al. (1978), dynamical instability
sets in when, owing to partial ionization and/or
partial dissociation, the quantity, 7, the
adiabatic value of the logarithmic pressure gra-
dient, fails below 4/3 over a sufficiently large
and/or deep region. An initial expansion turns
into violent oscillations in the envelope. Shocks
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generatedwithintheenvelopel adtorepetitive
episodesof masslossonatimescaleof < 30
years,whichwouldcauselargeamountsof
masstobelostduringevolutionarytimescales.
NewercalculationsbyFoxandWood(1982)
showthattheapparentinstabilitiesarecaused
by theneglectof nonadiabaticeffectsin the
models.
Magnetic Reconnection
A few years ago, Mullan (1978) suggested
that the boundary in the HR diagram between
stars with high and low mass loss is a super-
sonic transition locus (STL), along which the
sonic points of the wind dip below the heights
reached by the tops of spicules. Holzer (1980)
and others have shown the STL hypothesis to
be untenable, and Mullan (1982) has proposed
instead that the boundary is caused by a trans-
ition in magnetic topology. (See also Mullan
and Ahmad, 1982; Mullan and Steinolfson,
1983). The idea is that, since X-ray emission in
the Sun is associated with closed magnetic loops
and the solar wind is enhanced over coronal
holes where the field is mainly open, massive
winds and the absence of X rays may result
when stars are unable to maintain closed mag-
netic field lines in the steady state. With the aid
of Pneuman's (1968) model of helmet stream-
ers, Mullan (1982) investigates the question of
where in the HR diagram the transition from
closed to open field configurations might oc-
cur. Pneuman (1968) found that helmet stream-
ers would be unstable and would not exist in
a steady state when the parameter,
'_ = #. G . M. . mp/R,kT , (5-22)
is smaller than 4. In Equation (5-22), # is the
mean molecular weight, mp is the proton
mass, M. and R. are the mass and radius of
the star, respectively, and Tis the temperature
at the sonic point. Since the radius, R s, of the
sonic point is #GM.mp/2 kT, the condition
that long-lived closed lines can exist is R s > 2
R.. The locus R s = 2 R, on the HR diagram
defines a so-called magnetic topology transition
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locus (MTTL) which happens to closely follow
the boundary between stars with weak and
strong mass loss. Once it is accepted that the
onset of massive winds in red giants is
associated with open field lines, the Alfv_n-
wave mechanism may be invoked to drive the
wind. Alternatively, Mullan (1981) has spec-
ulated that after unstable emerging loops are
ejected from the surface, field-line reconnec-
tion at the base of the loops furnishes the
energy for accelerating them upward.
EVOLUTIONARY CONSEQUENCES
OF MASS LOSS
Supernovae
The evolutionary effects of mass loss on red
giants have been well reviewed, for example,
by Iben (1981b) and Renzini (1981a, 1981b).
The most convincing evidence comes from
supernovae. In the absence of mass loss, all
stars with initial masses less than 1.44 Mo
would become white dwarfs, whereas all those
with larger masses would explode as supernovae
of either Type I or Type II, depending on the
mass. It is estimated that, without mass loss,
the frequency of supernovae in a galaxy would
be one per year, which is about 10 times greater
than observed. Observed rates of mass loss
allow one to predict that stars with initial
masses as large as 5 to 8 M o can end up as
white dwarfs. The predicted frequency of
supernovae is reduced to about the observed
level.
Stars in Globular Clusters
A second theoretical argument for mass loss
in red giants is morphological and is based on
the observed distribution of stars on the giant
and horizontal branches of Population II
globular clusters. Evolutionary calculations
without mass loss give perfect fits to the main-
sequence and red-giant branches of the HR
diagram, but the tip of the asymptotic giant
branch (AGB) is about 2.5 mag too bright and
the horizontal branch (HB) is too short: blue
starsandRRLyraestarsareabsent.Starsem-
barkingon thered-giantbranch(RGB)are
estimatedto haveinitialmassesof 0.8to 0.9
Me. The HB discrepancy may be removed if
stars lose 0.2 Me solar masses during the RGB
phase before helium flash, whereas the AGB
problem is resolved if an additional 0.1 Me
is lost during the AGB phase. The computed
HB tracks are still too short, unless it is as-
sumed that stars arriving at the HB have a
spread in their masses of about 10 percent.
Evolutionary calculations incorporating
mass loss as given by the revised Reimers form-
ula, Equation (5-4), reproduce the observed
morphology of the RGB, HB, and AGB in
Population II globular clusters. It is claimed
further that such morphological considerations
put narrow constraints of about 10 percent on
the correct values of mass-loss rates themselves.
Judgment on this point must be reserved until
more is known about the interior physics of
stars (e.g., convection, neutrino physics, tur-
bulent diffusion, primordial chemical composi-
tion, and meridional mixing).
Composition of Interstellar Matter
The theory of stellar evolution also predicts
that red supergiants may be the most impor-
tant source of interstellar grains, both from
mass loss and from supernova explosions.
Variations in the surface composition during
the AGB phase should affect grain character-
istics in the winds. At the beginning of the AGB
phase, the star is type M with C/O < 1, and con-
sequently, silicate grains can form in the wind.
Later, the star becomes a carbon star with C/O
>1; after the third dredge-up (Iben, 1981a), O
is locked up in CO, but there is an abundance
of free carbon and C-rich molecules. Hence,
grains in the winds will contain not silicates but
ample quantities of C-rich particles such as
amorphous carbon grains, graphite, and SiC
grains.
Formation of Planetary Nebulae
The formation of planetary nebulae is one
of the most spectacular consequences of mass
loss from red giants, and in fact, observations
of planetary nebulae are providing critical tests
of the entire theory of the late stages of stellar
evolution, in which mass loss plays a critical
role. It is generally accepted that planetary
nebulae are produced by asymptotic branch
stars, which eject their hydrogen-rich enve-
lopes, after which the stellar remnant evolves
to a high temperature and radiates the far-UV
photons needed to excite the envelope. By what
mass-loss process is the envelope ejected and
at what rate? Assuming with Renzini (1981b)
that a typical planetary nebula has a mass of
0.2 Me, a radius of 0.1 pc, and an expansion
velocity of 20 km/s, we find that the nebula
must form in about 5000 years, which requires
a mass-loss rate of about 4 × 10-5 Mo/yr.
Since this rate is an order of magnitude greater
than that given by the Reimers formula when
applied near the top of the AGB, Renzini
postulated the more or less sudden onset of a
"superwind" that would turn on at the end of
the AGB phase and operate for a relatively
short time.
Such a superwind could take one of several
forms. It could occur when Mira variables
switch oscillation modes from the first overtone
to the fundamental (Wood, 1974, 1981; Tuch-
man et al., 1979; Fox and Wood, 1982) or by
the onset of pulsation in Miras, which Willson
(1981) believes is normally in the fundamental
mode. It was once believed that the formation
of planetary nebulae might be caused by dy-
namical instability, but detailed calculations
(Tuchman et al., 1978) have shown that the
relevant models should stabilize while the
envelope mass is still too large (> 0.1 Me ). The
mode-switching mechanism leads to a relative-
ly sudden ejection of the stellar envelope in less
than 1000 years (Tuchman et al., 1979). A dif-
ferent scenario which does not require sudden
ejection has been proposed by Kwok et al.
(1978) and has been elaborated by Kwok (1982).
The steady mass loss eventually depletes the H-
rich envelope, exposing the hot core and caus-
ing a sudden change in the mass-loss mech-
anism to one of radiation pressure on ions. The
velocity of the wind increases by a factor of
100, and the snowplow effect builds up a dense
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shellattheinterfacebetweenthenewandthe
oldwind.In thismodel,theplanetarynebula
formsinabout3000years.Thedistinctionbe-
tweensteadyandsuddenejectionseemsarti-
ficial,inasmuchasbothmechanismsrequirea
suddenincreaseinmass-lossrate,andthedif-
ferencein timescalesi wellwithintheuncer-
taintiesof thecalculations.Moreover,interac-
tionisboundtooccurbetweentheoldcircum-
stellarshellandthenewwind,nomatterwhich
mechanismisoperative.
RecentobservationsofunidentifiedOH/IR
stars(Baudetal.,1981;Engelsetal.,1983)are
providingconsiderableevidencein favorof
Mira variablesas progenitorsof planetary
nebulae,aswassuggestedbyWoodandCahn
(1977).AsstarsevolveuptheAGB,theylose
masssteadily,andatsomevalueof thelumi-
nosity,whichdependsonthemass,theybegin
pulsatingasMiravariablesinthefirst-overtone
mode.Astheluminosityincreases,odo the
radiusandtheperiod.Eventually,for agiven
stellarmass,a starreachesa valueof the
luminosityatwhichthefundamentalmodebe-
comesdominant,theenvelopeisejected,and
theplanetarynebulaformsinamatterof afew
thousandyears.Theevolutionarymodelof
WoodandCahn(1977)wasdevelopedincon-
siderabledetailbyTuchmanetal. (1979),but
encounteredseveraldisagreementswithobser-
vation,themostseriousbeingthetermination
of first-overtonepulsationat muchlowerlu-
minositiesandshorterperiodsthanobserved,
andtheoccurrenceofdynamicalinstabilitiesat
thepointatwhichthefundamentalmodetakes
over,whichlimitstheobservedperiodsto less
than600days.It nowappearsthattheinsta-
bilitiesdonot in factoccur(FoxandWood,
1982)andhencethatpulsationswithperiods
longerthan2000daysarestable.
Fromastudyofthestatisticalpropertiesof
about20OH/IRstars,BaudandHabing(1983)
wereabletoinvestigatehephysicalparameters
that determinetheOH luminosity.TheOH
luminosityiscorrelatedwiththesizeofthecir-
cumstellarshellandwith themass-lossrate.
Theymakethebasicassumptionthatthese-
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quenceofOH/IRstarsarrangedinorderof in-
creasingperiodandmass-lossrate(seeTable
5-3)is an evolutionarysequence,andthey
deriveatimescaleof between0.6 × 105and
6.5× 105 years for main-sequence masses be-
tween 0.7 to 6 Mo for the OH maser lifetime.
Of this time, 99 percent is spent as a visible
Mira with low mass loss, and 1 percent is spent
as a luminous OH/IR star. Comparison of the
derived physical parameters of the stars with
the models of Fox and Wood (1982) suggests
that the OH maser turns on at about the time
that the pulsation mode switches from first
overtone to fundamental. The models also pre-
dict that the longest periods go with the highest
mass-loss rates, as found by Engels (1982).
Engels et al. (1983) also conclude that OH/IR
stars are AGB variables, but that they are prob-
ably in the same evolutionary stage as Miras.
They argue that, since OH/IR stars show higher
concentration to the galactic plane than Miras,
they must have higher masses, in the range 2
to 10 Mo • The high galactic concentration of
unidentified OH/IR stars is not a problem
(Baud and Habing, 1983), inasmuch as these
stars represent only 1 percent of the OH/IR and
are distant objects. It is less clear why there
should be no low-mass OH/IR stars with high
OH luminosity.
Radio continuum emission at 6 cm, which
may be emitted by ionization fronts propa-
gating into CS shells during the preplanetary
nebula stage, has been detected in five of 32
cool evolved stars: NGC 7027, CRL 618, R
Aqr, IRC + 10216, and O Ceti (Spergel et al.,
1983). Model calculations predict that, in ob_
jects with low mass-loss rates, M < 10-
Mo/yr, a planetary nebula is produced in
< 103 years after the hot core is exposed. In
those with intermediate masses, 4 to 6 Mo, and
high mass-loss rates, the ionization front moves
so slowly that the shell is always ionization-
bounded, and most of the mass is ejected as
neutral gas and dust. NGC 7027 is an example
of a recently formed planetary nebula, while
CRL 618 is a protoplanetary nebula with its hot
core still obscured by dust, and IRC + 10216
mayormaynotevereachtheplanetarystage.
Thus,therequirementfor PNformationisa
shortperiodof veryhighmassloss,suchasis
foundin long-periodOH/IRsources,followed
byoneof reducedmasslosstoallowtherapid
propagationof anionizationfront.
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CIRCUMSTELLAR CHEMISTRY
Alfred E. Glassgold and Patrick J. Huggins
INTRODUCTION
The definitive detection of circumstellar
(CS) material around a cool evolved star was
made by Deutsch (1956) for a Her, although
the possibility had been discussed as long as 50
years ago. Weymann was one of the first to
make physical models of extended envelopes,
and in an early review, (Weymann, 1963) wrote
"... the pages expended in reviewing the sub-
ject (of mass loss).., probably exceed the num-
ber of pages of material being reviewed." The
situation has since changed dramatically as the
result of new observing techniques, particular-
ly in the infrared (IR) and millimeter wave
bands. Some of the important early milestones
were the observation of IR emission from CS
dust, the detection of the 10-micron silicate
feature (Woolf and Ney, 1969), the detection
of microwave molecular emission from IRC +
10216 (Solomon et al., 1971), and the detection
of IR molecular absorption lines (Geballe et al.,
1972). These and many other new developments
have been followed up by numerous detailed
investigations, which have been reviewed pre-
viously by Zuckerman (1980).
The observational information available on
a few of the closest CS envelopes is now ap-
proaching the stage at which some detailed con-
clusions on their physical and chemical proper-
ties can be obtained. A prime example is the
carbon star, IRC + 10216, for which we have
extensive data on the spatial and spectral prop-
erties of the dust and observations of over 20
molecules (not counting isotopically substituted
species). The CS gas around the M supergiant,
a Ori, has also been well studied; in this case,
optical observations of atoms and atomic ions
play an important role. Better data on more ob-
jects will become available as sensitive high-
resolution observational techniques are
developed.
The data on numerous atomic and molecu-
lar species make it possible to investigate the
chemical nature of CS shells. Because this is a
new area of research, this review must necessar-
ily be fairly qualitative. One long-range goal of
the study of CS chemistry is to obtain a suffi-
ciently quantitative description of the constitu-
ents so that deductions can be made about the
history of the wind material (e.g., the forma-
tion of dust) and the tangled problems of stellar
evolution and mass loss. The relatively well-
ordered gas in the outer parts of the CS enve-
lopes also offers opportunities to understand
a number of basic physical and chemical
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processes which have applications to the study
of interstellar clouds.
After a brief introduction on the physical
properties of CS envelopes (see the section
General Physical Considerations), the bulk of
this chapter is divided between a summary of
the observations (see the section Observations)
and a discussion of theoretical considerations
concerning the chemistry (see the section Chem-
istry). We conclude with a short summary (see
the section Conclusions). The literature cited
is mainly to articles published before 1984, al-
though references to the major journals for
much of 1984 have been included.
GENERAL PHYSICAL CONSIDERATIONS
This section primarily concerns the massive
expanding CS envelopes around the cooler M
giants and supergiants, S stars, and the cooler
carbon stars. Observational evidence on the
physical properties of the envelopes comes from
several main lines of investigation: strong con-
tinuum emission in the infrared, accompanied
by spectral signatures of dust; optical absorp-
tion lines of low ionization potential atoms and
ions; near-infrared absorption lines of mole-
cules; and microwave molecular emission lines.
Details can be found in the review by Zucker-
man (1980); observations relevant to chemistry
are summarized in the section Observations.
Certain basic dynamical and structural facts
emerge from the observational data:
1. The terminal wind speeds are small with
respect to stellar escape velocities and are
typically of the order of 10 km s-1.
2. The CS envelopes are large with respect to
stellar sizes, ranging up to 1 x 1018 cm
with corresponding ages up to 2 x 104
yr.
3. The mass-loss rates are large, in the range
10 -7 tO 10 -4 M o yr -1.
Of course, other detailed dynamical proper-
ties are of interest, such as the time dependence
of the mass loss (e.g., mass loss may be epi-
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sodic) and the detailed spatial variation of the
wind density and velocity (e.g., angular as well
as radial variations, clumpiness, and shocks).
Little is known at present about these issues,
but the basic framework given above should be
a sufficient starting point for a discussion of
the chemistry.
For purposes of simplicity, the winds are of-
ten assumed to be spherically symmetric, as well
as steady. There are many envelopes which con-
form to this assumption, at least to first order,
and many that do not; only passing reference
is made to the latter cases. For the spherically
symmetric case, the spatial profile of the mean
density of hydrogen nuclei is:
C (6-1)
n(r) = "-fi"(V/o(r)) ,
-5
C = 3 X 1037 _ cm -1 (6-2)
V6
where V is the terminal value for the velocity
profile o(r), and _r5 and V 6 measure the mass-
loss rate and velocity in units of 10 -5 M o yr -1
and 10 km s-1, respectively. In a typical case,
the outer envelope extends from - 1015 to 1017
or 1018 cm; the corresponding density range is
- 106 to 102 or 102 cm -3, roughly the range en-
countered in interstellar clouds. The tempera-
ture profile can also be important for chemical
considerations, but little observational informa-
tion is available on the gas kinetic temperature.
Theoretical considerations (heating in gas/dust
collisions and cooling by line radiation (Gold-
reich and Scoville, 1976; Kwan and Hill, 1977;
Slavsky and Scalo, 1984)) suggest that the gas
kinetic temperature in the outer envelope varies
more slowly than the mass density. That is,
T(r) _ fm , (6-3)
with m =- 0.7. A typical temperature at 1016
cm might be of the order of 100 K. Closer to the
starthetemperaturemayincreasemorerapidly
thanisimpliedbyEquation(6-3),especiallyif
thereisa chromosphere.
Thetemperatureanddensitydistributions
describedaboveimplythatdifferentypesof
chemistrymaydominateindifferentpartsof
theenvelopes.Beginningjustabovethephoto-
sphere,wemayexpectto find theconditions
for themalequilibriumto besatisfied.Asma-
terialmovesoutintocoolerandmorerarefied
regions,individualspecieswill freezeoutwhen
theratiosofappropriatereactionto dynamical
timescalesexceedunity.Eventually,photo-
chemistryinducedbythepenetrationof galac-
tic UVradiationwill dissociateanymolecules
andionizetheheavyatoms.Thisqualitative
picturebecomesmorecomplicatedinthepres-
enceof activeregionsassociatedwithachro-
mosphereor withshocks.
Theseconsiderationssuggestthatthevaria-
tion in thephysicalconditionsis enormous
whenweconsiderthechemicalevolutionofthe
windasit travelsfromthestellarsurfaceout
intotheinterstellarmedium.Furthermore,the
formationof dustin theinnerenvelopeis inti-
matelyconnectedwiththethermal,dynamical,
andchemicalevolutionof thewind.Notonly
dospacelimitationsprecludethepresentation
of suchageneraldiscussionof CSchemistry,
but, in fact, little researchasthusfar been
donealongtheselines.Mostof thedifficult
questionsaboutheoriginandthephysicaland
chemicalpropertiesof theenvelopesremain
unanswered.
Inviewof thedevelopingnatureof thissub-
ject, wehavechosento emphasizetheouter
partsof theshells(r > 1015 cm) because these
appear to be the most accessible to quantitative
study at this time. This approach avoids such
difficult theoretical questions as the develop-
ment of the wind and the formation of the dust,
but it takes advantage of the main body of cur-
rently available observational data. Thus, we
emphasize the gas-phase chemistry of the
atoms, ions, and molecules outside the region
of dust formation. In order to lay the founda-
tions for this study of circumstellar chemistry,
we begin by reviewing the observations.
OBSERVATIONS
This section reviews the observations of CS
envelopes which are relevant to a discussion of
the chemistry. Many of the observations ad-
dress more directly other related issues, such as
mass loss and dust (see, for example, Zucker-
man, 1980; and Goldberg and Lef_vre, this vol-
ume), but the concern here is primarily with the
gas-phase chemistry. As will become clear, few
of the observations directly confront current
theoretical ideas, but many more contribute to
the development of an overall picture of the
physical and chemical properties of the shells.
We discuss in turn, hydrogen, the heavy mole-
cules observed in the IR and radiowave bands,
and the atoms and ions observed in the optical.
Finally, we summarize some other observations
which also have a bearing on the chemistry.
Hydrogen
Although hydrogen is the most abundant
element in most stars, it has not yet been ob-
served in atomic (HI) or molecular (HE) form
in the extended CS envelopes of cool stars.
However, both forms are seen in more evolved
objects (see below). Of course, HI is observed
in absorption and emission from photospheric
and chromospheric regions, but three recent
searches for the 21-cm line have failed to reveal
HI in the extended envelopes. The searches
have been made by Zuckerman et al. (1980),
Knapp and Bowers (1983), and Clegg et al.
(1983b) using the Arecibo 305-m telescope, the
VLA, and the WSRT, respectively. Together,
they have surveyed a variety of objects, includ-
ing M giants and supergiants, C stars, and pro-
toplanetary and planetary nebulae. The Are-
cibo beamsize (3.2 ') is comparable to the
largest known CS envelope (that of IRC +
10216), whereas the two smaller interferometer
beams ( - 15 ") could, in principle, spatially re-
solve a number of the envelopes observed.
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Interpretationoftheobserved upper limits on
the 21-cm lines in terms of limits on the HI con-
tent of the envelopes is relatively straightfor-
ward, apart from the contamination effects of
background galactic HI emission and uncer-
tainties in the total masses of the envelopes.
Two results from these surveys deserve spe-
cial mention. The first is for IRC + 10216,
where < 1 percent (or less) of the envelope mass
is in the form of HI (Zuckerman et al., 1980;
Knapp and Bowers, 1983); the exact limit de-
pends on the adopted total mass of the envelope
and the level of significance of the flux limit
used. In any event, the absence of HI means
that the bulk of the hydrogen must be in molec-
ular form. This result is, perhaps, not too sur-
prising in view of the obvious strong associa-
tion into molecules evident for other species.
However, the limit begins to approach values
of interest in connection both with the processes
which associate hydrogen molecules in the inner
envelope and with photodestruction of H E by
the ambient galactic UV radiation field. (See
the section Photochemistry.)
The second limit of particular interest is that
for et Ori. Knapp and Bowers (1983) give a 53
upper limit of A;/(HI) < 5 x 10 -6 M o yr -l,
which is essentially the same as that given by
Clegg et al. (1983b). This value is comparable
to many estimates of the total mass-loss rate
for the star and is somewhat less than that given
by the model of the envelope by Jura and Mor-
ris (1981). For an early M supergiant like ot Ori,
hydrogen is not expected to be strongly associ-
ated into molecules, at least on the basis of the
simplest picture of the chemistry. The limits
here are then tantalizingly close to confronting
the simplest ideas on the HI/H 2 problem.
Needless to say, the detection of HI in cool CS
envelopes would be a significant contribution
to the study of the chemistry.
For completeness, note that the planetary
nebulae included in the above surveys also
failed to yield detectable HI (see also, Pottasch
et al., 1982). Recently, however, Rodriguez and
Moran (1983) reported the detection of 21-cm
absorption toward NGC 6302 using the VLA.
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The absorption is probably associated with the
nebula, and they interpret it as arising from the
neutral outer part of an expanding ring whose
inner part is ionized and produces the thermal
continuum. The mass in HI is -0.06 M o .
Although hydrogen must be predominantly
in the form of H 2 in the CS envelopes of the
coolest stars, it is not observable under normal
circumstances. However, IR quadrupole lines
of H 2 are seen in absorption in the atmo-
spheres of certain S and carbon Miras, but in
other stars, they have generally proved to be
much weaker than expected (Tsuji, 1983; John-
son et al., 1983). This possibly indicates that
the theoretical atmospheric structures of cool
stars are still not well determined or that effects
such as chromospheric heating destroy the H 2
in the line-forming regions.
However, the presence of H 2 in CS enve-
lopes can be seen in objects whose central stars
have evolved from the cool giant phase. H 2
quadrupole lines in emission have been detected
in planetaries and protoplanetaries such as CRL
2688, CRL 618, and NGC 7027 (e.g., Treffers
et al., 1976; Beckwith et al., 1978), which still
retain many of the CS characteristics of cool
stars. Although other interpretations are possi-
ble (Black, 1983), the emission appears to be
shock-excited and acts as a useful diagnostic of
the processes which ionize and dissipate the
neutral shell as the central star evolves. The hy-
drogen molecular ion, H2 ÷, may also have
been detected in some planetary nebulae by
characteristic continuum absorption in the UV
shortward of -1500 /_ (Heap and Stecher,
1981; Feibelman et al., 1981). However, this
identification does not appear to be firmly es-
tablished (see the discussion following Black,
1983).
Heavy Molecules
The detection of numerous heavy molecules
in the CS envelopes of cool stars has been of
major significance in understanding processes
which occur during the later stages of stellar
evolution. The observations yield a variety of
information on the envelope kinematics and
mass loss and provide evidence of a rich chem-
istry. The molecules are detected at radio
(mainly millimeter) wavebands in emission and
in the IR in absorption. The two techniques are
complementary. The IR observations measure
vibration-rotation absorption along the line of
sight to the continuum-forming regions,
whereas the radio measurements sample lower
energy (mainly rotational) transitions from the
extended envelopes, although the emission is
normally not spatially resolved with single an-
tennas. Some symmetric molecules, which pos-
sess no permanent dipole moment and thus no
rotational spectrum, can be readily detected in
the IR.
The C/O ratio dominates the heavy mole-
cule chemistry in stellar photospheres, and this
also appears to be true for the CS envelopes.
Therefore, the envelopes of C stars and M and
S stars will be discussed separately below.
IRC + 10216. Because of its proximity and the
richness of its spectrum, IRC + 10216 is by far
the most extensively observed CS envelope, and
it serves as the prototype for the study of
carbon-rich systems. The molecules identified
in the envelope are listed in Table 6-1. Most of
them have been observed only in the radio, four
only in the IR, and three in both. Because most
species have been observed in several transitions
and/or in isotropically substituted forms, the
actual number of lines identified is quite large.
There remain several unidentified lines scat-
tered in the literature and a number of upper
limits, some of significance. Notably absent are
common oxygen-bearing species (e.g., Johans-
son et al., 1984), except for CO and trace
Table 6-1
Molecules in IRC + 10216*
n(x)/n(CO) Species References t
10 -1
10 -2
10 -3
10 -4
10 -5
C2H 2 1
HCN -- -- -- 1,2,6
CN 3
NH 3 -- -- C4H 4,5; 6,7
C2H 4 CS HC5N C2H 8; 9,6; 10,6; 3,6
CH 4 SiS HC3N C3N 1,11; 12,9,16; 13,9,6; 6
-- SiC2 HC7N -- 17;10
HNC SiO HCllN C3H 6; 9,6; 14; 18,19
-- Sill 4 -- -- 1 5
CH3CN 6
* For comparison, the reactive radicals, the cyanopolyyne chains, and the S- and Si-bearing molecules are listed separately
from the remaining species.
t References: 1. Hall and Ridgway (1978), 2. Kwan and Hill (1977), 3. Huggins et al. (1984b), 4. Betz et al. (1979),
5. Kwok et al. (1981), 6. Johansson et al. (1984) (see also Olofsson et al. (1982a), 7. Guelin et al. (1978),
8. Betz (1981), 9. Morris (1975), 10. Winnewisser and Walmsley (1978), 11. Clegg et al. (1982), 12. Henkel et al.
(1983), 13. Carlson et al. (1984), 14. Bell et al. (1982), 15. Goldhaber and Betz (1984), 16. Sahai et al. (1984),
17. Thaddeus et ah (1984), 18. Johansson et al. (1984), 19. Thaddeus et al. (1985).
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amountsof SiO.Thisisnottoosurprisingin
viewof thecarbon-richenvironment.Alsoab-
sentarethemolecularionslike HCO÷ and
N2H÷(e.g.,WannierandLinke,1978),which
are readilyobservablein molecularclouds
wheretheirpresenceis usuallyinterpretedas
evidencefor a chemistrydominatedby ion-
moleculereactions.
Theinterpretationof observedlines,or in-
deedupperlimits,in termsof abundancesin
theenvelopeis notstraightforward.Because
boththeradioandIRmeasurementsintegrate
overregionswhicharephysically,andpossibly
chemically,inhomogeneous,theresultsmustbe
treatedwithsomecaution.
TheIR linemeasurementsaregenerallyin-
terpretedwith simplecolumndensityargu-
ments,usingassumedor measuredexcitation
temperaturesto determinepartitionfunctions.
In somecases,columndensityestimatesmay
begoodto afactorof 3,butareoftenlessac-
curate.Forexample,thecolumndensitiesof
C2H2(Rinslandet al., 1982)andCH 4 (Clegg
et al., 1982) have recently been revised down
by factors of 10 from earlier determinations.
The high spectral resolution now attainable
with IR instrumentation (Fourier transform
spectroscopy and heterodyne techniques) offers
opportunities for investigating in detail the ki-
nematics and excitation of molecules in the in-
ner envelope (e.g., Ridgway and Hall, 1980;
Betz et al., 1979), but detailed models of this
region have not yet been constructed. The pos-
sibility of obtaining spatial information from
the IR lines has recently been demonstrated
(Dyck et al., 1983; Wannier and Sahai, 1983)
and will be important for future development.
In contrast to the situation in the IR, fairly
complete modeling has been carried out for
some species observed in emission in the radio.
Kwan and Hill (1977; see also Kwan and Linke,
1982) have shown that the CO rotational levels
in IRC + 10216 are primarily excited by col-
lisions; the CO emission is therefore coupled
to the gas kinetic temperature. They have de-
veloped a thermal model for the gas (including
heating by gas/grain collisions and molecular
line cooling) and have computed the CO emis-
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sivity, convolved with the appropriate beams,
for comparison with the observations. They
deduce a mass-loss rate for IRC + 10216 of
4 x 10 -5 M o yr -l (if its distance is 200 pc)
and a CO/H 2 abundance ratio of 6 × 10-4.
Two aspects of the observations are not com-
pletely dealt with in this model: the asymmetry
seen in the lines (see, for example, Olofsson et
al., 1982a), which may be an effect of radiative
transfer or geometry, and the great extent of
the CO emission (see Kwan and Linke, 1982).
However, neither of these is likely to have much
effect on the inferred mass-loss rate or CO
abundance.
In the same spirit, Morris (1975) analyzed
the emission of high dipole moment molecules
in IRC + 10216 and found that their rotational
levels are primarily populated by the absorption
of IR radiation, followed by rapid decay to dif-
ferent rotational levels of the ground vibra-
tional state. The excitation of these species is
therefore coupled to the IR continuum by the
absorption-line strengths of the exciting tran-
sitions. This kind of model has now been used
to analyze a number of species in IRC + 10216:
SiS, SiO, CS, HC3N, CN, C2H, and HCN
(Morris, 1975; Kwan and Hill, 1977; Henkel et
al., 1983; Huggins et al., 1984b; Carlson et al.,
1985; Sahai et al., 1984; Nguyen-Q-Rieu et al.,
1984a). For some of these species, as well as
many others not yet analyzed, the IR absorp-
tion-line strengths are not (or are poorly)
known; however, these are not usually crucial
parameters in the analysis. Further complica-
tions arise if the molecule has a complex hyper-
fine structure or if the IR lines are optically
thick, but in the best cases, the resulting abun-
dances may be good to a factor of 3. Several
other abundance estimates appear in the liter-
ature and are based on simplifying assumptions
(e.g., beam-averaged column densities or an ar-
bitrarily assumed constant excitation tempera-
ture). These should be treated with some
caution.
Several tables of abundances for the enve-
lope of IRC + 10216 have been compiled. The
early one of McCabe et al. (1979) is not now to
be recommended. That of Lafont et al. (1982)
attempts to interpret quoted abundances from
a number of different studies in a uniform way.
The list of Johansson et al. (1984; see also
Olofsson et al., 1982a) is restricted to those
species found in the Onsala line survey of IRC
÷ 10216 (which forms an excellent homogene-
ous data set), but is partially vitiated by the as-
sumption of constant excitation temperatures
in the line-forming regions. The abundances
quoted for some species differ by a factor of
10 in the last two tables mentioned.
Table 6-1 indicates the approximate abun-
dances of the species observed in IRC + 10216
relative to the CO abundance. The abundances
are purposefully given only in decades (with
rough ordering within each) so that the reader
will not be misled. For the IR data, we use the
ratios of column densities, as did Lafont et al.
(1982), but with updated values. For the radio-
line data, we use the results of model analyses,
when available, augmented by other estimates,
suitably scaled, where necessary. The references
give the most recent analyses and/or primary
references from which the earlier results can be
found. If more accurate abundance ratios for
particular species are required (and are war-
ranted), they can be constructed from the refer-
ences cited. Implicit in all of the foregoing dis-
cussion is the chemical homogeneity of the en-
velope, which may not be satisfied (see below).
The molecular line observations of IRC +
10216 (and other CS envelopes) are, of course,
excellent sources for the determination of iso-
topic abundances. However, although the ob-
served isotopic ratios are important for under-
standing nucleosynthesis and envelope mixing
processes, they are only indirectly linked to a
study of the chemistry of the envelope. There-
fore, this subject lies beyond the scope of this
chapter, and we refer the reader to the fairly
recent reviews by Wannier (1980) and Zucker-
man (1980) for further information on this as-
pect of the observations.
The implications of the observed abun-
dances in IRC + 10216 are discussed in the sec-
tion Chemistry. For convenience, some of the
main points relevant to the chemistry are listed
and commented on:
. The oxygen (i.e., CO) abundance in the
gas phase is not very different (a factor
-3) from solar.
. In comparison with galactic molecular
clouds, HCN is strongly enhanced, by a
factor 100 to 1000 if the cloud analyses
of Wootten et al. (1978) are used.
. The absence of molecular ions and O-
bearing species (other than CO and SiO)
has already been discussed. However, Jo-
hansson et al. (1984) have pointed out
that the limits on their abundances are
not significantly smaller than their
observed levels in molecular clouds.
However, these species are highly under-
abundant compared to HCN.
. The very low value of the isomeric ratio
HNC/HCN (= 4 × 10 -3, Johansson et
al., 1984) compared to that in molecular
clouds has been interpreted (e.g.,
McCabe et al., 1979; Zuckerman, 1980)
as evidence for a simple freeze-out model
for these species. Note that because this
ratio varies widely in molecular clouds
and values as low as 1.5 × 10 -2 have
been observed (Goldsmith et al., 1981),
the argument may not be overly com-
pelling.
. If the observed Si- and S-bearing species
are their major carriers in the gas phase,
then, assuming solar abundances, these
elements must be highly depleted (>95
percent) into grains. The depletion of
other metals is unclear because the lines
of their expected major carriers are gener-
ally inaccessible. Clegg and Wootten
(1980) have searched for AICI, and find
it to be at least 20 times less abundant
than would be expected on the basis of
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completeassociationand solarabun-
dances.C1itself,however,is alsonot
presentin thepossiblealternateformof
HCI(Cleggetal., 1982),andit toomay
behiddenin grainsor in morecomplex
molecules.
. After CO, C2H2, and HCN, the highly
reactive radicals CN, C2H , C3N, C4H ,
and possibly C3H, are as abundant as
most of the other molecules observed.
Their presence argues strongly against a
simple freeze-out process in the inner
envelope as the source of their produc-
tion (Lafont et al., 1982), as discussed in
the section Chemistry.
. The significance of the preponderance of
linear-chain polyatomics observed in the
envelope is not clear. The low abundance
of methyl cyanide (CH3CN) and the
limits on vinyl cyanide (CHECHCN) and
ethyl cyanide (CH3CHECN) are not par-
ticularly stringent when compared to ga-
lactic clouds like TMC-1 (cf. Johansson
et al., 1984), but they are deficient rela-
tive to HCN. The falloff in abundance
of the cyanopolyynes with increasing
chain length is quite weak: the presence
of very large molecules in considerable
abundance cannot be ruled out.
We conclude our discussion of IRC + 10216
with a review of the sparse observational data
on the spatial extent of the molecules in the en-
velope. At 100 GHz, the emitting regions of
most species are barely resolved with the largest
single dishes, so that the information available
is very limited. Line profiles provide some in-
formation on the extent of the emission, and
Olofsson et al. (1982a) have mapped a number
of lines to yield characteristic sizes for the emis-
sion (e.g., SiO _< 20" and HCN --_ 40",
FWHM). These sizes are probably determined
mainly by excitation and optical depth effects
and do not readily suggest evidence of spatially
298
varying abundances. On the other hand, at
higher frequencies and increased resolution
(- 30'9, Wootten et al. (1982) have mapped CN
in the (2-1) lines and show that it is more ex-
tended than HCN, suggesting a possible spatial
variation in abundances. Their limit on the ab-
sorption column density of CN in the IR is con-
sistent with this, and their data have been
shown by Huggins et al. (1984b) to be consis-
tent with a photochemical model in which CN
is photoproduced by ambient UV photons from
HCN in the outer unshielded envelope. If this
proves to be correct, then tables of abundances
(e.g., Table 6-2) made assuming constant abun-
dances in the envelope obviously have little
meaning.
The CO emission in IRC + 10216 is observ-
able over a much more extended region than
other species. Wannier et al. (1979) have shown
that the emission is roughly circularly sym-
metric on a scale of - 1 '; on a much smaller
scale in the optical and near IR, it is not. Knapp
et al. (1982) have shown that the emission ex-
tends out to a radius of at least 3 ', which cor-
responds to a physical radius -0.25 pc for an
assumed distance of 290 pc. Since photode-
struction must limit the size of molecular shells
(e.g., Jura and Morris, 1981; Huggins and
Glassgold, 1982a; Lafont et al., 1982), the large
extent of the CO emission region yields useful
information on this process. Unfortunately, the
photodestruction rate and dissociating transi-
tions for CO are poorly known (cf. Glassgold
et al., 1985), but Morris and Jura (1983a) have
shown that the large map size is consistent with
CO line self-shielding.
Finally, note that the new development of
interferometry at millimeter wavebands will be
useful for more detailed studies of the envelope.
A first interferometer map in HCN has been
made by Welch et al. (1981) at a resolution of
-9". The emission is well resolved and circu-
larly symmetric. Jura (1983a) has argued that
the limited extent of the emission implies sig-
nificant photodestruction of HCN outside a ra-
dius of 30" (1017 cm), which is consistent with
the photoproduction model for CN mentioned
above.Similarmapsof otherspecies,particu-
larlytheradicals,will obviouslybeimportant
inrefiningourpictureoftheenvelopeoverthe
nextfewyears.
Other Carbon Stars. In contrast to the fairly
extensive observational data on the envelope of
IRC + 10216, the available data on other
carbon-rich envelopes is very limited. Their
lines are generally much weaker because they
are farther away and/or have less massive en-
velopes, so that most of the data are of low
signal-to-noise (S/N) ratio. The observations
consist of detections of CO in a fair number
of objects, and detections of a few other mole-
cules in a handful of objects. Because of the
scarcity of data, we are not yet in a good posi-
tion to evaluate from the observational point
of view how the chemistry of the envelopes de-
pends on parameters such as mass-loss rate,
spectral type, or dust content.
Surveys in the CO (I-0) and (2-1) lines (e.g.,
Zuckerman et al., 1978; Knapp et al., 1982;
Knapp and Morris, 1985) have detected CO
emission in about 50 cool CS envelopes, and
about half of these are carbon stars. Thus, car-
bon stars are strongly represented, but the sig-
nificance of this has not yet been fully evalu-
ated. Notable among the objects detected are
the protoplanetary AFGL 2688 (Lo and Bechis,
1976; Zuckerman et al., 1976) and the planetary
NGC 7027 (Mufson et al., 1975), whose cen-
tral stars have presumably evolved from late-
type carbon stars. In any event, their envelopes
appear to be carbon rich (Zuckerman et al.,
1976; Zuckerman, 1982). According to Knapp
et al. (1982), the CO lines in many objects are
optically thick and are therefore rather insen-
sitive to the CO abundance in the envelope.
13CO lines have also been detected in several
objects (e.g., Knapp and Chang, 1985), but
they tell us more about the nuclear history of
the material than its chemistry.
We give two examples of those objects
which have been observed in lines other than
CO. In CIT 6, HCN, HC3N, CN, SiS, C3N,
and CS have been detected (Wilson et al., 1973;
Jewell and Snyder, 1982, 1984; Allen and
Knapp, 1978; Henkel et al., 1985; Sahai et al.,
1984), and in AFGL 2688, HCN, NH 3, HC3N,
HC7N, SiS, CS, and C2H have been detected
(Zuckerman et al., 1976; Huggins et al., 1984a;
Sahai et al., 1984; Nguyen-Q-Rieu et al.,
1984b). CIT 6 (IRC + 30219) is a late-type car-
bon star with a mass-loss rate smaller than that
of IRC + 10216 by a factor - 30 (Morris, 1980;
Knapp et al., 1982). AFGL 2688, on the other
hand, is an F supergiant with a mass-loss rate
comparable to that of IRC + 10216 (Morris,
1980; Knapp et al., 1982). Because lower limits
on the 12C/13C ratio in these objects are -20,
they may not be very different from that in IRC
+ 10216, where 12C/13C -35. Henkel et al.
(1985) have analyzed their line observations of
CIT 6 and find no significant abundance dif-
ferences ( < a factor of 5) between it and IRC
+ 10216. Although AFGL 2688 has not been
analyzed, the intensities of its molecular lines,
relative to CO, are not very different from
those in IRC + 10216. For these two objects,
therefore, we have no strong evidence for a dif-
ferent chemistry. Recently, however, Beichman
et al. (1983) have tentatively detected neutral
atomic carbon at 610 #m in emission in AFGL
2688, but not in CIT 6 or IRC + 10216. Their
observations suggest that AFGL 2688 is very
carbon rich, although the effect on the envelope
chemistry of the early spectral type of the
central star has not been investigated in detail.
Obviously, many more sensitive observations
of carbon stars, other than IRC ÷ 10216, are
needed to clarify the general characteristics of
the chemistry of their envelopes as a group.
M and S Stars. The list of heavy molecules
detected in the expanding CS envelopes of M
and S stars is limited to OH, H20, SiO, CO,
H2S, HCN, and NHy There is no equivalent
to IRC + 10216, showing a rich oxygen-
dominated chemistry. The overall picture of the
chemistry in these envelopes is therefore very
incomplete.
The most extensive observations have, of
course, been made in the masing transitions of
OH, H20, and SiO. Many of these data have
been tabulated by Engels (1979), and interpreta-
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tionsof the masing lines in circumstellar enve-
lopes have been reviewed by Goldreich (1980)
and Eliztur (1982). As yet, these observations
appear to reveal little about chemical processes
as such, other than that these species are pres-
ent at sufficient column densities to produce the
maser gain. Further general comment, there-
fore, is beyond the scope of this review. How-
ever, we note that the Type II OH masers may
be fairly directly linked to the chemistry of the
outer envelopes. Both mapping (e.g., Bowers
et al., 1983) and phase-lag measurements (e.g.,
Herman and Habing, 1981) show that the
maser emission arises in a shell of radius
- 1016 to 1017 cm. Inside this shell in optically
opaque envelopes, OH is expected to be rapidly
converted to H20 by reactions with H 2, so that
the presence of the OH emission requires a
source of production for the radical, as dis-
cussed by Goldreich and Scoville (1976). One
possibility which they suggest is the photode-
struction of H20 by ambient galactic UV
photons, and further studies of this effect have
been made by Deguchi (1982) and Huggins and
Glassgold (1982b). The calculated sizes of the
photoproduced OH shells are consistent with
the observations, but they do not rule out the
possibility that the OH is primarily produced
by other processes.
In addition to the masers, "thermal" milli-
meter emission from SiO and CO has been sur-
veyed in a number of stars (e.g., Morris et al.,
1979; Zuckerman et al., 1977, 1978; Knapp et
al., 1982; Knapp and Morris, 1985). HCN emis-
sion has been detected in only two S stars
(Olofsson et al., 1982b), and H2S in only
OH 231.8 + 4.2 (Ukita and Morris, 1983). CO
and NH 3 have been observed in a handful of
stars in absorption in the IR (Bernat et al.,
1979; Bernat, 1981; McLaren and Betz, 1980),
and low temperature (600 K) SiO absorption
has been observed in VY CMa (Geballe et al.,
1979). OH and H20 have been detected in the
IR in R Leo (Hinkle and Barnes, 1979), al-
though these appear to be kinematically associ-
ated with the upper photosphere, or inner shell,
rather than with the extended envelope. One
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important result from the IR CO measurements
is the existence of multiple velocity compo-
nents, which may indicate that the mass loss is
episodic (Bernat, 1981).
Specific inferences on the chemistry, based
on the observations, are few. Zuckerman (1980)
notes that millimeter SiS emission is not de-
tected, implying SiS/SiO < 1, as might be ex-
pected on the basis of simple thermodynamic
freeze-out in an oxygen-rich environment. Mor-
ris et al. (1979) note that, relative to CO, the
thermal SiO emission is more readily observable
in M and S stars than in C stars. (SiO is not
detected in C stars except for IRC + 10216.)
They interpret this as an abundance effect,
which again is consistent with simple ideas on
the different (O or C dominated) chemistries
involved. However, when the SiO emission-line
data are interpreted with the radiative-transfer
models of Morris and Alcock (1979), Si is
found to be heavily depleted ( - 99 percent) into
grains in the regions sampled by the observa-
tions. As Zuckerman (1980) points out, this is
unlikely to be the case in the inner regions
where the SiO masers are produced, so that the
bulk of the Si is condensed into grains between
r --_ 1014 and 1016 cm, which is at least consis-
tent with the overall picture determined from
observations of the dust.
Finally, note that the CO (2-1) observations
(Knapp et al., 1980) and the KI scattering data
(see below) of _ Ori have been modeled in some
detail by Jura and Morris (1981). They find that
the small size of the CO-emitting region re-
quires that CO is photodissociated at a rela-
tively high rate between 1016 and 1017 cm from
the star. They also find that CO is underabun-
dant by a factor -25, relative to solar abun-
dances fully associated, and they suggest that
C is deficient by this factor in t_ Ori. On the
other hand, CO may not be fully associated.
Model analysis of the CO emission in R Cas
by Morris (1980) also indicates that only 10 per-
cent of C is in CO, assuming solar abundances.
Clearly, accurate CNO photospheric abun-
dances would be very useful in refining the in-
terpretation of observations of the circumstellar
material.
Heavy Atoms
Observations of neutral atoms and ions are
potentially useful in assessing the physical con-
ditions in CS envelopes (e.g., the degree of ion-
ization and the degree of depletion into grains);
they may also play a critical role in the buildup
of molecules in the inner envelope, particularly
in the presence of a warm chromosphere (e.g.,
Clegg et al., 1983a). It is also worth remember-
ing that atoms and ions are the likely ultimate
fate of all gas-phase circumstellar material
(Huggins and Glassgold, 1982a), although they
reach this state in very rarefied conditions of
low column density and are difficult to detect.
A number of studies of optical circumstellar
atomic lines have been made, mainly for earlier
M giants and supergiants (cf. Hagen et al.,
1983, and references therein; Goldberg, this
volume). Lines of neutral and singly ionized
metals are seen in absorption against the stellar
continuum and are blue-shifted relative to pho-
tospheric lines. Analysis of the lines yields col-
umn densities, although the inner radius of the
actual column observed has been a point of
some controversy (see, for example, the review
by Castor, 1981). Most metals observed appear
to be predominantly singly ionized. According
to Hagen et al. (1983), there appears to be no
correlation between the quantities of circum-
stellar dust and atomic gas, although for the
thicker envelopes of cooler stars, it is evident
from the CO surveys that there is some correla-
tion between dust and molecular gas (e.g.,
Knapp, 1985). In t_ Ori, the atomic envelope
has also been observed in the scattered radia-
tion of the KI )_7699 resonance line. The emis-
sion has been imaged by Honeycutt et al. (1980)
and Mauron et al. (1984). It extends out to a
radius of at least 60" and is roughly circularly
symmetric. Honeycutt et al. infer a radial
power law dependence for n(KI) of slope 1.65
___0.2, and Mauron et al. quote 2.5 __+0.8; both
measurements are consistent with an inverse
square power law. In principle, this informa-
tion could be combined with the column den-
sity measurements of c_Ori to constrain detailed
models of the atomic envelope, but this has not
yet been done. Because atomic column densities
have been measured in et Ori and several other
stars with molecular envelopes, the potential ex-
ists for developing a coherent understanding of
these envelopes which include all components.
(See the section Photochemistry.)
Other Observations
Although this discussion has emphasized ob-
servations of the extended expanding envelopes,
the physical structure of the transition region
between the photosphere and the extended en-
velope can affect, and may dominate, the
chemistry of the wind flow. We comment brief-
ly on two factors: chromospheres and shocks.
At least some cool giants and supergiants
possess warm chromospheres, as evidenced by
atomic emission lines and radio continuum
emission. (See Querci and de la Reza, this
volume.) The chromospheres can influence the
outer envelope in at least two ways. First, the
UV emission may dominate that of the central
star and produce a substantial radiation field
in the extended envelope. For ot Ori, for exam-
ple, the UV flux has been measured, and Clegg
et al. (1983a) calculated photodestruction rates
for a number of molecules and neutral atoms.
At 2 stellar radii, these rates are typically 106
faster than in the general interstellar medium,
so that chromospheric radiation will dominate
photoprocesses throughout much of the ex-
panding envelope.
A second effect of chromospheres is that
they will change the inner boundary conditions
of the extended flow. Instead of the high den-
sities, low temperatures, and low-ionization
characteristic of photospheres, the physical
conditions will be completely different and
should affect the processes of molecular asso-
ciation. Unfortunately, as yet, the observations
tell us little about the structure of the outer
chromosphere and the inner wind flow.
Another complication in the transition re-
gion is the observed presence of shock waves.
We briefly mention two striking examples. The
first concerns the late-type carbon star, CIT 6,
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whichCohen(1980)hasobservedoveraperiod
of a fewyears.(SeethesectionHeavy Mole-
cules.) During that time, an optical emission-
line spectrum of H, O I, OII, N II, and S II de-
veloped and then vanished, which Cohen inter-
preted as a shock spectrum produced in regions
in which recent stellar mass loss encountered
the extended envelope. Associated changes in
the continuum are attributed to thermal emis-
sion from dust grains which may have con-
densed from gas ejected during this phase. The
second example concerns the S-type Mira vari-
able, X Cygni, which has been extensively
monitored in the IR by Hinkle et al. (1982).
They find four distinct kinematic components
in the CO absorption spectrum: a pulsating
photosphere, a stationary 800 K shell (which
they estimate to be at 10 stellar radii), an in-
falling component, and an outer expanding
shell. Their overall picture is one in which shock
waves driven through the photosphere build up
the stationary layer, which in turn is the reser-
voir for both the expanding shell and the infall-
ing material. These observations are a sober re-
minder that the physical conditions--and
thereby the chemical processes--which take
place in the inner regions of circumstellar enve-
lopes may be quite complex.
CHEMISTRY
Time-Scale Considerations
An intrinsic difficulty in the theoretical
study of CS envelopes is that the material lost
by the star is carried through regions with
widely differing physical conditions, beginning
with both high density and temperature in the
photosphere and ending with rarefied cool con-
ditions in the far outer envelope. In between,
several dynamical, thermal, and chemical pro-
cesses are operative which would have to be
treated self-consistently in order to have a
proper theory of the mass loss and the associ-
ated properties of the CS envelope. The de-
mand that a broad range of physical phenom-
ena be included makes the theory of the enve-
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lopes challenging as well as interesting. In fact,
nothing like a comprehensive theory has been
attemped thus far, in part because we do not
understand enough about such fundamental
problems as the mechanisms for mass loss and
the formation of dust. Nevertheless, some use-
ful first steps have been made by investigating
simple but general models, such as the thermal
equilibrium and the photochemical models dis-
cussed below.
At this early stage in the theoretical study
of CS chemistry, it has been customary to make
several simplifying assumptions which serve to
isolate the chemistry from other problems. In
particular, one or more of the following distri-
butions are specified a priori: density, velocity,
temperature, and dust. For example, in the fol-
lowing, the discussion is restricted to spherically
symmetric and steady flows, with the gas den-
sity following an inverse square law at large dis-
tances, as described by Equation (6-1). Like-
wise, with a few notable exceptions, dust and
temperature profiles have been specified rather
than calculated consistently together with the
chemistry. Whenever possible, these distribu-
tions are based on observational information,
which is rather limited at this stage.
The chemistry of CS envelopes is basically
time-dependent; this follows from their small
size ( < 1 pc). Most chemical time scales will be-
come larger than the dynamical time scale
somewhere in the shell. We use the following
definition for the dynamical time scale (always
measured in seconds),
ray = r/v = 1 × 109 {_'_'1 ,
\06/
(6-4)
where r and v are measured in units of 1015 cm
and 106 cm s-1. For typical inner and outer
radii of 1015 and 1017 cm and an expansion ve-
locity of 10 km s-1, the dynamical time scale
ranges from 109 to 1011 s, or 30 to 3000 yr.
A qualitative understanding of the time-
dependent nature of CS chemistry is aided by
classifying reactions as one-body, two-body,
three-body,etc.,according to the number p of
reactants. Important examples for CS shells
are:
1. Photo processes--For example,
h v + CO-- C + 0 (G)
2. Ordinary chemical reactions--For ex-
ample,
H + OH -- O + H 2 (k)
e + H + -- H + hv (cO
3. Three-body reactions--For example,
H + H + H -- H 2 + H (K)
e + e + H + -- e + H (3')
The symbols in parentheses are generic rate
constants. This classification is significant
because the various types have very different
rate constants and time scales. If we use:
rch (X) = n(X)] an(X)
dt
as the definition of the chemical time scale for
species X, rch(X ) will be proportional to
r 2(p-1). To illustrate, some examples are:
1. Photo time scale:
rp_ = J(r) + G o K(r) . (6-5)
Here, GIs is the asymptotic rate at the
outside of the shell due to interstellar ra-
diation, J(r) is the shell attenuation factor
to be discussed in the section Photo-
chemistry, G o specifies the rate due to
stellar or CS (e.g., chromospheric) radia-
tion specified at some nominal distance
R 0, and K(r) gives corrections to the in-
verse square dilution factor, including at-
tenuation by the shell. A characteristic
value for G1s is 1 x 10 -l° s -l, so that
photodestruction times in the farthest
outer envelope are of the order of 100 yr.
ot Ori is an example of a star with a
strong UV field, and G O is about 106 ×
Gls at R 0 = 1(14) cm; thus, photode-
struction by chromospheric radiation
dominates its CS shell out to > 3 x 1017
cm.
2. Two-body chemical time scale:
/_-5
rch = 333 r_s e T*/T
V6
1/x _ for destruction,
X _ x/x°x _ for formation.
(6-6)
The reactant abundances have been
denoted by x, x ', and x", with x for the
species whose time scale is of interest and
x' and x" for other species. The rate
constant for the exothermic direction has
been written as k = A exp(-T*/T),
where the preexponential factor usually
depends weakly on temperature T. The
numerical value used in Equation (6-6),
A = 4 x 10-11 cm 3 s-l, is for a relatively
fast neutral reaction. There are three crit-
ical factors in this formula:
a. Expansion of the shell--The r 2 effect
alone boosts the numerical factor to
25 yr at 3 x 1017 cm.
b. Activation energy--If 7* is large, the
exponential makes the chemical time
scale much larger than all others in the
cool outer envelope (i.e., exothermic
reactions with large activation energies
are readily frozen out). Clearly, endo-
thermic reactions will also be frozen
out when T becomes much less than
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°G/KB, where G is the free energy of
the reaction.
c. Abundances--The factors l/x' for
destruction and x/x 'x" for production
can also increase the time scale
significantly.
Despite these obstacles, the moderately
high temperatures in the dense inner re-
gions of CS envelopes provide conditions
for chemical activity which are not found
in cool molecular clouds.
Three-body time scale:
As examples, we give the time scales for
the recombination of three H atoms:
4 "6 (6-7)
r(H2) = 8.3 X 1013 sT 314rls
5
and the time scale for three-body recom-
bination of H + with two electrons:
Trl5
r(H +) = 1012s m (6-8)
X2e _g2 5 /
The additional factor of r 2 means that
three-body reactions are only important
close to the star.
The implications of the above time-scale
estimates will be discussed below in the context
of specific models and objects. In general, they
span a large range of values, depending on the
abundances and the activation energies enter-
ing into individual reactions. At this stage, it
is sufficient to note, for example, that the
chemical time scales will be longer than the dy-
namical time scales at large distances, and that
photo time scales can dominate in different
parts of the envelope, depending on the radia-
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tion source (stellar or interstellar) and dilution
and attenuation effects. Therefore, the chem-
istry of CS envelopes is essentially kinetic in
character, rather than steady state.
Thermal Equilibrium Models
Thermal equilibrium represents the simplest
of all models because the results depend only
on temperature, pressure, and elemental abun-
dances-and not at all on the specifics of reac-
tion mechanisms. Underlying the model is the
assumption that the conditions for equilibrium
are met (i.e., that all the relevant reactions are
in detailed balance). Although these conditions
may be expected to be satisfied inside the star,
they will eventually fail as the temperature and
density decrease going away from the star.
As we have seen in the section Time-Scale
Considerations, 7"ch << ray for small r and rch
>> ray for large r. Thus, a freeze-out position
RFo can be defined by the condition that rch
= ray; Rro depends sensitively on species. Less
reactive species (e.g., H 2 and CO) may freeze
out close to the star, whereas radicals may not
freeze out until well into the envelope. Most ap-
plications of the thermal equilibirum model
have been based on the premise that a single
freeze-out location applies to all species, in con-
trast to the more realistic situation in which
each species freezes out at a different place.
A basic limitation in applying the thermal
equilibrium model is the quality of the thermo-
chemical data. For IRC + 10216, for example,
the data required to calculate the abundances
for the most complicated and exotic species do
not exist.
Early comparisons of observations of CS
molecules in IRC + 10216 with thermal equi-
librium calculations were made by Morris
(1975), Ridgway et al. (1976), and Hall and
Ridgway (1978). The last authors, for example,
found that the relative column densities of CO,
C2H2, HCN and CH 4 could be accounted for
by a C-rich supergiant atmosphere with T =
1000 K and n = 1 x 1014 cm -3. A more com-
prehensive application of the model to this
same object was made by McCabe et al. (1979),
whodidequilibriumcalculationsbothwithand
withoutgraphiteformation.Theseauthors
compiledabundancesof adozenCSmolecules
andradicalsfromavailableobservations,and
theyattemptedto findasinglesetof tempera-
tureandpressurevalueswhichwouldgivethe
bestagreementbetweenthethermalequilibrium
modeland the observations.Their best-fit
parameterswereT- 1250Kandn ___-4 ×
1014 cm -3 and required the omission of dust
formation. They obtained a factor of 2 to 5
agreement for eight molecules (relative to CO),
but four others were in serious disagreement (3
to 6 orders of magnitude): CN and NH 3 were
observed to be greatly overabundant, and SiO
and SiS were greatly underabundant. The very
large pressure adopted for the upper atmo-
sphere of IRC + 10216 seems to be inconsis-
tent with our present understanding of the up-
per atmospheres of cool stars.
Thermal equilibrium calculations for IRC +
10216 have been repeated by Lafont et al.
(1982), with improved estimates of abundances
and thermochemical data. They used a broader
criterion for agreement (a factor of 10), consis-
tent with the large uncertainties in these quanti-
ties, and they worked with lower pressures.
However, their overall results are similar to
those of McCabe et al. (1979). Figure 6-1 gives
an example of their results for C/O = 2.
We can summarize the equilibrium model
for IRC + 10216 using the rough abundances
given in Table 6-1 and the equilibrium calcula-
tions discussed above:
1. The simplest C,N,O molecules and hy-
drocarbons:
a. The model works well for CO, C2H 2,
HCN, and CI-I 4.
b. The model fails for NH 3, which is
observed to be overabundant by a
large factor.
2. Sulfur and silicon molecules:
a. CS is somewhat overabundant.
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Figure 6.1. Thermal equilibrium abundances
calculated for the envelope of lRC + 10216 by
Lafont et al. (1982) assuming C/O = 2.
b. SiS and SiO are underabundant by
very large factors.
3. Chain molecules:
a. HC3N agreement is satisfactory, but
HCsN is grossly overabundant.
b. The thermochemical data base is too
weak to make definitive conclusions
on the other cyanopolyyenes and re-
lated species.
4. Radicals:
a. All radicals are overabundant by large
factors.
b. The worst cases are CN and C2H.
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Another way of stating item 4 is that the ra-
tios of radicals to parent molecules (i.e.,
CN/HCN, C2H/C2H2 , and C3H/HCaN) are
much larger than expected on the basis of ther-
mal equilibrium; this suggests that the radicals
are made by some process directly from their
parents. In conclusion, we find that the simple
thermal equilibrium model (unique choices for
T and p) is consistent with the measured abun-
dances of only the few most abundant
molecules.
Even the limited successes of the thermal
equilibrium model must be viewed with some
skepticism as long as dust formation has been
omitted from the calculations. Although the
most abundant molecules may be frozen out in
the upper atmosphere, as suggested by the
above fits, some of them may participate in the
formation of dust. Otherwise, it is unlikely that
the envelopes would be as dusty as they are.
Certainly, the time scale for a gas molecule to
strike a dust grain, Equation (6-10) below, is
less than the dynamical time scale in the rele-
vant regions, roughly from 1014 to 1015 cm. As
our knowledge of the thermochemical quanti-
fies improves, it would be of interest to develop
the equilibrium model further to include the
formation of dust, as well as more complicated
molecules.
The distribution of atomic and molecular
hydrogen in the upper atmospheres of cool stars
can be studied in detail because the relevant re-
actions are limited and are fairly well under-
stood (Glassgold and Huggins, 1983). As dis-
cussed in the section Observations, molecular
hydrogen has been detected in very cool stars,
but all attempts to detect the 21-cm line of
atomic hydrogen have been unsuccessful thus
far. Molecular hydrogen is a good example of
a molecule which freezes out close to the pho-
tosphere. Figure 6-2 shows the fraction of
atomic hydrogen obtained from equilibrium
calculations in which T and p profiles were
specified by model atmosphere calculations
(Johnson et ai., 1975; Lucy, 1976; the latter
having an expanding wind). The variation in the
physical conditions in the upper stellar atmo-
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sphere changes the H/H 2 ratio by large
amounts. The open circles in the figure indicate
where freeze-out of three-body recombination
occurs according to the time-scale estimate
(Equation (6-7)). This freeze-out ratio provides
the initial condition for calculating any changes
which the hydrogen undergoes in the CS shell,
as will be discussed in the following sections.
Studies of Chemical Reactions
In this section, we discuss the reactions ap-
propriate for describing the chemical evolution
of CS wind material. We consider regions in
which the formation of dust has essentially
ceased, but do not completely ignore the chemi-
cal activity associated with dust. Photopro-
cesses will be discussed in the next section. It
is useful to divide the discussion of CS chemis-
try according to whether the environment is
carbon- or oxygen-rich, and we begin with O-
rich stars.
Goldreich and Scoville (1976) solved the
time-dependent equations for the H20 and
OH system, using only the following reactions:
OH + H- H20 + H ,
OH + H--O + H 2 .
They considered a 1 M o star with a mass-loss
rate of 3 × 10-5 M o yr -1 and a terminal ve-
locity of 20 km s -1. They found that these re-
actions maintained equilibrium abundances out
to 2 x 10 is cm, (where T -- 500 K and n =
1 x 107 cm), beyond which they are frozen.
Scalo and Slavsky (1980) made similar calcula-
tions without including shielding, but extending
the chemistry to include silicon, and generally
underscored the importance of time-dependent
chemistry. These authors have recently com-
pleted a comprehensive study of the chemistry
of O-rich CS envelopes (Slavsky and Scalo,
1984).
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Figure 6-2. Thermal equilibrium abundance of atomic hydrogen calculated by Glassgold and Hug-
gins (1983) for the atmospheres of (a) O-rich and (b) C-rich stars for several photospheric temperatures.
The heavy lines trace the variation starting from the photosphere in the upper right; the open circles
show where freeze-out occurs. The other curves are isobars labeled by log p.
A similar position was taken by Jameson
and Williams (1981), who solved a restricted
system of rate equations appropriate for the
study of interstellar carbon and oxygen chem-
istry: molecules are formed by ion-molecule re-
actions (H- for H2), radiative association, and
neutral reactions and are destroyed by ion-
molecule reactions; the ions are produced by
cosmic rays. The initial condition was that all
species were dissociated and ionized; solar
abundances were assumed. Jameson and
Williams showed that this plasma quickly
recombined and that substantial molecular syn-
thesis occurred before freeze-out, depending on
the initial density. Rather different abundances
would have been obtained if the initial condi-
tions had been appropriate for cool stars. On
the other hand, such plasma might result from
chromospheric conditions.
Clegg et al. (1983a) extended the chemical
analysis of Scalo and Slavsky (1980) by includ-
ing the H-H 2 and the C+-C-CO systems, as
well as by incorporating reactions to describe
the oxygen and silicon compounds expected for
O-rich envelopes. They used the density pro-
file for an expanding wind and carried out
steady-state calculations for a particular tem-
perature profile: T = 1000 K for r in the range
2 to 5 R,, and decreasing as 1/r for r in the
range 5 to 30 R, (the calculation is cut off at
this point); dust formation is ignored. Solar
abundances are used, and although the results
are intended to apply to a variety of O-rich en-
velopes, ct Ori is used as an example with R.
= 7 x 1013cm,._/= 2 x 10 -6M® yr -l,and
v = 1 km s-1. Most important, Clegg et al.
calculate the rates for photoionization and pho-
todissociation by the chromospheric UV radia-
tion field of ot Ori for H-, the heavy elements
Mg, S, Na, and Ca, and oxygen- and silicon-
bearing molecules. The rates are typically 106
larger than those familiar from the interstellar
medium, and these large values are confirmed
by independent calculations by Bernat (1976)
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and ourselves. Such strong photodestruction
greatly inhibits molecule formation, although
it still occurs at a reduced level. Of course, stars
without strong chromospheres will have shells
which are more conducive to the formation of
molecules. In the presence of a strong radia-
tion field, the temperature profile adopted by
Clegg et al. is inappropriate (i.e., chromo-
spheric temperatures are considerably larger
than 1000 K). Finally, Clegg et al. find that the
use of steady abundances is justified in many
cases, but an important exception is the H-H 2
system.
One of the most important questions relat-
ing to the silicon chemistry is the rather low
abundance of SiO deduced from nonmaser mi-
crowave emission, as discussed in the section
Heavy Molecules. Scalo and Slavsky (1980) sug-
gested that destruction by chromospheric UV
radiation might be an alternative to the more
obvious explanation that the silicon is mainly
condensed into dust. They assumed that silicon
entered the CS shell of a Ori in the form of
atoms, and then showed that relatively little SiO
was formed by reactions with OH (produced
by photodissociation of H20). The work of
Clegg et al. (1983a) supports this, and they cal-
culate correctly that the appropriate form for
most of the gaseous silicon is Si +. Practically
nothing is known about the photodissociation
of SiO, and Clegg et al. estimate that the rate
is the same as that of CO (which is not well un-
derstood either). The conclusion that stars with
chromospheres have low SiO abundances is
fairly independent of this rate; moreover, it
could be tested by observations to detect chro-
mospheric activity.
No solutions are available for systems of
chemical reactions appropriate to C-rich stars.
It is generally accepted, on the basis of compar-
ing the chemical and dynamical time scales
(Equations (6-4) and (6-6)), that fast reactions
with small activation energies can operate far
out in the shells. Certainly radicals, which are
either emitted by the star or produced by photo-
dissociation, will participate in such chemical
activity--and this holds for O-rich and C-rich
shells. A general survey of chemical processes
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in C-rich stars has been given by Lafont et al.
(1982). They pointed out that chemical reac-
tions with radicals R of the type:
R + C2nH2 -- RC2nH + H , (6-9)
which have recently been discussed in the con-
text of Titan's atmosphere (Allen et al., 1980),
may also be relevant for CS chemistry. The
measured rate constant in the case of R =
C2H and n = 1 (acetylene) is large (k = 3 ×
10-11 cm 3 s-l), and the activation energy is
probably small. Reactions of this type provide
the means for synthesizing acetylene and cyano-
acetylene chains. For example, the following re-
actions could produce HC3N:
C2H + HCN -- HC3N +H ,
CN + C2H 2 -- HC3N + H .
Although we are not aware of any measurement
of the first reaction, the rate for the reaction
of CN with acetylene into all possible channels
has been measured to be 5 x 10 -11 cm 3 s-l
(Schacke et al., 1977); branching to C3N is
likely.
We have also analyzed some of the reactions
that might be operative in C-rich CS envelopes.
The ion C2H 2, produced by photoionization
of acetylene, may be an important progenitor
of ion-molecule hydrocarbon reactions which
lead to chain molecules. Two examples of reac-
tions in which the measured rate constants are
large are:
C2H2 + C2H 2 -- C4H_ + H 2 ,
k = 5 × 10-1° cm 3 S-1 ,
C2H 2 + HCN -- H2C3N+ + H ,
k = 1.2 × 10 -l°cm 3s -1
These reactions lead to C4H and HC3N by dis-
sociative recombination of the ions with elec-
trons. Thus, there are promising leads to inves-
tigate, but their analysis may not be simple.
Firstof all,importantgapsexistinourinfor-
mationonratesforchemicalreactions.Second,
manyspeciesmustbe consideredsimulta-
neously,andthereactionetworkmustinclude
agoodtheoryof the ionizationof theshell.
Finally,thechemistrymustbeformulatedin
termsof differentialequationsinorderto fol-
low the intrinsic time dependenceof the
chemistry.
Untilnow,wehavefocusedonreactionsin
thegasphase.Evenin regionsinwhichthefor-
mationof dusthasessentiallyceased,thedust
couldbechemicallyactive.Furthermore,there
maybenosharpdemarcationbetweenregions
with andwithoutdust formation.In grain
chemistry,theshortesttimescaleisthatforcol-
lisionsofatomsandmoleculeswithdustparti-
cles,usingthe geometricrosssection.We
makearoughestimateusingthepropertiesof
interstellardustasdeterminedfromextinction
studiesandmeasuringraincrosssectionsin
unitsof 10-21cm2(thecolumndensity2 x
1021cm-2for onemagnitudeof visibleextinc-
tioncorrespondsto a crosssectionof 0.5 x
10-21cm2):
2 (UI_I_ _r_21) , (6-10)
_gr -----3.3 X 107 rl5 5
where Uis the ratio of the gas expansion veloc-
ity to the gas/grain relative (or drift) velocity.
For sufficiently large mass-loss rate, grain area,
and relative velocity, this time scale can be
smaller than the dynamical time scale in the in-
ner part of a CS dust shell. On the other hand,
Equation (6-10) indicates that any grain chemis-
try will freeze out in the outer envelope. (This
discussion completely omits the difficult ques-
tions of the probabilities for sticking and subse-
quent chemical activity, whose consideration
would certainly lead to time scales longer than
those given by Equation (6-10).)
The collision of the gas and dust can lead
to both the formation and the destruction of
molecules and to the incorporation of gaseous
species into the dust particles. Little is known
about these processes in general, but it is almost
certain that they are specific to the dust surface
and incident species. Lafont et al. (1982) believe
that the most likely grain reaction is the pro-
duction of CH 4 and C2H 4 following the stick-
ing of H atoms. They also suggest that radicals
such as CN and C2H are almost certain to
react on striking a dust grain. A large fraction
of these particular radicals may be produced,
however, by photodissociation farther out in
the shell where the probability for hitting a
grain is negligible.
Glassgold and Huggins (1983) discussed the
possibility that the warm grains in the inner en-
velope catalyze the formation of H 2 following
H chemisorption, whereas Lafont et al. (1982)
consider it very unlikely that any strongly
bound molecule can be synthesized on CS
grains. In view of our ignorance about almost
all physical and chemical properties of CS
grains, the question of catalysis in the inner part
of the envelope (but after the dust has already
been formed) must be left open.
We conclude this discussion of chemical re-
actions with some remarks on shocks. Shock
phenomena are common in the interstellar me-
dium because there are many ways to generate
supersonic velocities (e.g., supernova remnants,
winds from young stellar objects, collisions be-
tween clouds, etc.). The shocks are important
for the transfer of energy and momentum and
for the emissivity and chemical composition of
the interstellar gas. (See the reviews by McKee
and Hollenbach, 1980; and Hollenbach, 1982.)
If shocks are present in CS shells, they may play
important analogous roles in affecting the phys-
ical properties of these envelopes.
Shocks in CS shells have been discussed pri-
marily in the context of the origin of the mass
loss (e.g., Willson, 1976; Willson and Hill,
1979; Wood, 1979). In these calculations, stellar
pulsations drive shocks into the atmosphere,
which leads to mass loss. The observational evi-
dence for shocks in X Cygni obtained by Hinkle
et al. (1982) supports this general picture. How-
ever, there have been no theoretical studies of
the thermal and chemical effects of shocks
propagating through CS envelopes. Judging
from the theory of interstellar shocks, we might
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expectthattheresulting enhancements in den-
sity and temperature would promote both
chemical activity and the excitation of charac-
teristic line radiation--potentially useful for di-
agnostic purposes. Very likely the ratio of rad-
icals to parent molecules would be enhanced.
The detailed predictions should depend on the
velocity of the shock and on the density of the
ambient shell (i.e., on mass-loss rate). Calcula-
tions of shocks in CS shells should prove to be
quite illuminating.
Photochemistry
Photodestruction is important because it sig-
nificantly affects the chemical composition of
the CS wind. The radiation may be either exter-
nal (e.g., the interstellar radiation field) or from
the star itself. Most of this section will deal with
the first situation; some effects of chromo-
spheric radiation have already been mentioned
in the foregoing section, Studies of Chemical
Reactions.
The photodestruction process for a species
in an expanding wind can be characterized by
two parameters, the mean distance it travels (ig-
noring absorption) before being destroyed by
radiation, VTph, and the absorption length, d.
The simplest case is the ambient interstellar ra-
diation field, where r h = 1/GIs" Because Gtsp
ranges from 10-11 to 10 -9 s-1, molecules which
are easily destroyed by radiation would survive
only to 1015 cm in an unshielded shell, whereas
molecules which are difficult to destroy would
survive out to -1017 cm. The radial depen-
dence of the abundance is exp(-rG is/ V), but
when shielding is present, the molecules survive
longer and the radial dependence for thick
shells becomes exp(-d/r). The shielding
distance, d, depends on the molecule in ques-
tion because the cross sections for dissociation
and absorption are sensitive functions of
wavelength.
These qualitative considerations have been
investigated by solving rate equations appropri-
ate for an expanding envelope. For a species,
X, with abundance relative to the total density
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of hydrogen x = n(X)/n, the equation in a co-
moving frame is:
a
x = -G (r(t))x + P(r(t)) , (6-11)
at
where r(t) locates a fluid element at time t (i.e.,
1'(0 = v(r(t)) where v(r) is the specified velocity
profile), and G and P are destruction and pro-
duction rates. The simplest example is the solu-
tion for the case P = 0 and destruction by in-
terstellar radiation is shielded exponentially.
That is,
G(r) = J(r)G_s , (6-12)
J(r) = exp(-d/r) . (6-13)
The exact solution (Huggins and Glassgold,
1982a) for constant v = V is:
x(r) = xo [exp -(rG1s/V) E 2 (d/r)] , (6-14)
where E 2 is a standard exponential integral. It
has also been possible to obtain an exact
solution for a "photodissociation chain," at
which the products of photodissociation are
themselves destroyed by radiation (e.g., C2H 2
-- C2H -- C 2 -- C -- C+); Figure 6-3 shows
this chain as calculated for IRC + 10216. The
solution (Equation (6-14)) was obtained inde-
pendently by Jura and Morris (1981), using a
different technique.
From the above discussion, we see that the
radial distributions of progenitor and fragment
species are determined by the "free" photodis-
sociation rates for a given radiation field, such
as the mean interstellar field, and by the opti-
cal properties of CS material at wavelengths at
which the CS species are destroyed by radia-
tion. It is therefore important to discuss how
well these quantities are known before apply-
ing the photochemical model to observations
of CS shells.
Reasonably good information is available
on the photodissociation cross sections for the
most stable molecules injected into CS enve-
lopes (e.g., H20, C2H 2, HCN, and CH4); two
notable exceptions are CO and SiO. Improved
far-UV absorption cross sections have recently
become available for CO through the use of
synchrotron radiation sources, and it seems
likely that, with new instrumentation, better in-
formation on the photodissociation process will
become available in the next few years. Of
course, much less is known about radicals, but
here the level of theoretical effort has been in-
creasing. It should be noted that great accuracy
is not required in considerations of CS photo-
chemistry, especially for the products of molec-
ular breakup. Certainly, at this stage we have
the essential information, which is the relative
values of the important rates. Thus, our posi-
tion is that the unshielded rates can be consid-
ered as known relative to other uncertainties in
the problem.
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Figure 6.3. The C2H 2 photodestruction chatn
calculated for envelope parameters typical of
IRC + 10216 (Huggins and Glassgold, 1982a).
The situation with regard to the optical
properties of CS material is just the opposite.
Here, dust grains play an important role, and
we know essentially nothing about the far-UV
extinction and albedo of CS dust. For certain
species (e.g., CO, C, and S), the wavelength re-
gion below 1100/_ is critical. We conclude that
determining the optical properties of the CS
dust becomes one of the objectives of studying
the spatial distribution of the molecules. In or-
der to progress, we must begin with some model
for the dust, and our initial choice has been to
assume that the CS dust has the same optical
properties as interstellar dust. The status of this
first-order assumption will be discussed be-
low in the context of IRC + 10216 (see also
Lef_vre, this volume, and Sopka et al., 1985).
The far-UV radiation is absorbed in the en-
velope by atoms and molecules with large ab-
sorption cross sections and abundances (i.e.,
H 2, C, CO (and H20 for O-rich shells)), as
well as by dust. Although a detailed discussion
of these shielding problems would be inappro-
priate here, they do have a quantitative effect
on molecular distributions, as will be discussed
below for the case of CO.
When the optical properties and spatial dis-
tribution of all the absorbers have been
specified, the attenuation factor in Equation
(6-12) must be calculated by solving the equa-
tion of transfer. At this stage, it is appropriate
to use approximate solutions (e.g., the closed
forms given by Gerola and Glassgold, 1978).
If dust attenuation dominates, this approxima-
tion reduces to the simple exponential form,
Equation (6-13), for thick shells with the shield-
ing length given by
d = C/N_. (6-15)
Here N_ is the column density of hydrogen
which produces unit optical depth (assuming
the same dust-to-gas ratio as the interstellar
medium), and C is the parameter which
specified the density in Equation (6-2). This
length depends on species; for CO, d = 6 x
1016 cm i_l_JV 6.
The case of CO deserves special mention.
First, recall that dust can provide substantial
shielding of CO. Using Equations (6-13) and
(6-15), we can express the attenuation factor as:
J(r) = exp [-N_/N(r)] , (6-16)
where the outside column density, N(r) = C/r,
is measured from infinity to position r; in this
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case,N h = 5 × 1020 cm -2. There are two
kinds of self-shielding to consider, depending
on whether CO photodissociation proceeds by
way of line absorption followed by breakup or
whether it is directly dissociated with a
smoothly varying cross section. Until recently,
continuum dissociation was believed to domi-
nate, in which case Equation (6-16) would still
apply, but Nsh would be replaced by a con-
stant times N(CO), the column density of CO.
This has the effect of steepening the rise in the
CO abundance going into the envelope, because
x(CO) is proportional to 1/J. We also see that
self-shielding introduces a nonlinearity into the
calculation of the abundance of CO. If CO
photodissociation is basically a line process,
which seems likely (Glassgold et al., 1985), then
the CO abundance curve is changed for the
cross section, assumes larger values than in the
continuum case, and the radiation transport is
modified. Figure 6-4 (from Morris and Jura,
1983a) shows how the different kinds of shield-
ing operate on the CO density profile for IRC
+ 10216. Curves C and Nrefer to no dissocia-
tion (constant abundance) and no shielding, re-
spectively; the intermediate cases are D for dust
only and n = 2, 5, and 10 lines producing self-
shielding. Morris and Jura suggested that the
large spatial extent of CO in IRC + 10216
might be explained by line self-shielding.
In the recent calculations with the photo-
chemical model, recombination of ions has
been included, as well as photoprocesses. For
example, C + is the eventual dominant form of
carbon toward the outside of the shell, just as
in the interstellar medium. In order to obtain
a quantitatively correct treatment of the tran-
sition from C to C + and to obtain the proper
asymptotic C/C + ratio, recombination must
be included. The other situation in which re-
combination is important is that in which mo-
lecular ions are produced by photoionization
(i.e., both C2H2+ and C2H are obtained when
UV photons are absorbed by acetylene). In such
cases, dissociative recombination into various
radicals occurs rapidly, and it is sufficient to
reexpress this sequence in terms of renormalized
photo rates (Huggins and Glassgold, 1982a).
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Figure 6-4. The effect of shielding on the CO
density in the envelope of IRC + 10216 (Mor-
ris and Jura, 1983a). Curves C and N refer to
no dissociation (constant abundance) and no
shielding, respectively; the intermediate cases
are D for dust only and n = 2,5,10 lines pro-
ducing self-shielding.
The photodestruction of molecular hydro-
gen in CS envelopes has been discussed by
Zuckerman et al. (1980) and Morris and Jura
(1983a), as well as by Glassgold and Huggins
(1983), whose treatment we follow here. As dis-
cussed in the sections Thermal Equilibrium
Models and Studies of Chemical Reactions, the
chemical evolution of the H/H E ratio can be
traced from the photosphere to the outer enve-
lope. If there is no warm grain formation of
H E in the inner envelope, this ratio is deter-
mined by freeze-out in the upper atmosphere
of the star. Present stellar atmospheres suggest
that, for stars with T, > 2500 K, the frozen
outflowing hydrogen will be mainly atomic. For
cooler stars, the question then becomes how
much of the atomic H in the outer envelope is
due to the low level initially frozen out and how
much arises from that photodissociation. A
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small amount of H is also produced by the pho-
todestruction of the most abundant hydrocar-
bons in C-rich envelopes (Lafont et al., 1982)
and from H20 for O-rich shells.
The radial distribution of H has been de-
rived from a time-dependent theory of H 2
photodissociation (by way of the Lyman band
lines) appropriate for an expanding shell with
dust. In the interior of the shell, the solution
is similiar to that given for heavy molecules in
Equation (6-14). That is,
f(r) = f(R o)
(6-17)
exp (-a[E3/2(d/r) - E3/2 (d/R)]) ,
where a = (d GIs(H2)IV) [dM/C] 1/2 and M =
6.7 x 1011 cm -2. For r >> d, the exponential
in Equation (6-16) varies as r 3/2. At the edge
of the shell, there is a very sharp transition to
complete dissociation. The spatial distribution
of atomic H is illustrated in Figure 6-5, for
which the initial value was assumed to be zero.
We complete this discussion of CS photo-
chemistry with some examples. We first con-
sider the heavy molecules in the C-rich enve-
lope, IRC + 10216. We begin with the idea that
IRC + 10216 has no strong internal source of
UV radiation, or if it does, it is well shielded
from the bulk of the envelope. We use observa-
tions to specify the most abundant species en-
tering the outer envelope and consider how they
are altered by photoprocesses initiated by UV
radiation penetrating from the outside. The re-
maining species will be similarly modified, but
other chemical processes will also be important
in these cases.
We consider those radicals (e.g., CN and
C2H ) whose observed abundances are not
reduced much from their likely progenitors
(HCN and C2H2, respectively). Because both
progenitors are observed to be abundant in the
inner envelope (from IR absorption measure-
ments), it is natural to investigate whether the
radicals can be the result of photoproduction.
This question can be pursued in some detail for
the HCN-CN system because both species have
been well observed in IRC + 10216. For C2H 2
and C2H, the data are less extensive, and addi-
tional processes (e.g. reactions involving
C2H2+ as mentioned in the section Studies of
Chemical Reactions) may be operative.
The photochemical model has been applied
to IRC + 10216 by a number of authors, in-
cluding Wootten et al. (1982) and Jura (1983a)
in the context of the HCN-CN problem and by
Huggins et al. (1984b) for both the CN and
C2H problems. Figure 6-6 shows the CN N =
1-0 and N = 2-1 line shapes for the Kitt Peak
(66'9 and Owens Valley (30'9 beams, as cal-
culated by the last authors. The symbol C in-
dicates calculations for the best fit to the 1-0
peak line intensity observed with the Kitt Peak
beam, using a constant abundance of 1.3(-6).
Curves with S are based on the photochemical
model and thus have variable HCN and CN
abundances; S stands for standard (interstellar)
dust, whereas S/3 and SX3 stand for dust
which gives three times less and three times
more extinction. Equally acceptable fits to the
1-0 data can be obtained with both the constant
and photoproduction models, but the constant
abundance model fails to fit the roughly flat-
topped 2 K line observed at Owens Valley. The
70" map size observed at Owens Valley cannot
be explained by a constant abundance, but a
variable abundance model with an opacity 1 to
3 times standard agrees with all of the
measurements.
A similar conclusion about the dust in IRC
+ 10216 was reached by Jura (1983a) by apply-
ing the photochemical model to the spatial
distribution of HCN as measured by Olofsson
et al. (1982a) and Welch et al. (1981). Thus, the
observed properties of the HCN-CN system in
IRC + 10216 are consistent with the photo-
chemical model. The more limited information
on CEH can be reproduced by either a constant
or variable abundance model. The above dis-
cussion suggests that important information
can be obtained about CS dust by detailed fit-
ting with the photochemical model. High-reso-
lution studies of CS shells are also seen to be
required to provide useful comparisons.
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Figure 6-5. The amount of atomic hydrogen produced by the photodis-
sociation of molecular hydrogen from the calculations of Glassgold and
Huggins (1983). Three different stages of the evolution of an envelope
are shown: t = 600, 1800, and 6000 yr or outer radii R m = 0.3, 1.0,
and 3.0 × 1017 cm. The parmeters have been chosen to correspond to
IRC + 10216. The H ! abundance at each stage consists of the heavy
solid curve for r < R m plus the vertical line at r = R m. The insert shows
that the transition to x(H I) = 1 at R m is no_.._tdiscontinuous.
We conclude this discussion of IRC +
10216 with some brief remarks on atomic and
molecular hydrogen. Molecular hydrogen has
been detected by IR absorption in several very
cool stars, but not in IRC + 10216. The obser-
vations are consistent with the conclusions of
the discussion in the section Thermal Equi-
librium Models, based on the variation of the
H/H 2 ratio in the upper atmospheres of cool
stars. A more definitive conclusion requires the
calculation of the absorption-line profiles, and
not just the abundances. Johnson et al. (1983)
have suggested that H 2 has not been observed
in some stars with effective temperatures some-
what above 2500 K because they may have
chromospheres.
The fact that the 21-cm line has not yet been
detected in CS shells is probably consistent with
currently available sensitivity. In IRC + 10216,
the upper limit in the column density of 6 x
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Figure 6-6. Photochemical model on-source line profiles for: (a) N = 1-0 and (b) N = 2-1 transitions
for the CN radical (Huggins et ai., 1984b) adapted to the Kitt Peak National Radio Astronomy Obser-
vatory and Owens Valley Radio Observatory beams, respectively. Curves C are for a constant abun-
dance 1.3 x 10 -6 S for a "standard" set of model parameters, and S/3 and SX3 for dust shielding
three times less and three times more effective than standard. The observations are fit best by a variable
abundance model similar to the SX3 curves.
10 TM cm -2 determined by Zuckerman et al.
(1980) corresponds to an upper limit to the
H I mass of 1.1 x 1031 g, using a distance of
290 pc. Table 6-2 gives the H I contributions
expected from the different regions of the star
and its CS shell (Glassgold and Huggins, 1983).
The total amount of H I produced by photodis-
sociation is 4 × 1029 g, well below the current
observed upper limit. On the other hand, the
small fractional abundance of atomic H inject-
ed into the envelope after freeze-out gives
roughly 1 x 1031 g, about the observational
limit. Of course, the theoretical estimate is un-
certain because of the limitations in stellar
atmosphere calculations, but new higher sensi-
tivity searches for H I in IRC + 10216 are
called for.
Much less is known about molecular abun-
dances in O-rich stars. As discussed in the sec-
tion Observations, the CO measurements have
been used to determine mass-loss rates for O-
rich and C-rich stars on the assumption of solar
abundances. We have already discussed the sig-
nificance of the low SiO abundances in the sec-
tion Studies of Chemical Reactions (i.e., most
of the silicon is probably incorporated into
grains). As for detailed studies of the spatial
distribution of molecules in O-rich shells, the
main body of information consists of interfer-
ometer studies of the OH masing regions.
Unfortunately, the OH maser maps are not
directly interpretable into abundance informa-
tion because of the complexities of the maser
emission mechanism. However, the maser mod-
els require a substantial OH abundance in the
emitting regions. To account for this, Goldreich
and Scoville (1976) have proposed that the OH
is produced from the photodestruction of
H20 , and further studies of this model have
been made by Deguchi (1982) and Huggins and
Glassgold (1982b). Because the size of the H20
distribution is determined by the amount of
shielding and the photoproduced OH is distrib-
uted in a shell about the HE0, the photo
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Table 6-2
Sources of Atomic Hydrogen in IRC + 10216
Photosphere 2.1 (29) g
Injected into envelope - 1 (31)
H 2 photodissociation in shell 1.5 (29)
interior
H2 photodissociation at shell 1.9 (29)
surface
Photodissociation of hydrocarbons - 2 (28)
Total from photodissociation 4 (29)
Upper limit of Zuckerman et al. 1.1 (31)
(1980)
model predicts a specific correlation between
the size of the OH shell and mass-loss rate. The
observed maser map sizes correlate with mass-
loss rate, as was noticed first by Bowers et al.
(1981), and to that extent are supportive of the
models. Deguchi has argued that destruction of
H20 molecules in collisions with grains, a
possible alternative source of OH production,
is probably unimportant.
Morris and Jura (1983b) have developed an
interesting variation in the photochemical
model for the unusual OH/IR supergiant,
NML Cygnus. They explain the observed axi-
ally symmetric radio continuum emission (Hab-
ing et al., 1982) in terms of the ionizing radia-
tion from the nearby Cyg OB association. Jura
(1983b) has also considered dust and self-
shielding of anisotropic molecular outflows.
The case of et Ori holds particular interest
because of the large and diverse body of data
which exists on its circumstellar envelope. A co-
herent theoretical treatment of the observations
does not exist, however, and we focus on a few
issues relating to the photochemistry of its outer
envelope.
As discussed in the section Observations,
CO is the only molecule detected in this CS en-
velope. Its IR absorption occurs at two veloci-
ties, 10 and 16 km s-l; the weak 1.3 mm (J =
2-1) emission is at the higher velocity and seems
to be confined to within 10" (i.e., 3 x 1016 cm
if the distance is taken to be 200 pc). On the
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other hand, scattered K I resonance radiation
and polarized light are observed much farther
out, 60" and 90", respectively. The dust shell,
which appears to begin at about 10 R., or 8 x
1014 cm, appears to be rather thin, producing
a weak silicate feature and no more than a few
tenths of a magnitude of visual extinction.
Among the various atomic lines observed in this
star, the radial profile of scattered K I radia-
tion (see the section Heavy Atoms) appears to
have significant potential for understanding the
outer shell.
Jura and Morris (1981) made the first seri-
ous attempt to utilize the information in the CO
emission-line profile and the distribution of the
scattered K I line radiation. They solved time-
dependent rate equations for these two species,
which they linked in an interesting way. In their
theory, the abundance of K I is determined by
photoionization by interstellar UV radiation
and by radiative recombination. The electrons
are assumed to come primarily from the photo-
ionization of C, with the fractional contribu-
tion from other heavy elements restricted to be
1 × 10 -6. The photochemical model enters in
that the C comes from the photodissociation
of CO. Jura and Morris determined the mass-
loss rate of ot Ori to be 1.5 x 10 -SM o yr -1
from the K I distribution and the assumption
that the abundance of potassium is solar. From
the CO emission, they determined the abun-
dance of carbon to be 1.25 × 10-5, assuming
that all the carbon is in CO.
This attractive theory may serve as the first
step in a more general approach to understand-
ing the tx Ori shell. The effects of the chrom-
ospheric radiation will have to be included be-
cause, in many cases, photo rates calculated at
the photosphere are -10 6 larger than those
for the interstellar radiation field. The chemical
reactions investigated by Clegg et al. (1983a) are
also relevant, and time-dependent calculations
are required in some cases. Consideration
should also be given to the atomic column den-
sities (e.g., as measured by Hagen, 1978; and
Bernat, 1977), which provide important infor-
mation on the ionization and gaseous
abundances.
CONCLUSIONS
The foregoing discussion shows that the
study of the outer envelopes of cool evolved
stars has become an active area of research.
Observations at many wavelength bands are rel-
evant-from the ultraviolet to the radio, al-
though infrared and millimeter-wave techniques
are especially useful. Future investigations with
new high-resolution methods (both spatial and
spectral) should be particularly significant for
understanding these small, but now resolvable,
structures. Although relatively little theoretical
research has been done thus far, a number of
interesting initiatives have been made.
Extensive observations of specific objects
should be particularly useful for the develop-
ment of theoretical models, as exemplified by
the case of IRC + 10216. In the future, it will
be important to obtain equally detailed infor-
mation for other C-rich stars and for O-rich
stars as well: IRC + 10216 has attracted most
of the theoretical attention thus far, but per-
haps it is not as typical as usually believed.
Recent theoretical considerations show that
the thermal equilibrium model is of limited use
for understanding the chemistry of the outer CS
envelopes. Indeed, their small sizes and mod-
erate expansion velocities indicate that time-
dependent considerations dominate this sub-
ject. At the present time, we only have the
results of time-dependent chemical studies for
situations in which photodestruction of atoms
and molecules dominate particle reactions. One
clear result of the photochemical models is that
molecules cannot survive very long after they
reach the outer edges of isolated CS envelopes,
even if they are quite thick. In other words, in-
terstellar molecules must be produced locally
within clouds because CS molecules will be de-
stroyed within envelopes embedded in an ultra-
violet radiation field. This is in contrast to dust
grains, which are able to survive passage
through CS envelopes. The possibility also ex-
ists that sufficiently detailed measurements of
gas-phase species in circumstellar envelopes
could provide some insights into the formation
of the CS dust. Finally, the theoretical model-
ing of the chemistry of CS envelopes provides
quantitative tests of chemical concepts which
have a broader interest than the envelopes
themselves. In certain cases, the observations
confirm the density and velocity profiles char-
acteristic of a constant and spherically sym-
metric mass loss, so that the physical and chem-
ical problems can be investigated with known
flow conditions. Such situations rarely occur
in the study of interstellar chemistry, so that,
in a sense, CS envelopes provide a better con-
trolled chemical laboratory than interstellar
clouds.
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NOTE ADDED IN PROOF
Since the review was completed in 1984,
there have been a number of new observations
and theoretical investigations of circumstellar
chemistry. We mention briefly here some of the
main results.
In IRC + 10216, a second ring molecule
Call 2 has been added to the list of detected
species (Matthews and Irvine, 1985; Thaddeus
et al., 1986); a new free radical has also been
found (Guelin et al., 1986), but the exact car-
rier of the lines has not been identified. Obser-
vations of CRL 2688 with the new 30-m IRAM
telescope (Lucas et al., 1986) have shown that
lines previously seen only in IRC + 10216 can
now be detected in other CSEs so that the
detailed intercomparison of the chemistry of
different objects is now a real possibility. One
main theoretical development of carbon-rich
envelopes has been the exploration of the role
of atomic and molecular ions by Nejad et al.
(1984) and Glassgold et al. (1986). The latter
have developed a model for the distribution of
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molecular ions in IRC + 10216 which is con-
sistent with new limits on the abundance of
HCO + reported by Lucas et al. (1986). Jura
and Morris (1985) have investigated the conden-
sation of molecules onto the dust in the
outflowing winds.
In oxygen-rich stars, both SO 2 (Lucas et
al., 1986) and HCN have been detected
(Deguchi and Goldsmith, 1986), so for these
objects, the number of observed species is
beginning to approach a level where quan-
titative comparison with theory becomes in-
teresting. In the CSE of ct Ori, CO in the CSE
(Huggins, 1985) and C/H in the photosphere
(Lambert et al., 1984) have been reevaluated:
C appears to normal in the photosphere, and
CO is probably underassociated in the
envelope. The role of chromospheric radiation
has been discussed by Glassgold and Huggins
(1986), and their model gives a satisfactory ac-
count of the available KI scattering data.
It seems clear from these latest developments
that rapid progress can be expected in many
areas of circumstellar chemistry in the next few
years.
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THERMAL ATMOSPHERIC MODELS
Hollis R. Johnson
INTRODUCTION
Makers of atmospheric models could well
be intimidated by the wide variety and unusu-
al character of the red-giant stars as revealed
by the observations already described, which
quite commonly include such features as emis-
sion lines, thermal emission from dust shells,
maser emission, mass outflow (and inflow), po-
larization, variability, and rapid evolution.
These phenomena present tough questions. To
what extent are the atmospheres of M, S, and
C stars to be understood simply as cooler ex-
amples of ordinary warmer stars? Are inhomo-
geneous atmospheres common among red gi-
ants and supergiants? Will discrepancies due to
our present inadequate treatments of convec-
tion conceal other theoretical deficiencies? Are
chromospheres permanent or transient? By
what mechanisms are they produced? Where
and how does grain formation and growth oc-
cur? What mechanisms are responsible for mass
loss, and what are the consequences? With ex-
tended atmospheres and temperature inver-
sions, aren't departures from local thermody-
namic equilibrium (LTE) likely? Can one neatly
separate atmospheres into photospheres, chro-
mospheres, and circumstellar shells? The ques-
tions go on and on.
In spite of the uncertainties raised by these
questions, atmospheric model makers have his-
torically treated all these more exotic phe-
nomena as secondary and have concentrated
first on modeling photospheres. A photospheric
model is not only a desirable first step, but it
has a rather logical priority since all other struc-
tures, processes, and phenomena depend on it.
In this chapter, we describe the static thermal
atmosphere and compare it S predictions to ob-
servations both to test the validity of the classic
assumptions and to distinguish and describe
those spectral features with diagnostic value.
By thermal atmosphere, we mean an atmo-
sphere based on hydrostatic equilibrium, radia-
tive equilibrium, and LTE. Nonthermal atmo-
spheric models, including nonradiative heating
and departures from LTE, are treated in a suc-
ceeding chapter (de la Reza, this volume), and
more exotic phenomena are described in other
chapters.
Several useful reviews of the challenges of
computing atmospheres for red-giant stars and
using these to interpret observations have al-
ready been given. Vardya (1970) gave a broad-
brush treatment of the topic from information
then available, and Johnson (1972) analyzed the
few theoretical models computed to that time.
Although advances in modeling atmospheres of
red-giant stars have come slowly, it is hearten-
ing to note the obvious progress from these
early reviews to the present. Remarkably, even
the recent excellent general works on stellar at-
mospheres (for example, Gray, 1976; Mihalas,
1978; Baschek and Scholz, 1982) contain few
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applications to red-giant stars. More valuable
are recent specialized reviews. Carbon (1979)
gives a detailed genera 1 review of problems and
techniques of computa'fion of atmospheres of
intermediate and late-type stars from the point
of view of the model maker; Gustafsson (1981)
writes a topical review of late-type stars from
the point of view of the observer; and Johnson
(1985) discusses the current availability of mod-
els for peculiar red-giant stars. Carbon (1984)
examines both the opacity-distribution function
and the opacity-sampling treatments of line
opacities, the latter by means of a Monte Carlo
technique.
PHYSICAL PRINCIPLES
For modeling red-giant atmospheres, work-
ers have adopted the same principles and tech-
niques used in modeling hotter main-sequence
stars, for which these principles were perhaps
more appropriate. The most obvious exception
is in the treatment of line opacity, for which
the relatively few lines in hot stars can be
treated individually but the millions of lines in
cooler stars must be treated collectively. The
basic physical principles are hydrostatic
equilibrium, radiative equilibrium, and local
thermodynamic equilibrium (LTE). The solu-
tion of these equations in a plane-parallel
horizontally homogeneous geometry constitutes
the problem of the classic stellar atmosphere.
Hydrostatic equilibrium in a plane-parallel
geometry is:
dp= -godz , (7-1)
where the total pressurep = p(gas) + p(radia-
tion) + p(turbulence), and the surface gravity
g = GM/r 2 is held constant. Turbulent pres-
sure is often neglected.
The constancy of the total energy flux is:
F = o" T 4 (7-2)
eff '
where F is the energy flux (erg cm -2 s -l) and
Trr is the effective temperature, defined by
Equation (7-2). Strict radiative equilibrium ira-
324
plies I F du = F(rad) = F, whereas convec-
tive energy transport is included through F(rad)
+ F(conv) = F. When included, convection
has usually been treated by the usual local mix-
ing length (LML) theory without overshoot
(B6hm-Vitense, 1958; Henyey et al., 1965; Mi-
halas, 1978; Lester et al., 1982).
As generally used, LTE includes two key as-
sumptions: (1) concentrations of molecules,
atoms, and ions are given by the relevant equa-
tions of equilibrium statistical mechanics with
the single parameter of electron temperature;
and (2) the source function for all bound-bound
transitions and for all continuous transitions ex-
cept for pure scattering is the blackbody radia-
tion (Planck) function, B(_, T). Nothing in the
modern treatments of bound-bound opacity
(opacity distribution functions, opacity samp-
ling (OS), or Voigt-analog/Elsassar-band
model; see following section) requires this
assumption on the line source function; they are
all flexible enough to accommodate a simple
mixture of pure absorption and pure scatter-
ing. (The OS has, however, a clear advantage.)
The LTE assumption is made for simplicity and
to test this hypothesis in the face of departures
anticipated because of the observed departures
of the emitted energy flux of cool stars from
that of a blackbody and the low gas densities
(hence collision rates) in the outer atmosphere.
We attempt to display the present situation
and foreseeable developments in Figure 7-1.
Principles of the classic stellar atmosphere are
shown at the left. Developments or improve-
ments currently available or on the horizon are
shown in solid boxes; developments still in the
future are shown in dotted boxes. Except for
the addition of convective energy transport and
the extension to spherical geometry, both of
which are, in some form, already in use, gen-
eralizations of these classic principles may be
slow in appearing. Recall that we are speaking
here of stellar photospheres. Some of the im-
provements labeled "future" are regularly ap-
plied in studies of circumstellar (CS) envelopes
and mass loss; current progress in these areas
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Figure 7-1. Overview of the physical principles
underlying current theoretical research on clas-
sic thermal atmospheres of red-giant stars.
Present physical principles and generalizations
are enclosed with solid lines, and possible future
generalizations are enclosed with dotted lines.
can be gaged from other chapters in this vol-
ume. The rate of future progress can be guessed
at by the reader as it has been guessed at by
others (Johnson, 1985). With the arrival of in-
formation in the ultraviolet, infrared, and
radio regions and with the prospects for em-
ploying supercomputers to model the entire at-
mosphere, including mass flow, on the horizon,
we appear to be entering an exciting era.
OPACITIES
Continuous Opacities
Many of the opacities for cool stars are
similar to, or can be extrapolated from, those
at higher temperatures. Throughout most of the
photosphere, H- provides the dominant con-
tinuous opacity over most of the spectrum even
down to stars of Lff = 2500 K and for a
variety of chemical compositions (Johnson,
1982). In the coolest region of the atmosphere,
hydrogen may be associated into H 2, and the
H- opacity will become so small that He- (free-
free) will become a dominant continuous opac-
ity. This may be the case in hydrogen-deficient
atmospheres as well. Bound-free continua of
H I are only of minor importance, and the
bound-free continua of He I are completely
negligible. (These may be of importance, how-
ever, in shocks or in the hot chromospheres of
cool stars.) Absorption due to bound-free con-
tinua of other neutral elements (Si, AI, Na, Mg,
Ca, and Fe) are likewise of minor importance
because their absorption edges lie in the ultra-
violet, where the stellar flux is weak. Except for
H-, the opacity of negative ions (Vardya,
1970) does not appear to be significant. Al-
though Rayleigh scattering from H I, H 2, and
He I--with minor contributions from C I, N
I, O I, and N2--is most significant in the
ultraviolet, its effect extends increasingly long-
ward in wavelength as the temperature de-
creases, and it becomes of major importance
in the upper photosphere. Information on cross
sections for continuous opacity sources is con-
tained in, for example, Carbon and Gingerich
(1969); Kurucz (1970); Tsuji (1971); and Bas-
chek and Scholz (1982); while references may
be found in Gustafsson et al. (1975); Mihalas
(1978); Kurucz (1979); Johnson et al. (1980);
and Dzervitis (1983).
Dust Grains
Wherever condensation occurs in a stellar
atmosphere, dust will almost certainly become
a major opacity because of its very large ab-
sorption coefficient. Many cool stars, especially
cool supergiants and Miras, show evidence of
circumstellar dust (Lef_vre, this volume).
Whether grains commonly form in the outer
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stellarphotosphere is still uncertain, despite
considerable work on this important problem.
Two enormous obstacles to progress in over-
coming this uncertainty are the lack of knowl-
edge of both the physical conditions in the outer
photospheres (this chapter; Zuckerman; 1980;
Goldberg, this volume) and the mechanism of
nucleation (Deguchi, 1980; Draine, 1981;
McCabe, 1982; Alexander et al., 1983; Gail and
Sedlmayr, 1984). Vital to the question of grains
in red-giant atmospheres is the location of the
condensation point, but this is still quite uncer-
tain (c.f. Draine, 1984). For clean silicate grains
in M stars, condensation may occur at a dis-
tance (from the stellar center) of 3 to 4 stellar
radii (Deguchi, 1980) or perhaps closer (Draine,
1981; Alexander et al., 1983). In carbon-rich
atmospheres, condensation of graphite may oc-
cur at 5 stellar radii (from the stellar center),
and SiC may condense even closer (McCabe,
1982), perhaps as close as 1.5 stellar radii (Lucy,
1976; Woodrow and Auman, 1982). Several
minerals condense at about 1500 K (cf. Draine,
1981; McCabe, 1982; Alexander et al., 1983),
and such temperatures might be reached in the
outer photospheres of sufficiently cool stars,
especially if presently unaccounted for spherical
effects (Schmid-Burgk and Scholz, 1981) lower
the temperature even further than predicted by
current models. On the other hand, chromo-
spheric heating may raise the temperatures in
the outer layers. Clearly, the most favorable site
for condensation is the outer atmosphere of a
cool Mira variable star (Deguchi, 1980; Alex-
ander et al., 1983), where grain formation may
be related not only to mass loss but also to
pulsation (Woodrow and Auman, 1982). At
present, there is no compelling evidence for dust
in any cool-star photosphere (see, for example,
Chapters 3 and 7 and the foregoing references).
For this reason, and for the sake of simplicity,
dust is neglected in most model atmospheres.
If future observations demonstrate the existence
of photospheric dust grains, their inclusion will
extend atmospheric modeling into a rather dif-
ferent opacity regime.
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Spectral Line Blanketing
Before plunging into the complexities of the
subject, it is worth reminding ourselves of the
central role of the atomic and molecular data
themselves. Much work lies ahead, particularly
for the molecules, and we salute those who pur-
sue this unglamorous but necessary research.
Several excellent reviews of line blanketing
are available. A description of LTE line blan-
keting in terms of physical mechanisms is given
by Carbon (1979), and a mathematical analysis
is presented by Mihalas (1978). Quantitative
non-LTE analyses are provided by Athay and
Skumanich (1969), Mihalas and Luebke (1971),
and Athay (1972). Much of this development
builds on foundations laid earlier by Chandra-
sekhar (1935), Mfinch (1946), and Pecker
(1951).
From the point of view of the observer, the
most striking feature of a stellar spectrum is the
removal of light by the spectral lines, an effect
referred to as line blocking. Since the line
represents an increase of opacity and the total
flux is required to be constant in radiative equi-
librium, the temperature in deeper layers must
rise to drive the same flux through the increased
opacity, an effect referred to as backwarming.
In addition, the gas in the outer layers may be
heated or, more frequently, cooled. Altogether,
the effects are referred to as line blanketing.
Physical processes near the surface and their
effect on the thermal structure are complex.
Purely coherent scattering lines change the tem-
perature very little because they are weakly
coupled to the thermal reservoir of the atmo-
sphere (Chandrasekhar, 1935; Miinch, 1946;
Mihalas, 1978). Purely absorbing lines generally
act to lower the temperature of the outer layers
if they lie on the redward side of the flux max-
imum (e.g., H20, CN, and CO); purely ab-
sorbing lines lying blueward of the flux peak
(TiO and most atomic lines) tend to raise the
temperature of the layers in which they finally
become thin. These latter effects can be under-
stood as follows (Krupp et al., 1978; Carbon,
1979; Gustafsson, 1981). Absorption of a red
(low-energy) photon by an atom or molecule
andthereemissionof a(higherenergy)photon
characteristicof thelocaltemperaturein the
outerlayersresultsinanetenergyloss(i.e.,a
cooling).Inthesameway,absorptionofaUV
photonandreemissionofa(lowerenergy)pho-
toncharacteristicof thelocaltemperature-
sultsinanetenergygain(i.e.,aheating).This
isasimplifiedpictureof averycomplexpro-
cess,however,andacarefulquantitativede-
scription,includingtheeffectsof departures
from LTE anda properdescriptionof the
mechanismof lineformationmaybenecessary
to understandthephysicsinvolvedinapartic-
ularline(Jefferies,1968;AthayandSkuma-
nich,1969;MihalasandLuebke,1971;Athay,
1972;Mihalas,1978).Althoughlineformation
in thegeneralcase,whereLTEdoesnothold,
properlybelongsin a chapteronnonthermal
phenomena(delaReza,thisvolume),wemen-
tionit herebecauseof itspossibleimportance
in treatinglineblanketing.
In fact, theeffectof a lineon theatmo-
sphericstructuredependsonthelinestrength
relativeto thecontinuum,thevariationof the
linestrengthwithdepth,thewavelengthof the
line,andthemechanismoflineformation.This
lastconsiderationissometimesspecifiedbefore-
hand(e.g.,pureabsorptionorpurescattering),
whichoversimplifiestheactualphysicsof the
problem.Of theseeffects,theblockingand
backwarmingdependprincipallyon theline
strength,whereasthesurfacecoolingdepends
principallyonthemechanismof lineformation,
but alsoon the line strength(Mihalasand
Luebke,1971).Quitegenerally(cf.Athayand
Skumanich,1969;Athay,1972),thecondition
of radiativeequilibriumrequiresdH/dr = O,
where H is the normalized total (integrated)
flux. Although the total flux is conserved, the
continuous flux is now no longer conserved but
is given by:
dH c M-1
d'-'7- = "7"-- ZS_
¢ 0
+ f (J-J) dv = t + e
(7-3)
where M = x/_ Au D (for a Doppler line); A_ D
is the Doppler halfwidth; Z = 1 - J/S_ is the
net radiative bracket; J is the mean intensity
averaged over the absorption coefficient; and
dr dr
C c
ro dr ° dr_(Uo ) (7-4)
Here _ and c refer to line and continuous quan-
tities, respectively, and v designates total (line
plus continuous) quantities. The net radiative
bracket (Thomas, 1960) or escape coefficient
(Athay, 1981), when multiplied by the Einstein
spontaneous emission coefficient, gives the net
downward rate of radiative transitions in a
given spectral line. This equation states that the
presence of a spectral line causes a net exchange
of energy between the line and the continuum--
an exchange which may proceed in either direc-
tion and may depend sensitively on depth. It
is the atmospheric adjustment to the re-
quirements that total flux be conserved which
produces the changes in the thermal structure
referred to as line blanketing.
The c term (Athay, 1972) is proportional to
the equivalent width of the line and is defined
to be positive if the line is in absorption. This
term is then independent of the mechanism of
line formation, at least to the first order. If an
absorption line is present, it provides a sink for
the continuous photons and thus tends to cool
the atmosphere. This is always the case in the
outer layers, and c therefore acts to cool the
outer layers regardless of its position in the
spectrum, strength, or depth of formation. As
one proceeds into the atmosphere, the line may
stay in absorption or may go into emission, de-
pending on the wavelength, the line strength (or
value of r), and the depth dependence of r.
Lines in the blue part of the spectrum--blue-
ward of the flux peak, where J > B--tend to
stay in absorption and therefore cool (provide
a sink for continuum photons) at all depths,
whereas lines redward of the peak, where J
B, tend to go into emission (locally) deep in the
327
atmosphereandthereforeproducetheconsider-
ablebackwarmingobserved.A rapidincrease
in r° deep in the atmosphere increases the ten-
dency of lines to go into emission and therefore
increases the backwarming.
The t term (Athay, 1972), which is propor-
tional to Z, the net radiative bracket, tends to
zero in the layers deep enough that the line is
thermalized. Its principal effect appears near
the surface. Although its value depends on the
strength of the line and has somewhat different
values for lines on the linear, flat, or damping
part of the curve of growth, its value is certainly
positive, so that it cools. For weak lines, c tends
to exceed t and produces the cooling; for
medium and strong lines, t exceeds c, often by
a large amount, and is responsible for the sur-
face cooling. Often, this cooling of outer layers
is accomplished by a few very strong lines such
asNaID, CaIIHandK, CaI4227, Mglb
lines, and Mg II h and k lines; in other cases,
the more numerous medium strong lines pro-
vide most of the cooling except in the extreme
outer atmosphere.
What of the lines which warm the surface,
such as TiO (Mould, 1975; Lengyel-Frey, 1977;
Tsuji, 1978a; Krupp et al.; 1978)? Carbon
(1979) explains these in a physical way based
on analogy with processes in the continuum dis-
cussed by Dumont and Heidmann (1973, 1976).
In these processes, a major change in opacity
occurs near the surface. Such processes can be
discussed quantitatively within the above
framework (Athay, 1972) if r° decreases rap-
idly with optical depth. Some molecules (TiO,
HE0, and HCN) exist in highest concentration
near the outermost layers, where r° may
change appreciably. In such cases, c becomes
negative, and the surface layers are heated. This
occurs for both the Schuster-Schwarzschild and
Milne-Eddington atmospheres and is indepen-
dent of the mechanism of line formation. The
warming is enhanced by a flatter temperature
gradient in the outer atmosphere, a line closer
to LTE (e is larger), and a value of ro which
decreases with depth near the surface. An il-
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luminating example of an atmosphere with an
opacity discontinuity has also been explored by
Mihalas (1969).
In actual calculation of stellar atmospheres,
consideration of the detailed processes of line
formation is normally avoided through the as-
sumption of pure absorption (or even stronger
assumption of LTE) so that the line source is
equal to the Planck function for all lines, as
shown in Figure 7-1. Occasionally, scattering
is included for the strongest lines. Although this
assumption may be adequate for deeper layers,
its use might lead to fairly serious errors in the
upper photosphere. Its only justification is a
currently necessary simplicity. In fact, although
some progress has been made, a thorough ex-
amination of the mechanism of line formation
and of the possible errors arising from the as-
sumption of pure absorption is still lacking for
even the strongest lines in the red-giant stars
(Carbon, 1979; Gustafsson, 1981; de la Reza,
this volume). Research on this problem can be
expected to yield significant new knowledge.
Treatments of Line Opacity
Even with the assumption of pure absorp-
tion in the line-source function, accounting for
the rapid, almost random variation of the
bound-bound absorption coefficient with wave-
length across the entire spectrum, as implicit in
the carbon-star spectrum shown in Figure 7-2
(Querci and Querci, 1975b), is a formidable
task, and some statistical procedure becomes
necessary. The successive steps in treating such
opacities form the backbone of a history of
cool-star atmospheric modeling and the suc-
cessful treatment of at least certain atomic and
molecular opacities represents one of the signif-
icant recent triumphs in stellar atmospheres.
Intuitively, one knows that an increase of
opacity in a given frequency band will inhibit
the flow of radiation there, and flux constancy
then requires an increase in radiative flux at
neighboring frequencies. This leads naturally
to the idea of a harmonic mean (HM) opacity
(i.e., K -1 is the integral of the reciprocal of the
8/,10 6/*30 6/,50 6/,70 cm "_
Figure 7-2: The observed spectrum of the N-type carbon star UU A ur in the region 6400 to 6480 cm -_
(bottom graph) and the same spectrum corrected for weak telluric lines (middle graph). Many lines
of C 2 and CN are identified (from Querci and Querci, 1975b).
total absorption coefficient over a certain spec-
tral interval divided by that interval). Unfortu-
nately, different sources are not easily additive
in an HM opacity, which makes its use cumber-
some at best. Furthermore, the HM underesti-
mates the opacity (Querci et al., 1972; Carbon,
1974, 1979; see also Figure 7-4). It has been
used in only one set of models (Auman, 1969),
in which H20 was the only opacity treated.
A markedly different approach is repre-
sented by the straight mean (SM) opacity,
which is simply the average integrated absorp-
tion coefficient of all lines in a spectral inter-
val. An SM absorption coefficient (per mole-
cule) for each species in each interval is fitted
by a simple polynomial as a function of temper-
ature, and the fitting coefficients are tabulated
once for all (Alexander and Johnson, 1972;
Johnson, 1974). Absorption coefficients for
several absorbers are easily combined, and
models are quickly calculated. The weakness of
the SM is that the averaging process spreads the
opacity over an entire spectral region, filling in
the narrow spectral windows through which
much of the radiation in reality escapes. The
SM therefore overblankets the model, as has
been elucidated by several studies (Querci et al.,
1972; Johnson, 1974; Carbon, 1974, 1979). The
accuracy of the SM obviously improves as the
spectral interval over which the smoothing is
done is decreased. Johnson et al. (1972) show
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anexamplefor CN.Forcomparablespectral
intervals,theSMcanbethoughtof asaone-
picketopacitydistributionfunction(seealso
Figure7-4).
Theopacitydistributionfunction(ODF)
wasdescribedbyStromandKurucz(1966),and
itsmodernusedatesfromaboutthattime.In
a givenspectralinterval(of, say,50/_),one
rearrangestheabsorptioncoefficientinwave-
lengthto obtaina monotonicordering,the
resulthavingtheappearanceofonegiantspec-
trailine(Figure7-3).This new monotonic func-
tion-termed the opacity distribution func-
tion-is then approximated by a series of pick-
ets as shown. (Care must be taken, of course,
to flip the giant line from side to side in alter-
nate intervals and depths to avoid systematic
effects (Gustafsson et al., 1975).) Various math-
ematical descriptions of the ODF are available
(Querci et al., 1971; Carbon, 1973, 1979, 1984;
Kurucz et al., 1974; Mihalas, 1978), and several
applications have been made (Querci et al.,
1974; Querci and Querci, 1975a; Gustafsson et
al., 1975; Kurucz, 1979; Eriksson et al., 1985).
A representative ODF of CN and C 2 for
conditions typical of carbon stars is shown in
Figure 7-4 (Querci et al., 1971). Although the
absorption of C 2 is much less than that of CN,
it influences the ODF significantly. Also shown
are the (constant) values for the SM and HM
opacity; clearly the SM overestimates, and the
HM underestimates, the true opacity. Similar
comparison of SM, HM, and ODF opacities for
CN in a carbon-rich model atmosphere was
made by Carbon (1974).
Calculating the ODF is tedious, but con-
struction of models proceeds rapidly when the
ODF is available. If, however, the ODF is sensi-
tive in a given wavelength region to several
opacity sources, the relative strengths of which
might depend on a parameter (such as chemical
composition) that is not known beforehand,
one could be forced to a time-consuming itera-
tive procedure (cf. Carbon, 1979, 1984). At
least some of this liability could be overcome
by a two-step procedure in which ODF's are
formed separately for each species and are then
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Figure 7-3. (a) Hypothetical spectrum over a spectral interval between XI and X2. (b) Hypothetical
line absorption coefficient over this interval. (c) The information in Figure 7-2b rearranged by strength
of absorption to form an ODF or giant line (solid line) as described in the text. A possible six-picket
representation of the giant line is shown by the dotted line. (d) The flux emitted by the picket represen-
tation of the opacities in (c).
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Figure 7-4. Comparison of various opacity
treatments for CN and C2 in the wave-number
interval 6320 to 6420 cm -1. The graph shown
(from Querci et al., 1972) is for T = 2500 K,
P = 1 dyne/cm 2, and microturbulent veloci-
ty VT = 5 km/s.
reshuffled to account for the changing depth
dependence of the opacities (Tsuji, 1976a). Re-
cently, in what appears to be a significant ad-
vance, the Swedish group has demonstrated the
practicability of this suggestion by actual
calculation and has further shown how the ac-
curacy of the ODF can be increased by spline-
fitting (Olander, 1981; Saxner and Gustafsson,
1984). This method allows the ODF to accom-
modate even the well-known problems of the
depth-dependent combination of CN, C2, and
CO opacities in cool carbon stars.
Another drawback to the ODF arises from
the rearranging of the absorption coefficient
and its representation by a series of pickets; in
this smoothing, all information regarding indi-
vidual absorbers is lost. To ascertain the effect
of a change in even one spectral line, as might
arise from departures from LTE in even one
atomic species, it is necessary not simply to re-
compute an atmosphere with this changed
value, but to recalculate the ODF. It is difficult
even in principle to determine how this weak-
ness of the ODF method can be overcome (Car-
bon, 1984). For certain general problems, in
which self-consistency between input parame-
ters and results is necessary, the ODF may be
too restrictive. For problems in which all pa-
rameters to which the absorption is sensitive can
be specified beforehand, however, the ODF
method is convenient and accurate. In addition,
the ODF appears to be capable of describing
the opacity in a differentially moving atmo-
sphere (cf. Mihalas et al., 1976).
Suppose one begins to calculate model at-
mospheres without averaging the opacity in any
way (i.e., suppose one were not constrained by
the amount of computing time available). Un-
der these ideal circumstances, a straightforward
procedure would be to calculate the integrated
flux and its depth derivatives by a direct integra-
tion over many monochromatic fluxes. Even
though the variation of the absorption coeffi-
cient with frequency is rapidly changing, its in-
tegral can be obtained to any desired precision
by taking a sufficient number of frequency
points. This approach is called opacity sampling
(OS), for there is no attempt to use all the
opacity information; rather, one samples until
one has sufficient.
How many frequency points are needed?
Very favorable answers are already available;
even for complex opacities, only 500 to 1000
frequency points are necessary if they are scat-
tered over the entire spectrum and are randomly
chosen with regard to opacity features (Peytre-
mann, 1974; Johnson and Krupp, 1976). Mod-
els computed with even as few as 100 frequency
points match fairly well a more exact model in
the photosphere, but depart from it in the outer
layers, and several models with different sets
of 100 frequencies lie within a certain envelope
in a T-r diagram. As the number of frequency
points is increased, the envelope narrows, and
the envelope of models with 500 points has a
spread which ranges from near zero deep in the
photosphere to _+50 K near the surface
(Johnson and Krupp, 1976). The final model
is thus "converged" in the sense that, for more
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thanabout500points,every set of points gives
the same model. Related interesting numerical
experiments with an ODF and an OS calcula-
tion are reported by Gustafsson et al. (1975)
and Gustafsson (private communication, 1984).
Such characteristics put the OS method easily
within the capabilities of current computers.
The power of the OS method arises from its
simplicity and its retention of all information
on all lines which influence the transfer of ra-
diation at the selected frequencies. Everything
is under the control of the investigator. New
values of such factors as chemical composition,
turbulent velocity, or even departures from
LTE are easily accommodated. This flexibility
comes at a cost, however, because the construc-
tion of each atmosphere demands much com-
puting. Normally, the absorption of several tens
of thousands of spectral lines (selected from a
much larger sample) are accounted for in each
calculation, making each iteration fairly time-
consuming. Although some tricks (such as be-
ginning with a small frequency set and using
a larger set only for the final iterations) can save
considerable computing, the OS method gener-
ally requires more machine time per model than
other methods. Furthermore, even after a
model is converged, the computation of the
emergent flux requires the calculation of fluxes
at many frequencies within each element of
spectral resolution, and the fluxes are then
smoothed to the desired resolution. Finally, one
must be cautious of OS models in the extreme
outer photosphere, in which the few strongest
spectral lines which control the energy balance
and the thermal structure may not be properly
sampled. Quantitative investigation of this
point is needed. Use of the OS method for
radiative transfer in an atmosphere with a ve-
locity gradient is also very awkward (Carbon,
1984) because of the shifting of line centers with
depth.
Although the ODF and OS may appear to
be competitors, they are in some sense com-
plementary (cf. Carbon, 1984). When all pa-
rameters can be specified beforehand (e.g., in
constructing a grid of stars of known composi-
tion), the ODF method is preferable because of
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its speed. When absorption-affecting parame-
ters are to be varied (e.g., in constructing a se-
quence of stars differing in C/O or in account-
ing for departures from LTE), the OS is su-
perior. (Additional insight can be gained from
reading Gustafsson et al., 1975; Johnson and
Krupp, 1976; Carbon, 1979; Gustafsson, 1981;
and especially Carbon, 1984; and Saxner and
Gustafsson, 1984). We suspect that both the
ODF and OS are capable of further develop-
ment and look forward to these improvements.
Less complicated than implied by the name
(Voigt-analog/Elsasser-band model, or merci-
fully VAEBM), an offspring of the ODF has
been developed (Tsuji, 1976a) and used with
success in constructing red-giant atmospheres.
The method proceeds from a generalization
(Golden, 1969) to Voigt profiles of the Elsasser
band model, which treats the opacity of a com-
plex molecule by a picket-fence model consist-
ing of an infinite set of equally spaced spectral
lines of equal strength. Although real spectral
lines have different strengths, shapes, and
widths, one can nevertheless define average val-
ues of these quantities, adding pickets as
needed. Even overlapping lines can be roughly
accounted for. Restrictive as these assumptions
appear, the VAEBM representation is, over a
spectral interval sufficiently small that the
Planck function does not vary appreciably, for-
mally equivalent to the ODF described earlier
(Tsuji, 1976a), and it has been exploited with
good results. However, one can easily imagine
the method failing in the case of overlapping
opacities, especially with different depth de-
pendences (Saxner and Gustafsson, 1984). In
short, the VAEBM is a simple ODF, with the
strengths and weaknesses of the ODF in addi-
tion to the more severe approximations by
which the VAEBM gains its simplicity. On the
other hand, it has the advantages of speed and
the power to treat, at least crudely, even such
complicated molecules as H20. Certain
molecular VAEBM opacities have been com-
pared to Rosseland (harmonic mean) opacities
and JOLA opacities (just overlapping line ap-
proximation) in an interesting paper (Tsuji,
1971).
Likea phoenix,SMopacitiesnevereally
die, and they have recently been in the news
again because of their use in spherical models.
A comparison of Rosseland opacities from SM
and OS treatments (Scholz and Tsuji, 1984)
finds good agreement for solar composition,
but for a carbon-rich composition, the OS
opacities are much smaller. Unfortunately, the
agreement for solar composition is largely for-
tuitous because the OS treatment included
HaO as SM opacity (Johnson et al., 1980), and
at the temperature used (T -- 3000 K), the OS
opacities are in fact dominated by H20. Ac-
cord between "OS" and "SM" is therefore
simply accord between the SM of Johnson and
the SM of Tsuji. Clearly, the Rosseland opacity
must always be greater for SM than for OS or
ODF, because the SM approximation fills in all
opacity windows and acts, in a given spectral
interval, exactly as an additional continuous
opacity source.
In the following thought experiment, we
imagine a continuous opacity and a superposed
line opacity. Let the lines (rectangular for sim-
plicity) cover half the spectrum and have an
(equal) absorption coefficient 100 times that of
the continuum. If calculated by the ODF or OS
method, the Rosseland opacity is approxi-
mately twice that of the continuum alone since
that half of the interval covered by lines is ex-
tremely opaque. If calculated by the SM, the
average line opacity would be 50 times the con-
tinuous opacity, and the Rosseland opacity
would also be increased by a factor of 50.
Clearly, Rosseland opacities and SM opacities
are not to be mixed. Yet consider the absorp-
tion of a molecule with enormous numbers of
weak lines, such as H20 or HCN. If the
I00000 strongest lines of HCN make little dif-
ference in an atmosphere (Tsuji, 1984), but 6
million weak lines make a large difference
(J_rgensen, 1985), we understand the reason.
Such an enormous number of lines fills in all
the spectral windows, and like the SM, acts at
that depth as an additional continuous opaci-
ty. If a molecule contributes a haze of lines
(even weak ones), it may greatly increase the
opacity, and such polyatomic opacities
(Auman, 1969; Tsuji, 1984; Eriksson et al.,
1984) must be included (laboriously) in at least
the coolest red-giant atmospheres. A similarly
large Rosseland opacity can be obtained by fill-
ing in the opacity windows with isotopic lines
and very large microturbulant broadening
(Sharp, private communication, 1984).
THEORETICAL
PHOTOSPHERIC MODELS
As might be expected, the passage of time
has seen a steady improvement in theoretical
photospheric models, particularly in regard to
the treatment of opacity. It is convenient, then,
to separate models into two groups according
to the opacity approximation employed: (1)
first-approximation opacities (SM, HM, or sim-
ilar treatment), and (2) second-approximation
opacities (ODF, OS, or VAEBM treatments).
We include in this chapter only giant and
supergiant models with effective temperatures
below 4000 K.
First-approximation models have already
been summarized and extensively discussed
(Vardya, 1970; Johnson, 1972, 1974; Kipper,
1973; Carbon, 1979; Gustafsson, 1981).
Although they are now generally superseded by
superior models with the same range of
parameters, these earlier models were the basis
of several noteworthy discoveries. Perhaps the
most significant was that, contrary to common
belief, convection (in the usual mixing-length
formulation) was of minor importance in the
photosphere itself--both for M stars (Auman,
1969) and for carbon stars (Johnson, 1972).
Somewhat surprisingly, even though models
with SM and HM opacities have quite different
structures, computed molecular column den-
sities agree very well (Goon and Auman, 1970;
Johnson et al., 1975), indicating that these lat-
ter are rather insensitive to the details of the
atmospheric structure. The large scale heights
observed in stars such as _"Aur were duplicated
by theoretical models with appropriately low
values of surface gravity (Johnson, 1972). The
observed flux from a cool carbon star was fairly
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well represented by the predicted flux from an
appropriate model (Johnson, 1972), except that
the model flux was too high in the blue and the
CN bands were too deep. Older atmospheric
models were used for several projects: (l) to ex-
amine the remarkable cooling by CO in the
outer layers of stars (Johnson, 1973); (2) to in-
terpret the infrared spectra of several carbon
Mira stars in support of the hypothesis of C
enrichment rather than CNO processing
(Thompson, 1977); (3) to study the atmosphere
of Betelgeuse (Fay and Johnson, 1973); (4) to
deduce, from IR observations, approximate ef-
fective temperatures of K and M giants and
supergiants (Scargle and Strecker, 1979); and
(5) to infer the ratio 12C/13C in five carbon
stars (Olson and Richer, 1979). Finally, to ex-
plore the gross molecular features of S stars,
Piccirillo (1980) computed 85 SM model at-
mospheres for 2500 < Lff _ 3500 K and log
g = 0 for compositions enriched in C to give
ratios of C/O in the range 0.6 (solar) to 1.00.
A point of interest here is his finding that the
thermal structures of some 6f these SM mod-
els were similar to OS models. Several conclu-
sions regarding C/O and s-process enhance-
ments in S stars emerged from a comparison
of his molecular column densities and observed
band strengths--perhaps the most significant
being that, in certain S stars, C/O may be
nearer 0.9 than 1.0.
In considering models with second-genera-
tion opacities, we continue to distinguish
models which are oxygen-rich (M stars) and car-
bon-rich (C-stars). S stars, which are intermedi-
ate, will be discussed along with C stars.
Models for M Stars
An overview of currently available models
for solar composition is given in Figure 7-5
(from Johnson, 1985), where models are shown
in the parameter space of effective temperature
and surface gravity (log g). All published
models with the assumptions of Figure 7-1 and
plane-parallel geometry (PPG) and based on
ODF, VAEBM, or OS opacities are shown;
they are identified as BEGN (Gustafsson et al.,
1975; Bell et al., 1976a). T (Tsuji, 1976a;
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Figure 7-5. Overview of available models for
normal red giants of solar composition dis-
played in the space defined by the surface grav-
ity (log g) and the effective temperature. Refer-
ences are given in the text (from Johnson,
1985).
1978a), or JBK (Johnson et al., 1980). In each
group, certain additional models with varia-
tions in parameters other than those shown as
coordinates were calculated. Models of Tsuji
(1976a, 1978a) are purely radiative, whereas
models of Gustafsson et al. (1975), Bell et al.
(1976a), and Johnson et al. (1980) also include
convection. Although it may appear that this
parameter space is fairly well covered by
models, the coverage is sparse in places, and
several principles of the classic atmosphere may
be stretched rather badly toward lower
temperatures. Perhaps the worst assumption is
the crude treatment of H20 opacity, but the
assumption of PPG and even homogeneity may
not be met in the coolest, most extended stars.
Designed to represent Population I and II
giants, the grid of Gustafsson et al. (1975) and
Bell et al. (1976a) spans the ranges 3750 K <
Tff _ 6000, 0.75 =< log g =< 3.0, and -3.0 =<
[A/H] =< 0.0. Altogether, 103 models based on
ODF opacities for CO, CN, OH, NH, MgH,
and atomic lines were computed. No TiO lines
were included, which unfortunately compro-
mises the accuracy of models with Lff _ 4000
K--precisely those of interest here. Convection
was treated by the mixing-length theory with
a mixing length 1.5 times the pressure scale
height. Although turbulent pressure was ne-
glected, a study of the possible effects of its
neglect was made. For a model from near the
middle of their grid, Gustafsson et al. (1975)
find that, for v(turb) = 5 km/s, P(turb)
becomes an important component of P(total),
but the thermal structure [T(r)] is affected on-
ly slightly except in the convection zone. The
surface cooling of CO lines was confirmed
quantitatively, and CN lines were shown always
to backwarm the entire atmosphere. The
authors conclude (Gustafsson et al., 1975) that
self-consistent LTE models with as many as
105 wavelength points are possible, but a much
smaller number of points is satisfactory for
either the ODF or OS method. The temperature
uncertainty due to all accumulated errors is
estimated at 100 K in the outer layers, 20 to 30
K through most of the photosphere, and 100
K in the convective zone. Uncertainties due to
the assumptions of LTE and homogeneity,
which were not investigated, could be con-
siderably larger. Several applications of these
models to astrophysical questions are described
in the section Spectral Distribution of Energy
Fluxes (see also Gustafsson, 1981).
To find a middle ground between the crude
approximations inherent in SM opacities and
the tedious computations required for the usual
ODF opacities, Tsuji (1976a) used the VAEBM
method described earlier to treat the opacities
of OH, CN, CH, TiO, MgH, Sill, Call, CO,
and H20 (some approximated more carefully
than others) and construct 11 models for
supergiant stars. They range in effective
temperature from 3400 to 4000 K and log g =
0.0 or -0.5. Turbulent pressure is included in
the hydrostatic equilibrium equation with
velocities of 3, 6, and 12 km/s, but convection
is neglected. In a companion paper, Tsuji
(1976b) uses these models for a specific discus-
sion of Betelgeuse, for which he deduces a value
of Tef f -- 3900 + 150 K.
A grid of 22 models for K and M giants
based on these VAEBM opacities was later
computed and used to define a new relation be-
tween spectral type and effective temperature
(Tsuji, 1978a). Based on LTE, hydrostatic equi-
librium (including radiative and turbulent pres-
sure with a turbulent velocity of 3 km/s), and
radiative equilibrium (convection was ne-
glected), these models were computed for the
ranges 2600 --< Lff =< 4200 K and -2.0 _ log
g __<2.5. Predicted fluxes were then compared
to photometry of a number of cool stars to fix
the relation between effective temperature
(from the models) and spectral class (from the
stars). Tsuji emphasizes the desirability of com-
paring infrared fluxes for finding best fits be-
cause of the relative insensitivity of the infrared
flux to opacity variations. Yet we wonder
whether a fit also to the visual region (with its
much steeper slope) as well might fix the
temperature of a star with greater precision.
Many of these models predict substantially too
much flux in the visual region (a common
problem).
Based on the ATLAS computer program
(Kurucz, 1970), Johnson et al. (1980) calculate
40 atmospheres with solar composition and the
parameters: Lff = 2500, 2750, 3000, 3200,
3400, 3600, 3800, and 4000 K and log g = 0.0,
0.5, 1.0, 1.5, and 2.0. Convection is included,
but turbulent pressure is neglected. Atomic lines
and molecular lines from CN, CO, C 2, TiO,
OH, NH, CH, and MgH are treated by the OS
method; H20 is added as an SM opacity. In a
sense, these results complement those of Gus-
tafsson et al. (1975) to provide a complete set
of models for cool giants and supergiants for
all temperatures. Although this work is the
most complete now available for very cool
stars, the weakness of several assumptions
should caution the reader against uncritical ac-
ceptance of every value. Treating H20 as an
SM opacity overblankets the coolest models
335
(Lff _ 3200 K)(Auman, 1969; Tsuji, 1971),
and this is probably the most serious defect.
Neglect of grain formation in the coolest
models may also be incorrect. The temperature
and density in the surface layers of the super-
giant 0og g = 0.0) models might be even lower
if sphericity were included.
How well do the models agree where they
overlap? A comparison of T(r) has been made,
for the particular case of (4200/2.25/solar), be-
tween a Bell et al. (1976a) (ODF) model and
a Johnson et al. (1980) model (Johnson and
Krupp, 1976). All opacity parameters were
identical, but the opacity treatment, as well as
the computer codes, was different. The ex-
cellent accord in T(r) -- within _+30 K except
in the extreme outer layers -- indicates that
both the ODF and OS methods are satisfactory.
In the extreme outermost layers, the tempera-
ture is fixed by those few strong lines which still
have some opacity (i.e., for which r(v) _ 1),
and these may not be accurately treated by the
OS method (Carbon, 1979; Johnson et al.,
1980). Departures from LTE and possible chro-
mospheric heating are also more likely in these
superficial regions. Since TiO opacity, which
is important in warming the outer layers, is ne-
glected by Gustafsson et al. (1975) and Bell et
al. (1976a), their coolest models (Lff <_ 4000
K) are not recommended (McGregor, 1980).
A parallel comparison of a model (4000/
1.5/S) with VAEBM opacities from Tsuji's grid
with a similar model of Bell et al. (1976a) shows
that the two agree within _+50 over most of the
atmosphere, but the former is hotter in the
outer layers and cooler in the deeper layers (by
up to 130 K). Emergent fluxes from the two
also agree well, whereas similar fluxes from an
SM model display molecular bands which are
too deep (Tsuji, 1976a).
The atmospheres of Johnson et al. (1980)
form a sequence parallel to that of Tsuji
(1978a), and together these constitute the only
models for M giant stars with realistic opacities.
A comparison of the T-r relation between
models from each set has been made by John-
son et al. for the parameters 3600/0.0/S, and
the agreement is excellent. This is the more ira-
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pressive because the computer codes and molec-
ular data were independent and the methods of
treating the line opacities were different
(VAEBM by Tsuji and OS by Johnson et al.).
Models for Carbon and S Stars
An overview of the available models for car-
bon and S stars (i.e., with C/O > 0.6) is pro-
vided by Figure 7-6 (Johnson, 1985), which
shows the regions in the parameter space of ef-
fective temperature and the ratio of carbon to
oxygen covered by various sets of models. Fig-
ure 7-6 is, of course, a two-dimensional projec-
tion of the multidimensional space whose axes
are the parameters specifying these models. Be-
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Figure 7-6. Overview of available models for
peculiar red giants (M, S, R, and N-type stars)
displayed in the space defined by the carbon-
to-oxygen ratio and the effective temperature.
References are given in the text (from Johnson,
1985).
sides surface gravity, they include the abun-
dance of all significant elements, especially C,
N, and O. Clearly, Figure 7-6 is a considerable
simplification, and sets of models shown as
lines (such as QQ) contain models varying in
some parameter other than the two used as co-
ordinates--in this case, N/H and log g.
Based on an ODF which included lines of
the molecules CN, C 2, and CO, but no atomic
lines, the French group (Querci et al., 1974)
constructed 12 carbon-star model atmospheres
with effective temperatures of 4500, 4200, 3800,
and 3400 K and surface gravities of g = 0.1,
1.0, 10 cm/s 2. These were later supplemented
with 9 cooler models having effective tempera-
tures of 3000, 2600, and 2200 K (Querci and
Querci, 1974). Convection was neglected, but
a turbulent pressure P(turb) = /301)2 was used
in the hydrostatic equation. Values of _ = I
and/3 = 0 and o = 5 km/s were chosen to agree
with the microturbulent velocity deduced earlier
from the spectrum of UU Aur. Solar abun-
dances were used for all elements except CNO,
which were fixed at H/C/N/O = 1/4.1 x
10-5/1.48 z 10-3/1.25 x 10 -5 (C/O = 3.2 and
N/C = 37), to represent a composition pro-
duced by CNO processing and mixing. The ef-
fect of molecule line blanketing is clearly seen
in their models (Figure 7-7); for successively
lower temperatures, the molecular line blanket-
ing increasingly cools the surface layers and
warms the photosphere compared to the un-
blanketed models. These authors found: (1)
considerable surface cooling and photospheric
heating due to CO, C 2, and CN; (2) good
agreement in thermal structure (perhaps sur-
prising) with certain SM models; (3) fair agree-
ment-slightly better than with a blackbody--
of predicted fluxes, except in the visual region,
with wideband photometry of TX Psc for mod-
els with Lff = 3000 and 3400 K. An addi-
tional set of 14 models with compositions rep-
resenting both CNO cycling and triple-alpha
processing were calculated, and certain molec-
ular features characterizing each composition
were noted (Querci and Querci, 1975a). Syn-
thetic spectra from these models are discussed
later.
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Figure 7- 7. Effect of molecular line opacity. A t
an effective temperature of 3400 K and surface
gravity of 1. O, a photospheric model for a car-
bon star with C2, CN, and CO opacity is com-
pared to an identical model without these
(Querci and Querci, 1974). In each case, the
blanketed model is cooler at the surface and
warmer in the photosphere.
Another set of 27 models for M, S, and C
stars has been produced with OS opacities for
atomic lines and the molecules CH, NH, OH,
MgH, CO, CN, and C 2 (Johnson, 1982).
Three series of models were computed, all with
log g = 0.0, at effective temperatures of 2500,
3000, and 3500 K. Beginning with a model of
solar composition, carbon is added incremen-
tally to give C/O ratios of 0.60 (approximately
solar), 0.90, 0.95, 0.98, 1.00, 1.02, 1.05, 1.20,
and 2.00. Convection is included in the usual
mixing length formulation with t?/H = 1.0;
turbulent pressure is neglected. The effect of
C/O on the structure is illustrated in Figure 7-8,
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whichdisplaysmodelswithC/O = 0.60,1.00,
and2.00--possiblyrepresentinga coolM su-
pergiant,anSstar,andanN-typecarbonstar,
respectively.Forcomparison,amodelwithso-
larcompositionbutno line blanketing (labeled
0.60*) has the expected form: a steep gradient
in the photosphere and a flat outer portion with
a boundary temperature T O = 2300 K. An
identical model that includes atomic and molec-
ular opacities is warmer throughout the photo-
sphere due to the backwarming and cooler (due
mainly to CO and H20) in the outer layers
(outside the graph shown) with T O = 2100 K.
As carbon is added and free oxygen is reduced
by the formation of CO, the partial pressures
and opacities of HzO and TiO decrease. Recall
that H20 cools near the surface and back-
warms the photosphere, while TiO warms the
surface layers (Krupp et al., 1978; Gustafsson
and Olander, 1979; Gustafsson, 1981). This de-
crease in backwarming as H20 and TiO
decrease in abundance causes the temperature
drop noted. In the outer atmosphere, the in-
crease in CO cooling as carbon is added more
than compensates for the loss of H20 cooling,
and the outer layers continue to cool (Carbon,
1974; Heasley et al., 1978; Carbon, 1979). The
remarkable resemblance between the model
with C/O = 1.0 and the unblanketed model il-
lustrates well that an S star has little molecular
line opacity.
As additional carbon is added beyond C/O
= 1.0, the temperature increases again
throughout the photosphere due to the back-
warming of CN and C 2 (Querci et al., 1972,
1974; Querci and Querci, 1975a; Sneden et al.,
1976). In the outer layers, the temperature
seems to decrease. In actuality, the boundary
temperature (1400 K) does not fall, but it is
reached at a larger value of optical depth as
C/O increases; that is, this cool outer layer
deepens as carbon is enhanced (Johnson, 1982).
Figure 7-8 illustrates that, because an enhance-
ment of carbon changes the atmospheric struc-
ture, spectral features--including those of
elements other than carbon or its compounds--
may also change. This point has previously
been made from a study of molecular column
densities (Johnson et al., 1975; Piccirillo, 1980;
Johnson and Sauval, 1982), approximate band
strengths (Scalo, 1973), and synthetic spectra
(Querci and Querci, 1976).
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Figure 7-8. Effect of the enhancement of C on
the thermal structure (T(r I )) of a model with
(3000/O.O/solar except C) (from Johnson,
1982). Optical depth is measured in the contin-
uum at I lzm. The parameter is C/O. A dotted
line is a model with solar composition (C/O =
0.60) but without any line blanketing.
Of great interest is the value of the boundary
temperature and the thermal structure of the
outer layers of red-giant atmospheres. In his re-
view of model atmospheres for intermediate
and late-type stars, Carbon (1979) pointed out
that, in the discovery paper (Johnson, 1973),
the cooling due to CO (based on SM models)
was twice that found in later studies with more
accurate ODF opacities (Gustafsson et al.,
1975). In this present case, the cooling of the
M supergiant is about 200 K, whereas that of
the S star and carbon star are about 900 K. In
addition, Johnson et al. (1980) list three consid-
erations which might further lower the bound-
ary temperature: (1) models may not be calcu-
lated at sufficiently small optical depths to
reach the true value of TO; (2) the OS method
may fall to sample the strongest lines in the out-
ermost layers and therefore underestimate the
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cooling;and(3)neglectedsphericityeffectsmay
lowerT. A cooler surface layer will increase
the chance for grain formation in the photo-
sphere (Lucy, 1976; Menietti and Fix, 1978;
Deguchi, 1980; Schmid-Burgk and Scholz,
1981; Draine, 1981; Alexander et al., 1983). On
the other hand, chromospheric heating may
raise the boundary temperature. At present, the
boundary temperatures for these stars are un-
known, but the value of Tin may be obtain-
able from high-resolution International Ultra-
violet Explorer (IUE) observations, and such
investigations are strongly encouraged.
Although the R stars, at least those of spec-
tral class R0 to R3, correspond more closely to
K than M stars, they are included in this vol-
ume because of their carbon-rich spectra and
advanced evolutionary state. Models have been
computed by two groups. The Swedish group
published 20 models (Olander, 1981) with effec-
tive temperatures in the range 3800 to 4800 K.
An interesting aspect of this project is the at-
tempt to circumvent some of the drawbacks of
the ODF (Carbon, 1979) by reshuffling the
ODF's of different species. The author con-
cludes that: (1) because of the relatively high
temperatures of R stars, changes in composi-
tions do not drastically affect the temperature
structure; (2) raising the N abundance causes
a slight backwarming (< 100 K) and surface
cooling due to the increased CN opacity; (3) the
effect of changes in the O abundance is very
slight; and (4) raising the microturbulent veloc-
ity from 2 to 5 km/s causes a slight warming
throughout the atmosphere, as was found for
G and K giants by Gustafsson et al. (1975) and
Bell et al. (1976a) and for cooler carbon stars
by Johnson (1982). At approximately the same
time, the Indiana group produced 11 models for
R stars (Johnson and Yorka, 1985). These span
a slightly higher temperature range (4200 to
5600 K), and surface gravity is fixed at either
log g = 2.0 or 3.0. The log abundances of
H/C/N/O were taken as 12.00/9.09/8.31/8.55,
to give C/O = 1.74, although models were
calculated for the additional values 0.60, 1.00,
and 2.50 at a temperature of 4600 K. Yorka
(1981) found the two sets of models to be in
excellent agreement, and Dominy (1984) used
them to help infer the effective temperatures of
a set of warm R stars (R0 to R3).
None of the carbon-star models published
to date contains polyatomic opacities (except
for a few SM models by Johnson, 1974), but
the importance of HCN in cool carbon stars has
recently been reemphasized (Eriksson et al.,
1984; Tsuji, 1984; J#rgensen, 1984). A large set
of models for 2500 __< Tff _ 3500 K and 1.00
_< C/O _< 50 which include ODF opacities of
HCN and C2H 2, as well as the usual diatomic
opacities, has been calculated. We refer to these
as the EGJN models (Ericksson et al., 1985)
and eagerly await their publication.
Finally, we mention a set of I0 carbon-rich
models with the parameters 3000/0.0/S except
C; C/O = 1.05, in which the fractional abun-
dance of H was incrementally reduced and re-
placed by He (Johnson et al., 1985). Interest-
ingly, even this drastic change in composition
alters the thermal structure (T-z) only very
slightly, whereas the pressure structure (P-r) is
greatly changed (equivalent to a change in grav-
ity). The energy flux curve is also changed in
the sense that, as the hydrogen abundance is
decreased, the H- flux peak at 1.67 #m is
steadily reduced relative to the blackbody peak
near 1.0 #m.
Again, how well do the model makers agree
among themselves? A comparison of models
for carbon stars is more difficult than for M
stars because the extra dimensions of chemical
composition mean less overlap between differ-
ent sets of models. Nevertheless, in Figure 7-9
we compare, for models with the parameters
3000/0.0/solar except C; C/O = 2.00, the ther-
mal structure (T(r)) and the pressure structure
(T(P)) of the HJ (Johnson, 1982) models and
EGJN models (Gustafsson, private communi-
cation, 1984). For models with diatomic mo-
lecular opacities only, both the thermal struc-
ture and the pressure structure are in good
agreement, the differences being attributable to
differences in molecular data and computer
codes. When polyatomic opacities are includ-
ed, the thermal structure is almost unchanged,
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Figure 7-9. Comparison of carbon-rich models computed by the Swedish group (EGJN) and the Indi-
ana group (H J) and the effect of polyatomic opacities. (a) The T-z structure of models by the two
groups with (EGJN poly) and without (HJ, EGJN) HCN opacity. (b) The T-P structure of models
with and without HCN opacity. (Gustafsson, private communiction, 1984; other references are given
in the text.)
but the pressure is greatly reduced because of
the large increase in opacity.
From this brief overview of models with
carbon-rich composition, it should be apparent
that the coverage of parameter space is sparce;
we are barely beginning. Before using any
model atmosphere for red-giant stars to calcu-
late quantities, such as profiles of very strong
lines, which depend sensitively on the tempera-
tures in the extreme outer layers (r <= 0.0001,
say), one should contact the maker of the model
to discuss problems. (The guarantee normally
covers only the photosphere!)
SPHERICAL MODELS
While calculations (Auman, 1969; Johnson,
1972; Tsuji, 1976a) confirm the adequacy of
PPG for giants (log g = 2.0), it may fail for
low-mass supergiants and Miras. Three changes
must be made in the usual equations to accom-
modate sphericity.
1. The equation of radiative transfer must
include a curvature term:
OI (1 - 02) bI
_-- + -e-×l
_r r ala
where I(r,#,u) is the specific intensity,/z
= cos 0 as usual, e(r,_) is the volume
emissivity, and x(r, _) is the linear extinc-
tion coefficient. Azimuthal symmetry
and time-independence are assumed. If
(aI/a/z) = 0, one recovers the usual equa-
tion of PPG.
2. The surface gravity is no longer constant,
but g = GM/r 2, and the variation of g
(but not M) with r must be accounted
for.
3. A third parameter, in addition to Lff
and g, is needed to specify fully the atmo-
sphere. This is often the stellar radius,
measured to some reference level, such
as r = 1.00.
The complete equations for spherical
geometry and methods for their solution have
been available for several years (cf. Mihalas,
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1978).Ratherdifferentmechanismsproduceat-
mosphericextensioni theearly-typeandthe
late-typestars.In hotstars,electronscattering
producesan outwardradiativeforcewhich
leadsto anextendedatmosphere.Contrarily,
red-giantatmospheresareextendedonlybe-
causeof theverylowsurfacegravity(unless,
of course,thereareoutwardflows;seeGold-
berg,thisvolume).
A commonlyusedmeasureof theimpor-
tanceof sphericityis the extension, or the
relative thickness of the atmosphere compared
to the stellar radius. More precisely, the exten-
sion is d = (r (top) - r (phot))/r (phot), where
r (top) is the radius measured to the point at
which r = 0.0001, say, and r (phot) is the stellar
radius measured to T = 1.00. Authors differ
slightly in employing a Rosseland optical depth
or a monochromatic optical depth and in the
exact value of the optical depth (10 -5 to 10-3)
chosen for the top of the atmosphere.
To delineate the regions of the HR diagram
in which sphericity might be important, Hundt
et al. (1975) and Schmid-Burgk and Scholz
(1975) computed a series of spherical models
for late-type stars having gray opacities. Of in-
terest here are two principal findings: (1) many
red giants and supergiants of moderate mass (M
1 M o) develop extended atmospheres at
some epoch during their lives, usually near the
peak of their RG luminosity; and (2) tempera-
tures in the outer layers are considerably lower
than in a comparable plane-parallel model.
More realistic models were obtained by Wat-
anabe and Kodaira (1978, 1979), who included
the line opacities of H20, CO, CN, OH -- ap-
proximated with a mixture of SM, JOA (just
overlapping approximation), and VAEBM. In
these spherical models, the temperature was
lower in the outer layers (by 150 to 200 K in
the model with Lff ---- 3200 K, for example)
and higher in the deeper layers than in a corre-
sponding PPG (here called compact) model.
The density was also lower in the outer layers
than in a corresponding PPG model. The num-
ber density of most molecular species, such as
CO and CN, followed the overall decrease, but
there were certain exceptions, notably those for
which the increased efficiency of molecular for-
mation due to the lower temperature overcomes
the reduction in the overall density (e.g., H20
in the model with Lff = 3200 K). For at-
mospheres with extensions up to d = 1.5, these
workers found: (1) an increase of atmospheric
extent, (2) a reddening of (R-I), and (3) a
decrease in the absolute visual magnitude. In
addition, stellar diameters measured at
wavelengths within those molecular bands
formed in extreme outer layers and hence sen-
sitive to atmospheric extension, such as H20
and TiO, increased as much as a factor of 1.5
compared to the adjacent continuum.
Similar calculations which reinforced these
tentative conclusions were carried out by
Schmid-Burgk et al. (1981) and Kipper (1982)
for models with solar composition. Most of the
conclusions were drawn from models computed
with continuous opacities and H20 only,
which is probably the dominant absorber in this
temperature range. These authors document the
great sensitivity of the thermal structure to the
treatment of molecular opacities, the incorrect
treatment of which can obscure other effects.
Figure 7-10 (Schmid-Burgk et al., 1981) il-
lustrates one of the principal effects of
sphericity--a lowering of the temperature in the
outer layers, where divergence of the flux is im-
portant. The temperature drop is greater in the
lower gravity A models. (A slight backwarm-
ing--too small to be seen here--accompanies
the surface cooling.) In the outermost layers,
the temperature decrease is 300 to 500 K for a
model with extension d = 0.25 compared to a
compact model. The other principal effect of
atmospheric extension--the decrease in density
in the outer layers--is illustrated in Figure 7-I 1
(Schmid-Burgk et al., 1981). The key effect is
the drop in pressure (and density as well) from
A0 to A2 and B0 to B3; the lower gas density
arises from the decreasing gravity, which falls
as r -2 in these spherical models. Figure 7-11
also shows the radius (r/R) plotted against an
optical depth scale (_-(1.2 #m)); the trans-
formation from radius to optical depth is sensi-
tive to the details of the opacities and to the
relation of H and H 2, which dominate the
341
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Figure 7-10. The effect of atmospheric exten-
sion on the thermal structure of a star. For each
series of models, the extension of the atmo-
sphere is increased from AO (PPG) and BO
(PPG) to A3 (d = 1.39) and B3 (d = 0.20).
Parameters of the models are: A: 3000/-1.0;
B: 3000/0. 0 (from Schmid-Burgk et ai., 1981).
equation of state at these low temperatures
(Schmid-Burgk et al., 1981). As is clear from
a consideration of the two figures, the number
density or partial pressure of a particular spe-
cies depends rather critically on the details of
the temperature/density relation in the outer at-
mosphere, which is not well known at this stage
of research. Schmid-Burgk et al. also estimate
the maximum tolerable value of the extension
to be d = 0.05 or perhaps as large as d = 0.10
in certain cases. The values are exceeded, at
some epoch, in almost all M giants with lumi-
nosities -> 103 solar luminosities and masses
near 1 M o (see, for example, Scalo et al.
(1978) and Scalo and Miller (1979) for an
estimate of these masses).
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Figure 7-11. Effect of atmospheric extension on
the gas pressure for the models of Figure 7-10
(from Schmid-Burgk et al., 1981). The radius
(r/R) is also shown for the most extended
models.
Pursuing further the consequences of varia-
tions in the chemical composition for M super-
giants, still within the framework of SM molec-
ular opacities, Wehrse (1981) varied separately
the abundances of He, the CNO group, and the
metals. Lowering the metal abundance in-
creases atmospheric extension and surface cool-
ing, whereas introducing a hydrogen deficiency
reduces sphericity effects. However, because of
its interplay of various factors, separating
sphericity from compositional effects appears
to be extremely difficult.
To find an observational third parameter,
Scholz and Wehrse (1982) computed very cool
(Lff = 2750, 3000 K) models based on SM
opacities of several molecules in addition to
H20 and then calculated band strengths from
these models. They find that for their models:
(1) the 1.04-4.00 and the 2.10-4.00 #m colors
can be calibrated to yield effective tempera-
tures; (2) certain metal/ion atomic lines can
yield the surface gravity; and (3) TiO lines in
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the red are especially sensitive to atmospheric
extension.
Again utilizing SM opacities, Scholz and
Tsuji (1984) study carbon-rich spherical atmo-
sphere. Because of the greater temperature sen-
sitivity of the carbon-rich opacities, these atmo-
spheres are less extended than oxygen-rich at-
mospheres. For the same reason, gas pressure
and density are higher in C-rich spherical atmo-
spheres than comparable PPG (compact) atmo-
spheres, but oxygen-rich stars behave
oppositely.
Spherical models will clearly come to play
a major role in the study of red-giant stars--
especially for supergiants and Miras--as soon
as realistic opacities can be used.
CONVECTION AND
INHOMOGENEITIES
Despite much research on the subject, con-
vection is one of the more uncertain aspects of
atmospheric modeling. The problem is simply
that we do not understand the phenomenon;
not only is convection an extremely complex hy-
drodynamic phenomenon, but we are without
the benefit of sure terrestrial or laboratory
analogs.
Envelopes of red-giant stars must be the
scene of deep strong convection due to the
opacity associated with hydrogen and helium
ionization/recombination zones. Somewhere in
the deep photosphere--near the depth where
r (R) = 10, but depending on effective tempera-
ture, surface gravity, and composition--the en-
velope changes rapidly from a convective to a
radiative regime. Photospheres lie at and imme-
diately above this transition, and it has been
shown for both M stars (Auman, 1969) and car-
bon stars (Johnson, 1972) that convection, if
treated in the usual local mixing-length theory
without overshoot, is unimportant in the photo-
sphere (see also Gustafsson et al., 1975). Be-
cause of the rapid changeover from a convec-
tive to a radiative regime, our conclusions re-
garding convection may be sensitive to the de-
tails of the photospheric models, and at present,
these are somewhat uncertain. Thus, although
convection appears to be unimportant, this is
not a robust conclusion, particularly if inhomo-
geneities are present.
Several authors have found it convenient to
distinguish convective theories as being "local"
or "nonlocal." The local theories are con-
structed so that, at a given position in a star,
all quantities depend on local values of other
variables, while nonlocal theories depend on
values of variables at distant points in the at-
mosphere. By all odds, the most widely used
treatment of convection is the local mixing-
length theory (B/Shm-Vitense, 1958). This the-
ory has the advantage of ease of computation,
a free parameter which can, if necessary, be ad-
justed to match observations, and comparabil-
ity with past research. In the mixing-length the-
ory (cf. Mihalas, 1978), the convective flux is
F = OCpv T(V- VE) g /H, (7-5)
where u is the average velocity of a bubble of
gas, V = d In T/d In P in the ambient atmo-
sphere, V E refers to the value of V in the
convective element, _ is the mixing length (the
average distance traveled by a bubble before it
loses all its energy), and H is the pressure scale
height. The average velocity o is found by set-
ting the kinetic energy of the bubble to one-half
the work done by the buoyant force. The other
half goes to overcome friction by other bub-
bles. The gradients V and V E are calculated
from considerations of the energy loss by the
bubble during its lifetime and depend on as-
sumptions regarding optical thickness of the
bubble and its rate of radiation. To the present
time, all significant sets of atmospheres for red-
giant stars have been based on radiative equi-
librium, or if convection has been included, it
has been handled by the local mixing-length
theory. Improvements made in or suggested for
the standard mixing-length theory include tak-
ing account of the optical depth of the convec-
tive bubble (Henyey et al., 1965) and averag-
ing the opacity across horizontal layers, rather
than averaging the temperature and then calcu-
lating the opacity (Deupree, 1979).
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Thequestionofthemixinglength,orthera-
tio of mixinglengthto pressurescaleheight
( _/H), hasprovokedconsiderablestudy.Most
oftenonesimplysets_/H = 1.0or 1.5.For
coolgiantstars,surfaceconvectionisof such
minorimportancethat _/H apparentlycannot
befixedfromobservations.(Indeed,it isnot
evencertainwhetherconvectioncanbetreated
byalocaltheory.)It ispossiblethattheshape
ofthefluxpeakat 1.67#m(Belletal., 1976b)
or theprofileof astrongLTElinesuchasCa
I 6572or CO(Carbonetal., 1976)mightbe
avaluablediagnosticfeaturefor temperature
structureandhenceconvection.In adifferent
approachtowarddeterminingthescalelength
of convection,BShm-VitenseandNelson(1976)
notethenearcoincidencein theHR diagram
of: (l) theboundarylineseparatingconvective
andnonconvectivestars,and(2)therededge
of theCepheidinstabilitystripandusethisfact
to fixthemixinglengthatH, the pressure scale
height. A later study (B6hm-Vitense and
Dettman, 1980) demonstrates that chromo-
spheric emission is observed by IUE only for
giants cooler than F2, and by implication, this
denotes the onset of convection. A comparison
of IUE fluxes with model predictions (BShm-
Vitense, 1982) appears to confirm this conclu-
sion.
Based on scaling the quantity (V-Vad),
which is related to the depth of the convective
zone, Schwarzschild (1975) speculated that
enormous granules (- l08 km) might exist on
Betelgeuse. Although B_hm-Vitense and Nel-
son (1976) found no evidence for such giant ed-
dies, such features may not be entirely theoret-
ical. High-resolution spectrophotometry of the
Ca II K line in ct Boo (Chiu et al., 1977) ap-
pears to require two states of excitation of the
chromosphere. The normal state gives a mass
loss dM/dt< 10 -9 M o/yr, whereas the excited
states gives dM/dt - 8 x 10 -9 M®/yr. The
authors wonder whether the excited state arises
from the appearance at the surface of a giant
convective element. The argument for a two-
component atmosphere is strengthened by a
study of CO, which shows that no single-
component atmosphere can match observations
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of both the wings of the Ca II infrared triplet
(Ayres and Linsky, 1975) and the CO lines
(Heasley et al., 1978). Of greater relevance here
is Betelgeuse, whose Ca II and Mg II lines ap-
pear to require an inhomogeneous atmosphere
(Basri et al., 1981). Finally, observations of a
regular variation in the polarization of this ob-
ject (Hayes, 1984) strongly suggest rotation of
a "hot spot" (Schwarz and Clarke, 1984;
Clarke and Schwarz, 1984)--perhaps a large
convective cell or a magnetic complex.
Nonlocal theories of convection have not yet
been widely adopted for cool star atmospheres.
It may be, however, that the application of the
most successful of these theories will constitute
a major field of progress during the coming
decade. A pioneering, nonlocal theory of con-
vection (Spiegel, 1963) made an analogy with
the equation of radiative transfer, the "source
function" being chosen so that, in a uniform
medium, this "generalized mixing-length"
theory gave the same flux as the standard
theory. In a "diffusion approximation", this
theory was later applied, with gray opacities,
to the Sun (Travis and Matsushima, 1973a) and
to G and K dwarf stars (Travis and Mat-
sushima, 1973b). For his study of yellow giants,
Parsons (1969) introduced a nonlocal element
into the standard mixing-length theory by
averaging the convective velocity over the en-
tire trail of the convective elements. Convec-
tive thermal plumes in the terrestrial at-
mosphere provided an analogy for a totally dif-
ferent nonlocal theory (Ulrich, 1970a), which
was then applied to the Sun, where significant
overshooting into optically thin regions was
found (Ulrich, 1970b). A critical review of these
theories and numerical comparison of their
predictions for the Sun was made by Nordlund
(1974). With a correction in the Ulrich theory,
its similarity to the schemes of Parsons was
demonstrated. The low value of _ /H required
by the Travis-Matsushima formulation to
match solar limb darkening was explained as
a result of excessive overshoot. By a proper
choice of such free parameters as the mixing
length, the methods of Parsons, (modified)
Ulrich, or even the simple mixing-length theory
canbemadeto yield similar results and may
confidently be used to calculate models of the
optically thin photospheres of main-sequence
stars and giants down to K0. In deeper layers,
in which convection is more important, the
theories offer qualitatively correct but
parameterized descriptions of convection.
Nonlocal theories, particularly those of
Spiegel (1963) and Ulrich (1970a, 1970c), were
compared by Ulrich (1976), who showed that
these differ principally in the way in which the
averaging is done. The length over which
averages are taken--the diffusion length--thus
becomes a significant parameter. The choice of
a particular kernal function for the integration
leads to the more tractable differential equa-
tion found by Travis and Matsushima (1973a,
1973b).
Another approach is the anelastic convec-
tive theory (Latour et al., 1976), which borrows
from meteorology the idea of greatly restricting
the allowed acoustic modes. Horizontal modes
are also simplified to permit a more detailed ex-
amination of the large-scale vertical structure.
In subsequent papers, the anelastic convective
theory has been applied to convection in an A
star, for which the convective zones are well
separated and convection is relatively modest
(Toomre et al., 1976; Latour et al., 1981).
All of the foregoing theories, whether local
or nonlocal, are based on a "one-stream"
model of convection in which convective ele-
ments (bubbles or plumes) move relative to a
static ambient atmosphere. A more powerful,
but much more complex, scheme would be a
"two-stream" model. A number of such semi-
empirical models have been constructed to in-
terpret velocity and brightness inhomogeneities
in the solar photosphere. A more or less deduc-
tive two-stream model of convection was de-
rived by Ulrich (1970a, 1970c), and a fully
deductive model was derived by Nordlund
(1976). This latter method has been applied to
convection in the Sun and cooler stars with ex-
cellent results (Nordlund, 1980, 1982). It is
possible to simulate realistically photospheric
granular convection and to predict reasonable
values of line shifts and widths, which in turn
give rise to what is called macroturbulence and
microturbulence. Overshooting of convective
elements into superficial radiative layers is
specifically allowed, and the resulting large
temperature differences (-10 to 103 K) bet-
ween the two streams in visible layers of the
photosphere constitute one of the most
dramatic differences between these results and
those of the local mixing length theory. At large
depths (r > 50), the predictions of the two-
component theory and those of the local
mixing-length theory are quite similar. The in-
terplay of various terms in the energy balance
between the hot (ascending) components and
the cool (descending) components at various
heights is complex and instructive. In the outer-
most layers, where the radiation begins to
escape directly to the surface, these temperature
fluctuations are due principally to radiative
terms--radiative heating from below, radiative
exchange between the two components, and
radiative losses to the surface--which implies
that the temperature difference in the optical-
ly thin layers depends on the horizontal scale
of the convecting elements and emphasizes the
crucial role of that quantity (Schwarzschild,
1975, B_Shm-Vitense and Nelson, 1976). Clear-
ly, there is a hint of far-reaching potential in
this two-stream theory, and we eagerly look
forward to future advances (Nordlund, 1982,
1985) and applications to red-giant stars.
A fascinating study of the effect of certain
improvements in the mixing-length theory and
a comparison with other theories has now been
made for the Sun (Lester et al., 1982). Two im-
provements were incorporated into the
ATLAS6 treatment of convection: (1) the
proper horizontally averaged opacity (Deupree,
1979) was taken, and (2) a depth-variable mix-
ing length was employed. The results are sum-
marized by the authors as follows, in compar-
ing the new calculations with otherwise identical
calculations for the Sun without these modifi-
cations.
. Convection (in the improved treatment)
transports a smaller fraction of the total
flux.
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The convection zone is narrower, and
Forty Fro t is smoother.
The temperature is higher in the convec-
tive region.
The model is brighter in the region 1500
to 2000 _k.
Small differences arise in the visual spec-
trum. These differences result almost en-
tirely from the use of the horizontally av-
eraged opacity. Compared to other the-
ories, there are also differences, and
these result from both the horizontally
averaged opacity and the variable mix-
ing length (Deupree and Varner, 1980).
Compared to nonlocal mixing-length the-
ories, the new calculation has less con-
vection in the upper photosphere, and
this leads to these models being hotter be-
low zg = 0.6.
Compared to Nordlund's (1976) two-
stream model, the new results agree well
above r = 15, but are much hotter below
that depth.
Compared to empirical solar models,
there is good agreement above log r --
0.4, but the new results are too warm be-
low that point.
The Sun is a natural testing ground for new
theories, and it may be some time before better
theories are applied to the red-giant stars which
form the subject of interest here. At present,
the entire field of convection is fragmented and
in turmoil (as if convecting?), making a coher-
ent review next to impossible (cf. Marcus et al.,
1983). Worse yet, for our purposes, application
of the available theoretical work is almost ex-
clusively to the Sun, for which high-quality ob-
servations of limb darkening, granulation, and
line profiles can be obtained and an empirical
model is available. Improvements in convective
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theory for red-giant stars will likely be bor-
rowed from applications in warmer stars• Two
comments are relevant here: (1) inhomogenei-
ties are likely to be relatively much more im-
portant in red-giant stars than in the warmer
more compact stars in which convection is usu-
ally studied; and (2) because red giants are
variable and thermal models are crude, the
power of this combination to constrain or guide
the theory of convection is weak.
In summary, we note that convection and
inhomogeneities might play important roles in
at least the following ways.
. Because concentrations of certain mole-
cules (H20, H E, HCN, TiO, and CaC1)
are extremely temperature-sensitive, their
concentrations must increase over cooler
regions of the photosphere. One can
imagine a feedback mechanism through
which increased molecular concentra-
tions further cool the atmosphere
(Gustafsson, 1981).
. The subphotospheric convective zone
presumably supplies the mechanical en-
ergy to produce a chromospheric temper-
ature rise and perhaps promote mass loss
(cf. Schmitz and Ulmschneider, 1981;
and de la Reza and Goldberg, both this
volume).
• Grain formation might occur, or occur
more readily, in or over cooler photo-
spheric regions (Lucy, 1976; Deguchi,
1980; Draine, 1981, 1984; Woodrow and
Auman, 1982; see also Lef_vre, this
volume).
. Microvelocity fields deduced from high-
resolution spectra--or their interpreta-
tion-would be affected (Dravins et al.,
1981; Nordlund, 1982).
• Departures from LTE might be in-
creased, perhaps dramatically, in an in-
homogeneous atmosphere.
6. Theconversionof theoreticalquantities
(suchas Tff) tO observed quantities
(such as colors) might be affected, as has
already been noticed for F stars (Nelson,
1980).
INTERLUDE
How well do the predictions of the theoreti-
cal models of the previous section compare with
the observations of real stars? A moment's re-
flection suffices to remind us, of course, that
these thermal models will yield only a back-
ground continuous spectra and symmetric ab-
sorption lines, and there is no possibility that
thermal models can reproduce the dazzling ar-
ray of observations presently available (as de-
scribed, for example, by the Quercis in Chap-
ters 1 and 2). Much more work is necessary
before we can model, in a self-consistent
fashion, such nonstatic and nonthermal
phenomena as turbulence, departures from
LTE, pulsation, and mass loss (see Figure 7-1).
Progress toward these goals is reported in later
chapters. It is only fair, however, to give the
thermal models a chance to demonstrate
whether they can explain even what they were
meant to explain. In addition, we seek spectral
features which are particularly sensitive to a
single property of the atmosphere and may
therefore help to diagnose the physical and
chemical properties of the star. At the outset,
we set forth our most difficult problem: how
does one test the goodness of a comparison bet-
ween theory and observation? As will become
obvious from several examples, we will stum-
ble over this problem again and again.
SPECTRAL DISTRIBUTION
OF ENERGY FLUXES
(Photometry, Spectro-
photometry, and Colors)
Oxygen-Rich Stars (M and S Stars)
Although the models of Gustafsson et al.
(1975) and Bell et al. (1976a) are intended for
G and K giant stars, we mention them here be-
cause of their obvious implications for cooler
stars and the paucity of such comparisons for
M, S, and C stars. The excellent overall match
of observed spectrophotometry and narrow-
band photometry with predicted fluxes from
these models confirms that the line-blanketing
and thermal structure of present models of G-K
giants is essentially correct (Gustafsson and
Bell, 1979). This impressive work has reached
a new level of sophistication for stars of inter-
mediate temperature. Unfortunately, the red-
giant stars of interest in this volume constitute
a rather different class of stars.
A persistent flux excess shortward of 4000
/_ was carefully scrutinized by Gustafsson et al.
(1975), who conclude that, although massive
chromsopheres, temperature inhomogeneities,
and departures from LTE cannot be ruled out
as sources for the discrepancy, the most likely
interpretation is neglected ultraviolet
opacities--from either metal lines, molecular
lines, or some continuous absorber. A violet
discrepancy is not unique to these models, but
has been noted in other models as well. For ex-
ample, Peytremann (1974) found that his
models produced too much flux in the violet,
a feature he also suggested was due to insuffi-
cient lines there. In her models of F dwarf stars,
B_Shm-Vitense (1982) finds the same cir-
cumstance and suggests that it arises from either
an unaccounted-for continuous opacity source
or a substantially increased convective flux. A
similar problem appears in the M giant models
of Johnson et al. (1980). (See Steiman-Cameron
and Johnson, 1985.) To investigate the possi-
ble luminosity dependence of the relative flux
peak at 1.67 #m, for which there is some obser-
vational evidence, ODF spectra of CN and CO
were computed and found to be in fair agree-
ment with the observations (Bell et al., 1976b).
These conclusions are only tentative until ad-
ditional observations at many frequencies, as
well as improved theoretical spectra including
the contributions of TiO and H20, are
available. Limb-darkening coefficients for the
set of models have also been calculated (Man-
duca et al., 1977) for the wavelengths of the
UBV and uvby bandpasses.
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BasedonGustafssonetal. (1975)andBell
etal.(1976a)atmosphereswith4000< Lff <
6000 K, Bell and Gustafsson (1980) calculate
the visual surface brightness (VSB) and study
theoretically its dependence on color, gravity,
and metallicity. The total effects of all these
factors are smallest for the V-R color, and the
theoretical relation between VSB and V-R
agrees well with the empirical relation from
stars with known angular diameters (Barnes
and Evans, 1976; Barnes et al., 1978; Eaton and
Poe, 1984). This agreement provides additional
evidence that the background continuous spec-
trum, including the effects of line blanketing,
is well predicted by these theoretical models for
G and K giants.
Spectrophotometry provides a somewhat
stiffer test of models than does photometry,
and the comparison of predictions from the
Gustafsson et al. (1975) and Bell et al. (1976a)
models with spectrophotometry of G, K, and
M stars (Strecker et al., 1979) is of considerable
interest. Water vapor, but not TiO, was
included in the synthetic spectrum, although
neither was included in the calculations of the
models. Figure 7-12 shows the comparison for
/3 And (M0 III) and/3 Peg (M2 II-III) (Man-
duca et al., 1981); the agreement over most of
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Figure 7-12. Comparison of observed spectro-
photometry of early M giant stars 13And and
13Peg (Strecker et al., 1979) and predictions
from the Gustafsson et al. (1975) and Bell et
al. (1976a) models identified in the figure (from
Manduca et al., 1981).
the range from 1.2 to 5.5 #m is better than 10
percent. (Fits for warmer models are generally
even better.) The largest discrepancy in/3 And
occurs in the first overtone bands of CO at 2.5
#m. While that particular problem could in
principle be remedied by altering the CNO
abundance, the ratio of the fundamental and
the first overtone of CO cannot be so easily cor-
rected. The fit for 13Peg is slightly worse, but
this comparison should not be pushed too far,
since the authors suspect that the star may be
cooler than any of their models. The authors
also note that effective temperatures deduced
from model fitting are in satisfactory agreement
with other temperature estimates, and angular
diameters inferred from fitting at 3.5 #m are
in good agreement with measured values of
those deduced from the VSB relation and V-R
colors.
Comparison of computed fluxes from a grid
of SM models (Johnson, 1974) with infrared
spectrophotometry of 24 cool giant stars (K0
through M9) taken from above the Earth's at-
mosphere (Scargle and Strecker, 1979) furnishes
some food for thought. As a matter of fact, the
predicted fluxes often agree rather well with the
observations. Yet some of this agreement must
surely reflect the insensitivity of the fluxes to
the precise structure of the models because SM
models have outer photospheres that are
generally too warm. More surprisingly, many
of these "models" were interpolated or ex-
trapolated where models did not exist in the
original grid. Furthermore, there is a strange
clustering of stars with Tff = 3500 K, which
appears to be an artifact of the available set of
models, and the temperatures from several of
the models are lower than those found for some
of the same stars by other methods (Gustafs-
son, 1981). All of this is a bit disquieting
because it forces us to admit that, unless the
effective temperature is constrained rather care-
fully from other evidence, observations,
especially for variable stars, can be matched
reasonably well by crude models. Better obser-
vations, especially calibrated spectrophotome-
try of both the visual and infrared regions taken
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atthesame time, are necessary to test even ther-
mal models.
Tsuji (1976b) found good agreement be-
tween infrared fluxes from his models of M su-
pergiants and accumulated photometry and
spectrophotometry of Betelgeuse. The fit was
improved if the composition was taken to be
C-poor and N-rich, rather than solar. (That the
atmosphere of Betelgeuse is actually C-poor
and N-rich has recently been determined
through a careful study using spectral synthesis
(Lambert et al., 1984).) A relatively high micro-
turbulent velocity of 6 km/s was used; this was
not taken as evidence for supersonic turbulence,
but was attributed to deficiencies in the
VAEBM method for molecular line opacities.
The best fit to the infrared fluxes (1 to 5/_m)
gave an effective temperature of 3900 _+ 150
K for Betelgeuse (M2 Iab). The implied angular
diameter of 0.40 milliarc-sec is, however, lower
than most other determinations. No resolution
of this discrepancy was offered, but Tsuji noted
that this higher temperature resolves a problem
with the K I line (Goldberg et al., 1975; see also
Goldberg, 1984). (Could it be that most earlier
observations detected the larger radii in TiO
bands?) Subsequently, Tsuji (1978b) demon-
strated that scattered light from an optically
thin dust shell had negligible effect on the col-
ors, but it might appreciably increase the mea-
sured angular diameter, which might resolve the
Betelgeuse discrepancy. The strength of the TiO
bands (Collins, 1974) implied by the variation
of angular diameter of Betelgeuse across them
appears to require a lower temperature, how-
ever, than 3900 K (Balega et al., 1982). The cu-
rious behavior of the angular diameter of
Betelgeuse is quite complex and is not yet un-
derstood (Goldberg, this volume).
In a pioneering extension of model atmo-
spheres to cooler stars, Tsuji (1978a) saw suffi-
cient agreement between fluxes from his models
and available photometry and spectrophotom-
etry of K and M giant stars to define a new scale
of effective temperature for these objects. A
careful scrutiny of these comparisons reveals
that, in the infrared, the slopes of the flux
curves of all models are quite similiar, and most
of the temperature sensitivity comes from wave-
lengths less than 1 #m. Here, however, none of
the predicted fluxes fit well because of distor-
tions by molecular bands. The fitting is there-
fore fairly subjective. Nevertheless, if R-I col-
ors are used as a baseline, there is reasonable
accord between Tsuji's scale of effective tem-
perature and the scale deduced from the angu-
lar diameters then available. Finally, Tsuji
pointed out that colors and band strengths
could well be understood on the basis of this
new temperature scale, but no information
about variations in abundances among the
CNO elements could be inferred.
As additional values of stellar angular di-
ameters became available, especially from ob-
servations of lunar occultations, it became pos-
sible to define an empirical temperature scale
for red giants from K0 to M6 (Ridgway et al.,
1980b). Although the scatter among individual
stars is rather high and certain large discrepan-
cies exist even for stars for which the formal
errors are small, this calibration of effective
temperature against spectral class or Wing color
temperature (T) has become the criterion
against which all theoretical results are tested.
From time to time, more values of angular di-
ameters and temperatures have been obtained,
but no basic alteration of the Ridgway et al.
scale has been necessary.
An additional link between models and
observations was forged by Tsuji (1981a), who
used his atmospheres and the method of in-
frared photometry (IR) (Blackwell and Shallis,
1977) to define a new independent temperature
scale for M giant stars. Basically, the IR
method is a clever application of the relation
between observed flux (f×), flux emitted at the
stellar surface (F×), and the stellar angular
diameter, in which the monochromatic flux
from an appropriate model is substituted for
the emitted stellar monochromatic flux (F×)
and is used with the observed monochromatic
flux (f×) to obtain the angular diameter. With
this value of the angular diameter and the in-
tegrated observed flux (f), the integrated emit-
ted stellar flux (F) and hence the effective
temperature can be derived. The derived effec-
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tivetemperatured pendsonlyratherweaklyon
themodelused.Furthermore,sincetheratio
of IR fluxto totalfluxvariesroughlyas Tff 3,
the method is quite powerful in determining the
temperature even in the presence of imprecision
in the models from missing opacities, inexact
opacity treatment, or imperfect match in chemi-
cal composition. The necessary equations have
been combined into an especially convenient
form (Blackwell et al., 1980). From photomet-
ric measurements on 62 giant stars from spec-
tral class KI through M6, Tsuji (1981a) used
L-band photometry for the IR fluxes to deduce
effective temperatures. The resultant tempera-
ture scale agrees quite satisfactorily with that
deduced from angular diameters (Ridgway et
al., 1980b). A minor difference is that Tsuji
found evidence for a plateau at Tff = 3800 K
for stars of spectral types M0 through M2 and
speculated that, in this spectral range, luminosi-
ty might affect the spectral classification in such
a way that stars of identical temperature but
differing luminosities were assigned different
spectral classes. (The reader may detect a minor
inconsistency here, because the values of Tff
calculated from the models do not show a
gravity dependence.) Although a slowing of the
steady decrease of Tef f with spectral type can-
not presently be excluded by angular diameter
data, Keenan (1982) has demonstrated that
there is a steady progression of color and spec-
tra of Fe, Cr, and TiO lines through these spec-
tral classes.
Another crucial issue, noted but not resolv-
ed by Tsuji (1981c), arises from the masses of
the M giants inferred from various luminosity
measurements and his effective temperatures.
In the resultant HR diagram (Figure 12, Tsuji,
1981c) the K-M giants scatter along the theo-
retical evolutionary track for a star of 3 solar
masses, yet present knowledge of the luminosity
and initial mass function appears to establish
that most of these stars must have masses near
1 solar mass (Scalo et al., 1978; Scalo and Mil-
ler, 1979).
Based on the Johnson et al. (1980) models
of K and M giants described earlier, Piccirillo
et al. (1981) calculated Wing color temperatures
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and compared the relation between T and Teff
with that obtained from previous work. The
original calibration of T against Tff is semi-
empirical (Ridgway et al., 1980b). As is clear
from Figure 7-13, in their respective ranges of
overlap, the models of Gustafsson et al. (1975)
and Bell et al. (1976a), of Tsuji (1978a), and
of the Indiana group (Johnson et al., 1980)
agree well with the semiempirical relation. This
agreement of the three sets of theoretical
models with the semiempirical relation con-
stitutes the most convincing evidence that
theoretical models of early M giants are basical-
ly correct. Piccirillo et al. (1981) further
demonstrate that the difference between T
c
and Tff is due to a multitude of weak TiO
lines, unseen even at fairly high spectral resolu-
tion, which depress the stellar flux by signifi-
cant amounts in the region of the short-
wavelength continuum filter at 7540 _ (Wing,
1981).
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Figure 7-13. The relation between Wing color
temperature and effective temperature for K
and M giants. Solid line is the semiempirical re-
lation (Ridgway et al., 1980b); symbols repre-
sent results obtained from model calculations
by three different groups (Gustafsson et al.,
1975, and Bell et al., 1976a; Tsuji, 1978a; John-
son et al., 1980). Note that the points calculated
without TiO absorption appear to follow the
equality line. References are given in the text
(from Piccirillo et al., 1981).
Results from the first comprehensive com-
parison of colors from models of K-M giant
stars and observations are also quite encourag-
ing (Steiman-Cameron and Johnson, 1985).
Magnitudes on the VRIJHKL broadband
system and on the wing narrowband system
have been computed for the models of Johnson
et al. (1980) and compared to observations.
Figure 7-14 shows a comparison of effective
temperature against the TiO band strength in-
dex computed from the Johnson et al. models,
compared with the relations of Ridgway et al.
(1980b) and Tsuji (1981a). We note that the
Ridgway et al. curve is semiempirical (the best
fit by eye through the observed points shown),
the Tsuji curve is also semiempMcal since it uses
Tff deduced by the IR method and TiO
measured for the corresponding spectral
classes, and the Johnson et al. curve is purely
theoretical. The agreement is quite satisfactory,
certainly within the large observational scatter,
down to a temperature of 3500 K, below which
the theoretical TiO band strengths are too
weak. Steiman-Cameron and Johnson (1985)
have considered several possible effects to ex-
plain the discrepancy at lower temperatures, in-
cluding dissociation of TiO by chromospheric
heating, increasing effects of sphericity as the
luminosity increases and the surface gravity
decreases toward cooler stars, changed thermal
structure due to possible carbon enhancement
in the cooler stars, and a variation of radius
with wavelength. (A chromospheric effect ap-
parently exists (Steiman-Cameron et al., 1985).)
In any case, the excellent accord for early M
stars is reassuring.
Carbon Stars and S Stars
What of the fascinating peculiar red-giant
stars--types N, S, and R? Most model calcula-
tions are so recent that time has not allowed
careful comparison with observations, and such
comparisons remain a pressing need. The as-
surance we could give earlier that predictions
from classic thermal models for early M giants
were in reasonable accord with observations of
the continuous flux, and that reasonable values
of angular diameters and temperatures could
be deduced on the basis of model fitting, can-
not be repeated for the cooler stars.
The French group (Querci and Querci, 1976)
compare two of their triple-alpha-enriched
carbon-star models with the observed broad-
band colors of 19 Psc and UU Aur. The fit for
a model with Tff = 3600 K to UU Aur is fair,
and the theoretical predictions fit better than
the blackbody curve, especially in the 0.8- to
1.6-#m region. The flux curve for 3000 K
matches almost as well, but is disfavored by
Querci and Querci because of a poor fit to the
observed spectrum. All models predict excess
fluxes in the blue part of the spectrum.
Altogether, the comparison leaves much to be
desired because the fit is only fair, and the tem-
perature deduced from the best fit--Trf =
3600 K for UU Aur for the triple-alpha compo-
sition-appears to be considerably too high
(Ridgway et al., 1980a; Tsuji, 1981b). A lower
temperature is obtained for a model based on
CNO processing, but synthetic spectra are then
in conflict with observations. One is hard
pressed, as were Querci and Querci (1976), to
select from a large number of choices the spe-
cific causes for the relatively poor fits--possibly
including at least incorrect chemical composi-
tion, neglected opacities, and neglected convec-
tion.
In a bold extension of his earlier work on
M giants, Tsuji (1981b) used the available mod-
els of carbon stars (Querci et al., 1974; Querci
and Querci, 1975a) and the L-band observa-
tions of Noguchi et al. (1977) to deduce a
temperature scale for N-type carbon stars by
the IR photometry method described earlier. In
this case, it was necessary to correct theoretical-
ly the L-band observations for molecular ab-
sorption due to HCN and CO. The resulting
temperatures are in satisfactory agreement with
the six obtained by lunar occultation angular
diameters (Ridgway et al., 1980a). Tsuji (1981c)
further demonstrates that several broadband
colors of carbon stars can be understood on the
basis of this effective temperature scale.
Recently, NASA/Ames Research Center
spectrophotometry of 10 non-Mira S stars and
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Figure 7-14. The relation between effective temperature and spectral type (TiO band strengths)
for K and M giant stars. Shown are the observations, the semiempirical curve which best
fits the observations (Ridgway et al., 1980b), the semiempirical relation from IR photometry
(Tsuji, 1981a), and the theoretical fit by the models of Johnson et al. (1980). (From Steiman-
Cameron and Johnson, 1985.)
fluxes from theoretical models (Johnson, 1982)
have been compared in an attempt to calibrate
a temperature scale for S stars (Augason et al.,
1985). Effective temperatures have been ob-
tained both by model fitting and by the method
of IR photometry; results from the two meth-
ods are in good agreement. An example of the
observed and calculated spectrophotometry for
the warm S star, HD 35155, is shown in Figure
7-15. The relative strengths of the fundamen-
tal and the first overtone bands of CO do not
agree well (a problem we have met before). The
keen observer will also note the unusual flat-
topped region near the maximum of the H-
peak at 1.67 _m, which differs strikingly in ap-
pearance in S and C stars. If the observations
were extended to shorter wavelengths, an ex-
cess of flux in the visual and ultraviolet spec-
tral regions from the model would also be no-
ticed, and comparisons of the theoretical flux
curves to the observations of cooler S stars are
not as good as the fit shown. Also, ZrO is not
included in these models, and ZrO bands are
prominent in the comparison. Although judg-
ment is left to the reader, it is clear that prog-
ress is being made in understanding even these
complex objects by thermal models.
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Figure 7-15. Comparison between spectropho-
tometry of an early S star and predicted flux
from an Indiana model (from Augason et al.,
1985).
A similar study has been made of the car-
bon star, Y CVn (C5,5), based on extensive
photometry (Goebel et al., 1980). A good fit
to the entire spectral range 0.5 to 5.0 _m is ob-
tained for theoretical fluxes from models
(Querci et al., 1974; Querci and Querci, 1975a).
Not only is the continuous spectral energy dis-
tribution well matched, but the molecular band
strengths of CN and C 2 are satisfactory.
Whether the effective temperature is correct,
is not yet clear, however, and one must be cau-
tious of extrapolating general conclusions from
an isolated case.
Broadband photometry, which is often the
only data available on a given star, carries a
minimum amount of information, and the
power of observations of one star to constrain
the parameters of models is very weak. The
power of photometric observations of many
stars with differing properties to constrain a
series of models is considerably enhanced. Nar-
rowband photometry and spectrophotometry
are considerably more powerful tools. Al-
though we await eagerly such complete spectro-
photometry for a wide variety of M, S, and C
stars, we must be cautious, because unlike
warmer stars, essentially all stars of interest
here are variable. Combining observations
taken at random phases--sometimes of neces-
sity--introduces a significant uncertainty into
the results.
We conclude that thermal models of the
classic variety are able to reproduce the con-
tinuous flux curves of giant stars of solar
composition in spectral classes M0 through M5.
Progress is also apparent for S stars, especially
the warmer ones. Testing of C-star models is
just beginning. Many further improvements on
models are necessary. Continually updated
opacities are needed. More molecular lines may
be needed for familiar molecules (the huge
numbers of weak lines), and opacities from ad-
ditional molecules should be included. For cool
M stars, the lack of an accurate opacity for
H20 is perhaps the single greatest impediment
to further progress, but VO is also important.
In S stars, ZrO may be important. In cool car-
bon stars, one must add HCN (Eriksson et al.,
1984; Tsuji, 1984; JC_rgensen, 1985), C2H 2,
and perhaps C2H, C3, and SiC 2. Perhaps we
should look at SiO, CS, SiS, Fell, HCI, AICI,
and CaCl--the list could be long.
It is also in these coolest M, S, and N stars
(especially the M stars, according to Scholz and
Tsuji (1984)) that the effect of sphericity is ex-
pected to become important as the gravity de-
creases with the increase in radius during these
late stages of stellar evolution. It is encouraging
to note the progress being made by the Heidel-
berg group and the Japanese workers. Some of
our fitting or lack of fitting could be pro-
foundly changed as a result of sphericity. How-
ever, a gulf still exists here. The model makers
who use plane-parallel models have the exten-
sive opacity data and, understandably, continue
their zealous research with these models. Surely
there is much room for that. The spherical
models have generally been converged with rel-
atively crude opacities. It is time for a merging
of forces--of those that have the good opacities
with those that have the good spherical codes.
SPECTRAL LINES
There are at least three vital questions, the
answers to which will be essential as we con-
sider to what extent line profiles from classic
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thermalmodelsmatchobservationsof real
stars.Howcanonejudgequantitativelygood-
nessof fit?Can one isolate the specific reason
for the lack of perfect fit? What can one deduce
regarding physical conditions in the stellar at-
mosphere from various lines? The questions are
especially pertinent to red-giant stars, in which
variability is known and departures from plane-
parallel geometry, LTE, and homogeneity are
expected. Present progress in answering these
questions for K giants can be learned from the
detailed review of the conference on Arcturus
(Trimble and Bell, 1981). Much less work has
been done on the red-giant stars. In addition,
spectral lines in supergiants are remarkably
broad, and considerable macroturbulence must
often be invoked to match observations.
An example of attempts to deduce 12C/13C
ratios in carbon stars will illustrate the problem
in answering definitively the foregoing ques-
tions. Values obtained for the well-observed N-
type star, V460 Cyg, from excellent high-reso-
lution spectra by several methods make an en-
grossing story: (1) 100, from a pseudo-curve-
of-growth and the isointensity method (Fujita
and Tsuji, 1977); (2) 9, from the Minnaert semi-
empirical formula (Climenhaga et al., 1977); (3)
32, from a curve of growth (Dominy et al.,
1978); (4) 24, from spectral synthesis and a
model atmosphere (Johnson et al., 1982); (5)
22-29, from a careful reapplication of the Min-
naert formula (Little-Marenin and Little, 1984).
The precise values are of less importance in this
discussion than the fact that crude methods and
atmospheres gave results as good (or bad) as
those for better atmospheres. We are evident-
ly in the awkward position of admitting that
crude model atmospheres can sometimes both
produce good fits to fine observations and per-
mit the inference of useful quantities about the
star. Apparently, fitting observed spectra is a
necessary, but not sufficient, condition for ac-
cepting a thermal atmosphere! Clearly one
needs tougher tests for atmospheres: broader
spectral intervals, lines from several atoms,
ions, and molecules and lines spanning a larger
range in region of formation (hence tem-
perature). Otherwise, in the absence of fairly
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strong constraints, goodness of fit to average
lines is a very weak criterion for the identity of
the model with a real star.
A useful illustration of the problems of de-
ducing stellar parameters from a comparison
of observed and synthetic spectra is provided
by the pioneering attempt to determine H, C,
N, and O ratios in UU Aur and Y CVn (Querci
and Querci, 1976). Such comparisons, the best
of which is illustrated for UU Aur in Figure
7-16, provide some reassurance that the models
generally have a correct thermal structure, but
uncertainty in other parameters do not allow
a more detailed test. For example, the models
shown give Lff _ 3600 K for UU Aur, yet this
is much higher than temperatures inferred for
similar N-type stars (Ridgway et al., 1980a;
Tsuji, 1981b). Compositions enriched in C
(called PL in Figure 7-16) fit generally better
than those with CNO-cycle compositions
(called DE), but line and band f-values are not
sufficiently well known to extract more precise
information concerning H, C, N, and O
abundances. Although the influence of gravity
on line profiles is quite small, it increases
slightly toward the lower temperatures. Its in-
fluence varies somewhat from band to band;
for example, CO and CN behave oppositely,
and each behaves differently for PL and DE
compositions. Because only one value of the
turbulence, v = 5 km/s, was used, little infor-
mation can be deduced from it. Reasonable
overall fits to observed spectra of both stars in
three spectral regions could be obtained, and
the lack of better matches can also be attributed
to imprecision of molecular data as to deficien-
cies in the atmospheric models. We will find
other examples of this sort of impasse.
In their comprehensive study, Gustafsson
and Bell (1979) compared LTE synthetic spec-
tra from their models for G and K giants to
observed spectra for several wavelength bands;
the overall fit is fairly impressive.
An attempt at a more objective approach to
the comparison of synthetic and observed spec-
tra was applied to five carbon stars (Olson and
Richer, 1979) to infer the values of X(CNO),
turbulent velocity, and _3C/12C by minimizing
theresidualsbetweenobservedspectrandsyn-
theticspectrabasedonearliermodels(John-
son,1974).Suchdifferencesdependcritically
onaccuratevaluesfor wavelengthsandother
molecularparameters,andperhapsthemethod
waspushedabit beyondtheprecisionof the
data.Yetsuchmethodsappeartoholdconsid-
erablepromiseforthefutureasbetterobserva-
tionalandmoleculardatabecomeavailable.
Ourpresentinterestcentersonthegoodnessof
thefit. Theauthorsnotethattheirsynthetic
spectrafit verywellthe highdispersion(13
A/mm)observationsof TXPsc,ZPsc,X Cnc,
UUAur,andY CVnintheregion7800to8300
A forreasonablevaluesoftheparameters.Un-
fortunately,however,noabsolutecriterionex-
istsfor judginggoodnessof fit. Oneof the
parametersdeterminedbyfittingisthemicro-
velocity.Thevaluesderivedby Olsonand
Richer(1979)areall subsonic( Vs = 5 km/s)
and significantly lower than values obtained by
other workers.
We await the results of a more extensive
study of _2C/13C in approximately 30 N-type
carbon stars from infrared Fourier transform
spectrometer spectra and synthetic spectra from
unpublished atmospheres (Lambert, 1984;
Eriksson et al., 1985; Gustafsson, 1985).
One of the more significant results to come
from spectroscopy of peculiar red-giant stars
concerns the discovery and strength of the
quadrupole lines of H 2 in the infrared (cf.
Lambert et al., 1973; Hall and Ridgway, 1977;
Goorvitch et al., 1980; Bragg et al., 1982; Jen-
nings et al., 1984). The 1-0 S(1) line of H 2 at
2.1/zm--the line most often studied because of
its strength and its location in a clear region of
Figure 7-16. Spectra of the carbon star UU Aur and synthetic spectra from theoretical models with
compositions representing triple-alpha-enriched material, by the French group (from Querci and Querci,
1976).
355
the spectrum--hasbeendetectedand its
strengthfollowedthroughoutthecyclein the
twoSMiras,Chi CygandRAnd (Halland
Ridgway,1977;Hinkle,privatecommunica-
tion,1983).Thesamelinehasbeendetectedin
thecarbonstars,V CrB, U Cyg, RZ Peg, and
WZ Cas, but is not present in eight other N-
type carbon stars, most of which are irregular
or semiregular variables (Johnson et al., 1983).
In a parallel investigation, Tsuji (1983) found
no trace of this line in any M giant star, even
though he studied stars as cool as RZ Ari (M6),
WX Vir (M7), and RX Boo (M8). These results
are even more unexpected because the line is
predicted to be strong by published model at-
mospheres (Querci et al., 1974; Johnson, 1982;
Tsuji, 1978a) in all stars of this temperature
range. Several possible causes for the nonap-
pearance of the H 2 line in carbon stars have
been suggested (Johnson et al., 1983): (1) the
temperature scale for carbon stars is too low
by 500 to 800 K; (2) the models are in-
accurate--the most important deficiencies be-
ing the assumption of a plane-parallel geometry
and the neglect of the opacities of polyatomic
molecules; (3) H 2 might be dissociated by
chromospheric heating; (4) H 2 might be
underabundant because of some nonequi-
librium process; (5) non-Mira carbon stars
might be hydrogen-deficient. Several of these
considerations apply to the M giant star as well.
At the moment, the source of the discrepancy
is unclear. The claim has recently been put for-
ward that the strength of the O-O S(1) line of
H 2 is correctly predicted in N-type carbon
stars by atmospheres with HCN opacities
(Eriksson et al., 1984). The outer atmospheres
of cool carbon stars are undoubtedly complex
and variable thermodynamic regimes, and we
suspect that a full understanding may entail a
lot more work.
All of this is not directly relevant for testing
thermal atmospheres because only the presence
or absence of the line is at stake, and that alone
is not a strong criterion for the goodness of the
atmosphere. The H 2 quadrupole lines are ex-
cellent diagnostics for the temperature and den-
sity of the upper photosphere, however, and
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careful observations of these lines at various
phases in several stars are urgently needed.
DIAGNOSTIC FEATURES
Having discussed in some detail the (relative-
ly rare) comparisons of model predictions with
observations, we now consider attempts to in-
fer from observations, perhaps with the aid of
model atmospheres, specific characteristics of
a star. In other words, how can one infer for
a particular star the value of a specified
property?
An excellent general overview of the
strengths and weaknesses of traditional
methods of using model atmospheres to infer
(or diagnose) values of effective temperatures
and surface gravity for stars of all types is that
of Pecker (1973). Curves of growth are fre-
quently used, and many good discussions of
these are available, including both general
references (Aller, 1960; Gray, 1976; Mihalas,
1978) and specific discussions of the use of
curves of growth with atmospheres. Required
reading for this section is the comprehensive
and sobering review of progress in determining
effective temperature, surface gravity, micro-
turbulent velocity, chemical composition, and
mass for Arcturus (Trimble and Bell, 1981).
Uncertain as these quantities are for Arcturus,
they are far less certain for red-giant stars, for
which observations are much less complete or
accurate. Furthermore, red-giant stars are vari-
able. Alksne and Ikaunieks (1981) have sum-
marized some of the problems for carbon stars.
Effective Temperature
Effective temperature determinations for
red-giant stars will continue to be based, into
the foreseeable future, on measured angular
diameters and integrated flux curves. Angular
diameters are currently best obtained for the
red-giant stars from lunar occultation (cf.
Ridgway et al., 1980b), and this will continue
to be the case for some time. However, in-
terferometers operating in the infrared and later
in thevisual--perhapsfromspace--willeven-
tuallybedeveloped,leadingto a newbreak-
throughin our knowledgeof stellaratmo-
spheres.Althoughthe conceptof effective
temperaturewill losesomeof itsmeaningfor
thecoolestandmostextendedstarsif theirradii
arefoundto dependonwavelength(Bonneau
etal., 1982;Balegaetal., 1982),theeffective
temperaturewillcontinueto beused.Because
uncertaintyin thetemperaturecanmaskseveral
otherproblems,includingbadmodels,itsdeter-
minationisamatterof primeimportance.We
commendthosewhohavetirelesslypursuedthis
researchovertheyearsandencouragethemto
continuetheir efforts,improvingthemwhen
possiblebyobservingat severalwavelengths.
The uncertaintiesof both the lunar-
occultation method and the reduction of such
data have been carefully described (Ridgway et
al., 1980a). We reiterate here a warning for the
observations of red-giant stars, most of which
are variable. Broadband colors of the cool
carbon star, AQ Sgr, measured as part of a ma-
jor photometric program (Walker, 1979), for
example, are noticably different from re-
measurements of the same star at the time of
a lunar occultation (Walker et al., 1979). For
determining effective temperature, therefore,
the photometry for these variable stars should
be obtained at the same time as the angular
diameter.
Effective temperatures have been obtained
by the method of infrared photometry (Black-
well and Shallis, 1977; Blackwell et al., 1980)
for both M giants (Tsuji, 1981a) and cool car-
bon stars (Tsuji, 1981b). Values for Tff de-
duced in this manner are in good agreement
with those obtained from angular diameters as
described earlier. As infrared spectrophotom-
etry becomes available, temperatures can be ob-
tained from an application of the IR method
at several wavelengths, thus reducing any possi-
ble error. Such a project should be given high
priority since it can be done with existing equip-
ment and models.
A paper which calibrates the relation of the
visual surface brightness (VSB) to (V-R) color
and claims to extend this relation to stars of all
spectral types and luminosity classes (Barnes et
al., 1978) has already been noted (see also
Eaton and Poe, 1984). Although primarily con-
ceived to yield angular diameters, the method
also gives effective temperatures when bolo-
metric corrections are available. The validity of
the method for the red-giant stars of this vol-
ume has not been securely established because
of the paucity of angular diameters and the
variability of these stars. The VSB method has
been used to determine effective temperatures
for R stars (Dominy, 1984) and has been reex-
amined for N-type carbon stars (Johnson, pri-
vate communication, 1984).
While modelfitting is commonly used for
deducing effective temperatures of hot stars, its
application to red-giant stars has been delayed
by the scarcity of both realistic models and in-
frared spectrophotometry. A single published
example employs the N-type carbon star, Y
CVn, for which a temperature of Lff = 2600
K was inferred by fitting fluxes from model at-
mospheres (Querci et al., 1974) to the observed
infrared flux curve (Goebel et al., 1980). Ef-
fective temperatures for 10 non-Mira S stars--
ranging from 2800 to 3600 K--have also been
obtained from infrared spectrophotometry by
both model fitting and IR photometry (Auga-
son et al., 1985). As additional fluxes from
(present and future) theoretical models are
calculated and more extensive spectrophotom-
etry becomes available, model fitting should
prove to be a powerful tool for deducing ef-
fective temperatures.
Color temperatures, such as (R + I) -
(J + K), calibrated by comparison with M giants
(Mendoza and Johnson, 1965) or by black-
bodies (Scalo, 1976; Walker, 1980), have been
used for carbon stars, and certainly have their
utility today in the absence of more fundamen-
tal calibrations. Narrowband photometric col-
ors (cf. Baumert, 1972) may yield more precise
temperatures. Additional insights on the rela-
tion of colors and effective temperatures for
carbon stars is given by Alksne and Ikaumieks
(1981), Tsuji (1981c), and Alksne et al. (1983).
All of these authors find broadband colors to
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begenerallywellcorrelatedwitheffectivetem-
peraturesdeducedforcoolcarbonstars.Anop-
posingview,basedonstudiesof carbonstars
in our Galaxyandthe MagellanicClouds
(Cohenetal.,1981),holdsthatinfraredbroad-
bandcolorsaremoreindicativeof composition
than of effective temperature. What is really
needed, of course, is a calibration of either
broadband or narrowband colors (Ridgway et
al., 1980b; Wing, 1981) in terms of effective
temperatures for all types of red-giant stars, so
that these colors may be conveniently used to
gage the effective temperature.
A comprehensive scheme for determining
the atmospheric parameters necessary for an
abundance analysis of G and K giant stars by
spectral synthesis or by equivalent widths and
a fine analysis, both depending on good model
atmospheres, has been described in several pa-
pers (Luck, 1979; Luck and Bond, 1980). After
a microturbulent velocity has been chosen from
a curve of growth, the effective temperature is
fixed at the value so that the Fe abundance
derived from both Fe I and Fe II lines shows
no dependence on the excitation potential of the
lower level of the atom. The estimated error in
the temperature determined by this means is
about _+0.05 in 0 -- 5040/T for early M giants,
or about 150 K (Luck and Bond, 1980). No Fe
II absorption lines appear in the spectra of M
giants, however, and therefore the temperature
determinations must be based solely on lines of
Fe I. Observational evidence for departures
from LTE in the K0 giant star, Pollux, has been
presented by Ruland et al. (1980), and the ex-
tra precautions against using lines from low-
lying levels of Fe I is described by Luck (1982).
A further instructive example is the detailed
discussion of the derivation and uncertainty in
effective temperature, surface gravity, abun-
dance, and turbulent velocity for giant stars in
globular clusters (Pilachowski et al., 1983),
some of which are only slightly hotter than the
red-giant stars of interest in this volume. The
task is, of course, considerably easier in the
globular cluster stars, for which a common
mass (0.8 Mo) can be assumed with less resul-
358
tant error in surface gravity (A log g = 0.25)
than the value deduced from ionization
equilibrium (A log g = 0.50). Departures from
LTE appear to be the probable cause of the dif-
ference in Fe abundance deduced from Fe I and
Fe II. If so, the effect is an overionization of
Fe I, the direction predicted theoretically
(Auman and Woodrow, 1975). Observational
evidence for overionization of Ca in M
supergiants has been presented by Ramsey
(1981).
Effective temperatures for M giants derived
from lunar-occultation angular diameters
(Ridgway et al., 1980b) or from IR photometry
(Tsuji, 1981a) and for M supergiants derived
from a variety of sources have been plotted
against the unreddened V-K color, and that
relation has been used to infer the effective tem-
perature for individual stars for which the (un-
reddened) V-K colors can be obtained (Luck
and Lambert, 1982).
Thermal Structure
Even when the effective temperature of a
star is known, the thermal structure--T(r),
T(P), or T(r)--is a quantity of additional in-
terest. In the Sun, this relation is easily deter-
mined by limb-darkening measurements, but
such measurements are essentially impossible
in stars, except perhaps in special cases (cf. the
discussion of limb darkening for Aldebaran by
Ridgway et al., 1982). Possible methods for
probing the structure of a stellar atmosphere
are few: (1) a flux scan at a fixed wavelength
across the solar or stellar disk, (2) a flux scan
in wavelength from line center to wing across
a strong spectral line, (3) observations at line
center of different lines of a multiplet, (4) a flux
scan in wavelength from the visible part of the
spectrum toward shorter or longer wavelengths,
and (5) the variation in angular diameter with
wavelength. The fourth method probes increas-
ingly shallower layers in the atmosphere be-
cause the opacity increases in both directions
due to atomic lines and Rayleigh scattering at
shorter wavelengths and increasing free-free ab-
sorption at longer wavelengths.
As far astheauthoris aware,noattempt
hasyetbeenmadeto deducempirically,us-
ing theseor anyothermethods,thethermal
structureof evenasinglered-giantstar.All of
ourknowledgecomesfromtheopposingdirec-
tion-comparinglineprofilespredictedfrom
modelswiththoseobserved--inwhichthefits
canbesaidto begood(forexample,seeQuer-
ciandQuerci,1975a;OlsonandRicher,1979;
Johnsonetal., 1982).However,thesefitsare
notgoodenough,noristhephysicsof linefor-
mationsufficientlywellapplied,tobeusedfor
diagnostics.We can perhapssay that the
modelsarenotbadly off in thermal structure;
as we have seen, however, even crude models
of atmospheric structure and line formation
yield profiles in good agreement with obser-
vations.
Ramsey and Johnson 0975) attempted to
find sufficiently rich and strong multiplets to
apply method (3) and invert their line-center
fluxes to find a run of excitation temperature
with depth (Ramsey, 1977). Unfortunately, the
presence of both rotation and (large) macro-
turbulence in real red-giant stars places severe
restraints on the utility of this method (Desi-
kachary and Gray, 1978).
A study of the strong infrared lines of the
first overtone bands of CO in Arcturus (K2 III)
reveals an apparently irreducible discrepancy
between models deduced from CO and those
deduced from Ca II K, forcing a realization
that inhomogeneous atmospheres are upon us
(Ayres and Linsky, 1975; Heasley et al., 1978).
An investigation of these lines in red-giant stars
appears to hold considerable promise for de-
ducing thermal structures.
Of particular interest is the value of the tem-
perature minimum. In the Sun, one sees radia-
tion from the region of the temperature mini-
mum in the ultraviolet (1600/_) and infrared
(130 #m) wavelength regions (cf. Vernazza et
al., 1981; Avrett, 1984). We have almost no
knowledge of this quantity for any red-giant
star except Betelgeuse (Tin = 2700 K), and
even this value is uncertain because of the fail-
ure of any homogeneous chromosphere to
match both Ca II and Mg II line profiles (Basri
et al., 1981). Although Johnson and O'Brien
(1983) speculate that the spectral region near
2850/_ is formed at the temperature minimum
in three N-type carbon stars, no confirmation
by extensive line identification nor atmospheric
modeling has yet been published. We anxiously
await the first identification of the wavelength
region corresponding to the temperature mini-
mum in any red-giant star.
Chemical Composition
Much of the interest in red-giant stars arises
from the unusual composition of their surface
layers. Changes in the composition during the
star's lifetime are vital clues to the processes of
nucleosynthesis and mixing which have taken
place. These processes have been repeatedly dis-
cussed from the point of view of the interior
of the star (cf. Iben and Renzini, 1983, 1984).
Our interest here is in inferring the abundances
from stellar lines. In warmer stars, there is usu-
ally no problem in finding sufficient atomic and
molecular lines to identify and find the abun-
dance of numerous elements, including even
those rare species. In cool stars, the problem
is much worse, and one must be careful to select
those lines which give a valuable diagnosis of
abundance. The lines and methods are carefully
described in several papers (Wallerstein, 1973;
Lambert, 1985; Gustafsson, 1985) to which
readers are referred.
Some of the difficulties involved in abun-
dance analysis of the cool giants are described
by Luck and Lambert (1982) in their attempt
tO extract the Li abundance in 31 M giants and
supergiants. Even after careful calculation, in-
cluding spectral synthesis of TiO lines over a
1000 ,_ spectral band, the level of the contin-
uum near the Li I line remains the largest uncer-
tainty in their analysis.
The well-known difficulties in diagnosing
the chemical composition of carbon stars are
dramatically illustrated by V460 Cyg (earlier
called DS Peg). Repeated analyses of high-
dispersion spectra by empirical pseudocurves of
growth (curves of growth using central depths
rather than equivalent widths) and the isointen-
sity method led to values of 12C/13C -- 100
(Fujita and Tsuji, 1977). Parallel analyses with
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similarlyhigh-resolutionspectrausingtheline-
depthmethodandempiricalpseudocurvesof
growthbyanothergroupyielded12C/13C = 8
(Climenhaga et al., 1977). Later work aimed at
reducing the discrepancy gave values of 32 from
CN and CO (Dominy et al., 1978), of 25 from
spectral synthesis of CN from the same spec-
tra used by Climenhaga et al. (Johnson et al.,
1982), and of 22 to 29 from the same method
as Climenhaga et al. but with different spectra
(Little-Marenin and Little, 1984). Recent work
based on synthetic spectra and new model at-
mospheres which include polyatomic opacities
will provide more reliable values of CNO abun-
dances and isotopic ratios in N-type carbon
stars (Gustafsson 1985: private communica-
tion).
Surface Gravity
Surface gravity not only is important in its
own right but also is useful as a constraint on
the mass, especially since stars of all masses
tend to mingle in that part of the HR diagram
where red giants are found. The emergent flux
from a plane-parallel model is very weakly de-
pendent on the gravity, and excellent observa-
tions for stars for which other parameters (such
as chemical composition and turbulent velocity)
were well known would be necessary to give any
leverage on the gravity. That the gravity of such
a well-observed cool giant star as Arcturus
should be sufficiently controversial to justify
an international conference to investigate the
matter testifies eloquently of our ignorance (cf.
Trimble and Bell, 1981). The uncertainty in
gravity increases as the temperature decreases.
Gravities cannot be directly measured, but
must be inferred from some other quantity,
such as the pressure. A common method is to
adopt for the gravity that value for which the
abundance of a common element, such as Fe
or Ti, is the same when two different stages of
ionization are employed. Finding sufficient
unblended lines from two such stages becomes
increasingly difficult in the coolest stars.
An illustration of the methods and problems
in deducing the surface gravity comes from
slightly hotter stars, in which a comprehensive
scheme for deducing the effective temperature,
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surface gravity, and microturbulent velocity for
G and K giant and supergiant stars has been
outlined by Luck (1979). All of these parame-
ters must be inferred from Fe lines because only
that element is represented by a sufficient num-
ber of suitable lines. The inferred abundance
of Fe depends naturally on the value of all three
of these parameters. One proceeds to choose
that value of the microturbulent velocity for
which there is no dependence on abundance for
moderately strong lines (W- < 200 m/_). That ef-
fective temperature is then chosen for which
there is no dependence of the abundance on the
excitation energy of the lower level of the line.
That value of gravity is then chosen for which
the abundance of Fe as deduced from Fe I and
Fe II lines was the same. One then iterates as
necessary, but this is not usually necessary. Sur-
face gravities in K giant stars deduced by this
scheme have estimated uncertainties of a fac-
tor of 2.
Unfortunately, because Fe II lines are weak
or absent in the spectra of M giants and super-
giants (except for the Fe II emission lines in the
ultraviolet, which are probably circumstellar
(Boesgaard and Boesgaard, 1976)), even the
foregoing scheme is inapplicable, and to the au-
thor's knowledge, no application of the method
of ionization equilibrium to red-giant stars has
been made. In fact, some evidence cautions
against it (Ramsey, 1981). The following pro-
cedure has therefore been adopted by some
workers (Luck and Lambert, 1982; Luck, 1982;
and references therein). The luminosity of the
star, generally estimated from the Wilson-
Bappu effect and a bolometric correction, is
combined with the effective temperature and
compared with theoretical evolutionary tracks
on an HR diagram, from which a mass is in-
ferred. From the mass, effective temperature,
and luminosity, the surface gravity is deduced.
For M stars, the uncertainty in log g is
estimated to be 0.5 corresponding to a factor
of 3 in surface gravity or mass.
An estimate of surface gravity can also be
obtained from the pressure broadening of the
wings of spectral lines--the traditional method
in hotter stars. If the abundance is not accu-
rately known (a common problem in red-giant
stars),thatquantitymustbedeterminedfrom
nearbyweaklinesformedin thesameregion
of the atmosphere as the wings of the strong
line to be used for gravity determination
(Blackwell and Willis, 1977). The method,
equivalent to finding lines on the damping por-
tions of the curve of growth and calculating the
damping constant, and hence the gravity from
these, has not yet been applied to red-giant
stars, but it should be useful if spectral lines
meeting the necessary criteria can be found.
A new method, specifically aimed at stars
with molecular features, has recently been sug-
gested and applied to Arcturus (Bell et al.,
1985). This method attempts to deduce the
gravity from the pressure as the latter is mani-
fested through molecular concentrations--in
this case, MgH. Again, although this is not a
cool star in the sense of the definition of this
volume, the method has obvious application.
Analysis of the Ca II K line core and wings
holds potential for diagnosing the thermal
structure, the turbulent velocity, and perhaps
the pressure of cool outer atmospheres, but it
has not yet been applied to red-giant stars. The
method of formation of the line cores is still
a matter of some uncertainty, with several con-
tending theories in the field (cf. Linsky, 1980):
(1) the width of the emission core (Wo), mea-
sured by Wilson and Bappu (1957) and cor-
related with the absolute visual magnitude of
the star, is formed in the Doppler core of the
line and is therefore most sensitive to the turb-
ulent velocities in the atmosphere; (2) the emis-
sion core is formed in the damping part of the
profile and hence is most dependent on the col-
umn mass above the temperature minimum (cf.
Ayres, 1979); (3) the line is formed in an iso-
thermal layer (no chromosphere necessary) by
the fact of a sharp drop in the source function
as it changes to coherent scattering just outside
the Doppler core (Basri, 1980); (4) the line is
formed by a temperature rise due to an in-
stability caused by infrared CO emission
(Ayres, 1981; Kneer, 1983). Clearly the diag-
nostic value of the line for various parameters
depends on the mechanism of line formation,
and application must await further elucidation
of this mechanism, which may not be the same
in every star.
Is this relevant for red-giant stars? Can we
expect the same processes to hold here? Several
authors have derived empirical relations be-
tween the width (FWHM) for the Ca K emis-
sion and other characteristics of the star (e.g.,
one common formulation, based on 55 stars,
is log W o = -0.22 log g + 1.65 log Lff +
0.10(Fe/H) - 3.69. Other authors find quite
similar expressions (Ayres et al., 1975; Engvold
and Rygh, 1978; Cram et al., 1979), including
some based on theoretical calculations. Sikorski
(1982) has generalized somewhat the relation
found by Cram et al., and Glebocki and Stawi-
kowski (1980) have extended it to include more
fully the dependence of the line width on the
core emission intensity. A similar relation holds
for the Mg II h and k lines (Weiler and Oeg-
erie, 1979). Unfortunately, the dependence on
surface gravity is very weak and is of little value
in stars in which the line itself is weak, as it
tends to be in M giants. No application of these
possibilities have yet been made in our stars ex-
cept for Betelgeuse. The lines were measured
in a few R stars and were used to find the
luminosities (Richer, 1975) and thus confirm
that the R stars were giants, whereas the hy-
drogen-deficient R stars were supergiants. In
fact, incredible as it may seem, no measure-
ment, not even detection, of Ca K line cores
has yet been made in cool carbon stars.
Turbulence
It is remarkable that, in a conference as re-
cent and comprehensive as the IAU Collo-
quium 51 on Stellar Turbulence (Gray and Lin-
sky, 1980), hardly a word can be found on
turbulence in red-giant stars. Understandably,
theories must be tested under the simplest cir-
cumstances and under conditions closer to
those on the Sun, which is the standard astro-
physical laboratory, but the paucity indicates
our present poor knowledge of these processes
in cool giants and supergiants.
Methods for deducing turbulence are the
classic ones, in which an extra broadening
parameter beyond the thermal broadening is
added to the line-absorption coefficient to
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matchthestellarlineprofiles.Thesemethods
aredescribedundersurfacegravitybecausethe
twoareinferredfromthesamedata. Among
early K stars, the macroturbulent velocities ap-
pear to remain near 3 km s-1 for stars with a
range of Mbo t from +4 to -1, whereas for
brighter stars, there is a sharp increase to about
6 km s-1 but with considerable scatter (Smith
and Dominy, 1979). Values are in the range 2.5
_+ 0.5 km s -1 for K and M giants (Luck and
Lambert, 1982) to 4.0 _+ 1.0 km s-l for M su-
pergiants (Luck, 1982). Although values for in-
dividual stars, especially some supergiants, are
somewhat larger than these mean values, they
are generally considerably lower than those
given in the tabulation by Glebocki (1973), at
least partly due to the lower value of turbulent
velocity now accepted in the Sun.
In a study of the lithium abundance in 19
G and K Ib stars, microturbulent velocities of
1.9 to 2.6 km s-1 and macroturbulent velocities
of 4.0 to 9.0 km s-l were determined (Luck,
1977a, 1977b, 1978).
Very few reliable determinations of turbu-
lent velocities in S or C stars have been carried
out, but we note that, in a study of two N-type
carbon stars by spectral synthesis and model at-
mospheres, a microturbulent velocity of 4 to 5
km s-_ and a weakly determined macroturbu-
lent velocity of 5 km s-_ were required to
match the broad lines of the CN 2-0 system in
two N-type carbon stars (Johnson et al., 1982).
With values of turbulent velocities are now
available for several red-giant stars, these have
been derived from a variety of methods and
data and are not of the same precision. Tur-
bulent velocities from Miras vary with phase,
wavelength, and excitation potential because of
their formation in different regions of an ex-
tended and mass-losing atmosphere. Many of
the velocities in the literature are in fact super-
sonic; the sound speed in a red giant of Tff =
3000 K is about 5 km/s, and it varies little for
the conditions described here. Certainly no
claim should be advanced for supersonic tur-
bulence on the basis of any values inferred to
the present, because deficiencies of various
kinds in models and line formation can
362
manifest themselves as microturbulence. There
is also a downward trend of the values as spec-
tra of higher resolution and better models have
been employed.
The turbulent pressure enters the equation
of hydrostatic equilibrium through its contribu-
tion to the total pressure. In a sense, it can be
thought of as a levitating force slightly reduc-
ing gravity. As far as the author is aware, no
attempts have been made to deduce the effects
of turbulent pressure in cool giants. Indeed,
these depend on the same techniques as those
for inferring the gravity and atmospheric ex-
tension, and any information on turbulent
pressure must await more precise measurement
of these other quantitites.
Sphericity
Although sphericity may be important in
many of the coolest red-giant stars (especially
in supergiants and Miras), insufficient knowl-
edge of the influence of other factors makes it
difficult to identify any observational features
that are dependent primarily on extension.
Lines of TiO in the red have been suggested as
especially sensitive to atmospheric extension
(Scholz and Wehrse, 1982). This area of re-
search is just beginning.
Chromospheres, Nonradiative Heating,
Departures from LTE, and Mass Flow
It was envisioned, when this volume was be-
ing planned, that we would now proceed to a
discussion of those spectral features inexplica-
ble by thermal models, which, therefore, were
diagnostic for the nonthermal and nonstation-
ary processes that form the main thrust of this
series of books (cf. Thomas, 1983). As has be-
come painfully clear from at least this chapter,
however, even common observations are still
beyond the explicatory po wets of presen t ther-
mal atmospheric models.
Quasi-thermal models, including chromo-
spheres and departures from LTE, are analyzed
in a succeeding chapter by de la Reza. As in K
giant stars, the best diagnostic features for
stellarchromospheresareemissioncoresinthe
CaII HandK lines,FeII emissionlines in the
ultraviolet (Bidelman and Pyper, 1963; Boes-
gaard and Boesgaard, 1976), emission or excep-
tionally weak or strong absorption in Ha, and
emission in Mg II h and k lines (cf. Linsky,
1980, 1982; Baliunas, 1984; Brown, 1984).
Lines from coronal and transition regions are
generally not seen in red-giant stars because
these stars all lie on the "mass-loss" side of the
line which divides stars with coronae from stars
with mass loss (Linsky and Haisch, 1979; Ayres
et al., 1981). The prime diagnostic for mass loss
is the violet-shifted central absorption compo-
nent in the Mg II h and k lines (Stencel and
Mullen, 1980). This latter requires a high-res-
olution spectrum, and most types of red-giant
stars are too faint for IUE.
Spectra of M giant and supergiant stars al-
most universally show all the foregoing indi-
cators. However, except for the well-studied
star Betelgeuse (Goldberg, 1984, and this vol-
ume), models for the upper photosphere, the
region of the temperature minimum, and the
chromosphere are generally yet in the future (de
la Reza, this volume).
Much less is known about S stars because
they have not been so intensively studied. An
early study found variable Mg II h and k emis-
sion in the S-Mira, Chi Cyg (Cassetella et al.,
1980), and emission in this line (h and k are
blended at the low resolution needed to detect
the ultraviolet emission in these cool objects)
has been reported in several non-Mira S stars
but with a wide range in strength (Johnson et
al., 1984). No high-resolution ultraviolet spec-
trum has been published.
Certain N-type carbon stars have been
known to show Fe II emission lines in the violet
(Bidelman and Pyper, 1963), but no Ca H and
K line data are available (Richer, 1975). Ultra-
violet spectra taken by IUE show weak Mg II
h and k lines in the few cool carbon stars that
are bright enough to detect (Johnson and
O'Brien, 1983). A single high-resolution spec-
trum of TXPsc is now available and under
study. The emission lines in HD 20234 are also
variable (Querci and Querci, 1985).
R stars show Ca II H and K emission cores
(Richer, 1975), indicating a chromosphere, but
low-resolution IUE spectra are remarkably sim-
ilar to those of G and K giants. The early R
stars (R0-R3) show, on low-resolution IUE
spectra, Mg II and Mg I in absorption and no
emission features whatever. Middle R stars (R5)
show either no Mg II h and k line or faint ab-
sorption features. Late R stars (R8) show weak
Mg II emission features similar to those of N-
type stars (Eaton et al., 1985). Only one high-
resolution IUE spectrum has been obtained (the
R0 HdC star, HD 182040), and this shows only
the faintest hint of any emission at h or k.
Chromospheric modeling for red-giant stars
had hardly begun (cf. Avrett and Johnson,
1984) and presents a perfect illustration of a
field ripe for research (de la Reza, this volume).
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QUASI-THERMAL MODELS
Ramiro de la Reza
INTRODUCTION
The atmospheres of giant and supergiant
stars of the M-, S-, C-type appear to be intrin-
sically very different from the late-type dwarfs.
Although M dwarfs possess a chromosphere,
a transition region, and a corona that are qual-
itatively similar to that of the Sun, these lum-
inous giant and supergiant objects appear to be
devoid of transition regions and coronae, but
to be characterized by vast amounts of circum-
stellar matter (Rieu, Lef_vre, and Glassgold and
Huggins, this volume) and often important
mass loss (Goldberg, this volume). As shown
by observations of highly ionized lines in the
ultraviolet with the International Ultraviolet
Explorer (IUE), there are no indications that
plasmas of temperatures of 105 K, correspond-
ing to a transition region, exist. A recent review
on late-type IUE observations is given by Ba-
liunas (1983). The same negative results were
obtained by absence of direct detections of the
X-ray fluxes by means of the Einstein Obser-
vatory Satellite, indicating the absence of co-
ronae (Vaiana et al., 1981). Indirect observa-
tions of coronae made by observing the He I
line at 10830/_ (Zirin, 1982) also gave negative
results. This chromospheric line can be formed
by a photoionization/recombination process,
produced by illumination of a coronal radia-
tion. Moreover, no lines from high stages of
ionization were seen in a short wavelength ex-
posure with IUE of the carbon star, TX Psc,
with an exposure of 7 hours (Johnson and
O'Brien, 1983).
Some recent evidences show that, above the
photosphere, a vast chromosphere could exist
(Stencel, 1982a), at least for the early red giants
and supergiants, extending to several stellar
radii. These chromospheres connect the photo-
sphere to the circumstellar regions. The im-
portant mass loss observed in these stars begins
to operate somewhere in these chromospheres.
If these chromospheres are extended, a new
problem appears: to find the mechanism that
could support them--turbulence? magnetic
field? The answers are not definite.
In our discussion and construction of quasi-
thermal models, we will relax the local thermo-
dynamic equilibrium (LTE) assumption in
photospheres and chromospheres. In general,
hydrostatic equilibrium will be valid
everywhere. Radiative equilibrium is valid in
the photosphere, but this will no longer be the
case in the chromosphere. Some velocity fields
are, in this context, sometimes "ad-hoc"
parameters, existing for empirical purposes
only. In reality, our knowledge of turbulence
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in thesestarsismeager;theempiricalcurve-of-
growthmicroturbulenceis,in general,incon-
venientlysupersonicn someouter layers.
The Mira characteristics (M. Querci, this
volume), which will be discussed in the section
Shock-Wave Gas Dynamics and Pulsation
Theory, are more appropriate for a non-
thermal concept. In this case, the velocities are
no longer ad hoc parameters, and the shock-
wave velocities that can exist in those stars are
large enough to produce aerodynamic dissipa-
tion. In any case, the complete nonthermal
models for Mira and non-Mira-type giant and
supergiant cool stars will be obtained in the
future when a consistent solution of the
dynamic-transfer problems will be found.
Another important characteristic of the
present models is that they are one-component
models, and the probable existence of surface
inhomogeneities is not taken into account. We
know that large inhomogeneities exist in the at-
mospheres of the Sun and of the late-type
dwarfs. Giant cells are predicted to exist in the
late-type giants (Schwarzschild, 1975), but to
the present time, no satisfactory observational
evidences of these cells have been advanced
(see, for example, Johnson, this volume). One
possibility for future development of multicom-
ponent atmospheric models can be made by a
simultaneous diagnosis of the hotter and cooler
components of the atmosphere, for instance,
by the Mg II emission and by the CO fun-
damental vibration and rotation bands, respec-
tively. (See Heasley et al., 1978, for an
analogous study of Arcturus.)
Two main regions are important for these
stars: the photosphere and the chromosphere.
In view of the observational evidence of the
absence of a high-temperature plasma, no tran-
sition regions and coronae are considered. The
section Photospheres is devoted to the discus-
sion of non-LTE effects in photospheres. In the
section Chromospheres, we discuss the recent
research on the chromospheres of these types
of stars. In the section Shock-Wave Gas
Dynamics and Pulsation Theory, we discuss
elementary shock-wave and pulsation theories
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and their applications to Mira long-period
variables.
PHOTOSPHERES
Our approach to the study of quasi-thermal
photospheres will consist of relaxing the LTE
hypothesis. In the subsection Kinetic
Equilibrium Line Formation, we consider the
non-LTE line-formation theory in photo-
spheres. In the following subsection, we will
discuss the metal ionization equilibrium and an
application to a typical carbon-rich star photo-
sphere.
Kinetic Equilibrium Line Formation
The main purpose of this subsection is to
calculate a theoretical stellar spectra starting
from a given atmospheric model representing
the photosphere. This model consists essentially
of a distribution in height of the kinetic tem-
perature, gas and electronic pressures, and con-
tinuum opacities. The validity of the Max-
wellian velocity distribution of particles pro-
voking the collisions is assumed. Non-LTE line
formation using this assumption has received
the name "kinetic equilibrium" (KE) line for-
mation (Athay, 1972).
Statistical Equilibrium. By definition, the
statistical equilibrium equation relates the pop-
ulation numbers of different levels of the atom
(n i) to the rates causing changes in this
population. Note the important assumption
that dn i/dt = 0. Considering an atomic
model of N bound levels and a continuum (k),
the statistical equilibrium equation can be writ-
ten as:
N
= _ nteli + nk eki ,
I=1
(8-1)
where P = R + C, and R and C are the
radiative and collisional rates, respectively. The
upwardrate is the excitationbetweentwo
boundlevels(i, l) or the ionization for a bound-
free transition (i, k). The respective inverse pro-
cesses are the deexcitation and recombination.
The total number density of the atom is given
by the particle conservation equation,
N
n t°t = E nl + nk ' (8-2)
/=1
where n k is the number density of ionized
atoms. Assuming that nrot is known and that
the total rates can be calculated, the equations
can be solved to find the populations n t and
B k •
The radiative photoionization and recom-
bination rates depend on the mean intensity of
radiation Jv by the following expression:
Rtk = 4_ h'-"v al (v) Jvdv , (8-3)
1
where a / (v) is the photoionization cross sec-
tion and vk/ is the ionization threshold
frequency.
If Jv = By (Te )' B being the Planck func-
tion, the recombination rate can be calculated
(see, for example, Mihalas, 1978) by
n;
Rkt n* Rlk '
k
(8-4)
where n*/n* k is given by the known Saha-
Boltzmann equation. Knowing the collisional
ionization rate, Ctk, a relation similar to (8-4)
can be used to calculate the collisional recom-
bination rate, Ckr Radiative and collisional ex-
citation rates can be calculated by classical rela-
tions using the Einstein radiative coefficients
and Maxwellian distribution of level popula-
tions (see also Mihalas, 1978).
For two levels i and j, the line-source func-
tion is defined as:
S L
_ni
gi nj
(8-5)
g being the statistical weight. This last expres-
sion can always be written in the form (using
relation (8-1)):
S L =
f ,b J dv + e l¢
v v (8-6)
l+e
cI,v being the normalized absorption profile.
This expression contains three fundamental
physical processes: (1) the diffusion term,
J CbvJvdV, (2) the source term or creation of
line photons, eB', and (3) the sink term or
destruction of line photons, e.
Transfer Equation. In reality, S L and Jv are
related by the equation of radiative transfer,
measuring the change in distance of the inten-
sity of radiation I v, making an angle 0 (# =
cos 0) with the normal to the surface:
dI
ta _ = - k v (I v - SL)
dz
(8-7)
If we write the line-absorption coefficient as
k_= Lko _v' where _v = ¢'v/4_o' we obtain the
total monochromatic optical depth defined by:
dr = (¢_ + ro) dr o , (8-8)
where dr ° = kLdZo and r° = kC/ko L. The
transfer equation is then written as:
dlv -.I _ St , (8-9)
la dr v
S r being the total source function.
4_v SL + r o Sc
s = , (8-10)
t _v + Fo
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whereC refers to the continuum. The line-
source function S z, as written in relation (8-6),
admits the validity of the complete redistribu-
tion of line photons (i.e., the emission profile
is equal to the absorption profile). S z is then
not frequency-dependent. The main goal of the
KE line formation consists of solving
simultaneously the statistical (8-6) and transfer
(8-9) equations, specifying the boundary con-
ditions and the geometry of the medium.
Applications of KE Line Formation
in LTE M-C Photospheres
Very few works have been devoted to the KE
line formation in photospheres of late-type
giants and supergiants of the M-C type. This
is not the case of the slightly hotter stars of type
G and K, which have received much more at-
tention. Regarding the cooler types, the main
work is related to the abundance determination
of lithium. The importance of this element as
an indicator of the internal and atmospheric
evolutionary state of these stars is well known.
Due to the relative ease of creation and destruc-
tion of this element, very large abundance dif-
ferences can be found in these stars. These
abundances vary from values smaller than the
solar abundance to the extremely large values
found in the "super lithium" C stars: WZ cas,
WX Cyg, and TAra. In the latter case, Li can
no longer be considered as a trace element.
However, abundances for these stars are not
welt known because they depend on solutions
of the excitation/ionization problem described
above, and these are not yet available.
Lithium Line Formation of M-C Giant
Photospheres. Recent work on Li abundance
determination in M-type photospheres has been
undertaken by Luck and Lambert (1982), us-
ing improved observational data and based on
model photospheres taken from the grid of
Johnson et al. (1980). They used the complete
linearization KE method code (Auer et al.,
1972) to calculate the non-LTE abundance of
Li with an atomic model of four levels plus con-
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tinuum (Luck, 1977). Using an empirical solar
line blanketing adapted to late-type giants, they
found no non-LTE effects giving abundance
differences for Li larger than 0.1 dex, sug-
gesting that, because of the reduction of the
ionizing field by line blanketing, non-LTE ef-
fects are not important in the ionization balance
of Li in early M giants and supergiants. This
work is based on the resonance Li I line at
X6708. It would be desirable for future Li
studies to attempt to observe and use the subor-
dinate Li I line at X6103. This weak line has
been identified by A. M. Boesgaard (Merchant,
1967) in early high-luminosity M stars.
Concerning the carbon-enriched photo-
spheres, de la Reza and Querci (1978) per-
formed KE calculations for the neutral lithium
lines. The method they employed for solving
the radiative and transfer equations is the in-
tegral flux divergence method (Athay and
Skumanich, 1967; Athay, 1972). An atomic
model of four levels and a continuum was also
used. The photospheric LTE models were taken
from the grid calculated by Querci 0972) and
Querci and Querci (1975). The effective tem-
peratures had values between 3800 and 3500 K,
g = 10, C/O = 1.3. The photoionizing radia-
tion field and the abundance were considered
to be free parameters. The radiation field had
the purpose of mimicking the effect of possible
chromospheres and of simulating more or less
blanketing. The main results were:
I. Li I is almost completely ionized in all
models with Tef f >3500 K.
2. The ionization is increased in KE.
. Sz >B v (T) in the line-forming region,
except for the case of the resonance
),6708 line with an Li abundance equal
to 10 -8.
. Profiles are sensitive to Li abundance
and the chromospheric radiation tem-
peratures, but not to the possible
presence of graphite grains in the
temperature minimum region.
, Appreciable differences between KE
and LTE were found for X6708 only,
although the Li I line at X6103 is useful
for distinguishing the effects of abun-
dance from those of the chromospheric
radiation field.
. In LTE, to produce lines of Li I as
strong as those observed in the lithium-
rich C stars without enhancing the Li
abundance, would require Tff 2600
K.
Future Li abundance analysis should prob-
ably take into account aspects that have not
been considered in the past: heterogeneities and
spherical symmetry. Recently, Giampapa
(1984) found that an enhanced chromospheric
activity, such as a solar plage, can diminish the
equivalent widths (W×) up to a factor 2 due to
the increased ionization. This agrees with the
observed anticorrelation found between the in-
crease of emission of Ca II K line and the W x
of the X6707 Li line in the Sun. Special care
must be taken when the Li I X6707 line is com-
pared to lines of Ca or Na as, for example, to
the neighbor line of Ca I at 6717/_. A proper
KE analysis must also be made for these com-
parison elements.
Steenbock and Holweger (1984) investigated
the ionization effect of the ultraviolet radiation
field shortward of 3500/_, which controls the
ionization balance of Li. The thermalization ef-
fect of the H-Li atomic collisions was also
estimated. In the case of a typical galactic disk
late-type supergiant, the non-LTE effect
measured by Alog E = log E - log e (LTE) can
be equal to 0.57. This value is reduced by a fac-
tor of 2 if line blocking is considered. Due to
the low densities involved, the thermalization
collisions with H atoms have a negligible effect.
For late-type halo giants of smaller metallici-
ty, the results are similar; however, due to the
larger densities, the thermalization collisions
can be somewhat more important. To examine
the influence of W× on the Li abundance, a
careful comparison must be made between the
works of Steenbock and Holweger (1984) and
Luck and Lambert (1982). Also, spherical sym-
metry must be taken into account, particularly
in the case of late-type supergiants.
KE Line Formation of Molecules. The KE
problem of line formation for molecules in
stellar spectra can be significantly more com-
plex than that for atoms. In fact, the analysis
must contain all the rates of formation and
destruction of molecules. In some cases, the
destruction process, such as photodissociation
of molecules, can be a minor process in the
statistical equilibrium (i.e., the case, for exam-
ple, of the important molecules TiO and SiO
in M stars and CO and CN in C stars). These
molecules have large dissociation energies, and
the corresponding radiation for photodissocia-
tion is located in the ultraviolet (X < 1500 ._),
which is very low in these stars, especially in
the C stars.
Other considerations that limit the ap-
plicability of this analysis are the poor know-
ledge of the cross sections involved and the
numerical intractability of the calculation of a
band formed by hundreds of molecular lines.
An interesting and general work on these prob-
lems is presented by Hinkle and Lambert
(1975). Another work related to the formation
of CO is that of Thompson (1973). The main
conclusions of Hinkle and Lambert are as
follows:
1. Because of the domination of the col-
lisional process, LTE line formation
(S z = B) is the appropriate form for
vibration/rotation transitions occurring
within the ground electronic state.
(These are the transitions found in the
infrared spectra.)
. The equilibrium of the excited electronic
state is radiatively controlled, especial-
ly for late-type supergiants. These lines
would be formed by the scattering pro-
cess (SL = I¢b_Jdv). For an optically
thin absorption line, SL = J_, where JCv
is the local mean intensity in the con-
tinuum. (These transitions are found in
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the visibleand near-infraredstellar
spectralregions.)
Forthethin-lineapproximation,theequivalent
widthswill dependon theratio,J/B v, which
can be very high in the outermost layers of
stars. The equivalent widths will then be lower
than those calculated in LTE. However, for the
lines that are not optically thin, the line-source
function depends on the scattering term,
ICPvJvdv, and the continuum source function.
The line formation will be nonlocal in nature,
and the complete KE equations must be solved.
This complete KE calculation has been made
by Mount et al. 0975) and Mount and Linsky
0975) for the violet CN band in the Sun and
Boo and by Carbon et al. (1976) for the fun-
damental bands of CO in cool stars. All these
investigations found significant departures
from LTE. For late-type stars, SL< B has been
found. Contrary to the thin case, these results
give stronger absorption lines in KE than in
LTE.
The electronic bands, as is the case of CO,
can be found in the ultraviolet. Ayres et al.
(1981) showed evidence of the presence of
fluorescent spectra of CO bands pumped by
chromospheric emissions of O I at X1380 and
C I at X1600. These bands appear as weak emis-
sions near the C II (M335) and C IV (X1550)
features, which are normally indicators of the
presence of a hot gas at 105 K. These authors
then call for caution in the interpretation of
these features in red giants.
Ionization Equilibrium in Pholospheres
Non-LTE effects have always been sus-
pected to exist in the atmospheres of late-type
giant and supergiant stars due to their low total
densities. However, rather than the total den-
sity, it is the free electron density which is im-
portant, because of its contribution to the ex-
citation/ionization collisional process and to
the continuous opacity. The goal of the study
of ionization equilibrium is to determine the
real distribution and effects of the electron den-
sity produced by the electron donors. In cool
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stellar photospheres, instead of H, which is the
fundamental electron donor in chromospheres,
the most abundant metals with low-ionization
potentials are the principal sources of electrons.
These are principally K, Na, A1, Mg, and Ca.
In this respect, very little study has been
directed to these interesting problems in the
photospheres. We can cite only two investiga-
tions: the theoretical work of Auman and
Woodrow (1975) and the empirical work of
Ramsey (1977, 1981). Ramsey compared the
observed ratios of the equivalent widths of the
[Ca II] ),7323 and Ca I ),6573 lines with those
calculated by LTE model atmospheres of late-
type supergiants. A certain discrepancy of these
ratios begins to be detected for models cooler
than 4250 K. This could be interpreted as
evidence of non-LTE effects. However, as Luck
and Lambert (1982) show, the continuum
placement in these spectral regions is difficult,
suggesting an inadequacy of the apparent local
continuum of Ramsey. Nevertheless, we must
not be far from reality, and as the theoretical
work of Auman and Woodrow show, there are
clear indications of non-LTE effects in high-
luminosity cool stars. These authors iterative-
ly solve the atmospheric equations with only the
statistical equilibrium of the metallic electronic
donors mentioned above. The simplifications
are: (1) no radiative transfer is assumed, (2) the
bound-bound transitions are treated in radiative
detailed balance, and (3) no atomic or molec-
ular (with the exception of H20) blanketing is
taken into account. Even with these simplifica-
tions, their work was a fundamental step in this
type of research.
To discuss the basic features of the ioniza-
tion equilibrium, we consider the simplest case
of a one-level atom with a continuum. The sta-
tistical equilibrium (see Equation (8-1)) is then:
n/(Rt, + C/g) = n, (Rk/ + Ckl). (8-11)
Using Equations (8-3) and (8-4) and the
Saha-Boltzmann relation, Equation (8-11) can
besolvedto givethevalueof thedeparture
coefficient,b, which is given by:
n I n k
When the atoms are predominately neutral,
almost all atoms are at level 1; therefore:
b I - n_nk, (8-13)
and when atoms are strongly ionized, nk -
n_, b is reduced to:
b I - nl/n 1 . (8-14)
Actually, the mean intensity, Jr' appearing
in Equation (8-1 l) is also a function of b 1, and
the expression relating J to b can be found by
simultaneously solving the statistical and
transfer equations (KE). Since the line-
absorption coefficient is also a function of n /
and b_, an iterative process must be used to
solve the equations for the values of
b I . Due to the low electron densities existing
in the atmospheres of late-type giants, the value
of bl I depends exclusively on the ratio Jv/B.
(For an explicit form of Equation (8-12), see
Avrett and Loeser, 1969.) This ratio may be
very large in the outermost regions due to the
large values of the Rayleigh scattering coeffi-
cient compared to the other continuous opac-
ities, especially in the ultraviolet. In the deeper
layers, the ratio, J/B v, converges to unity,
giving a departure coefficient b 1 equal to
unity.
A practical form to express the ionization
equilibrium is (Auman and Woodrow, 1975):
= , (8-15)
KE -7 LTE
where N + , N, and N are the ion, neutral, and
8
electron densities. U and U* are the partition
functions assuming KE and LTE, respectively.
It is easy to see that, in general, bl I _ U*/U.
Assuming the neutrality of the plasma, the new
electrons can be calculated by means of the new
ion density. This "new" model can be iterated
to obtain new values of Jv which can be used
again in the KE calculation. This iterative pro-
cess can be used until convergence in the depar-
ture coefficients is obtained.
To illustrate the behavior of the b I values
in model photospheres, we have calculated the
KE for neutral atoms of K, Na, and Mg (for
5, 4, and 5 bound levels, respectively). These
calculations consist of finding the first values
of U*/U, using the mean intensities J from
an LTE molecular-blanketed model photo-
sphere. The model chosen is that of Querci
(1972) and Querci and Querci (1975) corres-
ponding to Tff/g/ratio of C/O equal to
3400/0.1/3.26. Because no atomic line or grain
blanketing was considered in those models, the
Jv values, especially in the ultraviolet, are
maximum values. The U/U* obtained, then,
expresses maximum departures from LTE. It
is important to mention, however, that subse-
quent iterations with model calculations will
reduce, even more, the b_ values. These results
are presented in Figure 8-1.
We have experimented numerically to gage
the sensitivity of U'/U to the changes of Jv
values at different continua. We find that a
reduction in J by a certain factor for the first
excited levels of all atoms produces a reduction
of approximately the same factor in the values
of U*/U. These results are also sensitive to the
second excited state of Mg I (as also found by
Auman and Woodrow, 1975). We have ex-
amined the abundance effects by arbitrarily
changing the model abundances for K and Na.
Although there are no significant changes in the
J values of the LTE model, the KE popula-
tions of the bound levels change, giving larger
departures for smaller abundances.
The converged values of Auman and
Woodrow do not show significant temperature
changes from the initial models. The most im-
portant changes are found in the electron den-
sity for the models: Tff = 2500 K, log g =
0.0, and Tff = 2000 K, log g -- -1.0, in which
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Figure 8-1. Behavior of the ratio of the initial
partition functions with depth in the photo-
spheres of a carbon-star model and for the prin-
cipal electron donors, K, Na, and Mg. m is the
column mass. A scale of depth for the reference
wavelength, h8063, is also shown.
the electron pressures increase in the outer
layers, compared to LTE models, by factors of
14 and 60, respectively. Only slight changes are
found in the continuous opacity (in general, less
than 5 percent). This is due to the fact that, in
the outermost layers where the non-LTE effects
are larger, the continuum opacity is controlled
by Rayleigh scattering by atomic and molecular
hydrogen (especially in the ultraviolet), which
is independent of Ne. Of course, H- is an im-
portant source of the continuous spectra in
these stars, and it depends on Ne. However,
H- appears to be important only in deeper
layers in which the non-LTE effects are smaller.
It is also important in this respect that a com-
plete calculation of the H- equilibria be per-
formed following the suggestions of Lites and
Mihalas (1984).
We conclude that non-LTE effects found
for the carbon-star astmospheres shown in
Figure 8-1 are large. These maximum values,
however, are partial and will be reduced by
iteration with the model. We hope that future
models will contain blanketing by atomic lines
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(and grains?) to enable construction of reliable
non-LTE blanketed atmospheres.
CHROMOSPHERES
The chromospheres of noncoronal stars
such as M and C high-luminous stars are
regions that lie immediately above the
photospheres and in which a large part of the
nonradiative energy available heats and ex-
pands the gas in order to produce an extended
warm region. It is in these regions that the mass
loss begins to take place.
Nevertheless, it is precisely in this type of
star that real atmospheres seem to be much
more complicated than in our simple models.
That is due to the presence of a number of
physical processes involved (e.g., abundance
and grain effects, weak and strong shock
waves, magnetohydrodynamic waves, turbu-
lence, and possible large convection effects).
Although a realistic energetic budget will be dif-
ficult to calculate under these conditions; it is
the only way to understand why some stars
have different kinds of chromospheres. (See
Linsky, 1984a, for a recent review on
chromospheres of non-Mira M and hotter G-
and K-type stars.)
Hydrogen Ionization
In photospheres, ionization of abundant
low-ionization metals was important, whereas
in chromospheres, the ionization role is played
by hydrogen. In fact, even at the modest tem-
peratures, between 4000 and 10000 K, which ex-
ist in these zones, hydrogen will be ionized.
Ionization of helium is less important, since it
will be produced only at higher temperatures.
The construction of chromospheres must
then calculate simultaneously the H line and
continuum formation, together with the at-
mospheric equations using methods, for exam-
ple, like those developed by Avrett (for a re-
cent paper, see Avrett, 1985). H continua can
also be treated by a method developed by
O'Brien (1980) using the code (LINEAR) of
Auer et al. (1972; see also Auer, 1973). This last
procedure can be modified to treat H lines also.
RegardingH, anotherinterestingproblem
thatshouldbementionedisthepuzzleof the
H E quadrupole line in M and S stars (Tsuji,
1983) and in C stars (Goorvitch et al., 1980;
Johnson et al., 1983). The strongest infrared
H E quadrupole line is not detected in non-Mira
M stars, contrary to the theoretical expectation
which predicts an increasing strength of this line
as we go to cooler stars (Tsuji, 1983). This H E
feature is clearly observed in S-type Mira stars
(Hall and Ridgway, 1977; Tsuji, 1983). In C
stars, the line is present in Mira variables.
Tsuji (1983) and Johnson et al. (1983)
describe the principal physical scenarios that
could explain the presence or absence of this
line. Even if the problem between M and C
stars appears to be similar, it is not clear
whether the explanation will be the same for
both types of stars.
Lower surface temperatures produce a
stronger H E line if we consider the thermal
sensitivity of the line. Spherical symmetry can
produce these lower temperatures (Schmid-
Burgk et al., 1981). This effect could thus ex-
plain the presence of H E in S stars. Tsuji
(1983), however, favors the explanation of
lower surface temperatures in S stars in respect
to M stars (differences between 150 and 350 K),
produced by the more efficient cooling effect
of CO in S stars. Nevertheless, the problem
concerning the non-Mira M stars remains open.
Unless a general revision of the temperature
scale is made, other mechanisms, such as the
presence of a chromosphere, particularly on
later types, could be invoked to explain the
destruction of the H E molecules.
It is possible that the puzzle has an explana-
tion other than thermal sensitivity for the case
of C stars. Johnson (see Chapter 7) suggests the
possibility of hydrogen deficiency in C stars.
This suggestion is strengthened by an impor-
tant characteristic of C stars (i.e., the absence
of Balmer lines in N carbon stars (Yamashita,
1972, 1975)). Another fact that suggests an H
deficiency is the weak observed emission peak
of H- at 1.6 #m in N stars as compared to that
predicted by models (Goebel and Johnson,
1984). These authors propose that, if H defi-
ciency is real in N carbon stars, this can be ex-
plained by an episodical ejection of an H-rich
shell. That conclusion has important conse-
quences for the evolutionary study of these ob-
jects and the chemical evolution of galaxies. It
is important in this respect, however, to cal-
culate the H- equilibrium in the most complete
way, following the treatment given by Lites and
Mihalas (1984). Perhaps we could explain the
absence of Balmer lines in N stars by the
mechanism put forward by them, in which
charge neutralization processes decrease excited
H-level populations in favor of protons and
H- ions affecting the H ionization and the
Balmer lines.
Bifurcated Chromospheres
The behavior of such important heating and
cooling sources as H-, CO bands, and metallic
lines in stellar gases at the minimum solar
temperature region, Tmi n _ 4000 K, has in-
troduced new ideas on the structure of the solar
chromosphere (Ayres, 1981). For the latest
discussions, see Ayres (1985) and Avrett (1985).
We think it will be interesting to check whether
these concepts can be applied to future studies
of detailed late-type star atmospheres.
First, let us examine the mechanisms: from
one side, CO cooling is important for temper-
atures lower than 4000 K. For T __ 4000 K, the
molecule dissociates, and its cooling effect
diminishes. (The role of CO as a cooling source
in late-type stars has been discussed initially by
Johnson, 1973.) On the other hand, at this
Tin ,'_ 4000 K region, H- is contrary a heating
source due to photodetachment. H- will be
converted in a coolant only at higher tem-
peratures near 5000 K. Bearing this in mind,
we can now describe the principal physical idea
(Ayres, 1985). For temperatures near 4000 K
in a stationary atmosphere, the cooling proper-
ties of CO can act against the heating produced
by H- and the deposition of nonradiative
energy, maintaining a cool gas at T _ 4000 K
up to higher zones which were classically de-
fined as belonging to the chromosphere.
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However, in some supposedly restricted areas
of the photosphere surface (e.g., magnetic flux
tubes), the deposition of nonradiative energy
can be strong enough to destroy the CO
molecule and produce a temperature inversion
that forms a localized chromosphere, for which
the classical Tin concept can be applied. This
stationary atmosphere will then be a two-
component thermal atmosphere in which two
zones--one hot, the other cold--will coexist at
the same height. This type of bifurcated model
can also be explained by nonstationary at-
mospheres (Muchmore and Ulmschneider,
1985) in which waves produced hot compress-
ed zones and rarefied cool zones cooled further
by CO radiation. Kneer (1983) has also examin-
ed the possibility that the thermal instability of
optically thin infrared vibration/rotation bands
of CO could produce chromospheres of late-
type stars, proposing an interpretation of the
known Wilson-Bappu effect (Wilson and Bap-
pu, 1957).
One of the purposes of these bifurcated
models is to reproduce the ionic emission as Ca
II K simultaneously with the radiation of the
CO infrared band. The empirical basis of these
models is presented in Ayres (1985). Future
development will depend, as Ayres explains, on
a detailed treatment of non-LTE effects of CO,
especially for ultraviolet electronic transitions.
Metallic blanketing will be important because
non-LTE effects will not only decrease the cool-
ing effects of metals by a large factor but will
also increase their effectiveness in depth by a
similar factor (Kalkofen, 1985).
We would like to emphasize that it will be
interesting to investigate the application of
bifurcated models to late-type stars for which
simultaneous observations of metallic emission
lines and CO bands have been made.
Chromospheres of M-Type Stars
Observational Evidences. The research on
chromospheres in M-type giants and
supergiants has been based on the presence of
some emission lines (see, for example, M. Quer-
ci, this volume) like the Mg II and Ca II reso-
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nant lines (Basri et al., 1981; Hagen et al., 1983)
and Fe II lines (Boesgaard and Magnan, 1975;
Boesgaard, 1979). Other lines also appearing
in emission are the hydrogen Balmer lines (Jen-
nings and Dyck, 1972; Hagen et al., 1983) and
the HE line (Wilson, 1957, 1982). However, the
hydrogen lines can be explained by other
mechanisms (e.g., shock waves). In the
ultraviolet, research is also concentrated on the
C II lines.
Dyck and Johnson (1969) and Jennings and
Dyck (1972) first showed an anticorrelation be-
tween the H and K lines of Ca II and the infra-
red excess and polarization, characterizing the
presence of dust grains in their atmospheres.
This anticorrelation was interpreted by Jen-
nings (1973) as due to a quenching effect by
dust grains. These grains would radiate the non-
thermal energy, preventing the formation of a
chromosphere. This anticorrelation has also
been found by Hagen et al. (1983) in a relatively
large sample of M stars. However, the results
of Hagen et al. show a difference in the sense
that the real anticorrelation of Ca II emission
is not with circumstellar dust, but appears to
be with a dust-to-gas ratio (the degree of grain
condensation). The core emission of the Ca II
lines disappears in the coolest stars having
strong dust-to-gas ratios. That is the case, for
example, for the stars, HD 207076 (M7 III) and
R Dor (M8 III). We can infer that these stars
probably do not possess a chromosphere. How-
ever, any conclusion must be analyzed in detail
because R Dor also shows Mg II in emission,
which is normally considered as a chromo-
spheric indication. Hagen et al. suggest a possi-
ble shock origin for this Mg line. This shock
origin is also suggested for the Balmer emission
lines that appear only in stars with high dust-
to-gas ratios (Jennings and Dyck, 1972; Hagen
et al., 1983).
Extension of the Chromospheres. Recent work
based on the ultraviolet (UV) C II emission lines
has permitted an empirical estimate of the
temperatures, electronic densities, and
geometric extensions of chromospheres of
luminous stars of spectral types between G9 and
M3. The C II lines involved are the resonance
triplet (UV 1) at 1335 _ and the multiplet (UV
0.01) at 2325 _. Stencel et al. (1981) showed
that, for electronic densities between 107 __<N
e
<-_ 109 cm -l, the line ratios of the multiplet,
UV 0.01, can be used as an indicator of N e.
The electronic temperatures are obtained by
comparison of the observed ratios of the UV
1 and UV 0.01 total fluxes, together with a
theoretical calibration of this ratio with N and
e
T like that of Hayes and Nussbaumer (1984).
e
Brown and Carpenter (1985) introduced this
technique to obtain the temperatures of the C
II line-emitting regions in several luminous late-
type stars, assuming that the radiation arising
from both multiplets came from a region of
constant N. For M stars, the chromospheric
e
values areN - 108cm -3and7000K _ T<
e
9000 K. The most interesting estimations are,
however, those related to the sizes of these
chromospheric C II emission regions. The most
recent results are those of Carpenter et al.
(1985), obtained by using the observed total
fluxes of multiplet UV 0.01, the above-
mentioned values of N e, ]re, the photospheric
radii, R., and the angular diameter, _b.. The
mean thickness of the emitting region, L, is
calculated by these authors by the relation:
f2325
L - , (8-16)
AE
where A is the solid angle subtended by the
chromosphere and E is its volume emissivity
given by:
1
E = -- N eNcuC12 hv21 . (8-17)4
The number density of C II can be calculated
by:
Xc. Nc X.
NciI = Nc -NH Ne Ne , (8-18)
for which the expression of fractional ioniza-
tion of C and H and C abundance must be
known. The solid angle is expressed in terms
of the chromospheric radius, R, and the values
of R. and _,. The principal unknowns, L and
R, are then related, and an iterative technique
is used. These estimations, although subject to
uncertainties, as values of N and the C abun-
e
dance, clearly show that late-type giants with
coronal regions (G9 and K0) have very thin
chromospheres, with R < 0.1 percent of the
photosphere. Noncoronal stars like M giants
and supergiants have instead, on the average,
chromospheric emission regions extending out
to 2.5 photospheric radii. In the case of the M
star, t_ Ori, for example, this method gives a
chromospheric radius smaller by a factor of 2
than that found by Newell and Hjellming (1982)
using radio observations. Of course, one must
consider that the assumption of constant N e is
quite simplistic.
Thus it appears that these red high-
luminosity stars contain a vast chromosphere
extending to several stellar radii many times
larger than their isothermal pressure scale
heights. Mass loss is bound to be happening in
these regions. Kinematically speaking, the
chromospheres could, in a way, be physically
detached from the photospheres (Goldberg,
1979). How can these extended chromospheres
be produced? Certainly, the mechanism of ther-
mal evaporation, which works in a hot stellar
wind, will be inoperative here, due to the low
temperatures and thermal pressures involved.
In addition, it is not clear whether radiation
pressure impinging on molecules (Maciel, 1976,
1977) or La radiation (Wilson, 1960; Haisch et
al., 1980) could produce those extended regions
by gas levitation and expansion. This will re-
quire further study. Other pressures of tur-
bulent or magnetic origin can also be invoked.
Stencel (1982b) mentioned that an rms tur-
bulent velocity of the order of 50 km s-1 would
be necessary to support material with a densi-
ty of 108 cm -3 at 5 stellar radii. A magnetic
pressure of a modest magnetic surface field
could produce this support (see Goldberg, this
volume).
Line Formation in Extended Atmospheres. If
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chromospheresxtendedto severalphoto-
sphericradii,sphericalgeometrymustbetaken
intoaccountinanyrealistictreatmentof line
formation.In addition,chromosphereexpan-
sioneffectsmustbeconsideredif masslossis
taking placesomewherein theseregions.
Becausewindoutflowvelocitiesof theorderof
10to 50 km s-_ are only a factor of 2 larger
than typical microturbulence values in late-type
giant stars, the Sobolev approximation that is
valid for strong winds will probably be of no
value. Recent numerical applications solve the
transfer equation in a comoving frame for a
spherical atmosphere in expansion, assuming
a partial redistribution (PRD) of line photons
(Drake and Linsky, 1983; Drake, 1985 (dif-
ferential equation method); Avrett and Loeser,
1983 (integral equation method)).
For the photospheres, Equation (8-6) admit-
ted the validity of the complete redistribution
(CRD) function, in which the emission-line pro-
file, 't,, is equal to the absorption profile, cI,.
This is no longer the case in the interpretation
of strong resonance chromospheric lines. Here
the PRD approximation represents an in-
termediate situation between the coherent scat-
tering and the CRD (in which, contrary to the
coherent case, no frequency relation exists be-
tween the incoming and outcoming photons).
A recent numerical solution is presented by
Huben_ and Heinzel (1984) on the effects of
PRD on subordinated lines.
The total actual probability of a photon of
frequency v being absorbed and reemitted at u'
is:
(8-19)
where RI1 is the angle averaged probability,
and 7 is the coherence mixing fraction given by:
r,_+r I
, (8-20)
7= _rad + r, + rE
where R n is the angle averaged probability,
and 7 is the coherence mixing fraction given by:
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inelastic deexcitation collisions, and elastic col-
lisions (i.e., Stark and Van der Waals col-
lisions).
Noncoherent scattering (CRD) is valid in the
Doppler core, whereas coherent scattering is
important in the inner wings. Absorption by
continuum processes is important in the ex-
treme wings. The difference between PRD and
CRD has been discussed by Basri (1980) in
static atmospheres and by Drake and Linsky
(1983) in expanding chromospheres. The results
of Drake and Linsky show, for example, that
the increase of flow velocity and geometrical
extension gradually transforms a double peak
Mg II line into an approximate P Cygni Mg II
line. Drake 0985) has described and applied the
PRD techniques in a semiempirical way to in-
terpret the Mg II line in Arcturus. However,
no unique atmospheric model that explains the
line profile has been found. As Drake men-
tions, it is important to make future tests of
cooler giants that show other chromospheric
line indicators. Also in this respect, it is instruc-
tive to compare the results obtained with those
produced by pure theoretical models. For an
extensive review paper on PRD stellar applica-
tions, see Linsky (1984b).
Model Diagnosis. Two different approaches are
generally made to model chromospheric
temperature, density, and velocity distribu-
tions. One is to calculate the KE of important
resonance lines, usually Mg II and Ca II for
various assumed chromospheric models, and
then select the model which best fits the ob-
served profiles. This semiempirical method has
been applied by several workers in F-, G-, and
K-type stars (see, for example, Linsky, 1980,
1981). Some elements of this methodology are
presented in the section Chromospheres of Car-
bon Stars. The other approach is a theoretical
one that consists of predicting a chromospheric
model from an adopted nonradiative heating
mechanism. This theoretical treatment has also
been applied in the study of F-, G-, and K-type
stars (Ulmschneider, 1979; Musielak and Sikor-
ski, 1981). An important general theoretical
work on this field is that of Athay (1981).
Veryfew detailed chromospheric studies of
M-type stars exist, and to our knowledge, only
the supergiant ot Orionis (M2 Iab) has received
special attention. Lambert and Snell (1975) first
examined whether a simple nonextended
constant-temperature chromosphere could con-
tribute to the infrared excess observed in ot Ori
and in the semiregular variable, W Hydrae
(M7-9). This contribution would be important
only at wavelengths for which the silicate dust
is a poor emitter. Isothermal chromospheres of
5000 and 8000 K were proposed for oe Ori and
W Hya, respectively. However, this kind of ap-
proach requires a detailed knowledge of the
sometimes badly known dust properties. In ad-
dition, those chromospheres must now be
placed in a huge CS region in which grains ex-
ist. New problems are now emerging as to
determining the real distribution of grains in
space and time in those huge atmospheres. For-
ming dust grains near the surface of a Ori also
appears to be difficult (Draine, 1981).
Another approach in the study of
chromospheres of M stars has been to analyze
the velocity fields in ot Ori (Boesgaard and
Magnan, 1975; Boesgaard, 1979) and in the
M2.5 giant, fl Pegasi (Boesgaard, 1981); these
studies were devoted to the formation of their
strong Fe II emission lines in the 3100 ._ region.
The transfer problems are solved in a spherical
moving atmosphere covering an extended
region around the photosphere of the star. The
line-source function is not specifically solved,
but rather, it is parameterized in order to repre-
sent a chromospheric rise of the temperature.
Finally, the optical depths are adjusted, by
varying the velocity fields, to fit the observed
profiles. One important result for a Ori is that
the Fe II lines in this model are formed in a
region that shows an infall of matter. The
velocity changes from 15 km s -l at 1.8 R. (R.
is the stellar radii) to 60 km s -l at the
photosphere. In the giant, fl Peg, the Fe II emis-
sion lines show a rather uniform outflow begin-
ning at zero velocity at the photospheric sur-
face and attaining 25 km s -_ at 2 R..
A more direct semiempirical approach to the
chromosphere of ot Ori has been undertaken by
Basri et al. (1981), who fit KE partial redistribu-
tion calculations with the observed profiles of
Mg II and Ca II resonant lines. The computed
models are nonextended chromospheres in
hydrostatic equilibrium, resulting in a plane-
parallel atmosphere. These authors could not
find a homogeneous chromosphere for ot Ori
that fitted both the Ca II and Mg II profiles.
This preliminary model is shown in Figure 8-2.
Zarro (1984) has recently studied the
possibility that the profiles of Balmer lines,
such as HoL, could be chromospheric indicators
in late-type giants. However, as we will see later
in the section Shock- Wave Gas Dynamics and
Pulsation Theory, H-lines can be formed in
some M giants by processes other than
chromospheric ones (i.e., strong shocks). Also
in this respect, in N irregular carbon-type stars,
the Balmer lines are extremely weak
(Yamashita, 1972, 1975).
A different approach (theoretical) has been
taken by Hartmann and Avrett (1983), who
construct a model for o_ Ori by including the
Alfv_nic wave pressure to produce an extended
chromosphere. The momentum and energy
equations of the wind are solved for a radial
steady spherical symmetric flow. The
temperature, density, and velocity of the flow
is then later computed to attempt to reproduce
some observed features in c_ Ori. The tem-
peratures are those resulting from the energetic
balance of wave heating, adiabatic expansion,
and radiative cooling.
The principal difficulty of this mechanism
stems from our limited understanding of the
dissipation of these waves. The geometrical
scale in which this dissipation occurs is
represented by the damping length, L. Con-
sidering L to be constant, the physical situation
is very sensitive to the values of k = L/R.. If
k > 1, the theoretical terminal velocity of the
wind greatly exceeds the observed values,
whereas for )_ < 0.85, no mass loss occurs,
Hartmann and Avrett (1983) choose an in-
termediate constant value )_ -- 0.9 for their
calculations. The two computed models are
shown in Figure 8-2. The "high-expansion"
curve corresponds to a model giving a mass loss
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Figure 8-2. Temperature versus height chromospheric models of the supergiant M star, a Orionis.
The nonextended semiempirical atmosphere of Basri et al. (1981) is shown, together with the theoretical
extended models by Alfvdn pressure waves (high and low expansion) of Hartmann and A vrett (1983).
The photospheric zone is the same for all models.
equal to 1.4 x 10 -6 Mo Yr-1. The expansion
velocities (Vxp) are of the order of 20 km s-1
and are larger than the turbulent velocities
(Vt,ro). The other model, "low-expansion"
with Vxp _ Vturb, corresponds to a static
energy equation. The photospheric model is the
same as that of Basri et al. (1981)• Both the
high- and low-expansion models produce
similar line and radio continuum emission in
reasonable agreement with observations.
Discrepancies with observations appear only
when observed and computed profiles are com-
pared. Theoretical profiles are much narrower
than those observed. Predicted asymmetries are
also too large• (The low-expansion model,
however, produces nearly symmetric profiles.)
In conclusion, larger Vt,_b and smaller Vxp by
factors of 2 and 3, respectively, are necessary
to match the observed data, suggesting a
"quasi-static" extended chromosphere for
o_ Ori.
Holzer et al. (1983) have criticized the use
of a constant damping length• They believe that
a more realistic interpretation will be one in
which L is nonlinearly related to the state of
the atmosphere (temperature, density, ioniza-
tion, and radiative losses). They show that, if
an ion-frictional damping is used in which the
wave dissipation is produced by charge-transfer
collisions between ions and atoms, it will give
a thermal structure very different from that ob-
tained by assuming constant L. These new
temperatures are also the result of balance be-
tween heating by dissipation and cooling by
radiation obtained in a self-consistent way.
Holzer et al. (1983) also raise objections to the
Alfv6n wave mechanism as a general way to
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producecoolmassivelow-speedwindsforlow-
gravity stars. For them, any efficient
mechanism(Alfv_nwavesor somethingelse)
mustaddthemajorpartoftheavailablenergy
in thesubsonicregion,withoutaffectingthe
asymptoticflowspeedu . (uoo is much less
than the escape velocity in low-gravity stars.)
A small remaining energy will then be neces-
sarily added to the flow in the supersonic region
to guarantee the real escape of the wind.
Future modelers of c_Ori must consider that
time-dependent phenomena can be important
input data. Although c_ Ori is a long-period
variable (P = 2110 days), some rapid variations
on a monthly scale have been observed
(Goldberg, 1979). Other time-dependent
phenomena could also be associated with possi-
ble large convective cells (Schwarzschild, 1975)
or other mechanism, producing sporadic ejec-
tion of matter with velocities generally inferior
to the escape velocity, so that infalling gas will
be common, supporting perhaps the infall ac-
celeration suggested by Boesgaard (1979). In
addition, we cannot avoid the possible
coexistence of hot and cool material produc-
ing an inhomogeneous multicomponent model.
Chromospheres of Carbon Stars
Although the presence of some Fe II emis-
sion lines in the violet appear to indicate the
existence of chromospheres in N-type carbon
stars, confirmation in certain stars (N stars) has
come only recently through IUE observations
of the 2200 to 3200 _ interval (Johnson and
O'Brien, 1983; Querci et a1.,1982; Querci and
Querci, 1985), and in R stars by Eaton et al.
(1985).
The stars observed by Johnson and O'Brien
(1983) were all warm N-type stars, and none of
them showed a strong violet depression. In fact,
their ultraviolet spectra, beginning at 3200 ,_,
show a continuation of the photospheric spec-
trum with several absorption features down to
wavelength ),2850, where the spectra appear to
change and present emission lines. Here, two
clear emission features are present that corres-
pond to the Mg II and C II lines at ),2800 and
),2325, respectively. Because of the low resolu-
tion of IUE, the Mg II h and k lines are not
resolved. The ratios f(Mg II)/fbo I obtained are,
on the average, 100 and 25 times smaller than
the respective ratios of K and early M stars.
However, the ratio f(C II)/fbo I is only 2 to 4
times smaller than that of M giants. This dif-
ference is partially a consequence of the
enhanced carbon abundance in carbon stars
relative to M-type stars. The ratiof(Mg II)/f(C
II) could be considered, in a way, to be indepen-
dent of any superposed absorption. Even in this
case, the latter ratio is 4 to 5 times smaller than
that of M stars. From these results, Johnson
and O'Brien suggest that chromospheres,
weaker than those of M stars, must exist in
these observed N-type stars.
How can the absence of light detection from
other target stars be explained? Some of them
have been integrated with exposure time up to
5 hours. Querci et al. (1982) explain this in two
ways: one is the possible absence of a chromo-
sphere. (This chromosphere could also be vari-
able in time.) The other is the existence of a sup-
plementary "ultraviolet depression." It is not
clear if this supplementary opacity is or is not
related to the classical violet depression that ex-
ists in some C stars and which begins at -4200
A. At this point, it is important to note that
the detection of light depends on the brightness
of the star at U. Only the light of the brightest
U stars like TX Psc and TW Hot were detected,
whereas faint U stars such as YCVn and WZ
Cas were not detected. This simple fact in-
dicates that this is due to ultraviolet opacity of
molecular and/or grain origin. (For a discus-
sion of grains, see Lefbvre, this volume.)
Simple atmospheres can be formed by a
photosphere and empirical plane-parallel ad-
hoc chromosphere. When the photosphere is
known, the chromosphere can be calculated us-
ing the following relations:
1. The hydrostatic equilibrium expressed
by:
P- Po = g(m - m o), (8-21)
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where P and m are the total gas
o o
pressure and the column mass at the top
of the chromosphere.
. The total pressure given by the sum of
partial pressures of the most abundant
elements (in number N a)
N el
P = nn E (AI+Ne)KT ' (8-22)
where A l is the abundance of the ele-
ment I.
3. The charge neutrality,
--Np
Ud
____dAl , (8-23)i+f/
where N is the proton number, and
P
each first stage of ionization is given by
the function, ft' between neutral
elements and ions of the element, I. For
H, the statistical equilibrium must be
solved to obtain the departure co-
efficient, b l, for the ground level. For
H and other metals, ionization can be
e
given by the Saha law.
We have four unknowns: N H, P, N, and
N for Equations (8-21), (8-22), and (8-23).
P
The fourth equation must necessarily result
from the energy-momentum conservation equa-
tion at any depth of the chromosphere. One
way to replace it is to obtain an arbitrary rela-
tion between temperature and mass. One sim-
ple way is given by:
T= _logm + 3, (8-24)
where o_and 13are constant coefficients deter-
mined from the boundary conditions: T at
the top of the chromosphere and Tin at the
minimum temperature region corresponding to
the top of the photospheric model. All these
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equations can be solved by a rapid iterative pro-
cess to produce the chromosphere.
The energy boundary conditions must be es-
tablished for the fundamental variables, P and
T: Po' To and Pmin and Tin. The choice of a
smaller value of P will produce a more ex-
tended chromosphere for a given temperature
gradient.
Using this method and keeping in mind the
exploration of possible chromospheres of car-
bon stars, we have calculated some linear
chromospheric extensions to the photospheric
models of Johnson (1982). For these calcula-
tions, we have chosen two different carbon-
enriched model photospheres with very dif-
ferent gravities and different effective tem-
peratures. The main parameters (Teff/log
g/ratio of C/O) are 3500/0.0/1.05 and
3000/2.0/1.02. For a chosen temperature dis-
tribution, the model will contain the calculated
values of the column mass, the electron den-
sities, and the departure coefficient, b t , of the
hydrogen. In the photosphere, b I will be equal
to unity. We have also calculated an ad-hoc
depth-dependent microturbulence (increasing
outward) by means of the following relation:
= c_' log m + 3'. (8-25)
As boundary conditions for the top of the chro-
mospheres, we have chosen a velocity that is
somewhat smaller than the sound velocity and
a zero velocity for the minimum temperature.
(The published models of Johnson do not con-
tain microturbulence velocities.)
For each photospheric model, we have cal-
culated two linear chromospheres having dif-
ferent gradients. One corresponds to a "hot"
model (To = 7000 K), and the other cor-
responds to a "cold" model (To = 4000 K).
The boundary conditions are presented in Table
8-1, where P is the total pressure. The exten-
sion of the chromosphere, Hchro, is also con-
tained in the table. For illustration, Figure 8-3
shows the behavior of the temperature versus
column mass and the respective velocities.
KE Line Formation of the Magnesium
Resonance Lines. In order to study the main
Table 8-1
Main Characteristics of the Chromospheres
Effective
Temperature Log g P• (dynes/cm2) T T/n Hchro (km)
3500 0.0 10 -7 7000,4000 2380
3000 2.0 10 -s 7000,4000 2010
1.4 x 108
9 x 105
A
o 6
0
0
t.-
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Figure 8-3. Distribution of temperature (solid lines) and velocities for the model
3000/2.0/1.02. Velocities for the hot chromosphere (T = 7000 10 are represented
by crosses, and those for the cold chromosphere (T = 4000 K) by points.
characteristics of the presented atmospheric
models, we have calculated the KE line forma-
tion of the resonance lines of Mg I at X2852 and
Mg II at )_2798. The latter line represents a
mean of the h and k lines of Mg II. (The men-
tioned IUE observations do not resolve the h
and k lines.) The KE calculations have been
made by means of the LINEAR code indicated
earlier. This code has been adapted to the con-
dition appropriate to carbon-rich atmospheres
and has been modified to use Voigt profiles.
One of the main characteristics of our KE
calculations is that we assume the complete
redistribution of photons. This analysis has
been improved in studies considering partial
redistribution. For our exploratory purposes,
however, the assumption of the complete
redistribution will be sufficient for the study of
the core line formation. Only the indicated
resonant lines are treated explicitly in the
LINEAR code. All the other permitted transi-
tions are considered as fixed. The radiation
temperatures (Tad) for the photoionizations
and fixed transitions are equal to Telf (with a
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dilutionfactorof 1/2)in thechromospheric
layerswhereT is larger than Lff" In the
following deeper layers, Tad = T. A fixed-
level atom is used for both Mg I and Mg II
atoms. A solar Mg abundance is used.
A strong absorption Mg I line at 2852.1 A
is observed in many late-type stars. (This can
be seen, for instance, in the spectrum of the M3
III star, r/ Gem, in Johnson and O'Brien
(1983).) This line, however, appears to be ab-
sent or weak in the spectra of the N carbon stars
observed by Johnson and O'Brien. Normally,
a strong absorption should be produced by the
cooler photospheres of these stars, and this is
not observed. Instead, a small emission feature
appears at this wavelength in all the observed
stars. Is this feature an indication of a "filling-
in" process? Can an emission in the chromo-
sphere produce this filling-in? All the Mg I lines
obtained with these simple models are absorp-
tion profiles which show no sign of a central
emission feature because of the strong
photoionizing control of the line-source
function.
An alternative filling-in process has been
suggested by Johnson and O'Brien (1983) in
which a large shell of gas could exist above this
chromosphere. This shell must be sufficiently
cool for Mg to be neutral and large enough to
emit Mg I. The low-lying emission lines of Ti
I, V I, and Zr I found by Gilra (1976) in the
carbon star, UU Aur, could be formed in even
larger shells because of their lower abundances.
Scattering processes may also produce those
emissions.
Figure 8-4 shows the resulting theoretical
profiles of the resonance line of Mg II at _,2798
for the 3000/2.0/1.02 model. In both cases (hot
and cold chromospheres), the line appears in
emission with a central reversal. The shapes of
these profiles are more or less typical of those
found in late-type stars. One characteristic of
this line is to be optically very thick, beginning
to get thin only on the very top of the chro-
mosphere. This line is, in all cases, formed at
layers higher in the chromosphere than the
Mg I line. The Mg II lines are much more con-
trolled by collisions, indicating that very low
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radiation is available to photoionize from these
two levels of the transition. The respective con-
tinua are at )_824 and )_1169, whereas those for
Mg I are M621 and ),3756. For a general discus-
sion on collisional and photoionization control
processes, see Jefferies (1968) and Athay
(1972).
The effects of the microturbulent velocities
increasing outward are shown in Figure 8-5.
The presented profiles are calculated for the
same model 3000/2.0/1.02, both with and
without microturbulence. The global effect of
the velocity field is to broaden the line and shift
the emission features, forming a broader rever-
sal. More or less the same qualitative behavior
has been found by Basri (1980) by means of a
partial redistribution analysis. These turbulent
effects are important in the detailed analyses
of supergiants, which have much broader emis-
sion cores than those of dwarfs or giants.
The Avrett-Johnson Model. Apart from the Mg
I and Mg II characteristics discussed above, any
chromospheric model calculation of a warm N
carbon star should take into account other im-
portant observational facts that act as con-
straints in the modeling construction. These
are: (1) the presence of the emission line of C
II at 2325 _, (2) the notorious absence of the
hydrogen Balmer lines (Yamashita, 1972,
1975), and (3) the reversal in the Ca II H and
K lines observed in R stars (Richer, 1975) but
not in N stars.
Avrett and Johnson (1984) recently con-
structed semiempirical chromospheres to fit
these observational constraints (with the excep-
tion of the Ca II lines). The chromospheric
model of an N star should be sufficiently cool
to produce a low number density of the level
2 of hydrogen (n2) to prevent the production
of an Ha feature and should, at the same time,
be sufficiently hot to produce Mg II and C II
line emissions.
Their calculations are much more complete
than the linear chromospheres calculated in the
preceding subsections. They solved the
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Figure 8-4. Computed profiles of the core of the resonant line of Mg H L2798 for the mode/
3000/0.0/1.05. The points correspond to the hot chromosphere (flux scale on the left), and the crosses
correspond to the cold chromosphere (flux scale on the right).
hydrostatic equilibria together with the KE of
various elements such as H, H-, H 2, Mg I, Mg
II, C I, and C II and considered partial
redistribution in the calculation of the Mg II
line. The radiation temperatures used in their
calculations (between 2200 and 2500 K) are
smaller than those of the linear models of the
subsection Chromospheres of Carbon Stars
which have lower electron densities.
The resulting models 1 and 2 are presented
in Figure 8-6, taken from the work of Avrett
and Johnson (1984). The cool model 1 fills the
condition of not producing the H feature; it
seems, nevertheless, to be too cool to produce
sufficient Mg II emission to fit the observed
one. A negligible C II line is produced with this
model. The hotter model 2 is also not conve-
nient because it contains sufficient n 2 to pro-
duce an emission or absorption Ho_ feature,
depending on whether the source function is
larger or smaller than B.
In conclusion, both simple linear models
and more sophisticated ones produce emission
lines of Mg II. However, it is not clear whether
future models will produce a C II emission
feature or will maintain the H condition.
(Avrett and Johnson (1984) are presently in-
vestigating hotter lower chromospheric
models.) Two possible states appear to solve
this problem: a high carbon abundance or a
hydrogen underabundance.
Radiative Cooling and Energetic Balance.
Several studies have recently appeared in the
literature which treat the important problem of
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the energetic balance in the atmospheres of the
Sun and late-type stars (Linsky, 1980, 1981;
Avrett, 1980). Two main processes exist in
stellar atmospheres that maintain a temperature
structure in equilibrium. These are the cooling
and heating by radiative processes and the
heating by nonradiative mechanisms. To obtain
the net radiative contribution of each chemical
element, the cooling and heating must be
calculated for all the important bound-bound
and bound-free transitions. In the
chromosphere, a net radiative cooling flux
results. This net cooling is a direct measure of
the nonradiative (mechanical or magnetic)
heating required to produce the chromosphere.
In late-type giants, the lines of Ca II and Mg
II are the main contribution to the net cooling,
followed by H and H-. As we go from the Sun
to cooler giants, there is a growing importance
of Mg II as a net cooler agent in the higher
layers of the chromosphere.
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Foratransitionbetweenlevelsu (upper) and
! (lower), the radiative cooling rate is (Vernaz-
za et al., 1981):
Cb'ut = hv In,. (A.t + B.t l'_. J dr) -
(8-26)
n iBtu [_, J dp] .
This expression can also be written using the
net 0 radiative bracket (Thomas, 1960). Note
that the same symbol, _, is used for two dif-
ferent quantities:
_b'ul = hv nu Aul 0 , (8-27)
where
feb v J dv
0 = 1 (8-28)
Figure 8-7 presents the values of _ut for the
resonant line of Mg II calculated for the models
3500/0.0/1.05 and 3000/2.0/1.02 with hot
chromospheres. The cooling rates for the higher
gravity model are found to be larger than those
of the log g = 0.0 model. In fact, denser at-
mospheres are better radiators than diluted
ones. If we can express _' ut as a function of
the geometrical depth, z, the net cooling rate
can be known by calculating the integral,
Icb' (z) dz, for the positive values of cb'ut. The
cooling rates shown here are presented for il-
lustration purposes. Realistic values can be ob-
tained by matching theoretical and observa-
tional integral fluxes.
Ultraviolet Spectra Variability. Systematic
observations of ultraviolet spectral time varia-
bility are rare in S- and C-type cool giants (Cas-
satella et at., 1980, for the S-type star, X Cyg;
Querci and Querci, 1985, for the N-type car-
bon star, TW Hor). Interpretation of the car-
bon star, TW Hor, appears to be very difficult
because of the erratical behavior of emission
lines such as those of Fe II at 3280 ._. As is the
case in these carbon stars, several constraints
must be taken into account in the atmospheric
model of TW Hor, such as the absence of Bal-
mer lines (either absorption or emission) and
the absence of emission peaks of Ca II H and
K lines. The Mg II emission lines appear to have
a more or less normal behavior, indicating
smaller variability. (For a discussion on the
observations of TW Hor, see M. Querci, this
volume.)
To understand the spectral characteristics of
TW Hor, Querci and Querci (1985) analyzed
a simple energetic budget which considers dif-
ferent types of physical mechanisms such as
short-period acoustic waves, variable magnetic
fields, and flare-like activity. The emergent pic-
ture that appears is that of a chromosphere with
a flat temperature minimum and a gradual in-
crease in higher layers. However, this increase
of temperature is low enough to prevent emis-
sion peaks in Ca II H and K lines, but strong
enough in higher layers to produce ionic emis-
sion features of the more abundant elements,
Mg and Fe. Nevertheless, it is not clear how this
chromospheric model will be able to prevent
Balmer lines. The erratic behavior of the Fe II
lines is, however, the most difficult aspect to
understand. A variable Lot flux which induces
variable Fe II emission lines (Furenlid, 1984)
will not be an appropriate mechanism here be-
cause of the atypical characteristics of H in
these stars. Querci and Querci (1985) state that
the cause of this variability can be due to varia-
ble wave pulses (or variable magnetic field) in
the chromosphere which is heated by short-
period acoustic waves (Schmitz and Ulmsch-
neider, 1981). The Mira S-type variable, X Cyg,
observed by Cassatella et al. (1980) has been
qualitatively interpreted using the dynamical
shock-wave model of Hill and Willson (1979).
(See the section Radial Pulsation Modes.)
SHOCK-WAVE GAS DYNAMICS
AND PULSATIONAL THEORY
The preceding sections of this chapter
discussed stellar photospheres and chromo-
spheres as stationary components of static
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atmospheres of single stars. However, some M
and C late-type giants, as the long-period
variables (Mira variables), present a complex
time variability of their line spectra which re-
quires an appropriate dynamical scenario for
interpretation. Progressive shock waves are
probably the principal physical mechanism that
can explain this complex behavior. These
shock-wave models are described by M. Quer-
ci (this volume), who focuses mainly on the
observational aspects. Here we will put more
emphasis on some of the basic theoretical as-
pects related to dynamical effects on the atmo-
spheric structure and pulsational character-
istics.
First, we will present a short discussion on
the principal physical basis of the classical
theory of shock waves in order to analyze the
current research on this field.
Elementary Shock-Wave Theory
Gas dynamics is characterized by quantities
such as velocity (v), pressure (P), density (0),
etc. which generally vary continuously. How-
ever, discontinuities of these quantities, which
will represent shock waves, can exist. These
discontinuities can move with different veloci-
ties of the gas flow itself and can be crossed by
this flow of gas particles in their motion. If we
consider a fixed coordinate system in which we
define vn as the gas velocity normal to the sur-
face and v as the velocity of the discontinuity
s
(shock wave), u = vn- vs will be the velocity
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of the gas relative to the discontinuity. Let us
call gas 1 the one into which the discontinuity
moves (preshock) and 2 the gas which follows
the discontinuity (postshock). The respective
velocities will be u I and u2.
One of the most important theoretical tools
that enable us to treat shock waves is the fact
that the laws of mass, momentum, and energy
conservation can be applied to those discon-
tinuity regions. Applying these laws (see, for
instance, Zeldovich and Raizer, 1966), we have
the following respective equations:
QlUl = Q2U 2 , (8-29)
2 2 (8-30)PI + QlUl -- P2 + 02//2'
2 P2 2P1 ul u
el + _ + _ = e2 + _ + _ ,(8-31)
Q 1 2 02 2
where P, O, and e are the pressui'e, density, and
internal energy, respectively. Equation (8-29)
reflects the existence of a continuous mass flux
crossing a "zero-mass" discontinuity. Equation
(8-30) represents the existence of the continuous
momentum flux, meaning that the force exerted
by the gases on each other across the discon-
tinuity must be equal. If no external energy
sources are considered, Equation (8-31) means
that the internal energy, e, of a given element
is the result of the compressive work done on
the element by the surrounding medium.
The Hugoniot Relations. A new important rela-
tion can be obtained from the conservation
laws. Introducing the specific volumes, Vj =
1/01 and V2 = 1/02, we obtain from Equation
(8-29):
Q1//l : 02U2 : J (8-32)
that //1 = JVI and /t2 = JV2" Substituting in
Equation (8-30), we obtain
P2 - Pl
j2 _ (8-33)
V 1 - V 2
Since j2 is positive, two possibilities may
arise: P2>P,, V, >V2orPz<P,, V, <V 2. In
realistic shock waves, only the first case may
actually occur. This corresponds to stable com-
pression waves that result in an increase of en-
tropy (Zeldovich and Raizer, 1966).
We can write Equation (8-31) in the follow-
ing form:
1
el + P1 VI + _2 j2 V12
1 j2 2
=e 2 +P2V2 + --2 V2
(8-34)
Replacing j2 from Equation (8-33), we find
finally:
1
62 - el = -- (el +P2)(VI- V2) " (8-35)2
This relation is known as the shock adiabatic
or Hugoniot relation. Graphically, this relation
is represented in a PV-plane by Figure 8-8. An
important conclusion can be obtained simply
from this relation. First, we will determine the
physical behavior of weak shock waves for
small values of/:'2 - Pl and V 2 - V 1. Equation
(8-33) can be written in first approximation as:
OP
j2 _ (8-36)
aV
The velocities u 1 and u2 being equal in the
same approximation, we have:
//1 : 122 : // = JV. (8-37)
With Equation (8-36), we obtain:
which is the velocity' of sound C for that
medium. We can conclude that, in the first ap-
proximation, the propagation velocity of a
weak shock is equal to the velocity of sound,
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PV
Figure 8-8. Graphical representation of the
Hugoniot curve in a pressure-specific volume
plane.
or in other words, the weak shock is a small
perturbation that is approximately the same as
a compression sound wave. Because real shock
waves are compression waves, we must have
"°2 Pl" The point, 1 (Pl' VI)' must lie below
the point, 2 (P2' V2)' in Figure 8-8. Chord 12
has a slope j2 larger than the tangent to the
adiabatic at point 1:
j2 > aP
a V 1 (8-39)
2
Multiplying both sides by V 1' we have:
J V 1 = uI V1
bP
= _ =C 2
1
(8-40)
Then,
u I >C l . (8-41)
The gas flows into the discontinuity with a
supersonic velocity. In other words, the shock
wave propagates at a supersonic velocity with
respect to the undisturbed gas 1. The slope of
the chord being smaller than the adiabatic
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tangent at point 2, we obtain in the same man-
ner as before that:
u2<C 2 . (8-42)
This means that the gas flows out of the
discontinuity with a subsonic velocity, or in
other words, the shock wave propagates at a
subsonic velocity with respect to the compressed
gas behind it. Because of the compression, 02
> 01, we have by means of Equation (8-29)
that u I > u 2.
Shock Waves in a Perfect Gas. If we now con-
sider the shock waves in a perfect gas with a
constant ratio of specific heat, 7, we can in-
troduce the internal energy:
PV
e = _ , (8-43)
7-1
into the Hugoniot relation (8-35) and obtain the
following relation:
V 2 (7 + 1)e I + (7- 1)e 2
VI - (7- 1)e 1 +(7 + 1)P 2
(8-44)
Also, using the state equation of a perfect
gas, we obtain the ratio of temperatures of the
two sides of the discontinuity to be:
D
rl
P2 (3' + 1)P 1 +P2 (3'- 1)P 2
PI (7- 1)P 1 +PI (7+ 1)P2
(8-45)
From Equations (8-29), (8-30), and (8-44),
we can obtain the velocities of propagation of
the shock waves relative to the preshock and
postshock gases:
Ul 7 vl (7- 1)Px'+(7+ I)P 2 , (8-46)
= -- V 1 (7 + 1)P1 +(7- 1)P2u2 2
/{(7-1)Pl +(T+ I)P21
(8-47)
In the case of very strong shock waves for
which P2 >> PI and P2 >> (3' + 1)Pl/
(3' - 1), we obtain the following result from
Equations (8-44), (8-45), (8-46), and (8-47):
Vl Q2 3' + 1
II2 Ol 7- 1
(8-48)
T 3,-1 P2
T 1 7+ 1 P1
(8-49)
(8-50)
I'_" I 112
U2 = ('7 - 1) 2 P2 VI]("/+ 1) (8-51)
These relations have important physical im-
plications. First, the ratio, T2/T l, can be as
large as P2/PI; second, the velocities, u I and
u 2, depend on the square root of P2" This
means that T 2 and the velocities can take very
large values.
This is not the case for the density, 02" In
fact, the ratio of densities S will attain a con-
stant value, depending on the value of 3': S =
4 for a monoatomic gas with 3' = 5/3, and S
= 6 for a diatomic gas with 3' = 7/5. If full
vibration/excitation is taken into account with
3' = 9/7, S will be equal to 8. This ratio can
be even larger if dissociation of molecules, ex-
citations, and ionizations of the atoms or ions
are taken into account.
Shock Model Applications
Three main directions characterize the work
related to shock waves in the atmospheres of
late-type stars: (1) the energy balance (the in-
fluence on the thermal structure), (2) the modes
of pulsation which induce the shocks, and (3)
shocks as a mechanism that produces mass loss.
As mentioned previously, the observational evi-
dence of the presence of shock waves, their be-
havior, and the models interpreting them are
presented in detail in Chapter 2 (M. Querci).
Here we will mention those observational as-
pects related to specific points of the theoretical
discussion.
The motivation of the first theoretical ap-
proaches was to explain the origin of the bright
hydrogen lines. Gorbatskii (1961) made one of
the first theoretical studies of the ionization and
radiation of zones heated by shock waves. This
study, however, did not take into account the
dissociation of the H 2 molecule, which is an
important cooling effect. Later, Whitney and
Skalafuris (1963) studied the restricted case of
the behavior of the high-temperature region be-
tween 10000 to 30000 K near the shock front
in a pure hydrogen atmosphere with no den-
sity gradient in front of the shock. The effects
of the dissociation of the H 2 molecule have
been taken into account by Slutz (1976) in his
study of the acceleration of a single isolated
adiabatic (with no radiative energy losses) shock
wave in a photosphere having a density grad-
ient. This study shows that, if the shock has a
large amplitude, the acceleration ends in a ter-
minal velocity smaller than 25 km s-I (this
value depending on the quantity of H2). This
could imply that, for stars with an escape
velocity smaller than 20 km s-1, an ejection of
a shell of matter is possible. However, this kind
of shock, called first shock, has been shown by
Wood (1979) to be an atypical shock. In fact,
a typical shock would be the one moving into
matter falling inward, originated by a preceding
shock, or matter flowing outward in a form of
cool stellar wind. In addition, the proper initial
conditions must be correctly established to con-
sider the periodical nature of the problem. A
sinusoidal varying pressure which simulates the
star pulsation could be this initial condition.
The intrinsic pulsation nature of cool giants
or supergiant variable stars (see, for example,
M. Querci, this volume) could be the source of
shock waves. Even the microturbulent or mac-
roturbulent velocities, in spite of being gen-
erally ill-determined quantities, are sometimes
found to be larger than the sonic velocities and
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are thereforeableto produceshockwaves.
However,it isintheinterpretationof thecom-
plexspectraof Miravariablesthatthemost
powerfulevidenceof thepresenceof shock
wavesisfound.TheworkofWiilson(1976)is,
inthisrespect,hemostilluminating.Without
consideringin detailthecomplexbehavior,
doubling,andvariationsof absorptionand
emissionlines(M. Querci,thisvolume),we
mentiontheexistenceof twotypesoflines.The
primarylinesof MgII, CaII, Fe,andTi II,
formedin theregionbehindtheshock(region
2)andthesecondarylinesof ScI, Mn I, and
FeI (fluorescentor pumpedlines)formedin
front of theshock(region1).
Themainargumentof Willson(1976)isthat
thefluorescentlinesareformedbyexcitation
of radiationemittedbytheprimarylinesina
regionof velocitydiscontinuity(shockwave).
Eachfluorescentlinehasitsproperprimaryline
excitingradiationapproachingorrecedingwith
acharacteristicvelocitydifference,producing
anappropriateshift.Willsonwasabletoshow
that, in general,the complexspectrumof
typicalMira LPVatmospherecouldbeinter-
pretedbyavelocitydiscontinuityof theorder
of 40 to 80 km s-_, thusprovidingstrong
evidenceof the existenceof a shockwave.
Broadlyspeaking,thepictureisthefollowing:
amoderatelystrongshockwithameanveloc-
ity of near50kms-Jappearsatthebaseof the
photosphereshortlyafterthevisuallightmax-
imum.Asthisshocktravelsoutward,it ther-
mally excitesthe primarylinesbehindthe
shock;theselinesat theirturnradiativelyex-
cite(or pump)thefluorescentlinesin there-
gionsin frontof theshock.
It isimportantto realizethatthefluorescent
linespermitoneto determineonlya velocity
discontinuity(Av),not theactualshock-wave
velocity(vs)withrespectto thecenterof mass
of thestar.Positiveor negativeAv indicates
whether an exciting atom is approaching or re-
ceding from the region in which the excited
(pumped) lines are formed. In this way, Av
0 will mean that the compressed region 2 is
moving outward. In this region, as discussed
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in the section Elementary Shock- Wave Theory,
u 2 = v 2 - Vs, where o2 is the gas velocity nor-
mal to the discontinuity. From relation (8-42),
we see that this difference is smaller than the
speed of sound, C 2, which is less than 10 km
s-1 for a gas at T< 104 K and a typical density
of 10 -12 gr cm -3. Taking into account the
limited precision of the measurements, we can
say that o2 --_ vs. In that condition, the veloci-
ty u_ (velocity of the shock with respect to
region 1) is a good measure of Av obtained by
the fluorescent lines: u_ --- Av. If region 1 is
falling toward the star, the actual shock velocity
would be smaller than Av, vs = v2 = Av - o1.
On the contrary, if the material is flowing out-
ward, the velocity of the compressed region will
be larger, vs -- 132 = All .-I- o I .
Influences on the Thermal Structure. The ex-
istence of a supplementary kinetical energy due
to shocks produces an extension of the entire
scale of the atmosphere of a late-type giant or
supergiant star. This extension can be a factor
10 greater than the nonshocked atmosphere.
For example, for a star with a radius equal to
10 J° cm, this scale is similar to the stellar
radius (Willson, 1976). The shock waves must
then be considered as spherical shock waves
which produce observable effects at greater
distances from the stellar surface. In fact,
shocks can persist for more than a period, and
the product of the period and the shock velocity
is of the order of the stellar rad,_us.
We also expect to find structural changes in
the distribution of temperature and density.
However, these changes are not clearly deter-
mined at the present time because of the
absence of a detailed calculation of the coupled
interaction of the structure parameters and the
detailed study of the shocks. A comparison be-
tween plane-parallel and the more realistic
spherical isothermal atmospheres can be found
in Willson (1982). The main theoretical ap-
proaches have been made using two different
models: adiabatic (Wood, 1979) and isothermal
(Willson and Pierce, 1982). The isothermal con-
dition is expected to be satisfied in the lower
denseregionsofthephotosphereinwhichsome
absorptionlinescanbeformed.Dueto the
higherdensity,anyshock-heatedmaterialcan
coolmoreefficiently.Thiscoolingisthenpro-
ducedinasmalldistancecomparedto theen-
tirescaleof theatmosphere.Theisothermal
conditionis lessvalidin theouterlessdense
regions.Wethenexpectaprogressivechange
towardtheadiabaticondition.
Usingapureadiabaticmodel,Wood(1979)
foundaresultantdecreasingtemperaturedis-
tributioncorrespondingto ameanheatingof
theorderof 5000K in relationto an initial
hydrostaticatmosphere.However,thisadia-
baticmodelproducesanunrealistichighmass-
lossrate.Usingtheisothermalpproximation,
WillsonandPierce(1982)found,in an at-
mospherewhichsuffersrepeatedshockpas-
sages,thattheminimumtemperatureattained
betweenshocksisanincreasingoutwardfunc-
tion,contraryto theadiabaticasementioned
before.Duetothefailureoftheisothermalp-
proximationatdensitieslowerthanlog0 = -15
(corresponding to a radius larger than 900 R o ),
these authors can no longer describe the gas in
the outer regions by a single temperature. In
this picture we do not have a clear idea of the
height at which the shocked model will attain
a temperature low enough to allow the forma-
tion of dust grains. When dust grains are
formed, they will produce heating by gas/grain
collisions. At the same time, opposite cooling
processes will appear such as rotational cool-
ing of molecules or a simple adiabatic expan-
sion. A recent work by Tielens (1983) has con-
sidered all these factors in a study of the flows
of Mira variables driven by radiation pressure
on dust grains. Tielens especially considered the
direct coupling of the cooling of the gas with
the velocity gradients in a two-component fluid
composed by dust and gas interacting by colli-
sions. This study is related to the existence of
a stationary layer located between 5 and 10 R.
from the star, in which matter can return to the
star or be pushed outward. The existence of this
layer at 800 K at 10 R. from which the maser
features of SiO could originate, is proposed by
Hinkle et al. (1982) and Hinkle (1983).
Detailed Structure of Shock Waves. Some
studies of the detailed physical parts of stellar
shocks appeared recently in the literature (Gillet
and Lafon, 1983, 1984, in a strictly theoretical
point of view; Fox et al., 1984, combining
theory and observations). (See also the subsec-
tion Shock-Wave Gas Dynamics of Balmer
Emission Lines.) A complete detailed analysis
of the shock regions would be quite difficult,
especially when the real finite shock front is
considered, in which very large gradients of the
physical variables have to be taken into ac-
count. Appropriate mathematical methods will
then be necessary. Perhaps one promising
method for future studies is the "Adaptive-
Mesh Radiation Hydrodynam!cs" (Winkler et
al., 1984). Here, an adaptive coordinate system,
fixed neither to the fluid nor to the laboratory,
is free to follow the evolution of the flow and
the radiation field. The importance of this
method is that, although the observed quan-
tities are measured, for instance, in a comov-
ing frame of the fluid, the radiation transport
equation can be written in this adaptive frame
which can move with arbitrarily high velocities.
Large gradients such as shock fronts can then
be treated.
As mentioned in the subsection Shock
Waves in a Perfect Gas, the ratio S = 02/01
can change if excitation and ionization are
taken into account. It can be demonstrated that
the increase of S for a given T depends on
molecular dissociation and the internal energy
of the particles (e.g., ionization) (Zeldovich and
Raizer, 1966). Values larger than S = I0 can
be obtained for high degrees of dissociation and
ionization. In a medium composed of a mix-
ture of gases, we expect to find a variable
behavior of S as the strength of the shock
increases.
In a medium formed by pure H, Gillet and
Lafon (1984) analyze the precursor region (e.g.,
the immediate preshock region), putting em-
phasis on the importance of molecules in the
weakening of the shock. For this, they con-
sidered the physical nonlinear relation between
the precursor and the postshock region. In fact,
before being affected by the advancing front,
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theprecursorisalreadyinfluencedbytheradia-
tion comingfromthehotpostshockregion.
Thisradiationphotodissociateshemolecules
and photoionizesthe medium,producinga
radiativecoolingof thepostshockregion.This
coolingis furtheraccentuatedbythethermal
dissociationof moleculesthatcrossthefront.
Pulsation Theory
Radial pulsations are clearly seen in a large
part of luminous M and C cool stars (see M.
Querci, this volume). The aim of the theoretical
research on the pulsation theory on these stars
has been to answer the following fundamental
and difficult questions: (1) Which is the pulsa-
tion mode? (2) Is pulsation an effective mass-
loss mechanism? To answer these questions,
linear (and nonlinear) adiabatic (and non-
adiabatic) pulsation models have been
developed in recent years. However, even with
the great effort of some authors, no definite
answers to these questions have been given.
Pulsations are produced in the large diluted
envelopes of the stars in which the high
luminosity determined by the core mass is be-
ing transported essentially by a convective pro-
cess. The luminosity in these late-type stars can
be so high that a net positive energy produces
a dynamical instability. The pulsation provokes
shock waves that locally heat and probably ex-
tend the atmosphere. This pulsational instabili-
ty can relax into a steady regular pulsation such
as those observed in LPV stars. However, the
pulsations can also be transformed into strong
relaxing oscillations in which mass loss can oc-
cur (Tuchman et al., 1978). Nevertheless, the
success of this mechanism in interpreting real
variable stars unfortunately depends on a bad-
ly known time-dependent convection theory.
Another important theoretical input is the
necessity to introduce realistic surface boundary
conditions. Wood (1980) clearly shows these
necessities when he discusses the uncertain
results concerning the pulsational instabilities
mentioned above and those of Wood (1979)
and Willson and Hill (1979). In these models,
not only convection is the weakest point, but
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also the mass loss produced. In fact, only few
external zones are ejected, and the considera-
tion of a proper external boundary, such as cir-
cumstellar material, could inhibit this mass loss.
A general discussion on these aspects can be
found in Wood (1982). More details concern-
ing mass loss can be seen in Goldberg (this
volume).
Nonradial Pulsations. Although pulsation has
been discussed as a radial oscillation, there is
a possibility of the existence of nonradial
oscillations as supplementary energy-
transporting mechanisms other than convec-
tion. These oscillations have been explored by
linear nonadiabatic calculations in late-type
models by Ando (1976). Later, Smith (1980)
considered the possibility that these nonradial
oscillations could be the source of what is com-
monly called "macroturbulence." The pre-
dicted amplitudes of this "late-type star
seismology" are nevertheless very small, prob-
ably a few tenths of ms -1. They would
therefore be very difficult to detect. Recent
observations in this direction are not yet con-
clusive (Smith, 1983, in a Tau and a Boo;
Moon et al., 1983, in an M-S giant, E Oct).
Other promising candidates could be the
following M semiregular giants which show
short-period variations, particularly of the spec-
tral region around the Ca I X4227 absorption
feature: R Crt (Livi and Bergmann, 1982) and
L 2 Pup (G6mez Balboa and de la Reza, 1985).
Radial Pulsation Modes. One of the fundamen-
tal relations of radial pulsational stellar theory
is the period-density relation (see for instance,
Cox, 1980) which introduces the pulsation con-
stant, Q, in the form:
Q = P(Q/O. 0 )1/2
= P(M/Mo )1/2 (R/R o )-3/2 .
(8-52)
However, as has been shown in linear
nonadiabatic models (Fox and Wood, 1982),
Q is not a constant for any of the three lower
order radial pulsation modes (fundamental,
first and second overtone modes). Figure 8-9
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Figure 8-9. Q values for the three lowest order
radial pulsation modes plotted against period
(from Wood, 1982).
presents their corresponding values of Q0' Q1'
and Q2 against the first overtone period. If
molecular opacity is introduced, Q0 will be
reduced. On the contrary, Q1 will be
somewhat larger. Another result of Fox and
Wood is that, for high-luminosity stars, the
nonadiabatic fundamental period, P0' is
shorter than the adiabatic, P0" This has an im-
portant consequence because the adiabatic
dynamical instabilities produced by large
periods (Tuchman et al., 1978) disappear when
nonadiabatic effects are included. In this linear
nonadiabatic regime, the fundamental period,
P0' behaves as P0 o_82 rather than P _ R 3/2 of
the classical relation (8-52). An approximate
simple relation can be found for Qo between
definite values of M and P. No simple relation,
however, can be found for the first overtone
period, P, which behaves as R 3/2 for higher
mass and as R 5/2 for lower mass. These results
are found for typical galactic-disk long-period
and semiregular variables. The L-M-R rela-
tions change when massive disk supergiants (up
to 25 Mo ) or other populations with different
metallicities are considered.
Linear and nonlinear nonadiabatic pulsation
models have also been investigated by Ostlie et
al. (1982) in view of applications to typical
galactic Mira stars. They obtain P-M-R rela-
tions for fundamental and first overtone pulsa-
tions, examining in particular the effect of a
turbulence pressure. In the linear case, pressure
effects appear to be important for the fun-
damental mode and lower mass. In the
nonlinear models, turbulence amplifies the
nonadiabatic effects.
How do Mira stars pulsate? This is a con-
troversial subject, and no definite answers have
been given. Looking back to the past, Kamijo
(1963a, 1963b) concluded that Miras do not
pulsate in the fundamental mode, but rather in
higher modes with shorter periods. Later, the
research has been based on the possibility of
finding stable pulsational adiabatic static
models (Keeley, 1970; Wood, 1974, 1975). The
introduction of more realistic nonadiabatic
models has introduced stable models which can
be applied to massive LPV supergiants and
pulsating carbon giant stars. These stars show
secondary periods with P - 2000 to 7000 days
(Leung and Stothers, 1977), which are approx-
imately 7 times the typical primary periods of
300 to 700 days. Fox and Wood (1982) found
several supergiant models in which Po/P1 - 7,
indicating that the primary period is produced
by excitation of the first overtone and the
secondary period of the fundamental mode.
Let us now discuss the arguments support-
ing the fundamental mode pulsation of Miras.
These are based on a dynamical model of shock
waves (Willson and Hill, 1979; Hill and
Willson, 1979; Willson et al., 1982). A general
discussion can be found in Willson (1982). In
particular, Hill and Willson (1979) developed
a dynamical model, and in their calculations,
they used the spherical symmetry and isother-
reality assumptions. Their model is character-
ized by the existence of two shocks. One lower
shock emerges, with large amplitude, at the
photosphere and lasts about a period. With the
next period, another shock appears; two shocks
can then be present: one stronger and lower and
another weaker and higher. This lower shock
is formed near the piston by the impact of the
infalling large volume of rarefied preshock
material with the rising material near the
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photosphere.Becauserarefiedmatterisfalling
anddensecompressedmaterialisrising,nonet
inwardoroutwardmotionisproducedin this
model.
Inthismodel,thelowershockgivesriseto
thehydrogenemissionlinesin thepostshock
region,whereasthepassageof theweakerup-
pershockmodelaffectstheabsorptionlines.
Theemissionandabsorptionvelocitiesthen
showthevelocityvariationacrossthelowerand
uppershockvelocities,respectively.
In boththeseshocks,wecandefineAv =
v 2 - vl, where v I and v2 are the velocities de-
fined in the section Elementary Shock-Wave
Theory. Considering the relation (8-29), we
obtain:
Av
-I) 2 - , (8-53)
S-1
(8-54)
Because U 2 = 1)2 - Vs' where vs is the shock
velocity, it can be written as:
dr
$
Vs = D = (1 +q) 1)2
dt
(8-55)
where
A1)/1)2
q - (8-56)
S - 1
For a strong shock (higher S), vs - v2.
One important consequence of the model of
Hill and Willson (1979) is that the ratio defined
by/3 = vz/v e is nearly constant, and equal to
0.2. ve is the escape velocity (2 GM/ro)l/2,
where r is the radial distance of the lower
O
shock. The value and behavior of/3 characterize
the dynamical aspect of the model and is the
basis of the interpretation of the observational
results. In that case,
1)2(r) = t3 1)e(r) = 1)2(ro) (r/ro)l/2 (8-57)
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For constant values of/3 and q, the solutions
of Equations (8-55) and (8-57) give:
1)2 (t = P) = 1)2 (t = o)
3 1)2 (o)P]1+ 2 1+q) 1
-1/3 (8-58)
Hill and Willson (1979) place, in an M-R
diagram (see their Figures 10 and 11), the values
of constant velocity 02(0) and v2 (P) for the
stars R Leo and O Cet. It is possible to find
a region in this diagram that is best satisfied
by the observational data. Probable masses and
radii are then obtained for R Leo (M = 1.8 -
4.0 Mo, R = 1.7 - 2.5 × 1013 cm) and for
Mira(M--- 0.8- 1.5Mo,R --- 1.3-2.0 ×
1013 cm).
Lines of constant Q values also allow one
to establish the best possible pulsation modes
between Q = 0.1 (fundamental mode) and Q
= 0.04 (overtone mode). Both values seem a
priori satisfactory; however, considering sup-
plementary data on masses and radii, Hill and
Willson (1979) preferred the fundamental mode
for both stars.
The work of Hill and Willson (1979) has
been criticized by Wood (1980, 1982). As men-
tioned previously, considerable controversy ex-
ists about this subject. Wood (1975, 1980)
favors the first overtone mode. Wood derived
larger radii (smaller Q) than those of Hill and
Willson. Nevertheless, the principal arguments
of Wood concern the dynamical and
kinematical interpretations of the measured
shock velocities in LPV. On the dynamical
aspect, Wood (1979) found that, if a radial
temperature gradient is introduced, the ratio/3
is no longer constant, being 0.24 for a lower
shock and 0.11 for an upper shock. The other
point of discussion concerns the possibility of
measuring the values of the postshock velocity
of the upper shock. Wood (1980, 1982) showed
that, if the upper shock velocity can be mea-
sured, its low accuracy will severely compro-
mise the results. In fact, for a dynamical shock-
wave model, Q is very sensitive to the
velocityvaluesbecauseQ ot (I)lower/Oupper)3, and
an uncertainty of _+1 km s -1 will introduce an
error in the determination of Q of the order of
+0.1.
In conclusion, we can say that appropriate
surface boundary conditions will help future
studies. These conditions will probably affect
primarily the overtone pulsations, which are
more surface phenomena than those of the fun-
damental mode. A new approach, based on the
detailed shock evolution of the Balmer emis-
sion lines, is now beginning to be explored.
Shock-Wave Gas Dynamics of Balmer Emis-
sion Lines. The observed behavior of the
Balmer emission lines in different phases of
Mira variables has been known since the
pioneer works of Merrill (1945) and Joy (1947),
but not until now have careful high spectral
resolution observations of these lines been made
in order to study the pulsation properties (Fox
et al., 1984). A qualitative study of the dynami-
cal evolution of Hot in the star, o Cet, has also
appeared recently (Gillet et al., 1983), in which
the variations of the Hot emission profile is in-
terpreted as a spherical shock wave propagating
outward from the photosphere. The shock
leaves the photosphere when Hot emission ap-
pears for the first time in the cycle. Because of
the occultation by the photosphere, the
observer sees only the advancing part (detec-
ting a blue-shifted emission). The emission pro-
file appears to be mutilated by absorptions of
an external molecular region. This mutilation
diminishes as the shock leaves the molecular
region. At that moment, the shock is quite far
from the photosphere, and the observer is able
to see the receding part of the always-outgoing
shock, now producing a red-shifted emission.
The atmosphere is then crossed from the
luminosity maximum to the minimum by a
single strong spherical shock wave which pro-
duces the emission lines in the hot postshock
region. However, observed evidence of a se-
cond supersonic infalling shock in the same star
has been detected by Ferlet and Gillet (1984)
by means of an inverse P Cygni profile of Ti
I. This infalling shock could be the return of
nonejected upward-accelerated matter.
Fox et al. (1984) published a series of high-
resolution spectral observations of the Balmer
lines H3,, HS, H_', and Hrl of nine Mira stars
during half cycle around maximum phase.
Observations of the thermal excited line, Mg
I )_4571, and the pumped line, Fe I )_4202
(pumped by the Mg II resonance line at _2795),
were also made. The Balmer emission lines pre-
sent a full base width of near 80 km s-_ which
decreases at later phases. H8 seems to be the
most indicated line for the study of evolution
of emission regions because it is the least af-
fected by superposed absorptions.
A detailed shock model to be applied to
these observations is in progress (Fox and
Wood, 1985). However, in advance of the
presentation of this detailed model, a schematic
simple shock is presented by Fox et al., (1984).
This shock is shown in Figure 8-10. The precur-
sor is formed by H and He at T - 2500 K, with
an infalling velocity of 20 km s -l. The hot
postshock region is at T = 34500 K. It is in this
region that the broad emission lines are formed
by an important Balmer line scattering. In fact,
the broadening temperature of the lines indicate
temperatures of the order of 30000 K. The
velocities shown in Figure 8-10 agree with those
obtained from high-infrared spectroscopy of
CO lines (Hinkle et al., 1984). In the shock
model of Fox and Wood (1985), the far side
of the outgoing shock does not contribute to
the observed Balmer emission because of the
total absorption of the inward Balmer radia-
tion. This is contrary to the Hot interpretation
of Gillet et al. (1983) mentioned previously. The
metallic lines observed are very important in
that they permit the Balmer emission variations
in the cycle to be related to the velocities ob-
tained from these metallic lines. This relation
suggests a slowing down of the shock with
phase. A further study is necessary to determine
where the Mg I and Fe I lines mentioned are
formed. Are they formed in the precursor or
in the postshock region? The detailed model
403
2O
-1(]
-2O
FAR POST-SHOCK BALMER EMISSION
P=I.6x 10 -9 gmcm "3 P=4x10 "10 gmcm -3
V= 13 Km S -1 V=+5 Km S "1
T=4OOOK T=ISOOOK
4---- DISSOCIATION_ IONIZATION _ RADIATIONI_
BALMER SCATTERING
P: 2xlO'l°gm cm-3
V=+5 Km S "1
T = 54500 K
SHOCK FRONT
PRE-SHOCK
P=SxlO-11gm cm-3
V=-2OKmS -1
T=2500K
Radial Distance
Figure 8-10. A schematic diagram of shock structure in a typical Mira variable near-
maximum light. Velocities are in the rest frame of the star (from Fox et al., 1984).
of Fox and Wood will possibly give the answers
and may give new information concerning the
pulsation modes of the Mira stars investigated.
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THE ATMOSPHERES OF M DWARFS:
OBSERVATIONS
Marcello Rodon_
INTRODUCTION: THE SOLAR/
STELLAR CONNECTION
Until recently, many astrophysicists have
viewed the Sun as a special object separated
from the stellar context. This situation has
arisen mainly because solar research has bene-
fited from high spatial, spectral, and time-
resolved observations which were and, for the
most part, are unreachable in the observations
of ordinary stars. In fact, owing to their enor-
mous distances, only global properties of stars
can usually be obtained.
Indeed, especially before the recent opening
of the new spectral domains that have been
made available by spaceborne instrumentation,
solar astrophysicists were regarded by their
stellar colleagues as privileged people who were
actually able to "see" what they were observ-
ing and interpreting. Stellar astronomers could
only speculate on the surface characteristics of
stars on the basis of indirect and sometimes
only rather circumstantial evidence. Solar and
stellar research were following increasingly
diverging paths because the detailed studies of
the Sun, that, usually unintentionally, built up
a conceptual division between the study of solar
microphenomena and of stellar global charac-
teristics.
I do not know about the authenticity of the
following sentence that pictorically reflects the
mood of those days: "Solar people are prob-
ably watching the Sun too extensively and with
excessively powerful instruments, like those
looking at an old master painting with a micro-
scope: they might learn a lot about painting
techniques but will certainly have a hard time
in trying to appreciate the value of the work
of art standing in front of them."
As a matter of fact, the astronomical litera-
ture and history offer eloquent counterex-
amples promoting "the investigation of the Sun
as a typical star in connection with the study
of stellar evolution," as George E. Hale first
put it in 1905 (cf. Goldberg, 1983). Neverthe-
less, for several decades afterwards, Hale's at-
titude toward what we now call the solar stellar
connection did not become astronomical mass
culture, in spite of additional positive inputs of
several leading scientists such as Eberhard,
Schwarzschild, Kron, Unsold, Struve, Schatz-
man, and Lovell. It was not until the sixties that
systematic observations of so-called "active"
stars began and the problem of solar-type stellar
activity was specifically addressed (cf. Schatz-
man, 1967; Godoli, 1968, and references there-
in). It is of some significance that the first IAU-
sponsored interdisciplinary meetings on topics
related to the solar/stellar connection took
place only in 1982 (Byrne and Rodon6, 1983;
Stenflo, 1983).
From the observational point of view, as
both solar and stellar astronomers have con-
stantly increased their respective instrumental
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capability,leavingalmostunchangedthedivid-
inggapbetweenthe_.Norwill thissituation
changeinthefuture,astherelativelocationof
theSunandthestarswithrespectto theEarth
will remainunchanged,withalltheobviousim-
plicationsthatdifferentiatesolarandstellar
observationalcapability.
Whathasdefinitelychangedin therecent
pastis theattitudeof bothsolarandstellar
astrophysicists(asenvisagedby Hale long
before):thesolar/stellaror stellar/solarcon-
nectionhasopenedthe solar laboratory, in
which "stellar" phenomena can be studied in
detail, to stellar astrophysics and the stellar
laboratory, where "solar" phenomena occur in
different physical environments, to solar astro-
physics. A truly "two-way street" connecting
solar and stellar research does not appear to be
any more an elite culture and is waiting to be
fully exploited in the near future.
As always, improvements bring with them
an increase of the parameters to be taken into
account. Specifically, a new temporal param-
eter, the stellar evolution time scale, will enter
our problem, as well as the other global param-
eters specifying the physical state of the star's
environment.
Recent observations and interpretation of M
dwarfs, about 1000 times fainter and 10 times
smaller than the Sun, have shown how scientifi-
cally fruitful their comparative study could be.
Indeed, the intrinsic faintness of M dwarfs and
the favorable interior physical conditions for
solar-type phenomena to develop render their
observation particularly suitable for solar/
stellar studies. Therefore, my contribution is
aimed at presenting recent observations of M
dwarf atmospheres, with particular emphasis
on those that relate to the stellar/solar connec-
tion (i.e., at the other side--or, perhaps, the
"far" (stellar) side--of the topic with respect
to the content of The Sun as a Star volume in
this CNRS-NASA Monograph Series on Non-
thermal Phenomena in Stellar Atmospheres.
M dwarf atmospheres, whose theoretical
aspects are presented by D. J. Mullan in Chap-
ter 10 of this book, are particularly useful for
the purpose of establishing observational con-
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straints on stellar activity parameters. These
constraints will greatly help in narrowing the
range of possible mechanisms that can give rise
to the activity phenomena observed in the Sun
and stars. It goes without saying that activity
phenomena often announce departure from
static thermodynamic equilibrium with par-
ticular nonthermal processes dominating
others.
After presenting global properties of M
dwarfs (Global Properties of Quiescent M
Dwarfs), I will concentrate on the principal
diagnostic of activity phenomena occurring in
their atmosphere from the geometrical, ener-
getic, and temporal points of view. Observa-
tions of starspots, plages, flares, and activity
cycles will be presented in the section Activity
Signatures. In the final section, the major
sources of activity will be discussed with par-
ticular emphasis on the generation, intensifica-
tion, and measurements of stellar magnetic
fields.
GLOBAL PROPERTIES OF
QUIESCENT M DWARFS
The intrinsic faintness of M dwarfs makes
them suitable for accurate observations only
within a relatively restricted volume centered
on the Sun. Actually, reasonably detailed pho-
tometric and spectroscopic observations have
been carried out only for M dwarfs lying with-
in 25 parsecs of the Sun. Nevertheless, since the
number density of dM stars is impressively
large--0.06 parsecs -3 (Th_ and Staller,
1974)--a sufficiently numerous sample is avail-
able for observations in the solar neighbor-
hood. Basically, there are two distinct groups
of M dwarfs: dM and dMe stars, the latter
showing hydrogen Balmer lines in emission.
(See the section Effective Temperature, Radius,
and Surface Gravity.) Long-term variability
and short-duration flares characterize dMe
stars. (See the section Activity Signatures.)
However, sporadic or quasi-periodic variability
seems to be a common feature of a large frac-
tion of M stars (Stokes, 1971).
Extensiveanddetailedworkshavebeencar-
riedoutondMeflarestars.Theirglobalprop-
ertiesaresimilartothoseof ordinaryMdwarfs
andareof interestherebecauseof thegreat
varietyofnonthermalphenomenaoccurringin
theiratmospheres.
Multiplicity and Mass
About 35 percent of late-type main-sequence
stars and 60 percent of known flare stars within
25 parsecs of the Sun are members of binary
systems (Rodonb, 1978). The majority are
visual binaries with well-determined orbits. V
1396 Cyg (Gliese 815 A) and BY Dra (Gliese
719) are spectroscopic binaries, CM Dra (Gliese
630.1) and YY Gem (Gliese 278c) also show
eclipses. The most reliable values of masses for
well-studied binaries are given in Table 9-1.
They range between 0.06 and 0.62 solar masses.
Using empirical mass-luminosity relations (viz.
Gatewood, 1976) additional determinations of
masses are possible. (See the section Effective
Temperature, Radius, and Surface Gravity.)
The smallest value is 0.038 Me (V 1298 Aql
-- Gliese 752 B). However, stars with such low
masses cannot be regarded as true main-
sequence stars because their contraction times
toward the main sequence are comparable to,
or even exceed, the age of the Galaxy.
The theoretical models by Grossman et al.
(1974) indicate that an increasing fraction of the
stellar interior becomes convectively unstable
as mass decreases. A star of about 0.2 Mo or
less (i.e., with spectral type later than MS) is
already fully convective. Following Mullan
Table 9-1
Masses of dMe Flare Stars in Binary Systems
Gliese
(1969) Variable Spectral Binary
No. Star Name Catalog Type Type*
M A + M B
(Sun = 1) Ref. t
473 AB FLVir Wolf 424 AB dM5.5e + dM5e VB
234AB V 577 Mon Ross 614AB dM4.5(A + B) VB
65 AB UV Cet L726-8 AB dM5.5e + dM6e VB
447 FI Vir Ross 128 dM5 VB
860 AB DO Cep Kruger 60 B dM4.5e VB
166 C -- 40 Eri C dM4e VB
63011 CM Dra LP101 - 15/16 dM4e + dM4e EB, SB
15AB GQ And Groom 34AB dMle + dM6e VB
815 A V 1396 Cyg AC + 30 1214 -
608 dM3e + ? SB
22 -- BD + 66 34 AA' dM2.5e + ? AB
799 AB AT Mic LDS 720 BC dM4e + dM4e VB
725 AB -- BD + 59 1915 AB dM4 + dM5 VB
644 V 1054 Oph BD - 8 4352 AB dM3.5e (A + B) VB
719 BY Dra HDE 234677 dM0e + dM0e SB
278C YYGem BD + 32 1582 dM1 + dM1 EB, SB
0.067 + 0.064 1
0.114 + 0.062 2
0.12 + 0.06 3
0.12 + 0.108 4, 5
0.15 6, 7
0.16 8, 6
0.16 9
0.238 + 0.207 10
0.29 + 0.15 6
0.2 + 0.3 + ? 1.1
(0.4) + 0.13 6, 12
0.39 + 0.30 13
0.41 + 0,41 14
0.46 + 0.45 6
0.58 + 0.60 15
0.62 + 0.57 16
*Binary type: AB = astrometric, EB = eclipsing, SB = spectroscopic, VB = visual.
tReferences: 1. Heintz (1972), 2. Lippincott and Hershey (1972), 3. Probst (1977), 4. Worley and Behall (1973),
5. Harrington and Behall (1973), 6. Gatewood (1976), 7. Lippincott (1978), 8. Lippincott (1953), 9. Heintz (1974),
10. Lacy (1977a), 11. Fekel et al. (1978), 12. van de Kamp (1968), 13. De Freitas Mour_'o (1976), 14. van de Kamp
(1971), 15. Bopp and Evans (1973), 16. Leung and Schneider (1978).
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(1976),it is tempting to relate the onset of com-
plete convection with the appearance of hydro-
gen emission lines in almost all dwarfs with
spectral type later than MS.
The high fraction of active M dwarfs in
binary systems seems to be linked to their ability
in preventing rotational breaking with age, a
consequence of forced synchronization between
rotation and orbital motion (Bopp and Fekel,
1977; Bopp and Espenak, 1977). Rather than
duplicity, their higher than normal rotational
velocity and deep convection zones appear to
be necessary conditions for activity phenomena
to develop in late-type stars. On the other hand,
that enhanced activity results from triggering
effects due to their proximity is not supported
by the present observations of flare events in
binaries (Rodon6, 1978).
Galactic Density, Motion, and Age
M dwarfs account for about 73 percent of
all main-sequence stars in the solar neighbor-
hood or about 66 percent of the total number
of stars in our Galaxy (Allen, 1973; Arakelian,
1969). Hence, as the histograms in Figure 9-1
show, although their individual masses are very
low (bottom panel), their huge number (mid-
dle panel) makes them the largest single con-
tributors to the stellar mass of our Galaxy.
Assuming that the mass and space distribution
of neighborhood stars are representative of the
entire Galaxy, the upper panel in Figure 9-1
shows that M dwarfs account for about 50 per-
cent of the total mass of main-sequence stars.
From the relative abundance of dMe and
dM stars versus the absolute magnitude given
by Joy and Abt (1974) and the luminosity func-
tion in Allen (1973), the number of dMe is
about 75 percent of dM stars (i.e., they have
a number density in the solar neighborhood of
about 0.04 stars pc-3). Hence, assuming: (1) all
dMe to be flare stars, (2) the density in the solar
neighborhood to be representative for the en-
tire Galaxy, and (3) a conventional volume of
the Galaxy of 10 ]2 pc 3, the number of flare
stars amounts to the impressive number 3.8 x
10 j° stars. An even higher estimation is given
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Figure 9-1. Distribution of mean mass versus
spectral type for main-sequence stars (bottom
histogram), their relative number (middle
histogram), and mass density (upper histogram)
in the solar neighborhood. Assuming that these
distributions are representative of the entire
Galaxy, the low-mass M dwarfs appear to be
the largest single contributor to the stellar mass
in our Galaxy.
by Coleman and Worden (1976): 1.0 to 8.6 ×
l0 II stars. They have also suggested that a
large fraction of stellar mass loss may arise
from dMe active stars during the course of flare
events with important consequences on the
physics and composition of the interstellar
medium. (See also Staller, 1976; Gershberg and
Shakovskaya, 1976; and Mullan, 1979.) Even
assuming our lower estimate of the total
number and mass of flare stars, the mass loss
due to flares from dMe stars might constitute
an important fraction of the total mass loss
fromstars,especiallyif a quasi-steadysolar-
typewindis alsopresent.
Themassdensityof Mdwarfsis0.025Mo
pc -3 (Allen, 1973), accounting for about 19
percent of the total mass of our Galaxy as given
by Oort from z velocity (Allen, 1973).
Therefore, dMe flare stars alone constitute a
sizable mass component of the Galaxy (- 15
percent).
The relative maximum in the luminosity
function at about M V = 15 (Luyten, 1968;
Arakelian, 1969) is almost entirely due to emis-
sion-line dwarfs. This leads Arakelian (1969)
to suggest the existence of a relatively young
group of physically related stars in the solar
neighborhood. Moreover, since dMe stars have
lower dispersion velocity and higher vertex
deviation than dM stars (Einasto, 1954, 1955;
Vyssotsky and Dyer, 1957; Gliese, 1958), flare
stars have been generally considered young ob-
jects. However, Greenstein and Arp (1969) first
detected flare activity on a kinematically old
star (Wolf 359 -- CN Leo). Moreover, con-
sidering the space motions of the 22 flare stars
which were known at that time, Lippincott
(1971) found their mean velocity (21 km s -1) to
be comparable to the average (23 km s -1) for
202 M dwarfs in the Gliese (1969) catalog.
Hence, Lippincott (1971) questioned the
younger age of flare stars relative to other M
dwarfs.
On the other hand, Chugainov (1972) and
Kunkel (1972) gave evidence for the existence
of both young and old flare stars and for higher
activity levels on younger stars. Recent investi-
gations on the space motions of 646 red dwarfs
(Shakhovskaya, 1975) have confirmed that the
most active UV Cet type variable stars are in-
deed young; however, less active stars belong
to the old disk population and at least one case
is known (CF UMa = Gliese 451B) with both
kinematic and chemical (Tomkin, 1972) halo
population characteristics. In addition, the
short-period spectroscopic and eclipsing binary
system, CM Dra (Gliese 630.1), which shows
a light curve distortion outside eclipses at-
tributable to starspots such as for BY Dra, has
Population II kinematical motion (Lacy,
1977a).
Other examples of old flare stars .are pre-
sented by Veeder (1974a), who found 14 of 31
single or double flare stars to have space mo-
tions typical of old disk population. Updating
his flare list, 18 of 38 single or double flare stars
included in Veeder's (1974b) list of M dwarfs
have old disk motions. This high fraction of old
flare stars (47 percent) can be biased by obser-
vational selection since most of them original-
ly came from lists of large proper motion stars.
Actually, Iwanowska (1972) has found that
only about 13 percent ofdM and l 1 percent of
dMe stars belong to Population II. The relative-
ly large fraction of old stars in Lippincott's
(1971) flare star sample can explain her negative
result on the younger age of flare stars relative
to other dM dwarfs. This is certainly true on
the average, as demonstrated by the larger
number and earlier spectral type of flare stars
in young clusters and associations and by their
rather strong emission lines, which are an in-
dex of youth as suggested by Wilson (1963) and
demonstrated by Wielen (1974) and Upgren
(1978).
The existence of old flare stars is not com-
pletely consistent with the widespread idea on
the fading of flare activity with age. For in-
stance, the suggestion that the dMe or the flare
star, which forms a binary system with another
dM, is always the less evolved member has not
been confirmed. Several brighter components
of such systems do show flare activity (see
Rodon6, 1978). The most recently reported case
is that of Gliese 867A (Byrne, 1979; Butler et
al., 1981). Moreover, contrary to previous
evidence, Veeder (1974a) has shown that, in the
Mboi(V-K) diagram, some UV Cet type flare
stars lie below the main sequence by as much
as one magnitude.
In conclusion, although youth can be con-
sidered a sufficient condition for low-mass stars
to show flare activity, the existing evidence also
suggests that some mechanism, such as en-
forced rotation in binary systems, is capable of
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prolongingconsiderablytheactivephaseona
largefractionof stars.
Effective Temperature, Radius,
and Surface Gravity
The most reliable values of surface gravity
are those obtained from the radii and masses
of the spectroscopic and eclipsing binaries, CM
Dra (Lacy, 1977a) and YY Gem (Bopp, 1974a;
Leung and Schneider, 1978). We must rely on
indirect methods for additional data.
Pettersen (1983a) has critically reviewed the
existing data on global properties of active M
dwarfs in their quiescent state. The resulting
empirical relations involving effective tempera-
ture (T), bolometric correction (BC), ab-
solute visual magnitude (A/o), and color in-
dices B-V, V-R, R-I, and V-K are presented
in Table 9-2. Given the well-defined correlation
between Te and V-K, the HR diagram (Mbo t
versus log T e) in Figure 9-2 has been
calibrated to show the Mbo t versus V-K cor-
relation also.
Since well-observed dM stars are very near
the Sun, their trigonometric parallaxes are quite
reliable, and absolute visual magnitudes can be
determined. Hence, by using the bolometric
correction (Gatewood, 1976) or the bolometric
magnitude and the effective temperature de-
rived from their spectral energy distribution
(Veeder, 1974a), masses and radii can be com-
puted. Assuming the mass-luminosity relation
and the effective temperature/(V-K) color rela-
tion given by Veeder (1974b), we have:
log R/Ro = 0.92 - 0.20 Mbo t
+ O.104(V-K)
(9-1)
Another method of determining stellar radii
has been adopted by Lacy (1977b). He has es-
timated the radii of nearby stars with known
distance using the Barnes-Evans relation
(Barnes and Evans, 1976; Barnes et al., 1976):
F = A-B(V-R)o , (9-2)
where A and B are constant within given ranges
of the V-R color index. The quantity F ° is the
so-called "visual surface brightness param-
eter," which is related to the stellar surface
flux, and is given by the relation,
F = 4.2207-0.1 V-0.51ogO' , (9-3)
Table 9-2
Empirical Correlations Between Global Parameters of
M Dwarfs from Various Sources (see text)
BC=
BC=
BC=
BC=
BC=
T
e
T =
e
T =
e
T =
e
-0.379 M v + 2.386
-4.816 (B-V) + 5.430
-2.267 (V-R) + 1.689
-2.124 (R-I) + 0.874
-0.816 (V-K) + 1.709
-1510 (B-V) + 5738 K
-645 (V-R) + 4469 K
-648 (R-I) + 4311 K
-264 (V-K) + 4624 K
log (R/Ro) = 0.92 - 0.20 MboI + 0.104 (V-K)
log (M/Mo) = 1.82-0.25/t_o ,I/_..o , > 7.8)log (M/M e ) 0.45 0.09 "bo/ bo/ < 7.8)
log T = 3.77 - 0.052 (V-K)
(+0.27)
(+0.36)
(+0.13)
(+0.13)
(+0.07)
(+156)
(+112)
( + 79)
('+ 120)
(Eq. (9-1))
(Eq. (9-6))
(Eq. (9-7))
(Eq. (9-8))
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whereV ° is the unreddened visual magnitude
and _b' is the stellar angular diameter in milli-
arcsec. Combining relation (9-3) and the rela-
tionship between ¢', the stellar radius (R) and
distance (d), in the form:
R/R o = 0.1074 × (¢'m-arcsec) × d (pc),(9-4)
Lacy (1977b) derived the relation,
logR/Ro = 7.4724-0.2 V
O
- 2F (V-R) + logd(pc).
(9-5)
This method is a powerful one because it is free
from assumptions about spectral classification,
luminosity class, effective temperature, and
bolometric correction. Its application is partic-
ularly useful for statistical purposes. A syste-
matic difference between the radii computed us-
ing Equation (9-1) and Veeder's (1974b) data
and those computed by Lacy (1977b) is appar-
ent in Figure 9-3. Lacy (1977b) has not con-
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Figure 9-2. Bolometric magnitude versus effec-
tive temperature for M dwarfs. The upper scale
(V-K) has been calibrated using Equation (9-8).
Continuous lines indicate Veeder's (1974b) rela-
tion for constant R/R o values (Eq. (9-1)).
sidered this difference to be significant.
However, because Lacy's data are consistent
with independent estimates obtained by Gray
(1967, 1968) following an observational/theo-
retical approach, it would be interesting to
check whether the above discrepancy is due to
a systematic overestimation of the effective
temperature with increasing Moo t in the (V-K)
- T calibration by Veeder.
Lacy (1977b) and Sienkiewicz (1982) have
confirmed the result already found by Hoxie
(1973) that theoretical radii for the solar com-
position zero-age main sequence by Copeland
et al. (1970) are about 30 to 15 percent smaller
than those derived from observations. A sys-
tematic overestimation of effective temperature
for theoretical models of very late main-
sequence stars or inadequate treatment of the
opacity sources in their atmospheres can cause
these discrepancies.
Bolometric magnitude, V-K color, mass, ef-
fective temperature, radius, and surface gravi-
ty are given in Table 9-3. The bolometric mag-
nitudes and V-K colors (Veeder, 1974b), which
are given in the first two columns, were used
to calculate the remaining parameters by means
of the empirical relation (9-1) and the follow-
ing ones:
log (M/Mo) = 1.82 - 0.25 Moo t
(9-6)
(Moo t > 7.8) ,
log (M/Mo) = 0.45 - 0.91 Moo t
(9-7)
(Moo t < 7.8) ,
log Te = 3.77 - 0.052 (V-K) . (9-8)
The above relations are from Gatewood
(1976), Cester (1965), and Veeder (1974b), re-
spectively. Independently determined more re-
cent data (e.g., the masses and the T values)
computed by Veeder (1974b) by fitting a black-
body curve to broadband magnitudes, which
415
mv
0
10
12
,e
! I I
• Veeder t+974 )
• Lacy (1977)
"'•'_ ;Oo•
0+ •
1 ! 1
• A&
, % I w I ' i
_,loo (R/Re)
(Veeder- Lacy)
I I I I I I I I I I l i i I i I ! I
0 -0.2 -0.4 -0.6 -0.8 -10 _'-1.0 0 +i0 +2.0
LOG(RIRe) ,'_log(R/Re)
Figure 9-3. Absolute visual magnitude versus log (R/R o)for M dwarfs. The com-
parison between the radii computed using Equation (9-1) and Veeder's (1974b) data
and those given by Lacy (1977b) shows a systematically increasing deviation, which
is probably due to a systematic overestimation of the effective temperature in the
(V-K)- T calibration by Veeder.
are listed in Table 9-1, are preceded by the sym-
bol, A. The surface gravity, g/go was com-
puted from the values of mass and radius given
in Table 9-1.
The radius of well-studied dMe stars ranges
from about 1 R o for CR Dra (Gliese 612.2)
and FF And (Gliese 29.1) to 0.16 R o for UV
Cet (Gliese 65B), G 51-15, and V 1298 Aql
(Gliese 752B); the surface gravity ranges from
less than the solar value for CR Dra to 5.2 g o
for Gliese 725B; and the effective temperature
ranges from 3800 K for the primary component
of YY Gem (Gliese 278C) to 2100 K for V 1298
Aql. For the two components of the spec-
troscopic binary YY Gem, Leung and
Schneider (1978) give 3806 + 182 and 3742 +
214 K, respectively. Given the listed values of
mass and radius, the mean density of dM stars
is higher, up to more than 20 times, than the
solar value. V 1298 Agl (Gliese 752B) is the
faintest and coolest dM star which is known.
Quiescent Optical Spectra
and Abundances
As already noted at the beginning of this
chapter, the global characteristics of dM and
dMe stars are similar. Due to their low tem-
perature (2100 to 3800 K), the optical spectra
are dominated by strong molecular bands of
TiO (4590, 4630, 4670, 4810, 5010, 5175, 5450,
5850, and 6520 _) and of CaOH (5500 to
5560/_ blended with the TiO band at 5450/_).
The most intense absorption line is due to CaI
at 4226/_,. In addition, other faint absorption
features due to CO, OH, MgH (4845, 5210, and
5620/_), CrI (between 4200 and 4300/_), and
Call (6389 ,_,) are usually visible in low disper-
sion spectra (100 to 200/_ mm-l).
416
Table 9-3
Bolometric Magnitude (Mbol), V-K Color, Mass (M/M o ), Effective Temperature (TeL
Radius (R/R o ), and Surface Gravity (g/go) for UV Cet and BY Dra-Type Dwarfs
Gliese Variable Star Spectral IVl_oI V-K M/M o log T R/R o g/go
No. Name Type
Notes*
15A GQAnd a M2.5e V 8.9 4.0 A0.29 3.56 0.36 2.24 --
15 B GQ And b M4.5e V 10.9 5.1 A0.15 A3.498 0.19 4.16 --
29.1 FF And dM0e 7.2 4.1 0.62 3.56 0.81 0.94 SB
48 -- dM3.5e 8.3 4.0 0.56 A3.532 0.55 1.85 --
51 V 358 Cas dM7e 10.7 6.0 0.14 A3.470 0.25 2.24 --
65 A UV Cet a dM6e 11.7 6.6 A0.12 A3.431 0.18 3.70 --
65 B UV Cet b dM4e 12.1 6.7 A0.11 3.42 0.16 4.30 --
83.1 TX Ari dM5e 11.1 5.6 0.11 3.48 0.19 3.05 --
109 -- dM4e 9.2 4.6 0.33 3.53 0.36 2.55 --
207.1 V 371 Ori dM3e 8.6 4.9 0.47 3.52 0.51 1.81 --
234A V 577 Mon dM4e 10.4 5.6 A0.12 A3.484 0.26 1.78 VC
268 -- dM5e 9.8 5.6 0.23 3.58 0.35 1.89 --
277 A -- dM3e 7.7 4.7 0.56 3.53 0.74 1.02 SB
277 B -- dM4.5e 8.5 5.1 0.50 3.50 0.56 1.59 --
278 C1 YY Gem a Mle V 7.8 3.8 A0.62 A3.580 A0.66 1.42 EB
278 C2 YYGem b M4.5e V 8.1 3.8 A0.57 A3.573 A0.58 1.69 EB
285 YZ CMi dM4.5e 9.7 5.5 0.25 A3.491 0.36 1.93 --
- G51-15 dMe 12.4 7.6 0.05 A3.389 0.17 1.73 --
388 AD Leo M4.5e V 8.8 4.8 0.42 3.52 0.46 1.98 --
406 CN Leo dM6e 12.2 7.4 0.06 A3.398 0.18 1.85 --
412 B WX UMa dM5e 12.7 6.1 0.04 3.45 0.10 4.00 --
424 SZ UMa M1 V 8.3 3.8 0.56 3.57 0.45 2.77 --
447 FIVir dM5 10.8 5.5 A0.15 3.48 0.21 3.40 --
473 AB FL Vir dM5.5e 11.5 6.4 AO.07 A3.447 0.19 1.94 MC
494 DT Vir dM2e 7.4 4.2 0.60 3.55 0.75 1.07 --
516 A VW Com dM4e 9.1 4.5 0.35 3.54 0.37 2.56 --
526 -- M4e V 8.5 4.0 0.50 3.56 0.43 2.70 --
551 V 645 Cen dM5e 11.7 6.6 0.08 A3.431 0.18 2.47 --
616.2 CR Dra Mle 6.7 4.2 0.69 3.55 1.04 0.64 --
630.1A CM Dra a M4e 10.4 -- A0.24 A3.498 A0.25 A3.48 EB
630.1B CM Drab -- 10.5 -- A0.21 A3.498 A0.23 A3.97 EB
644AB V 1054Oph dM4.5e 8.7 4.6 A0.46 A3.538 0.46 2.17 MC
669 A V 639 Her a dM4e 9.0 4.9 0.37 A3.518 0.43 2.00 --
669 B V 639 Her b dM5e 10.0 5.5 0.21 A3.491 0.31 2.19 --
719 BY Dra MOeV 7.0 3.4 AO.60 3.59 0.75 1.07 SB
725 A -- dM4 9.3 4.4 A0.41 A3.538 0.33 3.76 --
725B -- dM5 9.9 4.7 A0.41 A3.519 0.27 5.62 --
729 V 1216 Sgr dM4.5e 10.9 5.2 0.12 A3.477 0.19 3.32 --
735 V 1285 Aql M2e 7.8 4.6 0.55 3.53 0.69 1.16 --
752 B V 1298 Aql dM3.5e V 13.1 8.7 0.04 3.32 0.16 1.56 --
781 -- dM3e 9.4 4.0 0.30 3.56 0.29 3.57 SB
860 B DO Cep dM4.5e 10.7 4.9 A0.16 3.52 0.19 4.43 --
866 -- dM6e 10.9 6.6 0.12 A3.439 0.27 1.65 --
867 B -- dM4e 9.3 5.0 0.31 3.51 0.38 2.15 --
873 EV Lac dM4.5e 9.4 5.0 0.30 3.51 0.36 2.31 --
905 -- dM6e 11.3 6.4 0.10 A3.447 0.21 2.27 --
908 -- M2e V 8.7 3.9 0.44 3.57 0.39 2.89 --
*Notes: EB = eclipsing binary component; MC = mean component of visual double; SB = mean component of spec-
troscopic binary; VC = corrected for visual companion; A = parameter obtained independently, not from empirical
relations (see text).
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For temperatures lower than 3500 K, H20
rotational lines appear. The relation of molec-
ular line strength to effective temperature is
shown in Figure 9-4 from Pettersen (1983a).
For further detail, refer to the standard dM star
spectra by Abt et al. (1968) and Keenan and
McNeil (1976).
Another common feature of dM and dMe
spectra is the occurrence of chromospheric Ca
II H and K resonance lines in emission, which
characterize all dwarf stars with spectral types
cooler than F5 (Wilson, 1973; Linsky et al.,
1979; Giampapa et al., 1981; Linsky et al.,
1982).
The spectral feature that differentiates dMe
from dM stars is the hydrogen Ha emission line
(Joy and Abt, 1974). Most dMe stars also show
other emission lines, such as the higher Balmer
lines up to H8-9, the He I (5876 and 6678 ._)
and Na D lines (5890 to 5896 ,_) (GiamPapa et
al., 1978; Warden et al., 1981).
A distinctive characteristic of Ha and other
higher Balmer lines in emission is the central
reversal that is apparent in spectra with resolu-
tion of the order of 0.1 ,_ (Kulapova and Shak-
hovskaya, 1973; Warden and Peterson, 1976;
Pettersen and Coleman, 1981; Warden et al.,
1981; Linsky et al., 1982). Repeated observa-
tions of the same star, although nonsystematic,
clearly show that this feature is variable. Ha
reversal does not appear in the spectra of dMe
spectroscopic binaries, probably because it is
smeared by rotational broadening.
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Several interpretations of Hot reversal are
possible. However, following Worden and
Peterson (1976) and Worden et al. (1981), op-
tically thick emitting regions in the Ha
emission-line core--similar to solar active re-
gions such as plages, spicules, and promi-
nences-seem to be likely candidates. A selec-
tion of line profiles of Ca II H and K, Hot, and
Na D is presented in Figures 9-5, 9-6, and 9-7.
From comparative study of high-resolution
Ca II H and K lines in dM and dK5-Me stars,
Giampapa et al. (1981) have shown that sur-
face fluxes and radiation temperatures are
systematically higher in the latter. They have
also confirmed that, for both emission and
nonemission dwarfs, the ratio of surface flux
in the H and K lines to the bolometric one,
RHK = [F' (HI) = F' (Kl)]/(trTe) , is com-
parable to or larger than that for supergiants
and definitely larger than that for giants (Blan-
co et al., 1974; Linsky et al., 1979).
The fraction of dMe stars among all M
dwarfs increases with advancing spectral sub-
class to nearly 100 percent at M5. However,
Liebert et al. (1979) and Giampapa (1983a)
have found several non-emission-line stars
among M dwarfs with 34"o > 15. The occur-
rence of such emission lines in only a fraction
of late K and M dwarfs indicates that different
outer atmospheric regimes can be set up in stars
that have similar global physical properties. In
emission-line dwarfs, excess nonradiative en-
ergy deposition leads to chromospheric tem-
perature gradients steeper than in non-emission-
line dwarfs so that, as shown by Kelch et al.
(1979) and Cram and Mullan (1979), Balmer
lines develop emission cores. They have found
that successful modeling of Balmer-line absorp-
tion in dwarfs also requires some degree of non-
radiative chromospheric heating. A solar
analogy is particularly useful in this context in
predicting a possible origin for the enhanced
chromospheric emissions. As shown by Shine
and Linsky (1974), Basri et al. (1979), and Ver-
nazza et al. (1981), the strong emission lines
from solar chromospheric plages require tem-
perature or pressure gradients steeper than
those of adjacent quiescent regions.
Since solar plages are characterized by
enhanced magnetic flux, nonradiative heating
in closed magnetic structures is likely to pro-
duce the required steep temperature gradient
and the observed enhanced emission. This anal-
ogy suggests that dMe star chromospheric
structures are dominated by closed magnetic
fields. Some debate has occurred on how the
magnetic fields might be generated (cf. Wor-
den, 1974; Mullan, 1975a). This topic will be
discussed at some length in the section Nonther-
real Energy Sources of Activity and Conclu-
sions, together with other indirect evidence and
actual measurements of magnetic field strength
in dMe stars. (See also the section Activity
Signatures.) Here, it is worth mentioning that
a self-excited ot-c0 dynamo in the convection
zone appears to be the basic mechanism for
magnetic field production in active stars (cf.
Belvedere, 1983). The interaction of convection
and rotation leads to a regime of differential
rotation, which is required by the dynamo
mechanism. Since dM and dMe stars have com-
parable masses and the theoretical models in-
dicate that they are highly convective, the
parameter that triggers emission-line
characteristics and activity should be the higher
than normal rotational velocity of dMe stars
with respect to M stars. The high incidence of
late K-M emission-line active stars in close
binary systems, in which synchronization be-
tween orbital motion and rotation enforces high
stellar rotation, is consistent with the forego-
ing scenario of magnetic field generation.
In Table 9-4, typical parameters for emis-
sion lines in late K-M dwarfs and the observed
range of variability are presented. In fact, one
must bear in mind that sporadic variability of
the emission-line intensity frequently occurs.
From the very beginning of systematic spec-
troscopy of dMe flare stars at the Crimea and
McDonald Observatories, independent evi-
dence of sporadic emission-line variability on
time scales of the order of 1 hour, other than
during flare events, was collected (cf. Gersh-
berg, 1977). Even a transient, almost complete
gradual disappearance of H I and Ca II emis-
sion lines has been observed on YZ CMi (Bopp,
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1974b). This type of short-term sporadic vari-
ability-if not due to fading flares or rotational
modulation of active region visibility--suggests
actual transient changes in the physical condi-
tions underlying the emitting region; these are
conceivably due to nonthermal instabilities.
Baliunas et al. (1981) have also detected peri-
odic variability of the emission cores of Ca II
H and K lines in e Eri (K2 V) similar to those
seen in solar oscillations.
Stellar model chromospheres developed at
the Joint Institute for Laboratory Astrophysics
by J.L. Linsky and his collaborators in a re-
cent series of papers, most of which are quoted
in this section, have corroborated the sugges-
tion first outlined by Gershberg (1970, 1974)
about the qualitative similarity of solar and
stellar chromospheres. However, the latter are
less extended, hotter, denser and show larger
surface inhomogeneities than those of the Sun
(cf. 3.2). (See the section Surface Inhomoge-
neities in the Outer Atmosphere.)
From the width of hydrogen lines, an upper
limit of 14000 K for the chromospheric electron
temperature can be predicted. However, the
centrally reversed Ha profiles have a half-width
of - 1 ,_, implying a temperature of 4 × 10 4
K for an optically thick emitting region with
electron density lower than 1013 cm -3. The in-
tensity ratio of triplet to singlet He I emission
lines, I(5876)/I(6678), is 3.7 (i.e., similar to that
in active solar prominences). These He I lines
are probably excited by collision from ground
state in the chromospheric region with T = 2-5
× 105 K and column density ne× _ - 6× 1018
cm -2, implying that the chromospheric regions
for n = 101° to 1012 cm -3 are thin. Even thin-
e
ner chromosphere could result if, according to
Kunkel (1970) and Gershberg (1974), n e =
1012 tO 1014 cm -3.
In addition to age, abundance is believed to
be responsible for the large spread of M dwarfs
in the HR diagram. However, Hartmann and
Anderson (1977) did not find appreciable abun-
dance differences between emission and non-
emission K7-M1 dwarfs. They made a curve of
growth analysis of high-dispersion echelle spec-
tra of six old disk stars obtained at the Kitt
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Peak 4-meter telescope in the region of 5900 to
6600/_, with 0.1 to 0.15/_ resolution. The de-
rived abundances were similar to the solar ones
to 0.2 dex.
From high-resolution Fourier transform in-
frared (1.5 to 2.5 /_) spectra of six K7-M5
dwarfs and subdwarfs obtained with the same
Kitt Peak telescope, Mould (1978) concluded
that subdwarfs are metal poor ([M/HI --_-0.3),
whereas the one star in his sample which was
above the main sequence is metal rich ([M/H]
-- 0.5). He also gave an upper limit of 0.2
magnitude to the dispersion in the HR diagram
attributable to abundance effects.
A search for the lithium line at 6707 /_
(Bopp, 1974c) in 14 flare stars showed no de-
tectable lithium (EW < 50 mA), but on Gliese
182 = V 1005 Ori (EW - 200 mA). De la Reza
et al. (1981) have confirmed this detection and
obtained a ratio [Li/H] close to the interstellar
value.
Essentially, none of the studied late K-M
emission-line dwarfs differ from field K-M
stars in their lithium content (Herbig, 1965).
This is consistent with their highly convective
structures, implying severe pre-main-sequence
lithium depletion (Bodenheimer, 1965). The
only BY Dra flare star with high lithium abun-
dance is the K4 Ve dwarf, BD-10 4662AB (FK
Ser). However, it is not clear whether it is in
a post T Tauri phase (Herbig, 1973) or, accor-
ding to its infrared colors, is a low-active T
Tauri star (Zappala, 1974). Actually, its infra-
red excess is one order of magnitude lower than
a bonafide T Tauri star (Hackwell et al., 1974).
Pettersen (1983a) notes that much caution
should be exercised in deriving metal-to-
hydrogen ratios for active stars from the photo-
metric metallicity index. As demonstrated by
Giampapa et al. (1979) for the solar case, ac-
tive region photometry in the Str_Smgren system
leads to apparent lower metal abundance than
for the quiet Sun. Therefore, photometrically
determined metal abundance for dMe stars will
be systematically lower than for dM stars be-
cause of the integrated effect of their huge ac-
tive regions with filling factors up to 100
percent.
Ultraviolet, X-Ray, and Radio Data
The optical spectra of dM and dMe stars
show the signatures of powerful solar-type
chromospheres (i.e., of atmospheric regions in
which the temperature gradient dT/dh, which
is negative in the photosphere, becomes posi-
tive, and nonradiative heating dominates the
energy balance). However, the temperature re-
gime of chromospheres (4300 to 25000 K) and
of the overlying shallow transition regions
(25000 to I × 10 6 K) and the coronae (1 to
3 × 10 6 K), together with the monotonic de-
crease of matter density, allow the formation
of numerous low to high excitation emission
lines and continua, which fall into the ultra-
violet and X-ray domains. The International
Ultraviolet Explorer (IUE) and Einstein satel-
lites, which became operative in 1978, have
greatly contributed to the impressive progress
in the study of the outer atmospheres, particu-
larly for red-dwarf stars. Their faint or non-
existent ultraviolet background continua make
it possible to detect and analyze important spec-
tral features, such as Mg II h and k (2803 and
2796/_), O I (1305 and 1355 A), C I (1657/_),
Si II (1808 and 1812 /_,), the Fe II multiplet
(-2610 ._,), Si II (1335 ,_), Si III (1892 _), C
III (1175 and 1909/_) Si IV (1394 and 1403/_),
C IV (1548 and 1551/_), N V (1238 and 1242
._,), and O V (1371 /_). Soft X-ray emission is
essentially ubiquitous among red-dwarfs, with
dMe stars having the largest ratios of Lx/Lbo t
(cf. Linsky, 1980a, 1980b; Vaiana, 1981;
Vaiana et al., 1981). These are powerful
diagnostics for nonradiative heating processes
in the outer stellar atmospheres.
A few representative LWR* and SWP t
spectra of quiescent dMe stars obtained with
IUE are presented in Figures 9-8 and 9-9,
respectively.
The recent insight into the physics of red-
dwarf atmospheres needs to be viewed in the
*Long-wavelength redundant (camera).
rShort-wavelength primary (camera).
general context of stellar outer atmospheres.
The major observational results include the
following:
1°
°
°
The radiative loss in the Ca II H and K
emission lines alone, which accounts for
only a fraction of the total chromo-
spheric energy loss in red dwarfs (Linsky
et al., 1982), cannot be accounted for by
the dissipation of acoustic fluxes based
on the Lighthill-Proudman theory (cf.
Stein, 1967; Renzini et al., 1977) as first
shown by Blanco et al. (1974). Refined
calculations by Bohn (1983) now seem to
overcome this difficulty also at the co-
ronal level.
The Mg II fluxes (Linsky and Ayres,
1978; Basri and Linsky, 1979; Linsky et
al., 1982) and the coronal soft X-ray
emissions (Vaiana et al., 1981; Ayres et
al., 1981b) are independent of gravity
and effective temperatures, contrary to
what is expected if heating by acoustic-
wave dissipation dominates. Slow mode
magnetohydrodynamics (MHD) waves in
flux tubes have been subsequently pro-
posed to overcome this difficulty (Ulm-
schneider and Bohn, 1981).
A plot of emission-line surface fluxes ver-
sus temperature of line formation in qui-
escent G-M dwarfs shows a qualitative
trend similar to that of the quiet Sun, but
in M dwarfs, the emission lines are
fainter by a factor of 3. Instead, active
and dMe star surface fluxes in chromo-
spheric lines are comparable to, or up to
one order of magnitude larger than,
those of solar very active regions
(VAR's). The enhanced emissions in dMe
stars get progressively larger than the
solar one, up to two orders of magni-
tude, at higher temperatures of forma-
tion (i.e., at transition region and coronal
levels (Ayres et al., 1981b; Oranje et al.,
1982; RodonS, 1983; Linsky et al.,
425
S14
12
Mg II
I EQ. Vir
I ¢dKGe)
_- 61 Cyg B -
t (k7 V)
Mg H
I AU IVlic
(M1.GeV)
Fe II
I
AT MIc
IM4.4e V) i
45
30
16
_c
(1(7 V) I YZ CmlX
30 I_ (MG.Ge V)
v" V v-
HID 1326A
|M1 3 V)
0 r- vV _ rL HD 96736
(M2.0 V)
3
.... z I. i. I...,I .... 1 .... i. i t
2500 2600 2700 2800 2900
WAVELENGTH 1_)
u.
Q
1 UV _
i (M6.6e V) i 4
2
3
I .... I I x . I * *, I .... I • [ , , I, , . J -]
2600 2600 2700 2800 2900 3000
WAVELENGTH I_l
Figure 9-8. Typical Mg II h and k emission lines and Fe H line blend (2610/_) in
low-resolution ultraviolet spectra of M dwarfs obtained with the L WR (2000 to
3200 _) camera of IUE. The line flux increases by several units during active phases
(from Linsky et al., 1982).
1982)). A plot of surface fluxes in UV
emission lines versus temperature of for-
mation for several representative sources
(Figure 9-10) clearly shows that the heat-
ing rate of transition regions and coronae
is much higher or efficient than at
chromospheric levels. The correlation
plots in Figure 9-11 between chromo-
spheric, transition region, and coronal
flux ratios for cool giants and dwarfs
(Ayres et al., 1981a) indicate linear logar-
ithmic correlations, whose slopes in-
crease in passing from chromospheric to
coronal diagnostics.
4. Stars with chromosphere-corona transi-
tion regions appear to be located in defi-
nite areas of the HR diagram (Linsky and
Haisch, 1979; Ayres et al., 1981b; Simon
et al., 1982), areas in which solar-type
hot coronae are observed (F-M dwarfs
and late F-K giants), whereas cool stellar
winds or hybrid-spectra (Hartmann et
al., 1980; Hartmann, 1983) characterize
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brighter red giants and supergiants (Sten-
cel, 1978; Stencel and Mullan, 1980;
Haisch and Simon, 1982). As suggested
by Linsky (1983a, 1983b), among others,
what differentiates cool dwarfs with
transition regions and hot coronae from
supergiants with cool winds is the struc-
ture of magnetic fields that dominate in
their outer atmospheres; closed flux
tubes enhance the energy deposition and
prevent the outflow of plasma across the
field lines, whereas open magnetic struc-
tures lead to strong stellar winds. The
evidence for closed magnetic loops from
observed activity phenomena in red
dwarfs will be presented in the section
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Activity Signatures. As in the best known
active star--the Sun--closed and open
magnetic structures may well exist at the
same time. What differentiates dMe
from dM stars is that, in the former,
closed magnetic loops dominate over
open structures so that the energy depo-
sition in the outer atmosphere is en-
hanced, giving rise to surface inhom-
ogeneities like plages. (See the section
Surface Inhomogeneities in the Outer
Atmosphere.) On the other hand, open
structures and possibly slow mass loss
may dominate in dM stars, making them
observationally less remarkable than ac-
tive dMe stars.
The well-known increase of chromo-
spheric radiative losses with rotationl ve-
locity and inverse square root of age
(Skulmanich, 1972, and references there-
in) also apply to chromospheric UV,
transition region, and coronal fluxes
(Ayres and Linsky, 1980; Pallavicini et
al., 1981; Walter, 1982; Golub, 1983,
references therein). Several of these func-
tional relations have been critically ana-
lyzed by Catalano and Marilli (1983).
They conclude that the various empirical
relations between chromospheric and co-
ronal diagnostics with stellar rotation
and age for main-sequence stars arise be-
cause the rotation period depends only
on stellar mass (m) and age (t). They
found the following exponential correla-
tions:
LI( (M/M e , t ) - LI_ (1,0)
x (M/Mo)5"I x 10 -1"5 × ,05
Z X _ Z 2.6
These empirical relations are fundamen-
tal for the purpose of establishing firm
observational constraints on theories of
stellar activity, such as the a-_ dynamo
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Figure 9-11. Correlation plots showing the power-law dependence of chromospheric, transition region,
and coronal fluxes from Mg H line relative flux (from Ayres et al., 1981b).
(cf. reviews by Rosner, 1983; Belvedere,
1983), that can account for the genera-
tion and emergence of magnetic field on
the stellar atmospheres (Belvedere et al.,
1980; Durney et al., 1981).
6. Soft X-ray luminosities in the range 1026
to 1030 erg S -1 have been determined for
about 40 dM stars (cf. Golub, 1983;
Johnson, 1983). They show a large lumi-
nosity spread and variability. Quiescent
emission coronal temperatures lie in the
restricted range log T = 6.4 to 6.9, ex-
cept for the very active stars, BY Dra and
Cr Dra, whose coronal temperatures ex-
ceed 107 K. Soft X-ray luminosities ver-
sus coronal temperatures are plotted in
Figure 9-12 (from Serio et al., 1985).
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Figure 9-12. Soft X-ray luminosity of late-type
stars, including M dwarfs, versus coronal
temperature from observations with the image
proportional counter (IPC) of the Einstein
Observatory. The IPC spectra of dwarfs and
subgiants, except one subgiant, suggest two co-
ronal components at temperatures of about 2.1
x 10 6 and 1.3 x 107 K (from Serio et al.,
1985).
It is apparent that X-ray emission is
positively correlated with coronal tem-
perature for main-sequence stars and
negatively correlated with stellar surface
gravity, in fairly good agreement with the
Rosner et al. (1983) model for the forma-
tion and maintenance of magnetically
confined hot coronal plasma. All of the
X-ray spectra of cool dwarfs and sub-
giants, except one subgiant, in Serio et
al. (1985) indicate two-temperature co-
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ronai components. The temperatures dif-
fer up to one order of magnitude and do
not appear to be correlated with X-ray
luminosity.
7. After several negative results and unsuc-
cessful attempts (Altenhoff et al., 1976;
Johnson and Cash, 1980), quiescent mi-
crowave emission at the 1 to 2 mJy level
has been detected with very large array
(VLA) from the active dMe stars chosen
because of their strong X-ray coronal
emission and/or other activity indica-
tors (Gary and Linsky, 1981; Topka and
Marsh, 1982; Fischer and Gibson, 1982;
Gary et al., 1982; Linsky and Gary,
1983)• Only upper limits were obtained
for all dwarfs earlier than M except
X l Ori (GO V). In Table 9-5, quiescent
radio and X-ray data for dMe stars are
presented. The detected microwave flu-
xes exceed by 1 to 2 orders of magni-
tude those predicted by assuming opti-
cally thin thermal bremsstrahlung con-
sistent with the flat radio spectra unless
implausibly large and relatively cold
(-5 × 106 K) coronae are postulated,
which is inconsistent with X-ray observa-
tions. Linsky and Gary (1983) conclude
that gyrosynchrotron emission from a
more confined nonthermal electron com-
ponent is the likely emission mechanism.
Occasionally, they observed both right-
and left-hand circular polarization up to
50 percent.
There are now sufficient arguments sug-
gesting that, as in the Sun, the atmospheric
structures of dM and, especially, of dMe stars
are controlled, even in their "quiescent"
phases, by the magnetic field strength and
topology (Vaiana and Rosner, 1978; Linsky,
1980a, 1983a, 1983b). The long-lasting efforts
to detect those important but elusive fields are
now paying their dividends; successful detec-
tion is being reported at an ever increasing rate.
(See the section Nonthermal Energy Sources of
Activity and Conclusions.)
Table 9-5
X-Ray and Microwave Luminosities of Active M Dwarfs
from the Einstein IPC and VLA 6-cm Fluxes, Respectively*
Gliese
(1969)
No.
Star Name Spectral Type log L Ref. t
(erg s-xl)
log L R Ref. t
(erg s -1 Hz -1)
15 AB GQ And dM2.5e + dM4.5e 27.1 1
65 AB UV Cet dM5.5e + dM5.5e 27.3-27.6 1
83.1 TX Ari dM5e 27.6
166 C 40 Eri C dM4.5e 27.8 1
206 V 998 Ori dM4e 29.1 3
229 HD 42581 dM2.5e 28.8 4
234 AB V 577 Mon dM7e 26.9 4
268 Ross 986 dM7e 27.5 4
278C1 YY Gem dM1 + dMle 29.6 1
285 YZ CMi dM5e 28.6 5
388 AD Leo dM4,5e 29.0 4
406 CN Leo dM8e 26.6-27.1 1, 4
412 AB WX UMa dM2e + dM8e 27.5-28.5 4
477 FI Vir dM5 26.6 3
490 AB DM + 36 2322 dM0e + dM4e 28.9 1
551 V 645 Cen dM5e 26.6-27.4 4
612 CR Dra dM1.5e 29.1 6
644 AB V 1054 Oph dM3.5e 29.3 1
644 C Wolf 630 C dM5e 26.4 4
719 BY Dra dM0e + dM2e 29.5 6
752 AB V 1298 Aql dM3.5 + dM5e 27.1 1
799 A AT Mic dM4.5e + dM4.5e 29.3 4
803 AU Mic dM2.5e 29.9 4
852 AB Wolf 1561 dM4.5 + dM5e 29.5 4
860AB DO Cep dM3 + dM4.5e 27.4 1
866 L 789-6 dM7e 26.9-27.0 3, 4
867 AB HD 214479 dM2e + dM4e 29.0 4
896 AB EQ Peg AB dM4e + dM5.5e 28.8 1
905 HH And dM6e 26.3 3
-- HD 202560 dM0e 27.2 4
-- DM + 01 2684 dM0e 28.2 4
13.04-13.36(B) 2
14.36-14.66 2
13.40-13.83 2
*When several measurements are available, the range of variability is given.
t References: 1. Vaiana et al. (1981), 2. Linsky and Gary (1983), 3. Johnson (1983), 4. Golub (1983) and references
therein, 5. Kahler et al. (1982), 6. Serio et al. (1985).
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ACTIVITY SIGNATURES
Having discussed at some length the global
characteristics of late-type dwarfs and, in par-
ticular, of dM-dMe stars in their quiescent
phases, we can now turn our attention to their
active phases. Variability on time scales from
a few seconds to several months seems to be
a peculiar characteristic of some dM and of all
dMe stars.
This variability arises from nonstationary
activity phenomena occurring in their atmo-
spheres from atmospheric to coronal levels. As-
suming the solar activity as a valid guideline,
the stellar phenomena we expect to detect and
study are transient atmospheric inhomogenei-
ties (such as spots, plages, and coronal struc-
tures), flare events, and activity cycles.
Surface Inhomogeneities in the Photosphere
Periodic, or quasi-periodic, low-amplitude
wideband photometric variations are observed
in several nearby K-M emission-line dwarfs and
subgiants. Most of them are members of binary
systems. The observed light curve shape is al-
most sinusoidal, so that it is widely referred to
as the photometric wave or distortion wave, the
latter to emphasize its distortion effects on
eclipsing binary light curves. The peak-to-peak
"wave" amplitudes are of the order of 0.1
magnitude and the photometric periods are
typically a few days. Both the wave amplitude
and period undergo striking changes. System-
atic observations have shown that notable
asymmetric or double-wave structures often de-
velop, and at other times, essentially no vari-
ability is detected. Generally, after a period of
apparently irregular changes, a sinusoidal wave
is restored. These variations are acompanied by
small (-0.01 mag), if any, U-B and B- Vcolor
changes, so that, following Kron's (1950, 1952)
suggestion, they are attributed to unevenly dis-
tributed cool photospheric spots, whose visibil-
ity is modulated by the star's rotation.
The discrepancy between the spectroscopic-
ally determined 5.97599d orbital period for the
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Figure 9-13. Synoptic light curves of BY Dra
from observations obtained at several places
(from Rodon6, 1983). The highly variable
photometric wave is attributed to surface spots,
whose visibility is modulated by the star's
rotation.
double dM0 close binary, BY Dra (Bopp and
Evans, 1973), and the 3.836d photometric pe-
riod (Chugainov, 1966; Rodon6 et al., 1983),
which is identified as the active component's
rotational period, has substantiated the spotted-
star hypothesis or the so-called BY Dra syn-
drome (Kunkel, 1975). Typical synoptic light
curves are shown in Figure 9-13. In Table 9-5,
the most relevant data on the photometric wave
in BY Dra stars are given. Most of the stars
listed in Table 9-6 are also known UV Ceti type
flare stars. (See the section Stellar Flares.) This
makes it manifestly questionable to separate BY
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Drastarsasadistinctgroupofvariablesrelative
to the UV Ceti typestars(Gershbergand
Shakhovskaya,1974;Rodon6,1980).
Similarlow-amplitudephotometric waves
have been found on several Pleiades dwarfs
(Robinson and Kraft, 1974; van Leeuwen and
Alphenaar, 1983) and on G-K subgiants,
notably pre-main-sequence T Tau stars
(Rydgren and Vrba, 1983) and mainly post-
main-sequence components of RS CVn binaries
(cf. Hall, 1981; Rodon6, 1981; Catalano,
1983).
Useful information on the physical charac-
teristics and surface distribution of starspots
can be inferred from spot modeling methods
first developed by Torres and Ferraz Mello
(1973). Basically, analytical light curves, which
are produced by a rotating spotted-star model,
are computed (cf. Bopp and Evans, 1973;
Friedmann and Gurtler, 1975; Vogt, 1975,
1981a, 1981b) and compared with observations.
However, due to the large number of free
parameters--the inclination of the stellar rota-
tion axis, the light level of the unspotted star,
the spot location on the stellar surface, the spot
extent and temperature difference with respect
to the unperturbed photosphere--unique solu-
tions are not possible unless some of the re-
quired parameters are obtained independently
and accurate color variations are available (cf.
Vogt's 1983 review and references therein). Al-
though modeling a given light curve may be
questionable or even meaningless, independent
modeling of synoptic light curves spanning
many years are of value for the purpose of in-
vestigating average characteristic and temporal
behavior of spots.
Typically, spotted areas covering 10 to 40
percent of the projected stellar disk and spot
temperatures cooler than the surrounding pho-
tosphere by about 400 to 1500 degrees have
been inferred. Of particular value is the study
of photometric period variations because it
might reflect the migration of the spotted area
photocenter on the surface of a differentially
rotating star (Oskanian et al., 1977). The result-
ing lower limits obtained for binary star compo-
434
nents are comparable to or smaller than the so-
lar differential rotation in the 5 to 35 degree
latitude range (Blanco et al., 1982; Bartolini et
al., 1983; Rodon6 et al., 1983; Busso et al.,
1984).
This result is somewhat surprising because
the huge starspots, inferred from light-curve
modeling, would require powerful and efficient
dynamos (i.e., higher than solar differential ro-
tation rates). However, in addition to the cir-
cumstance that only lower limits of stellar dif-
ferential rotation of binary system components
have been determined, tidal coupling torques
in binary systems might strongly affect the dif-
ferential rotation regime of the individual
components (Scharlemann, 1981, 1982;
Rodon6, 1982; Catalano, 1983). This suggests
that active systems experience a continuous
competition between magnetohydrodynamic
forces and dynamical orbital coupling, whose
relative effects on stellar activity and orbital
motion are at present unknown. It would be in-
teresting to consider possible implications of
this dynamical "struggle" in determining the
duration and amplitude of activity cycles.
Typical characteristics of sunspots and star-
spots are presented in Table 9-7. A comparison
of the listed parameters is valuable as long as
the fundamental difference between solar and
stellar observations is not overlooked: sunspot
parameters are obtained from direct spatially
resolved observations of active regions, whereas
starspot parameters are inferred from the inte-
grated surface properties of stellar photo-
spheres.
Standard spot models assume either bright
or dark spots to have no effect on the surround-
ing photosphere (i.e., no spatial redistribution
of the missing flux is postulated). This is con-
sistent with the available observations because,
as noted by Hartmann and Rosner (1979), the
missing flux in the large spotted area required
by the observed light variations, if spatially
redistributed, should produce color changes
larger than those observed. Mullan (1975b) has
suggested that a fraction of the missing energy
in starspots could energize stellar flares. A
Table 9-7
Typical Characteristics of Spots on the Sun and Active Stars
Parameter Sun Stars
Spectral type G2V
Equatorial surface velocity (km S -1) 2.03
Differential rotation (rad s -1 degree -1) 6.0x 10 -9
(latitude range for the Sun: 35-5 degrees)
Area (in unit of disk, sunspot number = 100)
Effective temperature (K):
Umbra 4250 1Penumbra 5680
Temperature difference:
Photosphere-umbra 1800 _,
Photosphere-penumbra 400
Temperature ratio:
Umbra/photosphere 0.70
Penumbra/photosphere 0.94
Brightness ratio (V-band):
Umbra/photosphere O. 24
Penumbra/photosphere O. 78
Variability due to rotational modulation of
spots at maximum (%) <0.03
B ° (kilogauss) 1-4
Lifetime of large groups (months) < 1.5
11.04Spot cycle (years)
2 x 10 -5 -2 x 10 -3
KO-M5 V-IV
5-40
<2x10 =1° (RS CVn)
<3x10 -1° (BY Dra)
0.1 - 0.4
3500 ± 400
600 ± 1200
0.75 - 0.85
0.30--0.50
10 - 40
3- 10"
0.3- 10
5 - 60
*From theoretical estimates (see Mullan, 1983).
similar qualitative mechanism has been propos-
ed by Gershberg (1983) to explain a variety of
phenomena, including flare activity and the ir-
regular light variations of T Tau stars.
Hence, in the photospheres of active late
K-M emission dwarfs, strong departures from
static thermal equilibrium, similar to conditions
in the vicinity of a sunspot group, occur. Tak-
ing into account that the theoretical studies of
the role of magnetic fields in affecting the
efficiency of convective energy transport are at
present inconclusive, we may conclude that,
following Gershberg (1983) and Phillips and
Hartmann (1978), qualitative models cannot be
worked out in detail. Moreover, additional
time-resolved spectroscopic and photometric
data on BY Dra type variability are needed to
establish firm observational constraints on the-
oretical models (cf. Mullan, 1983).
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Surface Inhomogeneities in
the Outer Atmosphere
Pursuing the solar/stellar analogy toward
the outer atmosphere, enhanced emission at
chromospheric and transition region levels
should occur in the so-called plages--large
areas of enhanced emission that generally over-
lie sunspots. Their large extent is consistent with
the upward divergence of magnetic field lines
originating in sunspots. The most prominent
chromospheric lines show variable flux corre-
lated with both the solar cycle (Wilson, 1978;
White and Livingstone, 1981) and the solar ro-
tation phase (Bumba and Ruzickova-Topolova,
1967; Bappu and Sivaraman, 1971). The latter
was detected near the minimum of the solar cy-
cle, when the reduced number of localized
plages allowed the detection of a few percent
modulation of Ca II H and K line fluxes induc-
ed by the solar rotation. Oranje (1983a, 1983b)
has recently shown the effect of plages on the
Ca II K line intensity and profile integrated over
the full solar disk (i.e., when the Sun is ob-
served as a star). He concludes that the Ca II
K variations with the solar activity cycle are
largely due to plage extension and intensity
variations, the chromospheric network con-
tribution (< 8 percent) remaining unchanged.
Wilson's (1978) pioneering stellar work on
Ca II H and K line fluxes has demonstrated the
existence of cyclical variability on time scales
close to 10 years and irregular changes on time
scales from 1 day to several months on several
tens of late-type main-sequence stars. A period-
icity analysis of Wilson's data allowed Stimets
and Giles (1980) to discover rotational modula-
tion on 10 stars. This is a remarkable and in-
dicative result because Wilson's sampling
schedule for acquiring the data was not devised
for rotational modulation studies. At present,
several programs for searching for variability
of stellar chromospheric lines are being carried
out successfully (Baliunas and Dupree, 1979;
Baliunas et al., 1981, 1983; Vaughan et al.,
1981; Vaughan, 1983).
The orbital motion of binary systems offers
a useful timing reference for the rotational
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phase of active components (i.e., for the
passage of active areas across the visible hemi-
sphere) so that it is possible to map their loca-
tion and extent by monitoring the intensity of
chromospheric lines (Bopp, 1974a; Ferland and
Bopp, 1976; Kodaira and Ichimura, 1980,
1982). Typically, stellar plages produce varia-
tion of Ca II emission-line flux of about 10 to
30 percent. Cychcal variability is not generally
observed at high flux levels, probably because
the emission arises from large plages evenly dis-
tributed in longitude so that any rotational
modulation is smoothed out, as at solar
maximum.
The IUE is now offering an outstanding op-
portunity for studying stellar plages from
chromospheric to transition region levels by
monitoring the numerous diagnostic lines in the
wavelength region 1200 to 3200/_. (See the sec-
tion Quiescent Optical Spectra and Abun-
dances.) Earlier, however, marginal evidence of
rotationally modulated ultraviolet emission-line
fluxes was obtained by Weiler et al. (1979),
Rodon6 et al. (1980), Hallam and Wolff (1981),
and Baliunas and Dupree (1982). Since 1980,
internationally coordinated programs of simul-
taneous IUE and ground-based observations
have clearly shown that chromospheric and
transition region plages are correlated with pho-
tospheric spots (cf. Rodon6, 1983; Linsky,
1983a, and references therein). Figure 9-14
clearly shows the antiphase correlated variation
of the UV emission flux in several UV chromo-
spheric and transition region lines and of V
magnitudes versus rotational phase for II Peg.
Generally, the antiphase correlation of photo-
spheric and upper atmosphere diagnostics is at
best marginal for dMe stars, such as BY Dra.
It is likely that microflaring activity or high
plage filling factors on dMe stars make it more
difficult to detect rotational modulation of
plages than on K stars. Pure plage UV spectra
obtained by subtracting the average quiescent
spectra from those at active phases, show tran-
sition region line fluxes enhanced by a factor
of 5 and chromospheric fluxes by only a factor
of 2, relative to quiescent flux. The observed
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Figure 9-14. Top: V-band photometry from
ground-based observations (closed circles) and
from IUE fine error sensor (FES) counts (open
circles) and V-I color index. A two-spot model-
ing of the V light curve is also shown (dashed
line). Bottom: Integrated flux in major UV lines
versus photometric phases. It is evident that the
photometric wave attributable to photospheric
spots is anticorrelated with the line-flux
variability attributable to chromopheric and
transition region plages (from Rodon6 et al.,
1985).
increase of line enhancement with the tempera-
ture of formation is also typical of solar plages
and suggests that nonradiative energy dissipa-
tion plays an increasingly important role as
temperature increases (i.e., in the outermost
atmospheric layers). A quantitative comparison
of solar and stellar behavior (cf. Figure 9-10)
shows that, even at "quiescent" phases, the
surface flux from active stars is larger than that
from very active solar regions (VAR's) and be-
comes increasingly larger as the atmospheric
level increases. Clearly, active star surfaces are
covered by intense and extensive solar-like
plages that affect even their "quiescent"
hemisphere.
X-ray and radio observations have provided
definite evidence of quiescent coronae in late-
type stars and, particularly, in M dwarf flare
stars and RS CVn systems. (See the section Ul-
traviolet, X-Ray, and Radio Data.) As in the
Sun, highly structured coronae are expected.
Again, rotational modulation of the observed
X-ray flux is able to disclose such structures,
as demonstrated by recent observations of YZ
CMi in quiescent phases (Pettersen et al., 1980)
and of the RS CVn system, AR Lac (Walter et
al., 1983). Further progress requires systematic
dedicated programs to be carried out with
spaceborne instrumentation. Allocation of ob-
servation time for long-term programs on avail-
able X-ray satellites is not usually favored by
present selection committees. Apparently, re-
pentance does not always work in science: when
Olin Wilson first applied to the U.S. National
Science Foundation for a grant to carry on his
pioneering and fundamental research work on
stellar activity cycles, his proposal was rejected
because one referee considered it not particu-
larly motivating.
Stellar Flares
The most prominent phenomena of stellar
activity are short-lived flare events which occur
in the atmosphere of K-M dwarfs and sub-
giants. Sudden and unpredictable enhancement
of continuum and line fluxes in the optical and
UV spectral domains, and of X-ray and radio
emission fluxes, may occur on time scales as
short as a few hundredths of seconds. Even
moderately time-resolved (10 s) photometry of
stellar flares indicates that, usually, complex
multipeaked events, probably resulting from
successive inputs of energy into the atmosphere,
are observed (cf. Byrne, 1983, and references
therein). Moreover, the incidence of rapidly fol-
lowing flares, higher than predicted by Poisson
statistics (Lacy et al., 1976; Pazzani and
Rodonb, 1981), suggests that sympathetic flares
can occur almost simultaneously in the same
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Figure 9-15. Simultaneous optical, radio, and
X-ray observations of a flare on YZ CMi (from
Kahler et al., 1982).
star (Moffett, 1972; Rodon6, 1976), like the so-
lar flares, or in both components of a binary
system (Rodonb, 1978; Fischer and Gibson,
1982). In Figure 9-15, a typical flare U-band
light curve is shown, together with simultaneous
X-ray and radio observations from Kahler et
al. (1982). Generally, the flare color tempera-
ture is above 10000 K, so that the relative flare
enhancement, normalized to the quiescent star
level, increases toward shorter wavelengths be-
cause of the increasing contrast between the
high-temperature flare radiation and the cool
photospheric background of M dwarfs. For this
reason, wideband photometry usually fails to
detect flares in intrinsically bright stars due to
their high photospheric background. However,
in limited spectral regions or lines and at radio
and X-ray wavelengths, the flare to background
flux ratio is higher than in the optical region,
so that flare or flare-like events have also been
observed occasionally in RS CVn type K sub-
giants or even in earlier type stars (cf. Kunkel,
1975; Bakos, 1983), but this topic is beyond the
scope of this review.
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Detailed comparative studies of flares in the
Sun and dM stars (Mullan, 1977; Gershberg,
1977) suggest that, also in the latter, the likely
physical process underlying flaring phenomena
is the storage and explosive release of magnetic
energy, even though the energy involved in stel-
lar flares is sometimes up to 2 to 3 orders of
magnitude higher than in the Sun.
At present, only integrated characteristics
over the entire flare region can be obtained
from stellar observations. Typical parameters
of stellar flares, obtained from wideband
photometry of red dwarfs, are presented in
Table 9-8.
Only in the optical domain have a statisti-
cally significant number of events been
observed. Several statistical investigations have
concluded that, with the exception of the
above-mentioned possible sympathetic flares,
the time intervals between flares follow Poisson
statistics. Small "precursor" flares, both
positive and negative, as well as overall
enhancements of the quiescent flux, are observ-
ed before major flares (Rodon6 et al., 1979;
Cristaldi et al., 1980). However, no correlation
between flare intensity and time elapsed with
respect to adjacent flares is apparent (Lacy et
al., 1976). The recent thorough statistical study
by Shakhovskaya (1979), including 1500 flares
observed mainly at the Catania, Crimea, and
McDonald Observatories in 7000-hr photoelec-
tric patrolling of 21 dMe stars, has quantitative-
ly assessed several qualitative or preliminary
results. A tendency is apparent for slow (rise
time > I min) and more energetic ( > 10 erg 33)
flares to occur on intrinsically brighter stars.
The time-integrated energy release in U- and B-
bands ranges from 1028 to a few 1035 erg. The
cumulative flare frequency _ (Ef > E ° ) (i.e.,
the average occurrence of flares with total
energy release Ef > E o) follows the linear
equation log 9" (h -1) = a - b log E, where a
depends on the star considered and b ranges
from 0.4 to 1.4, being systematically larger for
intrinsically fainter stars and equal for the B-
and U-bands. The time-averaged power due to
flares decreases from a little more than 1029
Table 9-8
Typical Parameters of Stellar Flares from Wideband Photometry
Rise time (min)
Rise/decay time (sometimes > 1)
Log (peak power) erg s-1
Log (time-averaged power, Lf) erg s -1
Log (total energy, E) erg
Log (L f/Lquie t star )
Mean colors at maximum:
U-B
B-V
Spectral index of occurrence rate (b)
[N(E_t > E)=E -b (h-l)]
Time distribution
0.1 - 10"
1. - 10 -2
26.5 - 31.5 (B)
25.5 - 28.0 (B)*
27.5 - 33.8 (B)*
(-1.9) - (-3.4) (B)
27. - 32. (U)
25.8 - 28.3 (U)*
27.6 - 34.0 (U)*
0.4- 1.1 (B) t 0.3- 1.4 (U) t
Poisson-type with strong deviation within
At < 10 minutes.
*Systematically larger values for more luminous stars.
t Systematically smaller values for more luminous stars.
erg s -_ to less than 10 27 erg s-1 for stars with
absolute magnitude M equal to 7 and 16,
respectively. This implies that, in intrinsically
fainter dMe stars, the time-averaged energy
dissipation through flares relative to the global
energy budget of the star is about 2 orders of
magnitude more important than in brighter
stars and accounts for about 1 percent of the
energy release of the optical region.
Optical spectroscopy of flares (cf. Figure
9-16) indicates that there is strong intensifica-
tion of the H I, Ca II, He I, and occasionally
He II (4686 ._) emission lines (cf. Gershberg,
1977; Worden, 1983; Giampapa, 1983b). The
equivalent width of Ha ( - 2 _) can increase by
more than one order of magnitude during in-
tense flares, and inverse Balmer decrements and
large Balmer jumps (J --_ 4-6) are sometimes
observed. Line broadening and red asymmetry,
indicating random motion of 10 7 to 10a cm s-1
and mass inflow at speeds of up to 1000 km
s-l, respectively, have also been observed but
not in all cases (Bopp and Moffett, 1973; Wor-
den et al., 1983). The line enhancement of the
different species takes place on different time
scales and can last 10 to 100 times longer than
the continuum flare. The relative contribution
of line emission to the continuum reaches a
minimum at flare maximum (10 to 15 percent)
and increases up to more than 40 percent in B-
light as the flare decays. The optical flare
plasma is characterized by electron densities
(N e _ 1012 to 1014 cm -a) and temperatures (T
1.5 to 2.0 x 10 4 K) ranging from solar
values to much higher ones, depending on the
model adopted. Typical emission measures and
flare volume are 1052 cm -3 and 1026 cm 3,
respectively. The relative timing of line and con-
tinuum enhancements investigated by Bopp and
Moffett (1973) by simultaneous photometry
and time-resolved spectroscopy, and more re-
cently by Pettersen (1983b) using narrow filters
centered at hydrogen Hot and l-I/_ emission lines
and broadband U, B, V, and R filters, indicates
that the emission lines peak a few minutes after
the continuum and remain enhanced for several
minutes or even hours, after the continuum has
decayed to its preflare level.
UV spectra of stellar flares on dMe stars
have recently been obtained with IUE (cf. Wor-
den, 1983; Giampapa, 1983b, and references
therein). More extended and systematic obser-
vations are now being collected. However,
some interesting properties have already been
found: (1) a strong UV continuum--normally
absent--was detected on Gliese 867A (Butler
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Figure 9216. Flare and quiescent spectra of the
dMe stars in the optical (Giampapa et al., un-
published) and UV spectral domains (unpub-
lished data from coordinated observations
made by the Armagh, Catania, and Boulder
groups).
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et al., 1981), YZ CMi (Figure 9-16), and Gliese
182 (unpublished data from coordinated obser-
vations by the Armagh, Boulder, and Catania
groups); (2) the relative enhancement of transi-
tion region lines for flares and plages (as seen in
disk-averaged fluxes) are comparable; (3) the
relative emission enhancement is larger for tran-
sition region lines than for lower temperature
chromospheric lines; (4) the line surface fluxes
at the time of stellar flares, or from plages, can
be up to more than one order of magnitude
larger than those from very active regions on
the Sun (Figure 9-10).
After occasional detection of stellar X-ray
flares, several coordinated X-ray optical, and
radio observations of flare and RS CVn stars
have been carried out (cf. Haisch, 1983; Golub,
1983, and references therein). Comprehensive
observations of a flaring event in YZ CMi (Fig-
ure 9-15) have clearly shown that the long-
suspected similarity between solar and stellar
flares is considerable (Kahler et al., 1982). A
gradual and impulsive phase, an X-ray coronal
temperature of about 107 K, and the ap-
pearance of a 408-MHz burst delayed by 17
minutes from the flare onset, are similar to the
corresponding typical values for type IV solar
bursts. Therefore, high-energy electrons might
be produced in stellar flares in the same way
as in the solar flares. Due to the high sensitivi-
ty and time resolution of these Einstein obser-
vations, much better than had ever been avail-
able before, it was possible to measure simul-
taneously the monotonic decay of the X-ray
and optical flares and the variable but ever-
increasing ratio between the soft X-ray and op-
tical fluxes (Lx/L c) for most of th_ flare decay
phase. The average ratio over the entire event
was 1.5. Coupled with the observed decay time
of the X-ray flux, this suggested that radiation
was the predominant mechanism for cooling
the coronal plasma. However, previous
estimates of the L /L ratio cover a wide
x c
range: from a few hundredths up to 50.
Therefore, radiative cooling is not always
predominant (i.e., different physical situations
can develop in different flare events). Typical
emission measures and densities --2 x 1051
and3 × 1011cm-3,respectively--suggesttha
theflarevolumeat coronallevelis twoorders
of magnitudelargerthanthatin thechromo-
sphere.
Radio observations of flares on dMe stars
have shown highly polarized radiation in the
meter and cm wavelengths at brightness temper-
atures up to 1015 K in coincidence with several
optical flares (Lovell, 1971; Spangler and Mof-
fett, 1976; Melrose and Dulk, 1982; Gibson,
1983, and references therein). Basically, two
types of flares have been observed: (l) impul-
sive events lasting from a few seconds to a few
minutes, and (2) long-duration enhancement of
the radio power lasting more than 10 minutes.
Lang et al. (1983) have recently reported a rapid
sequence of 100-percent left-hand circularly po-
larized spikes with rise times < 0.2 s during the
gradual rise of a long-duration event on AD
Leo. They derived lower limits for the linear
size of the emitting region (L > 6 × 109 cm)
and of the brightness temperature (T 8 > l013
K). These observations were explained by Lang
et al. in terms of maser emission at the gyro-
frequency 2.8 × l06 × HI Hz, implying a longi-
tudinal magnetic field HI - 250 gauss.
Typically, observed amplitudes for flares on
nearby dwarfs range from detection limit to
several tens of mJy. Although spectral indices
are mainly strongly nonthermal (-2 to -10),
positive spectral indices have also been reported
(Gibson, 1983). The flare radio emission does
not appear to be broadband, as in the quies-
cent phase, suggesting that the flare emission
is due to coherent rather than incoherent syn-
chrotron radiation. This is especially true for
flares with brightness temperatures > 1012 K
that are not compatible with incoherent emis-
sion mechanisms. The typical ratios of the op-
tical and X-ray fluxes to the radio flux are 10 4
to 105 and < 103, respectively. Bearing in mind
the moderate time-coincidence of flare peaks
and evolution at the various wavelengths, any
conclusion would be hazardous. Actually, no
systematic correlation of flare amplitudes, mor-
phology, and time of occurrence is apparent
from simultaneous multiband observations.
The most extended optical-radio coverage
(Spangler and Moffett, 1976) indicates only a
moderate tendency for radio and optical flares
to be associated within _+10 minutes. Most like-
ly, as suggested by Spangler and Moffett
(1976), highly beamed coherent synchrotron ra-
dio emissions imply severe geometrical con-
straints on the detection of radio flares. More-
over, the high occurrence rate of optical flares
might hinder time-coincidence studies.
Activity Cycles
The observations of solar-type activity phe-
nomena in late K-M dwarfs have naturally sug-
gested that activity cycles might occur in the
stars as in the Sun. Actually, as already antici-
pated in the section Surface Inhomogeneities in
the Photosphere, Wilson's (1978) Ca II H and
K emission-line observations have demon-
strated the existence of activity cycles at the
chromospheric level with time scales of 7 to 14
years. Hartmann and collaborators (cf. Hart-
mann, 1981, and references therein), by using
the Harvard archival plate collection, have
found evidence of possible cyclic photometric
variations in a few well-known active dwarfs.
These light variations are suggestive of starspot
cycles with time scales of about 50 years. One
of the red dwarfs which they studied (BD +
26 o730) is seen almost pole-on, so that its cyclic
light variation can be entirely attributed to the
variation of the total area covered by spots, as
no rotational modulation of spot visibility can
occur. For II Peg (Figure 9-17), they also found
the analog of a Maunder minimum, the period
of almost null solar activity, that occurred from
1645 to 1715.
Long-term cyclic suppression of convection
by magnetic fields might give rise to the ob-
served variability on time scales of the order of
l0 years. Hartmann and Rosner (1979) argue
that, other than spatial and spectral redistribu-
tion of the flux missing in the observed huge
spotted areas, the present observations suggest
that temporal redistribution of flux is more like-
ly; the flux is temporarily stored beneath the
photosphere and released when spots decay.
441
8.5
8.7
B
8.2
8.4
8.6
8.8
9.0
9.2
9.1
9.3
9.5
9.7
SAO 91592
HD 224085
' _ ' ' 19'401900 1920
SAO 31070
TTI T T '
BY DRA - " T
''- t" [ "
1900 ' ' '1920 1940
YEAR
l :, i
]
J _
1960 1980
t
196o lgeO
The flare activity level on the Sun closely fol-
lows the activity cycle. Although all flare stars
show significant variations of their seasonal ac-
tivity level, no evidence of activity cycles has
been obtained (Rodon6, 1980; Mavridis et al.,
1982). Actually, the presently available data are
not sufficiently extensive and systematically col-
lected to reveal flare activity cycles. Incomplete-
ness of data will remain serious as the short du-
ration and random occurrence of flares make
detection more dependent on observation meth-
ods and scheduling than is the case with rela-
tively "permanent" spots. Moreover, theoret-
ical models of activity cycles in late-type stars,
particularly in M dwarfs, show that successive
cycles overlap each other (Belvedere et al.,
1980; Belvedere, 1984) so that any cycle-depen-
dent variability is smoothed out. This is con-
sistent with the decreasing number of stars
442
Figure 9-17. Long-term variabifity of H Peg
(HD 224085) and BY Dra from Harvard archi-
val plates (Hartmann et al., 1979b; Phillips and
Hartmann, 1978) and from recent photoelectric
photometry (Rodon6 et al., 1983, and refer-
ences therein). Dots denote Harvard plates and
heavy bars denote range of season variability
from photoelectric photometry. B Y Dra shows
a clear flux modulation with a possible cycle
of about 50 years. H Peg was fairly constant
from 1900 to 1945, when a definite light de-
crease occurred. The systematic light decrease
from 1970 to 1982 suggests an ever-increasing
degree of spottedness. This photometric be-
havior suggests that H Peg has become active
after a relatively quiescent interval (1900-1945),
which is reminiscent of the solar Maunder
minimum.
showing evidence of activity cycles with advan-
cing spectral type, although the level of activi-
ty increases, as suggested by their X-ray lum-
inosity.
NONTHERMAL ENERGY SOURCES
OF ACTIVITY AND CONCLUSIONS
As already mentioned in the preceding sec-
tions, activity signatures and transient variabil-
ity phenomena on late-type dwarfs, particularly
on dMe stars, indicate that their atmospheres
are controlled by energy fluxes which are non-
thermal or have a nonthermal origin. In fact,
the solar analogy has suggested that the whole
panoply of stellar activity phenomena is direct-
ly, or at least indirectly, linked to the intensity
and structure of surface magnetic fields. Conse-
quently, the manner in which stellar magnetic
fields are usually generated and strengthened
has called attention to such nonthermal energy
sources as convection, velocity fields, turbu-
lence, and rotation.
Stellar structure models (e.g., Grossman et
al., 1974; Cox et al., 1981) have already shown
that red dwarfs later than spectral types M4-M5
are fully convective, with perhaps a tiny
radiative core.
Dueto thefaintnessof M dwarfsandthe
factthattheirspectrareovercrowdedbymo-
lecularbands,spectroscopicstudiesof turbu-
lence and velocity fields are scanty. The princi-
pal aim of line-profile fittings has been that of
determining the stellar-projected rotational ve-
locity, v sin i (Anderson et al., 1977; Vogt and
Fekel, 1979; Vogt et al., 1983), rather than tur-
bulence. Cross-correlation techniques based on
the comparison of observed profiles with a ref-
erence mask also appear to be very promising
(Lucke and Mayor, 1980). Most of the presently
available rotational velocity data have been ob-
tained from the study of periodic modulation
of continuum and line fluxes which are attrib-
uted to photospheric spots and chromospheric/
transition region plages, respectively, whose vis-
ibility is modulated by the star rotation (cf. re-
views by Rodon6, 1983; Catalano, 1983; Petter-
sen, 1983a; Vaughan, 1983). The rotational ve-
locity data of BY Dra stars indicate that active
stars tend to be fast rotators (v sin i > 5 km
sq). Whether fast rotation is a sufficient con-
dition for spot formation is still an open ques-
tion. The present evidence suggests that, when
both rapid rotation and deep convection occur,
the consequent differential rotation is a suffi-
cient condition for stellar activity to occur. Ac-
tually, as predicted by the so-called a-_0
dynamo (cf. Belvedere, 1983, and references
therein), differential rotation generates a
toroidal field (o_effect), and the twisting of field
structures by the Coriolis force in a rotating star
regenerates the poloidal field (a effect).
An indirect method of estimating stellar dif-
ferential rotation is offered by photometric
studies of active stars. Assuming starspots as
tracers of stellar rotatiorl, the variation of the
"photometric wave" period as spots or the lati-
tude of spot formation migrate on the stellar
surface, together with topological data on the
spot location from light-curve modeling, offers
a potentially powerful method of estimating the
stellar differential rotation (cf. Rodon6 et al.,
1983; Busso et al., 1984). Preliminary data have
already been obtained and are included in Table
9-7. This approach will greatly, benefit from
space observations, as uninterrupted data ex-
tending over many rotations would permit, at
least in principle, accurate estimations of dif-
ferential rotation.
Several attempts have been made to find
correlations between activity indicators such as
data on Ca II, C IV, and X-ray fluxes, and ro-
tation. (See the section Ultraviolet, X-Ray, and
Radio Data.) Different authors have found dif-
ferent empirical correlations, which appear to
be somewhat in conflict (Ayres and Linsky,
1980; Pallavicini et al., 1981; Ayres et al.,
1981a; Catalano and Marilli, 1983; Noyes,
1983). Recently, Marilli and Catalano (1984)
have rediscussed this matter by analyzing most
of the available data on main-sequence stars.
They were able to show that, irrespective of
spectral types, the emission luminosities (L) in
the K Ca II and C IV lines and in the soft X-
ray domain are exponentially related to the
stellar rotational period (P): L = a 10 -P/b,
where a and b are numerical constants. This im-
plies the important conclusion that the heating
rates at chromospheric, transition region, and
coronal levels are related. Moreover, the emis-
sion luminosities show a functional dependence
on only the stellar angular velocity, as required
by the a-_ dynamo theory. Mangeney and
Praderie (1983) have carried out independently
a similar investigation by studying the depend-
ence of the X-ray to convective flux ratio
(F/F) on an effective Rossby number defin-
ed as R ° = V/(a_o _), where V m is the max-
imum convective velocity, 00 is the angular
velocity, and gc is the depth of the convection
zone. Again, an exponential correlation be-
tween these two parameters appears to be valid
over a wide range of spectral types. However,
for late F- to M-type dwarfs, the result by
Mangeney and Praderie (1983) indicates a de-
pendence also on the depth of convection zone
(i.e., on the spectral type), in contrast to Marilli
and Catalano's (1984) result. Only more ex-
tended and statistically complete data sets, to-
gether with progress on nonlinear _-_0 dynamo
theory calculations, can throw light on this
matter.
Until recently, the missing piece of the in-
creasingly coherent scenario of stellar activity
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wasthedetectionof surfacemagnetic fields.
Robinson (1980) has employed the technique
of comparing the profiles of magnetic sensitive
and insensitive lines to measure the excess
broadening due to the components of the Zee-
man triplet originating in a magnetic field. The
Robinson technique also allows us to estimate
the ratio of magnetic-to-nonmagnetic areas
(filling factor) from the relative enhancement
of the central component with respect to the
outer components (Figure 9-18). About 20 G-K
dwarfs have detected magnetic fields in the
range 500 to 3000 gauss with area filling fac-
tors ranging from 20 to 80 percent (Marcy,
1983; Giampapa and Worden, 1983). These
data imply magnetic fluxes 2 to 3 orders of
magnitude greater than the solar flux, which is
consistent with the huge activity phenomena
observed in these stars. Although the data are
meager, they suggest some interesting qualita-
tive conclusions: (1) the ratio of soft X-ray flux
to bolometric flux increases as the photospheric
magnetic area coverage increases (i.e., the pho-
tospheric magnetic fields control the stellar at-
mospheres up to coronal level); (2) the magnetic
field flux increases toward later spectral types
and with increasing rotational velocity, in quali-
tative agreement with the two basic require-
ments of the c_-_o dynamo theory (Belvedere et
ai., 1981).
An additional indirect evidence that active
star atmospheres are controlled by magnetic
structures has recently been presented by
Musielak and Bielicz (1982, 1983). From theo-
retical models of intense magnetic flux tubes
(Bielicz and Musielak, 1982), they have shown
that in active stars the atmospheric level of
temperature minimum rises and the average
magnetic field is higher than in nonactive stars.
These models were used to compute the Ca II
K line width (W ° ) for both types of stars for
the purpose of interpreting the corrected
Wilson-Bappu effect, which takes into account
the dependence of W o on the intensity of the
K line itself (Glebocki and Stawikowski, 1980).
As already suggested by Zwaan (1977), the line
width W ° is a powerful quantitative diagnostic
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Figure 9-18. Comparison between the observed
line profiles of the Zeeman sensitive line
(6173.34 ._) and the insensitive line (6240.65 ,_)
of Fe I, represented by the dots and the contin-
uous line, respectively. The bottom curve on
each panel shows the difference between the
two profiles, multiplied by 2. Observed changes
in the difference profile suggest that the
magnetic field on _ Eridanii changes on a time
scale of I day (from Marcy, 1983).
of the average properties of the discrete mag-
netic flux tubes which permeate the atmo-
spheres of active stars.
Theobservationsreviewedin thischapter
clearlyindicatethatabasicsolar-typescenario
underliesthenonthermalactivityphenomena
whichoccurin theatmospheresof late-type
main-sequencestars,particularlylateK-M
emission-linedwarfs.Thisreturnsustothefun-
damentalconceptpresentedintheintroductory
sectionon thescientificvalueof thetwo-way
streetconnectingsolarandstellarresearchin
thestudyof nonthermalctivityphenomenaoc-
curringin theiratmospheres.
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M DWARFS: THEORETICAL WORK
Dermott J. Mullan
MODEL PHOTOSPHERES
Theoretical work on the atmospheres of M
dwarfs has progressed along lines parallel to
those followed in the study of other classes of
stars. The earliest work was aimed solely at con-
structing models of the photosphere, in which
the only relevant energy fluxes were considered
to be thermal (radiative plus convective). Such
models have become increasingly sophisticated
as improvements in opacities, in the equation
of state, and in the treatment of convection
have been incorporated during the last 15 to 20
years. As a result, spectrophotometric data on
M dwarfs can now be fitted rather well by cur-
rent models. The section Thermal Model At-
mospheres of Normal M Dwarfs summarizes
the various attempts at modeling M dwarf
photospheres in purely thermal terms. Some ex-
tensions of these models to include (in an ad
hoc manner) the effects of microturbulence and
magnetic inhomogeneities are summarized in
the sections Quasi-Thermal Model Photo-
spheres of dM Stars and Quasi- Thermal Model
Photospheres of dMe Stars. The thermal
models can be constrained not only by predic-
tions of emergent radiation, but also by carry-
ing the integrations inward and constructing
credible models of the entire star. In this regard,
the M dwarfs are in a somewhat unique po-
sition because they bracket the mass range in
which main-sequence stars are believed to be-
come completely convective. Slight errors in
surface parameters and in modeling techniques
can lead to large uncertainties in the interior
structure (because one picks out the wrong
adiabat near the surface). Thus, M dwarfs may
allow one to check the constitutive thermal
physics which enter into the study of all stars.
These points are summarized in the section
Thermal Models of Internal Structure, which
is aimed at placing atmospheric studies in
perspective. The chromospheric and coronal
phenomena have dominated the literature on
M dwarfs so much in recent years that one is
tempted to lose sight of the ultimate origin of
the energy which makes these phenomena pos-
sible: nuclear processes in the deep interior.
Although the interior processes are believed to
be entirely thermal in nature and therefore sup-
posedly readily amenable to modeling, it ap-
pears that significant uncertainties still persist
in our knowledge of the internal structure of
M dwarfs. Thus, even the thermal models of
M dwarfs require further study.
Despite the successes which the thermal
models have had, nonthermal processes also
make a contribution to the physics of M dwarf
atmospheres. The first flare (in continuum
light) in an M dwarf was recognized some 60
years ago, and as data were accumulated on
such events, an increasing amount of attention
was paid to the similarities between these events
and transient brightenings (in chromospheric
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lines)in theSun. The latter represent the most
spectacular form of nonthermal energy release
in the Sun. Of course, other evidence for the
presence of nonthermal energy in the solar
atmosphere is provided by the presence of a
corona and chromosphere even outside flares.
In fact, the question of where one draws a
dividing line between flares and coronal heating
in the Sun has received much attention recent-
ly (Lin et al., 1984; Porter et al., 1984), and no
definitive answer is presently available. Pre-
cisely the same question arises in the M dwarfs
(Doyle and Butler, 1985; Butler and Rodon6,
1985): their prominent flare activity is not the
only evidence of nonthermal processes in the
atmosphere. During even the earliest years of
stellar spectroscopic classification, certain M
dwarfs distinguished themselves from most
other cool stars by the presence of prominent
emission lines of hydrogen. (Emission in the
cores of the calcium lines was also known, but
this is an almost ubiquitous feature of cool
stars.) The Balmer emission lines provided the
first clear sign that modeling the atmospheres
of all M dwarfs in terms of purely thermal
energy fluxes would be inadequate; at least a
chromosphere would have to be provided to ac-
count for the hydrogen emission. In order to
model the nonthermal processes, the first step
is to determine the requirements of nonthermal
energy fluxes in the chromosphere; this process
has gotten under way in the last few years. (See
the section Semiempirical Chromospheric
Models.) The second step is harder: to identify
the source of the nonthermal energy and model
it in physically realistic ways. This step has not
yet been solved, although a surprising recent
development is of major interest in this regard.
X-ray data from the Einstein satellite have in-
dicated that many M dwarfs emit large fluxes
of X rays; in fact, when expressed as fractions
of the bolometric flux, the M dwarfs emit more
X rays than any other cool stars. (See the sec-
tion Semiempirical Transition Region and Co-
ronal Models.) In fact, the corona in an M
dwarf may be supplied with even more nonther-
mal energy than the chromosphere in that star.
Astronomers who are interested in bolometric
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magnitudes with an accuracy of 0.01 magnitude
must now include the X-ray emission from the
corona if they are to achieve such precision in
the case of many M dwarfs. (See the section
Nonthermal Models of M Dwarf Atmo-
spheres.) The strong coronae in M dwarfs, in
which flaring activity is also pronounced, have
once again raised the question of whether or
not a dividing line exists between coronal
heating and flaring (Mullan, 1979; Doyle and
Butler, 1985; Butler and Rodon6, 1985). Mod-
els for flares in M dwarfs are presently available
only in outline form. (See the section Semiem-
pirical Flare Models.)
Thermal Model Atmospheres of
Normal M Dwarfs
The combination of high gravity and low ef-
fective temperatures in red dwarfs ensures
copious molecular formation. By "copious,"
we mean that the number density of molecules
(eg., HE) becomes a significant fraction of the
atomic number density (e.g., H), or even ex-
ceeds it at certain levels in the atmosphere (see
Figure 10-1). With the new degree of freedom
associated with the molecules, the equation of
state is altered. Thus, as well as the well-known
convective instability associated with the ioniza-
tion of abundant atomic species deep in the
photosphere (rs000 > 1), dissociation of abun-
dant molecules (especially H2) creates a new
convective instability at rather high levels of the
photosphere (zs000 < 0.1). Historically, model
atmospheres of M dwarfs have evolved in the
direction of attempting to incorporate the dou-
ble complexities of molecule formation and op-
tically thin convection with increasing realism.
Dust may also form in the coolest stars if no
chromosphere is present. Molecules and dust
have an especially serious effect in the opacities,
increasing them by up to 105 relative to the
purely atomic values (Bohn, 1981).
The earliest thermal model atmosphere of
an M dwarf (Tsuji, 1966) ignored convection
altogether, but included opacities due to H20,
HE, and CO. Vardya (1966) treated convec-
tion, using the mixing-length formalism of
Figure 10-1. Variation of relative abundances of molecules as a function of depth in the
model atmospheres of Vardya (1966). Abscissa scales are log (continuum optical depth)
and 0 = 5040/T. Ordinates are partial pressures of various species. Results for MO, M2,
M4, and M8 dwarfs are shown for selected molecular species.
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Henyeyet al. (1965),and derivedthermal
modelsinwhichthe molecular equilibrium of
160 species (including TiO, Call, MgH) were
subsequently evaluated (see Figure 10-1). Var-
dya felt that it would be premature to attempt
to iterate the convective/molecular equations
(including molecular opacities) because of defi-
ciencies in, for example, the convection treat-
ment and in "missing opacity" (Vardya and
Btihm, 1965). Heavy line blanketing by overlap-
ping lines is difficult to incorporate when so
many different molecular species are present in
the atmosphere. Thus, it is almost inevitable
that one misses some important sources of
opacity. Nevertheless, Vardya's results are im-
portant in that they suggest that molecular
hydrogen is the dominant species throughout
the atmosphere (rather than atomic hydrogen)
at spectral types M4 and later (Teff< 3230 K).
Kandel (1967a, 1967b) included even more
molecular species than Vardya (1966). Kandel
was concerned about the presence of a density
inversion in some earlier model photospheres:
he thought this might be attributed to deficien-
cies in the standard mixing-length formalism of
convection (in which the mixing-length
parameter a = L/Hp is kept constant at all
depths). He therefore devised a modified mix-
ing-length formalism in which the parameter a
is allowed to vary with depth in such a way that
the density inversion is just eliminated. (This
is Kandel's "minimum convection condition.")
He found that a must vary greatly with depth
(by factors of 104). Radiative fluxes from the
models were found to fit R-I colors well, but
predicted colors at shorter and longer
wavelengths became increasingly poor,
presumably due to lack of major sources of line
opacity. In recent years, it has become apparent
that the presence of a density inversion in a
model may have little or nothing to do with er-
rors in the mixing-length theory: a detailed 2-D
treatment of the Navier-Stokes equation shows
that a density inversion is a natural feature of
a convection zone where hydrogen is ionizing,
at least in the warmer stars, A5 and F0 (Chan
and Sofia, 1984).
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A better treatment of H20 line opacity (due
to Auman) allowed Hershey (1968) to obtain
more realistic emergent flux distributions from
his models: Hershey's predicted continua show
radical departures from Planck behavior
around ), = 1 #. To obtain flux-constant
models, Hershey used the Avrett-Krook
temperature correction method, but with the
important addition of convection (with cons-
tant c_ = 1). Inclusion of convection had the
computational effect that convergence to flux
constancy was considerably more difficult to
achieve than in the purely radiative case. In the
coolest models (Lff ---- 3200 K), convection
was found to carry 10 percent of the flux
already at very high levels in the photosphere
(r = 0.05). Hershey concluded that, because
of the efficiency of convection even in the high
photosphere, it is not permissible to scale the
T(r) relation from the Sun to the stars with
Tef f < 4000 K. Hershey used his models to
compute the wings of strong lines (Ca I 4226,
Na D, Ho_, Mg Ib, Ca H+K) and was suc-
cessful with Hc_ and Na D. (Notice that only
the wings can be computed reliably by these
purely photospheric models.) However, he also
found (cf. Vardya and B6hm, 1965) that, at
X4226 /_, there must be "missing opacity"
which is several times larger than the known
continuous opacity.
Auman (1969) applied his extensive H20
opacity calculations to cool stars. He devised
a method of replacing a large number of close-
ly spaced lines by a representative mean opaci-
ty; this was an important step forward in
modeling the thermal photospheres of cool
dwarfs. Auman found that, in dwarfs, H20 is
the dominant source of opacity at Tff < 2520
K. In the equation of state, Auman calculated
molecular equilibria for 58 species (not in-
cluding TiO, although bands of TiO are prom-
inent in M dwarf spectra (cf. Figure 10-2)). In
the presence of H20, the surface temperatures
fall below the values which would occur (in a
star of given Tff) without H20; this occurs
because H20 opacity reaches its maximum on
the redward side of the Planck peak in these
stars. Auman commented on the difficulties of
Fv (mog)
!
i- i I
R
4
_o J H K L
Figure 10-2. Emergent fluxes from models with
T _ = 3750 and 3250 K are shown by solid
lin_Jbs(Mould, 1976). Broadband photometry
and scans of two stars, Yale 4794 and Yale
3501, are denoted by + and x, Yale 4794 be-
ing above. Half-power bandpasses of broad-
band filters are shown. Also shown are bands
of TiO (3, and ._1 systems A V = 0 and 1) and
Call. Dashed curves are from blackbody
radiators of equal total flux.
applying his model predictions to observed
fluxes. The predicted emergent fluxes have been
determined to be sensitive to the way in which
one derives a mean opacity (i.e., whether one
uses a straight mean or a harmonic mean of the
-106 lines in Auman's case). Moreover, the
wavelength dependence of the dominant ab-
sorbers (H- and H20 ) are different, and the
predicted spectral shape depends on where the
opacities "cross over." In turn, the latter
depends on the metal abundances (controlling
free electrons) and on the competition of C, Si,
and H for the oxygen atoms. Since metal abun-
dances in M dwarfs may differ from solar by
2 to 3 (Mould, 1978), these can affect the at-
mospheric structure by several hundred degrees
(Carbon, 1979). Lack of TiO in these models
makes Auman's colors less accurate in the visi-
ble region.
Mould (1976) computed an extensive grid of
models combining Tsuji's molecular equilibria
(including even more molecular species than
Vardya did) with the ATLAS model at-
mosphere code. By allowing for atomic and
molecular line blanketing (which redistributes
emergent flux across the spectrum), Mould ob-
tained emergent spectra which could be fitted
rather well to RIJHKL filter data for several
M dwarfs (see Figure 10-2). In particular, note
that the strong TiO bands and H20 bands ap-
pear prominently in the emergent fluxes from
Mould's models. By matching many colors of
each star to the colors predicted by the models
according to certain weighting functions (deter-
mined by temperature sensitivity), Mould and
Hyland (1976) exploited information contained
in many bandpasses, distributed across a broad
spectral range, to derive Teff values for 20 M
dwarfs with an accuracy of _+100 K at 4000 K
and _+200 K at 2850 K. These represent
substantial improvements in accuracy com-
pared to deriving Tff by fitting a single
observed color, say R-I, to the predicted color
of a model. A striking colorimetric feature
which emerged from Mould's work is shown
in Figure 10-3: the J-H color of dwarfs is not
a monotonic function of the H-K color. Mould
showed that this behavior is due to the onset
of efficient convection in the upper atmosphere
when H E molecules form. (Giants do not show
the effect because convection is not efficient
enough; radiative leakage between hot and cool
streams is more serious in the lower density gas
of a giant atmosphere.) The peak J-H color in
Figure 10-3 is a measure of metal abundance
and gravity. The major source of uncertainty
in Mould's models is probably his treatment of
water vapor opacities; his values appear to be
underestimates of the true opacities (Mould,
1980).
Norlund (1976) applied his two-stream con-
vection model to red dwarfs (Tff = 3750 and
4250 K) and found that the high gas densities
result in temperature differences between hot
and cold streams which are much less than in
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Figure 10-3. Two-color diagram (J-H, H-K)
for red dwarfs in halo and disk populations.
Theoretical maximum J-H values for various
models are indicated by horizontal dashed lines
at upper right. Models differ in log g, mixing
length, and metal abundances. Solid circles =
old disk stars; solid squares = young disk stars;
open symbols = halo stars; solid triangles =
K dwarfs.
the solar case. As a result, predictions of stan-
dard mixing-length theories in red dwarfs might
be expected to be more reliable than those in
the Sun.
Quasi-Thermal Model Photospheres
of dM Stars
In some of the foregoing models (Auman,
Mould), the authors incorporated a nonther-
mal line broadening (microturbulence) of _ =
2 km s-]. The reason for this choice is the
observed line broadening in red dwarfs (0.9 to
2.6 km s-l; Bonsack and Culver, 1966).
Presumably, microturbulence has something to
do with convective flows. However, convective
velocities, vc, in, for example, Auman's mod-
els turned out to be quite small (-0.3 km s-I).
The relation between v and _ in red dwarfs is
c
therefore obscure. In the Sun, Cloutman (1979)
has suggested that the solar granules are not
true convective cells, but are bubbles which
break away from a density inversion below the
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surface. If the same is true in dwarfs (cf.
Kandel's (1967a) discussion of density inver-
sions), perhaps this is the source of the dis-
crepancy between vc and _. However, it would
then become necessary to incorporate turbulent
pressure gradients in all hitherto calculated
model atmospheres.
A further aspect of the microturbulence is
its height dependence: in the Sun, _ = I to 2
km s-1 in the photosphere, but it increases
rapidly upward (reaching -10 km s-] in the
chromosphere). On the other hand, in dM and
dMe stars, it appears that _ remains small (< 2
km s-1) even in the chromosphere (Giampapa
et al., 1982b). This may be due to stronger
magnetic fields in the M dwarf chromospheres
which restrict the motion of ionized gas.
Uncertainties in understanding the origin of
microturbulence have a serious effect when one
wishes to predict the acoustic fluxes emitted by
a convection zone. (These fluxes may be impor-
tant in heating chromospheres and/or coronae;
see below.) Which velocity parameter, oc or _,
should be used in the Lighthill-Proudman
acoustic formula? Uncertainties of 3 to 10 in
the velocity parameter create errors of 10 4 to
10s in the predicted acoustic flux which might
heat the chromosphere. Discussions of chro-
mospheric heating along the the main sequence
have not included these uncertainties (e.g.,
Bohn, 1981).
Quasi-Thermal Model Photospheres
of dMe Stars
This section summarizes work which has
been done on inhomogeneities and on the
modeling of magnetic effects.
Dark spots exist on the surface of certain
dMe stars, especially those which rotate faster
than a critical velocity (-5 km/s; Bopp and
Espenak, 1977). The spots are cooler than the
photosphere by at least several hundred degrees
(ensuring quite different molecular equilibria
in the spot atmosphere than outside). The spot
areas may be > 10 percent of the disk area. The
problem of energy transport through the star
in the presence of such a gross inhomogeneity
isoneof greatinterest(Spruit,1982):partof
thenormalenergyfluxmaybetrappedbeneath
thesurface,reducingthebolometricluminosity
ofthestar.(Thisoccursinthesolarcase;much
of themissingfluxof largesunspotsessential-
ly disappearsfromthesolar"constant."See
Willsonet al., 1981.)However,someof the
missingstarspotenergyin reddwarfsmaybe
findingits wayinto thecorona(Gershberg,
1983).
Activeregionareasonthesurfacesof dMe
starsmaycontributetothedifferencesbetween
dM anddMespectroscopicproperties.With
this assumption,Giampapa(1980)hasesti-
matedareacoveragefactorsfor severalM
dwarfs;in themostactivedMestars,coverage
maybemuchmoreextensivethanthatindM
stars.
ByanalogywiththeSun,spotsandactive
regionsonM dwarfsarebelievedtobeofmag-
neticorigin.Thesurestevidencefor magnetic
fieldsin flarestarsisthepresenceof largecir-
cularpolarizationin radioemission(Gibson,
1983),particularlywhenthemaximumradio
emissioncoincideswithmaximumvisibilityof
astarspot(LinksyandGary,1983).Thedegree
of circularpolarizationcanbeespeciallyhigh
duringflares--essentially100percent(e.g.,
Langetal., 1983).Indirectestimatesof mag-
neticfieldstrengthsIBIbasedoninterpretation
of radioandX-rayproperties(withguidance
fromsolaranalogs)haveyieldedvaluesof IBI
of atleast210to 2960gaussin agroupof five
Mdwarfs(Golub,1983),1000to2000gaussfor
UVCeti(LinskyandGary,1983),and>9000
gaussfor YZ CMi (Haisch,1983).Although
theseresultsaremodel-dependent,theysuggest
thatfieldsof manykilogaussmayexistonthe
surfacesof M dwarfs(cf. Mullan,1984a).
Directmeasurementsoffieldstrengthandareal
coverageinM dwarfsbytheRobinson(1980)
techniquehavenotyetbeenmade.
Magneticfieldsof kilogausstrengthcer-
tainlyinterferewithconvectiveflowpatterns
in M dwarfs.A steady-statemodelfor aver-
ticalflux tubein theumbraof a sunspotor
starspotcanbeconstructedbyquantifyingthe
magneticreductionin convectivefficiency,
allowing for finite electricalconductivity
(Mullan,1974a,1974b).Themissingthermal
fluxisconvertedintoAlfv6nwaves,andaself-
consistentdepth-dependentmodelofaspotcan
bederived.Thesurfacecoolingcanbesevere
(- 2000K onareddwarfwithsurfacefieldof
20kilogauss).(SeealsoStaude,1978.)Innor-
malconditions,theAlfv_nwavesaretrapped
beneaththesurfaceof thespotbyreflectionat
thesteephotosphericdensitygradient.How-
ever,in exceptionalconditions(duringlarge
flares),theAlfv6nwavesmaybeableto leak
upwardinto thecoronaandescapefromthe
star.Waveswhichhaveall of theproperties
predictedfor suchumbralAIfvenwavesin
sunspotshavebeendetectedrecentlyinthesolar
wind followinga largeflare (Mullanand
Owens,1984),but thereseemsto be little
likelihoodof detectingumbralAlfv6nwavesin
spotsonM dwarfs.
Thetime-dependentbehaviorof magnetic
fluxtubesin red-dwarfconvectionzonesmay
bemorecomplexthanin thesolarcase(because
spotsizesonreddwarfsaremuchlargerfrac-
tionsof thestellarradius),andsomeof the
solaranalogsmaythereforebeinvalid.Forex-
ample,long-livedsunspotswithwell-developed
penumbraemayowetheirquasi-stabilitytothe
particularradialprofileof differentialrotation,
Of_/Or, beneath the Sun's visible surface
(Meyer et al., 1977). In the case of red dwarfs,
c9f_/Or may be quite different, and flux tubes
may never achieve even a quasi-stable state; in
that case, the assumption of a solar-like (um-
bral and penumbral) single spot may be irrele-
vant (Mullan, 1983; Vogt, 1983).
However, from the scale sizes of inhomo-
geneities on M dwarfs (both dark and bright;
cf. Bopp, 1974a, 1974b), the magnetic flux
ropes must be very large, of the order of a
stellar radius, R s, in diameter. Some measure
of interference between magnetic fields and red-
dwarf luminosity seems therefore likely.
Bolometric variability due to such interference
has been discussed by Hartmann and Rosner
(1979) and by Gershberg (1978, 1983). It is not
yet clear whether it is the total magnetic flux
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inatubewhichcontrolsthevariability,or the
fieldstrength.
Parenthetically,wenotethat,if a fluxrope
intersectshestellarsurfaceoveralengthscale
of -R s, then the flux loops in the rope must
arch up to heights which cannot be much less
than -R above the photosphere. (In the solar
s
case, coronal X-ray loops typically extend up-
ward to less than -0.1 Rs.) This quantitative
feature should be borne in mind when one con-
siders coronal heating in M dwarfs and flare
visiblity beyond the limb.
Thermal Models of Internal Structure
Although the internal structure of a star is
not the main topic of interest in this series of
monographs, ultimately the most stringent test
of a model atmosphere is: can it be matched
with a sensible model of the interior of the star
which it is supposed to represent? In other
words, can complete stellar models be found
which reproduce the observed mass-luminosity
(M-L) relationship and the observed mass-
radius (M-R) relationship on the lower main
sequence? Several research groups have investi-
gated these questions for stars of all spectral
types along the main sequence. For present pur-
poses, the most interesting result of these works
is the prediction that a main-sequence star
becomes completely convective if its mass is less
than about 0.3 Mo • (For a summary of this
work, see Neece, 1984.) Because stars of such
mass are predicted to have spectral type of mid-
dle M, the passage to complete convection is
relevant to us here.
One of the parameters which characterizes
convection in the thermal models described
above (see the section Thermal Model At-
mosphere of Normal M Dwarfs) is the mixing
length, a = L/Hp. The best-fitting models re-
quired a = 1. However, Cox et al. (1981) at-
tempted to integrate inward to the center of a
star for which the surface parameters were fair-
ly well known (60 Kruger A, mass 0.27 Mo,
luminosity 3.81 × 1031 ergs s -1, Tff = 3100
K). The only free parameter in the integration
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is the value of o_: the requirement for a sensi-
ble model is that the integration must reach the
center of the star with the proper mass. The star
chosen by Cox et al. is particularly interesting
because its mass falls close to the boundary
where stars are expected to become completely
convective. Thus, it might provide a rather
stringent test of the convection theory. Surpris-
ingly, Cox et al. found that, to obtain a sensi-
ble model, they had to assume ot = 0.07 to 0.17
in regions in which the local temperature lay
below 9000 K. (The range of values of a cor-
responds to a variety of compositions and
opacities.) These values of o_are much smaller
than those used by the atmospheric modelers
(Hershey, Mould, etc.), and they had the ef-
fect of making the convection zone quite
shallow. The interior model of 60 Kruger A
turned out to have an appreciable radiative
core, with a mass of as much as 0.62 M. in
one model. Of course, for a small enough mass,
the models of Cox et al. would eventually have
found a completely convective star. But the dif-
ference from earlier models of a nearly convec-
tive star was striking.
Cox et al. proposed the following explana-
tion for small or: magnetic fields in the envelope
are expected to reduce the efficiency of convec-
tion on a global scale (see the section Quasi-
Thermal Model Photospheres of dMe Stars),
and the mixing-length formalism responds to
this by reducing or. Cox et al. (1981) claimed
that the differences between their models and
earlier ones are due to improved opacities and
improved allowance for particle interactions
(including electrostatic corrections) in the equa-
tion of state. Cox et al. claimed that their
models were in better agreement with the M-L
and M-R relationships than other models.
However, Neece (1984) subsequently used
the same opacities and an improved equation
of a state to derive models of lower main-
sequence stars and found acceptable fits to the
observed M-L and M-R relationships by
assuming a conventional value for or, u = 1.
Neece found that complete convection sets in
for stars with masses between 0.25 and 0.3
Mo • In the somewhat more massive stars, 0.4
to0.55Mo, Neece found that a small convec-
tive core appeared within the radiative interior.
The major difference between the equation of
state used by Cox et al. (1981) and by Neece
occurs in Neece's inclusion of interactions be-
tween neutral particles and all other species (in-
cluding molecules), rather than simply the elec-
trostatic corrections. If this is really the only
difference between the two modeling efforts,
it suggests that the equation of state will have
to be known with extraordinary precision if we
are to obtain credible models of M dwarfs. On
the other hand, VandenBerg et al. (1983) were
able to reproduce the lower main sequence
without having to assume a complicated equa-
tion of state.
Refinements of the equation of state have
recently become a matter of pressing interest
in solar physics in attempts to fit the rich spec-
trum of eigenmodes detected in solar oscilla-
tion studies. For example, electrostatic correc-
tions to the equation of state increase the local
gas pressure by up to 7 percent in models of
the convection zone, push the base of the model
convection zone deeper, and shift the model
eigenfrequencies by amounts which are larger
than the current error bars (Shibahashi et al.,
1983). Cox et al. (1981) admitted that even the
Coulomb corrections to the pressure in M
dwarfs are very uncertain. Shibahashi et al.
claim that the major unsolved problem in the
solar model at present is how to calculate the
internal partition functions for partially ionized
constituents: these functions affect the degree
of ionization of the gas by an amount which
is serious enough that no known solar convec-
tion model satisfies all the constraints impos-
ed by the observed eigenmode spectrum. If such
problems exist in constraining solar models, the
achievement of successful interior models of M
dwarfs (in which partially ionized constituents
are more abundant than in the Sun) is probably
a matter of many years hence, even with pure-
ly thermal models.
In fact, Neece (1984) is sufficiently pessimis-
tic about current uncertainties in the surface
parameters of M dwarfs (implying large uncer-
tainties in interior structure) that he suggests we
can no longer rely on data from single M
dwarfs to improve our knowledge of the inner
structure. Neece proposes that a more fruitful
avenue of research may center on the cataclys-
mic variables (CV's); i.e., binaries in which an
M dwarf is losing mass to a compact compan-
ion. The evolution of such a system depends
on the way in which the M dwarf radius evolves
with respect to the Roche lobe. It is interesting
to note that, during mass loss, a convective star
tends to expand, whereas a radiative star tends
to contract. (This may be relevant to an under-
standing of the "gap" which exists in the CV
period distribution between 2.0 and 3.0 hours:
Robinson et aI., 1981.) Thus, if a reliable evo-
lutionary model of CV secondaries could be de-
rived from the available CV data, it might lend
some credibility to the interior models of M
dwarfs.
However, even if thermal models can be de-
rived with reliability, it will still be necessary
to pick the surface boundary condition with
care in order to get onto the correct adiabat.
The extent to which this boundary condition de-
pends on the overlying chromosphere and co-
rona has not yet been determined. (In fitting
the solar oscillation data, a rather realistic
model chromosphere must be incorporated
because the eigenmodes are standing waves in
a cavity, one boundary of which is the chromo-
sphere/corona.) As has been the case with the
solar/stellar connection in the past, improve-
ments in the equation of state in the solar con-
text are expected to be beneficial to modelers
of M dwarfs.
In regard to the oscillations, it is currently
unknown to what extent energy transport in
either g-modes or p-modes affects the internal
structure of the Sun. In M dwarfs, the same
problem exists except that, in the latest M
dwarfs in which the radiative core presumably
disappears, the g-modes will no longer con-
tribute to the problem.
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NONPHOTOSPHERIC MODELS OF
M DWARF ATMOSPHERES
All of the model atmospheres described
previously are strictly photospheric: their emer-
gent fluxes are adequate to account for the ob-
served continua, plus the major molecular ab-
sorption features. The T(r) relations in all cases
are monotonic. However, these models are in-
capable of accounting for the most character-
istic feature of dMe spectra--the profiles of
emission lines of hydrogen (and calcium). In
fact, the profiles of even some of the strong
atomic absorption lines such as Ha cannot be
reproduced satisfactorily, particularly in the
cores of the lines. Because the wings of Ha in
the warmer M dwarfs have a contribution from
the photosphere, purely photospheric models
can achieve a measure of success in accounting
for the wings of M dwarfs with Lff >'_4000 K
(see Hershey, 1968). However, in the cooler M
dwarfs in which photospheric contributions to
Hot are expected to become vanishingly small,
there is a major difficulty in explaining the
presence of strong Hot absorption in such stars.
The first step in remedying these deficiences
has been to construct semiempirical chromo-
spheres in which a temperature rise is superim-
posed above the photosphere and the tempera-
ture is adjusted until a satisfactory fit to some
spectral feature is achieved. This approach is
summarized for the nonflaring chromosphere
in the section Semiempirical Chromospheric
Models, for nonflaring transition regions in the
section Semiempirical Transition Region and
Coronal Models, and for flares in the section
Semiempirical Flare Models.
A more fundamental approach seeks to pre-
dict mechanical fluxes from first principles and
to use these predictions to compute chromo-
spheric and coronal temperatures ab initio. (See
the section Nonthermal Models of M Dwarf A t-
mospheres.) This approach would also be
ultimately desirable for flares, but no such work
has yet been published.
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Semiempirical Chromospheric Models
Kandel (1967b) studied a chromosphere with
two temperature plateaus: the cooler (T =
3750 K) radiates mainly in H-, while the hot-
ter radiates mainly by means of H atoms. Two
parameters characterize a model: N, the elec-
tron column density above the base of the hot
plateau (i.e., the chromosphere), and T, the
temperature of the hot plateau. In each model,
a two-level Ca atom was used to compute total
emission fluxes in the K core. Comparing with
available data, only a very restricted portion of
(T, N) space is acceptable: thus, if T = 2 ×
104K, log N c must lie in the range 18.9 to
19.1. Kandel's discussion of Balmer line emis-
sion, although inadequate (as he himself admit-
ted), was important in stressing that, in red
dwarfs, collisional processes might dominate
over photoionization in the source function
(contrary to the solar case).
This point was discussed in more detail by
Fosbury (1974) in the context of an isothermal
chromosphere. He found that, in an M dwarf
with Lff = 3500 K, collisional control be-
comes strong enough to drive Ha into emission
if N > 1011 cm -3. Fosbury suggested that a
breakdown in the observed correlation between
rff and Hot - width at ref f - 3000 K (Spinrad,
1973) can be interpreted in terms of a transi-
tion from photoelectric control to collisional
control in the Hot source function. Thus, if
chromospheric heating rates remain unchanged
along the main sequence, the Balmer lines
would inevitably go into emission at the coolest
ref f. This is consistent with the early work of
Joy and Abt (1974), who found that, among
M dwarfs, the fraction of stars classified as
dMe (indicating Balmer emission) increases
toward later types, reaching almost 100 percent
at M5.5. Some exceptions to this rule may now
exist (Giampapa, 1983), indicating that chro-
mospheric heating may not in all cases remain
unchanged in the coolest dwarfs. In the M
dwarfs, irradiation by the overlying corona may
dominate the heating of the chromosphere
(Cram, 1982). The presence of weak X rays in
thecoolestMdwarfs(Golub,1983)undoubted-
lycontributestoweakeningof Balmeremission
there(Mullan,1984b).However,evenif Ha
nevergoesintoemissioni certaincooldwarfs,
remainingalwaysanabsorptionline,thismay
stillrequiresignificantchromosphericheating
(CramandMullan,1979).
Gershberg(1974)usedathickslabisother-
malchromosphericmodelto interpretBalmer
decrementsinflarestars.TheSobolevmethod
wasusedto determinethepopulationof 30
levelsin hydrogen.Onlycollisionalprocesses
wereincluded;nophotosphericradiationwas
included.A three-parameterfamilyof models
wasconsidered:T, ne, and flo (the photon
escape probability at the center of Lyman-a).
Ratios of Ha/Hfl intensities are shown in
Figure 10-4. The decrement may be either nor-
mal or inverted; both types of decrements are
observed in flare stars. In quiescent conditions,
Gershberg found best fits to 17 spectrograms
of nine flare stars with ne = (1-4) × 1012
cm -3, T = 104K, and i3o = (1-2) × 10 -6.
Such escape probabilities can be understood if
there are velocity fields in the stars of the order
of 10 to 30 km/s.
Subsequently, Grinin (1979) extended
Gerschberg's (1974) work to include the photo-
spheric radiation field. Although this did not
change the level populations by much (cf. Fos-
bury, 1974), so that the ne and T values
remained almost the same as above, the ex-
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Figure 10-4. Relative intensities of Ha and Hfl
in isothermal gas of temperature T and elec-
e
tron density n e. Escape probability of a
photon at the center of Lyman-a is denoted by
/3o (Gershberg and Shnol" 1974).
istence of the background radiation allowed
Grinin to derive the fractional area of the disk
covered by Ha emitting regions; he found 6 to
7 percent (AD Leo) and 14 percent (EQ PegA).
Similar coverage was deduced by Greenstein
(1977) in another flare star. Active region
coverages of a few percent (< 6 percent) have
also been derived for Proxima Centauri on the
basis of a static-loop analysis of the X rays in
the quiescent corona (Haisch et al., 1983). Ex-
treme inversions in the Balmer decrement may
indicate highly inhomogeneous physical condi-
tions in the atmosphere (Grinin, 1980).
Kelch et al. (1979) modeled Ca K emission-
line profiles in two cool dwarfs (61 Cyg B and
EQ Vir) in terms of a chromospheric
temperature profile, dT/d log m = C/(m is
mass column density; C/are constants, and i
= 1,2...). Several segments of chromosphere
are adopted to fit various parts of the profile.
Thus, the deepest part begins at log m = + 0.3
(61 Cyg B) and -0.2 (EQ Vir), where the
temperature is allowed to depart from radiative
equilibrium (RE), falling off less slowly with
increasing height than in an RE model. At a
certain point (log m = -1.4, both stars), the
temperature is allowed to pass through a
minimum (Tin -- 0.8 Tff). Above Tin , T
rises to 8000 K at the "top" of the chromo-
sphere (mo). Above m o, T jumps abruptly to
coronal values. In this structure, the radiative
transfer code for a three-level Ca + atom is
solved until a best-fit profile is obtained.
The Ca + data constrain the model mainly
in the region close to Tin, above Tin , in EQ
Vir, for example, the best model has 3' ( = dT/d
log m) = 1800 to 1900 K. This is much steeper
than in the quiet Sun ('r = 900 to 1000 K), but
is comparable to active regions and flares (3, =
1600 K). In less active stars, (e.g., 61 Cyg, B),
3' is closer to solar values. Kelch et al. suggest
that dMe stars may differ from dM stars (i.e.,
have larger q_) because of stronger magnetic
fields (cf. also Mullan, 1975). The "best"
models of Kelch et al. require chromospheric
mechanical fluxes FAr such that (_chr =
F_r/OT4ef f is 6 × 10 -5 in the "quiet" star (61
Cyg B) and 2 x 10 -4 in the active star (EQ
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Vir).(Theseratioswereestimatedbysumming
overthestrongestemissionlines.)Althoughthe
modelsofKelchetal.(1979)aresubjecttonon-
uniquenessproblems,theyhadsignificantsuc-
cessin "predicting"thatHotis in absorption
in61CygBbutinemissioni EQVir, inquali-
tativeagreementwithobservations.Although
theHotprofilesdid not fit thedatato better
thana factorof 2, theworkof Kelchet al.
representedastartinstudyingnonlocalthermo-
dynamicequilibrium(NLTE)radiativetrans-
ferinarealistichydrogenatom,incooldwarfs.
Independently,Cramand Mullan(1979)
undertookaparametricstudyof Balmerline
formationin thequiescentspectrumof cool
dwarfs.A temperatureriseof theformdT/d
log m = C1,2 in two segments (from Tin tO T O
and TO to T 1) was superimposed on Mould's
(1976) photospheres. An H atom with five
bound levels plus continuum was used, allow-
ing the radiative-transfer problem to be solved
in the Lyman continuum and in Hot, H_, and
H),. The parameter space of the study is listed
in Table 10-1, and representative Hot profiles
are shown in Figure 10-5. In the absence of a
chromosphere (Model 1), Hot would be only a
weak absorption line in a star with Lff _- 3500
K. As TO increases and the chromosphere
"builds up," Hot first goes more deeply into
absorption, reaching a maximum equivalent
width (EW) of -0.66/_: interestingly, 61 Cyg
B, which has Tff close to 3500 K, has Hot in
absorption with EW of just this order (Kelch
et al., 1979). The implication is that, in cool
dwarfs, even if Hot is observed to be in absorp-
tion, there may be a well-developed chromo-
sphere requiring significant mechanical energy
deposition, and such stars may even be flare
stars (e.g., SZ UMa; see Worden et al., 1981).
In view of this, one should not conclude solely
on the basis of Hot emission or absorption that
division of M dwarfs into dMe and dM is neces-
sarily a division into "chromospheric" and
"nonchromospheric" stars.
Cram anct Mullan (1979) found that further
buildup of the superposed chromosphere drives
Hot into emission, first in the wings and sub-
sequently in the integrated profile. (A central
466
dip in the Hot emission is caused by optical
depth effects; early observational interpreta-
tions of such dips in terms of Zeeman splitting
have not been confirmed.) For T O > 9700 K,
Cram and Mullan found that integrated Hot is
in emission (with r > 1) for ne (m o) >10 II cm -3,
in good agreement with Fosbury's (1974) con-
clusion. Young et al. (1984) have used the
results of Cram and Mullan to argue that the
chromospheres in dM stars are systematically
less dense than those in dMe stars. (For a two-
component model, this conclusion is equivalent
to varying areal coverage by active regions.)
The Hot profile is sensitive mainly to at-
mospheric behavior between temperatures of
-5000 and -30000 K. Near the temperature
minimum, the radiation field from the photo-
sphere dominates the source function, and as
a result, Hot contains essentially no informa-
tion about such regions. Thus, Ha can serve
as a useful complement to Ca K emission as a
diagnostic of chromospheric structure in red
dwarfs. In general, Mg h and k emission is most
sensitive to conditions around 8000 K (i.e.,
around too; see Kelch et al., 1979).
Recently, Linsky et al. (1982) have quanti-
fied some properties of dM and dMe chromo-
spheres and have estimated mechanical energy
fluxes, Fh,, in M dwarfs. They find that the
fraction, Cbchr, remains roughly constant
among the main-sequence dM stars (Ckchr -_ 2
× 10-5), but in dMe stars, Ckchr is about 5 times
larger than in dM stars (_bchr _ 10-4).
However, the important point is that the dM
stars need a finite amount of mechanical energy
to create the chromosphere which gives rise to
their Hot lines in absorption; thus, one cannot
conclude that chromospheres are entirely ab-
sent from dM stars. (The value of (_chr in the
dM stars is close to the value in the quiet Sun.)
Furthermore, whereas Mg II emission is the
dominant line for chromospheric radiative loss-
es in solar-type stars (and also in dM stars), in
the dMe stars, emissions in Ca II and Fe II
become comparable to Mg II, and Balmer line
emission is several times stronger than Mg II.
Optical depth in Hot is certainly larger than
Table 10-1
Some Properties of Model dM Stellar Chromospheres*
Model To log m o log m 1 log We "rH_ EWH= EWH/_ EWHv
1 - - - isothermal - - - 10.0 10 -0.08 -0.07 -0.07
2 5000 -5.5 -7.0 10.3 5 -0.60 -0.24 -0.13
3 7000 -5.5 -7.0 10.5 8 -0.66 -0.30 -0.16
4 9000 -5.5 -7.0 10.6 40 -0.62 -0.38 -0.26
5 9500 -5.5 -7.0 11.0 70 -0.22 -0.23 -0.16
6 10000 -5.5 -7.0 11.2 120 0.69 0.36 0.34
7 10500 -5.5 -7.0 11.5 200 3.68 1.76 1.74
8 9000 -5.0 -7.0 11.0 96 0.38 0.18 0.19
9 9000 -4.75 -7.0 11.3 140 2.24 1.14 1.17
10 9000 -4.5 -7.0 11.6 210 6.66 3.55 3.76
11 9000 -4.25 -7.0 11.9 290 15.18 8.34 9.34
12 9000 -5.0 -6.5 11.0 96 0.54 0.26 0.26
13 9000 -5.0 -5.5 11.1 85 0.73 0.42 0.42
14 9000 -5.0 -7.0 11.3 180 1.43 0.80 0.80
15 9000 -5.0 -7.0 11.2 150 1.58 0.86 0.87
16 9000 -5.0 -7.0 11.5 110 -0.08 -0.20 -0.17
* Notes:
Models 1 to 14 are based on Mould's (1976) model with T = 3500 K, log g = 4.75, and "old disk" abundances.
In model 14, the temperature minimum has been moved deeper, to T = 3081 K and log M = 0.56. In models,
ffi_0 65 rain1 to 13, the corresponding values are T = 1659 and log rnm=n . .
Model 15 is based on the same T and log g as above, but the relative abundances have been reduced by a fac-
tor of 5.
Model 16 has T = 4200 K, log g = 4.75, and "old disk" abundances.
The value of T 1 is always 30000 K.
N is the maximum chromospheric electron density (cm-3).
EW is the equivalent width, negative for absorption lines. Units are in _,.
unity in dMe stars (Petterson, 1984). Hydrogen
atom emissions are the dominant coolants of
dMe chromospheres, although the calcium in-
frared triplet is also important in the most ac-
tive stars (Petterson, 1984).
Semiempirical Transition Region
and Coronal Models
The work of Linsky et al. (1982) also at-
tempts to model the transition region (TR) be-
tween chromosphere and corona. They find
that the fraction _rR of aTf4f which heats the
TR in dMe stars is as large as 2 × 10-5 in ac-
tive stars, which is - 100 times larger than 4_rR
in solar plages. X-ray data (Golub, 1983) can
be interpreted to show that the coronal heating
fraction in M dwarfs, 4_cor, may also rise to a
maximum of >100 times larger than that in the
Sun; in the strongest emitters (of spectral type
M1-M2), the X-ray luminosity is -1 percent
of the bolometric luminosity (i.e., d_cor =
0.01). This is the maximum value of _cor
reported for any single star of late spectral type.
(In the Sun, the maximum value of ¢cor in ac-
tive regions is -10 -4 (Withbroe and Noveso
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Figure 10-5. Relative flux profiles for the Ha
line emitted by a grid of dM star chromo-
spheres. The number associated with each pro-
file refers to a model in Table 10-1. Note that
only one half of each profile is shown (Cram
and Mullan, 1979).
1977).) It is remarkable that, in M dwarfs, tlae
nonthermal processes have an efficiency as
large as 1 percent. The value of _bcor falls off
rather steeply in the later M dwarfs (Mullan,
1984b). Now, in the quiet Sun, 4_chr -- 10 4_cor,
whereas in active regions, 4achr -- 2 4acor
(Withbroe and Noyes, 1977). Hence, the
chromospheric heating problem to be solved by
solar theorists is more exacting than the coronal
heating problem. However, in certain M1-M2
dwarfs, it appears that Ocor > 4_chr by a factor
which may be as large as - 100, and the heating
problem is qualitatively reversed. (At some
spectral types, the X-ray luminosity, L x, spans
a range of up to 3 orders of magnitude, with
no clear correlation with kinematic grouping;
it seems unlikely that rotation differences alone
can explain the large range in L x (Johnson,
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1983).) In dMe stars, the principal problem is
to explain how the corona of certain M1-M2
dwarfs can be heated so efficiently (Mullan,
1984b). When this problem is solved, the
chromospheric heating may actually be
understood simply in terms of absorption of X
rays from the overlying corona (Cram, 1982).
Why should coronal heating be so efficient
in dMe stars? Gershberg (1983) has pointed out
that, in certain flare stars, dPco r is comparable
to the "missing flux" in starspots. He postu-
lates that dMe stars are somehow efficient at
transferring the "missing flux" into coronal
heating (unlike the Sun). We will return to a
quantitative discussion of this point in the sec-
tion Nonthermal Models of M Dwarf Atmo-
spheres.
Semiempirical Flare Models
In the same spirit as the foregoing discus-
sion, flare models have been proposed in which
it is assumed that an abrupt energy release from
an unspecified source causes local heating; the
aim is then to reproduce flare light curves and
colors as a time-dependent problem.
Gershberg (1970) has summarized the
"nebular" model, in which a single impulse
heats a region of the atmosphere to "chromo-
spheric" temperatures (i.e., (10-20) × 103 K).
(These temperatures are constrained by the
observed Balmer jumps.) Hydrogen recombina-
tion is assumed to be the source of flare light.
As the flare volume expands, an analytic ex-
pression can be derived for the decaying branch
of the flare light curve. Observed light curves
were fitted quite well in many cases, and from
the decay time, initial densities were derived:
no = 109 to 1011 cm -3. Subsequently, these
estimates were found to be too small on two
counts: they would require the flare volume to
be extremely large (covering the entire stellar
disk), and they would yield incorrect Balmer
decrements (Gershberg, 1978). Apparently,
flare decay is not due to recombination, but is
controlled by some other slower process (Ger-
shberg, 1975); Gershberg did not identify what
that slower process might be.
A furtherargumentagainstrecombination
asthesourceof flare light is based on the col-
ors (U-B, B-l I) of flare light; during flare
decay, the predicted colors have a trajectory in
the two-color diagram which is inconsistent
with observations. However, it must be admit-
ted that arguments based on the two-color
diagram are not especially forceful; the observ-
ed colors are scattered over a wide area of the
diagram, and many different interpretations of
such colors are now known to be admissible.
For example, Gershberg (1978, his Figure 2)
shows how the observed U-B, B-F colors in
a large sample of flares (at maximum light) are
spread over such a large area of the two-color
diagram that individual events can be found
which are consistent with one or more of seven
different emission mechanisms:
1. H- emission at T = (5-10) × 103K
2. Nonthermal bremsstrahlung
3. Inverse Compton scattering of photo-
spheric radiation
4. Synchrotron emission with spectral in-
dex 0-2
5. Optically thin plasma at T > 8 × 104 K
6. Blackbody with T > 4000 K
7. Hydrogen plasma, optically thick in
Balmer lines, with T = (15-25) × 103 K
The flare material considered by Gershberg
is strictly "chromospheric," with no attempt
to link it with the overlying corona or underly-
ing photosphere. Kunkel (1970) proposed that
the chromopsheric flare would irradiate the
photosphere and "burn" it to a state of a few
hundred degrees hotter than the undisturbed
photosphere. Kunkel suggested that the "burn"
might help to interpret flare colors during the
late stages of flare decay. That a flare can cause
excess heating even in the photosphere has been
established in the case of the Sun: AT - 100
K at r - 0.1 during certain flares (Machado
and Linsky, 1975).
The most detailed discussion of the
photospheric "burn" has been given by Grinin
(1973, 1976) in his treatment of time-dependent
radiative transfer in the presence of an exter-
nal source of radiation. Scattering and diffu-
sion of a 6-function source causes the reflected
signal to have a well-defined form with a time
scale of the order of radiative relaxation time,
rr. If the flare light has a particular time varia-
tion (e.g., L(t) - (1 + t/B) -2, as the
"nebular" model predicts), the reflected light
can be derived by convolution. For conditions
in M dwarfs, r r - 3 to 5 minutes. Since this
is comparable to observed flare decay times,
Grinin concludes that the reflected signal may
indeed contribute detectably to flare light.
An interesting feature which emerges from
Grinin's work concerns the temperature sen-
sitivity of the opacity in the photosphere.
Depending on the atmospheric composition
(especially the metal abundance) when the
photosphere is "burned," the opacity may in-
crease momentarily so much that the "burn"
actually blocks off the radiation emerging from
inside the star. Grinin (1976) proposes that
"negative" flares may be due to this effect (i.e.,
dips in the star's light below the nonflaring
level) occurring during a flare. Although many
features of "negative" flares can apparently be
accounted for in this context, Grinin pointed
out that the model cannot explain "negative"
dips which occur before the optical flare itself,
unless there is some other source of radiation
(other than optical flare light) to cause the prior
"burn." Grinin did not specify such a source.
However, his analysis of the evolution of flare
colors during decay has already led him to con-
clude that the "burn"must be much hotter than
the photosphere (by several thousand degrees);
he realized that this would be almost impossi-
ble if "nebular" gas alone were the source of
the "burn." Something hotter would be re-
quired. Subsequently, Grinin (1980) proposed
a different explanation of "negative" flares in
which preflare changes in magnetic fields
reduce the active region emission. A different
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interpretationof "negative"flaresisprovided
byGiampapaetal. (1982a);theysuggestthat
aflareoccurswhenaprominenceisdestabilized
anddepositsitsmaterialonthesurfaceof the
star.Theysuggestthat,beforehittingthesur-
face,theprominencematerialobscurespartof
thesurface,therebycausinga"negative"pre-
cursorto themainflareoutburst.
A furtherindicationof theimportantrole
whichdeep-seatedgashason stellarflares
emergedfromtheworkof GrininandSobolev(1977).Theyplacedtheopticalflare-emitting
gasin thephotosphere/chromospherebound-
aryregion(N = 1015to 1017cm-3)andcon-
sideredH- emissionaswellasopacitybeyond
theBalmerjump.Thismodelsuccessfullyac-
countedfor theUB V colors of flare light, the
correlation with U-B color, and the Balmer
jump. Solar "white" light flare emission may
also emerge from analogously deep parts of the
atmosphere. Nevertheless, the relaxation time
scales associated with deep gas are difficult to
reconcile with observed light curves, and the
necessity of an externally imposed time scale
again emerges if such light curves are to be
understood. Gershberg (1978) has argued that,
since flare luminosity L on many different flare
stars (with quite different photospheric proper-
ties) obeys a "universal" relation near max-
imum (d log L/dt)ma x _ L -1/4 (Shakhovskaya,
1974a, 1974b), this in itself is not compatible
with significant photospheric contributions to
flare light near maximum. Gershberg believes
that a "universal" relation is more likely to be
an indication that very hot gas is contributing
to flares at maximum. (See also Mullan, 1976a,
1976b.)
Cram and Woods (1982) have reported a
systematic study of semiempirical flare models
along similar lines to those used by Cram and
Mullan (1979) for quiescent chromospheres.
(The models were chosen to represent various
proposed heating mechanisms; an analogous
study of solar flares has recently been reported
by Canfield et al. (1984).) In the flare case,
however, as well as computing Balmer line pro-
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files, the broadband continuum was also com-
puted. A general conclusion is that the flaring
chromosphere has higher pressures and
temperatures than the quiescent chromosphere.
In regards to high pressures in solar flares, Can-
field et al. (1984) have shown that flares which
show Ha in emission without any central rever-
sal must have P_> 100 dyn/cm 2 (i.e., 102 to 103
times the quiet Sun value). On the other hand,
flares which show broad Stark wings in Hot can-
not be understood in terms of high pressure
alone; they require large fluxes of energetic
electrons > 101° erg/cm2/sec in electrons with
E > 20 keV. Empirical evidence for high
pressure in line-forming regions of stellar flares
indeed emerges from a study of the broadening
of the various lines in the Balmer series; in six
flares on YZ CMi, the data yield electron densi-
ties in a rather well-constrained range: 1013 to
10 TMcm -3 (Worden et al., 1984). If T = 104 K
in the Balmer line-forming region, this indicates
pressures of 30 to 300 dyn/cm 2 in these flares.
A significant conclusion which emerges from
the work of Cram and Woods is that, in order
to produce strong narrow Balmer lines with an
inverted decrement but at the same time show
no very strong Balmer jump (such as flare data
suggest), it is necessary to have the line-emitting
region cover at least 10 to 20 percent of the
stellar surface (i.e., much larger than previous
estimates of flare area). If the area of the flare
decreases with time, while leaving pressures and
temperatures high, the observed time de-
pendence of the Balmer decrement can be ex-
plained. On the other hand, the flare con-
tinuum (as opposed to lines) appears to emerge
from much smaller areas (- 1 percent of the
surface). (Mochnacki and Zirin (1980) derived
flare areas in YZ CMi and UV Cet which are
equivalent to < 0.2 percent areal coverage of
the surface in continuum emission; these esti-
mates are uncertain because of the assumption
that the flare radiates as a blackbody.) Cram
and Woods mention the analog of solar flares
in which compact "kernels" of continuum
emission involve deep atmospheric heating in
a few isolated patches under the Hc_ flare. The
areas of Ha flare emission proposed by Cram
andWoods(1982)arereminiscentoftheareal
coverageof starspotsonreddwarfs. If the spots
are indeed magnetic flux tubes, it appears that
the entire tube must participate in the release
of magnetic energy when a flare occurs.
As was mentioned above, the Hc_ line pro-
file is sensitive to conditions even at rather high
temperatures (30000 K or even more; cf. Dame
and Cram, 1981). Other arguments (Gershberg,
1970; Grinin, 1976) also suggest that, in order
to obtain a correct interpretation of flare light,
it is important to consider the effects of very
hot gas (i.e., much hotter than "nebular").
Andrews 0965) was the first to model flare
light curves by free-free emission (implying very
hot gas, T > 107 K). This emission gives way
to recombination as the temperature drops, and
Andrews successfully modeled observed light
curves by this two-stage process. At the time
of Andrew's work, there were no data to prove
the existence of hot gas in stellar flares. Since
1975, abundant evidence has accumulated from
various satellites (Astronomical Netherlands
Satellite, Small Astronomy Satellite C, High
Energy Astronomy Satellite 1, and Einstein) to
confirm Andrews' assumption of gas at T-
few times 107 K (cf. Haisch, 1983).
Mullah (1976b) investigated the effects of in-
serting a plasma at T = 107 K into a flare star
atmosphere. The flare plasma establishes a
thermal structure which, if steady state is
achieved, has one of two universal forms,
depending on whether the density is constant
or the pressure is constant (Shmeleva and
Syrovatskii, 1973). The constant density limit
is relevant in "spike" flares, in which energy
is released so rapidly (< 1 minute) that pressure
equalization is not immediately possible. In
such cases, continuum emission would dom-
inate the flare spectrum as observed (Moffett,
1973). The U-B, B-Vcolors of free-free con-
tinuum are consistent with flare colors. In M
dwarfs, the background photosphere is not
bright enough to mask the plasma continuum,
although in the solar case, this would not in
general be true. If stellar flare light is indeed
free-free emission from coronal plasma, the
bolometric corrections to UBV flare lumi-
nosities may be as large as -5 m (cf. also
Kodaira, 1977); this is the major source of
uncertainty in our current knowledge of stellar
flare energetics. (Of course, the bolometric cor-
rections to the photospheric radiation of a flare
star is also large, up to 5m in the latest M
dwarfs (Petterson, 1983), but these bolometric
corrections are easier to determine because of
the nontransient nature of the emission.)
Eventually, the flare plasma reaches
pressure equalization, and then the thermal
structure of the flare atmosphere switches to the
second universal form described by Shmeleva
and Syrovatskii (1973). The result is two-fold:
the flare emission falls dramatically (by a fac-
tor of l02 tO 103), and the continuum gives
way to emission lines. Flares in which the
energy release is slow should evolve entirely via
the constant pressure structure and should show
predominantly line emission throughout, rather
than in the decay state only; this is consistent
with data (Moffett, 1973).
Hot plasma loses energy by radiation, con-
duction, and expansion. Estimates (Mullan,
1976a) suggested that conductive time scales
would be the most rapid in stellar flares. Thus,
a flare light curve would be the response of the
atmosphere heated from above mainly by con-
duction. This led to the prediction that the op-
tical flare light curve decays on a time scale
which is associated with conduction from the
flare plasma. Thus, the unidentified "slowly de-
caying agent" which Gershberg (1975) invoked
to account for optical flare light curves was at-
tributed to conduction. This conclusion is
model-dependent because of uncertainties in the
length scales associated with conduction. Note
that, in his analysis of X-ray data, Haisch
(1983) assumes that flare plasma cools not on-
ly by conduction but also by radiation, with
equal cooling rates in both modes.
Flare plasma irradiates the photosphere with
X rays which, as they propagate through the
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densergasin theloweratmosphere,become
degradedinto opticalphotons(Mullanand
Tarter,1977).Theseopticalphotons,in con-
junctionwiththedirectemissionfromtheflare
plasma,mayhelpto explaintheevolutionof
flarelightintheU-B, B-V plane. Also, the fact
that X rays can reach the photosphere essen-
tially instantaneously, whereas conductive
heating requires a finite time scale, may help
to explain why "negative" flares in Grinin's
(1976) scenario can occur prior to the optical
flare.
An idealized time-dependent model of flare
plasma, including energy losses by radiation,
conduction, and expansion, was calculated by
Mullan (1977). Nonmonotonic light curves, in-
cluding preflares and still-stands, can be
reproduced in this model. In subsequent ap-
plications of these calculations to flares on AD
Leo, temperatures of (20-30) × 106 K were
derived, with coronal densities of (0.35-1) ×
1012 cm -3 (Schneeberger et al., 1979); in the
case of a flare on YZ CMi, the derived
temperatures were 13 × 106 K, with densities
of 0.07 × 1012 cm 3 (Worden et al., 1984). The
flare temperatures derived by this method are
quite consistent with those derived in other
flares by more direct methods (Haisch, 1983),
whereas the densities are not grossly different
from those derived by Gershberg (1978) in his
"nebular" model.
Kodaira (1977) incorporated very hot gas in-
to his "reservoir-emitter" model of a very large
stellar flare on EV Lac. The hottest gas (T -
108 K) in the magnetic flux-tube reservoir
emits X rays, whereas optical flare light comes
from "emitter" gas at the foot points of the
flux tube (T - 105 K). To contain the reser-
voir, B = 200 gauss is required, corresponding
to 2 kilogauss at the foot points. The latter
cover - 10 percent of the stellar hemisphere,
comparable to what Cram and Woods (1982)
also require. The "reservoir" flux tube extends
to great heights; Kodaira finds that its scale
length is comparable to the radius of the star.
This conclusion is consistent with the point
noted above: if starspots and active regions oc-
cupying - 10 to 20 percent of the disk area are
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magnetic flux tubes, then these tubes must ex-
tend upward to great heights (-Rs) above the
photosphere. Flux-tube lengths of up to (0.5-1)
R have also been inferred in the case of a flare
s
on Proxima Cen and a giant flare in a Hyades
star (Haisch, 1983).
In view of the possibility that magnetic fields
in red dwarfs may be considerably stronger
than those in the Sun, we may ask why the flare
temperatures in the red dwarfs are essentially
identical to solar flare temperatures. One
possibility is to hypothesize that the atmo-
spheric densities scale as n - B E (Mullan,
1975): if a flare involves magnetic reconnection
in which the final plasma has a beta (= P
gas
/Prnag ) of order unity (Moore and Datlowe,
1975), the flare temperatures would be relative-
ly constant if n - B E. Is it reasonable to ex-
pect such a scaling? To answer that, we note
that, in the solar corona, static loops of length
L and pressure p have temperatures T which
scale as T _ (pL) 1/3 (Rosner et al., 1978).
Observed loop temperatures are confined
within a fairly narrow range so that, to a first
approximation, we can adopt T --- constant.
Hence, the densities n scale as L -_. Now, the
vertical field strength, B, in a coronal loop
has been found to scale as follows: p - B 3/2
Z
L -1/4 (Golub et al., 1982). If T = constant,
this reduces to n - B E. This can be considered
Z
as providing some support for Mullan's (1975)
hypothesis.
The most detailed study to date of the hy-
drodynamics of a stellar flare is that of Livshits
et al. (1981). A beam of nonthermal electrons
is supposed to be created (in an unspecified
manner) in the atmosphere, and a one-dimen-
sional numerical code is used to follow the ef-
fects. When the electrons deposit their energy,
a region of high pressure is formed: shocks
propagate upward and downward. Radiative
losses are especially severe in the downward
shock, and as a result, that shock may have a
very large density jump (O2/01 - 100). Be-
cause of the greater densities and shorter scale
heights in red-dwarf atmospheres, the region
of shock compression may become optically
thick even in the visible continuum (r4500 - l)
forashortime.Theauthorsascribetheshort-
livedcontinuumin red-dwarflaresto this
process.Thistreatmentof ashockinastellar
atmosphereismorerealisticthananearlierdis-
cussionbyKorovyakovskaya(1972);inthelat-
tercase,althoughflarelightcurvescouldbere-
produced,thereweredifficultieswith the
energetics.
Nonthermalelectronsalsoplayanessential
roleinthe"fast-electronhypothesis"of stellar
flares(Gurzadyan,1973).There,flarelightis
supposedto betheresultof aninverseComp-
ton scatteringof photosphericphotonsoff a
largenumberof 1-to 10-MeVelectrons.How-
ever,therearemanyseriousdifficultieswith
this hypothesis(Kodaira,1977;Gershberg,
1978).For example,to explaina total flare
energyof 1034ergs,allowingfortheinefficien-
cy of Comptonscattering(-10-5),Gurzad-
yan'smodelrequiresthatthetbtalenergyin fast
electronsmustbe1039ergs.If eachelectron
hasanenergyof - 1MeV,thisrequiresatotal
numberof 1045electrons.Witha flaredura-
tionof - 10zsecondsandevensupposingthe
electronbeamisspreadoutoverthemaximum
possiblearea0rRs 2, where R s is the stellar
radius), the current density would still be so
large that a magnetic field of -1013 gauss
would be induced by the beam. (Note that there
is no reverse current to cancel the outward-
streaming electrons.) The back-reaction of such
a field on the star would be enormous. These
numbers are so large that his hypothesis must
be rejected.
Nonthermal Models of
M Dwarf Atmospheres
Kuperus (1965) and de Loore (1970) dis-
cussed the generation of acoustic waves in con-
vection zones, followed by their dissipation in
the atmosphere. However, neither of these au-
thors considered stars as cool as M dwarfs.
Renzini et al. (1977) extended the earlier work
to M dwarfs. They estimated that, at Tff =
3200 K and log g = 5, the acoustic flux F c =
140 ergs cm -2 s-1 (i.e., some 105 times less than
solar). Bohn (1981) discusses various correc-
tions to this estimate and finds that F c may be
10 2 to 10 3 times larger than Renzini et al.
found. However, even this correction is not
large enough to avoid the prediction that F
ac
in red dwarfs should be less than in the Sun:
the data do not support this. Thus, the flux of
chromospheric mechanical energy, Fhr, alone
in the dMe stars is about equal to the solar value
(Linsky et al., 1982), whereas the coronal
radiative losses, _ in certain dMe stars is >
cor
100 times the solar value (Mullan, 1984b). To
these, the effects of the mechanical energy re-
quired to power the winds from the stars should
be added for completeness. Therefore, if
acoustic waves are to provide for the sum total
of mechanical energy deposition in the atmo-
sphere, we must have F c = Ftot, where Fto t =
F_r + F r + Fin d. However, in the solar cor-
ona, even in coronal holes, where Fin d is max-
imum, Fhr dominates Fin a by a factor of
almost 10. In solar active regions, Fin d con-
tributes less than 1 percent to Fto t. (See, for ex-
ample, Withbroe and Noyes, 1977.) Hence, in
the solar case, neglect of Fwind appears to be
permissible in estimating Froc
What can we say about M dwarfs? It would
seem that Fwind will als0 be rather unimportant
for two reasons: (1) the gravitational potential
well of an M dwarf is deeper than solar, thereby
impeding steady wind flow; and (2) strong cor-
onal radiation from M dwarfs suggests that
their surfaces are almost entirely covered with
active regions (Mullan, 1984b), and from these,
steady wind flow is also inhibited by closed
magnetic field lines. We cannot exclude the pos-
sibility that transient mass ejections occur dur-
ing flares (Coleman and Worden, 1976; Shlos-
man et al., 1979). It seems acceptable to discuss
Fro t outside flares as the sum of only two
terms, Fhr and For. If we then attempt to
equate Fto t with F c, we find that the predicted
behavior of convective acoustic power along the
lower main sequence is not even qualitatively
in agreement with the observed properties of
chromospheres/coronae. Adding the possible
effects of transient mass ejections during flares
makes the disagreement even worse. Therefore,
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eitheracousticheatingisunimportantor per-
hapsthewrongvelocityhasbeenusedinesti-
matingacousticpower.(SeethesectionQuasi-
Thermal Model Photospheres of dM Stars.)
Ulmschneider and his colleagues have de-
voted considerable attention to the propagation
and dissipation of acoustic waves in stellar at-
mospheres. On the basis of this, Ulmschneider
et al. (1977a, 1977b) have found that, in a red
dwarf with Tff = 4000 K, log g = 4, a shock
should form (and presumably lead to a temper-
ature minimum) at a mass loading m s - 10 -3
gm cm -2. However, empirically, the tempera-
ture minimum in such a star is observed to oc-
cur much deeper, at m s = 0.05 gm cm -2
(Cram and Ulmschneider, 1978; Kelch et al.,
1979). Again, the acoustic theory does not ap-
pear to apply well to red dwarfs.
The deficiency of acoustic heating has led
several investigators to consider how magnetic
effects might enter into the mechanical heating
of red-dwarf atmospheres. Katsova (1973) con-
sidered the dissipation of slow-mode waves in
a stratified atmosphere. With a prescribed flux
at the bottom of the atmosphere, and allowing
the dissipation to be balanced locally at each
height by radiative losses, Katsova obtained the
run of temperature with density (i.e., height).
The magnetic field was set to a constant value
(20 gauss). Two quasi-plateaus appear in the at-
mosphere at - 104 K and at - 5 x 104 K. The
calculations were carried up to a maximum
temperature of 2 x 106 K. At that level, Kat-
sova found that the density in the red dwarf was
- 10 times larger than in the solar model at the
same temperature. Glebocki et al. (1974) ex-
tended Katsova's work to somewhat warmer
stars. For semiquantitative arguments in sup-
port of magnetic heating of the chromospheres/
coronae of cool dwarfs, see Mullan (1975). For
a discussion of propagation and dissipation of
magnetohydrodynamic waves in stellar atmo-
spheres in general, see Leibacher and Stein
(1981) and Ulmschneider and Stein (1982); on
the basis of the latter work, Marcy (1984) has
argued that chromospheric/coronal heating in
G and K dwarfs can be understood in terms of
slow and Alfv6n modes. However, this argu-
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ment has not yet been extended to M dwarfs,
where serious line blending has so far prevented
meaningful application of Marcy's observing
technique.
Much detailed research has been carried out
in the post-Skylab era in an attempt to put mag-
netic heating in the solar corona on a sound
footing. The incentive for this is the obvious
dominance of magnetic loops in the solar coro-
na. Current dissipation and heating by Alfv6n
waves have received the most attention. How-
ever, thus far, none of these ideas have been
applied in detail to red dwarfs, apart from the
application of certain scaling relations between
loop lengths, pressures, temperatures, field
strengths, etc. (Golub, 1983; Haisch, 1983).
Even in the absence of detailed application,
some points can already be made. For exam-
ple, if the densities in red-dwarf chromo-
spheres/coronae are indeed > 10 times solar (cf.
Gershberg, 1970; Katsova, 1973; Mullan,
1975), then the critical current, Jc = nevth,
where anomalous current dissipation sets in
(i.e., when the drift velocity equals the thermal
speed) is > 10 times larger in red dwarfs than
in the Sun. As a result, the critical Joule dissipa-
tion rate, -j_/tr, is > 100 times greater than
solar. If the onset of rapid Joule heating when
the current goes supercritical acts as a flare ini-
tiator, then this result may help to explain why
many stellar flares have a very rapid rise to
maximum light, particularly the so-called
"spike" flares (Moffett, 1973), in which rise
times are < 1 second.
As a second example, we may consider the
heating of coronal magnetic loops by waves.
The waves are presumably generated over a cer-
tain spectrum of frequencies in the convection
zone. There is no a priori reason why the wave
spectrum in the convection zone should be well
matched to resonance periods of atmospheric
loops. In the Sun, the convective wave periods
are in the region of rC - 500 seconds (Ionson,
1982), whereas typical loop resonance periods
may be of order rA=5 seconds (Mullan,
1984b). Thus, in the Sun, impedance matching
between the source of the waves and their sink
is not particularly good, and the electrodynamic
couplingefficiency,e,betweenconvectionzone
andcorona(--rA/% whenrA < re; Ionson,
1984) is small, of the order of 1 percent. As a
result, the mechanical energy deposited in solar
coronal loops is quite small (typically no more
than 10 -4 of the radiant energy flux).
However, consider how these arguments are
affected in the case of red dwarfs. Their con-
vection time scales, r c - T/#gu c (where T is
the temperature, # is molecular weight, g is
gravity, and oc is convective velocity), are cer-
tainly shorter than solar time scales (see Figure
10-6). Estimates of rA in red dwarfs are diffi-
cult to make, but the observational evidence
which is currently available (Mullan, 1984b) in-
dicates values of r,4 as shown in Figure 10-6
(i.e. ,tending toward greater values in later spec-
tral types). The possibility of a "crossover
point," where rC = r A, in Figure 10-6 is of
great interest. If such a crossover were to exist,
the coupling efficiency, e, would approach uni-
ty (i.e., - 102 times larger than in the Sun). In
fact, M1-M2 dwarfs are observed to have co-
ronal heating efficiencies which are > 102 times
solar (Mullan, 1984b). The crossover depicted
schematically in Figure 10-6 is meant to sug-
gest that spectral types of M1-M2 (Tff_ 4000
K) are in fact a reasonable location for r__ zA.
Moreover, at spectral types later than M1-M2,
impedance matching once more breaks down,
and the coupling efficiency, e, should fall off
rapidly; this agrees with the behavior of the
observed X-ray fluxes.
The question of magnetic heating of even
quiescent atmospheres of red dwarfs requires
much more work to be put on a quantitative
basis. A fortiori, the relationship of magnetic
heating to stellar flares is even more com-
plicated, and no work has apparently been done
on this topic. It may be that, if "normal"
heating can be accounted for, then some flares
can be considered as simply an extreme version
of coronal heating or vice versa (cf. Mullan,
1979; Doyle and Butler, 1985; Butler and Ro-
donS, 1985). (Where does one draw the boun-
dary between a small flare and a bright active
region loop, for example?) On the other hand,
the impulsive phase of flares may require a
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Figure 10-6. Time scales that enter into Ionson's
(1984) discussion of coronal heating: r =
convection time; zA = Alfvdn crossing time in
a loop. Note that rc decreases at later spectral
types, while -cA may increase. At the crossover
(r c = -cA), coronal heating is maximally effi-
cient (Mullan, 1984b).
qualitatively distinct process, perhaps arising
from an explosive instability. In this regard, we
note that, in flare star coronae, the electron
densities derived from the conductive inter-
pretation of flare light curves (Mullan, 1976a)
are apparently low enough that certain plasma
instabilities should indeed proceed explosively
(Spicer, 1975) rather than "slowly."
REFERENCES
Andrews, A.D. 1965, Irish Astron. J., 7, 20.
Auman, J.R. 1969, Astrophys. J., 157, 799.
Bohn, H.U. 1981, in Second Cambridge Work-
shop on Cool Stars, Stellar Systems, and the
Sun, ed. M. Giampapa and L. Golub, SAO
Special Report 391, Vol. 1, p. 67.
Bonsack, W.K., and Culver, R.B. 1966,
Astrophys. J., 145, 767.
Bopp, B.W. 1974a, Mon. Not. Roy. Astr. Soc.,
166, 79.
475
Bopp,B.W. 1974b, Mon. Not. Roy. Astr. Soc.,
168, 255.
Bopp, B.W., and Espenak, F. 1977, Astron. J.,
82, 916.
Butler, C.J., and Rodono, M. 1985, Armagh
Observatory Preprint, No. 9.
Canfield, R.C., Gunkler, T.A., and Ricchiaz-
zi, P.J. 1984, Astrophys. J., 282, 296.
Carbon, D.F. 1979, Ann. Rev. Astron.
Astrophys., 17, 513.
Chan, K., and Sofia, S. 1984, Astrophys. J.,
282, 550.
Cloutman, L.D. 1979,Astrophys.J.,227,614.
Coleman, G.D., and Worden, S.P. 1976,
Astrophys. J., 205, 475.
Cox, A.N., Shaviv, G., and Hodson, S.W.
1981, Astrophys. J. (Letters), 245, L37.
Cram, L.E. 1982, Astrophys. J., 153, 768.
Cram, L.E., and Mullan, D.J. 1979, Astro-
phys. J., 234, 579.
Cram, L.E., and Ulmschneider, P. 1978,
Astron. Astrophys., 62, 239.
Cram, L.E., and Woods, T.D. 1982, Astro-
phys. J., 257, 269.
Dame, L., and Cram, L.E. 1981, Bull. Amer.
Astron. Soc., 13, 820.
de Loore, C. 1970, Astrophys. Space Sci., 6,
60.
Doyle, J.G., and Butler, C.J. 1985, Nature,
313, 378.
Fosbury, R.A.E. 1974, Mon. Not. Roy. Astr.
Soc., 169, 147.
476
Gershberg, R.E. 1970, Flares on Red Dwarf
Stars, in Russian (Moscow: Nauka), English
translation by D.J. Mullan (Armagh Obser-
vatory).
Gershberg, R.E. 1974, Soviet Astron. A J, 18,
326.
Gershberg, R.E. 1975, in Proc. IA U Symp. 67,
Variable Stars and Stellar Evolution, ed. V.E.
Sherwood and L. Plaut (Dordrecht: Reidel),
p. 47.
Gershberg, R.E. 1977, Peremennye Zvezdy, 20,
283.
Gershberg, R.E. 1978, Low Mass Flare Stars,
in Russian (Moscow: Nauka).
Gershberg, R.E. 1983, in Proc. IAU Colloq.
71, Activity in Red Dwarf Stars, ed. P.B. Byrne
and M. Rodon6 (Dordrecht" Reidel), p. 493.
Gershberg, R.E., and Shnol', E.E. 1974, Izv.
Krim. Astrofiz. Obs., 50, 122.
Giampapa, M.S. 1980, in Cool Stars, Stellar
Systems and the Sun, ed. A.K. Dupree, SAO
Special Report 389, p. 119.
Giampapa, M.S. 1983, in Proc. IAU Symp.
102, Solar and Stellar Magnetic Fields: Origins
and Coronal Effects, ed. J.O. Stenflo (Dor-
drecht: Reidel), p. 187.
Giampapa, M.S., Africano, J.L., Klimke, A.,
Parks, J., Quigley, R.J., Robinson, R.D., and
Worden, S.P. 1982a, Astrophys. J. (Letters),
252, L39.
Giampapa, M.S., Worden, S.P., and Linsky,
J.L. 1982b, Astrophys. J., 258, 740.
Gibson, D.M. 1983, in Proc. IA U Colloq. 71,
Activity in Red Dwarf Stars, ed. P.B. Byrne
and M. Rodon6 (Dordrecht: Reidel), p. 273.
Glebocki, R., Sikorski, J., and Barylko, J.
1974, Acta Astron., 24, 343.
Golub, L. 1983, in Proc. IAU Colloq. 71, Ac-
tivity in Red Dwarf Stars, ed. P.B. Byrne and
M. Rodon6 (Dordrecht: Reidel), p. 83.
Golub, L., Noci, G., Poletto, G., and Vaiana,
G.S. 1982, Astrophys. J., 259, 359.
Greenstein, J.L. 1977, Pub. Astron. Soc.
Pacific, 89, 304.
Grinin, V.P. 1973, Izv. Krim. Astrofiz. Obs.,
48, 58.
Grinin, V.P. 1976, Izv. Krim. Astrofiz. Obs.,
55, 179.
Grinin, V.P. 1979, Izv. Krim. Astrofiz. Obs.,
59, 154.
Grinin, V.P. 1980, in Flare Stars, FUORS, and
Herbig-Haro Objects (in Russian), ed. L.V.
Mirzoyan (Byurakan Ap. Obs.), p. 23.
Grinin, V.P., and Sobolev, V.V. 1977, Astro-
fizika, 13, 587.
Gurzadyan, G.A. 1973, Flare Stars, in Russian
(Moscow: Nauka).
Haisch, B.M. 1983, in Proc. IAU Colloq. 71,
Activity in Red Dwarf Stars, ed. P.B. Byrne
and M. Rodon6 (Dordrecht: Reidel), p. 155.
Hartmann, L., and Rosner, R. 1979, Astro-
phys. J., 230, 802.
Henyey, L.G., Vardya, M.S., and Boden-
heimer, P. 1965, Astrophys. J., 142, 841.
Hershey, J.L. 1968, Ph.D. Dissertation
(Charlottesville: Univ. of Virginia).
Ionson, J. 1982, Astrophys. J., 254, 318.
Ionson, J. 1984, Astrophys. J., 276, 357.
Johnson, H.M. 1983, Astrophys. J., 273, 702.
Joy, A.H., and Abt, H.A. 1974, Astrophys. J.
Supplement, 28, 1.
Kandel, R. 1967a, Annales d'Astrophys., 30,
439.
Kandel, R. 1967b, Annales d'Astrophys., 30,
999.
Katsova, M.M. 1973, Astron. Zh., 50, 774
(Soviet Astron. A J, 17, 492).
Kelch, W.L., Linsky, J.L., and Worden, S.P.
1979, Astrophys. J., 229, 700.
Kodaira, K. 1977, Astron. Astrophys., 61,625.
Korovyakovskaya, A.A. 1972, Astrofizika, 8,
247.
Kunkel, W.E. 1970, Astrophys. J., 161, 503.
Kuperus, M. 1965, Recherches Astr. Obs.
Utrecht, 17, 1.
Lang, K.R., Bookbinder, J., Golub, L., and
Davis, M.M. 1983, Astrophys. J. (Letters), 272,
L15.
Leibacher, J., and Stein, R. 1981, in Second
Cambridge Workshop on Cool Stars, Stellar
Systems, and the Sun, ed. M. Giampapa and
L. Golub, SAO Special Report 392, Vol. 1, p.
23.
Lin, R.P., Schwartz, R.A., Kane, S.R., Pell-
ing, R.M., and Hurley, K.C. 1984, Astrophys.
J., 283, 421.
Linsky, J.L., Bornmann, P.L., Carpenter,
K.G., Wing, R.F., Giampapa, M.S., Worden,
S.P., and Hege, E.K. 1982, Astrophys. J., 260,
670.
Linsky, J.L., and Gary, D. 1983, Astrophys.
J., 274, 776.
477
Livshits,M.A.,Badalyan, O.G., Kosovichev,
A.G., and Katsova, M.M. 1981, Solar Phys.,
73, 269.
Machado, M.E., and Linsky, J.L. 1975, Solar
Phys., 42, 395.
Marcy, G. 1984, Astrophys. J., 276, 286.
Meyer, F., Schmidt. H.U., and Weiss, N.O.
1977, Mon. Not. Roy. Astr. Soc., 179, 741.
Mochnacki, S., and Zirin, H. 1980, Astrophys.
J. (Letters), 239, L27.
Moffett, T.J. 1973, Bull. Amer. Astron. Soc.,
5, 399.
Moore, R.L., and Datlowe, D. 1975, Solar
Phys., 43, 189.
Mould, J.R. 1976, Astron. Astrophys., 48, 443.
Mould, J.R. 1978, Astrophys. J., 226, 923.
Mould, J.R. 1980, private communication,
quoted by VandenBerg et al., 1983.
Mould, J.R., and Hyland, A.R. 1976, Astro-
phys. J., 208, 399.
Mullan, D.J. 1974a, Astrophys. J., 187, 621.
Mullan, D.J. 1974b, Astrophys. J., 192, 149.
Mullan, D.J. 1975, Astron. Astrophys., 40, 41.
Mullan D.J. 1976a, Astrophys. J., 207, 289.
Mullah D.J. 1976b, Astrophys. J., 210, 702.
Mullan D.J. 1977, Astrophys J., 212, 171.
Mullan D.J. 1979, Irish Astron. J., 14, 73.
Mullan D.J. 1983, in Proc. IAU Colloq. 71,
Activity in Red Dwarf Stars, ed. P.B. Byrne
and M. Rodon6 (Dordrecht: Reidel), p. 527.
478
Mullan, D.J. 1984a, Astrophys. J., 279, 767.
Mullan, D.J. 1984b, Astrophys. J., 282, 603.
Mullan, D.J., and Owens, A.J. 1984, Astro-
phys. J., 280, 346.
Mullan, D.J., and Tarter, C.R. 1977, Astro-
phys. J., 212, 179.
Neece, G.D. 1984, Astrophys. J., 277, 742.
Nordlund A. 1976, Astron. Astrophys., 50, 23.
Petterson, B.R. 1983, in Proc. IAUColloq. 71,
Activity in Red Dwarf Stars, ed. P.B. Byrne
and M. Rodon6 (Dordrecht: Reidel), p. 19.
Petterson, B.R. 1984, Astrophys. J., 282, 214.
Porter, J.G., Toomre, J., and Gebbie, K.R.
1984, Astrophys. J., 283, 879.
Renzini, A., Cacciari, C., Ulmschneider, P.,
and Schmitz, F. 1977, Astron. Astrophys., 61,
39.
Robinson, R.D. 1980, Astrophys. J., 239, 961.
Robinson, E.L., Barker, E.S., Cochran, W.N.,
and Nather, R.F. 1981, Astrophys. J., 251, 611.
Rosner, R., Tucker, W.H., and Vaiana, G.
1978, Astrophys. J., 220, 643.
Schneeberger, T.J., Linsky, J.L., McClintock,
W., and Worden, S.P. 1979, Astrophys. J.,
231, 148.
Shakhovskaya, N.I. 1974a, Izv. Krim. Astrofiz.
Obs., 50, 84.
Shakhovskaya, N.I. 1974b, Izv. Krim.
Astrofiz. Obs., 51, 92.
Shibahashi, H., Noels, A., and Gabriel, M.
1983, Astron. Astrophys., 123, 283.
Shlosman, I., Kozlovsky, B.Z., and Shaviv, G.
1979, Astron. Astrophys., 73, 358.
Shmeleva, O.P., and Syrovatskii, S.I. 1973,
Solar Phys., 33, 341.
Spicer, D.S. 1975, Bull. Amer. Astron. Soc.,
7, 397.
Spinrad, H. 1973, Astrophys. J., 183, 923.
Spruit, H.C. 1982, Astron. Astrophys., 10l,
348.
Staude, J. 1978, Bull. Astron. Inst. Czecho.,
29, 71,
Tsuji, T. 1966, in Coiioq on Late Type Stars,
ed. M. Hack (Trieste: Osservatorio Astron-
omico di Trieste).
Ulmschneider, P., Kalkofen, W., Nowak, T.,
and Bohn, U. 1977a, Astron. Astrophys., 54,
61.
Ulmschneider, P., Schmitz, F., Renzini, A.,
Caccari, C., Kalkofen, W., and Kurucz, R.
1977b, Astron. Astrophys., 61, 515.
Ulmschneider, P., and Stein, R. 1982, Astron.
Astrophys., 106, 9.
VandenBerg, D.A., Hartwick, F.D.A.,
Dawson, P., and Alexander, D.R. 1983,
Astrophys. J., 266, 747.
Vardya, M.S. 1966, Mon. Not. Roy. Astr.
Soc., 134, 347.
Vardya, M.S., and B_Shm, K.-H. 1965, Mon.
Not. Roy. Astr. Soc., 131, 89.
Vogt, S.S. 1983, in Proc. IA U Colloq. 71, Ac-
tivity in Red DwarfStars, ed. P.B. Byrne and
M. Rodon6 (Dordrecht: Reidel), p. 137.
Willson, R.C., Gulkis, S., Jannsen, M., Hud-
son, H.S., and Chapman, G.A. 1981, Science,
211, 700.
Withbroe, G.W., and Noyes, R.W. 1977, Ann.
Rev. Astron. Astrophys., 15, 363.
Worden, S.P., Schneeberger, T.J., and Giam-
papa, M.S. 1981, Astrophys. J. Supplement,
46, 159.
Worden, S.P., Schneeberger, T.J., Giampapa,
M.S., Deluca, E.E., and Cram, L.E. 1984,
Astrophys. J., 276, 270.
Young, A., Skumanich, A., and Harlan, E.
1984, Astrophys. J., 282, 683.
479
_/_'_ --..__.i
SUBJECT INDEX
absorption lines (photospheric)
in Miras 116-119, 121
in SR and L 146
change in strengths with phase
in Miras 115
in RCB stars 67-68
change in radial velocities with phase in Miras
116-119
doubling
in Miras 118-120, 122, 125
in semiregulars 123, 125
weakening of 62
abundances (see composition)
accretion disk 81, 194
acoustic heating (see heating nonradiative)
acoustic waves (see waves)
ages of red giants 19
Alfv_n waves (see also heating, nonradiative)
exciting chromospheres 148, 474
driving mass-loss outflow 273
atmosphere (see also separate parts of atmosphere:
chromosphere, circumstellar envelopes,
corona, photosphere)
definition 114
morphology 146, 148, 165-166, 187, 188
Ba II stars (see barium stars)
Balmer lines (see hydrogen lines)
barium stars (see also binary stars)
characteristics 9
color indices 13
composition 3, 9, 20
evolutionary st_us 3, 10
luminosity 3, 9, 20, 21, 22, 23
mass 9, 10, 18, 21, 22
spectra 3, 9, 15, 21
temperature 9
binarity (see also binary stars) 1, 13, 14, 15, 79-81, 85
correlation with shell extension and geometry,
151, 194
in a Ori 67, 147, 148-149, 186-187, 191-192
in R stars 3
in CH stars 9
binary stars
barium stars 3, 9, 22
light curves of 58, 62
mass loss in 81,253-254
broadband photometry (see photometry)
Ca II H and K lines 15, 20, 22, 67, 79, 85, 86, 126,
133-136, 144-147, 152-153, 155-157, 160-162,
165-166, 174, 267-268, 382, 418, 419, 420, 424,
464-466
carbon (C) stars (see also irregular stars; Mira vari-
ables; N-type carbon stars; R stars; SR
stars; separate topics; stars, individual)
chromospheres of 387-393
color indices 7
evolutionary status 7, 10
mass loss in 246
photospheric models of 336-338
spectra 6, 7
temperature 6 •
variability in (see also variability in red-giant
stars) 30, 58, 61, 63
circumstellar chemistry in (see circumstellar
chemistry)
CH stars
CH-like stars 8
characteristics 8
composition 4, 8
evolutionary status 9
luminosity 21, 22
spectra 8
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sub#ant CH stars 9
weak G band stars 8
changes in spectrum (see variability)
chromospheres (see also circumstellar envelopes; mov-
ing atmospheres; spectra)
as boundary conditions for mass flow 301, 302
definition of 144, 146, 147, 148, 149
and dividing lines in HR diagram 14, 246, 269
extension of 17, 138, 144, 148-149
heating of (see heating, nonradiative)
models for M-dwarf stars 464-467
models for M-giant stars 144, 147, 148, 362-363,
373-374, 392-393
microwave emission from 263-264
minimum temperature of 147, 357, 358
of N-type carbon stars 62, 362-363, 387-391
observations of 362-363, 373-374, 419-429
of R stars 362-363
of S stars 362-363
radiative losses 147
temperature and density of 14, 15, 138, 139,
144, 148, 382-383
circumstellar (CS) chemistry
chemical processes and reactions in 217,
219-220, 302-304, 308-317
in carbon-rich envelopes 294-300, 315-316
of hydrogen 293-294, 304-306, 308-310
in oxygen-rich envelopes 300-302, 315-316
photochemistry in 310-316
time scales of 302-304
circumstellar (CS) envelopes (see also chromosphere;
circumstellar lines; dust; IR emission;
mass loss; nebula; radio emission)
changes in 265-266
chemistry of (see circumstellar chemistry)
clumpy 63, 70, 174, 177, 184, 188
column densities 163-164, 168, 177
components of 301, 302
dust (see also dust) 256-259, 266
expansion velocities 70, 152, 156, 159, 160, 161,
162-165, 167-168, 177, 266-267
geometrical extension of (see also binarity;
diameter, angular) 26, 70, 152, 162, 165,
166-167, 169, 190-193, 209
geometrical shape 16-17, 161, 166, 177
mapping, radio, IR (see infrared observations)
optical 78
UV 83
models of 259-263, 266-267, 296
molecules identified (see also molecular emis-
sion; molecules) 295, 296
observational evidence of 57, 61, 63, 67, 70,
119, 139, 143, 148, 149, 151, 154, 209
radius of 251,258
stationary layer 119, 125, 135, 146, 154, 166,
167-168, 188, 251,265
temperature of 70, 119, 121, 149, 159, 160, 161,
162, 164, 166-167
482
circumsteUar lines (see also line profiles, P Cygni; cir-
cumstellar envelopes, molecules identified)
changes in radial velocities 152-153, 153-154
modeling 156, 161-162
multiple components in (see velocity, radial)
classification (stellar) 1, 4-10, 11
barium stars 22
C stars 6-7
Keenan-Morgan (KM) 6
M stars 4, 5-6
N-type stars 11
R-type stars 6, 11
RCB stars 7
CN-strong stars 8
CO
causing bifurcated chromospheres 381-382
in CS envelopes 296-300, 308, 316
infrared observations of 113, 116-121, 123, 130,
159-160, 161, 164, 167, 169, 174, 193,
246, 247, 252, 281, 302
millimetric of 5, 113, 123, 160, 165, 167, 209,
216, 218, 219, 247, 259, 261
radio excitation of 217
color indices
in barium stars 13
in M-giant stars 7, 11, 25
in N-type stars 7, 10, 11, 21, 25-26, 43, 89
in nonvariable stars 42, 43, 55
in R-type stars 13, 21
in red giants 11, 12, 13
in RCB stars 21, 69, 71, 73, 75
in S stars 8
relation with effective temperature in red giants
10, 26, 43
and type of variability 43
variation in Mira stars 41-43, 49
variation in semiregular stars 57, 61
variation with spectral class 10, 42
color temperature 25, 26
comparison of model predictions and observations
broadband observations 347-353
spectral lines 353-356
composition, chemical
m2C/13C ratio 6, 7, 20, 252
C/O ratio 4, 7, 8, 20, 26
6Li/TLi ratio 9, 20
and classification 4, 6
in CS shells 252, 263, 294-298
of barium stars 3, 9, 20
of CH stars 4, 8
of HdC stars 4, 7
of helium stars 8
of M giants 4, 5, 6, 7, 20
of M dwarfs 424
of MS stars 20
of N-type stars 4, 6, 8, 20
of nonvariable HdC stars 8
of R stars 7, 20
of RCB stars 7
of S stars 4, 8, 20
of SC stars 20
s-process elements 2, 3, 6, 7, 8, 9, 20
of red-giant photospheres 1, 359-360, 362
technicium 8
continuous spectrum
observed infrared 11, 49, 89
observed UV 13, 14, 15, 17, 21, 63, 69, 86
observed radio 17
convection
coupling with pulsation 29
in M-dwarf atmospheres 456, 458-460, 462-463
and mass loss 70, 344, 345
local mixing-length theory of 343-345, 456, 458,
462-463
nonlocal theories of 345-347
two-stream models 345-347, 459-460
corona in M-dwarf stars 425-430, 474-475
CS stars 9, 19
D-line stars (see SC stars)
departures from LTE (see also statistical equilibrium)
for CO in CS envelopes 167, 261-263
effects of, in line blanketing 327-329
in photospheres of red-giant stars 373-376
ionization equilibrium in CS envelopes 250,
257-258, 261
diagnostic features of thermal models
effective temperatures 356-358
thermal structure 358-359
chemical composition 359-360
surface gravity 360-361
turbulence 361-362
sphericity 362
chromospheres 362-363
mass flow 362-363
nonradiative heating (see also heating, non-
radiative) 362-363
diameter, angular (see also CS envelopes, geometrical
extension of; dust-shell radius; radius)
in connection with effective temperature deter-
mination 23-25
of N-type stars 24-25
of R stars 24
techniques for finding 23-24, 190
variability of 190-191
distribution, space (see space distribution of red giants)
dust (see also circumstellar (CS) envelopes; grains;
infrared (IR) excess; polarization; radio
emission)
and chromospheres 228
column densities 168, 171, 172
composition of CS 69, 80, 168, 169, 171, 227
and polarization 177
dust-shell model 74, 166, 168, 171, 172, 173,
186, 191-192, 232-233
for oxygen stars 235-237
for carbon stars 237-238
of nonspherical shells 238-242
dust-shell radius 70, 174, 177, 189, 190, 191,
192, 193-194, 233, 237
dust-shell geometry 191-195, 239
grain formation 225-228, 245, 271
in RCB stars 68
in stellar atmospheres 245, 270, 271
interaction with CS gas 174, 246, 301, 311-312
mass loss by radiation pressure on 68, 74, 167,
168, 173, 188, 192-193, 229, 246, 274-277
observational evidence of 168, 169, 175, 235-240
optical depth in CS 172, 174, 256-257
polarization due to circumstellar (see also
polarization) 382
properties of CS 257-258
temperature of 168, 174, 187, 227-231, 236-238,
257
thermal reemission from (see also IR observa-
tions, IR excess) 50, 256-259
thermosphere 50
effective temperature (see also color temperature; stars,
individual; stars, properties of)
as a function of intrinsic color 25
of barium stars 9
of carbon stars 6
of helium stars 8
of M giants 24, 25
of Mira variables 26
of N-type stars 24, 25
of OH-IR stars 5, 24
of R-type stars 6, 24
of RCB stars 7, 8, 26
of S stars 24, 26
methods for finding 22-24, 356-358
variability of, in Miras 32
Einstein satellite (see X rays)
ejection (see mass loss, nonsteady; steady)
emission, maser (see masers)
emission (thermal) (see also CO; infrared (IR) excess;
SiO)
excitation of 217
radio detection 52, 216
radio extension of 216-217
weakening of 169, 171
emission (free-free) 16, 61, 172
emission lines (see also name of line; ultraviolet
spectra)
483
change in strengths with phase
in Miras 125, 126;
in RCB stars 67-68;
in semiregulars 126-128, 148
changes in radial velocities with phase in Miras
128-130, 140-141, 142-143
fluorescent 128, 130, 139, 141, 143, 148
Mg (see also Mg II h and k) 362-363
in Miras 10, 125, 140-143
presence of polarization and 176, 177
in semiregular and irregular variables 10
in c_ Ori 132-133, 134, 136, 138, 144-147, 148,
149
energy budget (see also chromosphere, radiative losses)
147, 148, 391-393, 464-467
eruptive stars (see also RCB stars)
in parallel with pulsating stars 8, 29
escape velocity (see velocity, radial)
evolution of stars (see stellar evolution)
extended atmosphere (see chromosphere, circumstellar
envelopes, corona)
Fe II lines 13, 15, 55, 63, 67, 79, 126, 128, 132-133,
135, 141-142, 144-145, 147, 148
flare (see also chromosphere)
in giants and supergiants 48, 65, 172, 174, 187,
189
semiempirical models of, for M dwarfs 437-441,
468-473
flare stars 412-414
fluorescent lines (see emission lines)
flux (see also continuous spectrum; light curves; radio
emission)
bolometric 14, 23, 26
correlation with SiO maser flux 52
color-color diagram in UV 15, 21
correlation between IR and radio fluxes 50, 51,
52, 58, 90, 215,219
correlation between radio and optical fluxes 51,
58
infrared (see also IR observations, IR excess) 10,
26, 55, 70
violet-deficiency in N-type stars (see also ultra-
violet) 6, 11, 43
forbidden lines 126, 138
globular clusters
mass loss in 255-256, 280-281
mode of pulsation of stars in 54
grains (see also dust)
critical nucleus of 226, 228
extinction opacity law 234-235
484
growth of 69-70, 225-226, 228-231,238
influence of grains on stellar radiation 229-231
nucleation 225-231, 238
structure of 228-229, 237
supersaturation ratio 226-227, 229, 231
granulation (see convection; inhomogeneities)
gravity
generalities 27
input parameter 324
determination of, in stars 360-361
in helium stars 8
in RCB stars 8
greenhouse effect 171,230
heating, nonradiative (see also Alfven waves; shock
waves)
by acoustic waves 55, 63, 125, 130, 147-148,
149, 474
in flares 468-473
in M-dwarf atmospheres 442-445, 473-475
by magnetic acoustic waves 48, 148, 189
by magnetic fields 442-445, 473-475
helium (He) lines 7, 14, 67-68, 80, 138-139, 148
helium (He) stars
characteristics 7, 77
composition 8
evolutionary status 8
gravity 8
link to RCB stars 67, 74
luminosity 22
nonvariable 8
period of pulsation 8
spectra 8
temperature 8
Hipparcos spacecraft, observations with 90, 91
HR (Hertzsprung-Russell) diagram
coronal (or X-ray) dividing line for giants in 13
mass-loss dividing line for giants in 14
observational 22
M dwarfs in 414-416, 424-426
red-giants (RG) stars in 2, 4, 5, 9, 22, 26, 31,
56, 62, 75
regions with winds from late-type giants in 246,
268, 426, 428
temperature dividing line for giants in 13, 14
hydrogen-deficient carbon (HdC) stars
characteristics 7
composition 4, 7
evolutionary status 7
nonvariable (see also R supergiant stars) 7
properties 21
spectral irreversible variations 87-88
hydrogen lines (see also circumstellar envelopes)
in CS shells 253-254, 256, 293-294, 303-304,
313-316
H 2 293-294, 303, 314-315, 354-355, 381
in irregular stars 62
in main-sequence stars 418-419, 421,424,
464-467, 470
in Miras 79, 125-126, 128, 130, 138, 140-141,
142, 143, 403-404
and maser activity 53
polarization and 176, 177, 178, 180, 182, 184,
186
in semiregular stars 55, 57, 131, 132, 143, 147,
148, 154-155, 158
hypergiant stars 16, 22, 91
indices, color (see color indices)
infrared (IR) observations (see also CO; flux; pho-
tometry; SiO; spectra)
IR excess, observation of 5, 6, 16, 32, 62, 69,
73, 74, 80, 167, 169-172, 232, 237,
245-246, 256-259, 291-292; change with
time of 66, 172-174; correlation with
polarization 177; correlation with period
in Miras 49-50
IR mapping (see also dust-shell radius) 16, 190,
191, 192
IRAS data 6, 15-16, 70, 169, 220
ISO project 15, 220
in molecular lines 5, 6, 245
optical depth of 256-259
radio mapping 79, 81, 82, 217
infrared (IR) photometry (see photometry)
infrared (IR) spectra (see spectra)
inhomogeneities (see also convection)
in dwarf atmospheres 460-462
in giant atmospheres 144-145, 343-346
intermediate-band photometry (see photometry)
ionization equilibrium (see statistical equilibrium)
IRAS data (see also infrared observations) 6, 90
irregular (Lb, Lc) stars
brightness changes 63-64; relation with line
radial-velocity variation 66
of carbon type 30
chaotic process, randomness process (see vari-
ability of red giants)
characteristics 10, 29, 61
evolutionary status 62
light curves 29, 61
period changes 63, 64
spectral classes 62
spectral irreversible variations in 84-87
superposition of periods 65
variation in light-curve amplitude with time 62
IUE spectra (see also ultraviolet spectra) 90
jet 78-79, 81-83, 84
Large Magellanic Cloud (see Magellanic Clouds, red
giants/supergiants in)
light curves (see Mira variables; semiregular stars;
irregular stars; RCB stars; OH/IR stars)
line blanketing
correlation with light-curve shape 39, 41
description of 326-328
in M dwarfs 458-459
mathematical treatments of 328-333
opacity distribution function (ODF), description
of 330-333
opacity sampling (OS), description of 331-333
straight-mean-opacity, description of 328-330,
333-334
line profiles (see also absorption lines; emission lines)
effects of outflow and inflow (see also moving
atmospheres) 246-247
P Cygni (see also circumstellar lines) 68, 79,
128, 138, 139, 149, 151, 152, 159, 162,
248-250; inverse P Cygni 139
quadrupole lines of H 2 (see hydrogen lines)
radio 218, 259, 261-264
variations in (see absorption lines; emission
lines; name of lines)
line formation (see also departures from LTE)
by complete redistribution 374-375
effect of mechanisms of, in line blanketing
327-328
for molecules 377-378
in Li I 376-377
lines, individual (see name of line)
lithium-rich stars (LRS) 9
local thermodynamic equilibrium (LTE)
assumed in model atmospheres 324
departures from (see separate entry)
long-period variables (see also Mira variables) 27, 28,
53, 54
luminosity in (see also individual stars)
Barium stars 3, 9, 20, 21, 22
CH stars 21, 22
CS stars 19
He stars 22
M-giant stars 20, 22
Mira variables 5, 22
MS stars 19, 20
N-type carbon stars 19, 20, 21
nonvariable HdC stars 21, 22
OH/IR stars 5
R stars 3, 20
485
RCB stars 21, 22
red giants 10, 11, 12, 19
S stars 19, 20
SC stars 20
M-dwarf (dM and dMe) stars
activity cycles in 432-435, 441-442
chromospheres of 418, 425-429, 464-467
coronas of 467-468
flares in 412-414, 437-441,455-456
nonthermal photospheric models of 460-462,
469-470
properties of 410-431
thermal photosphere models of 456, 458-460
transitions regions of 467-468
M-giant stars (see also stars, individual; stars, proper-
ties of; separate topics)
chromospheres of 362-363, 385-387
circumstellar envelopes of 299-300
classification 4, 5
color indices 7, 11, 25
composition 4, 5, 6, 7, 20
evolutionary status (see stellar evolution)
luminosity 20, 22
masses 20
models of 333-346
nonvariable 5, 77
spectra 5, 14, 20
temperatures 24, 25
macroturbulence (see inhomogeneities)
Magellanic Clouds, red giants/supergiants in
classification 10
distribution 18-19
evolutionary status 27-29
infrared colors for C stars 26
infrared photometry 27
luminosity 22
modes of pulsation of RG in 53, 54
physical properties 28
magnetic fields (see also flares; polarization, sources of
asymmetries for; starspots)
and atmospheric structure 419, 432-437,
442-445, 474-475
in giants and supergiants 63, 65, 148, 186, 187,
188-189
magnetic flux tubes 419, 430, 436-437, 442-445,
474-475
magnetic reconnection driving mass loss 280
in starspots 460-462
magnitude (see luminosity; flux)
masers (see also CO; pumping mechanisms; OH-IR
stars; radio emission) 5, 210, 214-216
behavior with phase 35
H20 34, 35, 51, 58, 62, 264, 299-300
OH (see separate entry)
486
masing region extension/mass-loss rate relation
53
and polarization 177, 189, 210, 216
SiO (see separate entry)
SiS 33
time variation in 17, 58, 216, 218
mass loss (see also circumstellar (CS) envelopes; dust;
stars, individual; infrared emission)
binary stars, value of, in determining rates of
80, 253-254
equations for 246, 248, 255, 264, 266, 292
evolutionary consequences of 2, 246-247,
280-283
from Miras (see also moving atmospheres) 49,
53-54, 254-255
in globular cluster stars (see globular clusters)
mechanisms for 246, 272-280
methods for estimating rate of 246, 254,
255-256, 263-264, 266
nonsteady 57, 67, 153, 161, 166, 167, 168, 192,
269-271, 279-280
observational evidence of 14, 66, 68, 151,
245-247, 248-271, 293-301, 362-363, 383,
394, 428
rates of 52-53, 194, 217, 220, 245-247, 248-256,
262, 266, 269, 292, 294
steady 56
by superwind 2, 281-282
uncertainty in rates of 250-253, 255, 256, 264
masses (see also stars, properties; stars, individual)
barium stars 9, 18, 20, 22
correlation with pulsation constant 53
generalities 1, 2, 19
M, MS, N, R, S, and SC stars 20
OH-IR stars 5, 6
metal-deficient stars (see CH stars; HdC stars)
Mg II h and k lines 14, 15, 21, 63, 68, 126-128, 136,
143, 144-145, 147, 248, 273, 362-363,
388-390, 425
effective temperature/flux in relation 21
microturbulence 144-145
microwave emission (see radio emission)
Mie scattering 186, 187, 227
Mira variables (see also M-giant stars; N-type carbon
stars; S stars)
of carbon type 31
characteristics 5-6, 10, 29, 31-32
connections with OH-IR stars (see OH-IR stars)
connection with planetary nebulae (see also
planetary nebulae) 281-283
evolutionary status 5, 27, 29
light curves 29, 32, 38-41, 46
light curve shape/period relation 48
luminosity 22
masersin (see also separate entry) 25, 31,
264-266
mass loss from (see also separate entry) 254-255,
268, 273, 275, 279, 281-283
modes of pulsation 53, 54
OH types 33
periods, superposition of 46-47
period changes 43-46
period of pulsation 22, 32, 39, 41, 48; and spec-
tral type variations 43, 49
period/color indices relation 49, 50
period/expansion velocity relation 51
period/metal abundance relation 48-49
period/population relation 48
phase lags between light curves 32, 33-35, 36,
215
pulsation of (see also moving atmospheres)
119-121, 125, 128, 140, 144, 148, 401-403
spectral irreversible variations 78-84
variability, line (see also absorption lines; emis-
sion lines; velocity, radial) 114, 115, 116,
122
variation in light-curve amplitude with wave-
length, with time 35-37, 41, 48; with
period 49
model photospheres
comparison with observation, photometry
347-353, spectroscopy 353-356
diagnostic features of (see diagnostic features)
geometry 324-325
nonthermal (see nonthermal models)
of carbon and S stars 336-340, 351-353
of M-dwarf stars 455-462
of M-giant stars 46-54, 334-336, 343-347
opacities in (see opacities)
physical principles, of classic 324-325
spherical 340-343, 362
thermal structure of 358-359
molecular emission
in optical range 67, 126
in radio range (see also radio emission) 6, 209,
210, 214, 216
molecules (see also circumstellar envelopes, molecules
identified)
abundances in C-rich CS shells 295-299
abundances in O-rich CS shells 299-301
carbon chain 6, 209, 216
infrared observations of (see also spectra) 259
line blanketing due to 328-331
radio observations (see radio emission)
motion, in space, of red giants (see space motion)
moving atmospheres (see also Mira variable stars, pul-
sation of; shock waves; mass loss)
discussion 120, 121, 125
evidence 122-123, 125, 132-133, 134-135, 136,
144, 145-146, 148-149, 151, 153, 158
MS stars
characteristics 9
composition 20
evolutionary status 3
luminosity 19, 20
masses 20
spectra 20
narrowband photometry (see photometry)
N-type carbon stars
characteristics 6
chromospheres of (see also chromospheres;
heating, nonradiative) 87, 147, 148, 149,
362-363, 387-393
color indices 7, 10, 11, 21
composition 4, 6, 20
evolutionary status 2, 27
and light-variation classification 10
luminosity 19, 20, 21
masses 20
model atmospheres of 58-62, 336-340, 341,
351-353, 353-356
spectra 6, 14, 15, 20, 85-87
temperatures 24, 25, 26
ultraviolet observations of (see also ultraviolet)
362-363, 387-393
variability of (see variability in red-giant stars)
nebulae (see also circumstellar envelopes, mappings;
planetary nebulas)
nebular lines 79, 80
observations of 78-81, 84, 85
physical properties 80, 81, 84, 85
structures in (see also jet) 82-84
non-LTE (see departures from LTE)
nonradiative heating (see heating, nonradiative)
nonthermal models (see also chromospheres)
of M-dwarf atmospheres 473-475
of RG stars 385-391
nonvariable stars 5, 7, 8, 21, 22, 75-78
OH
maser emission of 5, 31, 32, 33, 36, 49, 50, 51,
62, 210, 214--215, 216, 219, 220, 264-266,
299-300
relation with OH-IR stars 5
OH-IR sources 215
dust-to-gas ratio 174
evolutionary status 28
extension 27
infrared/radio fluxes relation 50
luminosity 5
masses 5
mass loss in 6, 52, 264-268, 275
mode of pulsation 28
nature of 5, 6, 264-265
487
period of pulsation 5, 6, 28
phase lags in fight curves 34
relation to Miras 5, 10, 16, 268
relation to planetary nebulae 6, 194, 195,
282-283
temperature 5
variability 36
opacities
continuous 325
dust grains (see also dust; grains) 325-326
spectral fines (see fine blanketing)
period (see also Mira variables; semiregnlar stars; ir-
regular stars; stellar types)
correlation with pulsation constant 53
photometry (see also color indices; magnitudes; light
curves; stars, properties of; spectropho-
tometry; X rays) 10-17
broadband 10, 11, 12, 23, 41, 55, 58, 63, 65, 71,
89
and classification 4, 6, 11
far-UV (see also ultraviolet) 13
infrared (see also infrared observations, IR
excess) 10, 25, 31, 39, 55, 89, 169, 171,
172, 232, 235, 237; method of (Blackwell-
Shallis) 24, 25, 348-350, 355-356
intermediate band (DDO, Geneva, Str6mgren,
Vilnius systems) 11
M-giant stars 11, 31
Mira variables 11
narrowband 11, 41, 65, 71, 78, 89
N-type carbon stars 11, 31, 55, 88, 89
nonvariable HdC stars 75
R stars 11
RCB stars 71
S stars 11, 31
and space motion and space distribution 17
UBV standard stars 78
Wing system 11
photosphere
definition 146
models of M giants (see model photospheres)
models of S and C stars (see model photo-
spheres)
pulsating 119, 121, 125, 146, 148
theory of 324--325, 333-340
planetary nebulae (see also OH-IR sources; nebulae)
bipolar 193, 195, 239-242
characteristics of 91, 168, 171
evolutionary rink with red giants 1, 2, 27, 28,
31, 67, 70, 171-172, 193, 195
observational evidence of 80, 85
X rays 13
polarization (see also emission fines; hydrogen fines;
magnetic fields in giants and supergiants)
circular 177, 216
correlation with CS dust amount 177
correlation with IR excess emission 177
488
correlation with stellar fight changes 175
in maser emission 216
observaton of 145, 175
origin of 184; due to dust 269; across absorption
spectral features 185-186; in o Cet
186-187; in ct Ori 186-187
sources of asymmetries for 184, 185, 186, 187,
188, 193, 195, 239-240
variability with time of 57, 65, 66, 67, 69, 175,
176, 177-178, 179, 181, 184, 186, 269,
270
wavelength dependence of percentage and ro-
tation angle of 175, 177, 178, 180; cor-
relation with grain properties 240
Populations I and II stars 1, 2, 3, 8, 17, 19, 22, 48,
50, 62
population inversion (see pumping mechanisms)
pulsating stars (see Mira variables; semiregular stars;
irregular stars)
pulsation (see also Mira variables; shock waves)
effects on line profiles 403-404
effects on light curves 66
mode of 28, 47, 53-54, 59, 64, 87
models of 54
parameters of pulsating models 400-403
period of (see also period)
in OH-IR stars 5, 6
in helium stars 8
in RCB stars (see separate entry)
in Mira variables (see separate entry)
and shock waves 400-403
pumping mechanisms 50, 51, 210, 211-215
R (ordinary) stars (otherwise called R stars) 363
characteristics 6, 77
classification 6
color indices 13
composition 7, 20
evolutionary status 3
luminosity 3, 20, 21
masses 20
spectra 6, 15, 20
temperature 6, 24
R supergiant stars (see also HdC stars, nonvariable)
characteristics 7, 75-76
color indices 76
composition 8
correlation hydrogen deficiency/spatial distribu-
tion 17
correlation with RCB stars 69
infrared excess 76
luminosity 21, 22
radiation (see also radiative equilibrium; radiative
transfer)
radiative pressure on dust grains (see also dust,
mass loss by radiation pressure on)
274-277
radiative equilibrium 324-325
radiative transfer
plane-parallel layers 324-325
spherical atmosphere 232-238, 340-343
in circumstellar envelopes 213-214, 217,
232-242, 261,262
radio emission (see also emission, thermal; emission,
maser; flux)
from flares 17, 437-438, 440-441
from M dwarfs 430
millimetric observations of molecules (see also
molecular emission in radio range) 6,
245-246, 259-263
submillimetric dust emission 173, 259
variability in 33
radius (see also circumstellar envelopes, geometrical
extension of; diameter, angular; dust)
correlation with pulsation constant 53
generalities 1, 26, 41
photospheric 120
technique for evaluating 26, 53-54
rate of mass loss (see mass loss)
RCB stars
bimodal distribution 70
characteristics 7, 29, 67
classification 7
color indices 21, 67, 71, 73, 74, 75
composition 7
connection with helium stars 74
connection with nonvariable HdC stars 69
connection with planetary nebulae 70
eruptive stars 8, 29
evolutionary status 8
flux 70
gravity 8
infrared excess 69, 74
light curves 8, 30, 67, 70-71, 74
line radial-velocity/brightness relation 74
luminosity 21, 22, 69
modeling 68-69, 74
oscillations on light curves 71-74
period changes 87, 88
period of pulsation 8, 21, 71, 87
spectra 7, 67-68
spectral irreversible variations 87-88
spectral-type variation 67
temperatures 7, 8, 26
rotation 185, 189, 239
S stars
characteristics 8
color indices 8
composition 4, 8, 20
evolutionary status 2, 3, 8, 29
luminosity 20
masses 2O
spectra 8, 15, 20
temperatures 26
SC stars 9, 20
semiregular (SRa, SRb, and SRc) stars
chaotic process, randomness process (see vari-
ability in red giants)
characteristics 10, 29, 53
cycle (= period) of pulsation 53, 55, 58, 59
distribution among red giants 53
light curves 29, 53, 55, 56, 58
light variations/line radial-velocity variation
relation 51
luminosity/spectral-type relation 58
multiperiods 59, 61
period changes 55, 61
period/color indices relation 58
period/luminosity relation 58, 59
spectral irreversible variations in 84-87
superposition of periods 61
variation in light-curve amplitude with time,
with spectral class 56, 58, 61
shell (see circumstellar envelopes)
shock waves (see also moving atmospheres)
in chromospheres 301-302, 309-310, 393-404
and color-index variations 43
and dust grains 229, 231
and dust irradiation energy 186, 188
and masers in Miras 33, 216
and Mira light curves 39, 41, 48
in Mira variables 48, 119, 122, 123-125, 130,
140, 141-143, 148, 149, 254-255, 398,
399, 401-404
mass loss driven by 273, 277-278, 279,
309-310, 400-403
in semiregulars 63, 122-123, 125, 131, 143-144,
145, 146, 147, 148, 149
theory of 143, 393-397
SiO
maser emission 5, 17, 33, 34, 47, 51, 52, 58,
160, 168, 209, 210, 215, 216, 219, 247,
264-266, 299-300, 308
thermal emission 53, 113, 123, 216
solar/stellar connection 409-410
sound waves (see heating, nonradiative)
space distribution of red giants 17-19, 20
space motion of red giants 17-19
Space Telescope, observations with 84, 90-91
489
spectra
and classification 4
double-lined 118, 119, 120, 122
infrared (IR) (see also CO; infrared observa-
tions; radio emission; SiO) 5, 11, 121,
140, 171, 172-173
of barium stars 3, 9, 15, 20
of CH stars 8
of helium stars 8
of M stars 5, 14, 20
of MS stars 20
of N-type carbon stars 6, 14, 15, 20, 85-87
of R stars 6, 15, 20
of RCB stars 7, 67-68
of red giants (see also name of stellar type) 4
of S stars 8, 15, 20
of SC stars 20
violet (in C stars) 6, 7, 11, 171, 172
visible, source of 121, 168
ultraviolet (IUE) (see separate entry)
spectral lines (see absorption lines; emission lines; line
profiles; lines, individual)
sensitive to non-LTE (see departure from LTE)
spectrophotometry (see also photometry)
comparison with model predictions 347-353
in connection with bolometric flux determination
23
in connection with color-index variation 41
infrared (see also infrared observations, infrared
excess) 55, 69, 169, 171,189
and classification 6
ultraviolet (see ultraviolet spectra)
visible 73
super-super#ant stars (see hypergiant stars)
stars, individual (see Star Index)
stars, properties of (see also stars, individual; separate
entries)
barium stars 3, 9, 20, 21, 22
carbon-star cepheids 30
CH stars 4, 8, 9, 21, 22
CN-strong stars 8
CS stars 10, 19
HdC stars 4, 7, 21
helium stars 8, 22
Isb stars 30
lithium-rich stars (LRS) 9
M-dwarf stars 410-431
M-giant stars, 4, 5-6, 7, 10, 20, 22
Mira variables 22
MS stars 3, 19, 20
N-type carbon stars 2, 4, 6, 10, 19, 20, 21
nonvariable HdC stars 8, 21, 22, 77
OH-IR stars 5, 6, 10
R stars 3, 6, 7, 20, 21
RCB stars 7, 8, 21, 22, 68, 69
RVa stars 30
S stars 2, 4, 8, 19, 20
SC stars 10, 20
49O
starspots (see also magnetic fields)
observations of
in M dwarfs 432-435, 460-462
in giants and super#ants 184, 185, 186
statistical equilibrium (see also departures from LTE)
for CO in CS envelopes 259, 261
ionization equilibrium
in CS envelopes 248, 250, 264
in photospheres 378-380
of hydrogen in chromospheres 380-381
in photochemical reactions 295-299, 302-304
of molecules in CS shells 295-299, 302-304
theory of 374-375
stellar evolution (see also HR diagram)
AGB 1, 2, 4, 6, 9, 18, 19, 27, 88, 247, 255,
280-281
barium stars 3, 9
CH stars 9
CS stars 10
effect of mass loss (see mass loss, evolutionary
consequences of)
generalities 1, 2, 3, 4, 19
HdC stars 7, 87
helium (He)-shell flash 2, 7, 22, 27, 28, 45
helium stars 8
irregular variables 62
M stars 10
N stars 7, 27
nonvariable M stars 5
OH-IR stars 5, 6, 10, 28
planetary nebulae (see also separate entry)
281-283
R stars 3, 7
RCB stars 8
red giants in Magellanic Clouds 27-29
RGB 2, 22, 247, 255, 281
S stars 3, 8, 28
SC stars 10
semiregular (SRc) variables 56
temperature (see also chromosphere; circumstellar en-
velopes; color indices; dust)
color temperature (see separate entry)
effective temperature (see separate entry)
far-UV radiation temperatures of M giants 14
of flares 439, 441,468-469, 471-472
of red-giant photospheres 1, 191, 356-358
of line-forming region 119, 121, 138, 139
thermal equilibrium
in CS envelopes 304-306
thermal models (see model atmospheres)
time scale, short, variations on
in lines 47-48, 55, 56, 57, 71-73, 128, 131
in light curves 31, 46, 64, 66, 77
in colors 55, 66
time scale, long, variations on 56, 57, 59, 73, 88
transitionregion(seealso chromosphere, corona)
425-428, 467-468
turbulence,(see also convection; microturbulence)
in M-dwarf models 456, 458-460
in M-dwarf stars 443
in red-giant photospheres 361-362
ultraviolet (see also continuous spectrum; spectra,
violet)
deficiency, in carbon stars (see also flux) 6-7,
11, 86, 387-388
spectra
IUE (see also name of lines) 13-15, 63, 68, 69,
77, 80, 84, 126-128, 133, 136, 138, 144,
147, 362-363, 425-429, 436, 439-440
other satellites (BUSS, OAO) 13, 132, 136, 149
radiation field 153
variability in red-giant (RG) stars (see also Miras; SR;
L; RCB stars; OH-IR stars; pulsation;
stars, individual; time scale, variations
on)
chaotic process 59, 61, 63, 65, 66
distribution of the types of 30
line profile (see also emission lines; absorption
lines) 63, 68
origin 29
radial velocity (see separate entry)
in radio flux 33
randomness process 59, 63, 65-66
of spectral class with time 56, 57
spectral irreversible changes 78-88
and stellar classification 4
types of 29
ultraviolet (see also ultraviolet, spectra) 393
velocity, radial (see also circumstellar lines; name of
lines)
of center-of-mass of stars 113-114, 128
changes with phase (absorption lines) 116, 118,
121; (emission lines) 128-130
dependence on the excitation potential 115, 123,
130
dependence of the ionization potential 116, 123
of expansion 113
fields 161 in t_ Ori 385-387
fluid 144, 145, 168
gradients 15, 116, 130, 133, 142, 145, 156, 158,
165-166
histograms in Miras 123-124, 141
of mass outflow 266-267; correlation with
period 51
multiple components 118, 119, 123; in circum-
stellar lines 152-154, 159-161, 162, 165,
167, 168, 175
photospheric 42, 114, 152-154
S-shaped velocity curves
in Miras 118, 121, 122, 125, 130
in semiregulars 122-123, 125
systemic 113
waves (acoustic) (see heating, nonradiative, shock
waves)
weak G-band stars (see CH stars)
Wilson-Bappu effect
in Mg II lines 136
in Ca II lines 21, 22
winds (see also mass loss)
observations of 246, 268-269
Wing photometry (see photometry, Wing system)
X rays 11, 13, 14, 90, 429-431,437-438, 456, 467-473
Zeeman effect (see also magnetic fields)
in giants and supergiants 189
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STAR INDEX
And, 6, 13, 78, 136, 155, 158, 161,348, 348
FF And, 416, 417, 422, 433
GQ And, 411, 417, 431
HH And, 431
R And, 31, 44, 45, 46, 115, 132, 138, 179, 260, 356
RU And, 55
SV And, 46
UR And, 64
W And, 44
Antares (see _ Sco)
SAps, 7, 71, 76, 87, 88, 88
HS Aqi, 45
RR Aql, 267
R Aql, 17, 31, 33, 34, 35, 36, 38, 45, 48, 51, 171, 172,
189, 267
S Aqi, 32, 55
V Aql, 29, 62, 63
W Aql, 260
V374 Aql, 30
V1285 Aql, 417
V1298 Aql, 411, 416, 417, 431
FK Aqr, 433
R Aqr, 13, 31, 39, 79-85, 82, 83, 90, 282
RS Aqr, 13
V Aqr, 55
Z Aqr, 46, 55
T_Ara, 9, 376
Arcturus, 26, 359, 360, 361,374
RZ Ari, 356, 391
TX Ari, 417, 431
VY Ari, 433
_"Aur, 254, 333
lr Aur, 77
DY Aur, 30
NV Aur, 170
R Aur, 44
RV Aur, 61
S Aur, 64
UU Aur, 55, 87, 139, 169, 170, 329, 337, 351, 354,
355, 355, 390
UV Aur, 123
Bctelgeuse (see _ Ori
ct Boo, 252, 264, 344, 378, 400
e Boo, 433
R Boo, 179, 181
RX Boo, 43, 43, 55, 58, 62, 164, 251, 252, 260, 356
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U Boo, 32, 45
V Boo, 55
R Cae, 31
R Cam, 34, 41
RU Cam = BD +69°417, 30, 77
S Cam, 61
TX Cam, 170
U Cam, 61
UV Cam, 61
XX Cam, 7-8, 30, 69, 70, 71, 73, 73, 77
# Cap, 253
Cap, 22
Z Cap, 39
R Car, 32, 46, 181
S Car, 39, I16, 136, 140, 140, 141
0 Cas, 22, 30, 57, 58, 269
R Cas, 32, 34, 39, 51, 52, 62, 170, 172, 173, 216, 260,
300
T Cas, 32, 36, 38, 41, 46, 47
TZ Cas, 30
UV Cas, 67, 69, 70
UX Cas, 30
V Cas, 45
V358 Cas, 417
W Cas, 39
WZ Cas, 9, 30, 55, 132, 356, 376, 387
XY Cas, 41
Y Cas, 34
Z Cas, 39
tx Cen, 423
Proxima Centauri, 427, 465, 472
R Cen, 31, 39, 40, 44, 45, 181
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RS Cen, 38, 45
RT Cen, 38, 39
RV Cen, 126
T Cen, 55
UW Cen, 72, 73, 75, 88
V Cen, 38
V545 Cen, 46
V645 Cen, 417, 423, 431
W Cen, 42
/z Cep, 22, 26, 54, 55, 63, 63, 65, 66, 80, 131, 138,
143, 144, 149, 158, 159, 162, 164, 164, 166, 169,
170, 172, 173, 175, 176, 182-184, 185, 186, 250,
251, 253, 257, 260, 277, 277
DO Cep, 411, 417, 431
RW Cep, 139
T Cep, 39, 41, 41, 45, 46, 48
VV Cep, 63, 63
ct Cet, 78, 189
o Cet = o Ceti = Mira, 17, 29, 31, 32, 34, 35, 36, 36,
37, 38, 38, 39, 43, 44, 46, 47, 48, 80, 91, 115,
116, 126, 127, 129, 130, 131, 134, 139, 140-141,
142, 143, 149, 152, 153, 159, 160, 161, 168, 170,
172, 173, 175, 176, 176, 177-181, 178, 179, 180,
181, 185, 186, 187, 188, 260, 263, 282, 402, 403
R Cet, 38
U Cet, 39
UV Cet, 411, 413, 416, 417, 421, 423, 426, 427, 431,
432, 433, 434, 440, 461,470
X Cet, 39
R Cha, 41
6 CMa, 57
a CMa, 158
S CMa, 58
VY CMa, 33, 55, 63, 63, 64, 236, 239, 240, 259, 300
W CMa, 63
S CMi, 35, 36, 37, 38, 39, 40, 260
U CMi, 39
W CMi, 64
YZ CMi, 417, 419, 420, 421, 423, 426, 427, 428, 431,
433, 437, 438, 440, 440, 461,470, 472
R Cnc, 44, 45
RS Cnc, 55, 170, 257, 260
T Cnc, 55, 122, 123, 131
V Cnc, 44
X Cnc, 25, 55, 61, 62, 355
T Col, 39
VW Corn 417
R CrB, 7, 8, 20, 30, 66-68, 69, 70, 71, 72, 73, 74, 77,
91, 127, 138, 175
S CrB, 34, 35, 35, 46, 50, 176
V CrB, 122, 123, 176, 356
R Crt, 55, 58, 400
Cru, 136
BH Cru, 44
R Crv, 39
RS CVn, 434, 435, 437, 438, 440
TT CVn, 65
V CVn, 171, 175, 176, 181, 181, 185, 188
Y CVn, 55, 58, 139, 353, 354, 355, 357, 387
X Cyg, 2, 11, 12, 26, 29, 31, 32, 34, 36, 37, 39, 40, 41,
43, 44, 48, 116, 117, 118, 119, 120, 121, 125,
126, 127, 129, 130, 136, 137, 138, 138, 140, 143,
152, 154, 161, 167, 168, 254, 260, 269, 279, 302,
309, 356, 363, 393
31 Cyg, 227, 254
32 Cyg, 254
61 Cyg, 423, 426, 465, 466
AD Cyg, 63
BC Cyg, 12
CO Cyg, 30
CH Cyg, 13
LW Cyg, 43
NML Cyg, 33, 58, 236, 239, 260, 316
P Cyg, 12, 31
R Cyg, 31, 32, 39, 126, 135
RS Cyg, 55
RT Cyg, 39, 40, 124, 141-142, 142
RW Cyg, 55, 170, 257
SV Cyg, 64
TT Cyg, 55, 62
TU Cyg, 45
U Cyg, 12, 31, 122, 123, 136, 356
V Cyg, 17, 31, 48, 169, 172, 189, 260
V460 Cyg, 63, 359
V462 Cyg, 45
V734 Cyg, 45
VI016 Cyg, 13, 31, 85, 91
V1396 Cyg, 411, 411, 433
V1489 Cyg, 170
WX Cyg, 9, 376
Z Cyg, 45
R Dor, 55, 62, 382
R Dra, 39
BY Dra, 24, 411,411, 413, 417, 424, 429, 431, 432,
433, 435, 435, 436, 442, 443
CM Dra, 411,411,413, 414, 417, 433
CR Dra, 416, 417, 429, 431
RY Dra, 55
T Dra, 31
UX Dra, 55, 59
Eri, 423, 424, 444
V Eri, 136
CC Eri, 433
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RT Eri. 46
40 Eri C. 431
R For. 39
n Gem, 390
Gem. 78, 136
6 Gem, 260.
BM Gem, 64
R Gem. 39, 40. 138. 172
RS Gem, 55. 59, 60
TV Gem, 55
YY Gem. 411,411. 414. 416, 417. 431. 433
T Gru. 38.47, 42
Her, 54. 63. 132. 136. 138. 148. 152. 153, 159. 164.
164, 166. 245.249, 250. 251, 253. 254. 260. 264.
277. 277. 291
AC Her, 30
g Her. 189
DQ Her. 271
RR Her. 122, 123. 131. 149
RU Her. 179
SS Her. 38. 39
U Her. 33.34, 35, 39. 43. 45. 51, 170. 176. 179. 181
V 639 Her. 417
W Her. 45
X Her, 164. 251, 253
R Hor, 42
THor. 39
TW Hor, 56. 56. 127, 128. 132, 133, 134. 143, 144.
147-148. 148. 149. 387. 393
R Hya. 31, 34, 39. 45.46, 129. 130, 138, 179
RT Hya, 30
RV Hya. 33
T Hya, 41
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U Hya. 63
V Hya. 12. 46-47. 63. 122. 123. 131. 149, 260
W Hya, 35.45. 164. 253. 385
SY Hyi, 22
e Ind. 423
R Ind, 41
T lnd. 55. 132. 148
AR La¢. 437
EV Lac, 417. 421. 422. 465. 472
72 Leo, 148
AD Leo, 417, 421. 422. 431, 441,465. 472
CN Leo. 413, 417. 421. 431
CW Leo (see IRC + 10216)
R Leo. 33. 34. 48. 115. 116. 121. 125. 129. 130. 131,
134, 139. 140, 152, 164. 167, 169. 170. 188, 189,
251, 260. 300, 402
VY Leo = 56 Leo, 55. 59
R Lep. 29. 31. 39. 122. 123. 169. 170. 179. 181
RX Lep, 64
S Lep. 182, 185
¢ Lib. 158
X Lib. 45
R LMi. 12, 34. 170. 260
R Lup. 46
Lyn. 161
R Lyn. 34
Y Lyn, 55.64
# Lyr, 260
HO Lyr. 45
R Lyr. 55, 134. 154. 260
T Lyr. 63, 161
W Men, 22
AT Mic, 411, 421, 423, 426, 427, 431, 433
AU Mic. 421, 422. 423, 426, 427, 428. 431. 433
Mira (see o Cet)
SU Mon, 63
U Mon. 179
V Mort, 41
V577 Mort. 411. 417. 421, 422. 431
CR Mus, 39
R Nor. 39
T Nor, 41
e Oct, 400
R Oct, 42
S Oct. 42
80ph, 153
TW Oph. 25
V Oph. 39, 122, 123
V1054 Oph. 411, 417, 431
X Oph. 122
Ori = Betelgeuse, 2. 11.12, 13, 14, 15. 17, 26. 54,
55.57. 63.65-67. 90, 91, 122, 127, 132. 133,
135. 136, 137, 138. 143. 144--147. 145. 148, 148.
149. 150, 151, 152, 153, 153. 154. 155, 155. 156,
158, 159. 160, 161,161, 162, 163. 164, 164, 165,
166, 167, 168. 169, 170. 172, 177, 182-184. 183.
186-187, 189. 190-193, 192. 193, 219. 229, 230,
235, 237. 240. 241. 245. 248. 249. 250. 250, 251.
251, 252, 252, 253, 257, 260, 261.261. 262, 263,
264. 267. 269. 270-271, 27/, 274, 276, 277. 277.
278. 279, 291. 294. 300, 301. 307. 308. 316, 318,
344, 349. 359, 361. 383, 385. 386, 386. 387
x Ori. 430
BL Ori. 63. 148
S Off, 30
U Off. 31.33. 34. 35.39, 51. 115, 126. 170, 267
V352 Ori. 30
V371 Off, 417
V998 Ori, 431
VI005 Off. 417. 424, 433
W Off. 55
R Pay, 39
S Pay, 37.42
II Peg, 423. 433, 436, 437, 441,442
Peg, 13, 30. 144, 145, 148. 149, 154, 158, 249. 253.
348. 348, 385
Peg, 78
EQ Peg. 423, 431. 465
GT Peg. 421. 433
RZ Peg. 136, 356
X Per, 64
Q Per. 30, 55, 253. 260
S Per, 30, 34, 55, 58.60. 63, 63. 64. 170, 257
U Per, 46
UZ Per. 59
V384 Per, 170
Y Per, 46
T Phe, 46
TW PsA. 433
X Psc, 387
TX Psc. 11, 12. 25.63, 64, 116, 132. 138. 148, 148.
150. 337. 355, 363, 373, 387
Z Psc, 355
19 Psc, 351
L 2 Pup. 55. 175, 176, 182, 185. 400
SU Pup, 126
W Pup. 39
Ross 986, 431
R Sci, 260
c_ Sco = Antares. 13, 57. 63, 65. 90. 132. 136, 151,
152. 154. 154, 159. 160, 161. 163-164. 164, 166,
247, 250. 251, 252. 254. 260, 264, 265. 267. 276.
277
AH Sco, 134
497
RSSco,42
SSct,55
SSer,45
FKSer,16,433
WX Ser, 51,267
Sge, 254, 260
HM Sge, 13, 31, 91
AQ Sgr, 25, 356
GU Sgr, 72
MV Sgr, 8, 22, 26, 45, 70
RT Sgr, 41
RU Sgr, 39
RY Sgr, 7, 8, 30, 67-68, 69, 70, 71, 72, 72, 74, 75, 75,
76, 77, 87
SZ Sgr, 25
T Sgr, 9, 39
WX Sgr, 33
V348 Sgr, 26
V1216 Sgr, 417
V1280 Sgr, 46
VX Sgr, 22, 55, 58, 63, 63, 64, 170, 257
ct Tau, 66, 252, 400
119 Tau, 78, 153, 253, 260
CE Tau, 170, 257
IK Tau, 170
NML Tau, 33, 43, 51, 176, 260
RV Tau, 179
SU Tau, 30, 67, 70, 71
T Tauri, 424
W Tau, 45
Y Tau, 25
RR Tel, 13
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RS Tel, 25
T Tuc, 39
U Tuc, 46
R Tri, 39, 41, 43, 44
83 UMa, 78
CF UMa, 413
R UMa, 32, 39, 40
S UMa, 32, 39, 40
SZ UMa, 417, 422, 466
VY UMa, 63
WX UMa, 417, 431
R UMi, 55
U UMi, 39
6 Vir, 78, 91
DT Vir, 417, 433
EQ Vir, 421, 422, 423, 426, 433, 465, 466
FI Vir, 411, 417
FL Vir, 411, 417, 431
R Vir, 38, 39, 41, 46
RS Vir, 34
SS Vir, 31, 39, 40, 44
SW Vir, 55,253
W Vir, 142
WX Vir, 356
S Vol, 39
et Vul, 161
Wolf 630 C, 431
Wolf 1561, 431
AF GL 2688, 299
AGL 809, 170
AGL 865, 170
AGL 2136, 170
AGL 2205, 170
AGL 2290, 170
AGL 2885, 170
AGL 3099, 170
BD-17°4889 78
BD +02°3326 78
BD + 10°2179, 8, 77
BD +13°3224 8, 77
BD + 19°3109 78
BD +20°5071 77
BD +26°730 441
BD +37°442 77
BD +56°595 155, 157
BD +57'2161 78
BD +69°417 (see RU Cam)
CIT 6 = GL 1403, 176, 195, 239, 260, 269, 299, 301
CRL 2155, 260
CRL 2199, 260
CRL 2688, 260, 317
CRL 3068, 260
DM + 01 2684, 431
DM + 36 2322, 431
G 51-15,416, 417
GL 867A, 428
HD 1326A, 423, 426
liD 6860, 13
HD 20234, 363
HD 35155, 352
HO 37212, 148
HD 42581, 431
liD 44179, 80
HD 52432, 148
HD 59643, 31, 85, 86, 86, 91
HD 80943, 87
HD 88230, 423, 426
HD 95735, 423,426
HD 95950, 134
HD 100029, 13
HD 100764, 7, 18
HD 124448, 8, 77
HD 137613, 8, 22, 77
HD 148839 8
HD 156074 7, 20
HD 160641 77, 78
HD 168476 8, 77, 88
HD 173409, 8, 22
HD 175893, 8
HD 182040, 7, 8, 18, 20, 22, 77, 88, 363
HD 202560, 431
HD 207076, 164, 251, 382
HD 216131, 13
HD 214479, 431
HD 217906, 14
HD 224085, 442
HD 264111, 77
HR 8714, 9
HR 8752, 269
HV 5637, 7, 22
HV 12842, 22
Hyades, 472
IC 418, 260
IRC - 10236, 260
IRC - 10529, 33
IRC + 10011, 33, 51,260, 261,261, 265
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IRC + 10216 = CW Leo, 2, 33, 159, 161, 167, 168,
170, 171, 172, 175, 190, 193-195, 194, 209, 210,
216, 216, 217, 217, 218, 219, 220, 220, 221,230,
238, 239, 260, 261,263, 267, 269, 270, 282, 291,
293, 294, 295, 295-299, 300, 304, 305, 305, 310,
311,311, 312, 312, 313, 314, 314, 315,316, 317,
318
IRC - 10236 260
IRC +20326 260
IRC +20370 260
IRC + 40485 260
IRC +40540 260
IRC +50137 33
IRC + 50096 260
IRC +50357 170
IRC +60370 170, 257
L 789-6, 431
NGC 6543, 260
NGC 7027, 260, 299
OH 1.5 - 0.0, 266
OH 2.2 - 1.7, 266
OH 2.6 - 0.5, 266
OH 17.7 - 2.0, 17
OH 19.2 - 1.0, 267
OH 26.2 - 0.6, 267
OH 26.4 - 1.9, 267
OH 26.5 + 0.6, 17, 265, 266, 267, 269
OH 28.7 - 0.6, 267
OH 30.1 - 0.2, 267
OH 30.7 + 0.4, 267
OH 31.7 - 0.8, 267
OH 32.8 - 0.3, 267
OH 39.9 + 0.0, 267
OH 45.5 + 0.1,267
OH 231.8 + 4.2, 260, 300
SAO 31070, 442
SAO 91592, 442
Yale 4794, 459
Yale 3501, 459
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